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Chapter 2
Technical background

2.1 Stellar spectroscopy
Although photometry can be used to estimate the metallicities of stars (e.g.
Da Costa & Armandro! 1990; Armandro! et al. 1993; Saviane et al. 2000), for
detailed and accurate chemical abundance analyses, spectra are needed. In the-
ory, high-resolution (HR) spectra (typically R " 15, 000)1 have a big advantage
over intermediate- or low-resolution (LR) spectra (R ! 7, 000), since more atomic
and molecular lines are resolved, and the blending of individual lines is reduced,
thus providing more accurate abundance measurements, of more elements. In
practice, however, it is not always feasible to observe fainter stars at very HR,
due to larger relative noise per pixel, compared to LR. Also, depending on the
strength of the lines in question, not all abundance measurements require HR
(e.g. the strong Ca II triplet at !8600 Å), and exposure times can be reduced
and/or signal-to-noise increased by going for lower resolution.

Another important property of spectra is the wavelength coverage. Some
elements, like Fe, have multiple lines throughout the entire optical wavelength
range, while others, such as sulphur and carbon, can typically only be measured
at distinct wavelength ranges. This is one of the reasons why Fe is commonly used
as a reference element, since its relatively easy to measure. In low-metallicity
stars, where atomic and molecular lines are weaker and less abundant than in
their more metal-rich counterparts, carbon is most easily measured with the CH
molecular band at !4400 Å; sulphur with the S I triplet at !9200 Å, and usually
the only available lines of Zn are around !4800 Å.

Spectrographs have di!erent strengths and weaknesses, depending on the sci-
entific questions involved. The spectra used in this thesis, come from two spec-
trographs, UVES and FLAMES/GIRAFFE at the ESO Very Large Telescope
(VLT), located at the Paranal Observatory in Chile.2

1 R = "/!"
2 http://www.eso.org/sci/facilities/paranal/instruments.html
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UVES is a single-object, HR spectrograph with a resolution of !40,000, when
a slit of 1-arcsec is used. The spectrograph can cover wavelengths from 3000
to 11000 Å, though not all at once, but typically a few thousand Ångström per
spectrum. The Fibre Large Array Multi Element Spectrograph (FLAMES) is a
multi-object wide-field instrument, which can be used to measure !100 stars at
the same time. FLAMES is connected to the GIRAFFE spectrograph which has
two gratings, LR and HR. In this thesis the HR mode is used, with has a typical
R ! 20, 000, and the ability to cover 3700 to 9400 Å, although not simultaneously.
The wavelength coverage ranges from few tens of Ångström up to few hundreds,
depending on the chosen setup. In this work, the MEDUSA observation mode
was used, consisting of #130 fibres that can be placed on individual stars and
exposures of the sky.

2.1.1 Data reduction
Before observed spectra can be used for chemical abundance determination, the
data frames have to be reduced, and corrected for various instrumental e!ects. If
the goal is to measure weak lines in faint stars (as is done in Chapters 3 and 4),
these calibrations and corrections need to be handled with care. Many of these
steps are typically done via automated pipelines3:

• Bias subtraction: To ensure the positivity of the signal, a bias level is
applied to the CCD. This needs to be corrected for by subtracting bias
frames (a closed shutter readouts to determine the bias level), from the
science frame. The bias frames are generally noisy due to readout noise
(the amplifier(s) involved add some noise to the signal when reading the
detector), which can be minimized by combining several bias frames.

• Flat-fielding: This is needed to correct for the non-uniformity of the CCD,
e.g. due to the varying sensitivity of di!erent pixels, or detector defects.
The variations can be detected by imaging a spatially flat source, like the
twilight sky or an illuminated screen in the telescope dome. The science
frames are then corrected by dividing with this flat-field frame.

• Wavelength calibration: The pixels of the CCD in the dispersion di-
rection need to be calibrated onto an absolute wavelength scale, which is
typically done using arc lamps, which have emission lines with well defined
and accurately known wavelengths.

3 In the case of ESO instruments, such as UVES and FLAMES, the relevant pipelines are
provided online: www.eso.org/sci/software/pipelines/
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• Extraction: The 1D spectra are extracted from the 2D CCD. This is
straight forward for FLAMES data as the spectra all lie in a consistent
position on the CCD. For slit spectrographs observing at high spectral res-
olution, like UVES, the spectra are split into orders, to distribute the light
over the area of a CCD in an e#cient way. In this case the position of the
object in the slit needs to be identified and the orders need to be combined
into one continuous spectrum as part of the extraction process.

In addition to correcting the raw science frames for instrumental e!ects to
obtain 1D spectra, various other corrections need to be made before the spectra
can be used for accurate abundance analysis:

• Sky subtraction: The contribution from the sky, both via sky lines and
continuous emission, needs to be subtracted from the spectra. With slit
spectroscopy, like UVES in slit mode, typically enough sky is observed be-
side the object to use for this correction (and that is often done via pipelines,
simultaneously with the extraction of the spectra). Otherwise, the sky needs
to be observed separately, before or after the science exposure. With multi-
fibre spectrographs such as GIRAFFE, some of the fibres must be put on
the sky. These di!erent exposures can then be combined into a master sky
(to minimize the e!ects of readout noise), and subtracted from the science
fibres.

• Telluric lines: Some of the light of the target stars is absorbed by molecules
in the Earth’s atmosphere, creating absorption lines in the spectra that do
not originate from the stars. The severity of the e!ect varies greatly with
wavelength range, and in some cases, especially in the near-IR (e.g. around
the S I triplet at !9200 Å), needs to be accounted for. Contamination from
telluric lines can be corrected for, either with synthetic spectra of the tel-
luric lines (as in Chapter 3), scaling this to match the observed spectrum,
or by observing a bright star with few or no intrinsic absorption lines (as
in Chapter 5).

• Heliocentric velocity correction: The observed spectra need to be cor-
rected for the movement of the Earth around the Sun with respect to the
target of the observations.
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• Cosmic ray removal: High energy particles from space randomly hit the
CCD, and can generate spikes distributed over a few pixels. If only a single
frame is observed, cosmic rays can be removed by interpolation. For multi-
ple frames, as in all the cases presented in this thesis, the cosmic rays can
be rejected when the di!erent exposures are combined and sigma clipping is
applied to remove pixels with much higher values than that expected from
the typical scatter of the observations for a given pixel.

• Continuum evaluation: The spectra are normalized, generally by di-
viding with a polynomial, fitting the continuum in line free regions of the
spectra. Errors in continuum evaluation will e!ect the abundance measure-
ments directly, and also, to a lesser degree, the abundance ratios.

2.2 Stellar atmosphere models
In addition to the abundance of a given element, the physical conditions in the
photosphere of stars directly influence the line profile of a given element in a
spectrum. Generally the stellar atmosphere models used, are calculated assuming
1D and local thermodynamic equilibrium (LTE) where the line is formed. These
models can be described using only few parameters: E!ective temperature Te!,
surface gravity log g, microturbulence velocity vt and the metallicity.

In this thesis, spectra for !85 RGB stars were taken, overlapping with a
sample previously observed by the DART team. For these stars, the stellar pa-
rameters and [Fe/H], were determined by Hill et al. in prep, using spectroscopic
temperatures and gravity, and equivalent width (EW) measurements were used
to determine abundances. For the CEMP-no star, observed with UVES in slit
mode (Chapter 5), and a sample of 15 new stars (Chapter 4), the stellar param-
eters were determined using photometric Te! and log g, and synthetic spectra for
abundance determination. This approach will be described briefly in the following
sections.

2.2.1 E!ective temperature, Te!

The e!ective temperature, Te!, of a star is the temperature of a black body
which emits the same amount of radiation, F! = "T 4

e!. The e!ective temperature
can be derived in many ways. One of the more commonly used methods is
determining Te! spectroscopically (as done by Hill et al. in prep.), by requiring
that the abundance of an element is independent of the excitation potential of
individual lines, #ex. This is to ensure the stellar atmosphere model is accurate
and gives robust abundances for all lines i.e. that there is no trend in abundance
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measurements with #ex. Since this puts some constraints on the surface gravity,
log g, as well, degenerate solutions may be formed.

Another method is the so called Infrared flux method (IRFM), where the flux
in the IR to the total bolometric flux is compared to models, to find the best
fit for Te! (Blackwell et al. 1979, 1980; Ramírez & Meléndez 2005a). Although
this method is very accurate, it is iterative and time consuming, so an empirical
relation has been calculated between photometric colours and Te! derived with
this method (Alonso et al. 1999; Ramírez & Meléndez 2005):

Te! = 5040
$e!

+ P (X, [Fe/H]) (2.1)

where

$e! = a0 + a1X + a2X
2 + a3XFe/H] + a4[Fe/H] + a5[Fe/H]2 (2.2)

Here, X is the colour (such as B-V or V-I), and ai are the coe#cients of the fit,
provided for various photometric colours, both for dwarf and giant stars. The
correction polynomial is !5

i=0 Pixi, where the coe#cients Pi are dependent on
colour and metallicity, given specifically for dwarfs and giant stars. If enough
photometry is available, several di!erent colours can be used to derive Te!, to
make the determination more accurate.

2.2.2 Surface gravity, log g

The surface gravity of a star is defined as g! = GM!/R2
!, where M! is the star’s

mass, and R! its radius. Among other methods, such as using isochrones or
pressure broadening in the wings of strong lines, the surface gravity can be mea-
sured spectroscopically. Electron pressure in a stellar atmosphere changes the line
strengths, and this a!ects the ionization species di!erently (high pressure drives
the equilibrium towards a neutral state). Therefore the log g can be determined
by requiring that two ionization states of the same element, such as Fe I and
Fe II, or Ti I and Ti II, give the same result. To some degree the pressure is
influenced both by Te! and log g, so degenerate solutions may occur. While using
this method, it is also important to be aware of deviation from the normally as-
sumed local thermodynamic equilibrium, i.e. non-LTE e!ects, that might a!ect
the ionization states di!erently.

If the distance to the star is known, its absolute bolometric magnitude, Mbol,!
can be calculated, and the photometric gravity obtained using the standard re-
lation:

log g! = log g# + log M!

M#
+ 4 log Te!,!

Te!,#
+ 0.4(Mbol,! " Mbol,#) (2.3)
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Figure 2.1: Example of equivalent widths (EW) for two lines. In a normalized spec-
trum the continuum level is CL = 1.

2.2.3 Microturbulence velocity, vt

The microturbelent velocity of a star, vt, is scaled to ensure that the abun-
dance measurements are not dependent on the strength of the individual lines
that are being used. Therefore, vt can be determined by requiring that abun-
dances measured from lines of a single species, typically Fe I, show no trend
with the strength of the line, log(EW/%). Typical values for low mass giants are
vt = 1 " 2 km/s.

2.2.4 Metallicity, [Fe/H]
The metal content of a star is an important parameter in determining its photo-
spheric properties. Typically, [Fe/H] is used as proxy for metallicty, and the rest
of the element abundances in the stellar models are scaled to the same abundance
ratios to Fe as in the Sun. However, some models also include di!erent variations,
such as enhanced or depleted !-element abundances.4

2.3 Abundance determination
2.3.1 EW vs synthetic spectra method
Once the stellar parameters, needed to describe the stellar atmosphere model,
have been determined, a synthetic spectrum can accurately be created where the
only variables are the abundances of the di!erent elements seen in the spectrum.
Traditionally this has not been easy to do for a number of reasons and hence the
4 http://marcs.astro.uu.se/
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classical approach is to measure the EWs of the individual absorption lines and
compare them with model predictions for the same.

The EW is defined as the width of a rectangle going from 0 to the level of
the continuum (1 in normalized spectra), which covers the same area as the real
line, see Fig. 2.1. For given stellar parameters, the EW can be converted into
a chemical abundance. One of the main advantages of this method is that the
EW is straight forward to measure, and for weak lines grows proportionally with
abundance. Published EWs are also easy to transform into new abundances, with
alternative models of the star.

Synthetic spectra can be built up using stellar atmosphere models, and atomic
libraries, in the relevant wavelength range, at the appropriate resolution. Sev-
eral synthetic spectra are made, assuming di!erent chemical abundances for the
element being measured. The synthetic spectrum that gives the best fit to the
observed line, reveals the measured chemical abundance. An advantage of this
method is that it takes the entire line profile into account when measuring the
abundance, instead of parametrizing it into a single number. With this method,
accounting for blending from contaminating lines comes automatically, and there-
fore it is easy to recognize unblended lines, given, of course, that the atomic library
used is reliable.

2.3.2 Line list

An important aspect of stellar abundance measurements is choosing the appro-
priate line list to measure a given element. With HR spectroscopy, for several
elements, such as Fe, usually many di!erent absorption lines are available. There-
fore it becomes important to choose lines that have reliable atomic parameters,
and are strong enough to be reliable at the given S/N, but not so strong that the
wings dominate. Also, when possible it is good to limit the choice to lines that
are not heavily contaminated by neighbouring lines. For other elements, such as
S, sometimes there are only few available lines, and it becomes more important
to ensure in advance that the spectra will be of su#cient quality for the abun-
dance measurement. Which lines of an element are appropriate for a given star
is completely dependent on its stellar parameters and metallicity, as well as the
spectral resolution and S/N of the spectra.

With the synthetic spectra method, the easiest way to build a line list, is
simply to make a synthetic spectra for the problem star, with and without the
relevant element, and choose lines that are strong enough, and not too blended.
Another common way is to use a line list from the literature as a base, and
add/subtract lines as required.
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2.3.3 Corrections
Once the line list has been chosen, it is important to keep in mind that the
stellar atmosphere models assume 1D and LTE. Although, in most cases this
is a reasonable assumption, for some lines the e!ects of 3D and NLTE can be
significant, and corrections to the measured abundance are needed. One example
of this are the lines of the S I triplet at !9200 Å, which su!er from NLTE e!ects
that need to be accounted for (see Chapter 3).




