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1
Introduction

PLANETARY NEBULAE are fundamental to understand the chemical evolution in galaxies.
Understanding this stage of stellar evolution enables us to understand how the galaxy

changes and evolves. The galaxy is experiencing a chemical evolution caused by the life
and death of stars. During their lives, nuclear reactions taking place in the interiors of stars
synthesize all the elements we see today. Periods during which mixing takes place bring
these elements to the surface of the star. Towards the end of their lives, stars suffer a series of
not very well understood mass loss episodes, feeding heavy elements back into the interstellar
medium from which future generations of stars will be formed. Without these heavy elements
planets would not have formed and life would never have evolved on Earth.

The end phase of a star’s life is therefore crucial to fully understand the implications of
stellar evolution and the impact upon the chemical evolution of our galaxy. The manner in
which stars die depends on their original mass. In low and intermediate mass stars (∼1-
8 M�) death is preceded by the so-called planetary nebula phase. Our Sun will become a
Planetary Nebula in some 5 billion years. Because by far most stars have masses below 8
M�, the planetary nebula phase must be a very common process in the universe. In this
phase the material is ionized by the hot (∼100 000 K) central star. The ejected material
offers an excellent opportunity to study how low and intermediate mass stars contribute to
the enrichment of the galaxy, how these elements are produced and brought to the surface,
and how the star interacts with the previously ejected material.

As an aside, the name Planetary Nebula was given for the first time by William Herschel
(1738-1822) in the 18th century. He studied thoroughly the nebulous objects of the catalogue
published by Charles Messier in 1784 (now known as the Messier Catalogue). Herschel
believed that most of the nebulous objects in the Messier Catalogue could be resolved into
stars. He was right and we know now that these objects are galaxies. The others he called
Planetary Nebulae because he found them similar to Uranus, the planet he had recently
discovered. It was not until the 1950’s that we learned that PNe represent the latest stages of
evolution of low and intermediate mass stars.
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Figure 1.1–. Hertzsprung-Russel diagram showing the evolution of a low mass star. Different phases
of stellar evolution are indicated together with the main mixing episodes (within squares). The spectral
types (Cox 2000) are given on top. The acronyms correspond to: MS→Main Sequence, RGB→Red
Giant Branch, AGB→Asymptotic Giant Branch, HBB→Hot Bottom Burning, PN→Planetary Nebula.
This plot is courtesy of Sacha Hony.

1.1 Evolution of low and intermediate mass stars
A discussion on the evolution of low and intermediate mass stars can be found in Osterbrock
(1989). Descriptions of the mixing episodes occurring during the evolution of these stars are
given by Renzini & Voli (1981); Iben & Renzini (1983), and more recently by Lattanzio &
Forestini (1999).

1.1.1 From the cradle to the grave

In Fig. 1.1 the evolution of a low mass star in the Hertzsprung-Russel diagram is shown. Stars
spend most of their lives on the Main Sequence (MS) burning hydrogen in their core. When
the hydrogen in the nucleus is exhausted, the helium core contracts and, for stars with masses
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.2.5M�, this core becomes degenerate. Hydrogen fusion starts in a shell around the core
and the star moves to the Red Giant Branch (RGB). The temperature in the core increases
and at some moment becomes high enough to begin helium burning in the core (hydrogen
burning continues in the shell), placing the star on the Horizontal Branch (HB). In stars with
masses .2.5M� helium burning is degenerate (helium-flashes). The helium burning results
in a degenerate carbon and oxygen core. When all the helium in the core is burned the star
moves to the Asymptotic Giant Branch (AGB). This phase is characterised by two burning
shells, one of helium around the nucleus and one of hydrogen further out1. The structure of a
star in the AGB phase is illustrated in Fig. 1.2. During the AGB the star suffers mass loss via
a slow wind (∼10 km/s). At some – not well understood – moment, the star experiences a
much severe mass loss (accompanied by a super-wind) which results in the ejection of most
of the envelope of the star. As a consequence of the mass loss inner parts of the central star are
exposed. These are very hot and eventually the far ultraviolet photons emitted by the central
star are able to ionize the previously ejected envelope. The star becomes a Planetary Nebula
(PN). When the thermonuclear reactions stop, the central star cools down (is no longer able
to ionize the ejected material) and continues to cool as a White Dwarf (WD). The remnants of
PN are returned to the interstellar medium, mix with other material present, waiting to form
a new star.

1.1.2 Nucleosynthesis

We shall briefly explain here the reactions by which stars burn hydrogen and helium, but for
a detailed description on these reactions we recommend the reader to look in Clayton (1983).

Stars can burn hydrogen in their cores either via the so-called pp-chain (proton-proton
chain) and CNO-cycle. The result of both reactions is the conversion of hydrogen into helium.
In the CNO-cycle, carbon, oxygen and nitrogen act as catalysts for hydrogen to produce
helium. The CNO-cycle has a strong dependence on temperature. Since the temperature in
the core of stars increases with mass, for stars with masses .1.2M� the hydrogen fusion is
dominated by the pp-chain, and for stars with masses higher than that by the CNO-cycle.
The helium burning occurs via the triple-alpha reaction where 12C is produced. Some 12C
and 4He can fuse and produce 16O. During the asymptotic giant branch some reactions in
the helium burning shell may occur in which neutrons are released. These neutrons may be
captured by heavy species and in this way the so-called s-process elements are formed.

1.1.3 Mixing episodes during the evolution

In the course of evolution, stars experience a series of mixing episodes in which nucleo-
synthesized material from the inner regions of the star is mixed to the surface. These pro-
cesses are indicated in Fig. 1.1 and are summarized here:

• First dredge-up. At the base of the Red Giant Branch, the convective envelope extends
deep to regions where partial hydrogen burning via the CN cycle has taken place. The
surface abundance of 4He is enhanced and that of H depleted. Since 12C has been
converted partly into 13C and 14N, the surface abundance of 12C is depleted and that
of 13C and 14N increased. 16O remains almost unaffected.

1During this phase the helium and hydrogen shell are not always active.
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• Second dredge-up. This occurs early in the asymptotic giant branch phase for stars
with original masses larger than 3-5M� (the limit depends on the composition). In
these stars as the helium burning core moves to the shell the hydrogen burning shell is
extinguished. This allows the envelope to penetrate into the helium core. Consequently,
4He and 14N are dredged-up to the surface, their abundances increase at the expense of
12C, 13C and 16O.

• Third dredge-up (see Fig. 1.2). This takes place during the asymptotic giant branch
and consists of several mixing episodes. The helium shell is thermally unstable and
eventually produces huge amounts of energy. These helium shell flashes are also known
as thermal pulses (TP). The release of this energy produces a flash-driven convection
zone (see Fig. 1.2) and the 12C produced in the helium burning shell is mixed with that
of the helium inter-shell. Following the pulse, the star expands and cools. Due to this
cooling the hydrogen burning shell is extinguished. This allows the inward penetration
of the convective envelope into regions where 12C has been mixed with the ashes of the
hydrogen burning shell (helium). Therefore, the surface abundances of 4He and 12C
increase.

• Hot bottom burning (see Fig. 1.2). This process is experienced by asymptotic giant
branch stars with masses larger than 4-4.5 M�. In these stars the convective envelope
penetrates into the hydrogen burning shell, and the CN-cycle actually occurs at the
base of the convective envelope. 12C is converted into 13C and then into 14N. If the
temperatures are high enough the ON-cycle is activated causing the destruction of 16O
to produce 14N.

1.2 Planetary Nebulae

1.2.1 PNe and the chemical enrichment of the ISM

Stars are formed in molecular clouds of star forming regions such as the one pictured in
Fig. 1.3 (top). Molecular clouds consist mostly of hydrogen but they also contain molecules
and dust. At some moment, parts of these dense clouds start to collapse. Gravity does the
rest. As more material is accumulated the force of the gravity increases and therefore more
material is attracted. This cumulative process involves an increase in temperature in the inner
regions. The temperature rises until at some moment it is able to ignite nuclear reactions and
it is then that we can say that a star is born. Regardless of the mass, stars spend most of their
life burning hydrogen in the core to produce helium (like our Sun, Fig. 1.3 bottom-left). As
the star evolves further thermonuclear reactions take place in the interior of stars. Via these
reactions, stars produce helium and metals. These are brought to the surface in a series of
dredge-up events that take place at different stages in stellar evolution. In the latest stages
of evolution the star experiences mass loss episodes. By the ejection of the outer layers the
planetary nebula returns gas to the interstellar medium that has been enriched with metals
from which new generations of stars will be formed (Fig. 1.3, bottom-right). In this way, by
the ejection of the outer layers PNe contribute to the enrichment of the ISM.
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Figure 1.2–. Onion shell-like structure of an AGB star. See text for details. Plot based on Lattanzio
& Forestini (1999) (their Fig. 1).

1.2.2 Importance of PNe

The planetary nebula phase offers for the first time in the life of a star the possibility to reliably
check the results of the nuclear processes that have taken place in the interior of the star.
The potential of studying the composition of the ejected material is enormous. Quantitative
information on the contribution of low and intermediate mass stars to the interstellar medium
can be obtained. With the aid of evolutionary models the nucleosynthetic history of the star
can be reconstructed to learn the detailed history and characteristics of the progenitor star
from which it evolved (Fig. 1.3, bottom-left). Furthermore the composition of the molecular
cloud from which the progenitor star was formed (Fig. 1.3, top) can be inferred. In this
way, by studying the PN phase we become archeo-astronomers; digging through layers of
accumulated historical dirt to uncover the full glory of past physical processes. However, all
of this requires the derivation of accurate abundances of the ejected material in the PN phase.

1.2.3 Neutral material around PNe

As we have seen, the FUV flux emitted by the hot central star will ionize the gas around
it. The sphere where hydrogen is ionized is called Strömgren sphere. Outside this sphere,
neutral hydrogen, molecules and ions of species that requires radiation hν < 13.6 eV to be
ionized, may exist. These regions are very important because it seems that the amount of
neutral material associated with young PNe is much larger than the ionized material. Neutral
regions that are governed by the radiation of the central star are called photo-dissociation
regions (PDRs). Emission from these regions includes species such as O0, C+, Si+, CO and
H2. Besides far-ultraviolet radiation, shocks might also dominate the heating of these neu-
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Figure 1.3–. Life cycle of low and intermediate mass stars. Photo credits: Eagle nebula (top)→
Jeff Hester and Paul Scowen, NASA, STScI. Sun (bottom-left)→ SOHO/EIT (ESA & NASA). PN
NGC6751 (bottom-right)→NASA, the Hubble Heritage Team (STScI/AURA).

tral regions. We saw that during the AGB phase the star loses mass via slow winds. In the
planetary nebula phase, the star develops a much faster wind (∼1000 km/s). This faster wind
catches up with the slow AGB wind shaping the nebula. Interaction between the winds pro-
duces shocks that compress and heat the nebula. Within the Strömgren sphere far-ultraviolet
flux from the central star dominates the heating. In the neutral regions around the PNe, this is
not so clear and whether either process (dynamical heating or radiation heating) is dominant
is still in debate. The cooling in these regions is controlled by far-infrared atomic lines. The
development of photo-dissociation and shock codes in the last years (which predict the emis-
sion of such cooling lines) has allowed a better understanding of the physical properties of
neutral envelopes around PNe and in particular to derive masses of the surrounding material.

1.2.4 PNe in a general context

In this section we provide some general information concerning PNe. An excellent review
on this issue can be found in Pottasch (2001).

The PN phase lasts only 10 000 years, an insignificant amount of time when compared to
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their whole life (1-10 billion years). The vast majority of PNe are located within 10 degrees
of the galactic plane. They are seen both in the galactic center (older population) and in the
galactic plane (younger population). Spectroscopically the central stars of PNe are classified
as O, Of, Wolf-Rayet [WR], sub-dwarf O, and O VI stars. PNe are divided morphologically
in two groups, elliptical and bipolar. The cause of this difference in shape among Planetary
Nebulae is still a matter of debate (Balick 1987; Frank et al. 1993). Peimbert (1978) intro-
duces a classification of PNe (type I, II, III, and IV) according to their chemical composition
and morphology. The first group are helium (He/H>0.14) and nitrogen rich. Type II are of
intermediate population I. Type III PNe have velocities >60 km/s and do not belong to the
halo. Finally, Type IV are PNe from the halo (lower abundances than the others). According
to this classification most nebulae belong to Type II. This classification has experienced some
changes in the years. In Peimbert & Torres-Peimbert (1987) PNe of Type I are re-defined as
nebulae with He/H>0.125 or log(N/O) > −0.3. PNe are also divided according to their
carbon over oxygen (C/O) ratio. If C/O> 1 the nebula is carbon-rich and if it is < 1, oxygen-
rich.

1.3 Physics in PNe

1.3.1 The spectrum

The first observation of a PN using a spectrograph was made by William Huggins (1824-
1910) in 1864. The spectrum he observed showed only one line. Later on, improvements
in spectrographs were to resolve that line into three lines. One corresponded to hydrogen
but the other two remained unknown and it was thought that these two lines originated from
a new element, nebulium. The identification of both lines came much later (∼1930), they
were from [O III]. Nowadays, spectrographs show us that the spectrum of PNe is dominated
by strong forbidden lines of metals and recombination lines of hydrogen and helium. As an
example, the infrared spectrum (ISO-SWS) of the bright PN NGC 7027 is shown in Fig. 1.4.
The spectrum is very rich in all kind of features. High stages of ionization for several ions are
reached. Recombination lines of hydrogen and helium and H2 lines have also been measured
(most of them cannot be seen because of the scale). Noticeable as well are the broad PAH
features seen in different parts of the spectrum.

Recombination lines of hydrogen and helium originate from the recombination of an
electron to a certain level of the atom and from there, they cascade down to the lower levels
emitting photons. The strong forbidden lines observed in PNe can be explained by under-
standing the physical conditions existing in PNe. A five ground level configuration for O III

and Ne V is shown in Fig. 1.5 (left). Typical temperatures in PNe are about ∼10 000 K, or in
other units ∼0.9 eV. These temperatures refer to the kinetic energy of the free electrons in the
gas. Fig. 1.5 shows that the energy levels in these ions are such that at the nebular tempera-
tures there are many electrons that (by collisions with the ion) are able to excite the lowest
energy levels. Once excited, the electrons can be de-excited either collisionally (no radiative
emission) or by a spontaneous transition (emission of a photon). The latter depends on the
density and therefore there is a density at which the probability of both processes is equal.
This density is called the critical density. In PNe the density is usually lower than the critical
density favouring radiative decay, and that’s why the forbidden lines are so strong. They are
easily excited and then they de-excite radiatively. The recombination process in metals can
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Figure 1.4–. ISO-
SWS spectrum of PN
NGC 7027. The strong
forbidden lines domi-
nate the spectrum. This
has been divided in two
plots to highlight the
spectrum shortwards
12µm (especially the
dust features, PAHs).
Around 80 lines have
been measured in this
SWS spectrum. High
stages of ionization of
several ions are present.
The spectrum from
2.5 to 5 µm is rich
on hydrogen lines and
show as well some H2.
The H2 lines are not
seen here because of
the scale.

also occur. Since this process occurs less often the recombination lines are very weak and
difficult to measure.

1.3.2 Electron density and temperature, and abundances

Line ratios in PNe are very useful to determine the physical properties of the gas. We
encourage the reader to have a look at Osterbrock (1989) for a complete description of the
processes which are described next.

To derive the temperature, line ratios that differ by several electron volts are needed so
that the relative population of the levels depends on the temperature. This is illustrated in
Fig. 1.5 for the O III. In the level configuration diagram the wavelengths of several lines are
indicated. For instance, a ratio between any of the optical lines with any of the infrared lines
will be temperature dependent. The ratio [I(4959Å)+I(5007Å)]/I(4363) is also temperature
dependent and has been used extensively in the past because they are strong lines that can
be easily measured in the optical spectrum. In the top-right panel in Fig. 1.5 the theoretical
ratio of the 5007 Å and 52 µm lines is represented at different temperatures. Therefore by
measuring the intensities of both lines in the nebula its temperature can be inferred.
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Figure 1.5–. Ground level configurations for O III and Ne V (left). On the right, different line ratios
are shown as temperature (top) or the density (bottom) indicators. See Sect. 1.3 for details.

To derive the density, intensity ratios of lines originating from levels close in energy are
needed so that the dependence on temperature is canceled. In that respect the infrared lines
originating from the ground levels are very useful since their dependence on temperature is
negligible. If their radiative transition probabilities (which depend on density) or collisional
de-excitations are different then the ratio depends on the density. This is illustrated in
Fig. 1.5 for Ne V. The ratio of both optical lines (indicated in the figure) or infrared
lines is density dependent. In the bottom-right panel of Fig. 1.5 the theoretical ratio of
the infrared lines is given at different densities, therefore by measuring those lines the
density of the gas can be determined. Note that the density can only be determined between
∼ 104 and ∼ 3×105 cm−3 and that the dependence on the adopted temperature is very small.

Abundances are derived relative to hydrogen. Therefore, to derive the abundance of an
ion (ionic abundance) besides the intensity of an ionic line and the nebular density, the inten-
sity of a hydrogen line together with the H+ density are needed. The forbidden lines are very
useful since they are very strong and their flux can be accurately measured. For hydrogen
the intensity of Hβ is currently used. To derive the total abundance of an element (elemental
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Figure 1.6–. The
Infrared Space Obser-
vatory was operational
between November
1995 and May 1998.
On board this satellite
there were two spec-
trographs, the SWS
and the LWS which
together covered the
spectral range from 2.4
to 196 µm.

abundance) the ionic contributions of the different stages of ionization must be added. In
practice not all the ionization stages of an element are observed and therefore the contribu-
tion of these unseen stages of ionization must be inferred. This is done with the so-called
ionization correction factors. Studies on ionization correction factors based on similarities
with the ionization potential of ions have been done by Peimbert & Torres-Peimbert (1977);
Torres-Peimbert & Peimbert (1977, 1997). Ionization correction factors can also be deduced
from the use of photo-ionization models. This latter method needs a good estimate of the
parameters of the central star (such as the stellar temperature) which are often not known.
Usually the major contribution to the elemental abundance comes from only a few stages of
ionization. Therefore, by measuring these stages the abundances can be fairly well deter-
mined, but of course, the more information on stages of ionization for a certain element, the
more accurate the elemental abundance of that element is derived.

1.4 Studying PNe in the infrared

We saw in the previous sections that deriving abundances in PNe are crucial to understand
not only the PN phase but also the nucleosynthesis history of the progenitor stars. In that
respect, infrared data offers many advantages in comparison to the optical or ultraviolet
data in determining abundances. For that reason, the analysis done in this thesis has been
made using mainly spectroscopic data from the Infrared Space Observatory (ISO). On board
ISO (Fig. 1.6), there were two spectrographs, the Short Wavelength Spectrometer (SWS, de
Graauw et al. 1996) and the Long-Wavelength Spectrometer (LWS, Clegg et al. 1996). Both
instruments covered together the spectral region from 2.4 to 196 µm. Ultraviolet data from
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Figure 1.7–. Infrared observed lines in NGC 6302 compared with optical and ultraviolet lines.

the International Ultraviolet Explorer (IUE) has also been used and to a lesser extent (pub-
lished) optical data. The advantages of using infrared lines to derive abundances over optical
or ultraviolet lines have been discussed by Rubin et al. (1988) and more recently by Beintema
& Pottasch (1999). First and most important, the optical and ultraviolet parts of the spectrum
typically only show lines of a few ionization stages of an element and in order to derive el-
emental abundances, the abundance of unseen stages has to be estimated. These estimates
(which are made using ionization correction factors) are highly uncertain. In the infrared,
species typically show emission lines due to many ionization stages, which greatly reduces
the need for ionization correction factors. This is illustrated in Fig. 1.7 where the circles in-
dicate that the corresponding ion has been observed with ISO and the crosses with optical
or ultraviolet observatories. It is clear that the ISO data is essential in providing information
on many stages of ionization of many elements. Information on carbon and nitrogen comes
mostly from the ultraviolet (especially carbon), and that is why IUE data was included in
this study. Second, the infrared lines originate from levels so close to the ground level (see
Fig. 1.5, left) that they are not sensitive to the temperature. This is very important since it
means that the abundances derived from the infrared lines are not dependent on the adopted
temperature or by temperature fluctuations in the nebula. Third, unlike optical and ultra-
violet lines, infrared lines are hardly affected by extinction, avoiding therefore errors when
correcting the observed lines for this effect.
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1.5 In this thesis
We have shown that the planetary nebula stage is a key phase in stellar evolution. However,
many aspects of this common process in the universe still remain a puzzle. The main
questions in PN evolution that have been tried to answer in this research are: 1) What are
the abundances and physical conditions in PNe? 2) What are the detailed nuclear processes
taking place in the interior of the central stars? 3) Which physical processes are involved in
transporting freshly synthesized elements to the stellar surface? 4) What is the contribution
of low mass stars to the chemical enrichment of the galaxy? 5) How does the star interact
with the previously ejected material during the planetary nebula phase?

To answer some of the questions mentioned above accurate abundances are needed.
Chapters 2, 3, and 4 have been focused on obtaining reliable abundances for a few PNe us-
ing mainly infrared data from ISO. In chapter 2 the abundances of the well known bright
nebula NGC 7027 are presented. A comparison of abundances determined from the forbid-
den lines and recombination lines is given. The use of ionization correction factors based
on similarities of ionization potentials is also discussed. Chapter 3 deals with the complex
bipolar or multi-polar (also bright) PN NGC 2440. In chapter 4 we studied BD+30 3639
and NGC 6543. These two PNe have low temperature exciting stars which result (unlike
NGC 7027 and NGC 2440) in spectra dominated by lines of low ionization potential.

The nebular temperatures and densities have been derived for several ions in each nebula.
This can give information on temperature gradients within the nebula since one expects that
ions with different ionization potential may form in different regions of the nebula.

In chapter 5, the abundances of ten PNe derived similarly to the method described in
the first chapters, are compared to asymptotic giant branch models. These models describe
the abundance of low and intermediate mass stars at the PN stage and take into account the
different nuclear reactions and mixing episodes occurring during the evolution. In particular
the parameters of the models are varied until all the observed elemental abundances are
reproduced. This comparison allow us to both, reconstruct the nucleosynthesis history of the
progenitor stars, and constrain the parameters of the models.

In chapter 6 we investigate the fine-structure lines of [Si II] (34.8 µm), [O I] (63.2 and
145.5 µm) and [C II] (157.7 µm) arising from the neutral region in nine PNe observed
with ISO. These lines have been compared with photo-dissociation and shock models to
investigate which mechanism controls the heating of these regions. The comparison with
the photo-dissociation models has been done taking into account the carbon- or oxygen-rich
nature of the nebulae. The comparison allows us to determine the physical properties of
these regions. The pure rotational lines of H2 for three PNe are presented and used to derive
the rotational temperature and column density of the molecular gas. Ionized, atomic and
molecular masses are derived and compared in order to investigate whether the evolution of
the ejected material correlates with the evolution of the planetary nebulae.

The conclusions and main results from this work are summarized in chapter 7 together
with ideas on how to extend the work done in this thesis using observatories currently avail-
able and employing the next generation of telescopes.
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The ISO–SWS Spectrum of
Planetary Nebula NGC 7027

Based on:
J. Bernard Salas, S.R. Pottasch, D.A. Beintema, & P.R. Wesselius

ASTRONOMY & ASTROPHYSICS, 367, 949 (2001)

WE present the infrared spectrum of the planetary nebula NGC 7027 observed with
the Short Wavelength Spectrometer (SWS), on board the Infrared Space Observatory

(ISO). These data allow us to derive the electron density and, together with the IUE and op-
tical spectra, the electron temperature for several ions. The nebular composition has been
determined, the evolutionary status of the central star is discussed and the element depletion
in the nebula is given. The determination of the progenitor mass is discussed.
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2.1 Introduction
NGC 7027 is a well known planetary nebula. It is very young, dense and has an extremely
rich and highly ionized spectrum due to its hot central star. The nebula has some features that
makes it very interesting. The rich spectrum has been used several times to give insight about
the evolution and original status of its central star. For this purpose accurate abundances
are needed, and the distance, in order to know the intrinsic luminosity, has to be accurately
measured. Abundance studies have been made before, but using the near–infrared SWS-
ISO data the temperature uncertainty can be avoided as well as other problems, therefore
achieving an accurate measurement of the nebular abundances. These ISO advantages are
presented by Pottasch & Beintema (1999) and we summarize them here:

1. Extinction effects are absent from most of the spectrum in contrast to the visible and
UV spectra.

2. Many stages of ionization are observed, reducing strongly the need for uncertain cor-
rections for unseen stages of ionization.

3. Electron temperature fluctuations, or uncertainties, are much less as important than in
the optical or ultraviolet spectra. The infrared lines originate from levels so close to
the ground level, that to populate these levels, the electron temperature does not play
an important role.

4. Only in a few cases (Ar V and Ne V) is there an important density dependence.

In Sects. 2.2 and 2.3 of this chapter the observations and main reduction techniques are
described. Data on the infrared lines are listed in Sect. 2.4 while the visual and ultraviolet
lines used are given in Sect. 2.5. In Sect. 2.6 the electron temperature and density as well as
the ionic and element abundances are derived. These results are discussed in Sect. 2.7 and the
abundances are compared with an evolutionary model in an attempt to derive the mass of the
progenitor star of NGC 7027.

2.2 ISO observations
The data were obtained in the ISO guaranteed time in spring 1997. The observations were
made with the Short Wavelength Spectrometer (de Graauw et al. 1996) covering the range
2.38 to 45.2 µm, using the SWS01 observing template, which provides a spectral resolution
from 1000 to 2500. From all NGC 7027’s observations, the one used in this paper (TDT
number 55800537) was chosen because of its highest signal to noise ratio.

NGC 7027’s infrared size is sufficiently smaller than the different sizes of the apertures
used with SWS to offer no problem. A VLA radio image of NGC 7027 at 14.7 GHz obtained
by Roelfsema et al. (1991) clearly stays within the ISO–SWS small aperture 14′′x 20′′. The
other SWS apertures are larger, 14′′x 27′′, 20′′x 27′′ and 20′′x 33′′. They are all centered
at almost the same position within an uncertainty of 3′′ from the coordinates given by the
observer. Persi et al. (1999) studied the infrared size of NGC 7027 using spectral images
taken with the ISOCAM–CVF, showing that it has an ellipsoidal morphology of about 9′′x
11′′. This is again within the smallest ISO–SWS aperture. Persi et al. (1999) measured the
spectra over an area of 25 square arcsec that with no doubt contains the whole nebula. A
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Table 2.1–. Comparison of present SWS observations with those of Persi et al. (1999) taken with
ISOCAM–CVF. Flux units are in 10−12 erg cm−2 s−1.

Line Ident. Present Persi
(µm) observ. et al. (1999)
4.05 Brα 91.6 66
5.61 [Mg V] 416 318
6.98 [Ar II] 30.7 180
7.65 [Ne VI] 96.5 2161
8.99 [Ar III] 122 80

10.51 [S IV] 429 637
12.81 [Ne II] 91.6 177
14.32 [Ne V] 1350 1499
15.56 [Ne III] 1090 1132

comparison of present fluxes with those found by Persi et al. (1999) is shown in Table 2.1
and demonstrate that no flux is missing in the SWS observation.

In present observations the Brα (measured with the smallest SWS aperture), [Mg V] and
[Ar III] are stronger than those of Persi et al. (1999), indicating that no flux is being lost in
the present observations. Strong differences in both measurements are probably due to the
poor spectral resolution of the ISOCAM–CVF in comparison with the SWS, and therefore
the latter are more accurate. The extremely high flux of [Ne VI] measured by Persi et al.
(1999) is wrong because it is blended with a PAH feature. No contributions from the outer
parts of the nebula are expected since the gas is cold and therefore the whole flux is seen in
each aperture. For all these reasons no aperture correction for the infrared lines is needed.

The IUE observations were taken at almost the same position as our observations. The
aperture of the IUE is an ellipse of 10′′ x 23′′ very similar to our smallest aperture. It therefore
contains the whole nebula. The optical lines were observed with a very small aperture on
the bright part of NGC 7027 and represent a part of the nebula. We assume that they are
representative of the entire nebula. Using the entire Hβ flux, they are scaled to the total flux.
We avoid here making any aperture corrections because these are expected to be small if they
exist at all.

2.3 Data reduction

The data were reduced using the available tools in the inter–active analysis software package
distributed by the SWS consortium. Our reduction differs from the standard pipeline in the
removing of fringing in the data, and a better flatfielding. Any step in the reduction analysis
which could affect the spectral resolution or the linearity of the data was avoid. Line fluxes
were measured fitting Gaussians to the observed line profiles using the routine multi fit.
It allows removal of glitches or bad data interactively in each line. This was rather time
consuming, but the weakest lines were found and the highest possible resolution kept at each
wavelength.
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The reduction didn’t present any problem except in the first part of band 2c (7 to 12 µm)
where the up and down scans deviated significantly from each other, but matched in the rest
of the band when flatfielding was applied. This doesn’t affect the measured fluxes but could
be important when reasonable upper limits to some lines are determined, as explained in next
paragraph. This was caused by some detectors (19, 20, 21, 23 and 24) which suffered from
erroneous dark current subtraction. The range 7.3 to 7.6 µm was affected. These detectors
were removed. A reference flat (order one) was defined using the remaining detectors and
applied to the whole band. Flatfielding reduces the mismatch and then all detectors could be
used to measured line intensities.

It is useful to compute an upper limit to the flux for some unseen lines. For this pur-
pose, outlying data points were removed with the sigclip tool and the spectra were rebinned
(sws rebin tool) to a standard resolution. Upper limits for the lines [Cl IV] 11.76 µm, [Na VI]
8.61 µm, [K VI] 5.58 and 8.83 µm were calculated using a model of a synthetic Gaussian,
with the width corresponding to the resolution, and a height of three times the RMS (devia-
tion from the average). These upper limits of unseen lines allow to more accurately apply the
ionization correction factor for the relevant ions.

2.4 Line flux discussion

In Table 2.2 the fluxes measured for the infrared (IR) lines are listed. In total around 80
lines were measured. Calibration errors are larger at longer wavelengths but on average
amount to about 20%. Random measurement errors depend on the flux strength: weak lines
(I < 5, where I is in 10−12 erg cm−2 s−1) have estimated errors of about 20%, intermediate
lines (5 < I < 10) of about 10%, while the strongest lines (I > 10), have normally less
than 5% uncertainty. All the lines follow this behavior with the exception of the S III line
at 33.5 µm with a measured intensity of 7.12 10−12erg cm−2 s−1 and an uncertainty of
19%. This part of the spectrum is the noisiest and weak lines are not seen. Therefore, this
line could be considered an intermediate strength line in this part of the spectrum. Thus the
uncertainty in the fluxes of intermediate and strong lines is dominated by the calibration error.

NGC 7027’s spectrum is extremely rich as can be seen in Fig. 2.1. The hydrogen and
helium lines are abundant in the whole spectrum but specially in the range 2.4–5.5 µm. Ions
with high stages of ionization are found (i.e. Fe VII, Na VII, Ar VI) in the nebula. Nine
molecular hydrogen lines (H2) have been measured as well and probably originate in the
outer part of the nebula where the temperature is lowest. For Ar, K and specially Ne we
have information for the most important stages of ionization implying that the uncertainty in
the ionization correction factor (ICF) used to derive the absolute abundances will be much
reduced. Several stages of ionization of some ions were not observed. Then, an upper limit to
the flux was determined, as described in the previous section. Also noticeable in the spectrum
is the strong continuum at the longest wavelength and the features at 3.3, 6.6, 7.7, 8.8 and
11.2 µm now known as PAHs as well as a broad PAH plateau from 15 to 20 µm. In this
paper we will concern ourselves only with the emission lines. A detail study of the PAHs and
the plateau can be found in the articles by Peeters et al. (2002), Hony et al. (2001) and Van
Kerckhoven et al. (2000).
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Table 2.2–. Line fluxes for NGC 7027.

λ Ident. Flux† λ Ident. Flux†

(µm) (µm)
2.406 H2, 1→0 Q(1) 3.73 5.580 [K VI] < 8.28
2.424 H2, 1→0 Q(3) 2.35 5.908 H I 6–9 6.53
2.495 H I 5–17 1.17 5.981 [K IV] 3.60
2.564 H I 5–15 2.52 6.705 [Cl V] 6.09
2.613 He I 4–6 1.46 6.910 H2, 0→0 S(5) 6.69
2.626 H I (Brβ) 45.9 6.947 He II 8–9 3.47
2.671 He I 4–6 1.45 6.985 [Ar II] 30.7
2.675 H I 5–13 2.24 7.317 [Na III] 13.9
2.758 H I 5–12 2.84 7.459 H I (Pfα) 28.3
2.802 H2, 1→0 O(3) 2.96 7.503 H I 6–8 8.91
2.826 He II 7–9 5.43 7.652 [Ne VI] 96.5
2.905 [Al V] 1.16 7.814 [Fe VII] 2.63
3.004 H2, 1→0 O(4) 0.59 7.901 [Ar V] 47.1
3.039 H I 5–10 5.70 8.025 H2, 0→0 S(4) 2.52
3.092 He II 6–7 18.8 8.610 [Na VI] < 3.45
3.095 He II 8-11 1.66 8.761 H I 7–10 2.53
3.207 [Ca IV] 1.47 8.830 [K VI] < 4.17
3.234 H2, 1→0 O(5) 0.79 8.991 [Ar III] 122
3.625 Zn IV? 0.95 9.042 [Na IV] 12.1
3.740 H I (Pfγ) 11.0 9.525 [Fe VII] 4.85
3.749 H I 6–17 0.78 9.665 H2, 0→0 S(3) 6.82
3.907 H I 6–15 1.29 9.713 He II 9–10 2.16
4.020 He I 4–5 1.08 10.510 [S IV] 429
4.022 H I 6–14 0.72 11.760 [Cl IV] < 4.16
4.038 He I 4–5 0.97 12.372 H I 6–7 11.3
4.052 H I (Brα) 91.6 12.812 [Ne II] 91.6
4.296 He I 3–5 4.86 13.101 [Ar V] 31.0
4.377 H I 6–12 1.66 13.520 [Mg V] 38.7
4.486 [Mg IV] 148 14.321 [Ne V] 1350
4.529 [Ar VI] 126 15.550 [Ne III] 1090
4.618 [K III] 4.09 18.713 [S III] 76.0
4.654 H I (Pfβ) 17.5 19.062 H I 7–8 5.94
4.672 H I 6-11 2.50 21.800 [Ar III] 3.00
4.764 He II 7–8 9.43 24.315 [Ne V] 387
5.128 H I 6–10 4.51 25.888 [O IV] 715
5.510 H2, 0→0 S(7) 2.29 33.477 [S III] 7.12
5.610 [Mg V] 416 34.812 [Si II] 14.9

36.012 [Ne III] 49.2

† In units of 10−12 erg cm−2 s−1.
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Figure 2.1–. SWS spectrum of NGC 7027. As can be seen strong lines of high ionization stages of
some ions are seen. Hydrogen lines are abundant. Also noticeable the strong continuum at longer
wavelength and PAHs at 6.6, 7.7 and 8.8 µm.

2.5 The visual and the ultraviolet spectrum

In addition to the large number of infrared lines measured, also some optical and ultraviolet
lines were used taken from the paper of Keyes et al. (1990). The information on such
important ions as C, N, O is mainly derived from optical and ultraviolet data.

The lines used are listed in Table 2.3. To correct optical fluxes for interstellar extinction
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Table 2.3–. Ultraviolet (IUE) and optical line fluxes (Keyes et al. 1990). Keyes fluxes were dered-
dened fluxes using an interstellar extinction of EB−V=0.85.

Wavelength Ident. Measured Dereddened
(nm) Fluxes1 Intensities1

123.83 N V 0.12 240
140.06 O IV 0.61 271
148.50 N IV] 0.70 415
154.83 C IV 20.80 12 100
157.57 [Ne V] 0.21 17.4
164.20 He II 5.00 2700
174.95 N III] 0.62 275
189.20 Si III] 0.17 87.5
190.67 C III] 4.23 2300
190.88 C III] 6.85 3700
232.55 C II 0.61 526
232.75 C II 0.48 411
242.14 [Ne IV] 1.32 609
242.45 [Ne IV] 0.43 198
278.23 [Mg V] 0.83 98.4
334.68 [Ne V] 700
342.68 [Ne V] 2100
372.62 [O II] 5.98 220
372.88 [O II] 2.19 80.2
386.98 [Ne III] 43.34 1500
396.86 [Ne III] 15.56 500
436.44 [O III] 13.36 340
447.10 He I 1.90 45.4
468.60 He II 32.3 660
471.14 [Ar IV] 1.91 38.1
474.00 [Ar IV] 6.74 131.7
486.10 Hβ 75.9 1360
493.26 [O III] 0.17 2.9
496.03 [O III] 388.61 6400
500.82 [O III] 1178.73 19 000
551.70 [Cl III] 0.20 2.23
553.80 [Cl III] 0.77 8.6
658.40 [N II] 202.65 1500
671.63 [S II] 3.57 24.1
673.10 [S II] 8.20 56
857.70 [Cl II] 1.01 3.6

(1) Units: 10−12erg cm−2 s−1.
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Table 2.4–. Derivation of Hβ fluxes. Predicted Brα, Brβ, Pfα, Pfβ, Pfγ fluxes from Hummer &
Storey (1987) for case B recombination of gas at Te=15 000 K and Ne=10 000 cm−3.

Ident. Transition λ Predic. flux Flux1 F(Hβ)2

(µm) w.r.t. Hβ

Brα 5 → 4 4.052 6.77 10−2 91.6 1.35
Brβ 6 → 4 2.626 4.00 10−2 45.9 1.15
Pfα 6 → 5 7.459 2.09 10−2 28.3 1.35
Pfβ 7 → 5 4.654 1.37 10−2 17.5 1.28
Pfγ 8 → 5 3.740 9.20 10−3 11.0 1.20

1 Units in 10−12erg cm−2 s−1.
2 Units in 10−9erg cm−2 s−1.

a value of C=1.25 (where C = log(
F (Hβ)predicted

F (Hβ)observed) )) was used, which leads to an extinction
of EB−V=0.85. To calculate this the Hβ flux was computed in two ways. Using the equation
given by Pottasch (1984):

F (Hβ) =
Sν

2.82 109 t0.53 (1 + He+

H+ + 3.7He++

H+ )
(2.1)

where Sν=5.7 Jy at 5 GHz (Baars et al. 1977), t is the temperature of the nebula in 104 K
and 2.82 109 is a conversion factor which allows to write the flux density Sν in Jy and the
F(Hβ) in erg cm−2 s−1. Applying Eq. 2.1 leads to F (Hβ) = 1.34 10−9 erg cm−2 s−1.
The helium abundances are taken from Table 2.6. Also, the Hβ flux can be determined
by comparing the infrared hydrogen lines of different series (presented in Table 2.2), with
theoretical predictions given by Hummer & Storey (1987) for case B recombination of gas at
a temperature of 15 000 K and an electron density of 10 000 cm−3. The results are shown in
Table 2.4.

The average of these measurements leads to F (Hβ) = 1.27 10−9 erg cm−2 s−1. The
Brα line observed (using no reddening correction) is the strongest and therefore has been
most accurately measured. The value of F (Hβ) = 1.35 10−9 erg cm−2 s−1 deduced
from this line agrees with the one derived from Eq. 2.1 and was finally adopted. It is worth
mention here that the theoretical predictions from Hummer & Storey (1987) are given just
for Ne=104 or 105 cm−3. Here a Ne of 104 cm−3 is used but an Ne=105 cm−3 would
lead to the same conclusions (F (Hβ) = 1.27 10−9 erg cm−2 s−1). The optical lines were
corrected for reddening using the extinction law of Fluks et al. (1994) and an extinction
of EB−V = 0.85. A recent publication of Wolff et al. (2000) derives an extinction of
EB−V = 1.10 for NGC 7027 by directly measuring the central star. This difference is
difficult to explain and would considerably change the values of the dereddened fluxes. One
possibility is that NGC 7027 shows variations in the extinction across the nebula (Wolff et al.
2000). This can be higher toward the central star region than in the nebula itself. Wolff et al.
(2000) give a summary of extinction determinations by several authors: Walton et al. (1988)
find an extinction EB−V = 0.8 for the central star and < EB−V >= 1.02 for the rest of the
nebula, Kaler & Lutz (1985) found 0.85 and Shaw & Kaler (1982) 0.94.
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Table 2.5–. Electron density. Te=15 500 K is used.

Ion Ion Pot Lines used Observed Ne

(eV) (nm) ratio (cm−3)
S II 10.4 673.1/671.6 2.27 40 0001

O II 13.6 372.6/372.9 2.74 25 0002

Cl III 23.8 553.8/551.8 3.90 80 0001

C III 24.4 190.7/190.9 0.62 75 000
Ne III 41.0 15 500/36 000 22.2 75 800
K VI 82.7 560.4/622.8 – 40 0001

Ne V 97.1 24 300/14 300 0.29 26 900

1Values taken from Keyes et al. (1990).
2Value taken from Keenan et al. (1999).

According to Keyes et al. (1990) the UV lines have errors less than 20%, while the optical
lines have errors below 50%. Here a 15% error is assumed for the UV, and a 40% error
for the optical lines. Also the [N III] infrared line at 57.3 µm from the Long Wavelength
Spectrometer (LWS, 43 to 196.7 µm) has been used. It was taken from Liu et al. (1996) and
was used to compare the abundance with that found using the ultraviolet line at 1750 Å.

2.6 Analysis

Using the entire data set (infrared, optical and ultraviolet) the physical parameters (electron
density and temperature) have been determined as a function of the ionization potential.

2.6.1 Electron density

An electron temperature of 15 500 K has been chosen to compute the density. This choice is
justified in the next subsection. To determine the electron density (Ne) reliably, the ratio of
lines close in energy level is needed so that the temperature hardly plays a role in populating
these levels. Two ions, Ne III and Ne V fulfil this condition. In addition the Ne for C III

was calculated using ultraviolet lines (Keyes et al. 1990). These measurements cover the
ionization potential (IP) range from 48 to 126 eV. In order to have information on the Ne for
ions with low IP the values given by Keenan et al. (1999) for O II, and Keyes et al. (1990) for
S II, Cl III were used. All derived Ne values are shown in Table 2.5.

Table 2.5 does not show a trend of Ne with IP in the range 10 to 47 eV, but from 47 to
157 eV a trend appears when the value of K VI of Keyes et al. (1990) is used. In this range Ne

seems to drop from a value of 75 000 to 25 000 cm−3. To compute abundances for each ion
a Ne is needed. Because many infrared lines are used, the Ne is not critical, and the relative
abundance of the ions do usually not strongly depends on it. Ne was derived from the curve
in Fig. 2.2. Most of the ions are not Ne dependent (only three ions show Ne dependence,
Ar V, O IV and Ne V). For this reason an average Ne=50 000 cm−3 was used to compute the
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Figure 2.2–. Electron density versus ionization potential. The ratios used for each ion are indicated.
Asterisks are our measurements while the triangle show Ne value derived by Keenan et al. (1999) and
the squares gives the values by Keyes et al. (1990). The shape of the assumed curve is explained in
Sect. 2.7.2.

electron temperature (following subsection).

2.6.2 Electron temperature

To compute the electron temperature (Te) line ratios are needed originating from energy
levels differing by several electron volts. Using optical data only two ions (N II and O III)
obey this condition while using infrared and ultraviolet data, three others (O IV, Ne V and
Mg V) become available as well. As can be seen from Fig. 2.3 these provide information
on almost the whole IP range of interest. In Fig. 2.3 we present Te as a function of IP. The
density used is 50 000 cm−3 (see previous section). There exists a correlation between Te

and IP, such that Te increases until about 70 eV and then remains at a constant value of
15 500 K (or decreases slightly).

Some ions need further discussion. The lower temperature given by Mg V could be due
to the weakness of the 278.3 nm line. Ne V depends rather strongly on Ne. For this ion the
average density, Ne=50 000 cm−3 is used. Using Ne=30 000 cm−3 leads to a much higher
Te of 22 400 K. The Ne III ratio, 386.8 nm over 15.5 µm can, in principle, be used to derived
Te. As noticed before by Pottasch & Beintema (1999), it always gives a low temperature. In
this study Te=11 500 has been found using this ratio. This deviation has been found in many
nebulae, i.e. NGC 6302, NGC 6537. It is not clear why, but it may have something to do
with the uncertainty in the atomic parameters and the 386.8 nm line has not been used in this
paper.
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Figure 2.3–. Electron temperature versus ionization potential. The lines used for each ion are indi-
cated. There is a correlation of Te with IP, represented by the curve.

2.6.3 Abundances

In order to be able to compute abundances, values of Ne and Te are needed for each ion.
They are derived from the relations presented in Fig. 2.2 and 2.3. Once the Ne and Te are
known the relative ionic abundances can be determined. Then, applying an ICF the element
abundances are derived. Ionic abundances are normalized to hydrogen. The equation used to
determine the ionic abundances is:

Nion

Np
=

Iion

IHβ

Ne
λul

λHβ

αHβ

Aul

(

Nu

Nion

)−1

(2.2)

In the equation Np is the density of the ionized hydrogen; Iion/IHβ
is the measured

intensity of the ionic line, normalized to Hβ ; λul is the wavelength of the line and λHβ
is the

wavelength of Hβ ; αHβ
is the effective recombination coefficient for Hβ ; Aul is the Einstein

spontaneous transition rate for the line and finally Nu/Nion is the ratio of the population of
the level from which the line originates to the total population of the ion.

All abundance values are shown in Table 2.6. The ICF is unity in four cases, because
all important ionization states have been measured. In most cases it is between 1.0 and
1.25, and only in three cases is it above 1.25 (S, Mg and K with ICF’s of 1.27, 2 and 1.35
respectively). In Keyes et al. (1990), the ICF is normally between 1.2 and 5, and only in a
few cases is under 1.2. This shows that the present abundance determination is an important
improvement. The ICF were calculated on a purely empirical basis. For a given element the
ionization potential where the maximum ionic abundance is reached was taken into account
using the known distribution of neon ions (with varying IP) as an example. For some ions
like potassium, no information on the high sixth stage of ionization was found, thus an upper
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Table 2.6–. Ionic and element abundances.

Ion λ (nm) Nion/Np

∑

Nion/Np ICF1 Nelem./Np

He+ 447.2 0.0639 a

He++ 468.6 0.0422 a 0.106 1 0.106
Ca3+ 3200 1.1(-8) – – –
Mg3+ 4490 4.7(-6)
Mg4+ 5610 6.3(-6) 1.1(-5) 2 2.2(-5)
Ar+ 6980 1.7(-7)
Ar++ 8990 1.1(-6)
Ar3+ 471.1,474.0 7.4(-7)
Ar4+ 7900 1.6(-7)
Ar5+ 4530 1.3(-7) 2.3(-6) 1 2.3(-6)
K++ 4620 2.2(-8)
K3+ 5980 1.4(-8)
K5+ 5580, 8830 < 1.2(−8) 3.6(-8) 1.35 4.9(-8)
Na++ 7320 6.9(-7)
Na3+ 9040 3.3(-7)
Na5+ 8610 < 3.4(−8) 1.0(-6) 1.2 1.2(-6)
Ne+ 12 800 9.6(-6)
Ne++ 15 500, 36 000 6.9(-5)
Ne3+ 242.5 2.7(-6)
Ne4+ 24 300, 14 300 1.5(-5)
Ne5+ 7650 8.7(-7) 1.0(-4) 1 1.0(-4)
Fe6+ 7810, 9520 2.8(-7) – – –
S+ 673.1 6.8(-7)
S++ 18 700, 33 400 3.6(-6)
S3+ 10 500 3.1(-6) 7.4(-6) 1.27 9.4(-6)
O+ 372.7 3.4(-5)
O++ 500.8, 493.2 1.8(-4)
O3+ 25 900 1.3(-4)
O3+ 140.0 < 2.2(−4) 3.5(-4) 1.17 4.1(-4)
Si+ 34 800 3.0(-6)
Si++ 189.2 2.0(-6) 5.0(-6) 1.2 6.0(-6)
N+ 658.4 2.0(-5)
N++ 57 300 9.1(-5)
N3+ 148.7 2.8(-5)
N4+ 123.8 8.1(-6) 1.5(-4) 1 1.5(-4)
C+ 232.5 7.7(-5)
C+ 157 700 5.9(-3)
C++ 190.9 2.5(-4)
C3+ 154.8 1.2(-4) 4.5(-4) 1.15 5.2(-4)
Cl+ 857.7 8.4(-9)
Cl++ 554.0 6.4(-8)
Cl3+ 11 800 < 4.4(−8)
Cl4+ 6700 1.7(-8) 8.9(-8) 1.23 1.1(-7)

1 ICF = Ionization Correction Factor derived on empirical basis (see text for details).
a Using the predictions for the helium emission lines given by Benjamin et al. (1999).
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Table 2.7–. Comparison of abundances in NGC 7027.

Element Present Sun1 O,B Stars2 Keyes & Aller Middlemass
abund. (1990) (1990)

Helium 0.106 0.098 0.111 0.104
Carbon 5.2(-4) 3.55(-4) 1.74(-4) 6.9(-4) 1.3(-3)

Nitrogen 1.5(-4) 9.33(-5) 6.46(-5) 1.25(-4) 1.9(-4)
Oxygen 4.1(-4) 7.41(-4) 4.17(-4) 3.1(-4) 5.5(-4)
Neon 1.0(-4) 1.20(-4) 1.23(-4) 1.0(-4) 1.1(-4)

Sodium 1.2(-6) 2.04(-6) 3.0(-6)
Magnesium 2.2(-5) 3.8(-5) 2.4(-5) 2.5(-5) 2.1(-5)

Silicon 6.0(-6) 3.55(-5) 2.40(-5) 6.0(-6)
Sulfur 9.4(-6) 1.86(-5) 1.23(-5) 7.1(-6) 7.9(-6)

Chlorine 1.1(-7) 1.86(-7) 1.86(-7) 2.0(-7)
Argon 2.3(-6) 3.63(-6) 2.1(-6) 2.5(-6)

Potassium 4.9(-8) 1.35(-7) 1.48(-7)
Calcium 2.19(-6) 3.8(-7)

Iron 3.24(-5) 3.55(-5) 1.0(-6)

1Solar abundance from Grevesse & Noels (1993) and Anders & Grevesse (1989).
2O, B star abundances are the average of Gies & Lambert (1992) and Kilian-Montenbruck
et al. (1994).

limit on K5+ was derived. As can be seen from Table 2.6, the contribution of the K5+ ion
should not exceed 1.2(-8). Thus, the contribution of this ion to the total potassium abundance
is limited. For Calcium and Iron the abundance has not been determined because important
contributions from other stages of ionization are expected.

Si+ gives almost the same ionic abundance as the Si2+ ion. This is suspicious because
of the low electron temperature needed to excite this ion, and it probably originates mainly
from the photo-dissociation region outside the nebula since the Si+ ion is ionized at a low
potential (11.3 eV.).

Comparison with the nitrogen ions that have similar ionization potentials shows that N2+

gives a major contribution, while that of N+ is not negligible but lower than other ions.
Silicon should follow the same behavior, and the Si+ contribution is probably coming from
the photo-dissociation region around NGC 7027 instead of from the nebula itself. Similarly
the ionic abundance of C+ from the 157 µm line was not used because it could come from
the photo-dissociation region as well.

A comparison of these abundances with those found in the Sun, O–B stars, and those of
Keyes et al. (1990) and Middlemass (1990) is shown in Table 2.7. The helium abundance
agrees with the earlier results of Keyes et al. (1990) and Middlemass (1990). Carbon is
abundant, with a value similar to that found by Keyes et al. (1990) but lower than found
by Middlemass (1990). The model of Middlemass predicts a high abundance of all carbon
ions, including C II. The abundance of oxygen is lower than in the Sun. This has also been
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Table 2.8–. Comparison of the abundance ratios of C, N and O.

NGC 7027 Sun O Stars
N/O 0.37 0.15 0.15
C/O 1.27 0.48 0.42

(C+N+O)
H

1.08(-3) 1.19(-3) 6.56(-4)

found for many PNe in the past (Aller & Hyung 1995) and is in reasonable agreement with
Keyes et al. (1990) and Middlemass (1990). The nitrogen, neon, magnesium, silicon and
argon abundances are in agreement with the other authors. The magnesium abundance is
lower than the one found in the Sun but similar to that of the O, B stars, supporting the idea
that this element is depleted onto dust. The same is true for silicon, its abundance is even
lower than found in O, B stars. This element is a well known component of the dust and the
missing silicon is probably in this form.

In Table 2.8 abundance ratios are compared with the Sun and O, B stars. The ratio of N/O
is almost twice as high as that found in the Sun and O, B stars, while the C/O ratio is three
times high. This means that nitrogen and carbon are over–abundant in the nebula and it is
likely that some oxygen has been converted into nitrogen in the course of its evolution by the
CNO cycle. This is supported by the fact that the (C+N+O)/H ratio is very similar to solar
indicating a similar mass of the progenitor star of the nebula. The solar O is over abundant
and could explain the difference in ratios.

2.7 Discussion

The derived parameters, electron density and temperature, are shown in Table 2.5, Fig. 2.2
and Fig. 2.3 respectively. The ionic and element abundances of NGC 7027 are given in Table
2.6.

2.7.1 Missing stages of ionization

Ionization correction factors were needed in the past to obtain the abundance of an element,
when only one or a few stages of ionization were observed. These were used to estimate
the contribution of these unobserved stages of ionization. These estimates were made using
models, e.g similarities on the ionization potential of some ions. Now, since the most impor-
tant stages of ionization of several ions have been measured it can be checked how good the
ionization correction factors, based on similarities in the ionization potential, are. There are
two similarities introduced by Torres-Peimbert & Peimbert (1997). One is:

Ne

O
=

Ne++

O++
(2.3)

Using the values given in Table 2.6 we find that Ne/O=0.24 and Ne++/O++=0.39. This is
a difference of 58% respect to the total abundance ratio. Using the abundances for NGC 7027
given by Keyes et al. (1990) a difference of 43% is found while using the abundances of
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Middlemass (1990) a difference of 20% is found. Keyes et al. (1990) and Middlemass (1990)
inferred the ionic abundance of Ne++ with the lines at 386.9 and 396.7 nm while in this study
the infrared lines at 15.5 or 36.0 µm were used. If the optical line at 386.9 nm is used the
ratios for Ne/O and Ne++/O++ are 0.26 and 0.4 respectively (a difference of a 53%).
The other similarity is:

N

O
=

N+

O+
(2.4)

We find N/O=0.40 and N+/O+=0.59, that is a difference of 32%. Other authors, i.e.
Pottasch & Beintema (1999) found for this ratio in NGC 6302 a difference of 80%. This
study indicates that ionization correction factors based on similarity in ionization potential
are not well understood and should be used with caution.

2.7.2 Physical parameters

Ne and Te as a function of IP, that is, as a function of the distance to the central star have
been obtained. The behavior of Te as a function of IP is consistent with a simple picture of
NGC 7027. This simple picture relates IP and distance to the central star: high ionization
stages are reached close to the star and low stages occur in the outer parts. It is worth to
mention that the O3+ was taken from Keyes et al. (1990) and they claim that it is blended
with Si3+. Decrease of this flux leads to a lower ratio, decreasing the temperature. In our
opinion it is uncertain that the O3+ line is blended with the Si3+ line because it is a stellar
line and should be formed close to the star. As the central star of NGC 7027 is very weak
in the ultraviolet because of dust absorption, the Si3+ line will also be weak. The relation
indicated in Fig. 2.3 is consistent with this simple picture of a PN.

No trend of electron density with ions of low IP has been found, although it seems that
there is a correlation of the density with ions at high ionization stages (high IP), where it
seems to drop. This could mean that the ejection rate of the nebula in its latest stages was
low because the highest ionization stages are reached close to the nebula and they give lowest
density. This tells us that the mass presently being ejected is considerably lower than at an
earlier stage.

2.7.3 Abundances with recombination lines

A new problem has emerged in the study of nebular abundances. For some planetary nebulae
it has been found that ionic abundances deduced from recombination lines are higher than
those derived from collisionally excited lines. In a recent publication by Liu et al. (2000)
a deep study in this sense is carried out for the planetary nebula NGC 6153. They have
found that the abundance derived from optical recombination lines are a factor of 10 higher
than those derived from optical, UV or infrared collisionally excited lines. This difference
is significant. Liu et al. (2000) discuss density inhomogeneities and temperature fluctuations
as the possible cause of such discrepancy, concluding that the latter are unimportant. Using
the recombination lines measured by Keyes et al. (1990) for NGC 7027 we have derived the
abundances shown in Table. 2.9.

These abundances have been derived by scaling those found by Liu et al. (2000). Al-
though these lines give a somewhat higher abundance (approximately a factor 2) in the three
cases compared, we do not regard this as significant and prefer to use the abundances found
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Table 2.9–. Recombination and collisionally excited abundances.

Ion λ(nm) Sort1 Int.2 Nion/Np

C++ 190.9 Col 272 2.5(-4)
426.7 Rec 0.559 5.2(-4)

N++ 57 300 Col 1.296 9.1(-5)
566.7 Rec 0.021 1.6(-4)
567.9 Rec 0.022 9.8(-5)

O++ 500.7 Col 1400 1.8(-4)
464.9 Rec 0.172 3.3(-4)
407.2 Rec 0.104 4.3(-4)

1 Col = Collisional excitated line, Rec = Recombination line.
2 Dereddened line intensities relative to IHβ

= 100.

from the collisional lines. The great strength of the recombination lines in NGC 6153 remains
a puzzle.

2.7.4 Abundances and progenitor

By comparing the abundances obtained with the semi–analytical model of Marigo et al.
(1996), the mass of NCG 7027’s progenitor star can be constrained. With the derived abun-
dances of helium, carbon, nitrogen and oxygen (Table 2.7) we can compare NGC 7027 to the
model. The model predicts the chemical composition of planetary nebulae for two metallic-
ities, Z=0.02 and Z=0.008. In the literature no clue to the metallicity of NGC 7027 is found.
Because of this, the problem can be inverted. A clue in the metallicity of the central star
can be given by comparing the abundances derived with the different models of high or low
metallicity and checking which one fits better. For this reason, the metallicity that better
reproduces the NGC 7027 abundances was used (Z=0.008).

As can be seen in Fig. 2.4 the model with a metallicity of Z=0.008 constrains the mass
of the star to be between 3–4 M�. It is worth noticing that the model overestimates the
prediction of the oxygen abundance with respect to the observational values. If the ratio
C/O versus He/H or C/O versus N/O (where the overabundance of oxygen in the model is
canceled) is considered, this leads to the conclusion that more carbon abundance is needed
to fit the model. More studies concerning the carbon abundance and improvements in these
evolutionary models are therefore needed.

2.8 Conclusions

A reliable infrared spectrum has been obtained (Table 2.2). This has been complemented with
optical and ultraviolet lines in order to determine the physical parameters in the nebula, as
well as to determine the abundances much more accurate than before. A correlation between
electron temperature and IP has been found. Ions with high IP, that are formed close to the
nebula, give high temperatures (around 15 000 K). Those with low IP, formed in the outer
(coolest) parts give low temperature (see Fig. 2.3). No clear correlation of electron density
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Figure 2.4–. The logarithm of N/O ratio versus He/H. Abundance ratios by number, expected in PN’s
taken from the semi–analytical models of Marigo et al. (1996) (metallicity of Z=0.008) are shown. The
numbers in the figure indicate the mass of the progenitor star in solar units. The position of NCG 7027
is plotted.

with IP is found, although a tendency of density to decrease at high IP ion seems to be present
(Table 2.5 and Fig. 2.2). The relative abundances for 14 ions have been determined and are
presented in Table 2.6. By comparing these abundances with the semi–analytical model of
Marigo et al. (1996) at a metallicity Z=0.008 we have constrained the mass of the progenitor
star to be between 3–4 solar masses. However, the (C+N+O)/H ratio found in NGC 7027 is
similar to the solar value (indicating a solar mass progenitor). This discrepancy suggests that
it is too early to draw definite conclusions as to the progenitor mass.

Acknowledgements

We are grateful to Peter van Hoof for his help with the atomic parameter data (especially the effective
collision strength) used in our calculations.



30



3
An ISO and IUE study of Planetary

Nebula NGC 2440
Based on:

J. Bernard Salas, S.R. Pottasch, W.A. Feibelman, & P.R. Wesselius
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THE infrared and ultraviolet spectra of the planetary nebula NGC 2440 are presented. The
observations were made by the Infrared Space Observatory (ISO) and the International

Ultraviolet Explorer (IUE). These data, in conjunction with published optical observations
have been used to derive electron temperature and density. The electron temperature in-
creases with increasing ionization potential, from 11 000 to 18 000 K. The electron density
has a constant value of 4500 cm−3 in agreement with previous determinations. The chemical
abundance has been derived for the following elements; helium, carbon, nitrogen, oxygen,
neon, sulfur and argon. The ionization correction factor turns out to be very small for all
species except sulfur.
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3.1 Introduction

NGC 2440 has a spectrum with lines of highly ionized elements. It is of great interest for
different reasons: the nebula presents a complex bipolar or multi-polar morphology, effects
of stratification (Aller & Walker 1970), and strong N II lines (Shields et al. 1981). The latter
leads to a high nitrogen abundance, that together with the high helium abundance, classify it
as a Type I nebula (Peimbert 1978). Studies by Shields et al. (1981) give an electron density
of 3000 cm−3 and an electron temperature of 14 000 K using O III. Later studies by Hyung
& Aller (1998) lead to a higher density of 5000 cm−3 but agree on the electron temperature
finding, 14 200 K and 10 000 K for O III and N II respectively.

ISO (Kessler et al. 1996) and IUE provide valuable information which allow us to derive
more accurately the electron density (Ne), temperature (Te) and nebular abundances. Infrared
lines avoid many problems usually encountered when deriving abundances, which could be
present in the nebula, especially temperature fluctuations. This and other advantages using
infrared spectra are briefly discussed by Pottasch & Beintema (1999).

The following section is devoted to the ISO and IUE observations. The nebula is larger
than both the ISO–SWS and IUE apertures and because of dust absorption (although small)
the fluxes need to be corrected for extinction. This is discussed in Sect. 3.3. In Sect. 3.4 the
line fluxes (infrared, optical and ultraviolet) are presented. The physical parameters, Ne and
Te, for the nebula are derived and discussed in Sect. 3.5. In Sect. 3.6 a discussion of the
chemical abundances is given. The conclusions are given in the last section.

3.2 ISO and IUE observations

The infrared observation was made with the Short Wavelength Spectrometer (SWS) on board
ISO. Information about this instrument can be found in de Graauw et al. (1996). The wave-
length range covered by the instrument is from 2.38 to 45.2 µm. The observation used cor-
responds to a SWS01 observing template, TDT number 72501762. This is a fast observation
(Speed 2) of 1912 seconds exposure time, and was reduced at a fixed spectral resolution of
250. The observation was centered at RA(2000) 07h41m55s.4 and Dec(2000) -18◦12′31.8′′.
Pointing errors in ISO are uncertain by about 1.5′′. The position angle of this observation is
23◦. In Fig. 3.1 the SWS spectrum of NGC 2440 is presented.

Standard reduction techniques were applied and no major problems were encountered.
The reduction consists of; dark current subtraction, bad data removal (specially glitches
which are important in band 4 from 29.0 to 45.2 µm); rebinning to a fixed resolution. It
should be mentioned that the spectrum was not affected by fringes. Information about the
tools used to reduce the data can be found in the interactive analysis software package
distributed by the SWS consortium, IA3 (de Graauw et al. 1996). The observed infrared
intensities are given in Table 3.2.

Several ultraviolet observations exist, made with the International Ultraviolet Explorer
(IUE). Two low resolution spectra and two high ones were used in this paper. The IUE
observations were centered at the same position as the SWS observation within an accuracy
of 2′′. The low resolution spectra are labeled SWP 07262 and LWR 06256 and the high ones
as SWP 07263 and LWR 10741. The major axis position angle of the aperture for SWP07262
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Figure 3.1–. SWS spectrum of NGC 2440. The continuum is very low. Strong lines are measured and
have been labeled. Very weak PAH features are also present.

and SWP07263 was 72 ± 3◦. For LWP10741 it was 21 ± 3◦. The exposures were pointed
at the 2000 coordinates 07h 41m 55s.4, -18◦12′32.7′′. The Ne V (157.5 nm) and Si II (171.1
and 180.8 nm) lines were not present in these observations and were taken from Shields et al.
(1981). The observed ultraviolet intensities are given in Table 3.3.

3.3 Corrections to line fluxes

All fluxes measured: infrared, ultraviolet and optical, have been corrected for extinction (the
correction in the infrared is very small). Because of the size of the nebula and relative small
aperture sizes of the instruments, aperture corrections have been applied.

3.3.1 Extinction

In the previous work by Shields et al. (1981) a CHβ
=0.63 was found (where

CHβ
= log(

F (Hβ)predicted

F (Hβ)observed) )), although the value they determine by comparing the ob-
served I(λ1640)/I(λ4686) and I(λ2734)/I(λ4686) ratio is 0.67. This value is likely too
high. In the recent paper by Hyung & Aller (1998) a value of CHβ

= 0.53 is found by
comparing the Balmer and Paschen line ratios.

In this work the observed lines have been corrected for extinction using CHβ
= 0.50.

This leads to EB−V=0.34.

To measure the extinction the predicted FHβ
given by radio fluxes has been determined.

Applying the following equation:
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F (Hβ) =
Sν

2.82 109 t0.53 (1 + He+

H+ + 3.7He++

H+ )
(3.1)

the expected Hβ flux can be found. In Eq. 3.1 Sν=0.411 Jy at 5 GHz (Pottasch 1984), t
is the temperature of the nebula in 104 K ( in this case Te=15 000 is used) and 2.82 109 is a
conversion factor if the flux density Sν is in Jy and the F (Hβ) in erg cm−2 s−1. The helium
abundances are taken from Table 3.7 and have been derived using the theoretical predictions
of Benjamin et al. (1999) at a Ne=10 000 cm−3 (using Ne=100 cm−3 will lead to the same
values). Eq. 3.1 leads to a predicted Hβ of 91.0 10−12 erg cm−2 s−1. The extinction factor is
thus CHβ

= 0.46. This is in good agreement with what Hyung & Aller (1998) (CHβ
= 0.53)

found. An average of those two (CHβ
=0.50) has been used in the present paper. The actual

correction was applied using the Fluks et al. (1994) law.

3.3.2 Aperture corrections

NGC 2440 has a measured size (Shields et al. 1981) of 10′′ for the main body and a faint
envelope that extends up to 30′′. ISO–SWS uses different size apertures for the different
bands. These sizes range from 14′′x 20′′ (the smallest, measuring the 2.38 to 12.0 µm
wavelength interval), to larger apertures 14′′x 27′′ (12.0–27.5 µm), 20′′x 27′′ (27.5–29.0 µm)
and 20′′x 33′′ (29.0–45.2 µm). The aperture of the IUE is very similar to ISO–SWS smallest
aperture, it’s an ellipse of 10′′x 23′′. It is likely that some of the nebula is missing and,
because of the similarity in aperture size, the correction factors in the infrared and ultraviolet
will be similar. Due to the fact that the nebula is larger than the smallest ISO apertures one
should expect jumps in the SWS spectrum caused by the different aperture sizes used. This
is not the case, as can be seen in Fig. 3.1, because the contribution of the continuum at lower
wavelengths (smallest apertures) in this nebula is practically zero. There is a real (see Fig.
3.1) contribution of the nebula to the continuum at longer wavelengths, starting at around 21
µm. Since no jumps are seen in that part of the spectrum, the total nebular flux has probably
been measured above 12 µm.

In order to correct the infrared lines for aperture effects the SWS measurements have been
compared with those from the Infrared Astronomical Satellite (IRAS), which had an aperture
big enough to contain the whole nebula. This comparison is shown in Table 3.1. The SWS
and IRAS fluxes (Pottasch et al. 2000) are shown in Col. 4 and Col. 5. In the last column the
scale factor to reproduce the IRAS measurements (basically F iras/F sws) is given.

The advantage of this is that the lines IRAS has measured have been measured by the
SWS using different apertures (see above) so that a correction for each one can be applied.
As can be seen in Table 3.1 the IRAS fluxes for Ne VI and S IV are bigger than the fluxes
measured with SWS. This means that some flux is missing in the smaller apertures. That is
not the case for the ions longward of 12 µm which have been measured with a larger aperture.
The difference in the fluxes is within the errors expected. Only the S III seems not to agree but
the IRAS flux reported is uncertain. From the Ne II, Ne III and Ne V lines it appears that no
flux is missing in these apertures. Therefore, all measurements with the large SWS aperture
seem to see almost all the nebular line flux emission. In the smallest apertures some flux
is missing. The aperture correction factor are 1.35 and 1.72 for Ne VI and S IV. Although
the Ne VI line from IRAS is noisy, combining these two results lead to an average correction
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Table 3.1–. Comparison of IRAS and ISO–SWS fluxes, in units of 10−12 erg cm−2 s−1.

λ Ion SWS IRAS IRAS/SWS
(µm) Aperture Flux Flux
7.654 Ne VI 14′′x20′′ 52 70: 1.35
10.52 S IV 14′′x20′′ 29 50 1.72
12.81 Ne II 14′′x27′′ 9.2 8 0.87
14.32 Ne V 14′′x27′′ 96 90 0.93
15.56 Ne III 14′′x27′′ 65 75 1.15
18.70 S III 14′′x27′′ 17 30: 1.80
: Uncertain.

factor of 1.54.
Another way to estimate the ’missing aperture’ factor is by predicting the Hβ flux

from the Brα line. The dereddened Brα flux is 4.00 10−12 erg cm−2 s−1. The theoretical
prediction given by Hummer & Storey (1987) at Te=15 000 K and Ne=1000 cm−3 (using
Ne=10 000 cm−3 will lead to the same conclusions) leads to I(Brα/Hβ)= 6.86. A flux of
Hβ of 58.3 10−12 erg cm−2 s−1 will follow from it. However, the observed Hβ flux is 91.0
10−12 erg cm−2 s−1). This leads to an aperture correction factor of 1.56 is which agrees
with the average factor derived before. Therefore a factor of 1.56 has been adopted to correct
the measurements done in the smallest SWS aperture (below 12 µm).

To correct the ultraviolet lines the theoretical prediction (Hummer & Storey 1987) of
the ratio of the helium lines F (λ1640)/F (λ4686)=6.94 (for a Te= 15 000 K) has been used.
Using the dereddened fluxes listed in Tables 3.3 and 3.4 a ratio of 3.54 is found. The scaling
factor becomes 1.96, which we shall use.

The optical data used in this study has been taken from Hyung & Aller (1998). These
fluxes only represent part of the nebula, specifically the brightest part of the northern blob
using a slit of 4′′. Using the entire Hβ flux, they have been scaled to the total flux.

3.4 Line fluxes

In Table 3.2, 3.3, and 3.4 the infrared, ultraviolet and optical lines are listed.

3.4.1 Infrared spectrum

The infrared spectrum as measured by ISO–SWS is shown in Fig. 3.1. The spectrum is
especially rich in neon and sulfur lines which are also the strongest, after the [O IV] line
at 25.9 µm. Seventeen lines have been measured. This is shown in Table 3.2. Only one
hydrogen line (Brα) and one helium line at 9.26 µm are found. High ionization stages for
argon (Ar VI), neon (Ne VI) and magnesium (Mg V) have been measured. The strongest line
is that of [O IV]. Argon, neon and sulfur are all present in the most important stages of
ionization.

Calibration errors increase at longer wavelength, but on average they amount to about
20%. Random errors depend on the line strength, and they decrease with line strength. Nor-



36 CHAPTER 3: An ISO and IUE study of Planetary Nebula NGC 2440

Table 3.2–. Infrared line intensities for NGC 2440, fluxes in units of 10−12 erg cm−2 s−1.

λ Ident. Flux
(µm) observed dereddened1 corrected2

4.051 H I Brα 3.91 4.00 6.24
4.527 [Ar VI] 16.8 17.2 26.8
5.611 [Mg V] 13.5 13.7 16.09
6.986 [Ar II] 3.30 3.34 5.21
7.654 [Ne VI] 52.0 52.7 82.2
7.900 [Ar V] 4.33 4.40 6.86
8.994 [Ar III] 9.37 9.83 15.33
10.512 [S IV] 29.1 30.5 57.6
12.813 [Ne II] 9.18 9.36 9.36
13.101 [Ar V] 4.20 4.28 4.28
14.323 [Ne V] 96.4 97.8 97.8
15.557 [Ne III] 65.2 66.3 66.3
18.712 [S III] 16.7: 17.1 17.1
24.321 [Ne V] 121.8 123.5 123.5
25.896 [O IV] 297.9 301.7 301.7
33.479 [S III] 14.8: 14.9 14.9
36.017 [Ne III] 9.35 9.42 9.42

: Noisy line.
1 Dereddened fluxes using CHβ

=0.50.
2 Aperture corrected and dereddened fluxes: only for lines below 12 µm an aperture correc-
tion factor of 1.56 has been applied.

mally weak lines (I < 5, where I is in 10−12 erg cm−2 s−1) have estimated errors of about
20%, intermediate lines (5 < I < 10) of about 10%, while the strongest lines (I > 10), have
normally less than 5% uncertainty. There are just two exceptions, the sulfur lines at 33.479
and 18.712 µm. In the latter, the up and down scans differ by 40%.

3.4.2 Ultraviolet spectrum

In the IUE spectra fifty lines were measured. Nitrogen, oxygen, carbon and magnesium lines
are abundant (Table 3.3). The low resolution spectrum was used when deriving the physical
parameters and abundance; if not available, then the high resolution spectrum was used, and if
not possible data from Shields et al. (1981) was used. The sum of the high resolution doublet
fluxes should be the same as the unresolved low resolution, but often is not. Low–dispersion
SWP spectra are preferred because they have the highest accuracy. In the high–dispersion
observations the exposures are generally much longer and thus subject to higher background
radiation noise. In addition, echelle order splice points and less well defined continuum levels
lead to greater uncertainties in flux determination. A nominal error of ±10% was assumed
for well exposed (unsaturated) IUE low–dispersion spectra (∼ 200 DN).
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Table 3.3–. IUE intensities, fluxes in units of 10−12 erg cm−2 s−1. The dereddened and aperture corrected fluxes in Cols. 5-6 and Cols. 11-12
correspond to the low resolution spectra.

λ Ident. Flux1 Flux2 Flux3
λ Ident. Flux1 Flux2 Flux3

(nm) HR LR (nm) HR LR
116.86 C IV 3.60 99.92 195.85 180.80 Si II 0.160 1.82 3.56∗

123.92 N V 1.33 2.74 57.99 113.66 190.70 C III] 24.29 41.92 517.72 1014.73
124.31 N V 1.45 190.91 C III] 17.7
130.06 C III 0.39 6.95 13.62 229.80 C III 0.26 0.61 9.58 18.78
132.77 C II 0.42: 6.95 13.62 232.65 C II] 1.46 3.7 21.84 42.81
137.09 O V 0.55 0.32 4.79 9.39 232.81 C II] 0.65 9.67 18.95
140.13 O IV] 0.78 2.74 38.54 75.53 238.66 He II 0.31 3.90 7.63
140.51 O IV] 0.57 242.30 [Ne IV] 3.38 7.47 85.28 167.15
140.73 O IV] 0.28 242.56 [Ne IV] 3.79
148.36 N IV] 3.75 10.14 130.64 256.05 247.15 [O II] 0.56 1.04 10.76 21.09
148.68 N IV] 2.38 251.24 He II 0.58 1.04 9.99 19.59
154.86 C IV 11.99 27.36 349.09 684.21 273.46 He II 1.13 1.62 11.34 22.23
155.12 C IV 7.24 278.42 [Mg V] 0.66: 0.87 5.86 11.48
157.50 Ne V 0.630 8.05 15.78∗ 279.73 Mg II 0.23 1.53 3.01
160.24 [Ne IV] 0.58 7.37 14.44 280.45 Mg II 0.13 0.86 1.69
164.07 He II 22.36 23.43 289.73 567.86 283.00 O IV? 0.20 1.30 2.55
166.10 O III] 0.44 2.96: 35.59 69.75 283.77 O III 0.72 0.59 3.82 7.48
166.64 O III] 1.06 285.51 Mg I 0.31 1.98 3.88
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Table 3.3–. Continued.

λ Ident. Flux1 Flux2 Flux3
λ Ident. Flux1 Flux2 Flux3

(nm) HR LR (nm) HR LR
171.10 Si II 0.630 7.36 14.43∗ 286.96 ? 0.13 0.82 1.61
171.68 S III? 0.42 4.89 9.59 290.14 C IV 0.12 0.74 1.46
174.71 N III] 0.48 10.1 115.60 226.57 292.95 [Mg V] 0.21 1.27 2.50
174.90 N III] 0.71 302.50 O III 0.21 0.15 0.86 1.68
175.00 N III] 4.07 304.86 O III 1.03 1.22 6.88 13.49
175.24 N III] 2.19 313.44 O III 7.15 7.88 42.36 83.03
175.43 N III] 0.45 320.47 He II 2.69 3.88 20.10 39.39
180.49 [Ne III] 0.450 5.11 10.01
Flux1: Observed flux; HR= High Resolution Spectra; LR= Low Resolution Spectra.

Flux2: Dereddened flux.

Flux3: Dereddened and aperture corrected flux (Aperture factor is 1.96).
∗ Taken from Shields et al. (1981).

: Noisy.
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3.4.3 Optical data

Together with the infrared and ultraviolet data, optical lines were also used to derive the
physical parameters of the nebula, and to have information on some unobserved stages of
ionization. The observed fluxes were taken from Hyung & Aller (1998), and corrected for
reddening. The Ne V line flux given by Rowlands et al. (1993) was also used. Table 3.4 lists
the optical lines used.

For N II line fluxes at 575.5 and 658.4 nm, given by Perinotto & Corradi (1998), have been
included. They measure the flux in different regions of the nebula: from the center (cen), to
positive increasing distances from the center (p1,p2, etc...) and negative increasing distances
(n1,n2, etc...), relative to the orientation defined by the position angle of their observations
(see Perinotto & Corradi 1998, for details). The average values used in this paper correspond
to the cen+p1+n1 regions which agree with the region observed by ISO–SWS and IUE.

3.5 Physical parameters

In this section the electron temperature and density are analyzed.

3.5.1 Analysis

Electron density

Ne has been derived for nine ions. A Te=15 000 K has been assumed and a justification for
this choice is given in the following subsection. The Ne is shown in Table 3.5, and as can
be seen, Ne seems to be constant for all the ions except for S III and Ar V. For comparison,
the Ne found by Keenan et al. using the R-matrix method in successive papers in 1996,
1997, 1998 and 1999 for S II, Ar IV, Ne IV and O II respectively have been included in the
table, which average to 4000 cm−3. Hyung & Aller (1998) give an average Ne of 5000
cm−3. If the average Ne is derived from Table 3.5, excluding S III and Ar V, a value of 4500
cm−3 is found. This is in good agreement with the Ne given by Hyung & Aller (1998)
and Keenan et al. (1996, 1997, 1998, 1999) and therefore has been adopted to derive the
Te and abundances. Ne derived from S III and Ar V differs by a large amount from the rest
of the ions. This could be due to the fact that the argon line at 13.01 µm and especially the
sulfur line at 33.47 µm are very noisy. The Ne has been derived for several ions which have
different ionization potential (IP). This value seems to be constant, about 4500 cm−3; there
is no trend with IP.

Electron temperature

To derive Te the ratio of lines originating from levels that differ by several electron volts are
needed. An Ne=4500 cm−3 has been assumed.

Te has been derived for thirteen different ions and the values are shown in Table 3.6. The
temperatures are plotted versus the ionization potential in Fig. 3.2. The curve shows a trend
of Te with IP.

The Te derived from N II differs by 1400 K depending on whether the optical lines from
Hyung & Aller (1998) or Perinotto & Corradi (1998) are used. Both values are shown in
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Table 3.4–. Optical line fluxes. Observed values were taken from Hyung & Aller (1998). The dered-
dened fluxes were derived using an interstellar extinction of CHβ

=0.50 (EB−V=0.34). Fluxes are in
units of 10−12erg cm−2 s−1.

Wavelength Ident. Measured Dereddened
(nm) Fluxes Fluxes

342.68 [Ne V] 25.3∗ 118
372.60 [O II] 15.17 64.1
372.97 [O II] 7.59 32.0
386.87 [Ne III] 27.2 111.3
436.32 [O III] 7.29 26.6
447.15 He I 0.99 3.51
468.57 He II 23.5 78.1
471.15 [Ar IV] 2.29 7.56
474.00 [Ar IV] 2.46 8.05
486.10 Hβ 31.6 99.54
500.68 [O III] 522.4 1572
519.17 [Ar III] 0.10 0.28
519.80 [N I] 1.69 4.81
520.03 [N I] 1.17 3.33
551.76 [Cl III] 0.64 0.52
553.79 [Cl III] 0.23 0.60
575.46 [N II] 4.80 12.02
575.46 [N II] 4.54† 11.37
587.57 He I 3.10 7.60
630.03 [O I] 6.53 14.9
631.20 [S III] 0.66 1.50
658.33 [N II] 383.7 841
658.33 [N II] 263.1† 576.7
671.64 [S II] 1.96 4.21
673.08 [S II] 3.13 6.71
700.59 [Ar V] 1.39 2.87
726.29 [Ar IV] 0.149 0.296
732.00 [O II] 3.14 6.196
733.03 [O II] 2.63 5.18

∗ Taken from Rowlands et al. (1993).
† Taken from Perinotto & Corradi (1998) (see text).
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Table 3.5–. Electron density. Te=15 000 K is used.

Ion IP? Lines used Obs. Ne Other
(eV) (nm) ratio (cm−3) ref.1

S II 10.4 673.1/671.6 1.59 4260 3100 a

O II 13.6 372.6/372.9 2.00 4890 5000 d

S III 23.3 33 470/18 700 0.87 871:
Cl III 23.8 553.8/551.8 1.15 4900:
C III 24.4 190.7/190.9 1.35 4360
Ar IV 40.7 472.4/472.5 1.04 4900
Ar IV 40.7 471.1/474.0 0.94 5200 4000b

Ar V 59.8 13 100/7900 0.62: 34 500:
Ne IV 63.4 242.4/242.2 1.11 3400 4000c

1Values taken from Keenan et al. (1996a, 1997b, 1998c, 1999d).
: Large uncertainty.
? IP: Ionization potential.

Fig. 3.2. The difference is mainly due to the flux difference of the 658.3 nm line, about 30%.
The observations correspond to different parts of the nebula. However, the 575.5 nm line
fluxes are very similar, indicating that the 658.3 line discrepancy maybe ascribed to errors in
flux determination. The ratio based on Perinotto & Corradi’s (1998) fluxes gives a Te which
better agrees with that of O II, that has a similar IP, and therefore was adopted to derive the
curve in Fig. 3.2. The difference in derived Te shows how differences in the fluxes can lead
to noticeable differences in the reported temperature.

In Fig. 3.2 the values tabulated in Table 3.6 have been plotted with the exception of the
Ne III Te. Ne III has been excluded because in other studies (Pottasch & Beintema 1999;
Bernard Salas et al. 2001, chapter 2) it usually gives a lower Te. Probably this is due to the
atomic parameter data. The Te derived from the S III using the line ratio 631.2 nm/33 479
nm is not included because the errors are too large. Instead the ratio 631.2/18 700 has been
used. It should also be noticed that the S III ratio is sensitive to the adopted Ne and this could
explain the difference found in both Te. To derive chemical abundances Te corresponding to
the IP of each ion (given by the curve in Fig. 3.2) and Ne=4500 cm−3 have been assumed.

3.5.2 Discussion

The Ne sees to be constant and this could mean that the ejection of the outer layers is now at
lower rates than it has been before, leading to an homogeneous stratification of the nebula.

A trend of Te with IP is found. As previously discussed by Bernard Salas et al. (2001,
chapter 2) for NGC 7027, this agrees with a simple picture of a nebula where the high
ionization states are reached closer to the central star so they give higher temperatures, and
the low states of ionization give lower Te because they are formed further away. It is worth
mention that the different values for the optical lines (of N II) given by Hyung & Aller (1998)
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Figure 3.2–. Electron temperature versus ionization potential. The ratios used for each ion are indi-
cated in Table 3.6. The N II ratio plotted in this figure, has been derived using the line fluxes given by
Perinotto & Corradi (1998), see Table 3.6. The shape of the curve is in accordance with the expected
physical behavior (see discussion Sect 3.5.2)

and Perinotto & Corradi (1998) lead to different Te which can slightly affect the relative
abundances derived for low ionization potentials (IP) ions.

To derive the abundances for each ion a Te has been assumed as determined by the curve
in Fig. 3.2. The temperature assumption is more important for ions where the abundance has
been derived using optical or ultraviolet data. Abundances derived from infrared lines are
insensitive to the adopted temperature. As can be seen in Fig. 3.2 the trend at high IP is not
as well determined as at low IP. For ions with low IP the abundance has been derived mainly
using ultraviolet or optical data, that are sensitive to the Te adopted, but where the curve is
well determined. On the other hand abundances of ions at high IP have been derived from
infrared lines and therefore are insensitive to the adopted Te.

3.6 Chemical abundances

To derive the ionic abundances a Ne=4500 cm−3 an a Te according to the IP of each ion (see
Sect. 3.5.2) have been assumed.

3.6.1 Analysis

The element abundances for carbon, nitrogen, oxygen, neon, magnesium, argon and sulfur
have been derived. Unfortunately for silicon and chlorine only one stage of ionization was
measured which is not enough to properly derive the abundance. The determination of the
ionization correction factor (ICF) is too uncertain. The ions for which abundances have been
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Table 3.6–. Electron temperature. Ne=4500 cm−3 is used.

Ion IP Lines used Obs. Te Other
(eV) (nm) ratio (K) ref.1

O II 13.6 732.0/372.6? 0.177 11 700 11 7001c

N II 14.5 575.5/658.4 0.0143 9500
N II 14.5 575.5/658.4 0.0197 10 900†

S III 23.3 631.2/18 700 0.088 11 400
Ar III 27.6 519.2/8990 0.018 12 000
O III 35.1 436.3/500.7 0.0169 14 060
Ar IV 40.7 726.3/471.1 0.039 17 800 17 6501a

Ne III 41.0 386.8/15 500 1.68 13 800
O IV 54.9 140.0/25 900 0.148 16 600
Ar V 59.8 700.5/7900 0.39 14 800
Ne IV 63.4 472.4/242.2?? 0.012 20 900 19 8001b

Ne V 97.1 342.6/24 300 0.95 19 400
Mg V 109.3 278.3/5610 0.61: 17 500

1Values taken from Keenan et al. (1997a, 1998b, 1999c).
† Using the line fluxes given by Perinotto & Corradi (1998).
? The lines used are; (732.0+773.0)/(372.6).
?? The lines used are; (472.4+472.6)/(242.2+242.6).
: Very noisy.

derived are listed in Table 3.7.
The equation used to determine these ionic abundances is:

Nion

Np
=

Iion

IHβ

Ne
λul

λHβ

αHβ

Aul

(

Nu

Nion

)−1

(3.2)

In the equation Np represents the density of ionized hydrogen; Iion/IHβ
is the measured

intensity of the ionic line, normalized to Hβ ; λul is the wavelength of the line and λHβ
is the

wavelength of Hβ ; αHβ
is the effective recombination coefficient for Hβ ; Aul is the Einstein

spontaneous transition rate for the line and finally Nu/Nion is the ratio of the population of
the level from which the line originates to the total population of the ion. The collisional
strengths (Ω) used to derive the population of the levels are tabulated in Col. 3 of Table 3.7.
Collisional strengths derived from the Iron Project were preferred, when not available, the
most recent ones were chosen from the literature. The transition probabilities used are those
from Mendoza (1983) for all ions except for Ne V where the ones by Galavis et al. (1997)
were used.

As can be seen in Table 3.7 the ICF is 1 or 1.1 in all cases but sulfur. This shows how
powerful it can be to combine infrared, optical and ultraviolet data in order to get reliable
abundances. The ICF for sulfur is bigger because some contribution from S4+ and S5+ is
expected. The ICF were calculated on a purely empirical basis using the known distribution
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Table 3.7–. Ionic and element abundances.

Ion λ (nm) Ω? Nion/Np ICF1 Nel./Np

He+ 587.7 0.0554]

He++ 468.6 0.0639] 1 0.119
C+ 232.7 a 1.06(-4)
C++ 190.9 b 5.68(-4)
C3+ 154.9 b 3.75(-5) 1.01 7.19(-4)
N0 519.8, 520.0 b 7.88(-6)
N+ 658.3 c 1.14(-5)
N+ 658.3† c 7.80(-6)
N+ 575.5 c 8.21(-5)
N++ 175.0 a 3.09(-4)
N3+ 148.5 b 9.39(-5)
N4+ 123.9 b 1.50(-5) 1 4.37(-4)
O0 630.0 b 2.01(-5)
O+ 372.7, 373.0 d 3.54(-5)
O++ 500.8, 436.3 c 1.82(-4)
O3+ 25 900 e 1.06(-4) 1.1 3.78(-4)
Ne+ 12 810 f 1.10(-5)
Ne++ 15 500 g 4.10(-5)
Ne3+ 242.5,472.5 h,b 2.26(-5)
Ne4+ 14 320 c 8.99(-6)
Ne4+ 24 300 c 1.65(-5)
Ne5+ 7650 e 1.02(-5) 1 1.10(-4)
Mg+ 280.0 i 7.56(-x9)
Mg4+ 5610 j 3.42(-6) – –
S+ 671.6, 673.1 k 3.24(-7)
S++ 18 710 l 1.80(-6)
S3+ 10 510 m 1.10(-6) 1.47 4.72(-6)
Cl++ 553.8, 551.8 b 4.51(-8)
Ar+ 6980 n 3.58(-7)
Ar++ 8990 l 1.31(-6)
Ar3+ 471.1, 474.0 o 7.09(-7)
Ar4+ 7900, 700.6 l 2.38(-7)
Ar5+ 4527 p 3.58(-7) 1.07 3.17(-6)

1 ICF = Ionization Correction Factor.
] Using the predictions for the helium emission lines given by Benjamin et al. (1999).
† Value from Perinotto & Corradi (1998).
?References for the collisional strengths (Ω): a) Blum & Pradhan (1992), b)Mendoza (1983),
c) Lennon & Burke (1994), d) McLaughlin & Bell (1993), e) Zhang et al. (1994), f) Saraph
& Tully (1994), g) McLaughlin & Bell (2000), h) Ramsbottom et al. (1998), i) Sigut &
Pradhan (1995), j) Butler & Zeippen (1994), k) Keenan et al. (1996), l) Galavis et al. (1995),
m) Saraph & Storey (1999), n) Pelan & Berrington (1995), o) Ramsbottom et al. (1997), p)
Saraph & Storey (1996).
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Table 3.8–. Comparison of abundances in NGC 2440.

Element Present Sun1 O,B Stars2 Hyung & Aller3 Kwitter4 Perinotto5

abund. ICF-M Model Model & Corradi
Helium 0.119 0.098 0.126 0.11 0.12 0.124
Carbon 7.2(-4) 3.5(-4) 1.7(-4) 3.4(-4) 4.0(-4) 6.3(-4)
Nitrogen 4.4(-4) 9.3(-5) 6.5(-5) 1.0(-3) 9.0(-4) 8.2(-4) 7.0(-4)
Oxygen 3.8(-4) 7.4(-4) 4.2(-4) 4.4(-4) 3.5(-4) 5.7(-4) 3.8(-4)
Neon 1.1(-4) 1.2(-4) 1.2(-4) 9.5(-5) 7.0(-5) 7.4(-5) 6.0(-5)
Magnesium – 3.8(-5) 2.4(-5) 2.0(-6) 2.0(-6)
Silicon – 3.5(-5) 2.4(-5) 1.7(-6) 1.9(-6)
Sulfur 4.7(-6) 1.9(-5) 1.2(-5) 1.7(-6) 2.0(-6) 3.1(-6)
Chlorine – 1.9(-7) 1.9(-7) 1.3(-7) 1.2(-7)
Argon 3.2(-6) 3.6(-6) 2.0(-6) 2.2(-6) 2.6(-6)

1Solar abundance from Grevesse & Noels (1993) and Anders & Grevesse (1989).
2O, B star abundances are the average of Gies & Lambert (1992) and Kilian-Montenbruck
et al. (1994).
3 Abundances by Hyung & Aller (1998), determined using the ICF–Method and modeling.
4 From Kwitter & Henry (1996).
5 From Perinotto & Corradi (1998).

of neon ions (with varying IP) as an example.

3.6.2 Discussion of the abundances

The abundances derived have been compared to those found in the Sun, O, B stars and previ-
ous literature (see Table 3.8 for references).

The helium and carbon abundances agree with those found by Kwitter & Henry (1996).
The carbon abundance found by Hyung & Aller (1998) seems too small. The nitrogen is half
that found by the same authors. The ICF used by Hyung & Aller (1998) seems too large. On
the other hand the oxygen and neon abundances agree quite well. The sulfur abundance is
higher than the ICF–Method and Model employed by Hyung & Aller (1998), but four and
three times smaller than that of the Sun and O, B stars. For this element a high ICF of 1.47
(see Table 3.7) was needed because contribution from S4+ and S5+ is expected. The IP of
these ions (47.3 and 72.7 eV respectively) is still in the limit where the radiation of the central
star can ionize them. The reason for the lower abundance of sulfur is not clear. It can not be
due to the ICF used because to match the solar sulfur abundance an ICF of 5.8 (or ICF=2.6
to match the O, B stars) should be used which is definitively too high. Finally the argon
abundance from Hyung & Aller (1998) is smaller than the present study. The abundances
in Perinotto & Corradi (1998) constitute an average of various regions of the nebula. Since
they have been weighted to the local surface brightness, they refer to the brightest positions
which correspond to the center, p1 and n1 (Sect. 3.4.3 or see Perinotto & Corradi (1998) for
details) and are therefore comparable to ISO and IUE observations. The helium, oxygen,
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Table 3.9–. Comparison of the abundance ratios of C, N and O.

NGC 2440 NGC 70271 Sun O Stars
N/O 1.2 0.39 0.15 0.15
C/O 1.9 1.5 0.48 0.42

(C+N+O)
H 1.5(-3) 1.2(-3) 1.2(-3) 6.6(-4)

1From Bernard Salas et al. (2001).

argon abundances agree with those of this paper. The neon and sulfur abundances are lower
than the present study, but agree better than those of the models. The nitrogen abundance
from Perinotto & Corradi (1998) is much higher but they only measured N II, and used a
highly uncertain ICF. From the C, N, O elements, only oxygen is less abundant than in the
Sun and O, B stars. Maybe some oxygen has been converted into carbon and nitrogen via
the CNO cycle. Neon and argon are similar to O, B stars which could mean that the nebula
hasn’t formed any of these elements during its evolution. It is interesting to compare the ratio
of carbon, oxygen and/or nitrogen. This is shown in Table 3.9.

The N/O ratio is 3 times bigger than in NGC 7027 and 9 times bigger than in the Sun and
O, B stars. A less pronounced difference occurs for the C/O ratio. Probably the oxygen has
been converted into nitrogen and to some extent into carbon as well. The (C+N+O)/H ratio is
twice as large as in any other source. The progenitor star of NGC 2440 must be much more
massive than the Sun or NGC 7027. This is also supported by the helium abundance which is
also larger than any of these comparison sources.

3.7 Conclusions

The combined use of ISO, IUE and optical data is a powerful tool to derive NGC 2440’s
elemental abundances.

The density seems to be constant (see Table 3.5) across the nebula because line ratios of
ions with different IP that are probably formed in different regions give the same electron
density. The nebula’s size is expected to increase with time as more layers are ejected. In
order to keep a constant density in an expanding nebula, the ejection should occur at con-
tinuously lower rates. The electron temperature increases with ionization potential (see Fig.
3.2). This has previously been detected for NGC 7027 (Bernard Salas et al. 2001, chapter
2), NGC 6302 (Pottasch & Beintema 1999) and NGC 6537 (Pottasch et al. 2000). A simple
picture of a planetary nebula is that close to the central star there exist more high energy
UV photons than in the outer regions. Thus high IP ions are formed close to the central star
only and in an environment of high temperature. Low stages of ionization require lower UV
photons and consequently give lower temperature. From Table 3.9 it is clear that the CNO
cycle has converted much of the oxygen into nitrogen and to some extent into carbon. The
(C+N+O)/H ratio is larger than that of the Sun and NGC 7027. Therefore NGC 2440’s pro-
genitor must have been more massive than NGC 7027. This is supported by the fact that the
carbon, nitrogen and oxygen abundances (Table 3.8) are, although lower, close to those of
more massive O, B stars.
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4
Abundances of Planetary Nebulae

BD+30 3639 and NGC 6543
Based on:

J. Bernard-Salas, S.R. Pottasch, P.R. Wesselius, & W.A. Feibelman
ASTRONOMY & ASTROPHYSICS, 406, 165 (2003)

INFRARED spectra taken with the Short Wavelength Spectrometer on board ISO and UV
observations with IUE of planetary nebulae BD+30 3639 and NGC 6543 are presented.

The extinction derived using infrared lines for BD+30 3639 is EB−V= 0.34, slightly higher
than previous determinations. For NGC 6543 the extinction found from the hydrogen lines
is EB−V= 0.07. Infrared, optical and ultraviolet data have been used to derive the physical
parameters of the nebula. BD+30 3639 has an average Te= 8500 K and Ne= 11 000 cm−3. In
the case of NGC 6543 a Te= 8200 K and Ne= 5000 cm−3 have been found, in agreement with
previous determinations. The element abundances have been derived and compared to those
found in the Sun and O, B stars. This comparison gives a hint of the mass of the progenitor
stars from which they evolved.
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4.1 Introduction

Both BD+30 3639 and NGC 6543 have a low temperature exciting star which translates into
a spectrum dominated by lines of ions with low ionization potential. Past abundance studies
of these two Planetary Nebulae (PNe) have been mostly focused on the optical and ultraviolet
spectra. Nevertheless, some lines from important stages of ionization (those which contribute
most to the total abundance) of some elements lie in the infrared region of the spectrum and
had to be inferred in previous studies. The inclusion of the infrared data from the ISO satellite
allows us to accurately derive abundances of neon, argon, sulfur and chlorine. They also
provide complementary information of other important stages of ionization such as N++ and
O3+ and have the advantage that they are not temperature dependent. The extinction plays a
minor role in these lines. Other advantages of the infrared data have been briefly discussed by
Beintema & Pottasch (1999) and Bernard Salas et al. (2001, chapter 2). All these advantages
have allowed us to derive accurate abundances for both PNe.

4.1.1 BD+30 3639

BD+30 3639 is a compact planetary nebula with a low extinction and a carbon Wolf–Rayet
central star. It has been the object of many previous studies. Earlier observations with the
International Ultraviolet Explorer (IUE) were reported by Torres-Peimbert & Peña (1981).
Pwa et al. (1986) derived ionic abundances for several ions, and using ionization corrections
factors (ICF), derived the total abundances for some elements. They found the dust-to-gas
ratio to be 1.8%, and determined an extinction for the interstellar component of EB−V=0.12.
Using the P Cygni profile of the C III 2297 Å line they find a terminal velocity of 790 ± 50
km/s. A recent X-ray study of this nebula by Kastner et al. (2000) using the ACIS instrument
on board the Chandra X-ray Observatory shows that the X-ray emission originates within the
ionized gas, and is concentrated to one side. They found TX = 3× 106 K. The spectroscopic
study reveals that the X-ray emitting region may be enriched as a result of nuclear burning.

An optical and near-infrared study was made by Rudy et al. (1991), while Aller & Hyung
(1995) used high resolution observations from the Hamilton echelle spectrograph at Lick
Observatory to study the physical conditions and abundances of the nebula. They found
an electron density (Ne) of 10 000 cm−3 and an electron temperature (Te) of 8800 K, and
abundances very similar to solar. In spite of all these studies BD+30 3639 still needs more
attention. The SWS infrared spectrum shows silicates, which are related to oxygen rich PNe,
and Polycyclic Aromatic Hydrocarbon (PAHs) features, related to a carbon-rich nebula . This
remains a puzzle.

4.1.2 NGC 6543

PN NGC 6543 shows a very interesting morphology with bubbles and an extended halo. It
has a central star classified as Of/WR. The diameter of the nebula is 19.5′′ (Hyung et al.
2000), and it has a halo with a radius of 165′′ (Middlemass et al. 1989). Castor et al. (1981)
using IUE observations estimated the terminal velocity of the wind to be 2150 km/s and
deduced a mass-loss rate of 1.0 × 10−7 M�/yr. Aller & Czyzak (1979) studied a sample
of 40 PNe, with emphasis on the weak lines, including NGC 6543. X-ray observations have
been done by Guerrero et al. (2001) and they have detected a point source at the position of
the central star of NGC 6543. They derived a X-ray temperature of a few times 106 K. A
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recent study, in terms of physical conditions and abundances, has been carried out by Hyung
et al. (2000). They combine Hamilton echelle observations in two positions (east and north of
the central star), with IUE data. They found an Te= 8000∼8300 K and an Ne= 5000 cm−3.
They predicted a progenitor mass star of ∼ 1 M�. Manchado & Pottasch (1989) presented
observations of the central region and the halo of NGC 6543. For the central region they
derived Ne=4000 cm−3 and Te=7000 K. For the halo they obtained a higher temperature and
concluded that the radiation from the halo is thermal and not due to dust reflection. A detailed
study of different parts of the halo can be found in Middlemass et al. (1989) comparing the
abundances of the halo with the central core of the nebula.

4.1.3 Layout of this chapter

In the next section the observations and reduction analysis is briefly discussed. Sect. 4.3
discusses the possibility for the need of aperture corrections. In Sect. 4.4 the infrared data is
presented and the extinction derived. The optical and IUE data used in this study is listed in
Sect. 4.5. The physical parameters are derived in Sect. 4.6 and the abundances in Sect. 4.7.
Conclusions are given in the last section.

4.2 Observations and data reduction

4.2.1 ISO observations

SWS observations

The Short Wavelength Spectrometer on board ISO (de Graauw et al. 1996) covers the
spectral range from 2.38 to 45.2 µm. ISO-SWS uses different size apertures for four different
spectral regions. These apertures are 14′′x20′′, 14′′x27′′, 20′′x27′′ and 20′′x33′′ and cover
respectively the wavelength intervals: 2.38–12.0 µm, 12.0–27.5 µm, 27.5–29 µm and
29.0–45.2 µm.

The observations used for BD+30 3639 and NGC 6543 correspond to the SWS01
observing template. The observation number for BD+30 3639 is TDT=86500540. It is a
slow observation, Speed 3, which corresponds to an exposure time of 3453 seconds. It
was centered at RA(2000) 19h34m45.2s and Dec(2000) +30◦30′58.8′′. For NGC 6543
the observation used is TDT= 02400714. This is a Speed 4 (slow) observation of 6544
seconds. It was centered at RA(2000) 17h58m33.4s and Dec(2000) +66◦37′59.5′′. The
observations were pointed at the center of the nebulae. The pointing errors for ISO are ∼1.5′′.

A description of the tools used to reduce the data can be found in the interactive analysis
software package which is distributed by the SWS consortium, IA3 (de Graauw et al. 1996).
Each wavelength range is covered by both an up and a down scan. Each is sampled by twelve
detectors. Both scans were reduced separately and combined to produce the spectra seen in
Fig. 4.1. The reduction consists of several steps;

• Dark current subtraction. Sometimes some detectors were affected by memory effects
and were not used when deriving the dark current.

• De-fringing: Fringes were present in the BD+30 3639 spectrum. The patterns are se-
vere in bands 3A, 3C, 3D and 3E. These were removed using the IA tool fringes.
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Figure 4.1–. SWS spectra of BD+30 3639 and NGC 6543.

• Removal of glitches and bad data. The former are normally easily detected when com-
paring both scans because they are taken at different times. Band 4 is heavily affected
and that makes it hard to tag the glitches.

• Flatfielding. The spectra of all detectors in each grating block were flatfielded to give
the same signal.

• Sigma-clipping and rebinning. Data exceeding a 3σ error were excluded; thereafter
rebinned to a fixed resolution of 1000.

Band 3E (from 27.5 to 29 µm) for BD+30 3639 and band 4 (from 29 to 45.2 µm) for
NGC 6543 presented an offset with respect to the overall spectrum. This was due to the dark
current which has an additive effect in the spectra. They were corrected applying a shift of
35 Jy in BD+30 3639 and 55 Jy in NGC 6543. Apart from that the reduction did not present
unusual problems.

LWS observations

Lines from the Long Wavelength Spectrometer (Clegg et al. 1996) spectra were also used.
This instrument covers the wavelength range from 43 to 196 µm and has a resolution that
varies (depending on wavelength) from 140 to 330. The aperture of the LWS is 80′′. The ob-
servational numbers are TDT=35501412 for BD+30 3639 and TDT=25500701 for NGC 6543
and correspond to the AOT01 observing template. The lines used were those at 51.8 and 88.3
µm ([O III]) and at 57.3 µm ([N III]).

4.2.2 Ultraviolet and optical observations

The ultraviolet spectra used in this paper were taken with the International Ultraviolet
Explorer (IUE). The aperture of the IUE is an ellipse of 10′′x23′′.
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Table 4.1–. Comparison of IRAS and ISO–SWS fluxes, in units of 10−12 erg cm−2 s−1, for
NGC 6543.

λ Ion SWS IRAS IRAS/SWS
(µm) Aperture Flux Flux
8.994 Ar III 14′′x20′′ 68.8 90 1.31
10.52 S IV 14′′x20′′ 385.2 430 1.11
12.81 Ne II 14′′x27′′ 22.2 20 0.90
15.56 Ne III 14′′x27′′ 631.8 530 0.84
18.70 S III 14′′x27′′ 132.0 180 1.36

In BD+30 3639 the [WR] central star contaminates the nebular ultraviolet spectrum;
therefore only the uncontaminated nebular C II] of Torres-Peimbert & Peña (1981), was used.
The [C III] line at 190.9 nm is produced both by the star and the nebula. Torres-Peimbert &
Peña (1981) assume that only half of the intensity is of nebular origin when deriving the ionic
abundance, but this is uncertain. The nebular contribution can be separated from the stellar
contribution using high resolution spectra. There are only two of these IUE observations in
which this line is not saturated. Due to the quality of the spectra the SWP51870 observation
centered at RA(2000) 19h34m45.2s and Dec(2000) +30◦30′59.7′′ with an exposure time
of 10 200 seconds was used to give the intensity for this line. This appears as a narrow
component above the broad stellar line and is tabulated in Table 4.5. The optical data was
taken with a slot size of 1.2′′x 4.0′′ (Aller & Hyung 1995). This slot does not contain the
whole nebula, and therefore each line flux has been scaled to the total flux using the entire
Hβ flux (93.3 × 10−12 erg cm−2 s−1), and we have assumed here that they are representative
of the whole nebula.

For NGC 6543 high and low resolution spectra were used, labeled LWP24732 and
SWP54878 for the low resolution spectra and SWP03323 and LWP07710 for the high res-
olution. All were centered on the central star (RA(2000) 17h58m33.4s and Dec(2000)
+66◦37′58.8′′) and have exposures times of 10 200, 120, 120, 18 000, and 12 600 seconds re-
spectively. The optical data were taken from several authors: Manchado & Pottasch (1989),
Middlemass et al. (1989), Aller & Czyzak (1979) and Hyung et al. (2000). The latter ref-
erence observed BD+30 3639 in two different regions of the nebula, north and east of the
central star. Since the entire nebula is not measured the flux has again been scaled using the
Hβ flux, in this case 245.5 × 10−12 erg cm−2 s−1 (Acker et al. 1992).

4.3 Aperture corrections

BD+30 3639 is a compact object. Mid–infrared spectral images have been taken with
ISOCAM by Persi et al. (1999), and show an effective size of 6.2′′x 5.7′′ in the Ne II image.
This size is much smaller than any of the ISO-SWS apertures, therefore the whole flux is
seen in all apertures. The same applies to the IUE aperture, which is an ellipse of 10′′x
23′′ (similar to the smallest SWS aperture).
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The case of NGC 6543 is more troublesome. Most of the emission comes from a region
of about 19.5′′ in diameter. This is slightly bigger than the smallest ISO-SWS and IUE
apertures. It is therefore likely that these observations do not see the whole nebula and
aperture corrections are needed. This correction can be derived by means of the observed
hydrogen lines in the small SWS aperture. The extinction corrected fluxes (EB−V=0.07,
see Sect. 4.2) can be used together with the theoretical predictions by Hummer & Storey
(1987) to predict the extinction corrected Hβ flux. The average of these predictions is 236
× 10−12 erg cm−2 s−1 while the observed Hβ (corrected for extinction) is 310 × 10−12

erg cm−2 s−1. This indicates that some flux, a factor 1.3, is missing in the smallest aperture.
This factor has been used to correct all the SWS lines measured in the smallest aperture.

IRAS-LRS measurements (Pottasch et al. 1986) with a diaphragm of 6′x 5′ can also be
used to indicate whether a correction factor (Table 4.1) in the small and larger SWS apertures
is needed. Although the fluxes in Table 4.1 are an average of over 200 observations (reducing
therefore the uncertainty) the LRS lines fluxes are normally good to ∼30 to 50% and that is
why this comparison can be used only as an indication. For [Ar III] and [S IV] it seems that
some flux is missing in the smallest SWS aperture. The factors 1.1 and 1.3 agree more or
less with the factor derived using the hydrogen lines. From the neon lines it seems that in the
larger apertures apparently the whole flux is seen. The IRAS fluxes for the [S IV] is uncertain
because the poor spectral resolution makes it appear as a broad line in which it is difficult to
define the continuum. In any case this line agrees within errors with the SWS. Persi et al.
(1999) measured a handful of lines in the region between 5 and 16.5 µm. Although these
measurements have a poor spectral resolution the agreement of the [Ar III] and [Ne II] fluxes
with those of IRAS is quite good, but the fluxes of the [S IV] and [Ne III] differ by large
amount.

In the case of the IUE that has a similar aperture as the SWS smallest aperture and was
centered at the same position, an aperture correction factor of 1.3 has also been assumed. The
reader should bear in mind that this correction is probably good to ±0.1 and not the same for
all species. The goodness of this assumption is important since it affects the abundance
determination of the ions whose abundance is derived using ultraviolet or infrared (<12 µm)
lines.

4.4 Infrared spectrum and extinction

Line fluxes were determined using the line fitting routine in the ISO Spectroscopy Analysis
Package (ISAP).

4.4.1 BD+30 3639

Eleven lines were measured with SWS, listed in Table 4.2. For some unseen lines it is useful
to deduce an upper limit to the flux. Upper limits for the lines [S IV] 10.51 µm, [Cl IV] 11.76
µm and [N III] 57.3 µm were derived using a model of a synthetic Gaussian, with the width
corresponding to the resolution, and a height of three times the RMS (deviation from the
average). The upper limit to the flux for the [N III] ion at 57.3 µm was computed from LWS
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Table 4.2–. Infrared line intensities for BD+30 3639. All fluxes are in units of 10−12 erg cm−2 s−1.
In the last column the unreddened flux is given using EB−V = 0.34.

λ(µm) Ident. Fluxobs Fluxcorr

2.625 H I Brβ 13.30 14.01
2.872 H I 5–11 1.30: 1.36:
3.039 H I 5–10 1.71 1.78
3.740 H I Pfγ 3.33 3.42
4.051 H I Brα 25.1 25.7
6.984 [Ar II] 139.0 140.5
7.458 H I Pfα 7.69 7.77
8.991 [Ar III] 6.10 6.40
10.51 [S IV] < 1.77 < 1.86
11.76 [Cl IV] < 1.67 < 1.72
12.81 [Ne II] 298.9 304.9
15.55 [Ne III] < 2.42 < 2.46
18.70 [S III] 60.4 61.7
33.48 [S III] 12.18 12.28
57.30† [N III] < 3.20 < 3.21
122.0† [N II] 1.08: 1.08:

†From the LWS spectrum.
: Noisy.

data.

The extinction for BD+30 3639 has been derived by comparing the observed Hβ flux
with the one predicted by extrapolating the hydrogen lines in the infrared spectrum (see
Table 4.3). The hydrogen line at 2.872 µm has been avoided in this calculation because it is
noisy.

The predicted Hβ fluxes from the infrared lines (Col. 5) have been derived using the the-
oretical fluxes given by Hummer & Storey (1987) for case B recombination. The comparison
was made at a temperature of 8500 K and an electron density of 11 000 cm−3, physical pa-
rameters expected for BD+30 3639 (see Sects. 4.6.1 and 4.6.2). The predicted Hβ fluxes have
been compared to the observed one of 93.3 × 10−12 erg cm−2 s−1 by Acker et al. (1992).
The extinction CHβ

(where CHβ
= log(

F (Hβ)predicted

F (Hβ)observed) )) is shown in the last column of Ta-
ble 4.3. The values are very similar and average to CHβ

= 0.50, that leads to EB−V = 0.34.
All the lines (infrared, optical and ultraviolet) have been corrected for extinction using this
value and the extinction law of Fluks et al. (1994). Previous studies deduced a similar extinc-
tion for BD+30 3639. Rudy et al. (1991) found an extinction of CHβ

= 0.65 and 0.39 from
the optical the infrared data respectively. Aller & Hyung (1995) derived CHβ

= 0.40, while
Torres-Peimbert & Peña (1981) found 0.44. It is worth noting that Hummer & Storey (1987)
give theoretical predictions for temperatures of 7500 and 10 000 K, and densities of 104 and
105 cm−3 and we have interpolated these.
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Table 4.3–. Extinction for BD+30 3639. The predicted Hβ fluxes have been derived using the theo-
retical fluxes from Hummer & Storey (1987) (see text for explanation).

Ident. Transition λ Flux] Predict.] CHβ

(µm) Hβ

Brα 5 → 4 4.052 25.1 304 0.51
Brβ 6 → 4 2.626 13.3 283 0.48
Pfα 6 → 5 7.459 7.69 292 0.50
Pfγ 8 → 5 3.740 3.33 303 0.51
H I 13 → 5 3.039 1.71 311 0.52

] Units in 10−12 erg cm−2 s−1.

Table 4.4–. Infrared measured line intensities for NGC 6543. In the last column the dereddened and
aperture corrected fluxes (Fluxcorr) are given. The EB−V=0.07, and the aperture correction factor is
1.3 for ions measured with the smallest ISO SWS aperture (<12 µm).

λ(µm) Ident. Fluxobs Fluxcorr

2.625 H I (Brβ) 10.6 13.9
3.038 H I (10-5) 1.56 2.04
3.296 H I (Pfδ) 1.41: 1.85
3.739 H I (Pfγ) 2.57 3.36
4.051 H I (Brα) 17.7 23.2
4.486 Mg IV <1.88 <2.45
4.653 H I (Pfβ) 4.32 5.64
6.984 [Ar II] 3.60: 4.69
7.312 [Na III] 3.28 4.27
7.459 H I (Pfα) 5.79 7.54
7.502 H I (8-6) 2.43 3.17
8.990 [Ar III] 68.8 90.3
10.51 [S IV] 385.2 505.6
12.81 [Ne II] 22.2 22.3
15.55 [Ne III] 631.8 634.0
18.70 [S III] 132.0 132.6
19.06 H I (8-7) 1.82 1.83
21.83 [Ar III] 4.41 4.43
22.32 H I, He II 0.41: 0.41
25.89 O IV <0.36 <0.36
33.48 [S III] 51.2 51.3
34.81 [Si II] 1.21: 1.21:
36.01 [Ne III] 52.8 52.9
51.80† [O III] 504.7 505.2
57.31† [N III] 120.6 126.7
88.33† [O III] 144.3 144.3

†From the LWS spectrum.
: Noisy.
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Table 4.5–. Ultraviolet (IUE) and optical line fluxes in units of 10−12 erg cm−2 s−1 for BD+30 3639.
The optical lines are from Aller & Hyung (1995).

λ (nm) Ident. Fluxobs Fluxcorr λ (nm) Ident. Fluxobs Fluxcorr

190.9† C III] 1.76 21.7 551.8 [Cl III] 0.12 0.31
232.6? C II 19.7 292.5 553.8 [Cl III] 0.37 0.97
372.6 [O II] 98.8 417.3 575.4 [N II] 5.15 12.89
372.9 [O II] 40.2 169.6 587.6 He I 4.06 9.94
406.9 [S II] 6.04 23.6 630.0 [O I] 1.88 4.30
407.6 [S II] 1.62 6.31 631.2 [S III] 1.32 3.01
447.1 He I 0.77 2.73 636.3 [O I] 0.71 1.61
486.1] Hβ 93.3 293.9 658.3 [N II] 457.0 1002.9
493.3 [O III] 0.06 0.18 671.6 [S II] 5.18 11.12
495.9 [O III] 2.09 6.39 673.1 [S II] 11.17 24.0
519.9 [N I] 0.24 0.68 858.1 [Cl II] 1.01 1.68
520.1 [N I] 0.18 0.51 912.6 [Cl II] 0.27 0.43

† From the IUE observations (see Sect. 4.2.2).
? Taken from Torres-Peimbert & Peña (1981).
] From Acker et al. (1992).

4.4.2 NGC 6543

In Table 4.4 the twenty one lines measured with SWS are tabulated. Upper limits for [Mg IV]
at 4.49 µm and [O IV] at 25.9 µm were also derived. Three LWS lines were also used.
The strongest lines correspond to [Ne III] and [S IV]. [Si II], although faint, is also clearly
detected.

It is not possible to derive the extinction in the same way as for BD+30 3639 because
the hydrogen lines have been measured with the smallest aperture, which as discussed in
Sect. 4.3, may miss some nebular flux. The expected Hβ can be found from the 6 cm radio
emission using the following equation:

F (Hβ) =
Sν

2.82 × 109 t0.53 (1 + He+

H+ + 3.7He++

H+ )
(4.1)

In this equation the flux density Sν=0.873 Jy at 5 GHz (George et al. 1974), t is the
electron temperature in units of 104 K (0.82 for this nebula) and 2.82 × 109 is a conversion
factor to give the F (Hβ) in erg cm−2 s−1. The helium abundances used in this calculation
are those of Table 4.10. The predicted Hβ flux is then 307.8 × 10−12 erg cm−2 s−1. The
measured Hβ flux by Acker et al. (1992) is 245.5 × 10−12 erg cm−2 s−1. This leads to
CHβ

=0.1 or EB−V=0.07 which we shall use in the remainder of this paper.

4.5 The visual and the ultraviolet spectrum
Optical and ultraviolet lines have been used to provide more information on ionization stages
of some ions, especially carbon, oxygen and nitrogen.
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Table 4.6–. Ultraviolet (IUE) line fluxes in units of 10−12 erg cm−2 s−1 for NGC 6543. In Cols. 4
and 8 the fluxes have been corrected for interstellar extinction using EB−V = 0.07 and an aperture
correction factor of 1.3 has been used.

λ (nm) Ident. Fluxobs Fluxcorr λ (nm) Ident. Fluxobs Fluxcorr

Low Resolution High Resolution
124.4s N V 57.7 140.28 137.1s O V 2.64 5.99
131.0 ? 11.9 27.83 148.3 N IV] 0.05 0.10
131.7b ? 7.30 17.01 148.7 N IV] 0.03 0.07
137.6s O V 29.9 67.66 155.2s C IV 60.87 133.67
140.9 ? 14.6 32.61 166.0 O III] 0.34 0.74
155.2s C IV 56.4 123.85 166.6 O III] 0.98 2.13
164.1s He II 17.4 37.96 174.6 N III] 0.22 0.47
166.2 O III] 4.50 9.78 174.8 N III] 0.21 0.45
172.1 N IV] 11.0 23.69 174.9 N III] 0.66 1.42
174.5 N III] 1.90 4.08 190.6 C III] 8.34 18.19
175.9 ? 2.50: 5.36 190.8 C III] 7.66 16.71
181.4 [Ne III] 3.40 7.29 229.7 C III 1.41 3.25
190.7 C III] 16.9 36.86 232.1 O III 0.07 0.15
229.6 C III 4.90 11.30 232.5 C II] 0.71 1.61
231.1 C II]+O III 7.10 16.25 232.7 C II] 1.19 2.70
232.9 C II] 3.70 8.38 283.7 O IV]? 1.24 2.37
241.9 [Ne IV] 2.20 4.74 302.5 O III 0.31 0.58
251.0 He II 2.00 4.15 304.7 O III 0.55 1.02
267.7 ? 2.30 4.52 313.3\ O III 0.46 0.85
279.0 [Ar V]+[Mg V] 2.10 4.04 320.3s He II 0.28 0.51
283.5 C II] 3.00 5.73
292.2† Mg V 0.70 1.32
298.7b [Ne V]? 2.20 4.12
318.8 Si II, He I 2.30 4.20
320.9 He II 1.50 2.73

sStellar line: \Affected by reseau: bBlended: †May be present.
: Noisy.

4.5.1 BD+30 3639

The optical and ultraviolet data have been taken from Aller & Hyung (1995) and Torres-
Peimbert & Peña (1981) respectively. In Table 4.5 the ions used are listed. The dereddened
fluxes have been derived using an extinction of EB−V = 0.34, as derived from the infrared
lines (see the previous section). Several lines of the same ion were sometimes used to confirm
the results of the ionic abundances.
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Table 4.7–. Optical line fluxes for NGC 6543. In Col. 8 the average fluxes from MP, M, AC and H-east
are given (see Sect. 4.5.2 for details). All the fluxes from Col. 3 to 8 have been corrected for extinction
using CHβ

=0.2 (as are given in the literature) and are relative to Hβ . In this paper a lower extinction is
found. The last column lists the average fluxes corrected for extinction using CHβ

=0.1 (EB−V=0.07)
and in units of 10−12 erg cm−2 s−1.

λ Ident. Flux† Flux
(nm) MP Midd AC H-East H-North Average
372.6 [O II] 15.5b 23.9b 21.0b 8.292 23.53 8.292 24.35
372.9 [O II] 3.471 10.15 3.471 10.20
386.9 [Ne III] 60.42 51.0 48.35 38.67 53.26 157.4
396.8 [Ne III] 35.65 32.0 18.62 16.56 28.76 85.4
406.9 [S II] 0.540 2.108 0.54 1.61
407.6 [S II] 0.358 0.848 0.385 1.15
436.3 [O III] 1.49 1.80 2.2 2.051 1.581 1.89 5.71
447.2 He I 6.20 5.30 6.02 6.018 5.158 5.88 17.9
468.6 He II 0.050 0.05 0.15
471.1 [Ar IV] 1.3 0.935 0.284 1.12 3.45
474.0 [Ar IV] 0.910 0.360 0.91 2.81
486.1 H I (Hβ) 100 100 100 100 100 100 310.9
495.9 [O III] 264.1 227.3 218.8 172.2 236.7 740.4
500.7 [O III] 774.7 663.0 675.0 704.3 518.5 704.2 2209
519.2 [Ar III] 0.055 0.051 0.055 0.17
551.8 [Cl III] 0.380 0.478 0.380 1.22
553.8 [Cl III] 0.535 0.603 0.535 1.72
575.4 [N II] 0.242 0.905 0.242 0.81
587.6 He I 23.80 15.6 15.1 20.15 14.10 18.66 60.9
610.2 [K IV] 0.042 0.016 0.042 0.14
631.2 [S II] 0.74 0.912 1.309 0.826 2.74
654.8 [N II] 10.40 5.7 4.884 21.97 6.99 23.3
658.3 [N II] 17.30 16.8 16.2 17.27 59.29 16.89 56.4
671.6 [S II] 0.85 0.652 3.021 0.751 2.52
673.1 [S II] 1.40 1.502 5.722 1.451 4.86
713.6 [Ar III] 22.2 14.0 21.18 17.45 19.13 64.8
717.1 [Ar IV] 0.026 0.025 0.026 0.09
753.0 [Cl IV] 0.144 0.057 0.144 0.49
775.1 [Ar III] 3.0 4.674 4.589 3.837 16.10
804.6 [Cl IV] 0.300 0.110 0.300 1.05
857.9 [Cl II] 0.048 0.127 0.048 0.17
953.1 [S III] 19.10 46.46 19.10 68.4

† References: MP: Manchado & Pottasch (1989), M: from Middlemass et al. (1989), AC:
Aller & Czyzak (1979), H-east and H-north: Hyung et al. (2000).
b Blended with the line at 372.9 nm.
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Table 4.8–. Electron density in cm−3. For BD+30 3639 a Te= 8500 K has been used, and for
NGC 6543 Te= 8200 K.

Ion IP Lines BD+30 3639 NGC 6543
(eV) used (nm) Ratio Ne Ratio Ne

S III 34.8 18 700/33 500 5.0 10 200 2.6 3400
O II 35.1 372.6/372.9 2.5 11 300 2.4 9300†

Cl III 39.6 553.8/551.8 3.1 48 000 1.4 6600

†Uncertain density.

4.5.2 NGC 6543

The ultraviolet lines measured in the high and low resolution IUE spectra are given in
Table 4.6. Some lines are contaminated by the central star (indicated in the table) and were
obviously not used when deriving the nebular ionic abundances. The low resolution spectrum
is better calibrated and therefore these intensities are used.

There are several optical line studies in the literature. We selected those by Aller &
Czyzak (1979), Manchado & Pottasch (1989), Middlemass et al. (1989) and Hyung et al.
(2000). The first studied the central region, the second and third also the halo. As mentioned,
Hyung et al. (2000) studied the East and North region of the nebula but only those of the east-
ern region were included. The objective of this paper is to study the chemical composition of
the whole nebula. The lines in the east region resemble those of the central part and an average
of those was used. Those of the north differ sometimes by more than 30%, which probably
indicates that inhomogeneities are present in the nebula. Nevertheless Hyung et al. (2000)
found that within the errors the abundances resemble one another in both regions. How the
difference between the northern and eastern (which is adopted) regions could affect the final
abundances derived in this paper are discussed in Sect. 4.7.3. All lines are listed in Table 4.7.
Average fluxes (except the north region) were used to compute the ionic abundances, listed in
the last column. Note that the fluxes given in the articles are already corrected for extinction
except those of Manchado & Pottasch (1989) which we have corrected using CHβ

=0.2 for
comparison. Middlemass et al. (1989) used CHβ

=0.22 and Aller & Czyzak (1979) CHβ
=0.2.

Only Hyung et al. (2000) used a higher value of 0.3. Nevertheless they mentioned that this
is somewhat higher than previous determinations (0.2) but they used 0.3 to compensate for
the calibration, and therefore is a valid complement with the others. Since this average is
corrected using CHβ

=0.2 and we have found CHβ
=0.1, in the last column the average fluxes

using CHβ
=0.1 have been listed and used to derive the abundances.

4.6 Physical conditions

Using these data, the nebular average physical parameters (electron temperature and density)
have been derived.
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Table 4.9–. Electron temperature in K. For BD+30 3639 a Ne= 11 000 cm−3 has been used, and for
NGC 6543 Ne= 5000 cm−3.

Ion IP Lines BD+30 3639 NGC 6543
(eV) used (nm) Ratio Te Ratio Te

N II 14.5 658.3/575.4 77.8 8400 69.4 9500
N II 14.5 654.8/575.4 28.8 8800
S III 23.3 18 700/631.2 20.5 8600† 48.4 7800
O III 35.1 500.7/436.3 387 7800
Ne III 40.9 15 500/386.9 4.0 8000
Ar III 27.6 8900/519.2 531 7500†

†Large error.

4.6.1 Electron density

Three ions have been used to derive the electron density (Ne) for both nebulae and are shown
in Table 4.8. An electron temperature of 8500 K (see Sect. 4.6.2) was used for BD+30 3639
and Te=8200 K for NGC 6543.

For BD+30 3639 the S III and O II ions give density values of 10 200 and 11 300 cm−3

respectively. This is in agreement with the value of Aller & Hyung (1995) (10 000 cm−3)
and somewhat higher than the one found by Pottasch (1984). Keenan et al. (1999) calculated
emission–line–ratio diagrams in [O II] using R–matrix calculations of electron impact
excitation rates and obtain a somewhat lower density of Ne= 8000 cm−3. The line ratio for
Cl III gives a very high value. This ion must be formed in a denser region and could indicate
that clumps are present in the nebula. In order to determine the abundances an Ne (11 000
cm−3) average of these given by the S III and O II ions has been used, except for Cl III where
48 000 cm−3 was used.

In the case of NGC 6543 the Ne found ranges from 3400 to 9300 cm−3, although the
latter value has a high uncertainty. These three ions have the same IP and the variation in
Ne could be due to the presence of clump structures in the nebula. Images of the nebula
indeed reveal some structure. For the determination of the abundances an average density of
5000 cm−3 from the S III and Cl III has been used which agrees with previous determinations
(Hyung et al. 2000). The O II was avoided due to its larger uncertainty.

4.6.2 Electron temperature

To compute the electron temperature (Te) lines ratios are needed originating from energy
levels differing by several electron volts. For BD+30 3639 an electron density of 11 000
cm−3 was assumed to derive the temperature and for NGC 6543 Ne=5000 cm−3 (see
Sect. 4.6.1). These values are listed in Table 4.9.

S III and N II have been used to derive Te for BD+30 3639. Both values agree and average
out to 8500 K. This is in good agreement with previous determinations by Aller & Hyung
(1995), Pottasch et al. (1986) and Keenan et al. (1999) who give an Te of 8800, 8000 and
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8250 K respectively. For the purpose of this work an Te=8500 K is assumed throughout the
paper.

For NGC 6543 six ions were used to derive Te. N II (which has a lower IP than the other
ions) gives a higher temperature (around 9000 K) than the rest of the ions which average out
to 7800 K. The indication of the N II needs to be confirmed. For the rest of the paper an
average Te=8200 K of all ions is assumed for NGC 6543.

4.7 Abundances
In Table 4.10 ionic and elemental abundances for BD+30 3639 and NGC 6543 are given.
For most ions no abundance estimates for unseen stages of ionization are needed, thus the
Ionization Correction Factor (ICF) is 1. In Table 4.11, these abundances are compared with
those found in the Sun, O–B stars, and in previous studies.

The helium abundances have been determined comparing the measured optical lines of
He II at 468.6 nm and He I at 447.1 and 587.6 nm, with theoretical predictions of Benjamin
et al. (1999). The comparison with theory has been done for Ne=10 000 cm−3 and an
interpolation temperature of 8500 K for BD+30 3639 and 8200 K for NGC 6543.

Taking into account the flux error the error in the abundances amounts to 10-25% for
all elements except helium. Other errors are difficult to quantify, such as those caused by
atomic parameters (especially collisional strengths). Care was take when selecting them (see
Bernard Salas et al. 2002, chapter 3). The use of ionization correction factors also intro-
duces some uncertain error which increases with the ICF. In this study the ICF were usually
unnecessary but when needed were very small and therefore do not contribute much to the
error. A quantitative idea of the error can be inferred in several ways. The present abun-
dances are in most cases within 30% of other studies (except that of the carbon). The ionic
abundances were derived in many cases using more than one line and these are consistent
with each other to within 30%. Argon and sulfur are elements not supposed to change in the
course of evolution of intermediate mass stars. A comparison of these elements with other
PNe in the literature agree within 30%. We therefore think that 30% is a good estimate for
the error on the abundances of all elements with the exception of the nitrogen in NGC 6543,
which is around 50%. The main nitrogen contribution in NGC 6543 comes from N++. This
ionic abundance has been derived from the 57.3 µm and 175.0 nm lines and is 3.1(-4)1 and
1.2(-4) respectively. Unfortunately the infrared line is density dependent and the ultraviolet
line is temperature dependent, making it difficult to assess which one gives the best value, and
increasing therefore the error. In this work an averaged N++ ionic abundance from the in-
frared and ultraviolet lines has been used, an a larger error assumed. The error on the helium
abundance for NGC 6543 is around 7%.

4.7.1 BD+30 3639

The elemental abundances for seven elements have been derived. High stages of ionization
are not seen, as expected. To investigate their possible contribution upper limits for the
unseen N++, Ne++, S3+ and Cl3+ were derived. Even a contribution to the abundance equal

1In this section and Tables 4.10, 4.11 and 4.12 the number in parenthesis means: x(y) = x × 10y .
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Table 4.10–. Ionic concentrations and chemical abundances.
Ion λ BD+30 3639 NGC 6543

(nm) Nion/Np

∑

Nion/Np ICF\ Nelem./Np Nion/Np

∑

Nion/Np ICF\ Nelem./Np

He0 447.2, 587.5 0.061? 0.118?

He+ 468.6 4.0(-5)? 0.118 1 0.118
C+ 232.5 6.49(-4) 2.34(-5)
C++ 190.9 8.42(-5) 7.33(-4) 1 7.3(-4) 1.89(-4) 2.12(-4) 1.2 2.5(-4)
No 519.7, 520.0 2.16(-6)
N+ 575.5, 658.4 1.07(-4) 8.70(-6)
N++ 57 300,174.5 < 1.70(−5) 2.13(-4)
N3+ 148.5 1.09(-4) 1 1.1(-4) 1.13(-5) 2.33(-4) 1 2.3(-4)
Oo 630.0, 636.3 5.32(-6)
O+ 372.7 4.47(-4) 1.99(-5)
O++ 495.9, 500.7 4.13(-6) 5.26(-4)
O3+ 25890 4.56(-4) 1 4.6(-4) <6.03(-8) 5.46(-4) 1 5.5(-4)
Ne+ 12 800 1.73(-4) 1.21(-5)
Ne++ 15 500, 36 010 < 6.80(−7) 1.66(-4)
Ne3+ 241.9 1.73(-4) 1.13 1.90(-4) 1.31(-5) 1.91(-4) 1 1.9(-4)
S+ 671.6, 673.0 1.32(-6) 1.94(-7)
S++ 18 700, 33 400 5.07(-6) 7.24(-6)
S3+ 10 500 < 2.60(−8) 6.39(-6) 1 6.4(-6) 5.37(-6) 1.28(-5) 1 1.3(-5)
Cl+ 857.8, 912.6 4.11(-8) 4.58(-9)
Cl++ 551.9, 553.9 9.55(-8) 1.48(-7)
Cl3+ 11 760, 753.0 < 5.10(−8) 1.37(-7) 1 1.4(-7) 5.03(-8) 2.03(-7) 1 2.0(-7)
Ar+ 6980 4.69(-6) 1.33(-7)
Ar++ 8990 2.76(-7) 3.34(-6)
Ar3+ 471.1, 474.0 4.97(-6) 1.04 5.2(-6) 7.02(-7) 4.19(-6) 1 4.2(-6)
\ ICF : Ionization Correction Factor.
? Using the predictions for the helium emission lines given by Benjamin et al. (1999).
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to each upper limit in Ne++, S3+, Cl3+, is negligible. Ar3+ and C3+ have higher IP than for
instance S3+, therefore no contribution is expected. The upper limit to N++ is at most 15%
that of the total. The O++, which has similar IP, contributes less than 1%. Therefore we have
assumed that N++ does not contribute to the abundance of nitrogen. Even considering a 15%
of contribution will be within the errors that have been estimated to be 30%. Corrections
for low unseen stages of ionization should also be estimated. Neutral nitrogen and oxygen
have been measured (very low abundance) and can help in deriving the neutral contribution
of the other ions. The N0/N+ and the O0/O+ ratio is 0.023 and 0.01 respectively. The IP
of nitrogen is 14.5 eV and that of oxygen 13.6 eV. Using this information and the IP of the
ions of interest the contribution can be inferred. These are the following: C0/H=6.0(-7);
Ne0/H=1.26(-5); S0/H=< 1.3(−8); Ar0/H=2.0(-7); Cl0/H=< 5(−10). It can be seen that the
contribution is very small in all of them and negligible in carbon, sulfur and chlorine. For
neon and argon this contribution has been taken into account and is reflected in the ICF used
in Table 4.10. The helium abundance has not been derived because some of the helium is
probably neutral.

A comparison of these abundances with those by Aller & Hyung (1995) is given in Table
4.11. The nitrogen, sulfur and chlorine abundances agree very well. Aller & Hyung (1995)
gave a lower limit for argon and neon because they could only measure one ionization stage
(Ne II and Ar III). In this work we have been able to set an upper limit to the Ne III, which
turns out to be negligible. The Ar II has been measured and is the major contributor to the
total abundance of argon. Using the infrared line at 6.9 µm, an abundance of [Ar II]=4.7(-6)
is found; Aller & Hyung (1995) give an upper limit of 2.0(-7) for the argon abundance
using optical data. The oxygen abundance is higher, although still within the errors, and can
probably be explained by the different extinction used.

The abundances have been compared to those of the Sun and O, B stars in Table 4.11 and
Table 4.12. The abundances of nitrogen and oxygen are very similar to solar. The carbon
abundance is larger and the (C+N+O)

H ratio is also larger than solar due to the enhanced
carbon. The N/O and C/O ratios are much higher than in the Sun and for O, B stars. Processes
such as the second dredge-up and hot bottom burning, in which carbon is destroyed, can not
have occurred. Since these processes need certain mass to occur this could set a limit on the
progenitor mass to be lower than 3 M�.

4.7.2 NGC 6543

The elemental abundances for 8 elements have been calculated and are given in Table 4.10.
The ICF turns out to be 1 for seven cases. For carbon the ICF is 1.2 because some C3+ might
be present; but, considering its IP, and the fact that the O3+ (with an IP of 54 eV) is not seen,
it is expected that contribution of that stage of ionization should be small.

These abundances are compared in Table 4.11 with those of Middlemass et al. (1989)
and Hyung et al. (2000). The helium, neon and oxygen agree within the errors from those
found by Middlemass et al. (1989). On the other hand they found more carbon and less
nitrogen. Compared with those by Hyung et al. (2000) carbon, oxygen, sulfur and argon are
similar but the present nitrogen is again higher. The difference in the nitrogen abundance
is probably related to the large uncertainty in the ionic abundance of N++, which has been
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Table 4.11–. Comparison of abundances in BD+30 3639 and NGC 6543.

Element BD+30 3639 NGC 6543 Sun1 O,B Stars2

Present abun. AH3 Present abun. Mid4 HA5

Helium 0.021 0.118 0.11 0.130 0.098
Carbon(-4) 7.3 3.60 2.5 7.6 2.5 2.45 1.74
Nitrogen(-4) 1.1 1.16 2.3 0.84 1.2 0.93 0.65
Oxygen(-4) 4.6 3.78 5.5 6.4 4.7 4.90 4.17
Neon(-4) 1.9 > 0.018 1.9 1.6 1.0 1.20 1.23
Sulfur(-5) 0.64 0.71 1.3 0.8 1.86 1.23
Chlorine(-7) 1.4 1.44 2.0 1.6 1.86 1.86
Argon(-6) 5.2 > 0.2 4.2 3.0 3.63
1Solar abundance from Grevesse & Noels (1993) and Anders & Grevesse (1989), except the oxygen and
carbon abundances that were taken from Allende Prieto et al. (2001) and Allende Prieto et al. (2002) respectively.
2O, B star abundances are the average of Gies & Lambert (1992) and Kilian-Montenbruck et al. (1994).
3From Aller & Hyung (1995).
4From Middlemass et al. (1989).
5From Hyung et al. (2000).
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Table 4.12–. Comparison of the abundance ratios of carbon, nitrogen and oxygen.

BD+30 3639 NGC 6543 Sun O Stars
N/O 0.24 0.42 0.19 0.15
C/O 1.59 0.45 0.50 0.42

(C+N+O)
H (-4) 13.0 10.3 8.3 6.56

assumed to be the average of that given by the optical and ultraviolet lines. Using the infrared
line or ultraviolet line to derive the N++ abundance leads to a N/H of 3.3(-4) or 1.4(-4)
respectively. The latter value is therefore in agreement with previous determinations. As has
been explained before the ultraviolet line is temperature dependent and therefore we have
preferred to used an average abundance and assume a larger error for this element.

When compared to the Sun or O, B stars it is seen that the abundances resemble more
those of the Sun. The nitrogen abundance is somewhat higher. This could mean that some
carbon has been converted into nitrogen in the course of evolution. The ratio of (C+N+O)

H
in Table 4.12 could suggest a somewhat higher progenitor mass than solar for this nebula, in
which via the CNO cycle some carbon has been destroyed to produce nitrogen.

4.7.3 Inhomogeneities in NGC 6543

In order to derive the chemical abundances for NGC 6543 three data sets, infrared, ultraviolet
and optical have been combined. The purpose of this paper is to derive the abundances for
the whole nebula. The infrared and ultraviolet observations cover almost the entire nebula,
this is not the case for the optical data. This has been scaled to the entire Hβ flux and
considered representative of the entire nebula. The optical fluxes of the central and east
regions are very similar but differ sometimes from those of the north.

To evaluate the difference we derived the ionic abundances for the three different regions.
The abundances from the central and east part of the nebula agree between each other and
support the fact that they were combined to give the ionic abundances. Compared to the
North region there are sometimes ions that show differences higher than 30%. None of these
ions (except the S III) are the principal stage of ionization, that is the major contribution to the
element abundance does not come from that ion. For example, O II contributes only 7% to
the total oxygen abundance, much smaller than the error in the value of the abundance itself.
Thus the difference in fluxes of the different regions of such ions does not affect the final
element abundance determination. The S III (λ631.2, 953.1 nm) exhibit an ionic abundance
difference higher than 30% and this stage of ionization is the main contributor to the total
one. Nevertheless, for this ion the ionic abundance have been derived using the infrared lines
at 18.7 and 33.4 µm, thus avoiding this uncertainty.
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4.8 Conclusions
Reliable infrared spectra have been observed for BD+30 3639 and NGC 6543. Newly
reduced high and low resolution IUE data for NGC 6543 are also presented. This has been
complemented with optical (and ultraviolet for BD+30 3639) lines from the literature in
order to accurately determine the elemental abundances for the nebulae.

Also, the electron temperature and density of the nebulae have been determined. The
average electron temperature and density in BD+30 3639 are Te= 8800 K and Ne= 11 000
cm−3, which agree with previous studies. For NGC 6543 Te= 8500 K and Ne= 5000 cm−3

have been found.

The abundances for 6 elements in BD+30 3639 and 8 for NGC 6543 have been derived
and are given in Table 4.10. Ionization corrections factors turned out to be very small, and
in most cases are unity, indicating a high accuracy (∼30%) in the abundance determinations.
The abundances of BD+30 3639 are similar to solar except for carbon, which is larger. This
could indicate that the second dredge-up and hot bottom burning (processes in which carbon
is destroyed) have not occurred. If this is true it could set a lower limit to the mass of the
progenitor star (around 3 M�) above which these processes take place. The abundances of
NGC 6543 also resemble those of the sun. The (C+N+O)

H ratio suggests that the progenitor
star may be a somewhat higher solar mass star where some carbon has been converted into
nitrogen as indicated by the C/O and N/O ratios.
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abundances

Based on:
P. Marigo, J. Bernard-Salas, S.R. Pottasch, A.G.G.M. Tielens, & P.R. Wesselius

ASTRONOMY & ASTROPHYSICS, IN PRESS (2003)

THE elemental abundances of ten planetary nebulae, derived with high accuracy including
ISO and IUE spectra, are analysed with the aid of synthetic evolutionary models for the

TP-AGB phase. The accuracy on the observed abundances is essential in order to make a
reliable comparison with the models. The advantages of the infrared spectra in achieving this
accuracy are discussed. Model prescriptions are varied until we achieve the simultaneous
reproduction of all elemental features, which allows placing important constraints on the
characteristic masses and nucleosynthetic processes experienced by the stellar progenitors.
First of all, it is possible to separate the sample into two groups of PNe, one indicating the
occurrence of only the third dredge-up during the TP-AGB phase, and the other showing
also the chemical signature of hot-bottom burning. The former group is reproduced by stellar
models with variable molecular opacities (see Marigo 2002), adopting initial solar metallicity,
and typical efficiency of the third dredge-up, λ ∼ 0.3 − 0.4. The latter group of PNe, with
extremely high He content (0.15 ≤He/H≤ 0.20) and marked oxygen deficiency, is consistent
with original sub-solar metallicity (i.e. LMC composition). Moreover, we are able to explain
quantitatively both the N/H–He/H correlation and the N/H–C/H anti-correlation, thus solving
the discrepancy pointed out long ago by Becker & Iben (1980). This is obtained only under
the hypothesis that intermediate-mass TP-AGB progenitors (M & 4.5− 5.0M�) with LMC
composition have suffered a number of very efficient, carbon-poor, dredge-up events. Finally,
the neon abundances of the He-rich PNe can be recovered by invoking a significant production
of 22Ne during thermal pulses, which would imply a reduced role of the 22Ne(α, n)25Mg
reaction as neutron source to the s-process nucleosynthesis in these stars.
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5.1 Introduction

Planetary Nebulae (PNe) are assumed to consist of the gas ejected via stellar winds by
low- and intermediate-mass stars (having initial masses 0.9 ≤ M/M� ≤ Mup, with
Mup ∼ 5 − 8M� depending on model details) during their last evolutionary stages, the
so-called Thermally Pulsing Asymptotic Giant Branch (TP-AGB) phase.

PNe offer potentially a good possibility to test the results of stellar nucleosynthesis. This
can be done in a reliable way by comparing the predicted abundances of the gas ejected close
to the end of the AGB phase with the observed abundances because the expelled hot gas re-
mains unaffected by interaction with the ISM or with previous shell ejection. Furthermore the
ionized gas surrounding the central star shows lines of many elements from which accurate
abundances can be derived. Also by the ejection of the outer layers PNe contribute to the
enrichment of the interstellar medium (ISM) and therefore, a knowledge of these processes
is essential to better understand the chemical composition of the Galaxy.

PN elemental abundances represent the cumulative record of all nucleosynthetic and
mixing processes that may have changed the original composition of the gas since the epoch
of stellar formation. In fact, stellar evolution models predict the occurrence of several
episodes in which the envelope chemical composition is altered by mixing with nuclear
products synthesised in inner regions and brought up to the surface by convective motions
(e.g. Iben & Renzini 1983; Forestini & Charbonnel 1997; Girardi et al. 2000). These
dredge-up events usually take place when a star reaches its Hayashi line and develops an
extended convective envelope, either during the ascent on the Red Giant Branch (RGB; the
first dredge-up), or later on the early AGB (the second dredge-up). Then, the subsequent
TP-AGB evolution is characterised by a rich nucleosynthesis whose products may be
recurrently exposed to the surface synchronised with thermal pulses (the third dredge-up), or
convected upward from the deepest envelope layers of the most massive stars (hot-bottom
burning, hereinafter also HBB).

As a consequence, the surface abundances of several elements (e.g. H, He, C, N,
O, Ne, Mg) may be significantly altered, to an extent that crucially depends on stellar
parameters (i.e. mass and metallicity) various incompletely understood physical processes
(e.g. convection, mass loss), and model input prescriptions (e.g. nuclear reaction rates,
opacities, etc.). In this sense, the interpretation of the elemental patterns observed in PNe
should give a good insight into the evolutionary and nucleosynthetic properties of the stellar
progenitors, thus putting constraints on these processes.

For instance, the enrichment in C exhibited by some PNe should give a measure of the
efficiency of the third dredge-up, still a matter of debate. Conversely, the deficiency in C
shown by some PNe with N overabundance could be interpreted as the imprint of HBB,
implying rather massive TP-AGB stellar progenitors (with initial masses ≥ 4M�). The He
content should measure the cumulative effect produced by the first, possibly second and third
dredge-up, and HBB. The O abundance may help to constrain the chemical composition
of the convective inter-shell developed at thermal pulses, as well as the efficiency of HBB,
depending on whether this element is found to be preserved, enhanced or depleted in the
nebular composition. Finally, the Ne abundance in PNe could give important information
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about the synthesis of this element during thermal pulses, i.e. providing an indirect estimate
of the efficiency of the 22Ne(α, n)25Mg reaction with important implications for the
slow-neutron capture nucleosynthesis.

In this context, the present study aims at investigating the above issues by analysing
accurate determinations of elemental abundances for a sample of PNe with the aid of stellar
models for low- and intermediate stars, that follow their evolution from the main sequence
up to the stage of PN ejection. Particular attention is paid to modelling the TP-AGB phase to
derive indications on the mass range and the metallicity of the stellar progenitors involved,
and the related nucleosynthetic processes, i.e. the second and third dredge-up and HBB.

An important problem when deriving PNe abundances is the correction for unseen
stages of ionization. When using optical and/or UV spectra many stages of ionization are
missing and have to be inferred, making the error in the abundance determination high. This
estimate for unobserved stages of ionization is done making use of Ionization Correction
Factors (ICF) which are mainly derived on the basis of similarities of ionization potentials or
ionization models. The latter needs a very good knowledge of the stellar parameters which is
often not known. When all important stages of ionization of a certain element are measured
no ICF is needed (or ICF=1). In the past literature ICF ranging from 2-5 (and sometimes 20)
are found. Many missing stages of ionization are seen in the infrared providing an important
complement to the UV and optical spectra. The ICF of many elements has been drastically
reduced thanks to the inclusion of the ISO (Kessler et al. 1996) data. It has certainly
improved the Ne, Ar, Cl and S abundances and has provided information of other important
stages of ionization such as C++, O3+ and N++. In many cases the ICF is not needed and
on the others is often lower than 1.5. Another important advantage is the independence of
the infrared lines to the adopted electron temperature. This avoids uncertainties when the
electron temperature adopted to derive the abundances is uncertain or when there are electron
temperature fluctuations in the nebula. These and other advantages have been previously
discussed by Beintema & Pottasch (1999) and Bernard Salas et al. (2001, chapter 2).

The paper is organised as follows. Sect. 5.2 introduces the sample of ten planetary neb-
ulae, in terms of individual characteristic like: galactic coordinates, radii, nebular fluxes in
H and He II recombination lines, Zanstra temperatures and luminosities of the central nuclei.
These two latter parameters locate the central stars in the Hertzsprung-Russell (HR) diagram.
Sect. 5.3 presents the nebular elemental abundances of He, C, N, O, Ne, S, and Ar, compared
with the solar values, and sub-grouped as a function of helium content. Sect. 5.4 outlines a
summary of the main physical processes expected to alter the surface chemical composition
of low- and intermediate-mass stars. Sect. 5.5 details the synthetic TP-AGB models adopted
for our theoretical study, in terms of the main input parameters. The interpretative analysis
of the abundance data is developed in Sect. 5.6. Finally, a recapitulation of the most relevant
conclusions and implications in Sect. 5.7 closes the paper.
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Table 5.1–. Parameters of the PNe. The mV is not corrected for extinction. References to distance, V
magnitude and extinction are given by superscripts dx, mx, and ex respectively.

Name l(◦) b(◦) d (kpc) mV (mag) EB−V C/O He/H
NGC 2440d1,m1,e1 234.8 2.42 1.63 17.49 0.34 > 1 0.119
NGC 5315d2,m2,e2 309.1 -4.40 2.60 14.40 0.37 < 1 0.124
NGC 6302d3,m3,e3 349.5 1.06 1.60 18.90: 0.88 < 1 0.170
NGC 6445d1,e4,e4 8.08 3.90 2.25 19.04 0.72 < 1 0.140
NGC 6537d1,m4,e5 10.10 0.74 1.95 22.40 1.22 ∼ 1 0.149
NGC 6543d4,m1,e6 96.47 29.9 1.00 11.29 0.07 < 1 0.118
NGC 6741d1,m5,e7 34.6 -2.28 1.65 19.26 0.75 . 1 0.111
NGC 7027d5,m1,e8 84.93 -3.50 0.65 16.53 0.85 > 1 0.106
NGC 7662d3,m1,e7 106.6 -17.6 0.96∗ 14.00 0.12 < 1 0.088
He 2-111d1,m3,e5 315.0 -0.37 2.50 20.00: 0.77 < 1 0.185

References: d1 Average from Acker et al. (1992); d2 Liu et al. (2001); d3 Terzian (1997);
d4 Reed et al. (1999); d5 Bains et al. (2003); m1 Ciardullo et al. (1999); m2 Acker et al.
(1992); m3 Assumed mV ; m4 Pottasch (2000); m5 Heap et al. (1989); e1 Bernard Salas et al.
(2002, chapter 3); e2 Pottasch et al. (2002); e3 Beintema & Pottasch (1999); e4 van Hoof
et al. (2000); e5 Pottasch et al. (2000); e6 Bernard-Salas et al. (2003, chapter 4); e7 Pottasch
et al. (2001); e8 Bernard Salas et al. (2001, chapter 1).
: Large error.
∗ Average distance by Terzian (1997).

5.2 Sample of PNe

5.2.1 General

The sample used is biased to bright objects, in order to measure many different stages of
ionization and accurately derive their abundances. The general parameters of the PNe used
in this study are given in Table 5.1. References for the assumed distances, magnitudes and
extinction are given as footnotes in the table.

Galactic coordinates show that most of these nebulae belong to the disk (except
NGC 6543 and NGC 7662) and could be descendants of young progenitors. Distances are
very uncertain and great care was taken to adopt the most reliable ones from the literature.
They vary between 0.8 and 2.5 kpc and therefore are close, as would be expected for bright
objects. There are different values in the literature that do not agree within the uncertainties
the authors quote. Note that the mV of He 2-111 and NGC 6302 are assumed since their cen-
tral stars have never been seen. The extinction is low in most cases except for NGC 6537. In
order to classify them according to their chemical composition the last two columns of Ta-
ble 5.1 give the C/O and He/H ratios. There are two C-rich PNe, six O-rich PNe and two for
which it is difficult to assess their nature since the C/O ratio is (although lower than one) very
close to unity (within the uncertainties). Notice that this sample contains a higher percentage
of PNe with a high He/H ratio than many other samples.
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Table 5.2–. Radius, Zanstra temperature and luminosity of the observed PNe. F(Hβ) and F(4684Å) are in units of 10−12

erg cm−2 s−1 (not corrected for extinction). The radius is in meter.

Name Hydrogen Helium

F(Hβ)† Radius log( L∗

L�
) log TZ(H) F(4686Å)∗ Radius log( L∗

L�
) log TZ(He)

NGC 2440 31.6 2.2E+07 2.95 5.25 19.3 2.1E+07 3.08 5.29
NGC 5315 38.1 2.7E+08 3.34 4.80 - - - -
NGC 6302: 29.5 1.7E+07 3.86 5.52 16.6 1.7E+07 3.88 5.53
NGC 6445 7.60 2.4E+07 3.19 5.28 3.40 2.4E+07 3.19 5.28
NGC 6537 2.20 5.8E+06 3.50 5.67 3.10 4.6E+06 4.09 5.87
NGC 6543 245 3.6E+08 2.96 4.64 14.7 2.8E+08 3.46 4.82
NGC 6741 4.40 1.8E+07 2.69 5.22 1.60 1.8E+07 2.69 5.22
NGC 7027 75.9 2.7E+07 3.31 5.29 31.1 2.8E+07 3.27 5.28
NGC 7662 102 7.8E+07 2.54 4.87 17.4 6.8E+07 2.82 4.97
He 2-111: 0.98 2.5E+07 2.37 5.08 0.89 2.0E+07 2.82 5.24
: Large error in the radius, temperature and luminosity.
† From the same references as the extinction in Table 5.1.
∗ From Acker et al. (1992).
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NGC 6537

NGC 6302

NGC 7662

NGC 6543

NGC 5315

NGC 2440

NGC 6741

He 2-111

NGC 6445

NGC 7027

Figure 5.1–. HR diagram for the PNe of the sample (diamonds). The Teff have been derived with the
Zanstra method using the helium lines except for NGC 5315 (open diamond). The Post-AGB evolu-
tionary tracks from Vassiliadis & Wood (1994) for Z=0.016 are also plotted for different core masses,
indicated in the lower-right corner of the figure. In the lower-left the uncertainty in the luminosity due
to the error of a factor two in the distance is shown.

5.2.2 HR diagram

With the data in Table 5.1 and the Hβ and helium λ4686Å fluxes the Zanstra temperatures
(TZ), radii and luminosities have been derived (see Table 5.2). As pointed out by Stasińska &
Tylenda (1986) when using the Zanstra method, TZ is over-estimated in the case of hydrogen
and underestimated when using helium. This is because the Zanstra method assumes that
energies above 54.4 eV are only absorbed by helium. This is not completely true. In
addition recombination of He2+ sometimes produces more than one photon which can ionize
hydrogen and the proportion of stellar photons with energies above 54.4 increases with Teff .
Both TZ(He) and TZ(H) yield the same results for most PNe. TZ(H) fails when the nebula is
thin and some photons escape. In the case of a thick nebula both methods should yield the
same result, but this is tricky because a nebula can be thick in the torus and thin in the poles.
For all those reasons the TZ(He) was preferred over TZ(H).

These results are shown in Fig. 5.1. For NGC 5315 no helium line is detected so that
results using TZ(H) have been plotted. The evolutionary tracks of Vassiliadis & Wood (1994)
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Figure 5.2–. Observational abundances with respect to Solar. In the upper-left corner a typical er-
ror bar for all elements except helium is plotted. The solid line represents abundances equal to solar
abundances

are related to the core mass rather than the initial mass. Stars with different initial mass and
different mass loss functions can lead to the same core mass.

The majority of PNe are within the range of temperature and luminosity of the theoretical
evolutionary tracks. Most are in the last stage of the PNe phase. NGC 6537 lies outside
and it must be noticed that using TZ(H) makes this object closer to NGC 6302. While this
figure may provide some insight in core mass and time evolution of these objects, the many
uncertainties (especially in distance) should be born in mind.

5.3 Accurate abundances of ISO-observed PNe

5.3.1 Abundances

Accurate abundances are needed in order to make a reliable comparison with theoretical
models. For this purpose a sample of ten PNe was selected in which precise abundances using
ISO data have been derived. The references for the abundances are as follows: NGC 2440 →
Bernard Salas et al. (2002, chapter 3); NGC 5315 → Pottasch et al. (2002); NGC 6302 →
Pottasch & Beintema (1999); NGC 6445 → van Hoof et al. (2000); NGC 6537 and He 2-111
→ Pottasch et al. (2000); NGC 6543 → Bernard-Salas et al. (2003, chapter 4); NGC 6741
and NGC 7662 → Pottasch et al. (2001); NGC 7027 → Bernard Salas et al. (2001, chapter 2).

It should be noticed that NGC 6302, NGC 6537 and He 2-111 are among those PNe with a
hot central star, a strong bipolar morphology, and in which high velocity shocks are present.



76
C

H
A

P
T

E
R

5:
Probing

A
G

B
nucleosynthesis

via
accurate

Planetary
N

ebula
abundances

Table 5.3–. PNe abundances\ w.r.t. hydrogen in number. The number between parenthesis (x) stands for 10x. Abun-
dance reference values for the Sun, Orion, and LMC are also included.

Name Helium Carbon(-4) Nitrogen(-4) Oxygen(-4) Neon(-4) Sulfur(-5) Argon(-6)
NGC 2440 0.119 7.2 4.4 3.8 1.1 0.5 3.2
NGC 5315 0.124 4.4 4.6 5.2 1.6 1.2 4.6
NGC 6302 0.170 0.6 2.9 2.3 2.2 0.8 6.0
NGC 6445 0.140 6.0 2.4 7.4 2.0 0.8 3.8
NGC 6537 0.149 1.8 4.5 1.8 1.7 1.1 4.1
NGC 6543 0.118 2.5 2.3 5.5 1.9 1.3 4.2
NGC 6741 0.111 6.4 2.8 6.6 1.8 1.1 4.9
NGC 7027 0.106 5.2 1.5 4.1 1.0 0.9 2.3
NGC 7662 0.088 3.6 0.7 4.2 0.6 0.7 2.1
He 2-111 0.185 1.1 3.0 2.7 1.6 1.5 5.5
Sun∗ 0.100 3.55 0.93 4.9 1.2 1.86 3.6
Orion† 0.098 2.5 0.60 4.3 0.78 1.5 6.3
< LMC >] 0.089 1.10 0.14 2.24 0.41 0.65 1.9
\ See Sect. 5.3.1 for references.
∗ Grevesse & Noels (1993) and Anders & Grevesse (1989) except the oxygen abundance which was taken from
Allende Prieto et al. (2001).
† Esteban et al. (1998).
] From Dopita et al. (1997).
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The presence of the latter can affect the abundance composition which has been derived
assuming that the ionization is produced by the hot central star. For He 2-111 the velocity of
the shocks have been estimated by Meaburn & Walsh (1989) to be ∼380 km/s. They show that
these high velocity shocks are localized in the outermost parts of the bi-polar lobes (which are
less dense). They conclude that photo-ionization by a hot star is the most plausible dominant
process in the core and dense disk. Since these shocks affect the less dense regions the effect
that they might have on the abundance determination is very small and can be neglected.
High velocity shocks in NGC 6302 were first presumed to be detected by Meaburn & Walsh
(1980) from a study of the wings in the Ne V line at 3426 Å. However, this is not supported
in more recent work by Casassus et al. (2000) using echelle spectroscopy of IR coronal ions.
Even if these shocks were present, a study of Lame & Ferland (1991), in which they fit
photo-ionization models to their spectrum, indicate that only very high stages of ionization,
such as Si6+ (IP 167 eV), are produced by shocks. These high stages of ionization have
negligible weight on the overall abundance which is therefore not affected by the presence
of the shocks. The speed of the shocks in NGC 6537 is ∼ 300 km/s (Corradi & Schwarz
1993). Hyung (1999) studied this specific problem of the source of the nebular emission
arising either by the hot central star or by shock heating, with the help of photo-ionization
models. He concludes that the radiation of the hot central star is responsible for the emission.
In summary, the high velocity shocks present in these PNe do not play a role in the abundance
determination.

It should be noticed as well, that the UV flux from the hot central stars (see Table 5.2) in
these three nebulae produces a high degree of ionization. In fact, Si5+ and Si6+ have been
measured in both NGC 6302 and NGC 6537 (Beintema & Pottasch 1999; Casassus et al.
2000), and in NGC 6302 even Si8+ and Mg7+ that require very high ionization potentials.
The oxygen abundance measured in these nebulae by Pottasch et al. (2000); Pottasch &
Beintema (1999) account for oxygen up to O3+ and it may be that the ICF adopted for
these nebulae (∼1.3) could be underestimating species such as O4+, O5+, O6+. The same
argument applies to the carbon abundance. Nonetheless, the ionic abundance of O2+ is
always larger (approximately a factor 2) than the contribution of O3+. Thus, one would
expect that the ionic abundances of higher stages of ionization are smaller. In fact, the ionic
distribution of neon abundance in these nebulae, peaks at Ne++ for NGC 6302 and He 2-111,
and at Ne3+ for NGC 6537, decreasing dramatically with higher stages of ionization (Ne4+

and Ne5+). The IP of Ne4+ and Ne5+ are 97.1 and 126.2 eV respectively, and that of O4+

113.9 eV. We therefore do not think that the ICF used by Pottasch et al. (2000); Pottasch
& Beintema (1999) for the determination of the oxygen abundance in these nebulae are
underestimated. However, the error on the ICF used to derive the carbon and oxygen
abundance could be reduced with the aid of photo-ionization models or with the analysis of
recombination lines from O2+ to O6+ (Barlow, private communication). This uncertainty
does not apply to nitrogen and neon since high stages of ionization were measured, and there-
fore the neon and nitrogen abundances are better determined than those of oxygen and carbon.

The error in the abundances in Table 5.3 is about 20 to 30%. These errors only include
the uncertainty in the intensities of the lines used to derive the abundances. Other errors, e.g.
using Ionization Correction Factor (ICF) to derive abundances or the effect of uncertainties
in the atomic parameters (especially the collisional strengths) are difficult to quantify. The
abundances shown in Table 5.3 have been derived using an ICF near unity. Often all important
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stages of ionization are observed, in which case no error from the ICF is involved. The
abundances have been obtained using the most recent results available for the collisional
strengths (mainly from the IRON project) so that these uncertainties are much reduced. A
quantitative idea of the errors on the abundance can also be inferred by looking at the sulfur
and argon abundances in Fig. 5.2. Sulfur and argon are not supposed to vary in the course of
evolution, and as can be seen from the figure, they are within 30%. This strongly suggests
that the abundance error derived from the intensity of the lines is the main contributor to the
total error. Therefore 30% is a good estimate of the abundance error and has been assumed
in this work for all nebulae except for the nitrogen abundance of NGC 6543 which has an
error 50%. This is because the main contribution to the nitrogen abundance comes from the
N++ whose ionic abundance is derived either with the 57.3 µm or 1750 Å lines. The former
is density dependent and the latter temperature dependent, increasing therefore the error (see
chapter 4). The error in the helium abundance is around 5% except, again, for NGC 6543
where it is 7-8%.

5.3.2 Comparison with Solar abundances

The PNe abundances (Table 5.3) are shown in Fig. 5.2 with respect to the solar. The typical
error bar applies to all elements except helium for which the error is 6 times smaller. This
comparison is important because in principle one might expect that the progenitor stars of
these PNe have evolved from a solar metallicity. Therefore, primary elements that do not
change in the course of evolution should lie close to the solar line, elements that are destroyed
or produced should lie below or above.

An inspection of the figure leads to several conclusions. NGC 7662 shows low abun-
dances for all elements. It is then suspected that the progenitor mass of this PNe was low and
that it did not experience much change in the course of evolution.

All other PNe show a He enhancement, which should be expected as He is brought to the
surface in the different dredge-up episodes. Four PNe show a decrease in carbon, especially
NGC 6302 and He 2-111. The remaining PNe show solar or enhanced carbon. All PNe
(except NGC 7662) show an increase of nitrogen. The oxygen abundance is close to solar for
all PNe except three. The exceptions are NGC 6302, NGC 6537 and He 2-111 which show a
clear decrease. It should be noticed that the solar abundance adopted in this work is that of
Allende Prieto et al. (2001). If the value of Grevesse & Sauval (1998) had been adopted all
PNe would lie below the solar value.

Within the errors all neon abundances except that of NGC 7662 agree with solar. Of all
elements neon is probably the best determined and it is likely that the error is somewhat
smaller than 30%. In this sense it is interesting to see how PNe with higher neon abundances
are clumped at around 0.15 and the three with lower values also have lower helium abundance
of the sample.

The remaining elements, sulfur and argon, are supposed to remain unchanged in the
course of evolution and therefore should be close to solar. The argon abundance is com-
patible with this but the sulfur abundance is lower than solar.
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5.4 Nucleosynthesis in low- and intermediate-mass stars

We will recall the main nucleosynthetic and convective mixing events that may possibly alter
the surface chemical composition of a low-/intermediate-mass star in the course of its evolu-
tion. According to the classical scenario1 four processes are important (see e.g. Forestini &
Charbonnel 1997 for a recent extended analysis), namely:

The first dredge-up. At the base of the RGB the outer convective envelope reaches regions
of partial hydrogen burning (CN cycle). As a consequence, the surface abundance of 4He is
increased (and that of H depleted), 14N and 13C are enhanced at the expense of 12C, while
16O remains almost unchanged.

The second dredge-up. This occurs in stars initially more massive than 3-5 M� (depend-
ing on composition) during the early AGB phase. The convective envelope penetrates into
the helium core (the H-burning shell is extinguished) so that the surface abundances of 4He
and 14N increase, while those of 12C, 13C and 16O decrease.

The third dredge-up. This takes place during the TP-AGB evolution in stars more massive
than ≈ 1.5M� for solar composition, starting at lower masses for lower metallicities (see
Marigo et al. 1999). It actually consists of several mixing episodes occurring at thermal
pulses during which significant amounts of 4He and 12C, and smaller quantities of other
newly-synthesized products (e.g. 16O, 22Ne, 25Mg, s-process elements) are convected to the
surface.

Hot bottom burning. This occurs in the most massive and luminous AGB stars (with ini-
tial masses M & 4− 4.5M�, depending on metallicity). The convective envelope penetrates
deeply into the hydrogen-burning shell, and the CN-cycle nucleosynthesis actually occurs
in the deepest envelope layers of the star. As a consequence, besides the synthesis of new
helium, 12C is first converted into 13C and then into 14N. In the case of high temperatures
and after a sufficiently long time, the ON cycle can also be activated, so that 16O is burned
into 14N.

It should be remarked that the third dredge-up and hot-bottom burning are the processes
that are expected to produce the most significant changes in CNO and He surface abundances,
being affected at the same time by the largest uncertainties in the theory of stellar evolution.
This latter point motivates the adoption of free parameters (e.g. the dredge-up efficiency) to
describe these processes in synthetic TP-AGB models, that are discussed next.

5.5 Synthetic TP-AGB calculations

In order to interpret the abundance data reported in Sect. 5.3.1, synthetic evolutionary calcu-
lations of the TP-AGB phase have been carried out with the aid of the model developed by
Marigo et al. (1996, 1998, 1999), Marigo (1998, 2001, 2002), to whom we refer for all details.

1We do not consider here any additional extra-mixing process, such as the one invoked to explain the observed
abundance anomalies in low-mass RGB stars (see e.g. Charbonnel 1995).
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Table 5.4–. Assumptions adopted in the TP-AGB synthetic calculations discussed in the paper.

3rd D-up efficiency Inter-shell composition Initial oxygen abundance

Models (ref.) Z Opacity1 λ2 Xcsh(12C) Xcsh(16O) Xcsh(4He) X0(O)3

A) Figs. 5.3, 5.9 0.019 κfix const. 0.50 0.220 0.020 0.760 O� High
B) Fig. 5.6 0.019 κvar const. 0.50 0.220 0.020 0.760 O� High
C) Fig. 5.6 0.019 κvar var. 0.457 0.220 0.020 0.760 O� High
D) Fig. 5.6, 5.11, 5.12 0.019 κvar var. 0.457 0.220 0.020 0.760 O� Low
E) Fig. 5.6, 5.11, 5.12 0.019 κvar var. 0.30 0.220 0.020 0.760 O� Low
F) Figs. 5.9, 5.11, 5.12 0.019 κvar var. 0.88, 0.96 0.050 0.005 0.945 O� Low
G) Fig. 5.10 0.008 κfix const. 0.50 0.220 0.020 0.760 (Z/Z�)× (O� High)
H) Fig. 5.10 0.008 κfix const. 0.90 0.220 0.020 0.760 (Z/Z�)× (O� High)
I) Fig. 5.10 0.008 κvar const. 0.90 0.220 0.020 0.760 (Z/Z�)× (O� High)
J) Figs. 5.10, 5.11, 5.12 0.008 κvar const. 0.90 0.030 0.001 0.969 (Z/Z�)× (O� High)
K) Figs. 5.10, 5.11, 5.12 0.008 κvar const. 0.90 0.010 0.001 0.999 (Z/Z�)× (O� High)

1 “κfix” corresponds to solar-scaled molecular opacities by Alexander & Ferguson (1994);
“κvar” denotes the variable molecular opacities as calculated according to Marigo (2002).

2 “const. value” means that the same constant value of λ is adopted at each dredge-up episode;
“var. value” means that λ is made vary up to a maximum value, according to the analytic recipe by Karakas et al. (2002, their equation 7)

3 “O� High” refers the determination of the oxygen abundance for the Sun by Anders & Grevesse (1989);
“O� Low” refers to the recent determination of the oxygen abundance for the Sun by Allende Prieto et al. (2001).

Other assumptions common to all TP-AGB models are:
– log T dred

b = 6.4 following Marigo et al. (1999);
– Mixing-length parameter α = Λ/Hp = 1.68 (where Hp denotes the pressure-scale height, and Λ is the mixing-length) following Girardi et al. (2000),

unless otherwise specified;
–Nuclear reaction rates from Caughlan & Fowler (1988).
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We briefly recall that the initial conditions at the first thermal pulse are extracted from
full stellar models with convective overshooting by Girardi et al. (2000). The considered
mass interval (0.7− 5.0M�) covers the whole class of low- and intermediate-mass stars that
develop an electron-degenerate C-O core at the end of the core He-burning phase. In these
models the initial chemical composition is taken from Anders & Grevesse (1989) for solar
metallicity (Z = 0.019), while for other metallicities solar-scaled abundances are assumed.

The Girardi et al. (2000) models predict the changes (if any) in the surface chemical
composition occurring prior to the TP-AGB phase by the first dredge-up during the first
settling on the Red Giant Branch, and by the second dredge-up in stars of intermediate mass
(say M > 3.5 − 4M�) during the Early AGB phase.

The subsequent TP-AGB evolution is calculated from the first thermal pulse up to the
complete ejection of the envelope by stellar winds. Mass loss is included according to the
Vassiliadis & Wood’s (1993) formalism. The TP-AGB model predicts the changes in the
surface chemical composition caused by the third dredge-up and HBB. The third dredge-up
is parametrized as a function of the efficiency, λ, and the minimum temperature at the base
of the convective envelope, T dred

b , required for dredge-up to occur (Marigo et al. 1999, see
also Sect. 5.5.1). The process of HBB – expected to take place in the most massive and
luminous AGB stars (& 4.5M� depending on metallicity) – is followed in detail with the
aid of a complete envelope model including the main nuclear reactions of the CNO cycle
(Marigo et al. 1998; Marigo 1998).

Recently Marigo (2002) has introduced a major novelty in the TP-AGB model, that
is the replacement of fixed solar-scaled molecular opacities – commonly adopted in
most AGB evolution codes (kfix) – with variable molecular opacities (kvar) which are
consistently coupled with the actual elemental abundances of the outer stellar layers. The
impact of this new prescription on the evolution of AGB stars is significant and consequently,
as will be shown below, it importantly affects the predictions of the PN elemental abundances.

For the sake of clarity, in the following we will provide an outline of the main input
assumptions adopted in our TP-AGB calculations (Sect. 5.5.1 and Table 5.4).

5.5.1 Nucleosynthesis and mixing assumptions of the TP-AGB model

The treatment of the third dredge-up in the TP-AGB model is characterized by:

• A temperature criterion to establish whether a dredge-up episode does or does not oc-
cur. It is based on the parameter T dred

b , that corresponds to the minimum temperature
– at the base of the convective envelope at the stage of post-flash luminosity maximum
– required for dredge-up to take place. In practice a procedure, based on envelope inte-
grations, allows one to determine the onset of the third dredge-up, that is the minimum
core mass Mmin

c , and luminosity at the first mixing episode. More details can be found
in Marigo et al. (1999; see also Wood 1981, Boothroyd & Sackmann 1988, Karakas et
al. 2002).

• The efficiency λ = ∆Mdred/∆Mc. It is defined as the fraction of the core mass
increment, ∆Mc, over a quiescent inter-pulse period, that is dredged-up to the surface
at the next thermal pulse (corresponding to a mass ∆Mdred).



82 CHAPTER 5: Probing AGB nucleosynthesis via accurate Planetary Nebula abundances

• The composition of the convective inter-shell (in terms of the elemental abundances
Xcsh,i) developed at thermal pulses, i.e. of the dredged-up material. We essen-
tially specify the abundances of helium Xcsh(4He), carbon Xcsh(12C), and oxygen
Xcsh(12O) (see Table 5.4). We recall that detailed calculations of thermal pulses
indicate a typical inter-shell composition [Xcsh(4He) ∼ 0.76; Xcsh(12C) ∼ 0.22;
Xcsh(16O) ∼ 0.02] (see e.g. Boothroyd & Sackmann 1988a; Forestini & Charbonnel
1997). However, these results may drastically change with the inclusion of extended
overshooting from convective boundaries (i.e. Xcsh(12C) ∼ 0.50; Xcsh(16O) ∼ 0.25
according to Herwig et al. 1997), or in the most massive TP-AGB models with deep
dredge-up penetration (i.e. Vassiliadis & Wood 1993; Frost et al. 1998). This latter
possibility, relevant to our analysis, is discussed in Sect. 5.6.4.

In addition to 4He, 12C, and 16O, we account for the possible production of 22Ne,
via the chain of reactions 14N(α, γ) 18F(β+, ν) 18O(α, γ) 22Ne (Iben & Renzini
1983). Then a certain amount of 22Ne may be burned via the neutron source reaction
22Ne(α, n)25Mg. The efficiency of this nuclear step strongly depends on the maximum
temperature achieved at the bottom of the inter-shell developed at thermal pulses,
being marginal for T < 3 × 108 K (about 1 % of 22Ne is converted into 25Mg), while
becoming more and more important at higher temperatures (Busso et al. 1999).

In our study, we parameterize the Ne and Mg production assuming that the abundances
in the convective intershell are given by (see also Marigo et al. 1996):

Xcsh(22Ne) = Xe(
22Ne) + F ×

22

14
× XHsh(14N) (5.1)

Xcsh(25Mg) = Xe(
25Mg) + (1 − F ) ×

25

14
× XHsh(14N)

where Xe refers to the envelope abundance before the dredge-up, and F represents
the degree of efficiency of the 22Ne production, that is clearly complementary to that
of 25Mg (1 − F ). In most of our calculations we assume F = 0.99, that means
allowing the chain of α-capture reactions to proceed from 14N to 22Ne, with essentially
no further production of 25Mg. This point is discussed in Sect. 5.6.4.

In the above equations XHsh(14N) denotes the nitrogen abundance left by the H-
burning shell in the underlying inter-shell region, just before the occurrence of the
pulse. It is estimated with

XHsh(14N) = 14 ×
[

Xe(
12C)

12
+

Xe(
13C)

13
+

Xe(
14N)

14
+

Xe(
15N)

15
+

Xe(
16O)

16
+

Xe(
17O)

17
+

Xe(
18O)

18

]

,

i.e. we assume that all CNO nuclei are converted in 14N, which is a good approximation
when the CNO-cycle operates under equilibrium conditions. In this way we account
for the possible primary component of 14N in the inter-shell, which is produced every



5.6. Comparison between models and observations 83

time some freshly dredged-up 12C in the envelope is engulfed by the H-burning shell
during the quiescent inter-pulse evolution.

As a consequence, the resulting Xcsh(22Ne), synthesized via the chain of Eq. (5.1),
contains a primary component, which can also be injected into the surface chemical
composition through the dredge-up. We note that 22Ne is expected to be purely sec-
ondary in low-mass stars that do not experience the third dredge-up.

The reader can find more details about model prescriptions in Table 5.4.

5.6 Comparison between models and observations

We will now perform an analysis of the observed PN elemental abundances with the aid of
the TP-AGB models just described. The basic idea is to constrain the model parameters so as
to reproduce the observed data, and hence derive indications on the evolution and nucleosyn-
thesis of AGB stellar progenitors. The chemical elements under consideration are He, C, N,
O and Ne.

5.6.1 The starting point: TP-AGB models with solar-scaled molecular opacities

First “old” predictions of PN abundances (Marigo 2001) are considered; see Fig. 5.3. In those
models with an initially solar composition the dredge-up parameters (λ and T dred

b ) were
calibrated to reproduce the observed carbon star luminosity functions in both Magellanic
Clouds (Marigo et al. 1999). Moreover, envelope integrations were carried out using fixed
solar-scaled molecular opacities (κfix; see Sect. 5.5).

By inspecting Fig. 5.3 we note that, though a general agreement is found between mea-
sured and predicted abundances with respect to nitrogen and neon abundances, three main
discrepancy points occur:

1. A sizeable overproduction of carbon by models, up to a factor of 3-5;

2. The lack of extremely He-rich models, with 0.15 < He/H ≤ 0.20;

3. A general overabundance of oxygen in all models, amounting up to a factor of 3.

While the first two aspects are probably related to the nucleosynthetic assumptions in
the TP-AGB models, the third one could also reflect our choice of oxygen abundance in the
solar mixture (Anders & Grevesse 1989), which has recently been subject of major revision
(Allende Prieto et al. 2001). The aim of the following analysis is to single out the main causes
of the disagreement and possibly to remove it by proper changes in the model assumptions.

5.6.2 Sub-grouping of the ISO sample and comparison with other PNe data

Before starting the interpretative analysis, it is worth noticing that the PNe data (see Fig. 5.3)
seem to segregate in two different groups in the observational abundance plots – one at
lower (He/H ≤ 0.14) and the other at higher helium content (He/H > 0.14) –, and their
chemical patterns for carbon and nitrogen already suggest likely different mass ranges for
the progenitors (i.e. low- and intermediate-mass stars respectively).
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Figure 5.3–. Comparison between measured PN abundances (squares with errors bars) and model
predictions (diamonds). Two estimates for the oxygen abundance for the Sun are also indicated, O�

High and O� Low (see Table 5.4 and text). In each panel the sequence of diamonds denotes the expected
PN abundance as a function of the stellar progenitor’s mass, increasing from 0.9 to 5.0 M� (a few values
are labeled along C/H curve), and for initial solar metallicity Z = 0.019. The initial O abundance was
set equal to O� High. The model assumptions adopted for the TP-AGB evolution, corresponding to
case A) of Table 5.4, include solar-scaled molecular opacities (κfix), and third dredge-up efficiency
λ = 0.5.
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Figure 5.4–. Comparison of PN abundances from our ISO sample (filled squares) and other samples in
the literature, namely: Henry et al. (2000; open triangles) and Kingsburgh & Barlow (1994; diamonds)
for PNe in the Milky Way, and Dopita et al. (1997; filled triangles) for PNe in the LMC. The ISO
sample has been plotted using smaller and larger squares for PNe with helium abundances lower and
higher than 0.145 respectively.

In particular, there are three PNe, He 2-111, NGC 6302 and NGC 6537 that clearly show
the highest helium abundance (He/H >0.14) together with the lowest carbon and oxygen
abundances. To this respect we recall that it was recognized a long time ago (Becker &
Iben 1980) that the observed N/O-He/H correlation and the C/O-N/O anti-correlation –
characterising the He-rich PNe – present a problem for models of nucleosynthesis on the
AGB. This will be discuss in Sect. 5.6.4.

Comparison with literature data on PN elemental abundances provides further support for
two separate groups of PNe according to their helium content, “normal” or high. Figure 5.4
compares our observed abundances with data from Henry et al. (2000) and Kingsburgh &
Barlow (1994) for PNe in the Milky Way, and from Dopita et al. (1997) for PNe in the LMC.
Only PNe with measured C abundances and not already present in the ISO sample have been
included. The reader should bear in mind that excluding helium, the errors on the remaining
abundances of these two samples are large and uncertain.



86 CHAPTER 5: Probing AGB nucleosynthesis via accurate Planetary Nebula abundances

The “normal” helium group in the ISO sample (with He/H < 0.145; smaller filled squares)
is within the range of abundances given by Henry et al. (2000) and Kingsburgh & Barlow
(1994). However, both studies lack PNe with high He abundances. Actually, PN PB 6 (from
Henry et al. 2000 sample) has a helium abundance of 0.2 but that value is highly uncertain,
and 0.146 is the highest helium abundance among those PNe that we have excluded from the
Kingsburgh & Barlow (1994) sample (those with no measured carbon).

Conversely, the three ISO PNe with high helium abundances (with He/H > 0.145; larger
filled squares) agree well with the LMC PNe from Dopita et al. (1997), not only in the He
abundance but also in the N/O and C/N ratios. Besides supporting the division of the ISO
sample into two subclasses, this also suggests that an initial sub-solar metallicity may be a
key factor in the subsequent nucleosynthesis.

For all these reasons, it seems advantageous to separate those PNe which exhibit high
helium content from the others having “normal” helium abundances, and to discuss the two
groups separately.

5.6.3 PNe with “normal” He abundances

Let us examine the PN data with He/H. 0.14 (Fig. 5.3). For the sake of clarity we summarise
the main features pointed out in Sect. 5.3.1.

• Most of the data present a clear enhancement in He, C, N compared to the abundances
of these elements for the Sun. In particular, some of them should descend from carbon
stars given their C/O ratio larger than one.

• Oxygen abundances are underabundant when compared to the Solar determination by
Anders & Grevesse (1989). On the other hand they are consistent with a constant, or
slightly increasing trend with He/H, if compared to the recent oxygen estimation for
the Sun by Allende Prieto et al. (2001).

• Neon seems to exhibit a constant, or perhaps moderately increasing trend with He/H.

We first consider the elemental changes expected after the first and second dredge-up
episodes. The predicted envelope abundances are displayed in Figure 5.5 for two values of
the initial metallicity, i.e. Z = 0.019 and Z = 0.008. Compared to their original values
oxygen and neon are essentially unaffected, carbon is somewhat reduced, while nitrogen
and helium may be significantly increased particularly after the second dredge-up in stars of
intermediate mass (M > 4M�).

The comparison with the PN data indicates the necessity to invoke further chemical
changes in addition to those caused by the first and second dredge-up, especially if one
considers the observed enhancement in carbon. The most natural explanation resides in the
third dredge-up process occurring during the TP-AGB phase. To this respect, as already
mentioned in Sect. 5.6.1, the “old” models with fixed solar-scaled molecular opacities predict
too large carbon enrichment (Fig. 5.3). This point and its possible solution are discussed
below.
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Figure 5.5–. Observed PN abundances (squares with error bars) compared to expected surface abun-
dances (taken from Girardi et al. 2000) just before the onset of the TP-AGB phase, as a function of
the initial stellar mass, and for two values of the original metallicity, i.e. Z = 0.019 (upper curves)
and Z = 0.008 (lower curves). The initial mass ranges from 0.6 to 5.0 M� at increasing He/H along
the curves. Predicted abundances are those expected after the first dredge-up (solid line) for stars with
0.6 ≤ M/M� ≤ 4.0; and after the second dredge-up (dashed line) for stars with 4.0 < M/M� ≤ 5.0.
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Figure 5.6–. Carbon abundances and C/O ratios in PNe with low helium abundances (He/H≤ 0.13).
Open symbols denote predictions of synthetic TP-AGB calculations for various choices of model pa-
rameters – specified in the legenda – corresponding to a stellar progenitor with (Mi = 2.0M�, Zi =
0.019). See text and cases B-C-D-E of Table 5.4 for more details.

Reproducing the extent of carbon enrichment

To tackle the problem of carbon we consider a stellar model with 2M� initial mass, a typical
mass of carbon stars in the Galactic disk (Groenewegen et al. 1995). Figure 5.6 shows a few
models of the predicted carbon abundance and corresponding PN values.

As starting model we consider the one with the κfix assumption. It is clearly located well
above the observed points (diamond in left panel of Fig. 5.6).

A first significant improvement is obtained acting on the opacity, that is adopting vari-
able molecular opacities during the TP-AGB calculations. We replace κfix with κvar, while
keeping the other model parameters fixed. In this model (starred symbol) the predicted C/H
is lowered because of a shorter C-star phase, hence a decrease in the number of dredge-up
episodes (see Marigo 2002, 2003).

Additional cases are explored. The usual assumption of constant dredge-up efficiency λ
is replaced with the recent recipe by Karakas et al. (2002), who provide analytic relations
– fitting the results of full AGB calculations – that express the evolution of λ as a function
of metallicity Z, stellar mass M , and progressive pulse number. For a given M and Z, λ is
found to increase from initially zero up to nearly constant maximum value, λmax. This latter
also varies depending on mass loss. Adopting λmax = 0.457 as suggested by Karakas et al.
(2002) for the (M = 2M�, Z = 0.02) combination, we end up with a somewhat lower C/H
(triangle), compared to the case with (κvar, λ = 0.5). This reflects the smaller amount of
carbon globally dredged-up with the λvar assumption.
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A further test is made with respect to the assumed initial oxygen abundance. We calculate
the TP-AGB evolution of the 2M� model replacing the surface oxygen abundance at the
first thermal pulse – as predicted by Girardi et al. (2000) evolutionary calculations, based
on Anders & Grevesse (1989) solar mixture (the O� High in Table 5.4) – by the recently
revised determination by Allende Prieto et al. (2001; the O� Low in Table 5.4).

With the new lower oxygen abundance the solar C/O ratio increases from 0.48 to 0.78.
This increment in the initial C/O ratio has important effects on the later TP-AGB evolution
and PN abundances: fewer dredge-up episodes are necessary to produce a carbon star and
hence, on average, a lower C abundance is expected in the PN ejecta. This can be seen in
Fig. 5.6, by comparing the models labeled by triangle and circle symbols. We also notice
that the trend in the predicted values of C/H (left panel) or C/O (right panel) is reversed.
The O� Low prescription leads to a reduced absolute carbon enrichment compared to the
O� High case, while the final C/O ratio is larger in the former case. It should be remarked
that using the recent carbon abundance by Allende Prieto et al. (2002) together with the new
lower oxygen abundance the C/O ratio is 0.50, nearly equally to the ratio of Grevesse &
Noels (1993), negating the above comment.

At this point the results already appear better compared to the starting model, but in
order to carry the expected C/H point within the observational error bars, we change another
fundamental model parameter, i.e. the dredge-up efficiency λ. A good fit of the PNe data is
obtained by lowering λmax from 0.457 to 0.3, that simply means diminishing the amount of
dredged-up carbon.

In summary, from these calculations we derive the following indications. Both the C/H
and the C/O ratios of the carbon-rich Galactic PNe – evolved from stars with typical masses
of ∼ 2.0M� – can be reproduced by assuming i) variable molecular opacities κvar, ii)
an initial oxygen abundance as recently revised by Allende Prieto et al. (2001), and iii)
a dredge-up efficiency λ ≈ 0.3 − 0.4. These indications – in particular points i) and iii)
– agree with the results recently obtained by Marigo (2002, 2003) in her analysis of the
properties of Galactic carbon stars in the disk. Variable molecular opacities and λ . 0.5 are
required to reproduce a number of observables of carbon stars, like their C/O ratios, effective
temperatures, mass-loss rates, and near-infrared colours.

Then, from the representative case of the 2.0M� model, we consider a wider mass range,
i.e. 1.1 − 5.0M�, with initial metallicity Z = 0.019. Results of the C/H and C/O ratios as
a function of He/H, expected in the corresponding PNe, are displayed in Figs. 5.7 and 5.8
and are also summarized in the top-left panels of Figs. 5.11 and 5.12 (triangles connected
by solid line). They show a satisfactory agreement with the observed data for He/H< 0.14,
suggesting a mass interval for the stellar progenitors from about 1.0 to 4.0 M�.

Synthetic TP-AGB calculations are carried out by adopting the κvar and O� Low
prescriptions, and assuming λ ≈ 0.3 − 0.5 for lower stellar masses (M . 3.0M�), while
increasing it up to λ ≈ 0.98 for the largest masses. This means that the third dredge-up
should become deeper in more massive stars, as indicated by full TP-AGB calculations
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(e.g. Vassiliadis & Wood 1993; Karakas et al. 2002). It is worth noticing that models with
M ≤ 1.5M� are predicted not to experience the third dredge-up, i.e. they do not fulfil the
adopted temperature criterion (based on the parameter T dred

b ; refer to Sect. 5.5.1).

Moreover, we assume that in the most massive stars (with M = 4.0 − 5.0M�) the
composition of the inter-shell may be different from the standard one, i.e. less primary carbon
is supposed to be synthesised during thermal pulses. This point will be discussed in more
detail in Sect. 5.6.4.

Other elemental abundances

As for the He, N, O, Ne elemental abundances, we can outline the following (see sequences
of triangles in Figs. 5.11, 5.12):

• The helium abundance up to He/H∼ 0.14 is well reproduced by accounting for the sur-
face enrichment due to the first, and possibly second and third dredge-up. Apparently,
for this group of PNe, there is no need to invoke a significant production of helium by
HBB. We also notice that the minimum value predicted by stellar models with initial
solar composition is He/H∼ 0.096, so that any observed value lower than that (e.g.
NGC 7662) may correspond to a stellar progenitor with lower initial metallicity and
helium content.

• The nitrogen data are consistent, on average, with the expected enrichment produced
by the first and second dredge-up events.

• As already discussed, the PN oxygen estimates are compatible with the recent revision
for the abundance in the Sun by Allende Prieto et al. (2001; (O/H�) = 4.9 × 10−4).
The PN data indicate that during the evolution of the stellar progenitors, their surface
abundance of oxygen is essentially unchanged, or it might be somewhat enhanced.
Anyhow, the revised lower determination for the Sun removes the problem of ex-
plaining the systematic oxygen under-abundance compared to solar that all data would
present if adopting higher values for the Sun as indicated by past analyses (e.g. Anders
& Grevesse 1989; (O/H)� = 7.4 × 10−4).

• The neon data do not allow to put stringent constraints on the nucleosynthesis of this
element in TP-AGB stars with initial solar metallicity. In fact, within the uncertainties
the observed Ne/H abundances are compatible with a preservation of the original value,
but they can also point to a moderate increase.

Predictions shown in Fig. 5.11 are obtained under the assumption that the synthesis of
22Ne – via α-captures in the He-burning shell starting from 14N during thermal pulses
– takes place with almost maximum possible efficiency (F = 0.99, see Sect. 5.5.1).
As we see, the final expected enrichment in PNe remains modest, due to the relatively
small number of thermal pulses and moderate dredge-up efficiency (λ ∼ 0.3 − 0.5)
characterising TP-AGB models with initial masses M ∼ 1.5−3.0 M�, and metallicity
Z = 0.019.

The opposite situation, that is the complete conversion of 22Ne into 25Mg with F ∼
0, would not lead to any enrichment in neon so that the sequence of predicted Ne/H
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Figure 5.7–. Summary of the results that best fit the observed PN abundances for He/H≤ 0.14.
Specifically, triangles represent predictions derived from TP-AGB models with Z = 0.019 and with
initial stellar masses from 1.1 to 5.0 M�, and adopting the following prescriptions summarised in Ta-
ble 5.4: case E) for 1.1 ≤ M/M� ≤ 2.5; case D) for M = 3.0 M�; case F) for 3.5 ≤ M/M� ≤ 5.0.
In practice, we assume the efficiency of the third dredge-up changes during the evolution (according
to Karakas et al. 2002), and increases with the stellar mass. Note that also the composition of the
convective inter-shell varies as a function of the stellar mass, i.e. less primary carbon is supposed to be
synthesised during thermal pulses by models with the largest masses. See text for more details.
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Figure 5.8–. The same as in Fig. 5.7, but expressing the abundance data with different combinations
of elemental ratios.

would be flatter2 than the present one (connected triangles in Fig. 5.11). But this case
could not be rejected either since corresponding predictions are still confined within
the observed domain.

5.6.4 PNe with extremely high He abundance

Below we discuss the PNe exhibiting the largest enrichment in helium, i.e. with 0.14 .

He/H. 0.20 (see e.g. Fig. 5.3). These objects share other chemical properties, namely:

• Marked carbon deficiency compared to the solar value;

• Sizeable enhancement of nitrogen, but not exceeding the upper values observed in the
PNe with lower He/H;

• Significant depletion of oxygen, which makes these PNe appear as a distinct group
with respect to the PNe with lower He/H abundances;

• Possible, but still not compelling, hint of over-abundance of neon compared to the solar
value.

By looking at Fig. 5.5, we conclude that model predictions after the first and second
dredge-up processes cannot account for the extremely high He/H values of these PNe. Then,

2In any case Ne/H should keep a slightly increasing trend, not becoming exactly horizontal since, even if Ne=
const., the hydrogen content H decreases as a consequence of dredge-up events.
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we are led to consider additional He contributions from the third dredge-up and HBB during
the TP-AGB phase.

Qualitatively, the enrichment in helium and nitrogen and the simultaneous deficiency in
carbon would naturally point to HBB as a possible responsible process, via the CNO-cycle
reactions. Therefore, as a working hypothesis, let us assume that the stellar progenitors of
these extremely He-rich PNe are intermediate-mass stars (M & 4.5M�), experiencing HBB
during their AGB evolution. We will now investigate under which conditions all elemental
features can be reproduced.

To allow an easier understanding of the following analysis, Figs. 5.9 and 5.10 show the
predicted time evolution of He, C, N, O, and Ne elemental abundances in the envelope dur-
ing the TP-AGB phase of models experiencing HBB. Different assumptions are explored.
The observed PN abundances should be compared with the last starred point along the the-
oretical curves, which marks the last event of mass ejection, and it may be then considered
representative of the expected PN abundances.

Constraints from oxygen and sulfur abundances

At this point additional information comes from the marked oxygen under-abundance
compared to solar (for both High and Low values), common to the extremely He-rich PNe.

We recall that the oxygen abundance in the envelope remains essentially unchanged after
the first and second dredge-up events. The third dredge-up may potentially increase oxygen,
depending on the chemical composition of the convective inter-shell that forms at thermal
pulses. In any case, no oxygen depletion is expected by any of these processes. A destruction
of oxygen could be caused by a very efficient HBB, that is if the ON cycle is activated and
oxygen starts being transformed into nitrogen.

We have explored this possibility on a 5M� TP-AGB model with original solar metal-
licity. To analyse the effects of a larger HBB efficiency, the mixing-length parameter αML

has been increased, and set equal to 1.68, 2.00, and 2.50. In fact, larger values of αML

correspond to higher temperatures at the base of the convective envelope. In none of the
three cases have we found any hint of oxygen destruction, as indicated by the flat behaviour
of the abundance curves in the bottom-left panel of Fig. 5.9 (solid and long-dashed lines, for
α = 1.68 and 2.50, respectively).

At this point we decided to stop further increasing α – which would have likely led
to oxygen destruction at some point – since we run into a major discrepancy. In fact,
increasing the efficiency of HBB causes a systematic over-enrichment in nitrogen, as shown
by the model with αML = 2.50 (short-dashed line). We also note that a significant nitrogen
production is accompanied by a mirror-like destruction of carbon (upper-left panel of
Fig. 5.9). This is not the case of the model with αML = 1.68 (solid line), in which HBB is
almost inoperative.

From these results we can expect that, even if a destruction of oxygen is obtained for
larger values of αML, the problem of nitrogen over-production would become even more
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Figure 5.9–. Time evolution of surface elemental abundances during the TP-AGB phase of a 5.0M�

model with initial solar chemical composition, experiencing both the third dredge-up and HBB. Ob-
served PN data should be compared with the starred symbol at the end of each curve (marking the end
of the TP-AGB phase). Most parameter prescriptions are specified Table 5.4. In practice we consider
the following cases: i) efficient HBB with α = 2.50 (short-dashed line; refer to case A) of Table 5.4
for other model parameters); ii) weak HBB with α = 1.68 (solid line; refer to case A) of Table 5.4);
and iii) weak HBB and efficient dredge-up, starting from a lower oxygen abundance (long-dashed line;
refer to case F) of Table 5.4).
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severe. All these considerations suggest that the most He-rich PNe in the sample should
not descend from stars with original solar metallicity, but rather from more metal-poor
progenitors. In other words, the observed sub-solar oxygen abundances likely might reflect
the initial stellar metallicity.

To test the hypothesis of an original lower oxygen content we perform explorative
TP-AGB evolutionary calculations of intermediate-mass stars with initial LMC composition,
characterised by roughly half-solar metallicity. The predicted envelope abundances after
the first and second dredge-up for stellar models with [Z = 0.008, Y = 0.25] are shown in
Fig. 5.5. As we see the oxygen curve (bottom-left panel) is now lower than the corresponding
one for solar composition, and it appears to be much more consistent, but not fully, with the
location of the He-rich PNe. In the next subsections we will test whether these models are
actually able to fulfil, besides the oxygen data, all other chemical constraints related to He,
C, N, and Ne abundances. Finally, we note that even better results for O may be obtained by
adopting an initial oxygen abundance for the LMC composition, scaled from the new solar
determination by Allende Prieto et al. (2001).

At this point it is important to stress the following. The suggestion that these three
PNe have evolved from such a massive (∼4-5 M�) low metallicity progenitor is striking.
Their strong bi-polarity, high nebular masses and low galactic latitude do not suggest a low
metallicity progenitor. In Sect. 5.3.1, we saw that the nitrogen and neon abundances are
more accurately determined. These are similar to the normal PNe which are compatible with
a solar initial metallicity. However, the high helium abundance cannot be reproduced from
models starting with solar metallicity (see Fig. 5.7). To solve this particular problem, a more
efficient HBB is required, but this would increase the nitrogen abundance above the observed
value. It may be that these models are missing an essential part of the physics. Further
investigation of these models on this issue is certainly required. In particular, the inclusion of
the recent (lower) carbon solar abundance by Allende Prieto et al. (2002) should also help in
achieving the low observed carbon abundance. Since we want to simultaneously reproduce
all the observed abundances (using the current models available) we shall continue with the
assumption of a sub-solar (LMC) composition for these nebulae.

It is worth adding now some considerations about the possibility that the most He-rich
PNe in the sample evolved from stars with sub-solar metallicity.

On the one side, our proposed scenario may run into trouble if we suppose that the history
of chemical enrichment of our Galactic disk simply follows an age-metallicity relation, in
which younger ages correspond to larger metallicities. In fact in this case, we would expect
that stars with initial masses as large as ∼ 5M� should form from gas with comparable, or
even higher, degree of metal enrichment than the Sun. However, more detailed considerations
show that the assumption of a unique age-metallicity relation provides an over-simplified
description of the actual chemical evolution in the Galactic disk.

For instance, the Orion nebula has a lower metallicity than solar even though it is
younger. Also, in the solar neighborhood differences do exist. Edvardsson et al. (1993)
studied a sample of nearly 200 F and G dwarfs in the Galactic disk and found a considerable
[Fe/H] scatter even for stars with similar age and belonging to a nearby field of the disk.
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They concluded from this that the chemical enrichment in the Galaxy is inhomogeneous.
There is therefore a fraction of disk stars in the sky with different composition from solar.
The three PNe with high He abundance belong to the disk and are indeed in the same part
of the sky (within ±10◦ of the Galactic center). We may reasonably state that these objects
belong to lowest tail of the metallicity distribution in the Galactic disk. These arguments
support the use of a metallicity different from solar but do not point to LMC metallicity.
Another weak point is that the metallicity generally increases towards the center of the
Galaxy, while these PNe should have a lower metallicity.

An additional hint for a different initial composition from solar is given by sulfur. All
PNe in the sample display a clear under-abundance of sulfur with respect to solar (see
Fig. 5.2), whereas this element is expected not to change in the course of stellar evolution.
Its abundance in our PN sample is even lower than in Orion (see Table 5.3), which is a
young stellar object. This implies that either the nucleosynthesis history of sulfur is not yet
understood and it can actually be destroyed in the course of the evolution, or that the initial
composition, at least of this element, can deviate from solar. Alternatively, the determination
of the solar abundance may be wrong. This possibility seems the most plausible. The
sulfur abundance is within the range of values given by Martı́n-Hernández et al. (2002)
for a sample of galactic H II regions. If the initial abundance of sulfur is not solar, this
may also be the case for the other elements. Maybe the He-rich PNe are consistent with
sub-solar metallicities but, since all observed PNe are under-abundant in sulfur, we are left to
explain why for some PNe we need solar metallicity whereas for others a lower metallicity
is invoked, this latter feature only applying to the most He-rich objects. This might be the
result of some, still unidentified, selection effect.

The PNe with high helium abundance also show the lowest (C+N+O)/H abundance (see
Fig. 5.2). This, again, suggests a lower initial metallicity. Nevertheless the neon, sulfur and
argon abundances are similar to the rest of planetaries which would in principle be against
this suggestion. The similarity in neon of these three PNe with the rest can be explained
invoking the production of neon in the course of evolution. The LMC sulfur abundance is
compatible with all the PNe in the sample. As discussed above it might be that the sulfur
solar abundance is wrong since this is a primary element and the observed abundances are
quite accurate. The argon is more tricky. All PNe show similar argon abundances which
are actually close to solar. The LMC argon abundance is much lower than that of the high
helium PNe. The discrepancy between the sub-solar sulfur and the solar argon abundance is
not readily explained.

These aspects still need to be clarified, but we would remark that a possible answer may
come in the context of a dedicated study of the chemical evolution of our Galaxy, which is
beyond the scope of the present work.

Constraints from carbon and nitrogen abundances

Perusal of the C/H and N/H curves in Fig. 5.5 (predicted after the first and second dredge-up)
for the LMC composition, shows that they share the trends with the stellar mass as the
solar-metallicity curves, but the carbon and nitrogen abundances are now systematically
lower, as for oxygen. In particular carbon abundances, prior to the TP-AGB evolution, – at
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Figure 5.10–. The same as in Fig. 5.9, but for initial LMC chemical composition. Illustrated cases
mainly differ in the adopted parameters describing the third dredge-up, i.e. (see also Table 5.4): i) and
ii) moderate third dredge-up (λ = 0.5) and standard chemical composition of the inter-shell (case G)
for 4.5 and 5.0 M� models (dotted and dot-short-dashed lines, respectively), iii) deep third dredge-up
(λ = 0.9) and standard chemical composition of the inter-shell (case H) for 5.0 M� model (dot-long-
dashed line); iv) the same as the previous case but for the κvar prescription (case I; short-long-dashed
line); v), vi), and vii) deep third dredge-up (λ = 0.9) and inter-shell chemical composition with low-
carbon abundance for 5.0 M� model (solid line and case J; short-dashed line and case K) and 4.5 M�

model (long-dashed line and case K).
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any stellar mass – are now compatible with the low values measured in the He-rich PNe. As
for nitrogen, some enrichment seems instead required (up to a factor of 2 at the largest stellar
masses) to obtain agreement with the observations.

Given these premises, a number of TP-AGB models with Z = 0.008 and masses of 4.0−
5.0M� have been calculated for different choices of parameters, in view to simultaneously
matching the observed carbon, nitrogen and helium abundances. We just summarise the main
emerging points.

Efficiency of the third dredge-up. High He abundances strongly depend on the efficiency
of the third dredge-up. Figure 5.10 shows that relatively low values of λ lead to inadequate
helium enrichment, because both a limited amount of helium is dredged-up at each thermal
pulse, and the duration of the TP-AGB phase becomes shorter, implying fewer dredge-up
events. This is true for the TP-AGB models with M = 4.5, 5.0M�, and λ = 0.5 (dotted and
dot-short-dashed curves), which do not go beyond He/H= 0.13.

On the other hand, TP-AGB models of the same initial masses but with λ ∼ 0.9 become
highly enriched in helium, yielding a very close agreement with the observed data for He/H
(solid, short-dashed, and long-dashed curves). The largest He/H values measured in PNe
are reproduced under the assumption that massive TP-AGB stars experience, besides HBB, a
large number (of the order of 100) of very efficient third dredge-up episodes.

This indication is supported by recent results of full TP-AGB calculations for stellar
masses & 5M� (Vassiliadis & Wood 1993; Frost et al. 1998; Karakas et al. 2002).

The problem of nitrogen over-production. Invoking a large dredge-up efficiency does
not guarantee, however, that all other elemental features are reproduced. In fact, assuming
a very efficient dredge-up λ ∼ 0.9, and the standard intershell chemical composition (i.e.
Xcsh(12C) = 0.22, Xcsh(16O) = 0.02, Xcsh(4He) = 0.76; see Sect. 5.5.1), we find a
sizeable over-production of nitrogen by HBB. This is illustrated in Fig. 5.10 by the N/H curve
corresponding to the 5M� model (with κfix prescription; dot-long-dashed line). Calculations
were stopped before the termination of the TP-AGB evolution (i.e. before the ejection of the
entire envelope), since the He/H in the envelope already exceeded 0.2 and the over-production
of nitrogen was very large.

In relation to this latter point, going back to the past literature, the same problem was
already pointed out by Marigo et al. (1998; see their section 5.4) and earlier by Becker & Iben
(1980; see their section VII), in their careful analysis on the expected abundance variations
during the TP-AGB phase of intermediate-mass stars and the observed PNe abundances (see
their section VII). These authors demonstrated that the efficiency of HBB, required to achieve
the small C/O values exhibited by PNe with large He/H, is such as to yield N/O ratios that
exceed by over an order of magnitude the PN values. This indication is quite robust and
almost model-independent, since it merely reflects the interplay between nuclear reactions of
the CN-cycle. The efficiency of the third dredge-up directly affects the HBB nucleosynthesis:
if the CN-cycle operates at equilibrium (a condition often met by stars with HBB) the more
carbon that is dredged-up, the more nitrogen is eventually synthesised.

After discussing various aspects of the issue, Becker & Iben (1980) concluded that the
positive correlation between N/O and He/H observed in helium-rich PNe could be reproduced
“by supposing that 12C is burned at a modest rate in the convective envelope” of the most
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massive TP-AGB stars. In other words, they invoked a weak efficiency of HBB. However,
these authors also clearly stated that in this way one would at the same time cope with the
discrepancy of predicting too large atomic C/O ratios, contrary to observations. The only
possible explanation, plausible at that time, to reconcile all points was the hypothesis of a
significant dust-depletion of carbon, with consequent apparent decrease of the measured C/O
ratio (involving the atomic carbon). In this study we explore other possibilities, as reported
below.

The effect of variable molecular opacities. First we consider the effect of variable molec-
ular opacities. Replacing the κfix with κvar prescription in the 5M� model (while keeping
λ = 0.9, and the standard chemical composition), the evolution of He, C, N surface abun-
dances change dramatically. In practice, we pass from the problem of a huge nitrogen over-
production for the κfix case (dot-long-dashed N/H curve) to those of almost zero nitrogen
synthesis and carbon over-enrichment for the κvar model (short-long-dashed line).

The latter result is due to the weakening, or even prevention, of HBB in intermediate-
mass stars that undergo efficient carbon enrichment by the third dredge-up during the early
stages of their TP-AGB evolution. As discussed by Marigo (2003), the increase in molecular
opacities, as soon as C/O becomes larger than one, causes cooling at the base of the convective
envelope, which may extinguish the CNO-cycle reactions associated with HBB.

Both models with different opacities do not reproduce the observed PN data for C and N,
though both seem to imply the same direction: too much carbon is assumed to be injected by
the third dredge-up into the convective envelope. This causes the over-production of nitrogen
in the κfix model, while it yields a net over-enrichment of carbon in the κvar model.

These considerations introduce us to another possibility to solve this problem, related to
the chemical composition of the convective inter-shell.

Inter-shell chemical composition. We propose here a solution, different from that sug-
gested by Becker & Iben (1980), to account simultaneously for the observed N/O and He/H
correlation and C/O and He/H anti-correlation. It is based on the assumed elemental abun-
dances – essentially 4He, 12C, and 16O – in the convective inter-shell developed at thermal
pulses, part of which is then dredged-up to the surface.

We find that all discrepancies – relative to the N and/or C over-production – are re-
moved by relaxing the usual prescription of the standard inter-shell chemical composition
(Boothroyd & Sackmann 1998, see also Sect. 5.5.1, and Table 5.4), and assuming instead
that the dredged-up material in intermediate-mass TP-AGB stars consists mainly of helium,
with very little carbon and practically no oxygen. Results are shown in Fig. 5.10 (solid, short-
and long-dashed curves). Thanks to the small amount of dredged-up carbon, we would favour
the enrichment in helium and avoid the nitrogen over-production.

These indications have been initially derived from empirical evidence, and it is encour-
aging to receive also some theoretical support from calculations of the TP-AGB evolution of
intermediate-mass stars. To our knowledge, it was first mentioned – that the typical chemi-
cal inter-shell composition may be quite different from the standard one in the most massive
TP-AGB stars – in the work of Vassiliadis & Wood (1993). The authors point out that the
thermal pulses in TP-AGB stars as massive as 5M� are characterised by extremely deep
dredge-up (λ ≈ 0.8), and weak efficiency of the triple-α reaction in the convective inter-shell
due to both the rapid quenching of the instability. These authors state that in their calculations
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the dredged-up material mainly consists of helium and nitrogen produced by the CNO cycle.
Consequently, this result should imply a lower synthesis of primary carbon in the convective
inter-shell, hence a lower carbon abundance in the dredged-up material compared to the stan-
dard values (Xcsh(12C) < 0.2 − 0.3). This indication agrees with our suggestion to explain
the measured CNO abundances in PNe with very high helium content.

A few years later, Frost et al. (1998) partly confirmed the results by Vassiliadis & Wood
(1993), and pushed the analysis further reporting the discovery of a new kind of thermal
pulses, designated as “degenerate thermal pulses” (the reader should refer to that work for all
details). In few words a massive TP-AGB star would experience a sort of cyclic trend: First
a relatively large number of weak thermal pulses (say 30 − 40) with very deep dredge-up
takes place leaving a long tail of unburned helium, that is then burned at once by a strong
“degenerate pulse” (the carbon abundance in the inter-shell reaches 12C ≈ 0.6), after which
another sequence of weak pulses starts again, and so on. Similar trends have been reported
by Siess et al. (2002) in their study of the TP-AGB evolution in population III stars.

It should be remarked that while there is a close agreement in the results by Frost et
al. (1998) and Vassiliadis & Wood (1993) with respect to the high efficiency of the third
dredge-up (λ ≈ 1) in these massive AGB stars, some substantial differences could be present
instead in the predicted chemical composition of the dredged-up material. In fact, the
possibility of a carbon abundance lower than the standard value (Xcsh(12C) < 0.2 − 0.3),
which is deduced from the Vassiliadis & Wood’s paper, is actually not confirmed by the work
of Frost et al. (1998; also Lattanzio’s private communication). These possible differences
could be ascribed to different physical and numerical details of the stellar evolution codes,
that can significantly affect the results (see Frost et al. 1998; Frost & Lattanzio 1996; and
Lattanzio’s private communication).

We believe that this point is crucial and it deserves a clarification with the aid of full cal-
culations of the thermal pulses experienced by the most massive AGB models. Anyway, as
our study represents a sort of empirical calibration of the AGB nucleosynthesis, we follow
Vassiliadis & Wood’s indications and assume the possibility that during their TP-AGB evolu-
tion the most massive intermediate-mass stars suffer many deep dredge-up events that bring
a large amount of helium, but little carbon up to the surface. In fact, as mentioned above,
this seems just what we need to reproduce the observed abundances of the most He-rich PNe,
thus solving a long-standing problem already stated by Becker & Iben (1980).

The quantitative confirmation comes from the results of our TP-AGB calculations pre-
sented in Fig. 5.10, referring to models with i) stellar masses in the range 4.5 − 5.0M�, ii)
initial LMC composition (Z = 0.008), iii) assumed very deep dredge-up (λ ∼ 0.9), and iv)
inter-shell chemical composition with typically (Xcsh(12C) = 0.02 − 0.03, Xcsh(16O) =
0.002 − 0.003, Xcsh(4He) = 0.967 − 0.978). These models experience also HBB (more
efficient at larger masses) as we see by considering the mirror-like evolution of the C- and
N-curves in the top-left and top-right panels, respectively. The final points, which would cor-
respond to the predicted PN abundances, are clearly in very good agreement with the observed
data for the most He-rich PNe. In particular, models are able to reach He/H∼ 0.17 − 0.20,
without over-producing nitrogen, and accounting for the extent of carbon depletion. We note
that the rising part of the C-curves towards the end of the evolution, and the concomitant flat-
tening of the N-curves reflect the eventual extinction of HBB while the last dredge-up events
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still take place.

Constraints from neon abundances

Within the lowest extension of the error-bars, the data for the most He-rich PNe do not show
a significant overabundance with respect to solar, though some increasing trend of Ne/H with
He/H might be present. Some useful indications can be derived.

Recalling that both the first and second dredge-up episodes are expected not to alter
the initial neon abundance, and looking at Fig. 5.5 we point out two facts, namely: i) the
predicted Ne/H after the second dredge-up in the most massive stars (with M ∼ 4 − 5M�)
with initial solar composition are already compatible with the measured Ne/H in the most
He-rich PNe, whereas the models of the same stellar mass but with LMC composition
lie clearly below the observed points; ii) the slightly increasing trend of Ne/H with He/H
at increasing stellar mass merely reflect the decrease in the surface H content due to the
dredge-up events, since the neon abundance is completely unaffected.

The consideration of these two points, together with the conclusions from the analysis
carried out in the preceding sections, would point to a significant Ne production having
occurred in the progenitor stars of the most He-rich PNe, since all other PN abundances
(He, C, N, and O) seem globally consistent with stars originating from gas of sub-solar
metallicity. As shown, our intermediate-mass models with LMC composition do satisfy all
these chemical constraints.

Of course, another possibility would be (Ne/Z)LMC > (Ne/Z)�, that is the initial
content of Ne in the original metal-poor gas was enhanced compared to what is expected for
a solar-metallicity-scaled mixture. In this case, there is no necessity that Ne is synthesised
during the AGB phase.

Going back to the former alternative, which invokes a sizeable Ne production in
intermediate-mass stars with LMC composition, we find that models are able to attain a good
agreement with the Ne/H values measured in the most He-rich PNe by assuming that the
enrichment of neon is due to the synthesis of 22Ne during thermal pulses via the chain of re-
actions 14N(α, γ) 18F(β+, ν) 18O(α, γ) 22Ne. In other words, all nitrogen in the inter-shell
should be converted into 22Ne (see Sect. 5.5.1). The possible channel of subsequent destruc-
tion through 22Ne(α, n)25Mg should be inefficient. In our calculations we assume that just
1% of the newly synthesised 22Ne is burned into 25Mg (see also Sect. 5.5.1).

Then, in the context of the proposed interpretation, the immediate consequence would
be the inefficiency of the 22Ne(α, n)25Mg reaction as production channel of neutrons, with
important implications for the synthesis of slow-neutron capture elements (Busso et al. 1999).
In this case, the major role for the s-process nucleosynthesis would be played by the 13C(α,
n)16O channel.

If solar initial metallicity was assumed for these PNe with high helium abundance then,
similarly to Sect. 5.6.3, no neon production is needed since the observed values are compati-
ble, within uncertainties, to the solar value.
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Figure 5.11–. Summary of the results that best fit the observed PN abundances. Specifically, triangles
represent the same predictions as in Fig. 5.7, that are derived from TP-AGB models with Z = 0.019
and with initial stellar masses from 1.1 to 5.0 M�. The other three symbols correspond to intermediate-
mass stars with initial LMC composition (Z = 0.008), namely: pentagon for the 4.5M� model with
K) prescriptions, star for the 5.0M� model with K) prescriptions, and diamond for the 5.0M� model
with J) prescriptions. See text for more details.
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Figure 5.12–. The same as in Fig. 5.11, but expressing the abundance data with different combinations
of elemental ratios.

5.7 Summary and conclusions
In this study a sample of PNe with accurately determined elemental abundances, is used
to derive interesting information about the evolution of the stellar progenitors, and set
constraints on the nucleosynthesis and mixing processes characterising their previous
evolution. To this aim, synthetic TP-AGB models are calculated to reproduce the data by
varying the parameters: initial stellar mass and metallicity, molecular opacities, dredge-up
and HBB efficiency, and chemical composition of the convective inter-shell developed at
thermal pulses.

The clear segregation of the abundance data in two sub-samples, particularly evident in
the O/H – He/H diagram, has led us to discuss them separately. And indeed, our investigation
suggests two different interpretative scenarios. The final results that best reproduce the
observed data are summarised in Figs. 5.11 and 5.12.

From the analysis of the group of PNe with low He content (He/H< 0.15) and solar-like
oxygen abundances, we conclude that:

• The stellar progenitors are low- and intermediate-mass stars with original solar-like
chemical composition and initial masses spanning the range 0.9 − 4.0M�.

• The oxygen abundances are consistent with the recent determination for the Sun by
Allende Prieto et al. (2001), that is lower than previous estimates (see e.g. Anders
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& Grevesse 1989) by almost 0.2 dex. For a few PNe there may be a limited oxygen
enrichment, possibly associated with dredge-up during the TP-AGB phase.

• There is clear evidence of carbon enrichment in some PNe that also exhibit C/O> 1,
suggesting that they evolved from carbon stars experiencing the third dredge-up during
the TP-AGB phase.

• Measured carbon abundances are well reproduced by TP-AGB models with dredge-
up efficiencies λ ∼ 0.3 − 0.4, and adopting variable molecular opacities in place of
the usual solar-scaled opacity tables (see Marigo 2002). The introduction of variable
opacities prevents the likely over-enrichment of carbon by shortening the duration of
the carbon-star phase, and causing an earlier shut-down of the third dredge-up due to
the cooling of the envelope structure (Marigo 2003).

• The degree of nitrogen enrichment is consistent with the expectations from the first and
second dredge-up events, occurred prior to the TP-AGB phase. The efficiency of HBB
in intermediate-mass stars with solar-metallicity should be modest.

• Helium abundances are well accounted for by considering the whole contribution of all
dredge-up processes (i.e. first, and possibly second and third).

From the study of the extremely helium-rich (0.15 ≤He/H≤ 0.20) and oxygen-poor PNe
we can conclude the following:

• The stellar progenitors should be intermediate-mass stars (4−5M�) experiencing both
the third dredge-up and HBB during their TP-AGB evolution.

• The PN oxygen abundances are consistent with a sub-solar initial stellar metallicity.
In fact, under the hypothesis of solar metallicity we are forced to invoke a significant
oxygen destruction via very efficient HBB, which violates other chemical constraints,
e.g. causing a large over-production of nitrogen. Instead, models with assumed initial
LMC composition provide a fairly good agreement with the data.

• The first two assumptions are needed in the models to reproduce the observed abun-
dances. This leads to a controversy which is important to point out. The combination
of low metallicity with intermediate-mass progenitors is peculiar, since these stars are
probably recently formed from gas with interstellar abundances. Although there are
several indications that these PNe are of lower metallicity (see Sec. 5.6.4), this could
also suggest that perhaps another physical process has not fully been taken into ac-
count. This issue should be further investigated.

• The long-standing problem – initially formulated by Becker & Iben (1980) – of ac-
counting, simultaneously and quantitatively, for the observed N/O–He/H correlation
and the C/O–N/O anti-correlation seems to be solved by assuming that the third dredge-
up i) is very efficient, and ii) brings up to the surface material containing only a small
amount of primary carbon synthesised during thermal pulses. A good agreement with
the observed data is obtained by adopting λ ∼ 0.9 and Xcsh(12C) ∼ 0.02 − 0.03.

The former indication on the dredge-up efficiency, derived empirically, is supported on
theoretical grounds by full TP-AGB calculations of intermediate-mass stars, i.e. Vas-
siliadis & Wood (1993), and more recently Frost et al. (1998) and Siess et al. (2002).
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A significant part of the helium enrichment of these PNe should be ascribed to a large
number of deep dredge-up events that precede the occurrence of the so-called “de-
generate pulses”, according to the designation introduced by Frost et al. (1998). The
additional requirement emerging from our study – that such dredge-up events should
not only be extremely deep but also carry a small amount of carbon – is not fully con-
firmed by theoretical analyses (i.e. Frost et al. 1998), though a positive indication in
this sense is given by the work of Vassiliadis & Wood (1993).

• A significant production of 22Ne – via α-captures starting from 14N – should take
place in these stars to reproduce the observed Ne/H values of the He-rich PNe, under
the hypothesis they descend from intermediate-mass stars with initial LMC chemical
composition. As direct consequence, this would imply a reduced role of the 22Ne(α,
n)25Mg reaction in providing neutrons for the slow-neutron capture nucleosyntesis that
is expected to occur during thermal pulses.

We also note that the invoked inefficiency of the 22Ne(α, n)25Mg channel seems con-
sistent with the expected low synthesis of carbon at thermal pulses in the most massive
AGB stars experiencing very deep dredge-up (see former point). In fact, as reported by
Vassiliadis & Wood (1993) the deep dredge-up quickly extinguishes the helium burning
shell. As a consequence this could prevent both a significant production of carbon via
the triple-α reaction and the attainment of the high temperatures required for the full
activation of the 22Ne(α, n)25Mg reaction. The confirmation of this two-fold aspect
deserves detailed calculations of thermal pulses.
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6
Physical Conditions in PDRs around

Planetary Nebulae
Based on:

J. Bernard-Salas, & A.G.G.M. Tielens
TO BE SUBMITTED IN ASTRONOMY & ASTROPHYSICS

WE present observations of the infrared fine-structure lines of [Si II] (34.8 µm), [O I]
(63.2 and 145.5 µm) and [C II] (157.7 µm) obtained with the ISO SWS and LWS

spectrographs in nine Planetary Nebulae. These lines originate in the Photo-Dissociation
Regions (PDRs) associated with the nebulae and provide useful information on the evolu-
tion and exciting conditions of the ejected material in these regions. In order to interpret
the observations, the measured line intensities have been compared with those predicted by
photo-dissociation models. This comparison has been done taking into account the C/O con-
tent in the nebulae. The densities derived with this comparison show a large scatter for some
nebulae, probably because the density is higher than the critical density. Therefore, they are
no longer sensitive to this parameter implying that transitions from other species with higher
critical density should be used. The possible contribution of shocks to the observed emission
characteristics of these PNe is briefly discussed and it is shown that the radiation field is the
main driving force responsible for the atomic lines in the PNe that have been studied. In
addition, data on the pure rotational lines of H2 in three nebulae (NGC 7027, NGC 6302 and
Hb 5) are also presented. Assuming local thermal equilibrium the rotational temperature and
densities have been derived. We have derived the mass of atomic gas in the PDR associated
with these PNe and compared those to ionic masses derived from Hβ and molecular masses
derived from low J CO observations. This comparison shows that for these nebulae, the PDR
is the main reservoir of gas surrounding these objects. Analysis of the results suggests that
as the nebula ages the relative amount of ionic gas increases at the expense of the atomic and
molecular mass. Finally, while the uncertainties are large, there is a clear trend of increasing
mass of the envelope with increasing core mass of the stellar remnant, supporting the notion
that higher mass progenitors produce more massive envelopes and leave more massive stellar
cores.
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6.1 Introduction

Planetary Nebulae (PNe) constitute one of the latest stages of evolution of intermediate
mass stars (1-8 M�, Iben & Renzini 1983). In the short-lived planetary nebula phase, the
ionized gas is the result of the interaction of the previously ejected envelope with the far
ultraviolet photons emitted by the hot (30 000-100 000 K) central star. As the ejection of the
molecular envelope takes place, the remaining envelope contracts onto the degenerate C-O
core. In H-burning stars this occurs at constant luminosity, and therefore as the radius of the
star decreases, the effective temperature rises. The ultraviolet photons will photo-dissociate
the molecules previously ejected. Then, as the stellar temperatures become higher some
ionization will occur (Fong et al. 2001). This ionization give rise to warm gas (104K) which
cools through the emission of copious amounts of FUV and visible line emission, which
give these nebulae their optical prominence. Not all of the ejected envelope will be ionized
and some atoms and molecules can survive this hostile environment. Neutral regions in
the interstellar medium where the heating and chemistry are controlled by the penetrating
far ultraviolet photons are called Photo-Dissociation Regions (PDRs). The infrared line
emission of these regions consists mainly of mainly of the atomic fine structure transitions
of [C I], [C II], [O I], and rotational lines of H2 and CO, as well as the vibrational lines of
PAH molecules.

Shocks can also photo-dissociate molecules. Nonetheless, recent studies show that
shocks (which were often invoked in the past) seem to be less important in PNe (Hollenbach
& Tielens 1999). These shocks are the result of the interaction of the fast stellar wind
(developed in the PN phase) with the slow AGB wind. This interaction is very important
since it shapes the nebula into its beautiful forms.

The gas in the PDRs cools down via the far-infrared fine structure lines of [C II], [O I],
[Si II], [C I] and molecules such as CO and H2. The intensity of these lines depends on the
conditions in the PDR. The development of PDR models has put constraints on the physical
parameters of the PDRs (namely the density and G0

1) by comparing the observations with
the models. These models describe the chemistry and radiative transfer of the surface of
molecular clouds (assumed as a plane-parallel semi-infinite slab) that are illuminated by
far-ultraviolet photons (Tielens & Hollenbach 1985). They assume thermal balance and
usually adopt standard composition of the ISM.

The study of PDRs is of great importance for a proper understanding of the evolution of
the ejected material; especially the excitation conditions under the influence of UV photons
from the hot central nucleus. Not all PNe possess a PDR but for those which do, it seems that
(although the central stars in PNe are very hot) the mass of the ionized material is ∼10 times
lower than that of the neutral and molecular mass (Hollenbach & Tielens 1999) found in the
PDRs. As the nebula ages, the density drops and the amount of ionized gas increases. During
the evolution of the PNe the atomic and molecular gas content varies, but it is not known
how. Conversely, the presence of the atomic and molecular gas might influence the evolution
of the PNe. Hints on these behaviours may well be reflected in the physical conditions or in
spectrum of such regions. This neutral and molecular gas, because of their low temperature,

1G0 is the incident far-ultraviolet flux between 6 and 13.6 eV.
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are not prominent in the optical or UV region. Therefore, the study of these regions must be
carried out in the infrared.

The sensitivity and wavelength coverage of the SWS and LWS spectrometers on board
ISO are ideal to study the lines originating in PDRs. They cover the spectral range in which
these lines emit and have the necessary sensitivity and resolution to accurately measure them.
We have selected a sample of nine PNe observed with ISO. The measured atomic lines have
been compared with existing PDR models to determine the physical conditions in the PDRs.
Seven of the PNe included in this sample were studied by Liu et al. (2001). They used LWS
observations to derive the ionic abundances of the ionized regions, and the temperatures and
densities of the PDRs around 24 PNe.

The plan of the paper is as follows. In the next two sections the observations are discussed
and an explanation of the reduction analysis is given. This is followed by a general descrip-
tion of the PNe in the sample in terms of position in the sky, distance, diameter, extinction
and C/O ratio. In Sect. 6.5 the SWS and LWS spectra are shown. In Sect. 6.6 the analysis of
the atomic lines is described. These lines are compared with PDR models in Sect. 6.7. The
possible presence of shocks is investigated in Sect. 6.8. The analysis and discussion of the
hydrogen rotational lines found in three PNe are given in Sect. 6.9, where rotational temper-
atures and densities have been derived. Atomic, ionized and molecular masses are calculated
in Sect. 6.10. A general discussion is given in Sect. 6.11. Finally in the last section the main
conclusions of the paper are summarized.

6.2 Observations

The observations of the nine PNe presented in this study were taken with the two spectro-
graphs on board ISO: The Short Wavelength Spectrometer (SWS), and the Long Wavelength
Spectrometer (LWS). The observation numbers and exposure times are given in Table 6.1.
The observed spectrum for each PNe is shown in Fig. 6.2.

The SWS (de Graauw et al. 1996) covers the spectral range from 2.38 to 45.2 µm. This
range is subdivided into 12 grating bands each covered by both an up and a down scan. Each
scan is sampled by twelve detectors. The observation mode used in this work is AOT01. It
is important to mention that the SWS uses different size apertures for four different spectral
regions. These apertures are 14′′x20′′, 14′′x27′′, 20′′x27′′ and 20′′x33′′ and relate to the
wavelength intervals: 2.38–12.0 µm, 12.0–27.5 µm, 27.5–29 µm and 29.0–45.2 µm. The
instrument has a spectral resolution (λ/δλ) that varies from 1000 to 2000. ISO pointing for
these nebulae is adequate for all sources. However, we note that for NGC 3918 there was a
miss-pointing by 14′′ (Ercolano et al. 2003), and and hence we may miss a large fraction of
the SWS flux.

The LWS (Clegg et al. 1996) spectrograph covers the wavelength range from 43 to 196
µm. The observation mode used was AOTL01 and provides a resolution that varies (depend-
ing on wavelength) from 140 to 330. The spectrum is divided into 10 sub-spectra that are
composed by 10 detectors simultaneously. The aperture of the LWS is 80′′. Both observations
(SWS and LWS) were pointed at the center of the nebulae (see Table 6.2 for coordinates). The
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Table 6.1–. SWS and LWS observation numbers (TDT) and exposure times (in seconds) for the ob-
served PNe.

Name SWS LWS
TDT Exp. time ON-Source OFF-Source

TDT Exp. time TDT Exp. time
NGC 7027 55800537 6537 78301603 2158
NGC 6153 45901470 1912 08402635 1552 08402657 1552
BD+30 3639 86500540 3454 35501412 1266
NGC 3918 29900201 1140 26700720 1268 26700749 1268
Hb 5 49400104 3454 49400105 604 49400106 104
Mz 3 27300834 1140 08402133 1552 08402156 1552
K 3-17 49900640 1912 49900641 604 49900642 602
NGC 6543 02400714 6544 25500701 1266
NGC 6302 09400716 6528 28901940 1266 28901960 1268

pointing errors for ISO are ∼1.5′′.

6.3 Reduction techniques
The tools used to reduce the SWS data can be found in the interactive analysis software
package which is distributed by the SWS consortium, IA3 (de Graauw et al. 1996). Both
scans (up and down) were reduced separately and combined to produce the final spectrum.
The reduction consisted of the following steps:

• Dark current subtraction. Sometimes some detectors presented high noise or too high
dark current levels and were rejected. Memory effects can also affect some detectors
and in that case the tool dynadark (Kester 1997) which minimizes these effects was
applied.

• De-fringing. Fringes in the spectrum are produced by one or several parallel surfaces
in the light path that can act as a Fabry-Pérot system. They were not always present
but could in some cases (especially in band 3) be severe. They were removed using the
tool fringes.

• Removal of glitches. These radiation hits can be easily detected when comparing both
scans because they are taken at different times. Band 4 is heavily affected by glitches
which makes it hard to tag them.

• Flatfielding. The spectra of all detectors in each grating block were flatfielded to give
the same signal.

• Sigma-clipping and rebinning. Data exceeding a 3σ error were excluded; thereafter
rebinned to a fixed resolution which depends on the mode (speed) of the observation.

Occasionally some different bands exhibit an offset with respect to the overall spectrum
due to the dark current. This has an additive effect in the spectrum and was corrected by
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applying a shift of several Jy to match the other bands. This was the case for BD+30 3639,
Hb 5 and NGC 6302 in band 3E and for NGC 6543 in bands 3A and 4. The offsets applied
(always positive) were respectively 35, 15, 140, 55 and 5 Jy.

The reduction of the LWS resembles that of the SWS and was done using the Spec-
troscopy Analysis Package (ISAP). Scan 7 is corrupted and was always removed. Then,
glitches and bad data were also rejected. In the next step the spectrum was averaged at a
fixed resolution and finally the fringes, if present, were removed.

6.4 General parameters of the PNe

In Table 6.2 some useful information on the PNe and adopted parameters relevant to this
study are given. In the first column the PNe are labeled with a number for identification
in Figs. 6.3, 6.4, 6.5, 6.6, 6.7, 6.10, and 6.11. References to the distances, diameters,
magnitudes in V and extinctions are indicated by the superscripts dx, tx, mx, ex and are given
as a footnote to the table.

The galactic coordinates in Cols. 3 and 4 show that all the objects are in the disk, except
NGC 6543 which is ∼30◦ above the galactic plane. The adopted distances range from 650 to
2000 parsecs and these PNe are therefore close objects. The reader should bear in mind that
distances to PNe are very difficult to determine and therefore very uncertain. It is common
(unfortunately) to find distances in the literature for the same object that differ by a factor
of two or sometimes even more. Great care was taken in adopting the most reliable values
for the distances. From the different methods we favor the expansion velocity distances
when available above other methods. The diameters in which we are interested are those
of the PDR, which sets the value of the Far-Ultraviolet (FUV) radiation field incident on
the PDR. This can be traced very well with H2 images since this molecule peaks close to
the surface of the PDR. Infrared images are also good indicators because the dust emission
is located at the inner edge of the PDR. Moreover, we expect the PDR to have a thickness
which is small compared to the size of the ionized gas. Hence, for reasonable geometries, the
emitting surface can be estimated from this size as well. Radio and optical images provide
a good estimate of the H II region, thus providing lower limits to the actual PDR size. For
those reasons H2 images were preferred, then infrared and when not available either radio or
optical were used. The adopted diameters in Col. 6 correspond to: H2 images in NGC 7027,
BD+30 3639, NGC 6543, NGC 6302, 10 µm images for Mz 3, radio images for Hb 5 and
K 3-17, optical images for NGC 6153 and NGC 3918.

The V magnitudes are given in Col. 7. For NGC 6302 the magnitude is assumed since
the central star has not yet been seen. The case of K 3-17 was more troublesome because
the extinction is not known and no magnitude was assumed. The extinction (Col. 8) for the
remaining nebulae is in most cases low. The measured lines for K-3 17 (O I and C II) could
not be corrected for extinction but it is worth mentioning that the correction for extinction
in these infrared lines is very small and is within the absolute flux errors. Finally, in the
last column, the carbon or oxygen rich nature of the nebulae is stated by means of the C/O
ratio. This is important in order to compare these objects with the appropriate PDR models.
For Hb 5 and K 3-17 the C/O ratio is not known, and in Mz 3 is very close to 1 (Zhang &
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Table 6.2–. General parameters of the PNe. The mV is not corrected for extinction. See text (Sect. 6.4) for details on the adopted
diameters.

Name Label l(◦) b(◦) dis (pc) diam (′′) mV (mag) EB−V Type (C/O)†

NGC 7027d1,t1,m1,e1 1 84.93 -3.50 650 16 16.53 0.85 C-rich (1.3)
NGC 6153d2,t2,m1,e2 2 341.8 5.44 1700 25 15.55 0.81 O-rich (0.8)
BD+30 3639d3,t3,d4,e3 3 64.79 5.02 1200 7 11.80 0.34 C-rich (1.6)
NGC 3918d4,t4,m1,e4 4 294.7 4.71 1000 10 15.49 0.30 C-rich (1.6)
Hb 5d5,t5,d4,e5 5 359.4 -0.98 2000 4 14.60 1.05 C-rich ?
Mz 3d6,t6,d4,e6 6 331.7 -1.06 1300 1 14.10 1.25 O-rich ∼1
K 3-17d6,d4 7 39.83 2.17 1500 8 - - C-rich ?
NGC 6543d7,t7,m1,e3 8 96.47 29.95 1000 15 11.29 0.07 O-rich (0.4)
NGC 6302d8,t8,m2,e7 9 349.5 1.06 1600 10 18.90: 0.88 O-rich (0.3)
References: d1Bains et al. (2003); d2Average of Pottasch (1983) and Sabbadin (1986); d3Li et al. (2002); d4Acker et al. (1992);
d5Sabbadin (1986); d6Cahn et al. (1992); d7Reed et al. (1999); d8Terzian (1997); t1Kastner et al. (1996); t2Liu et al. (2000);
t3Hora et al. (1993); t4Corradi et al. (1999); t5Phillips & Mampaso (1988); t6Quinn et al. (1996); t7Latter et al. (1995);
t8Persi et al. (1999); m1Ciardullo et al. (1999); m2Assumed; e1Bernard Salas et al. (2001, chapter 2); e2Pottasch et al. (2003);
e3Bernard-Salas et al. (2003, chapter 4); e4Clegg et al. (1987); e5Erwin Platen (private communication); e6Cohen et al. (1978);
e7Beintema & Pottasch (1999).
†C/O ratio taken from the same references as the extinction except for Mz 3 where the ratio is given by Zhang & Liu (2002).
: Large error.
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Figure 6.1–. HR diagram for the PNe of the sample. The Teff have been derived with the Zanstra
method using the helium lines (filled diamonds) and Hβ line (open diamond). The hydrogen-burning
post-AGB evolutionary tracks from Vassiliadis & Wood (1994) are also plotted for different core
masses, indicated in the lower-right corner of the figure. In the upper-left corner the uncertainty in
the luminosity due to the error of a factor two in the distance is shown.

Liu 2002). Their C- or O-rich nature was established by looking at the dust features in the
spectrum (Table 6.4). PAH features, present in C-rich environments, were found in Hb 5
and K 3-17. On the other hand silicate features are present in the spectrum of Mz 3 which
indicates an O-rich environment. While this method has been used before, it is not a foolproof
method. Some sources show both PAH and silicate features (see NGC 6302 and BD+30 3639
in Table 6.4) nevertheless, this is the best we can do. BD+30 3639 needs special attention.
This nebula has been assumed in this study to be carbon-rich (based on the C/O ratio), but
probably the bulk of the cold dust is oxygen-rich. Whether the PDR lines are formed mostly
in the carbon- or oxygen-rich part of the shell we do not know. In any case our analysis and
conclusions for this nebula would not have changed assuming that it is oxygen-rich.

6.4.1 HR diagram

In order to place these nebulae in an HR diagram the Zanstra temperatures (TZ), radii and
luminosities have been derived (Table 6.3) using the data in Table 6.2 and the Hβ and helium
λ4686Å fluxes. The Zanstra method assumes that energies above 54.4 eV are only absorbed
by helium but this is not completely true. The consequence is that the TZ is over-estimated in
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the case of hydrogen and underestimated when using helium as pointed out by Stasińska &
Tylenda (1986). Recombination of He2+ sometimes produces more than one photon which
can ionize hydrogen and the proportion of stellar photons with energies above 54.4 increases
with Teff . This effect has been taken into account. Both TZ(He) and TZ(H) yield the same
results for most PNe but TZ(He) was preferred over TZ(H) when available. This is because
the Zanstra method supposes that the nebula is thick. If the nebula is thin to photons ionizing
H (some photons escape), the TZ(H) fails. Nonetheless, the nebula is probably thick for
photons of the energy required to ionize helium. In the case of a thick nebula both methods
should yield the same result. This is tricky because a nebula can be thick in the torus and
thin in the poles to radiation ionizing H, but probably not to radiation ionizing helium, and
that’s why TZ(He) was preferred.

The results are shown in Fig. 6.1. For those objects where no helium line is detected the
results using TZ(H) have been plotted. For K3 17 no Hβ or helium λ4686Å lines have been
detected and therefore this object is not shown. The evolutionary tracks of Vassiliadis &
Wood (1994) are related to the core mass rather than the initial mass to avoid the uncertainty
in the mass loss. Stars with different initial mass and different mass loss functions can lead
to the same core mass. While this figure may provide some insight in core mass and time
evolution of these objects, the many uncertainties (especially in distance) should be born in
mind. NGC 3918 is in the last stage of the PNe phase while Mz 3 and BD+30 3639 seem to
be the youngest ones in the sample. NGC 6302 and NGC 7027 have very hot central stars
which translates into a very rich emission line spectra (Fig. 6.2).

6.5 The SWS and LWS spectra

The complete SWS and LWS spectra are shown in Fig. 6.2. The strong forbidden lines which
dominate the spectra have been cut to highlight the dust features. They are ordered such that
the continuum emission is largest in the top panel and lowest in the bottom one. In each panel
the two upper spectra have been scaled respect to the bottom one. In particular the fluxes of
NGC 6302 and Mz 3 were shifted by 2 and 3.5 10−14 Watt/cm2 respectively. Those of Hb 5
and NGC 6543 by a factor 4 and 8 10−15 Watt/cm2. Finally NGC 3918 and K 3-17 were
shifted a factor 1.5 and 3 10−15 Watt/cm2 respectively. The IRAS fluxes at 12, 25, 60 and
100 µm are also shown.

For the sake of clarity for the figure the most prominent forbidden lines, molecular lines
and dust features (PAHs and silicates) have been labeled at the bottom. The line emission
in NGC 7027, NGC 6302, BD+30 3639, Hb 5, and NGC 6543 is stronger and more lines are
observed than in Mz 3, K 3-17, NGC 6153 and NGC 3918. The last three present a very low
continuum as well, hardly any dust features and few lines up to 10 µm. In Table 6.4 the
presence or absence of dust features (those labeled at the bottom of the figure) is given. In
BD+30 3639 it is difficult to confirm the presence of the 18 µm amorphous silicate because
there is another structure on top of it (Molster, private communication). Since the 10 µm re-
gion in BD+30 3639 is PAH dominated we therefore think that no amorphous silicates are
present. The SWS spectrum of NGC 3918 is very noisy from 4 to 12 µm and no dust fea-
tures are seen in that spectral region. However, at 30 µm Hony et al. (2002b) showed that
there is a dust emission feature (MgS). Easy to spot are the PAH features in NGC 7027 and
BD+30 3639 and the crystalline silicates of NGC 6302 and BD+30 3639. Except NGC 6302
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Table 6.3–. Radius, Zanstra temperature and luminosity of the observed PNe. F(Hβ) and F(4684Å) are in units of 10−12

erg cm−2 s−1 (not corrected for extinction). The central star radius is in meter.

Name Hydrogen Helium

F(Hβ)† Radius log( L∗

L�
) log TZ(H) F(4686Å)∗ Radius log( L∗

L�
) log TZ(He)

NGC 7027 75.9 2.72E+07 3.31 5.29 31.10 2.76E+07 3.27 5.28
NGC 6153 13.8 1.90E+08 3.18 4.84 2.74 1.58E+08 3.56 4.97
BD+30 3639 93.3 5.45E+08 3.14 4.60 - - - -
NGC 3918 91.2∗ 3.92E+07 2.85 5.10 14.60 4.05E+07 2.77 5.07
Hb 5 3.02∗ 7.58E+08 3.20 4.54 1.54 4.49E+08 4.17 4.90
Mz 3 8.13∗ 7.36E+08 3.46 4.62 - - - -
K 3-17 - - - - - - - -
NGC 6543 245.5 3.67E+08 2.96 4.64 14.70 2.81E+08 3.46 4.82
NGC 6302: 29.5 1.77E+07 3.86 5.52 16.60 1.76E+07 3.88 5.53
: Large error in the radius, temperature and luminosity.
† From the same references as the extinction in Table 6.2, otherwise indicated.
∗ From Acker et al. (1992).
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Table 6.4–. Presence of PAH and silicate features in the spectra.

Name PAH Features (µm) Silicate Features
3.3 6.2 7.7 8.6 11.2 12.7 Amorphous Crystalline

NGC 7027
√ √ √ √ √ √

NGC 6153
√

? ?
BD+30 3639

√ √ √ √ √ √w √

NGC 3918
Hb 5

√ √ √ √ √
? ?

Mz 3
√ √

K 3-17]
√w √

NGC 6543
√ √

NGC 6302
√ √ √ √ √ √

?
√

] Noisy spectrum.
w: Weak feature.

√
?: Not clear, but probably present. ?: Dubious.

and BD+30 3639, the PNe that show PAH features do not show silicates and vice-versa.

6.6 Lines fluxes

6.6.1 Analysis of the atomic lines

The atomic lines originating in PDRs include [Si II] at 34.8 µm, [O I] at 63.2 and 145.5 µm,
and [C II] at 157.7 µm. The observed fluxes for these lines are shown in Table 6.5. The
[Si II] line is measured with the SWS and the lines of [O I] and [C II] with the LWS. The
measurements made with the LWS could be background contaminated because of its large
aperture and considering that PNe are compact objects. For that reason OFF observations
were used to correct for this effect. The background could contribute to the C II line and to
a lesser extent to the [O I] (63.2 µm) line. Those lines affected by background emission are
labeled with a B in the Table. In these cases the background flux was subtracted from that of
the source. These fluxes were then corrected for extinction (see Table 6.2, Col. 8) using the
extinction law of Weingartner & Draine (2001). Since the models predict the intensities, the
de-reddened fluxes were divided by the solid angle for a proper comparison.

For the seven PNe in our sample that were also studied by Liu et al. (2001) (all except
Hb 5 and K 3-17), the measured fluxes agree within errors (∼10%) to those quoted by them.
The only exceptions are; the 63.2 µm line in NGC 6153 and NGC 6543, the 157 µm flux
in NGC 7027, and the 146 µm flux in BD+30 3639. In these cases the difference is ∼15%,
which is fairly good considering that the calibration files used in both studies are different.
Liu et al. (2001) used OLPv7.0 and in this paper the OLPv9.5 was used.

6.6.2 Background contamination and aperture corrections

No LWS OFF-source observations for NGC 7027, BD+303639 and NGC 6543 were avail-
able (see Table 6.1). In order to estimate whether there is contribution from the ISM in
these sources we proceeded as follows. In the case of NGC 7027 two LWS04 observations



6.6. Lines fluxes 117

Figure 6.2–. SWS and LWS spectra. See Sect. 6.5 for details.
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Table 6.5–. Atomic line fluxes in units of 10−12 erg/cm2/s/. The background contribution (if present)
in the LWS has been subtracted.

Name Si II O I O I C II

34.8 µm 63.2 µm 145.5 µm 157.7 µm
NGC 7027 14.34 601.0 20.4 36.0
NGC 6153 4.84 3.73 - -
BD+30 3639 - 70.9 2.16 5.11
NGC 3918 - 14.41 0.43: 0.57B

Hb 5 14.16 89.3B 4.89 5.10B

Mz 3 23.4 14.2B 1.18 -
K 3-17\ 5.90 29.9 1.22 4.55B

NGC 6543 1.39 3.95 - 0.45:
NGC 6302 20.4 268.1 12.8 11.19B

:Noisy line.
\Not corrected for extinction.
BThese lines were background contaminated.

were available (TDT=53001056 ON-source and TDT=53001057 OFF-source). This mode
of observation provides high resolution Fabry-Pérot spectrum around small wavelength
intervals, including the ones of interest. The OFF-source observation revealed that there is
no background contribution to the fine structure lines. The lines in the ON-source spectrum
were measured and agreed within errors to the grating fluxes listed in Table 6.5. Although
the LWS04 observation provides high resolution the LWS01 was preferred. This is because
the small wavelength interval in the LWS04 observation mode makes it difficult to establish
the base line for the continuum. NGC 6543 is at 30◦ of the galactic plane (Table 6.2) and
at those latitudes no contribution from the ISM is expected. IRAS maps at 12 and 100
µm show that there are no sources close by and therefore we conclude that there is no
background contamination. The last PN, BD+30 3639 lies at 5◦ from the galactic plane and
ISM contribution could be expected. Again IRAS (at 100 µm) and MSX maps indicate that
there are no sources in the vicinity of this PN. However, the [C II] line is observed all over
the galactic plane. For the rest of the chapter, we have assumed that this bright nebula is not
affected by background contamination and we shall give less weight to the results derived
from the [C II] line.

The adopted fluxes of Mz 3 by Liu et al. (2001) are not corrected for background
emission. They claim that the LWS-OFF source is contaminated by a bright H II region and
adopted the ON source fluxes. In this chapter we have subtracted the OFF observation and,
as the reader shall see later, this does not affect any conclusion since the intensities derived
for Mz 3 are in any case larger than those predicted by PDR models.

Table 6.2 reveals that the diameter of the PDR in NGC 6153 (25′′) is slightly larger than
the SWS aperture in which the [Si II] 34 µm line (20′′x33′′) was measured. The continuum
is low in this nebula but IRAS fluxes (see Fig. 6.2) at 12 and 25µm indicate that the SWS is
missing ∼10 and 30 Jy respectively at those wavelengths. Since the continuum increases at
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Figure 6.3–. G0 versus diameter of the nebulae. The solid lines represent theoretical G0 at a given
diameter for different luminosities and distances. These are indicated in Table 6.6.

longer wavelengths (up to 40 µm) it is likely that we are missing flux in the [Si II] line in
NGC 6153. To convert the observed flux of this line into intensity we divided in this case by
the beam size instead of the PDR size. When comparing this line to PDR models we will
assign more weight to the analysis of the [O I] line. The LWS encompasses all of the PDR.

6.7 Physical conditions of the PDRs
The fine structure line fluxes shown in Table 6.5 are in this section compared to PDR models
in order to derive the gas properties of these regions.

6.7.1 G0 and the FIR flux

The intensity of the lines predicted by the PDR models depends on the relative strength of
the incident FUV flux, indicated by G0. This parameter has been derived assuming that all
the UV photons are absorbed in a (spherical) shell of the size of the PDR and re-emitted in
the infrared continuum. G0 has been normalized to the average UV field (1.6 10−6 Watt/m2;
Habing 1968). The formula used is:

G0 =
4 FIR

1.6 10−6 θ2
(6.1)

In Eq. 6.1, θ is the diameter of the PDR (see Table 6.2) in arc-seconds and FIR is the
observed infrared flux in Watt/m2. This latter quantity has been calculated integrating the
SWS and LWS spectra of Fig. 6.2. The FIR and G0 are listed in the second and third column
of Table 6.8.

The G0 values have been plotted versus diameter in Fig. 6.3. There is an obvious trend
of decreasing G0 with increasing diameter as is expected. The theoretical flux densities of a
nebula with different diameters and for a given luminosity and distance are shown as solid
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Table 6.6–. Values of the luminosity and distances according to the solid lines in Fig. 6.3.

Legend L/d2 Luminosity Distance
(10−10 Watt/m2) (L�) (pc)

a 100
1000 200
5000 447

10 000 632

b 24
1000 408
5000 913

10 000 1291

c 6.0
1000 816
5000 1825

10 000 2581

d 2.8
1000 1195
5000 2673

10 000 3780

e 1.2
1000 1825
5000 4082

10 000 5774

f 0.4
1000 3162
5000 7071

10 000 10 000

lines for comparison. This is calculated by substituting FIR by L/(4πd2) in Eq.6.1, with L
the luminosity and d the distance to the object. Different combinations of L and d2 can yield
the same G0 and for clarity these are given in the Table 6.6. The observed infrared fluxes can
also be translated into distances using the adopted luminosities,

dir = (
L

4 π FIR
)

1
2 (6.2)

These distances are given in Table 6.7. The distances inferred this way for NGC 7027,
BD+30 3639, NGC 6302, and Mz 3 are in good agreement with those assumed in Table 6.2.
The distance derived from the FIR flux for NGC 3918 is much larger than that derived from
the extinction methods (Table 6.2). While, the extinction method is highly uncertain, we think
that the differences between these methods mainly reflect the pointing error in the SWS ob-
servation (see Sect. 6.2). For the nebulae, NGC 6153, Hb 5 and NGC 6543, there is a large
discrepancy between the distance derived from the observed FIR flux and the stellar lumi-
nosity derived using a He II Zanstra temperature. We note that all three nebulae also show a
large difference between the He and H Zanstra luminosities. If we adopt the luminosity using
the H-Zanstra-temperature, we would have arrived at FIR-derived distances of 2.4, 1.7, and
1.4 kpc for NGC 6153, Hb 5 and NGC6543, respectively; in very good agreement with the
distances given in Table 6.2. While we realize that the He Zanstra method should, in gen-
eral, provide more reliable results, perhaps the H-Zanstra method is to be preferred for these
nebulae which display complex geometries.



6.7. Physical conditions of the PDRs 121

Table 6.7–. Distances as derived from the observed infrared fluxes. For simplicity the luminosities are
also given.

Name L dIR

(1030 Watt) (pc)
NGC 7027 0.72 521
NGC 6153 1.40 3772
BD+30 3639 0.53 914
NGC 3918 0.23 1907
Hb 5 5.69 5138
Mz 3 1.11 1158
K 3-17 - -
NGC 6543 1.11 2406
NGC 6302 2.92 1724

6.7.2 Comparison with PDR models

The comparison has been divided according to the carbon- or oxygen-rich nature of the
objects (Table 6.2, Col. 9). This has been possible thanks to the recent development of
PDR codes especially developed for carbon rich gas (Latter 2003; in preparation). Previous
models were created to interpret the interstellar medium which is oxygen rich. The models
used in this paper are those of W. Latter reported in Fong et al. (2001) for the carbon rich
nebulae, and those by Kaufman et al. (1999) for the oxygen rich objects. The C/O ratios
used in the models of Fong et al. (2001) and Kaufman et al. (1999) are respectively 3.0 and
0.47. These ratios might not be representative for all the nebulae but are valid for a general
comparison with the observations. The C/O ratios observed in our nebulae are typically
within a factor 2 of either the oxygen-rich or the carbon-rich models and hence our analysis
is expected to yield results to within a factor 2 in terms of the derived densities.

A comparison of the observed intensities with those predicted by the PDR models at
different G0 and densities is shown in Fig. 6.4. The observational line data has been plotted
adopting the G0 values derived in Sect. 6.7.1. We recall that the numbers in these plots
refer to the names of the objects in Table 6.2. The densities derived from this comparison
for different species are given in Cols. 3 to 6 in Table 6.8. Some conclusions can be drawn
from this comparison: 1) There are some objects that lie outside the range predicted by
the models. This is the case for Hb 5, NGC 6302 and Mz 3. This could point to a problem
in the models but it might be related to the adopted diameter, meaning that it has been
under-estimated. This could certainly be the case for Hb 5 because the PDR size was
estimated from a radio image. On the other hand the size of the PDR in NGC 6302 and Mz 3
were deduced from a 2.1 µm molecular image and a 10 µm image respectively and they
should be quite reliable. 2) The densities derived from different species for a given object
show a factor of 10 difference in some cases. This is difficult to link with uncertainties in the
observations because the error in the fluxes are small. It is also not related to the presence
of clumps in the gas although they are present in optical images of these nebulae. The
explanation might lie in the critical density. Probably the densities in these regions are higher
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Table 6.8–. Far infrared flux in units of 10−12 erg cm−2 s−1, incident FUV flux G0 (normalized to the average interstellar field) and density
NH (in cm−3) of the nebulae. See text for details.

Name FIR G0 NH (cm−3) Grid models
(Watt/m2) (1.6e-6 Watt/m2) Si II O I (63 µm) O I (146 µm) C II G0 NH (cm−3)

NGC 7027 2.2 10−10 9.1 104 104 F > 105 > 105 2 105 > 107

NGC 6153 8.2 10−12 1.4 103 - 2 102 - - - -
BD+30 3639 5.3 10−11 1.1 105 - > 105 > 104 > 104 8105 > 6 105

NGC 3918 5.2 10−12 5.6 103 - 6 103 > 103 F 2 105 > 107

Hb 5 1.8 10−11 1.2 105 F F F F 105 > 2 105

Mz 3 6.9 10−11 7.3 106 F F F - - -
K 3-17 7.9 10−12 1.3 104 > 2 104 > 105 > 5 103 > 104 105 5 104

NGC 6543 1.6 10−11 7.4 103 - 8 105 - > 5 101 3 105 4 103

NGC 6302 8.2 10−11 8.7 104 - F F F 6 104 3 104

F: Models cannot reproduce the observations.
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than the critical density for these lines. This implies that the populations of the levels can be
described with a Boltzmann distribution which is no longer dependent on the density but on
the temperature. Therefore, in many cases only lower limits could be given. In Sect. 6.4, a
carbon-rich nature was assumed for BD+30 3639 based upon the nebular C/O ratio but this
is not entirely clear since the composition of the dust might be oxygen-rich for this nebula.
Moving BD+30 3639 in Fig. 6.4 from the carbon-rich panel to the oxygen-rich would have
led to the same conclusions in this nebula. The models fail to reproduce the carbon intensity
and from the [O I] plots virtually the same upper limits for the density would have been
derived.

In Figs. 6.5 and 6.6 we compare the data to the models using the [C II]/[O I] ratios
and the ratio of the ([C II]+[O I]) to the FIR dust continuum. The former ratio is a good
indicator of density over the range ∼103–106 cm−3. The latter ratio essentially compares
the cooling of the gas to the emission by the dust: this is therefore just a measure of
the coupling efficiency of the gas to the FUV photon field through the photo-electric
effect working on small dust grains and PAH molecules. These figures provide a very
convenient way of comparing the observations and the models. The advantage of using
ratios is that the uncertainty in the size of the PDR cancels. Furthermore both G0 and
the density can be derived simultaneously. These are shown in the last two columns of
Table 6.8. The oxygen rich models give reasonable indication of these parameter in the
oxygen-rich PNe NGC 6543 and NGC 6302 because the population of the levels is still not
thermally populated. Nevertheless the G0 in the former is larger than that derived using
Eq. 6.1 which is probably more accurate. The carbon-rich nebulae are all clumped into
the region of high density predicted by the models. In that region it is difficult to assess
the density because it is outside of the range of the critical densities of the lines used. On
the other hand the incident FUV flux density can be easily derived with these figures and
agrees in general with those derived by integrating the infrared spectrum (Col. 3 in Table 6.8).

The comparison demonstrates that although these models can – and have been used in
the past – to distinguish between PDRs in different circumstellar environments (including
PNe), they cannot be used to reliably derive the density in PNe because in many cases the
density exceeds the critical one. We conclude that in order to determine the density using
these models, other species with higher critical densities must be used. In that respect, high
level CO lines might be good tracers and these have been successfully used by Justtanont
et al. (2000) for NGC 7027. Their best fit PDR model compared to their observed CO lines
intensities gives a density of 106 cm−3. Looking at the different uncertainties that affect
each method we conclude that the G0 (calculated by integrating the IR spectrum) in Col. 3 of
Table 6.8 are the most accurate. The densities derived in Fig. 6.5 (Col. 8) for the oxygen rich
nebulae seem very reliable. For the carbon rich nebulae the densities (or lower limits) derived
in Fig. 6.4 using [O I] at 63.2 µm are probably more reliable, since this line is the strongest
and is more accurately measured. Fig. 6.6 does not give a good estimate of the density except
for K 3-17. The comparison of our detailed model analysis of the PDR lines and the analysis
by Liu et al. (2001) shows agreement within a factor 10 for the derived densities. In some
cases (BD+30 3639, NGC 6543 and NGC 6302) the agreement is particularly satisfactory
and shows that simple analysis of PDR lines provides a reliable tool to derive the physical
conditions of the emitting gas (see also Wolfire et al. 1990).
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Figure 6.4–. Com-
parison of the atomic
fine structure line
fluxes and the in-
cident flux density
of the oxygen- and
carbon-rich PNe with
the theoretical PDR
models of Kaufman
et al. (1999) and
W. Latter as reported
in Fong et al. (2001)
respectively. The
error in G0 is approx-
imately of the size
of the plotted sym-
bols. Note that the
oxygen-rich PN Mz 3
is not plotted because
it lies outside the
model predictions for
G0. The intensities
of the oxygen lines
for Mz 3 (the carbon
line is not observed)
are also higher than
those predicted by the
models.
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Figure 6.5–. Comparison of the O-rich model by Kaufman et al. (1999) (dashed and solid lines) with
the observational points (triangles).

Figure 6.6–. Same as in Fig. 6.5 but comparing the C-rich model of W. Latter as reported in Fong
et al. (2001) with the observational points (diamonds).
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6.8 PDRs versus Shocks

In the introduction we mentioned that shocks are also able to photo-dissociate and heat
the gas. This mechanism is thought not be very important in PNe (Hollenbach & Tielens
1999). Indeed, the results by Fong et al. (2001) and Castro-Carrizo et al. (2001) show that
photo-dissociation is the dominant process in the circumstellar envelope in the PNe that they
studied. A discussion on the relevance of shocks will follow but first it is important to spend
a few words on how shocks are produced.

At the end of the AGB, the mass loss rate increases considerably. This so-called
superwind phase separates the AGB phase from the post AGB phase. The star then starts to
move to higher effective temperature in the HR diagram and will start to ionize the previously
ejected AGB wind material. At the same time, the star may develop a high velocity (1000
km/s) but tenuous wind. This high velocity wind will drive strong shock waves into the
AGB ejecta which can dissociate and heat the gas. Some objects also show evidence for
powerful jets interacting with the AGB wind material. It is important to remark that there
are two kind of shocks, C-shocks (continuous or magnetic) and J-shocks. The former ones
propagate with velocities up to 40 km/s, the gas properties change more gradually, and
molecules are not dissociated or species ionized. J-shocks on the other hand are more violent.
The shock front is very thin and causes a discontinuity in the gas properties before and
after the front. Molecules are readily dissociated and – for high velocities – the gas is ionized.

The intensity of the cooling lines is different in photo-dissociated gas than in shocked
gas. Comparison of observations with models can be used to distinguish between both mech-
anisms. Van den Ancker (1999) deduced some useful tips to distinguish the presence of a
PDR or a shock (C or J type) by comparing a large sample of objects to PDR and shock mod-
els. Among all of them, the criteria relevant for this study are: 1) The detection of [Si II] or
[Fe II] implies the presence of a PDR or a J-shock respectively. 2) The presence of strong [S I]
emission unambiguously indicates that a shock is present. 3) The ratio [O I] (63 µm)/[C II]
is a good indicator between PDRs of average or high densities and J-shocks. The reader
could check van den Ancker et al. (2000) for more details. In assessing these discriminators
it should be kept in mind that the penetrating FUV photons keep the sulfur ionized to very
deep in the region and hence the [S I] lines is only very weak. By the same token, silicon is
singly ionized throughout most of the PDR and hence PDRs are copious emitters of [Si II]
line radiation. C-shocks, on the other hand are by necessity, characterized by low degrees
of ionization and hence not bright in ionic lines such as [Si II] and [C II]. J-shocks can be
bright in both [S III] and [C II] as well as [S I] since the gas recombines as it cools down.
More extensive explanations can be found in Hollenbach & Tielens (1999) and Hollenbach
& McKee (1989).

In six PNe, [Si II] line has been detected (Table 6.5). This rules out the presence of C-
shocks in these nebulae. The ratio [O I] (63 µm)/[C II] is high in all PNe with measured [C II]
(seven in total, including the three that have no [Si II]) and this points to the presence of PDRs
or J-shocks. We can therefore rule out the presence of C-shocks in these nebulae. We have
plotted the intensities of [Si II] and [C II] with those predicted by J-shock models at different
densities and velocities of the shocked gas in Fig. 6.7. It can be seen that the J-shock models
cannot reproduce the observed intensities except for NGC 3918. This comparison together
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Figure 6.7–. Comparison of the observed intensities with J-shock model predictions (van den Ancker
1999). Solid lines are values for constant density and dashed lines of constant velocity. On the x-axis,
ΣI is the sum of all measured lines.
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with the fact that in none of the PNe is the [S I] line observed suggests that the gas emitting
these fine-structure lines is photo-dissociated and heated by the strong stellar FUV photons
rather than by shocks.

6.9 H2 in NGC 7027, Hb 5 and NGC 6302
6.9.1 Method

Molecular hydrogen emission lines have been measured in the SWS spectrum of Hb 5 (this
chapter), NGC 7027 Bernard Salas et al. (2001) and NGC 6302 Beintema & Pottasch (1999).
In particular, pure-rotational 0-0 transitions and ro-vibrational 1-0 transitions were detected
for all three nebulae. For NGC 6302 even a ro-vibrational transition 2-1 was detected. These
lines have been corrected for extinction and the intensities are listed in Table 6.9.

The intensity of molecular hydrogen lines is related to the population of the levels from
which these lines originate. This can be used to derive the column density of a certain upper
level J as shown in the following equation:

N(J) =
4πI(J)

A

λ

hc
(6.3)

where λ is the wavelength of the line, h and c are the Planck’s constant and the speed of
light respectively, and A is the transition probability which has been taken from Turner et al.
(1977). Assuming LTE and using the Boltzmann equation a relation between the total number
of molecules N(H2) and the rotational temperature (Trot) is found. The H2 lines are optically
thin because of their small Einstein coefficients (A) and therefore the rotational temperature
gives a good indication of the kinetic temperature of the gas. This relation between N(H2)
and Trot can be expressed in a convenient way in logarithmic form:

ln(
N(J)

gJ

) = −
EJ

kTrot

+ ln(N(H2)
hcB

2kTrot

) (6.4)

In this equation, gJ is the statistical weight of the upper level J , EJ the energy levels
(from Dabrowski 1984), k the Boltzmann constant and B is the rotational constant.

6.9.2 Discussion

Eq. 6.4 can be represented in a very useful manner (van den Ancker et al. 2000) by plotting
the ln(N(J)/gJ ) versus the energy of the level. In this way the rotational temperature and
column density can be derived by fitting a Boltzmann distribution to the pure rotational lines.

This has been done in Fig. 6.8 for the three nebulae where H2 data was available. It
is worth to mention that the gas temperatures found (between 500 and 830 K) can be
reproduced with the models (i.e. Kaufman et al. 1999). For NGC 6302, the distribution
shows a break around EJ ∼ 6000 K, with the evidence for cool and warm gas. Two
lines were fitted to this data. The high E-fit is not very accurate since only one line with
energy above 9000 K has been measured. This fit has no physical meaning because photo
pumping of H2 is important and thus, the population of the levels starts to deviate from a
Boltzmann distribution. Nevertheless, it provides an approximate idea of the conditions
in the warmer gas. The results are given in the upper right corner of the figure for each
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Table 6.9–. Molecular intensities corrected for extinction in units of 10−4 erg/cm2/s/sr.

Transition λ (µm) NGC 7027 Hb 5 NGC 6302
1-0Q(1) 2.406 9.26 7.60
1-0Q(3) 2.423 5.82 29.2 3.82
1-0Q(5) 2.455 4.00
1-0O(3) 2.802 7.08 79.2 0.62
2-1O(3) 2.972 0.91
1-0O(4) 3.004 1.39 1.15
1-0O(5) 3.235 1.84 1.44
1-0O(6) 3.501 0.83
0-0S(7) 5.511 5.04 57.9
0-0S(5) 6.909 14.5 121.4 10.4
0-0S(4) 8.026 5.52 54.1 3.93
0-0S(3) 9.665 15.9 115.0 10.4
0-0S(2) 12.279 8.57
0-0S(1) 17.035 2.87† 36.3 7.79

†This line was not reported by Bernard Salas et al. (2001, chapter 2) because it was hardly
seen in their spectrum. It could be detected using the latest calibration files and de-fringing
tools currently available in IA.

nebula. The difference between the rotational and vibrational temperature in NGC 6302
suggests that photo-dissociation is present, although the vibrational temperature is not
accurate. Unfortunately the same cannot be said for the other two nebulae since not enough
ro-vibrational lines were detected.

In Fig. 6.9 the molecular column densities and rotational temperatures of the three nebulae
have been plotted together with a sample of young stellar objects dominated by shocks or
PDRs. The Helix nebula (Cox et al. 1998) has also been included. The PNe are grouped in a
small range of high temperatures but expand to a wide range of molecular column densities.
The PNe studied by Liu et al. (2001) show PDR temperatures of ∼200-400 K, except in three
nebulae that show Trot >1500 K.

Fig. 6.9 shows that these parameters do not provide good criteria to separate shocked gas
from photo-dissociated gas.

6.10 Atomic, ionized and molecular mass

The atomic, ionized and molecular masses have been derived from observations. The results
are shown in Table 6.10. The masses depend on the distance and have consequently a large
error, but they can be compared to each other since they all depend in the same way (square)
on the distance. In PNe with strong bipolar morphology and where the optical depth is high
(because of the torus geometry), some mass could still be self-shielded. However, as we
shall see, this seems not to be important.

The atomic mass has been calculated using the relation given by Fong et al. (2001) which
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Figure 6.8–. Molecular hydrogen excitation diagrams for NGC 7027, Hb 5 and NGC 6302. The solid
lines represent the Boltzmann distribution fits to the pure rotational lines (solid diamonds) and the
dashed dot dot line is a fit to the vibrational lines in NGC 6302. The symbols represent the different
transitions: 0-0S → filled diamonds, 1-0O → Open diamonds,1-0Q → squares, 2-1O → circle.
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Figure 6.9–. Comparison of H2 column density and rotational temperature derived for NGC 7027,
Hb 5 and NGC 6302 and a sample of young stellar objects from van den Ancker et al. (2000). The
Helix nebula (Cox et al. 1998) is also plotted.

it is described in more detail by Castro-Carrizo et al. (2001). Essentially, for the conditions
in the PDRs associated with these PNe, the temperature of the atomic gas is well above
the excitation energy of the level involved and the density is much higher than the critical
density. Moreover, the [C II] line is expected to be (marginally) optically thin and hence is a
good measure for the total mass of gas emitting. The main uncertainty is associated with the
adopted distances and carbon abundances.

M(M�) = 7.0F (C II)d2/Xc (6.5)

In Eq. 6.5 F (C II) is the flux of the 157.7 µm line in erg/cm2/s, d is the distance in kpc,
and Xc is the carbon abundance. This abundance has been taken from the same references
as the extinction in Table 6.2. There is no carbon abundance for Hb 5 and Mz 3 and a value
of 4×10−4 has been assumed. This is probably not a bad approximation since the distance
dominates by far the error in the mass determination. Fong et al. (2001) include in their
equation a correction factor (Fc) which is needed when the excitation temperature (Text) is
low. This factor becomes one when Text � 92 K. The rotational temperatures derived in the
previous section were much greater than 92 K and we have assumed that it is also probably
the same for the other PNe and therefore Fc=1.

The ionized mass has been calculated using the Hβ flux. The flux is related to the mass
in the following equation:

M(M�) = 11.06F (Hβ)d2(
Te

104 K
)0.88/Ne (6.6)

In this equation the electron density (Ne) and temperature (Te) have been taken again
from the same references as the extinction in Table 6.2 except for Mz 3 where Te and Ne

have been taken from Quinn et al. (1996). Unfortunately for K 3-17 the mass could not be
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derived because the Hβ flux is unknown.

Knowing the H2 column density (N(H2)) and the distance to the object the mass of the
molecular hydrogen (M(H2)) can be determined using;

M(H2) = 2mH π(d
θ

2
)2 N(H2) (6.7)

where mH is the mass of the hydrogen nuclei, d being the distance to the nebulae and θ the
nebular diameter (see Table 6.2). Note that this estimate of the molecular hydrogen mass is
heavily weighted towards warm molecular hydrogen associated with the PDR.

The atomic, ionized and H2 masses are given in Table 6.10. These mass estimates are
complemented by molecular masses derived from low J CO observations (Huggins et al.
1996). These latter mass estimates are much better probes of the cold molecular gas mass
associated with these PNe. Since they sometimes adopted distances that are different from
our values, we have scaled their masses to our assumed distances. They also adopted a CO-
abundance of 3×10−4. We have scaled these to the carbon abundance on the oxygen-rich
PNe (since the carbon should be in CO), and to the oxygen abundance for the carbon-rich
PNe (since all the oxygen should be in CO). Table 6.10 shows that the overall mass budget is
in general dominated by the atomic mass. However, for NGC 3918 and NGC 6543 the ionized
mass is larger than the atomic mass by a factor ∼4. This is interesting since it implies that
not in all nebulae the atomic mass is larger than the ionized mass, as is often assumed. The
derived H2 mass is in principle representative of the warm molecular region in the PDR (since
it is rotationally and vibrationally excited) and not of the total molecular mass. This can be
seen in NGC 7027 where the H2 mass is clearly smaller than the molecular mass. However,
in NGC 6302 the differences is very small. Since for Hb 5 no molecular mass is available, for
the discussion in the next section, we have assumed that the H2 mass is representative of the
molecular mass for that nebula. This is probably a lower limit but as we shall see later even
a molecular mass double of that assumed does not compromise our conclusions. The large
atomic mass in NGC 6302 contrast with that found by Liu et al. (2001) (0.7 M�).

6.11 General discussion

An interpretation of the evolution of the different mass components (ionized, molecular and
atomic) in the nebulae is given in this section. For that purpose, ratios of masses (to avoid
uncertainties in the distances) have been plotted against the nebular radius in Fig 6.10. This
radius can be roughly related to the age of the nebula where older nebulae have larger radius
than young nebulae. Due to the different morphologies in PNe and in order to be consistent,
the nebular radius used is that of the main ionized component in the nebula. In many cases the
emission from the ionized material is coming from a spherical shell even in PNe with bipolar
or complex morphology. These radii are labeled in the last column of Table 6.10 and have
been taken from Cahn et al. (1992), except, BD+30 3639 and NGC 6302 (Acker et al. 1992,
from optical and radio images, respectively), and NGC 3918 from Corradi et al. (1999).

Unfortunately, the conclusions drawn below are impacted by the small sample of objects
and the strong bipolar geometries exhibit by some of the sources. In addition to the small
sample presented, not all the masses (atomic, ionized, and molecular) were always available.
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Table 6.10–. Atomic, ionized and molecular (hydrogen and CO) mass in Solar masses. In the last
column the nebular diameter (see Sect. 6.11 for details) in arcsec is given.

Name M(atomic) M(ionized) M(H2) M(mol)∗ Nebular radius
NGC 7027 0.21 0.018 0.004 0.33 14.2
NGC 6153 0.142 25.0
BD+30 3639 0.07 0.037 0.005 7.5
NGC 3918 0.005 0.072 10.0
Hb 5 0.36 0.112 0.026 20.0
Mz 3 0.091 0.002 25.4
K 3-17 0.18 14.8
NGC 6543 0.01 0.058 18.8
NGC 6302 3.34 0.248 0.038 0.043 10.0

∗Molecular masses derived from CO observations by Huggins et al. (1996) scaled to our
assumed distances.

For those reasons five PNe from Liu et al. (2001), three PPN/young PNe and two PNe from
Fong et al. (2001) and Castro-Carrizo et al. (2001) have been included in the sample. The
objects are: PPN/young PNe IRAS 21282+5050 (labeled as f1 in Fig. 6.10), AFGL 618 (f2)
and Hb 12 (c2), and PNe NGC 6720 (f3) and M 2-9 (c1). From Liu et al. (2001) we selected
those PNe where both atomic and molecular masses, diameters and Hβ flux were available.
For these nebulae we derived the ionic masses using Eq. 6.6. The electron temperature
for these nebulae is not given, and a value of 10 000 K has been assumed (note that the
dependence on temperature in Eq. 6.6 is very small). To derive the radius, the diameters by
Cahn et al. (1992) were adopted except for NGC 3132 in which the diameter given by Acker
et al. (1992) was used.

In Fig. 6.10 (a and b) the ratio of the molecular to ionized mass and molecular to atomic
mass are shown. The hatched area in Fig. 6.10 (a) represents approximately the trend seen by
Huggins et al. (1996) using a much larger sample of PNe, and it can be seen that our objects
lie within that trend. In Fig. 6.10 (b) the hatched area in the figure is just there to guide the
eye. The ratios show a large spread but also a tendency to decrease with radius. NGC 6072
(labeled w4 in the figure), and NGC 6781 (w5) have large diameters, especially the latter,
and some atomic mass may have been missed if not all the [C II] flux was contained within
the LWS beam. As the nebula evolves, the material ejected during the Asymptotic Giant
Branch phase expands and the total column density through the ejecta will drop (Huggins
et al. 1996). As a consequence, the incident FUV flux from the central star can penetrate
deeper into the molecular envelope dissociating first and ionizing later more molecules,
therefore the ratios Mmol/Mion and Mmol/Matom decrease. In the figure, the less evolved
objects (PPN/young PNe f1 and f2) show the largest ratio while the ratio is lower for the
more evolved PNe. The spread seen in Fig. 6.10 (c) probably reflects that the evolution of
the envelope not only depends on the age, but also on the intrinsic properties of the nebulae,
such as morphology, progenitor mass, etc... In the last panel of the figure (d), the ratio
of the ionized mass to the sum of the atomic and molecular masses is plotted. Again the
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Figure 6.10–. Ratio of masses plotted against the radius of the nebula. The numbers
close to the symbols indicate the sources (see text for details): 1→NGC 7027, 2→NGC 6153,
3→BD+30 3639, 4→NGC 3918, 5→Hb 5, 6→Mz 3, 7→K 3-17, 8→NGC 6543, 9→NGC 6302,
f1→IRAS 21282+5050, f2→ AFGL 618, f3→NGC 6720, c1→M 2-9, c2→Hb 12, w1→IC 4406,
w2→IC 5117, w3→NGC 3132, w4→NGC 6072, w5→NGC 6781.

hatched area simply guides the eye. NGC 3918 (number 4) and NGC 6543 (8) are included
but are upper limits because no molecular mass is available and the ratio is therefore only
to the atomic mass. There is a clear trend of increasing ionic mass relative to the atomic
and molecular mass with the size of the nebula. Thus, although a significant mass is neu-
tral PDR material, the importance of the ionized material clearly grows as the nebula expands.

From Fig. 6.10 (a and b) and Table 6.10 it can seen that NGC 7027 still has an important
reservoir of molecular gas (comparable to the atomic mass) while in NGC 6302 the neutral
envelope has been mostly photo-dissociated and is mainly in the neutral atomic form. The
latter is interesting. In chapter 5 we concluded, that NGC 6302 evolved from a 4.5-5 M� star
(this is supported by Fig. 6.1). Its evolution might have been faster as well, and the material
may have been exposed for a shorter period to the FUV flux.
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Figure 6.11–. Sum of nebular masses versus the core mass.

The relatively large ionized mass in NGC 3918 (Fig. 6.10 Table 6.10) is expected because
from the HR diagram (Fig. 6.1) it is the most evolved object in our sample. On the other
hand, NGC 6543 show also a large fraction of ionized mass yet it seems to be in an early
phase of PN evolution. Observations of the molecular gas masses for these objects may be
an interesting test since we expect a low molecular mass for NCG 3918 and a large one for
NGC 6543.

Fig.6.11 represents the sum of the three masses with respect to the core mass inferred
from the HR diagram (Fig. 6.1). For the objects lying below the evolutionary tracks in the
HR diagram the lowest core mass (0.57 M�) was adopted. The vertical arrows for NGC 3918
and NGC 6543 indicate that the sum for these objects is a lower limit since no molecular
mass was measured. This plot should be used with caution because the parameters plotted
strongly depend on the distance. In view of the large uncertainties associated with the quan-
tities shown, there is an uncanny good relationship between the total gas mass and the core
mass of the PNe. Part of the spread in this relationship may actually reflect the uncertainties
in the adopted distances which has the tendency to spread the points perpendicular to the
relationship. This is illustrated for NGC 7027 (number 1) where the arrows indicate an error
in the distance of a factor of 1.5. This nebula has been thoroughly studied in the literature
and its distance is one of the better determined (probably an error lower than 1.5), but it
helps to realize how inaccurate the other objects might be. We therefore do not venture to
conclude anything firmly from it but we believe that the discussion and suggestions given are
worthwhile.

The core mass is related to the progenitor mass. Larger core masses imply larger
progenitor masses, and more material is then ejected. This is the trend displayed in Fig. 6.11.
We note that NGC 6302, which is believed to descend from a high mass progenitor (M> 4.5
M�; Marigo et al. 2003, chapter 5), also has the highest total gas mass associated with it.
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Likewise, NGC 7027 is thought to originate from a star with a mass around 2-3 M� (Mid-
dlemass 1990), and has a more modest amount of nebular gas associated with it. In contrast,
a source like NGC 3918 likely had a low mass progenitor (Clegg et al. 1987) and its nebular
mass is small. Specifically, adding the atomic, molecular and ionized mass in NGC 6302 a
value of 3.4 M� is obtained. This value agrees remarkably well with a progenitor mass of
4-5 M� concluded in chapter 5 for this nebula since models predict 4 M� stars to eject ∼3.3
M� (Marigo et al. 1996) at the end of the AGB phase. This progenitor mass is confirmed
from the the dust mass derived by Kemper et al. (2002) (0.05 M�), since assuming a gas
to dust ratio of 100, a 5 M� is found. In contrast, for NGC 7027 we obtain a total mass for
the progenitor of only 1.2 M�. (Fig. 6.11), and some of the ejected mass still seem to be
missing. Perhaps this reflects the importance of high density molecular gas in the PDR (see
Sect. 6.7.2).

Another important issue is the relation of the dust features (Table 6.4) to the nucleosyn-
thetic evolution of the progenitor star. We note that a classification of PNe based on argu-
ments upon the dust features was made by Zuckerman & Aller (1986). Regardless of the
large uncertainties involved we would like to hypothesis the following ideas.

While the MgS dust feature is present no traces of dust features have been observed
in NGC 3918 (see Table 6.4) shortwards 12 µm. This C-rich PN has the largest C/O ratio
(together with BD+30 3639) and PAH features might have been expected in that part of
the spectrum. Although the spectrum is noisy, PAH features such as the 11.2 feature in
BD+30 3639 should have been detected at the S/N of the SWS spectrum. This needs to be
further investigated. Mz 3 and NGC 6543 show silicate features and together with NGC 3918
no PAHs. Their position in the HR diagram is different but all point to low core masses,
and therefore low progenitor masses. The oxygen-rich nature of the dust ejecta in Mz 3 and
NGC 6543 suggests that these objects never experienced enough dredge-up of carbon-rich
material to turn the ejecta carbon-rich, and hence their stellar progenitors must have had
masses below ∼1.5 M� (Boothroyd & Sackmann 1988b). In contrast, Hb 5 and NGC 7027
(see Fig. 6.11) show emission characteristics for dust condensates formed in carbon-rich
ejecta (eg., PAHs and MgS; Hony et al. 2001, 2002b,a) and hence must have originated
from progenitors of an intermediate mass range (∼1.5-4 M�, Boothroyd & Sackmann
1988b; Vassiliadis & Wood 1993; Marigo et al. 2003). NGC 6302 shows both the presence
of silicates and PAH features and the largest core mass (Fig. 6.11). In chapter 5 we saw
indeed that the progenitor mass of NGC 6302 must have been 4-5 M� and hence that it
experienced hot bottom burning (Boothroyd et al. 1995; Vassiliadis & Wood 1993). In
this process, carbon is destroyed at the expense of nitrogen, and the star must experience
an oxygen-rich phase. In summary, NGC 6302 probably experienced a carbon-rich phase
during its evolution, but then with the onset of the hot bottom burning it turned oxygen-rich
again. Finally, we note that these guestimates based upon the dust characteristics are in good
agreement with our stellar mass estimates derived from Fig. 6.11.

We have left BD+30 3639 out of this discussion. This nebula has a Wolf-Rayet [WC9]
central star and exhibits a strong carbon- and oxygen-rich dust chemistry. A recent study of
these kinds of object has been done by Cohen et al. (2002). The position of BD+30 3639 in
the HR diagram (see Fig. 6.1) does not agree well with the evolutionary tracks, and already
suggests a different evolutionary status than the normal PNe. It has been suggested that these
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PN could have experienced the so-called born again phase, a late He-shell flash that brings
the star back to the AGB phase, this time burning helium instead of H. Alternatively, Górny
& Tylenda (2000) have suggested that, more likely, these stars have evolved directly from
the AGB and have not experienced a born again phase.

While the relationship between the characteristics of the dust emission features and the
nucleosynthetic history of the progenitor stars is tantalizing, because of the uncertainty in
the position of the nebulae in the HR diagram, it is too early to draw firm conclusions at
this point. Nevertheless, we would like to conclude that a similar study of PNe in nearby
galaxies and/or the galactic center (where the distances are much better known) should be
very illuminating.

6.12 Summary and Conclusions

Data of the fine structure lines of [C II] (157.7 µm), [O I] (63.2 and 145.5 µm), and [Si II]
(34.8 µm) for nine PNe have been presented.

Since the of [C II], [O I] and [Si II] control the cooling in the photo-dissociation regions a
comparison of the observed lines with PDR models has allowed us to derive the densities of
these regions. This has been done taken into account the carbon or oxygen rich nature of the
PNe. Although current PDR models are created for the ISM (which is oxygen-rich), Latter
(2003, as reported in Fong et al. 2001) have developed a new PDR code which properly
treats carbon rich environments. Comparison of individual intensities with G0 allowed to
derive the density of the PDR regions. Some objects lie outside the range predicted by
the models (in all the lines studied) and for some others the derived densities show a large
spread, especially in the C-rich nebulae. This could be due to uncertainties in the models
or in the assumed diameter for the PDR, but a comparison of line ratios (avoiding therefore
the uncertainty in the diameter) with the models indicate the same problem in the O-rich
nebulae. The density in these PNe is probably higher than the critical density and therefore
these lines are no longer sensitive to this parameter. We conclude that other species (such as
CO) with higher critical densities must be used to derived accurate densities in these PNe.

The absence of the [S I] line at 25 µm in the SWS spectrum (van den Ancker 1999) and
a comparison with J-shock models suggests that these lines are heated by the UV radiation
field of the central star and not by shocks.

Measurements of pure rotational molecular hydrogen lines in NGC 7027, Hb 5, and
NGC 6302 have been used to derive the density and rotational temperature of H2 in the PDR
under the assumption of LTE. The rotational temperatures found are high, ∼500 to ∼830
K, but not high enough to be able to discriminate whether shocks or PDRs are present (see
Fig. 6.9). The plot shows a great scatter and no correlation.

Atomic, ionized and molecular masses have been derived. We find that the overall mass
budget is in general dominated by the atomic mass. The ratios of masses found are consistent
with the expansion, and therefore evolution, of the nebula. As the nebula ages, the ionized
mass grows at the expenses of the atomic and molecular mass. While the uncertainties are
large, there is a good relationship between the total gas mass and the core mass of the PNe,
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supporting the notion that higher mass progenitors produce more massive envelopes and leave
more massive stellar cores.
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7
Conclusions and future work

THE research carried out in this thesis tries to attain a better understanding of the planetary
nebula phase of stellar evolution. Since planetary nebulae (PNe) enrich the interstellar

medium by the ejection of their envelope, special emphasis has been put on deriving elemen-
tal abundances for a sample of PNe. In particular the questions that we have tried to answer
are: 1) What are the abundances and physical conditions in PNe? 2) What are the nuclear
processes taking place in the interior of the central stars? 3) Which physical processes are
involved in transporting freshly synthesized elements to the stellar surface? 4) What is the
contribution of low mass stars to the chemical enrichment of the galaxy? 5) How does the
star interact with the previously ejected material during the planetary nebula phase?

In this chapter the main conclusions of this thesis are summarized followed by sugges-
tions on how to extend this work using the current and future generations of telescopes.

Accurate abundance determination

The main objective of this thesis has been to derive reliable abundances for a sample of
nearby PNe. This provides information on the amount of material returned to the interstellar
medium by these objects. The objects presented in this thesis are: NGC 7027 (chapter 2),
NGC 2440 (chapter 3), BD+30 3639 and NGC 6543 (chapter 4), and NGC 5315, NGC 6741,
and NGC 7662 (chapter 5).

Previous estimates of PNe abundances using only optical and/or ultraviolet data have to
resort to using large ionization correction factors to correct for unseen stages of ionization.
Predicting unseen stages of ionization is tricky and may lead to large errors in the derived
abundances. We have used spectroscopic data from the Infrared Space Observatory (ISO),
that has flown in the period 1995-1998. In addition, ultraviolet spectral observations from
the International Ultraviolet Explorer (IUE) and optical data have been included in the
analysis. The use of infrared data has particularly improved the abundance determinations.
The reasons for this are three fold. First, many unseen ions emit in the infrared strongly
reducing the need for ionization correction factors. Second, the infrared line intensities are
not sensitive to the adopted temperature or temperature fluctuations in the nebula. Third,
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infrared emission is hardly affected by extinction. The ultraviolet data is essential to derive
the abundance of carbon.

In many cases ionization correction factors were not necessary because all the important
stages of ionization were observed. When needed, ionization correction factors were typically
less than ∼1.2. This improvement shows that the combination of the infrared, ultraviolet and
optical data is a powerful tool to derive abundances. It is important mentioning that the
nebular abundances are often very different from the abundances of surface layers of the
central stars which excite them. This is especially noticeable in nebulae which are excited by
central stars of the Wolf-Rayet type. This still remains a puzzle.

Temperature gradient

Infrared and optical line fluxes combined, provided information on the temperature of the
gas for a different number of ions. In NGC 7027 and NGC 2440 a trend of electron temper-
ature with ionization potential is found. Ions with higher ionization potential show higher
temperatures because they are probably formed closer to the central star. The temperature
in NGC 6543 is constant with ionization potential. This information allows us to constrain
(based on the ionization potential) the temperature of ions whose abundances have been de-
rived using ultraviolet or optical data that are temperature dependent.

Stellar nucleosynthesis in low and intermediate mass stars

The derived abundances of the PNe in our sample, supplemented by comparable data
from the literature analyzed in a similar way, are compared in chapter 5 with Asymptotic
Giant Branch models to give insight in the nuclear reactions and mixing processes that
the progenitor stars must have experienced. These models put especial emphasis on the
processes that are expected to produce the most significant changes in CNO and He surface
abundances, namely the third dredge-up and the hot bottom burning. The former consists of
several mixing episodes in which products of the He burning shell are brought to the surface.
This process is characterised by its efficiency (λ) and by the elemental abundance of the
convective intershell (Xcsh) developed at each thermal pulse. The hot bottom burning takes
place when the convective envelope deeply penetrates into the hydrogen burning shell where
CN-nucleosynthesis is taking place.

The sample separates quite naturally in two different groups The first group show He/H ≤
0.14. The other group presents higher helium content (He/H > 0.14) together with low carbon
and oxygen abundances. This division may point to two different interpretative scenarios.

• PNe with He/H ≤ 0.14. The stellar progenitors must have been stars with solar metal-
licity in the range of masses from 0.9 to 4 M�. The efficiency of hot bottom burning
should not be very large in order to match the nitrogen abundance. The helium content
can be reproduced with the first, and possibly second and third dredge-up. The carbon
abundances can be reproduced using models with variable opacities and efficiencies of
the third dredge-up λ ∼ 0.3 − 0.4. The progenitors of some carbon rich PNe in the
sample that also show traces of carbon enrichment must have been carbon stars which
had experienced the third dredge-up.
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• PNe with He/H > 0.14. The stellar progenitors must have been stars with sub-solar
metallicity (i.e. LMC) with masses of 4− 5M� experiencing both the third dredge-up
and hot bottom burning. A sub-solar metallicity has to be assumed to match the oxygen
abundance. The combination of intermediate mass stars and low metallicity is peculiar
and should be further investigated. In this sense, a study of PNe in other metallicity
environments (such as the LMC or the galactic center) could be very illuminating. We
have solved the problem of the observed N/O–He/H correlation and the C/O–N/O anti-
correlation (Becker & Iben 1980) by assuming a very efficient third dredge-up that
brings material to the surface containing a small amount of primary carbon synthesised
during thermal pulses. Good agreement with the observations are found assuming
λ ∼ 0.9 and Xcsh(12C) ∼ 0.02−0.03. These stars must have experienced a significant
production of 22Ne via α-captures.

Understanding the last stages of evolution

In chapter 6 we have investigated the infrared fine-structure lines of [C II], [O I] and [Si II]
in the photo-dissociation regions associated with PNe. This is of great importance for a
proper understanding of the evolution of the ejected material; especially the excitation
conditions under the influence of UV photon from the hot central nucleus and the action
of shocks driven by the fast stellar wind into the slower AGB wind. In order to interpret
the observations, we have compared the measured line intensities in nine PNe with those
predicted by theoretical photo-dissociation and shock models. The comparison with the
photo-dissociation models has been done taking into account the carbon- or oxygen-rich
nature of the nebula. For NGC 7027, Hb 5 and NGC 6302 rotational lines of H2 originating
from the PDRs, have been used to estimate the rotational temperature and column density of
H2. The results indicate that photo-dissociation rather than shocks is the main driving force
responsible for the atomic lines in the PNe that have been studied. This comparison has been
used to derive the density of these regions. Unfortunately the conditions in the nebulae are
such that the lines studied have reached the critical density and are no longer sensitive to this
parameter. To reliably derive the density of these regions other indicators (for instance CO)
should be used. The rotational temperature derived from the pure rotational lines of H2 in the
PNe, NGC 7027, Hb 5 and NGC 6302 is between 500 and 830 K. The rotational temperature
and H2 column density of these regions cannot discriminate between a PDR or shocked gas.

The atomic, ionized and H2 masses have been calculated for several PNe. These mass
estimates have been complemented by molecular masses derived from low J CO observations
(Huggins et al. 1996). The results indicate that for the studied nebulae, the PDR is the main
reservoir of gas surrounding these objects. The relative amount of ionic gas increases as the
nebula ages at the expense of the atomic and molecular mass. Despite the large uncertainties,
there is a clear trend of increasing mass of the envelope with increasing core mass of the
stellar remnant. This supports the notion that higher mass progenitors produce more massive
envelopes and leave more massive stellar cores.

There is a tantalizing relationship between the nucleosynthetic evolution of the progenitor
star and the characteristics of the dust emission features. However, in view of the small
sample and the uncertainty in the position of the nebulae in the HR diagram, it is too early to
draw firm conclusions on this point.
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What we still don’t know...

Some questions have not been answered in this thesis or have arisen as a consequence of this
research. These are:

• How can the difference between nebular abundances and the central star abundances
be explained?

• Why are low metallicity models needed to reproduce the abundances of intermediate
mass stars?

• Is there a relationship between the characteristics of the dust emission features and the
nucleosynthetic history of the progenitor star?

These questions stimulate research lines that should be followed up in the future.

Future work

ISO has provided an excellent opportunity to study in detail the Planetary Nebula phase in our
own Milky Way. It will be very interesting to extend this study to other galaxies (i.e. LMC
and SMC) for two reasons: 1) Distances are better known. This will allow deriving elemental
abundances and ionization gradients as a function of metallicity of the progenitor star. In
particular, because all objects will be at the same distance, the nucleosynthetic enrichment
can be studied as a function of the location in the Hertzsprung-Russel diagram (eg., as a
function of the core mass). 2) The metallicity content differs from that of the Milky Way.
This offers the possibility of comparing the abundances in such environments with our own
galaxy.

The profile and peak position of dust features vary from source to source and this may
be linked to local chemical modification of the carriers. Correlating these variations with the
elemental abundances of the objects can give insight in the carriers of these features. This can
be complemented with a study of these features on PNe in galaxies with different metallicity
composition.

Hard X-ray emission (peaking from 0.5-1.0 keV) has been detected in several nebulae
with Wolf-Rayet central stars. This emission is probably produced by the interaction of the
mass loss from the central star and the nebular material. Studying PNe in X-rays can give
important clues to better understand the chemical evolution of the ejected material.

A large number of observatories currently in use, or available in the near future, are
able to study PNe in other galaxies or in another wavelength regions addressing some of the
questions listed in the previous section.

SIRTF This satellite will be operational from Autumn 2003 and carries a 85 cm mirror. The
Infrared Spectrograph (IRS) on board this satellite will provide spectral coverage in the
range of 5 to 40 µm with a superb sensitivity. This sensitivity will enable the study of
PNe in the LMC, SMC and perhaps in the galactic center. Because of the metallicity
difference, changes can be expected and a comparison of the abundances found in these
environments is a very interesting issue that could be addressed. SIRTF’s resolution
and wavelength coverage is ideal as well to study dust features.
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HERSCHEL The launch of this satellite is scheduled for 2007. It will carry a 3.5 meter
telescope and a high resolution spectrometer (HIFI) covering the range from 150 to
600 µm. This will be ideal to study the rotational lines of CO and other molecules
originating in the photo-dissociation regions associated with PNe.

SOFIA This stratospheric airborne observatory will carry a 2.7 meter telescope and will
be operational early in 2004. On board there is a Mid-IR camera (FORCAST) that
provides imaging from 5-40 µm with an angular resolution of 0.75 ′′/pixel. This will
be extremely useful to locate the emission of the different ions and learn about the
ionization gradient in the nebula.

XMM-Newton This Multi-mirror X-ray satellite was launched in December 1999. The
spectral range covered by the satellite is 0.1 to 12 keV (120-1 nm). The resolution
of the RGS spectrograph is able to resolve narrow recombination lines arising from
the hot X-ray emitting region in PNe. This can give us a better understanding of the
interaction of the mass loss from the central star with the nebular material.
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Nederlandse Samenvatting

STERREN worden geboren, leven en gaan dood, net als mensen. Dit proefschrift heeft
betrekking op de laatste fases in de evolutie (leven) van sterren als onze zon, die plaats

vinden voor hun dood, de zogenaamde Planetaire Nevel fase. Over 5 miljard jaar zal ook de
zon deze fase door gaan en een Planetaire Nevel worden: een schil van gas, het restant van
de buitenste lagen van de ster. Dit materiaal beweegt langzaam bij de ster vandaan en mengt
uiteindelijk met andere materie in het heelal. Hieruit worden nieuwe sterren geboren en deze
door sterren afgestoten materie vormt dus één van de bouwstenen waaruit nieuwe sterren
en wellicht planeten gevormd zullen worden. Ons lichaam bestaat uit elementen die ooit in
sterren geproduceerd zijn!! Het onderzoek in dit proefschrift is gericht op het beter leren
begrijpen van de chemische samenstelling van deze restanten, met name welke elementen
voorkomen en in welke onderlinge verhoudingen. Laat me je vertellen over deze fascinerende
fase van sterevolutie...

De levenscyclus van sterren

De geboorte

Sterren zijn de bouwstenen van melkwegstelsels. Onze zon (Fig. 1) bevindt zich in de arm
van een spiraalvormig melkwegstelsel (de Melkweg) dat sterk lijkt op dat in Fig. 1. Verge-
leken met hun enorme onderlinge afstanden nemen melkwegstelsels een verwaarloosbaar
kleine hoeveelheid ruimte in, hoewel melkwegstelsels uit honderden miljoenen sterren be-
staan. Deze ruimte wordt het interstellaire medium genoemd. Het is voornamelijk leeg, maar
hier en daar zijn er dichte gaswolken1, moleculaire gebieden genaamd. In deze gebieden
worden nieuwe sterren geboren. Dit dichte gas bestaat voornamelijk uit waterstof (daarom
bestaan sterren meestal voor ∼ 90% uit waterstof), maar het bevat ook wat moleculen en
microscopisch kleine deeltjes die sterrenkundigen stof noemen. Dit gas blijft bij elkaar door
haar eigen zwaartekracht. Hoe meer gas, hoe sterker de zwaartekracht en hoe meer gas kan
worden aangetrokken. Dit cumulatieve proces leidt tot een toename in de dichtheid, vooral
in het centrum. De toename in dichtheid resulteert in een stijgende temperatuur. Op een
gegeven moment is de temperatuur in het centrum zo hoog dat thermonucleaire reacties (de
motor van de ster) plaats gaan vinden en de ster begint te stralen. In andere woorden, de ster
is geboren!

1Zulke dichte gaswolken zijn nog altijd leger dan het beste vacuum dat we op aarde kunnen maken!
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Figuur 1–. Onze zon (links) is één van de honderden miljarden sterren die de Melkweg vormen, een
spiraalvormig melkwegstelsel, zoals het externe melkwegstelsel NGC 628 (rechts). Bron: zon → EIT-
SOHO Consortium, ESA, NASA. NGC 628 → Gemini Observatorium-GMOS Team.

In het begin is de belangrijkste thermonucleaire reactie die plaats vindt in de ster de fusie
van vier waterstofatomen tot één heliumatoom. Het resulterende heliumatoom is lichter dan
de vier waterstofatomen samen. Wat gebeurt er met de rest van de massa? Die wordt omgezet
in energie en baant zich een weg naar het oppervlak, waardoor de ster straalt.

Het leven

Er zijn verschillende overeenkomsten tussen het leven van een ster en dat van ons. Vanaf
het moment dat we geboren worden, begint ons lichaam te veranderen. We groeien, worden
groter, onze haarkleur verandert misschien, en sommigen verliezen uiteindelijk haar op
dramatische wijze. Deze veranderingen verschillen per persoon. De een is langer dan de
ander, sommigen zijn blond, anderen hebben bruin haar, de een verliest meer haar dan de
ander, etc... Bij sterren bepaalt de massa hoe de evolutie (het verouderen) verloopt. De
thermonucleaire reacties vervullen de rol van het hart in ons leven en laten de ster stralen
(leven). Het verschil is dat thermonucleaire reacties een ster miljoenen en miljoenen jaren
kunnen laten stralen. De zon is bijvoorbeeld 5 miljard jaar oud en zal nog 5 miljard jaar
leven!! De levensduur van sterren hangt af van hun massa; hogere massa’s betekenen kortere
levensduur (ze verouderen sneller). Tijdens hun evolutie (hun leven) ondergaan sterren
fysieke veranderingen. Ze worden groter. Onze zon zal zo groot worden dat ze de aarde
opslokt! Ze worden ook helderder, kouder en uiteindelijk beginnen ze massa te verliezen
naarmate ze ouder worden. Voor ze dood gaan trakteren ze ons echter op het grootste
spektakel uit hun glorieuze leven (zie de foto’s op de omslag).

Het einde

De manier waarop sterren aan hun einde komen, hangt af van hun massa. Sterren met massa’s
groter dan ∼8 keer de massa van de zon2 ondergaan een plotselinge explosie waardoor de hele
ster uit elkaar kan scheuren. Zo’n explosie noemen we een Supernova. Sterren met massa’s

2De massa van sterren wordt vaak gemeten in zonsmassa’s. De massa van de zon is 1.989 × 10
30 kg = 1M�.
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Figuur 2–. Twee voorbeelden van de laatste fase voor de dood van een ster met een massa vergelijk-
baar met de zon, de Planetaire Nevel fase. De technische namen zijn NGC 2392 (links) en NGC 6543
(rechts), maar ze staan ook bekend als de Eskimo-nevel en de Kattenoog-nevel. Bron: Eskimo-nevel
→ NASA, Andrew Fruchter en het ERO Team, STScI. Kattenoog-nevel → J.P. Harrington en K.J.
Borkowski, STScI, NASA.

als de zon beginnen te pulseren tijdens de laatste evolutiestadia. Op een gegeven moment wor-
den de pulsaties instabiel en stoot de ster een deel van zijn buitenste lagen af. Het uitgestoten
gas wordt verlicht door de hete centrale ster, wat resulteert in de zogenaamde Planetaire Ne-
vel fase (zie Fig. 2). Enige duizenden jaren na het afstoten van de buitenste lagen, stoppen de
thermonucleaire reacties (het hart). De ster koelt af en verandert in wat sterrenkundigen een
witte dwerg noemen. De restanten van zowel Supernovae als van Planetaire Nevels komen
terecht in het interstellaire medium, totdat nieuwe sterren gevormd worden.

De Planetaire Nevel fase

De ontdekking van Planetaire Nevels

De ontdekking van de Planetaire Nevel fase vond plaats in de 18e eeuw (zie Pottasch
2001 voor een goed overzicht hierover). Sterrenkundigen wisten destijds van het bestaan
van sterren, planeten en kometen, maar ook over enkele objecten met een nevelachtig
uiterlijk. Met telescopen kon hun aard nog niet vastgesteld worden. Charles Messier
(1730-1817) zocht naar kometen en publiceerde in 1784 een catalogus (de Messier Cata-
logus) van 103 objecten inclusief kometen en de nevelachtige objecten. William Herschel
(1738-1822) was de eerste die voorstelde dat de meeste nevelachtige objecten opgelost
konden worden in sterren. We weten nu dat deze objecten melkwegstelsels zijn. De
anderen noemde hij Planetaire Nevels omdat hij ze vond lijken op Uranus, de planeet
die hij kort daarvoor had ontdekt. Het duurde veel langer totdat voordat men begreep
dat deze objecten niets met planeten te maken hebben, maar de laatste evolutiestadia van
sterevolutie representeren. Dankzij moderne telescopen weten we nu dat Planetaire Nevels
morfologisch onderverdeeld kunnen worden in twee groepen, sferisch en bipolair (zie Fig. 3).
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Figuur 3–. De sferische nevel M 57 (links), de Halter-nevel, vergeleken met de bipolaire Planetaire
Nevel Mz 3 (rechts). De oorzaak voor dit verschil in vorm van Planetaire Nevels is een nog onopgelost
probleem. Bron: M 57 → Hubble Heritage Team (AURA/STScI/NASA). Mz 3 → NASA, ESA en
Hubble Heritage Team (STScI/AURA).

De laatste stadia van sterevolutie

We hebben gezien dat de Planetaire Nevel fase het laatste stadium van de evolutie van sterren
met massa’s tussen 1 en ∼8 zonsmassa’s is, maar laten we de context wat beter proberen te
bepalen. Tijdens de evolutie (voor de PN fase) begint de ster haar buitenste lagen de verliezen.
Het oppervlak van de ster zendt voortdurend straling (licht) uit. Als steeds meer massa wordt
verloren, komen de binnenste delen van de ster aan het oppervlak. De binnenste delen van
de ster zijn heter, dus wordt het uitgestoten gas blootgesteld aan steeds fellere straling. Op
een gegeven moment is de straling heet genoeg om de uitgestoten materie te doen gloeien; de
Planetaire Nevel fase is begonnen. Dit gas dat de straling van de centrale ster doet opgloeien
wordt de Planetaire Nevel genoemd. Deze fase in de sterevolutie is heel kort ten opzichte
van de totale levensduur van een ster, slechts zo’n 10 000 jaar. De nucleaire reacties in het
centrum van de ster hebben geleid tot een kern die bestaat uit koolstof en zuurstof. De kern
van de ster is niet heet genoeg om reacties te ontsteken om koolstof en zuurstof in andere
elementen om te vormen en zo energie op te wekken. De nucleaire reacties stoppen. De ster
koelt af en sterft en de uitgestoten materie vervaagt ook, omdat het niet meer verlicht wordt.

Eerder, tijdens de snelle (∼ 1000 jaar) overgang naar de Planetaire Nevel fase kan de
centrale ster materie in smalle bundels wegschieten. Ook ontwikkelt de ster in deze fase
een snelle (∼ 1000 km/s) sterrenwind. Deze bundels en snelle sterrenwind vervormen de
min of meer sferische uitgestoten materie, waardoor alle prachtige vormen ontstaan waarin
Planetaire Nevels voorkomen (zie Fig. 3). De interactie van deze winden leidt tot sterke
schokken, die het gas opwarmen en samendrukken. Het gas wordt natuurlijk ook verhit door
de straling van de centrale ster. Welk mechanisme overheerst – dynamische verhitting of
stralingsverhitting – is niet altijd duidelijk voor lijnen die in het neutrale en moleculaire gas
ontstaan.
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Figuur 4–. Links: de toegestane energieniveaus van een electron in een atoom en verschillende pro-
cessen waarvoor deze niveaus belangrijk zijn. Zie de tekst voor uitleg van de verschillende gevallen.
Rechts: de ster straalt licht uit, dat door een spectrometer wordt gescheiden in de verschillende compo-
nenten.

Natuurkundige processen
Sterrenlicht als bron van informatie

Het licht van een ster kan een sterrenkundige veel vertellen. Niet alleen kan het gebruikt wor-
den om de hoeveelheid energie van de ster te bepalen, maar ook de temperatuur en chemische
samenstelling. Elementen (koolstof, stikstof, neon, etc.) bestaan uit protonen, neutronen
en electronen. De electronen worden aan het atoom gebonden door de electromagnetische
kracht.

Zo bestaan koolstofatomen uit zes protonen (positieve lading), zes neutronen (neutrale
lading) die de kern vormen en zes electronen (negatieve lading) in een baan eromheen. In deze
toestand wordt het atoom geschreven als C0 (6 positieve - 6 negatieve ladingen = 0). Deze
electronen bevinden zich op een bepaalde afstand van de kern, die afhangt van de energie van
het electron. Dit is geen willekeurige afstand, maar kan alleen bepaalde waardes hebben. In
andere woorden, de electronen kunnen alleen bepaalde energieën hebben en ze hebben een
voorkeur voor de laagste energieniveaus (dicht bij de kern). We kunnen de energie van een
electron relateren aan de snelheid. Hoe meer energie, hoe sneller het electron beweegt.

Een voorbeeld van de mogelijke banen van een electron in een atoom, weergegeven door
de bijbehorende energieniveaus is te zien in het linkerpaneel van Fig. 4; de uitleg volgt hier-
onder:

• Geval A. Als een electron van een hoger naar een lager energieniveau gaat, wordt de
extra energie uitgezonden als een foton. Dit foton is licht!! Het uitgestraalde foton
heeft een energie die gelijk is aan het energieverschil tussen de twee niveaus, hier E3-
E2.

• Geval B. Een inkomend foton of botsingen van atomen kunnen een elektron aanslaan
naar een hogere energietoestand. Als de energie van het geabsorbeerde foton of de
botsing hoog genoeg is, kan het electron zo snel gaan dat het uit het atoom kan ont-
snappen; dit wordt foto-ionisatie genoemd. Het atoom heeft dan een electron minder
en bijvoorbeeld zo’n koolstofatoom wordt dan geschreven als C+ (6 protonen met po-
sitieve lading - 5 electronen met negatieve lading = +1). Een atoom kan evenzoveel
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electronen verliezen als het heeft (6 voor koolstof), maar iedere keer dat een electron
ontsnapt, worden de resterende sterker aan het atoom gebonden. De energie nodig om
nog een electron te verwijderen wordt dus groter, in andere woorden, het electron moet
sneller bewegen om te ontsnappen. Als een atoom 1 electron kwijt is, is het enkel-
voudig geı̈oniseerd. Verliest het nog een electron, dan is het tweevoudig geı̈oniseerd.
(C2+). Geı̈oniseerde atomen (C+, C2+ etc.) worden ionen genoemd.

• Geval C. Vrije electronen kunnen ingevangen worden door een atoom; dit heet re-
combinatie. Deze electronen komen in een bepaalde energietoestand terecht en vallen
geleidelijk terug naar de laagst mogelijke energietoestand, waarbij ze licht uitstralen
als in geval A.

Een ster bevat atomen van vele elementen, die allemaal fotonen uitzenden. Het sterren-
licht dat we zien, is dus een combinatie van alle fotonen die uit de ster onstsnappen. Deze
combinatie van fotonen heet straling en geeft de ster een kleur. De kleur van een ster hangt
samen met de temperatuur. De ster Rigel in het sterrenbeeld Orion is bijvoorbeeld heel blauw
(en heet), terwijl Betelgeuze rood (en koel) is. Dit is beter te begrijpen als we het vergelij-
ken met een draad die verhit wordt. Als de draad heter wordt, verandert de kleur van rood
naar geel en uiteindelijk blauw. In feite zendt de draad straling uit in alle kleuren, maar de
temperatuur bepaalt in welke kleur het meest. Als we de draad verder verhitten verandert de
kleur nog meer, maar onze ogen kunnen het niet meer waarnemen. Net als bij de draad is
de kleur van de ster afhankelijk van de temperatuur. Sterrenkundigen zien licht als een golf
waarvan de afstand tussen de toppen (de golflengte) afhangt van de energie. Een element zal
dus fotonen uitzenden bij een bepaalde golflengte (een bepaalde kleur). Door metingen in het
laboratorium weten we bij welke golflengtes bepaalde elementen stralen. Deze golflengtes
zijn meestal heel klein en worden gemeten in nanometers (1 nm = 0.000000001 meter). Als
het licht dat we zien een combinatie is van talloze golflengtes van verschillende elementen,
hoe kunnen we ze dan onderscheiden? Isaac Newton (1642-1727) bedacht de oplossing. Hij
realiseerde zich dat zonlicht door een glazen prisma gescheiden wordt in allerlei kleuren (de
kleuren van de regenboog). Hij leidde daaruit af dat het licht van de zon een combinatie
was van al deze kleuren. Maar wat doet het prisma eigenlijk? Het prisma buigt het licht
af afhankelijk van de golflengte en daardoor wordt het gescheiden in wat we een spectrum
noemen. Het menselijk oog is maar gevoelig voor een beperkt bereik van golflengtes, of-
tewel ons oog neemt slechts een klein deel van het totale spectrum waar. Dit deel heet het
optische spectrum (de kleuren van de regenboog). Het totale spectrum met de verschillende
delen is afgebeeld in het rechterpaneel van Fig. 4. Sterren stralen niet alleen in het zichtbare
deel, maar ook bij andere golflengtes, onzichtbaar voor het menselijk oog (zoals infrarood en
ultraviolet). Daarom hebben sterrenkundigen instrumenten ontwikkeld die gevoelig zijn voor
die delen van het spectrum die we niet kunnen zien om het licht van sterren te meten. Deze
instrumenten (spectrometers) zijn gebaseerd op hetzelfde principe als het glazen prisma en
scheiden het licht in haar verschillende kleuren.

De spectra van Planetaire Nevels bestaan dus uit de straling die uitgezonden wordt door
atomen die aangeslagen zijn door recombinatie van electronen met ionen of door botsingen.
Overgangen tussen energieniveaus hebben golflengtes die kunnen lopen van röntgenstraling
tot submillimetergolven. De analyse beschreven in dit proefschrift is voornamelijk gebaseerd
op het infrarode gedeelte van het spectrum, omdat de meeste ionen in deze gebieden straling
uitzenden. Daarnaast is ook het ultraviolette deel van het spectrum gebruikt en in mindere
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Figuur 5–. Spectrum van een
Planetaire Nevel. De pieken
komen overeen met overgangen
van verschillende elementen, zo-
als die in Geval A in Fig. 4.

mate het zichtbare deel.
Een voorbeeld van het spectrum van de Planetaire Nevel NGC 6302 in een klein deel

van het infrarode gebied is te zien in Fig. 5. Op de x-as is de golflengte uitgezet en op de
y-as de intensiteit. We zien bijvoorbeeld een lijn (piek) bij ∼ 24 300 nm van Ne4+ (een
neonatoom dat 4 electronen is kwijtgeraakt). We weten dus dat er neon in de nevel zit. De
sterkte (hoogte) van de lijn geeft ons een idee van de hoeveelheid Ne4+ in de nevel.

Fotodissociatiegebieden rond Planetaire Nevels

De meeste waterstof in een Planetaire Nevel is geı̈oniseerd. De schil waarin de ionisatie
plaats vindt heet de Strömgren bol. In werkelijkheid is het wat gecompliceerder aangezien
sommige nevels niet bolvormig zijn (Fig. 3). Buiten deze schil is er ook nog straling, maar
met een lagere energie, niet hoog genoeg om waterstof te ioniseren. Deze neutrale3 gebieden
die af hangen van de energie van de centrale ster, worden fotodissociatiegebieden genoemd.
De term fotodissociatiegebieden is een algemene term, en dit soort gebieden vindt men ook
in andere omgevingen zoals stervormingsgebieden. De fotodissociatiegebieden zijn zeer be-
langrijk, omdat er meer neutrale dan geı̈oniseerde materie in de nevels blijkt te zijn. In deze
gebieden kunnen elementen als neutraal zuurstof (O0), enkelvoudig geı̈oniseerd koolstof en
silicium (C+, Si+) voorkomen.

Verrijking van het interstellaire medium
We hebben gezien dat het gas waaruit sterren gevormd worden voornamelijk uit waterstof
bestaat. Door het afstoten van hun buitenste lagen geven Planetaire Nevels gas terug aan
het insterstellaire medium waaruit volgende generaties sterren zullen worden gevormd.
Dit gas bevat nog steeds veel waterstof, maar ook wat andere elementen, metalen! In de
sterrenkunde worden alle elementen behalve waterstof en helium metalen genoemd (d.w.z.
koolstof, stikstof, zuurstof, neon, enz.). Waar komen deze metalen vandaan?

3Deze gebieden worden neutraal genoemd, omdat de waterstof neutraal is. Ionen die geı̈oniseerd kunnen worden
door straling met een lagere energie dan waterstof kunnen echter wel voorkomen.
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De metalen zijn in het centrum van sterren geproduceerd via de thermonucleaire reacties.
Alleen de buitenste lagen worden afgestoten, maar gedurende hun leven ondergaan sterren
verschillende mengperiodes waarin materiaal uit de binnenste delen naar het oppervlak
worden gebracht. De buitenste lagen zijn dan aangevuld met producten (helium en metalen)
van de thermonucleaire verbranding in het centrum van de ster. Daarom is het gas dat via de
Planetaire Nevel in het interstellaire medium terecht komt, verrijkt met metalen. Dit betekent
dus dat toekomstige generaties sterren die uit dit verrijkte gas gevormd worden, hogere
abondanties4 van metalen zullen hebben. Planetaire Nevels bepalen daarom de chemische
evolutie en de spectrale eigenschappen van melkwegstelsels. Supernova’s dragen ook bij aan
de chemische verrijking van het interstellaire medium en zijn massiever, maar ook kleiner in
aantal. De stikstofproductie in de Melkweg is waarschijnlijk het werk van Planetaire Nevels,
zwaardere elementen zoals zuurstof, ijzer enz. waarschijnlijk van Supernova’s.

Verder zijn Planetaire Nevels een perfect laboratorium voor het bestuderen van de resul-
taten van de nucleaire reacties die plaats vinden in de sterren. Dit wordt gedaan met behulp
van modellen die de nucleaire reacties en mengprocessen die sterren ondergaan reproduceren
en de chemische samenstelling van de Planetaire Nevels voorspellen. Deze modellen zijn
afhankelijk van verschillende parameters, zoals de oorspronkelijke massa van de ster (voor-
dat massaverlies optreedt) en de efficiëntie van de mengprocessen. Door de waargenomen
abondanties in Planetaire Nevels te vergelijken met de voorspelde waardes, is het mogelijk
om de parameters in de modellen te bepalen en iets te leren over de vorming van elementen
in sterren.

In dit proefschrift

Enige belangrijke vragen in de studie van Planetaire Nevels die we getracht hebben te beant-
woorden in dit proefschrift zijn: 1) Welke nucleosynthetische processen vinden precies plaats
in hun binnenste? 2) Welke natuurkundige processen zijn betrokken bij het naar het sterop-
pervlak brengen van deze nieuw gevormde elementen? 3) Wat is de bijdrage van sterren met
relatief lage massa’s aan de chemische verrijking van het interstellaire medium? en 4) Welke
processen geven Planetaire Nevels vorm?

Het leeuwendeel van dit proefschrift bestaat uit het bepalen van de abondanties in de
Planetaire Nevel fase. Hiervoor hebben we een aantal Planetaire Nevels in het infrarode deel
van het spectrum waargenomen met de Infrared Space Observatory (ISO) satelliet. Deze
satelliet had twee spectrometers aan boord die het golflengtegebied van 2.5 tot 196 µm5

bestreken. Deze golflengtes kunnen niet vanaf de grond worden waargenomen (zelfs niet
vanaf hooggelegen en zeer droge locaties) omdat de moleculen in de atmosfeer deze infrarode
straling absorberen. ISO opende een nieuw venster voor het waarnemen van de Planetaire
Nevel fase in het infrarode deel van het spectrum.

Het gebruik van het infrarode spectrum heeft vele voordelen vergeleken met andere
golflengtegebieden. Ten eerste zenden veel elementen infrarode straling uit in deze oude
sterren. Dit is zeer belangrijk voor het bestuderen van abondanties. Ten tweede worden de
infrarode lijnen minder sterk verduisterd door stof dat zich tussen ons en de ster bevindt.
Omdat stof straling sterker absorbeert bij kortere golflengtes, heeft infrarode straling er

4Met abondanties bedoelen we de verhoudingen waarin elementen voorkomen ten opzichte van elkaar.
5Infrarode golflengtes worden normaliter gemeten in micrometers (µm), waarbij 1 µm = 0.001 millimeter.
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minder last van dan zichtbaar of ultraviolet licht. Ten derde worden de lijnen niet sterk
beı̈nvloed door de temperatuur van de nevel.

De hoofdstukken 2, 3 en 4 van dit proefschrift zijn gewijd aan het bepalen van de tempe-
ratuur en de abondanties in verschillende Planetaire Nevels. Dit is voornamelijk gedaan met
infrarood data van ISO, maar ook met informatie van lijnen in het zichtbare en ultraviolette
deel van het spectrum. We hebben de temperatuur van de nevels afgeleid met meerdere
geı̈oniseerde elementen. In sommige Planetaire Nevels hebben we een relatie gevonden
tussen de temperatuur en de energie die nodig is om de elementen te ioniseren. Ionen
die hogere energieën nodig hebben om geproduceerd te worden, zijn een aanwijzing voor
hogere temperaturen. Dit betekent waarschijnlijk dat deze ionen dichtbij de hete centrale
ster gevormd worden, waar meer fotonen met hoge energieën zijn. Ionen die bij lagere
temperaturen gevormd worden geven een lagere temperatuur en worden dus waarschijnlijk
verder van de centrale ster gevormd. De combinatie van de verschillende spectrale gebieden
blijkt een zeer effectieve manier te zijn om accurate abondanties te bepalen, omdat alle (of
bijna alle) stadia van ionisatie van een element zichtbaar zijn. Accurate abondanties van
helium, koolstof, stikstof, zuurstof, neon, zwavel en argon zijn bepaald.

In hoofdstuk 5 worden deze abondanties vergeleken met theoretische modellen. Van
deze vergelijking hebben we het volgende geleerd: 1) Drie van de bestudeerde Planetaire
Nevels hebben de hoogste helium en de laagste koolstof abondanties. Deze objecten moeten
een proces hebben ondergaan dat Hot Bottom Burning (Hete Bodem Verbranding) genoemd
wordt en waarbij helium geproduceerd en koolstof vernietigd wordt. 2) Alle bestudeerde
Planetaire Nevels zijn nabije (∼ 5 × 1016 km) objecten en zijn waarschijnlijk gevormd van
gas van eenzelfde chemische samenstelling als dat waaruit de zon gevormd is. Modellen
tonen aan dat hoewel de meeste Planetaire Nevels voldoen aan deze onderstelling, de
waargenomen zuurstofabondantie in drie gevallen (dezelfde als in 1) ) beter overeenkomt
met modellen die uitgaan van gas met een kleinere hoeveelheid metalen. Dit betekent dat het
gas waaruit deze drie PNs gevormd zijn waarschijnlijk een andere chemische samenstelling
had.

In hoofdstuk 6 hebben we onderzocht of de lijnen van C+, O0 en Si+ waargenomen in de
neutrale gebieden van een deel van de PNs de veroorzaakt zijn door schokken of door de stra-
ling van de centrale ster. We hebben deze lijnen vergeleken met de voorspellingen van schok-
en fotoı̈onisatiemodellen. De resultaten tonen aan dat de vorming van deze lijnen het gevolg
is van de straling van de centrale ster. We hebben geı̈oniseerde en neutrale massa’s bepaald
en vergeleken. Uit deze vergelijking blijkt dat voor deze nevels de fotodissociatiegebieden
de belangrijkste reservoirs van het omringende gas zijn. Echter, het belang van de relatieve
hoeveelheid geı̈oniseerd gas neemt in de loop van de tijd toe ten koste van het neutrale gas.
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English Summary

STARS are born, live and die similarly to any human being in the Universe. This thesis deals
with the final stages of evolution (life) experienced by stars like our Sun prior to their

death, the so-called Planetary Nebula phase. In 5 billion years our Sun also will experience
this phase and will become a Planetary Nebula: a shell of gas, which is the remnant of what
was once the envelope of the star. This material slowly coasts away from the star and will
eventually merge with other material in space. Stars form in this collected material and,
in this way, these stellar ejecta are one of the basic constituents from which new stars and
perhaps planets will be formed. Our body contains elements once produced in stars!! The
research carried out in this thesis is aimed to better understand the chemical composition of
such remnants, specifically which elements occur and in which ratio with respect to each
other. Let me guide you through this fascinating phase of stellar evolution...

Life cycle of stars

The birth

Stars are the building blocks of galaxies. Our Sun (Fig. 1) is located in the arm of a spiral
galaxy (the Milky Way) very much like the one pictured in Fig. 1. Although there are several
hundred billion stars in a galaxy they occupy a negligible volume of space compared to their
vast distances. This space is called the interstellar medium. It is mostly empty, but one can
also find clouds of dense6 gas called molecular regions. It is in these places where new stars
are born. This dense gas consists mainly of hydrogen (that’s why stars consist mostly ∼ 90%
of hydrogen), but it also contains some molecules and microscopic grains that astronomers
call dust. This dense gas tends to remain together due to the force of gravity. The more gas
is accumulated, the stronger the force of gravity and more gas is attracted. This cumulative
process leads to an increase in density especially in the core. The increase in density results
in an increase in temperature. At some moment the temperature in the core is so high that
thermonuclear reactions (the engine of the star) are activated and the star begins to shine or,
in other words, is born!

Initially, the main thermonuclear reaction that takes place in the star is the fusion of four
atoms of hydrogen to produce one of helium. The resultant helium atom has less mass than
the four hydrogen atoms together. What happens to the rest of the mass? It is transformed
into energy and makes its way to the surface causing the star to shine.

6Such dense gas is still less dense than the best vacuum achievable on Earth!
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Figure 1–. Our Sun (left) is just one of the hundred billions of stars that form the Milky Way, a spiral
galaxy that might look like the external galaxy NGC 628 (right). Photo credits: Sun → SOHO/EIT
(ESA & NASA). NGC 628 → Gemini Observatory-GMOS Team.

The life

There are several similarities between the life of a star and our own. From the moment we
are born, our body starts to change. We grow, get bigger, the colour of our hair might change,
and eventually we will even lose hair in a dramatic way. These changes are different for each
individual. There are people taller than others, some are blond some are brownish, some
people lose more hair than others etc... In the case of stars it is the mass which governs their
evolution (aging). The thermonuclear reactions play the role of the heart in our lives and
keep the star shining (living). The difference is that thermonuclear reactions can keep stars
shining for millions and millions of years. For instance, the Sun is 5 billion years old and
will live another 5 billion more!! The life time of the stars correlates with their mass, higher
masses mean shorter life (they age faster). In the course of their evolution (or of their life)
the stars will experiment physical changes. They will increase in size. Our Sun will become
so big that it will engulf the orbit of the Earth. They will then become brighter, colder and
will even start to lose mass as they become older. At some moment they will die, but before
doing so they will give us the most magnificent spectacle of their glorious life (see cover and
back-cover figures).

The end

The way stars end their lives depends on their original mass. Stars with masses ∼8 times
larger than the mass of the Sun7 will suffer a sudden violent explosion that can cause the
disruption of the star. This explosion is what we call Super Nova. Stars with masses similar to
that of our Sun and up to 8 solar masses start to pulsate in the last stages of evolution. At some
moment these pulsations become unstable and the star ejects part of its envelope. The ejected
gas is illuminated by the hot central star giving origin to what we call the Planetary Nebula
phase (see Fig. 2). A few thousand years after the ejection of the envelope the thermonuclear
reactions (the heart) stop. The star cools down and becomes what astronomers call a white

7The mass of the stars is often measured in solar masses. The mass of the Sun is 1.989 × 10
30 kg = 1M�.
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Figure 2–. Two examples of the phase prior to the death of a star with a mass similar to our Sun, the
Planetary Nebula phase. Their technical names are NGC 2392 (left) and NGC 6543 (right), but they are
also known as the Eskimo nebula and the Cat’s Eye nebula respectively. Photo credits: Eskimo nebula
→ NASA, Andrew Fruchter and the ERO Team, STScI. Cat’s eye nebula → J.P. Harrington and K.J.
Borkowski STsCI, NASA.

dwarf. The remnants of both the Super Novae and the Planetary Nebulae are returned then to
the interstellar medium waiting there until new stars are formed.

The Planetary Nebula phase

The discovery of the Planetary Nebulae

The discovery of the Planetary Nebula phase dates back to the 18th century (see Pottasch
2001 for a very nice review on the discovery of Planetary Nebulae). Astronomers knew at
that time about the existence of stars, planets, comets, but also about some objects which had
a nebulous appearance. Telescopes at that time were not able to reveal their nature. Charles
Messier (1730-1817) was a comet seeker and in 1784 he published a catalogue (known as the
Messier Catalogue) in which he compiled a selection of 103 objects including comets and
the nebulous objects. It was William Herschel (1738-1822) who first suggested that most of
the nebulous objects in the Messier Catalogue could be resolved into stars. We know now
that these objects are galaxies. He called the others Planetary Nebulae because he found
them similar in appearance to Uranus, the planet he had recently discovered. It took much
longer to understand that these objects were not related at all to planets but represented the
final stages of stellar evolution. Modern telescopes have revealed that Planetary Nebulae
(see Fig. 3) can be divided morphologically into two groups, spherical and bipolar.

Last stages of stellar evolution

We have seen that the Planetary Nebula phase is the last stage of evolution of stars between
1 and ∼8 solar masses but let us place them a little bit better into context in this section. In
the course of the evolution (prior to the Planetary Nebulae phase) the star starts to lose its
envelope. The surface of the star is always emitting radiation (light). As more mass is lost
more inner parts of the star are exposed. Inner regions of the star are hotter, and therefore
the gas that is being expelled is subject to stronger radiation. At some moment the radiation
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Figure 3–. The spherical nebula (left) M 57 also called the Ring Nebula compared to the bipolar
nebula Mz 3 (right). The causes of this differences in shape among Planetary Nebulae is still a matter
of debate among astronomers. Photo credits: M 57 → Hubble Heritage Team (AURA/STScI/NASA).
Mz 3 → NASA, ESA and The Hubble Heritage Team (STScI/AURA).

is hot enough to light up the ejected envelope; the planetary nebulae phase has started. This
gas that is being light up by the central star is called Planetary Nebula. This phase of stellar
evolution is very short in comparison to the whole life of a star, it lasts only about 10 000
years. The nuclear reactions that have occurred in the interior of the star have resulted in
a core of carbon and oxygen. The core of the star is not sufficiently hot to ignite nuclear
reactions to transform carbon and oxygen into other elements and produce more energy. At
this point the nuclear reactions stop. The star cools down and dies and the ejected envelope
will also fade away since it is no longer illuminated.

Earlier, during the rapid (∼1000 years) transition from the giant branch to the planetary
nebula phase, the central object may drive strong jets in its surroundings. Also, during the
planetary nebula phase, the hot central star develops a fast (∼1000 km/s) stellar wind. These
jets and fast stellar winds sculpt the more or less spherical winds ejected during the giant
branch evolution, shaping the planetary nebula in all its beautiful forms (see Fig. 3). The
interaction of these winds leads to strong shocks which heat and compress the gas. The gas
is of course also heated through the interaction with stellar photons. The relative importance
of these two processes – dynamical heating and radiation heating – is not always obvious for
lines originating in the neutral and molecular gas.

Physical processes

Starlight as a source of information

The light received from a star can tell a lot to an astronomer. It can be used not only to
deduce how bright the star is, but also can reveal temperature and composition. Elements
(carbon, nitrogen, neon etc..) are composed of protons, neutrons and electrons. The electrons
are bound to the nucleus by the electromagnetic force. For instance the element carbon is
formed by six protons (positive charge) and six neutrons (neutral charge) that constitute its
nucleus and 6 electrons (negative charge) orbiting it. In this form the atom will be denoted as
C0 (6 positive charges - 6 negative charges =0). These electrons orbit the nucleus at a certain
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Figure 4–. On the left the permitted levels for an electron in an atom and various processes involving
these levels are illustrated. See text for explanation of the different cases. On the right: The star is emit-
ting radiation which after passing through a spectrometer is decomposed into its different components.

distance which can vary depending on the energy of the electron. This distance cannot be
any distance but only certain distances, in other words, the electrons can only have certain
energies and actually they will tend to orbit at the lowest energy levels (closer to the nucleus).
We can relate the energy of an electron to the speed at which it is moving. The more energy
they have, the faster they move.

As an example the possible orbits of an electron in an atom are represented by their
corresponding energy levels in the left panel of Fig. 4; an explanation is given below:

• Case A. When an electron goes from a higher to a lower energy level the excess in
energy is emitted as a photon. This photon is light!!

The photon emitted will have an energy equal to the energy difference of the levels, in
this case E3-E2.

• Case B. A photon hitting the atom or collisions among atoms can excite an orbiting
electron to a higher energy level. If the energy input from the photon or collision is
high enough the electron will move very fast and can escape from the atom; this is
called photo-ionization. The atom will have an electron less and for instance, in the
case of carbon, will be denoted as C+ (6 protons with positive charge - 5 electrons of
negative charge = +1). An element can lose as many electrons as it has (6 in the case of
carbon), but every time one electron is pulled out, the others get more strongly attached
to the atom and therefore the energy of the radiation needed to pull another electron out
increases, in other words, the electron has to move faster to escape the atom. When an
element loses an electron, we say that this element is singly ionized. If it loses another
electron it will be doubly ionized (C2+). In general, ionized atoms (C+, C2+ etc...) are
called ions.

• Case C. Free electrons can get captured again by an atom; this is called recombination.
These electrons recombine to a certain energy level, and from there they can gradually
go to the lowest energy state producing light as in Case A.

There are many elements in a star and they all emit photons. Thus, the starlight that we
see is a combination of all the photons that escape from the star. This combination of photons
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is called radiation and gives the star a colour. The colour of a star is related to its temperature.
For instance, Rigel in the constellation Orion is very blue (and hot) while Betelgeuse is red
(and cool). This concept is easier if we think of a wire that is being heated up. As it gets
hotter (radiation is stronger) the colour of the wire changes from red to yellow and finally
blue. Actually, the wire emits in all colours but the temperature makes it emit more in one
specific colour. We can heat the wire up more and the colour will change but our eye won’t be
able to detect it. In the same way as the wire, the colour of the light of the star is related to its
temperature. Astronomers think of the light as a wave in which the distance between the crests
(that is called wavelength) depends on the energy. Therefore one element will emit photons
at a certain wavelength (or a certain colour). From laboratory measurements we know at what
wavelength the elements emit. These wavelengths are normally very small and are measured
in units such as nanometers (1 nm = 0.000000001 meters). Since the light that we see is a
combination of many wavelengths from different elements, how can we distinguish them?
Sir Isaac Newton (1642-1727) solved this problem for us. He realised that the sunlight when
passing through a glass prism was divided into many colours (those of the rainbow). He
deduced that the light from the Sun was a combination of all those colours. But what is the
prism really doing? The prism is deviating the incoming light according to their wavelength
and therefore it is decomposed into what we call a spectrum. It is important to recall that the
human eye is only sensitive to a small range of wavelengths (colours), that is, the eye can
only detect light from a small portion of the total spectrum. This portion is called the optical
spectrum (the colours of the rainbow). The total spectrum and its subdivisions is shown in
the right panel of Fig. 4. Stars not only emit in the visible but also at other wavelengths
invisible to the human eye (such as infrared, ultraviolet...). For that reason astronomers have
developed instruments that are sensitive not only to the visible but also to those other parts of
the spectrum that the eye cannot see to measure the light from the stars. These instruments
(called spectrometers) are based upon the same principle as the glass prism and decompose
the light into its different colours.

The spectra of planetary nebulae consists thus of the radiation emitted by atoms which
were excited by recombination of electrons and ions or by collisions. Transitions will span
a wide wavelength range from the X-rays all the way to the submillimeter. The analysis in
this thesis has been done using mainly the infrared part of the spectrum because many ions
are emitted in that part of the spectrum. The ultraviolet has also often been used and to a less
degree the optical part of the spectrum.

An example of the spectrum of Planetary Nebula NGC 6302 in a small portion of the
infrared-region is shown in Fig. 5. The x-axis represents the wavelength and the y-axis the
intensity. For instance we see that there is a line (a peak) at ∼ 24 300 nm of Ne4+ (an atom of
neon that has lost 4 electrons). We know then that in this nebula neon is present. The strength
(height) of the line can give us estimates of how much Ne4+ is present.

Photo-dissociation regions around Planetary Nebulae

Most of the hydrogen in a planetary nebula is ionized. The shell in which this happens is
called Strömgren sphere. In practice, this is more complicated because some nebulae are
not spherical as can be seen in Fig. 3. Outside this shell there is still radiation but of lower
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Figure 5–. Spectrum of a Plan-
etary Nebula. The peaks corre-
spond to transitions such as the
one seen in Case A of Fig. 4 for
different elements.

energies that is not able to ionize the hydrogen. These neutral8 regions that are governed
by the radiation from the central star are called photo-dissociation regions. Actually, the
term photo-dissociation regions is more generic since these regions are found in other stellar
environments such as star forming regions. The photo-dissociation regions are very important
because it appears that there is more neutral than ionized material in the nebula. In these
regions elements such as neutral oxygen (O0), and singly ionized carbon and silicon (C+,
Si+) can exist.

Enrichment of the interstellar medium

We have seen that the gas from which the stars are formed consist mostly of hydrogen.
Through the ejection of their envelope, Planetary Nebulae return gas to the interstellar
medium from which future generations of stars will be formed. This gas still contains mostly
hydrogen but it also contains now some other elements, metals! In astronomy metals means
any element except hydrogen and helium (i.e. carbon, nitrogen, oxygen, neon, etc...). Where
do these metals come from?

The metals have been produced in the interiors of stars via the thermonuclear reactions.
Although only the envelope is ejected the stars experience several mixing episodes in the
course of evolution in which material from the interior is brought up to the surface. The
envelope is then contaminated with products (helium and metals) from the thermonuclear
burning that took place in the interior of the star. Therefore the gas that the Planetary
Nebulae return to the interstellar medium has been enriched with metals. This is very
important because it means that future generations of stars that will be formed out of this
enriched gas will have higher abundances9 of metals. Therefore Planetary Nebulae drive the
chemical evolution and spectral appearance of the galaxy. Super Novae also contribute to the
chemical enrichment of the interstellar medium and are more massive but smaller in number.
The nitrogen production in the Milky Way is probably due to Planetary Nebulae, heavier

8They are called neutral because the hydrogen is neutral, but ions that can be ionized by lower energy radiation
than hydrogen, can still be present.

9By abundances we mean the ratios of amounts of elements with respect to each other
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elements such as oxygen iron etc., are probably due to Super Novae.

Furthermore, Planetary Nebulae are a perfect laboratory to study the results of nuclear
reactions that take place in the stars. This can be done with the aid of models that repro-
duce the nuclear reactions and mixing processes experienced by the stars and can predict the
composition of the envelope at the Planetary Nebula stage. These models depend on several
parameters, such as the original mass of the star (before it loses some of it) or the efficiency
of these mixing episodes. A comparison of the observed abundances in Planetary Nebulae
with those predicted by the models allows to constrain parameters in the models and learn
something about the formation of elements in the stars.

In this thesis

Some of the key questions in planetary nebulae research that we have tried to answer in this
thesis are: 1) What are the detailed nucleosynthetic processes taking place in their interiors?
2) What are the physical processes involved in transporting these freshly synthesized elements
to the stellar surface? 3) What is the contribution of low mass stars to the chemical enrichment
of the interstellar medium of the galaxy? and 4) What are the processes that shape Planetary
Nebulae?

The bulk of this thesis consists of the determination of abundances in the Planetary Neb-
ula phase. For that purpose we have observed a sample of Planetary Nebulae in the infrared
region of the spectrum with the Infrared Space Observatory (ISO). On board this satellite
there were two spectrometers that covered the spectral range from 2.5 to 196 µm10. This
wavelength region cannot be observed from ground observatories (even when these are lo-
cated at high altitudes and dry places) because the molecules in the atmosphere absorb most
of the infrared radiation. Thus, ISO opened a new window to study the Planetary Nebula
phase in the complete region of the infrared spectrum.

The use of the infrared spectrum has many advantages with respect to other spectral
regions. First, the conditions in these old stars are such that many elements emit in the
infrared region. This is very interesting when studying abundances. Second, the infrared
lines are less subject to obscuration due to dust that is between the star and us. Dust
extinguishes more light at small wavelengths, therefore the infrared lines are less attenuated
than optical or ultraviolet light. Third, the lines are not sensitive to changes of temperature
in the nebula.

Chapters 2, 3 and 4 of this thesis are devoted to deriving the temperature and abundances
of several Planetary Nebulae. This has been done using mainly infrared data from ISO, but
also complementing it with lines from the optical and ultraviolet region of the spectrum.
We have derived the temperature of the nebula using several ionized elements. For some
Planetary Nebulae a trend of the temperature and the energy needed to ionize them has been
found. Ions that require higher energies to be produced indicate higher temperatures. This
probably means that these ions are formed close to the central star where there are more
energy photons. Ions that require lower energy to be ionized give lower temperature and
probably are formed farther away from the star. The combination of all these spectral regions
has proved to be a very effective way to derive accurate abundances, because all (or almost

10Infrared wavelengths are usually measured in micrometers (µm), where 1 µm = 0.001 millimeter.
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all) stages of ionization of an element are seen. Accurate abundances for helium, carbon,
nitrogen, oxygen, neon, sulfur and argon have been determined.

In the fifth chapter these abundances have been compared with theoretical models. From
the comparison we have learned the following: 1) In the sample there are three Planetary
Nebulae that show the highest helium and lowest carbon abundance. These objects must
have experienced a process called Hot Bottom Burning that produces helium and destroys
carbon. 2) All the Planetary Nebulae studied are close by (∼ 5 × 1016 km) objects and must
have been formed from a gas of similar composition to that from which our Sun was formed.
Models show that although most Planetary Nebulae agree with that supposition, the observed
oxygen abundance found in three of them (the same three as before) is more compatible
with models that use lower metal content for the gas. This means that probably the gas from
which these three Planetary Nebulae were formed differs in composition from that in which
our Sun was created.

In the sixth chapter we have investigated whether the observed lines of C+, O0 and Si+

found in the neutral regions of a subset of Planetary Nebulae are caused by shocks or by the
radiation from the central star. We have compared these lines with those predicted by shock
and photo-dissociation models. The results show that the formation of these lines is governed
by the radiation of the central star. The ionized and neutral masses have been derived and
compared. This comparison shows that for these nebulae, the photo-dissociation region is
the main reservoir of gas surrounding these objects. However, the importance of the relative
amount of ionic gas increases at the expense of the neutral gas as the nebula ages.
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señores every morning. I am grateful to SRON, NWO, LKBF and Kapteyn Institute for the
financial support during my PhD research.

It is a pleasure to thank all the IRS team at Cornell University on the other side of the
Atlantic, and especially Jim Houck, Don Barry, Bernhard Brandl, and Laurie McCall. I felt
warmly welcomed during my visit and I am looking forward to start working with you.

Groningen has been a wonderful experience and many people are responsible for this
feeling. Thank you all very much, you made my thesis to has less chapters :)

Me gustaria agradecer ante todo a Emilio y a Íñigo su amistad. Conoceros ha sido lo
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art!! Gracias a Carmén por enseñarme a bailar Sevillanas y a Wolfgang por ser tan agradable
y alegre. I am grateful as well to my house mates Fabrice and Alex, and to my office mate
Mirela, for trying to cheer me up at any moment and worrying about my health in the busy
days finishing this thesis.

I would also like to express my gratitude to the following people of the institute from
which some of them already left: Jocelyn, Ilse, Léon, Rolf, Joris, Wim, Diah, Ilse, Amina,
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