
 

 

 University of Groningen

The origin of stars
Hocuk, Seyit

IMPORTANT NOTE: You are advised to consult the publisher's version (publisher's PDF) if you wish to cite from
it. Please check the document version below.

Document Version
Publisher's PDF, also known as Version of record

Publication date:
2011

Link to publication in University of Groningen/UMCG research database

Citation for published version (APA):
Hocuk, S. (2011). The origin of stars: Tales from the unexpected in extreme environments. [Thesis fully
internal (DIV), University of Groningen]. Rijksuniversiteit Groningen.

Copyright
Other than for strictly personal use, it is not permitted to download or to forward/distribute the text or part of it without the consent of the
author(s) and/or copyright holder(s), unless the work is under an open content license (like Creative Commons).

The publication may also be distributed here under the terms of Article 25fa of the Dutch Copyright Act, indicated by the “Taverne” license.
More information can be found on the University of Groningen website: https://www.rug.nl/library/open-access/self-archiving-pure/taverne-
amendment.

Take-down policy
If you believe that this document breaches copyright please contact us providing details, and we will remove access to the work immediately
and investigate your claim.

Downloaded from the University of Groningen/UMCG research database (Pure): http://www.rug.nl/research/portal. For technical reasons the
number of authors shown on this cover page is limited to 10 maximum.

Download date: 25-05-2023

https://research.rug.nl/en/publications/bdf6297a-be60-476c-99d1-c1de393641c4


The Origin of Stars
Tales of the Unexpected in Extreme

Environments

Proefschrift

ter verkrijging van het doctoraat in de
Wiskunde en Natuurwetenschappen
aan de Rijksuniversiteit Groningen

op gezag van de
Rector Magnificus, dr. E. Sterken,
in het openbaar te verdedigen op

maandag 21 november 2011
om 16.15 uur

door

Sayit Höçük
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Chapter1
Introduction

When we look up into the sky at night, the first thing we notice is a beautiful
blanket of stars between all the blackness of space. Gazing into infinity,
one of the first questions that must come to mind is where these bright

dots that we call stars come from. This has to be the single most important reason
that has propelled man to do astronomy. After millenia of research in physics and
astronomy, one would expect that we have unraveled all the mysteries of this majes-
tic puzzle. However, we have not. Like the vastness of the Universe, understanding
the formation of stars is a complex beast by it self. We have made some progress over
the years, of course, and our knowledge is gaining rapidly, still, we are like a child
trying to understand the workings of a complicated toy. The study of star formation
is therefore one of the longest standing research fields in astronomy, and dare I say,
one of the most important as well.

Newly born stars form out of gas and dust from the remnants of their ancestors
that enriched their environments during their lifetimes. Figure 1.1 shows one of the
most famous star forming region images of modern times. Most of the star matter
that is ejected into the space between the stars, the ISM (interstellar medium), comes
from supernova explosions. Only massive stars, with masses above 8 solar masses,
have the prerogative to perform this task. The majority of the heavy elements can
only be formed and distributed in this way. This while the stars that have masses
similar to, or lower than, our Sun are doomed to live for billions of years. Massive
stars are therefore the heavy element factories of our Universe. Because of the con-
tinued evolutionary cycle, the initial conditions for each generation of stars will be
different. Intuitively, this must have a significant influence on the early stages of star
formation.

It is important to know how massive a star becomes when it forms. Or, what
fraction of stars in a star forming region is massive enough to have a significant
impact on its environment. This because they play key roles in many astronomical
fields. Massive stars inject energy into the ISM through radiation, outflows, winds,
and supernovae (Hensler 1999; Chappell & Scalo 2001). Knowing this, for example,
will help us to better understand the star formation history of galaxies, the chemical
enrichment of the early Universe, or even to predict the brown dwarf population in
a cluster, and much more. It is therefore of great importance to quantify the relative
numbers of stars in different mass ranges. This distribution of stellar masses at the
moment of their creation is called the stellar initial mass function.
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This thesis tries to give insight into the evolution of interstellar clouds and its de-
pendence on the initial and ambient environmental conditions in the most extreme
environments of our Universe. It looks into the fragmentation properties of molec-
ular clouds and into the formation of stars using numerical simulations, thereby
focussing on its dependence on metallicity, rotation, and feedback effects (mechani-
cal and radiative). Trying to answer the universality conundrum of the initial mass
function in extreme environments is a key aspect and the main goal of this work.

Figure 1.1: Pillars of Creation. The giant pillars consist of molecular gas and dust, which are
so dense that the interior gas contracts gravitationally to form stars. Intense UV radiation
from nearby massive stars evaporates the surfaces of these clouds to give them their present
shape. This image, which lies inside the Eagle nebula at a distance of 2 kpc away from us,
was taken with the Hubble space telescope in 1995. Image credit: NASA, ESA, STScI, HST, J.
Hester and P. Scowen (Arizona State University).

1.1 The theory of star formation
Star formation is a complex dynamical process. Stars are known to form inside huge
gas clouds that are rich in various kinds of molecules. It starts out with clumps of
gas and dust (if present) merging with each other and held together by their small
gravitational forces. When enough mass piles up, the gravitational pull increases
and the cloud starts to contract. There is, however, pressure which prevents a cloud
to collapse under its own gravity. Not only thermal and radiation pressure, but also
magnetic fields and bulk motions are sources that can prevent collapse. Only when
gravity dominates all these counter forces, collapse will occur and continue to form
a star. An image to this effect is shown in Fig. 1.2.
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Figure 1.2: The collapse of a molecular cloud. Gravitational pull needs to be stronger than all
the other forces in order to initiate collapse and subsequent fragmentation.

One can calculate how much (minimal) mass is needed for gravity to dominate
all other forces and start the formation process by using the Jeans mass formula

MJ =
(

3
4π

) 1
2
(

5kB

GµmH

) 3
2 T

3
2

ρ
1
2

, (1.1)

where, µ is the mean molecular weight, mH is the mass of a hydrogen atom, G is the
gravitational constant, kB is the Boltzmann constant, T is the gas temperature, and
ρ is the mass density. As can be seen from this equation, the critical mass is only a
function of temperature and density. Increasing density and decreasing temperature
lead to lower Jeans masses which, in turn, will lead to fragmentation into smaller
cores. It is possible to formulate this equation in a more practical form as given by
Frieswijk et al. (2007), that is,

MJ ' 90
µ2 M¯

( n
1 cm−3

)− 1
2
(

T
1 K

) 3
2

. (1.2)

When an interstellar cloud of gas is in hydrostatic equilibrium, the internal en-
ergy is in balance with the potential energy of the self-gravitational force. The virial
theorem states that twice the average total kinetic energy must equal n times the av-
erage total potential energy for a system to be in a stable statistical equilibrium. If the
system consists of matter held together by its own gravity, then, n equals -1. From
the virial theorem, one can simply derive the Jeans equation. If we assume that the
kinetic energy, Ek, is dominated by the thermal energy, and the potential energy, Ep,
by the gravitational energy, then the virial theorem

2Ek = −Ep (1.3)
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can be formulated as

f1NkBT = f2
GM2

r
, (1.4)

where f1 is a constant that depends on the degrees of freedom of the system, which
is 3/2 for a monatomic gas, and f2 is a constant which depends on the shape of the
body and is 5/3 for a sphere. N is the total number of particles, which can be sub-
stituted by M/µmH in Eq. 1.4 and r, the radius of the cloud, can be substituted by
(3M/4πρ)1/3, such that Eq. 1.1 is recovered.

It must be noted that, in these equations, the assumption is made that the system
constitutes an ideal, isothermal gas with negligible magnetic field effects and negli-
gible bulk motions. While r is taken as the average radius of the cloud and where the
density does not depend on the radius. We can eliminate some of these assumptions
and can obtain the Jeans mass again by expressing the Jeans length, λJ, in terms of
sound speed cs, where c2

s = γP/ρ and c2
s = γT in an ideal gas. Here, P denotes

the pressure and γ is a factor that depends on the equation of state, which will be
elaborated on in section 1.3. Using these expressions, we can now start to derive the
magnetic and the turbulent Jeans masses. The Jeans length is given by

λJ =
(

πc2
s

Gρ

) 1
2

. (1.5)

For a pressure of the form: P = kBρT/µmH, Eq. 1.1 is reobtained. However, if
magnetic fields were to dominate the pressure, where Pmag = B2/8π and thus c2

s =
γB2/8πρ, the Jeans mass would become

MB
J ∝ λ3

J ρ =

(
πc2

s,B

G

) 3
2

ρ−
1
2

' 1.24× 107

µ2γ−
3
2

M¯
( n

1 cm−3

)−2
(

B
3µG

)3
, (1.6)

where B = 3µG∗ is the typical magnetic strength in the ISM (Subramanian & Barrow
1998; Schleicher et al. 2009).

The observed turbulent motions in cloud cores certainly contribute as a counter-
force to the gravitational pull. If the turbulence is isotropic, then the Jeans mass can
simply be computed using an effective sound speed c2

s,eff = c2
s + 1

3 v2
rms. In the case

that turbulence dominates, the Jeans mass then becomes (Larson 1998; Elmegreen
1999; Spaans & Silk 2005; Frieswijk 2008)

∗Here, µG stands for micro Gauss. Not to confuse with grav. constant G and mean molecular mass µ.
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Mturb
J ∝ λ3

J ρ =

(
πc2

s,turb

G

) 3
2

ρ−
1
2

' 2.41× 104

µ
1
2

M¯
( n

1 cm−3

)− 1
2
(

vrms

1 km/s

)3
. (1.7)

When each of these conditions is fulfilled and collapse has started, one or more
stars can be formed. It is, of course, not as simple as that. There are many other pro-
cesses that the system goes through before reaching the final stage of a star. During
collapse, angular momentum will increase, the density and pressure will rise, shocks
will occur, energies will interchange, internal heat can be radiated away or trapped,
and the molecular cloud might fragment. Feedback effects, such as, chemical, radia-
tive, or mechanical, from either internal or external sources, will also play key roles.
It is in these processes that the stage is set for the eventual masses of stars.

1.2 The interstellar medium
The interstellar medium is the medium between the stars inside galaxies, and inter-
stellar space is not empty. The ISM is filled with pockets of gas with relatively low
density (∼ 1 cm−3), on average, and is mixed with dust. By comparison, the air on
earth has a number density of 2.5×1019 cm−3. This means that the average human
lung can inhale more atoms per hour than the average amount of interstellar gas in
a volume half the size of the moon. As such, one needs gigantic gas clouds to be able
to make even a few stars. There are such clouds. Typical sizes for molecular clouds
span a range from 0.1 pc (stellar cores) to 100 pc (giant molecular clouds, Frieswijk
2008).

The primary sites for star formation are molecular clouds. These are thought to
form out of the remnants of supernova explosions, outflows and winds from stars,
and the gas reservoirs in the interstellar and the intergalactic medium (Ballesteros-
Paredes et al. 1999; Hartmann et al. 2001; Klessen et al. 2005a; Heitsch & Hartmann
2008; Dobbs & Bonnell 2008; Dobbs 2008). A molecular cloud comprises atoms,
molecules, ions, and dust which make it a rich chemical system. Molecules form in
the gas phase or on dust grains and allow low temperatures to be reached (Omukai
et al. 2005; Cazaux et al. 2005a; Cazaux & Spaans 2009; Dulieu et al. 2009). The
composition of these clouds depend on the ambient conditions like temperature,
pressure, density, and metallicity. Multiple phases can exist within one cloud with
different species and temperatures.

Molecular clouds in the Universe have different shapes and sizes. Fig. 1.3 depicts
three very well known gaseous nebulae. They are morphologically quite different
from one another. The density is also not constant throughout interstellar clouds.
Hot ionized regions usually occupy the low density medium n ¿ 1 cm−3, while
molecular cores reside in rather dense locations n ≥ 104 cm−3.
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Figure 1.3: Three interstellar clouds. On the top, the Orion nebula is shown. On the bottom
left is the Tarantula nebula and on the bottom right is the Rosette nebula. Image credit: ESA,
Herschel, NASA.

The density profile is not known for the larger molecular clouds (r & 0.1 pc).
They have bulky shapes with a perturbed density structure. Besides, it is not likely
that a well-developed density profile exists before virialization. Modelers working
in this field commonly assume either a flat density profile or some random pertur-
bation, while providing the models with realistic velocity profiles, which naturally
evolve into the observed sub-structures. According to some astronomers, the dis-
tribution of the dense regions in such clouds could be the precursor of the stellar
initial mass function (Motte et al. 1998; Motte & André 2001; Goodwin et al. 2008;
Simpson et al. 2008; André et al. 2010), and perhaps the stellar IMF is directly linked
to its dense core mass function, as it seems for the Pipe nebula (Lada et al. 2008).
The dense cores (r ∼ 0.1 pc), on the other hand, do have a well defined density
structure. Observational evidence shows that pre-stellar dense cores increase their
density towards the center and then reach a plateau. Commonly used density pro-
files when modelling these cores are either a ρ ∝ r−2 profile or a Plummer-like,
ρ = ρ0

(
1 + r2/a2)−η , profile, where η = 5/2 is the classical Plummer sphere and, a

is a scale parameter which sets the size of the core.
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1.2.1 Fragmentation

A large cloud that is collapsing has the tendency to fragment. Gas above the critical
mass (M > MJ) will go into a free-fall when there is no significant counter pressure.
This is likely, at least initially, since molecular clouds are optically thin so that radi-
ation can easily escape, cooling the cloud and releasing any pressure. The free-fall
time only depends on the gas density as follows

τff =
√

3π/32Gρ. (1.8)

Each supercritical overdensity will have a different free-fall time. The overdensi-
ties will therefore contract at different rates. As the molecular cloud collapses, it will
break into smaller and smaller pieces in a hierarchical manner, until the fragments
reach their Jeans mass. As the density increases, each of these fragments will become
increasingly more opaque and are thus less efficient at radiating away the gravita-
tional potential energy. This raises the temperature of the cloud and inhibits further
fragmentation.

The fragments might normally merge with one another if the increasing angu-
lar momentum did not prevent this. As the cloud shrinks due to gravity, it spins
faster. This hinders the collapse and favors fragmentation of the cloud. The main
mechanism that causes molecular clouds to have overdensities in the first place as
well as sustaining an asymmetric velocity structure is thought to be turbulence. The
interplay between gravity and turbulence which enhances fragmentation is also de-
scribed as gravoturbulent fragmentation (Klessen & Ballesteros-Paredes 2004).

1.2.2 Turbulence

Molecular clouds are observed to be quite turbulent (Larson 1981; Falgarone et al.
2001; Caselli et al. 2002; Heyer & Brunt 2004; Brunt et al. 2009; Brandenburg & Nord-
lund 2011). It is not precisely known where the interstellar turbulence comes from,
however, there are some reasonable ideas. Turbulence can originate from supernova
explosions which send shock waves into the ISM at very high speeds. When these
shock waves come in contact with an object, or another shock wave, they can dis-
sipate and cause turbulent motions. This is thought to be one of the main drivers
of turbulence. Another culprit that can incite turbulence is infalling matter from the
intergalactic medium (IGM). Gaseous matter can flow into the ISM from the IGM
due to the potential wells of galaxies. Upon mixing with the interstellar matter,
large scale turbulence is created. Recent discoveries show that in order to main-
tain long term star formation, continues gas supply is needed. Huge reservoirs of
gas are available in the IGM, which is the most logical source of this fuel (Bauer-
meister et al. 2010). Other astrophysical processes acting on large scales, including
magneto-rotational instability, or spiral shock forcing, are also thought to be viable
candidates for the generation and maintenance of molecular cloud turbulence (Brunt
et al. 2009). Gravitational instabilities during contraction are strong drivers of turbu-
lence as well, however, they act on smaller scales and could not instigate the initial
turbulence. Fig. 1.4 shows a picture of a simulated turbulent cloud.
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Figure 1.4: A simulated turbulent molecular cloud. Image by Hocuk & Spaans (2010a).

The velocity scaling of turbulent motions appears to be similar in regions with
varying intensity of star formation (Brunt & Heyer 2002a,b). This indicates that the
velocity scaling is inertial, and driven mostly by energy input at large scales, rather
than local driving by on-going star formation (Brandenburg & Nordlund 2011). To
this end, it is thought that turbulence caused by stellar feedback, e.g., radiative
or mechanical, although an integral part of the formation processes, is not strong
enough to drive the large scale turbulence in molecular clouds (Brunt et al. 2009).
This while jets from stellar outflows might produce strong shocks or disturbances
which can trigger or disrupt local gravitational collapse. All of these mechanisms do
contribute a lot of mechanical energy into the interstellar medium and intensify the
existing turbulence.

The turbulence in interstellar clouds is found to behave like a power-law (Larson
1979, 1981; Ossenkopf & Mac Low 2002), where the largest scales contain the highest
energies. The velocity scaling is of the form

(σv =)4v ∝ `m, (1.9)

where σv and4v denote the velocity dispersion, ` the length scale, and m the scaling
power. The value of m for compressible fluids would be m = 1/2 in this notation,
while incompressible, Kolmogorov turbulence has a value of m = 1/3. The power
spectrum commonly used in numerical simulations directly follows from this ve-
locity scaling. The power spectrum of turbulent motions as observed in molecular
clouds (Larson 1981; Myers & Gammie 1999; Heyer & Brunt 2004) scales as

P(k) ∝ k−4, (1.10)

where k = 2π/` is the wavenumber.
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It is sometimes preferred to write the power spectrum in the form of an energy
relation, also called the energy spectrum. Considering that the relation between the
energy spectrum and the power spectrum is E(k) = 2πk2P(k), the energy spectrum
scales with the wavenumber as E(k) ∝ k−2.

1.2.3 Metallicity and Dust

Metallicity (Z) is a term used by astronomers and describes the relative abundances
of elements. All elements heavier than helium are collectively labeled as metals.
Metallicity increases as the ratio of heavy elements (metals) with respect to helium
and hydrogen becomes larger. The metallicity of interstellar clouds in the solar
neighbourhood is similar to that of our Sun (Z¯). Of the gas in the ISM, 93% of
the atoms (by number) are hydrogen and 7% are helium, with < 1% of atoms be-
ing elements heavier than hydrogen or helium. Metallicity is an important factor in
star formation, since the creation and propagation of radiation through a medium
is affected by absorption, emission, and scattering processes, which, in turn, are all
dependent on the composition of the medium.

All species (atoms, molecules, and ions) can absorb or emit radiation through
various means (free-free, bound-free, or bound-bound processes). Generally, species
with a higher atomic number, and with more degrees of freedom, have a wider range
of possible transitional states. Therefore, they are more efficient in releasing the in-
ternal energy of a system. A high metallicity content of a molecular cloud will allow
it to cool much faster and allow lower temperatures to be reached. Until local ther-
modynamic equilibrium (LTE) is obtained, the rate of cooling scales with the square
of the density. The cooling rate depends on a cooling function as follows

Λcr = 4Λcfnpne

(
nc

nc + ne

)

︸ ︷︷ ︸
, (1.11)

correction for LTE effects

where np is the number density of protons, ne is the number density of electrons, nc is
the critical density around which the transition to LTE occurs, which is ∼ 103 cm−3,
and Λcf is the cooling function. A cooling function depends on various quantities,
e.g., on the atomic and molecular composition of the gas, on the properties of dust,
and on physical conditions like temperature and density of the medium. Fig. 1.5
shows four cooling functions for different metallicities created with the Meijerink &
Spaans (2005) code.

Cooling is only important in the evolution of the molecular cloud if thermody-
namic processes occur on a timescale shorter than the collapse timescale (Eq 1.8).
The cooling timescale is given by

τcool =
3kBρT

2mHΛcr
. (1.12)
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Figure 1.5: Cooling functions. Four detailed functions created by Meijerink & Spaans (2005)
corresponding to four metallicities Z = Z¯, 10−1 Z¯, 10−2 Z¯, and 10−3 Z¯.

Aside from alleviating a molecular cloud from its internal energy by radiating
it away, metals absorb radiation much easier as well. They cause a cloud to reach
higher opacities much quicker during collapse. This will result in the trapping of ra-
diation and the molecular cloud will no longer be able to cool down further, thereby
increasing its temperature and pressure as it contracts. Gas becomes optically thick
at number densities of ∼ 1016 cm−3, if it is fully atomic, while it becomes optically
thick around 1012 cm−3 when it has solar metallicity (Machida et al. 2009). For a
collapsing molecular cloud, the interplay between heating and cooling is vital in de-
termining the state at which stars form (Hocuk & Spaans 2010b).

Dust also plays an important role in the formation of molecules that affect the star
formation processes (Cazaux et al. 2010, 2011a,b). Molecular clouds contain about
1% dust, by mass (Cazaux 2004). In astronomy, dust is a term used for aggregates of
material, like chains of molecules, such as PAHs (poly-aromatic hydrocarbons) and
small grains, held together by various bonds. In order to form dust grains one needs
atoms with unique bonding properties, like carbon or silicon, because it is easy to
form chains with them. It is therefore obvious that the dust content must depend on
the metallicity of the medium and is thought to be tightly correlated with it (Cazaux
& Spaans 2009). In Fig. 1.6, an image of such a grain is shown.
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Figure 1.6: A porous chondrite dust particle. Courtesy of E.K. Jessberger.

Dust will also affect the thermal balance of the gas. When gas and dust are col-
lisionally coupled (nH & 104.5 cm−3 for solar metallicity), gas can either cool down
or heat up on the dust grains. More importantly, dust can enhance the formation
of molecules, especially H2, by acting as a catalyst at temperatures above T > 20
K (Cazaux et al. 2005b). At lower temperatures, gas can freeze onto the dust grains,
thereby locking the species up in them until it is warm enough again for evaporation.
This regulates the temperature of a system until a stable point is reached. Despite
the fact that the metallicity of the system remains unchanged, creating new and more
complicated species helps to cool the system much more efficiently.

1.3 Equation of state
The equation of state (EOS) describes the relation of the state variables in a system
to one another. In fluid dynamics, typically, the relation of pressure against density
and temperature is considered. The pressure of an ideal gas scales linearly with
temperature and density. More precisely, it behaves in the following manner

P =
NAkBρT

µ
, (1.13)

where NA is Avogadro’s constant, kB is the Boltzmann constant, T is the gas temper-
ature, and µ is the average mass per particle.
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It is also possible to relate pressure and density independently from tempera-
ture. This is by assuming a polytropic equation of state. A polytropic process is a
thermodynamic process that obeys the relation

PVn = Constant, (1.14)

where n is the polytropic index and V is the volume. But, how do we get to this
equation? Sometimes, it is possible to write down the equations which describe a
physical system, but for which solutions cannot be derived analytically. In many
cases, the only way to solve a specific problem will be using numerical, computer
based, methods. In the case of a self-gravitating, spherically symmetric fluid, how-
ever, it is possible to analytically solve the equation characterizing the system, also
known as the Lane-Emden equation, by using a polytrope. For example, if we take
the equation for hydrostatic support in terms of the radius variable r

dP(r)
dr

= −GM(r)ρ(r)
r2 , (1.15)

in which G is the gravitational constant and M(r) is the mass at radius r, and take the
derivative with respect to r, we get

d
dr

(
r2

ρ

dP
dr

)
= −G

dM(r)
dr

. (1.16)

Now, if we solve the right hand side, we obtain

1
r2

d
dr

(
r2

ρ

dP
dr

)
= −4πGρ. (1.17)

This second order differential equation can be solved using a polytropic EOS of the
form

P ∝ ρ1+1/n = ργ, (1.18)

with γ being the polytropic exponent.

A polytropic EOS is not really independent of temperature. The temperature
dependency is rather hidden in the exponent γ, which is an important parameter
that explains the behaviour of the system. γ is typically considered to be a function
of physical parameters or ambient conditions, such as, gas temperature, dust tem-
perature, radiation intensity, velocity field, chemical composition, metallicity, and
magnetic field (Spaans & Silk 2000). A γ = 1 would, for example, tell us that the sys-
tem is isothermal, since the EOS becomes P ∝ ρ now. Whereas γ = 5/3 describes an
adiabatic system, typical for high density gas and inside main sequence stars. When
we consider Eqs. 1.13 and 1.18, take their log and then the derivative, i.e.,
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dlogP = dlogρ + dlogT (1.19)
dlogP = γdlogρ,

we acquire the relation for γ,

γ = 1 + dlogT/dlogρ. (1.20)

This tells us that γ depends on the details of heating and cooling of a system through
these derivatives and, as such, depends implicitly on the radiative transfer effects
and the changes in the chemical composition. This description of the EOS is true as
long as the heating and cooling terms in the energy equation balance out on a shorter
timescale than the gas dynamics do (Scalo & Biswas 2002; Spaans & Silk 2005).

One interesting feature of the polytropic EOS is the γ at which the Jeans mass
remains constant. Since the Jeans mass, MJ, scales as T

3
2 /ρ

1
2 , and one can rewrite

the temperature as a function of density by combining Eqs. 1.13 and 1.18, that is,
T = ργ−1, the Jeans mass then becomes proportional to

MJ ∝ ρ
3
2 γ−2. (1.21)

This means that the Jeans mass becomes independent of the variables and remains
constant when 3/2γ− 2 = 0. A γ of 4/3 fulfills this condition. One can see from this
that for a γ lower than 1.33, the Jeans mass decreases as the gas contracts and the
density increases. Thermal pressure can no longer stop the collapse and a molecular
cloud in such a state will be highly susceptible to fragmentation.

A value of γ below 1, but still greater than 0, would mean that the temperature
decreases as the density increases, while the pressure still increases at a slow rate.
This can only occur in a system that is losing its internal energy by any means, like
radiating it away. This is frequently seen in optically thin interstellar clouds. As
such, the softness of γ plays a major role, at a very early stage, in the fragmentation
properties and the evolution of molecular clouds (Spaans & Silk 2000; Li et al. 2003;
Klessen et al. 2005b; Jappsen et al. 2005). A negative γ is an unlikely state in which
even the pressure decreases with increasing density. Such a state cannot be sustained
for long periods of time, but is known to occur in explosions.

1.4 The initial mass function
The initial mass function (IMF) is a distribution of stellar masses versus their number
in a given volume of space. It is an empirical function that is observed to behave like
a power-law for masses above a few tenths of a solar mass. This renowned function
is obtained through a logarithmically binned histogram of the initial masses of stars.
Fig. 1.7 shows an example plot of an IMF that is representative of the star forming
conditions in our solar neighbourhood.
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Figure 1.7: A simulated IMF of the Milky Way. This mass function is obtained from numerical
simulation using conditions of the ISM similar to our Galaxy. Two commonly used IMFs, the
Salpeter IMF and the Chabrier IMF, are overplotted in this figure to highlight the good match.

The IMF was first proposed by Edwin Salpeter in his famous paper (Salpeter
1955). He found from his observations of stars that plotting the number of stars
against their mass resulted in a power-law. The functional form that he proposed for
the IMF was the following

dN
dM

∝ M
−α

, (1.22)

with N the number of stars in a mass range dM, α the power-law index above the
characteristic mass of ∼ 0.3 M¯, also known as the turn-over mass. Edwin Salpeter
empirically found that the power-law index has a value of α = 2.35. At that time,
observational constraints made it difficult to resolve stellar masses below the mass
of our Sun and because of this, he could not see a turn-down of the mass function at
lower masses. Until today, the value of the power-law index has remained remark-
ably unchanged above 1 M¯ and is now known as the Salpeter slope.

It is often more practical to formulate the IMF in a logarithmic form. The follow-
ing steps show the derivation to this end. To get the number of stars within the mass
range M+dM, one can integrate Eq. 1.22 as follows

N =
∫

dN ∝
∫

M
−α

dM = (−α + 1)−1 M−α+1. (1.23)
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Now, by taking the logarithm on each side and looking only at the change as a func-
tion of (log) mass, thereby losing the constants, one will end up with the following
equation;

dlogN
dlogM

= −α + 1 = Γ. (1.24)

Here, −α + 1 is replaced by Γ, in which Γ defines the slope above the characteristic
mass. This makes the slope of the Salpeter function Γ = −1.35. Eq. 1.24 is the gen-
erally used convention by many astronomers and the adopted form throughout this
thesis.

In the following figure (Fig. 1.8), we illustrate three well known IMFs. These
are, the Salpeter (1955) IMF (purple), the Chabrier (2003) IMF (red), and the Kroupa
(2001) IMF (green). While the Salpeter IMF has a slope of Γ = −1.35, the Chabrier
IMF is a log-normal function up to 1 solar mass. Above 1 solar mass, it follows a
power-law with a slope of Γ = −1.3. The Kroupa IMF on the other hand, is a canon-
ical IMF with three different power-law slopes. These are: Γ = 0.7 between 0.01 M¯
and 0.08 M¯, Γ = −0.3 between 0.08 M¯ and 0.5 M¯, and Γ = 1.3 between 0.5 M¯
and 50 M¯.
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Figure 1.8: Three different initial mass functions. The purple line shows the Salpeter IMF. The
red dashed line shows the Chabrier IMF. The green dot-dashed line shows the Kroupa IMF.
The Y-axis is in arbitrary units. Image created by author.
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The initial mass function offers the great benefit of predicting the likelyhood of
stellar masses at the time of their formation. It has become an important diagnostic
tool and is of fundamental importance for many astronomical fields. The IMF is used
in areas, such as, galaxy formation and evolution, studies of chemical enrichment,
the prediction of brown dwarfs, energetic feedback into the ISM, and in just about
anything that studies large quantities of stars (Zoccali et al. 2000; Kroupa 2002; Bon-
nell et al. 2007). It is therefore appropriate to state that one of the main goals for a
theory of star formation is to understand the origin of the stellar initial mass function.

It has been theorized that this distribution is universal in nature, nicely following
a Salpeter slope (Salpeter 1955). Numerous observations of the solar neighbourhood
support this hypothesis (Chabrier 2003; Sabbi et al. 2007; Elmegreen et al. 2008) and
has gained a lot of interest since this idea first arose. The shape of the distribution
has been further refined by other astronomers, especially improving upon the lower
mass end of the function (Miller & Scalo 1979; Kroupa 2001; Chabrier 2003). A uni-
versal IMF would be quite useful, as one can imagine, since it would eliminate one
major uncertainty in a lot of astronomical fields.

As charming as the idea is, the story does not end there. Several recent studies,
of mainly extragalactic objects, have started to show us the other side of the story.
At the turn of the century, astronomers were beginning to notice deviations in their
mass functions from a standard Salpeter shape (Baugh et al. 2005; Nayakshin et al.
2007; Parra et al. 2007; Davé 2008; Wilkins et al. 2008; van Dokkum 2008; Elmegreen
2009). These came from measurements of abundance patterns in extragalactic bulges
(Ballero et al. 2007, 2008), enhancement of far infra-red luminosities in interacting
galaxy systems (Brassington et al. 2007), mass-to-light ratios of ultra-compact dwarf
galaxies (Dabringhausen et al. 2009a), NaI and FeH band spectra in luminous ellip-
tical galaxies (van Dokkum & Conroy 2010, 2011), and many others. Our Galaxy
center also shows signs of variations in the IMF (Figer 2005a,b; Paumard et al. 2006;
Espinoza et al. 2009; Elmegreen 2009; Bartko et al. 2010). Complementary to these
observations, many numerical studies support a non-universal IMF as well (Klessen
et al. 2007; Hsu et al. 2010; Krumholz et al. 2010; Girichidis et al. 2011). Yet, they
were much debated and solid evidence is still lacking. These developments in the
last decade have driven astronomers towards a crossroads, and has divided them,
which was the beginning of the IMF’s universality conundrum.

Do all star forming events give rise to the same distribution of stellar masses? Is
star formation essentially a self-regulating process or is fragmentation the process
by which stellar masses are fixed? Certainly, the details of either process depend
on the physical conditions of the cloud of gas and dust from which the stars form.
The unanswered question is: how sensitively does the distribution of stellar masses
depend on the initial conditions in the natal environment? Our ultimate goal is to
understand the physical mechanisms that are responsible for the origin of stellar
masses.
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1.5 Extreme environments
The process of star formation is poorly understood in extreme environments. It is
uncertain if stars form in the same way everywhere and if the IMF is similar to our
Galaxy or that star formation is severely affected by the harsh, non-Milky Way am-
bient conditions. Our Universe harbors many regions which are quite extreme. An
extreme environment in space exhibits conditions that are challenging to the forma-
tion of stars. These may include high temperatures, high pressures, strong radiation
fields, powerful turbulence, strong gravity, or very low metallicities. Studying the
evolution of gaseous clouds and star formation in extreme environments will help
us understand the processes of star formation by determining its limits.

1.5.1 Active galactic nuclei

Active galaxies harbor supermassive black holes with masses of & 106 M¯ in their
centers. Active galactic nuclei (AGN) are the most luminous sources of electromag-
netic radiation in the Universe. These accrete matter from the inner parsecs of galac-
tic centers. Accretion rates can go up to their Eddington limit, if magnetic fields are
not significant, but are typically ∼10% of this limit (Meijerink et al. 2007). It is also
possible to surpass this limit in certain circumstances which might play an impor-
tant role in the gas accretion process in host galaxies (Kawakatu & Ohsuga 2011).
The Eddington rate is obtained when the hydrostatic equilibrium equation, as given
in Eq. 1.15, is set equal to the continuum outward radiation pressure

dPrad
dr

= −κρ

c
Frad = − σTρ

mpc
L

4πr2 , (1.25)

where σT = 6.65× 10−25 cm2 is the Thomson scattering cross section for the electron
and the gas is assumed to be purely made of ionized hydrogen, κ is the opacity
coefficient of the stellar material, Frad is the radiation flux, L is the luminosity, c is
light speed, and mp is the proton mass. The Eddington luminosity then becomes

LEdd =
4πGMmpc

σT
erg s−1, (1.26)

while the accretion rate can be written as

Ṁ =
dM
dt

=
2LEdd

c2 =
8πGMmp

cσT
g s−1. (1.27)

The matter around black holes is heated up through the accretion process to mil-
lions of degrees. This heating leads to the emission of highly energetic radiation,
such as UV photons (E > 5 eV) and X-rays (E > 1 keV). The accretion disks shine so
brightly that they are visible from great distances, which renders them easy to spot
with telescopes. Besides strong radiation fields, supermassive black holes impart a
strong gravitational field as well. Molecular clouds in the inner 10 pc of active galax-
ies will be strongly affected by this gravitational pull as well as the irradiation by
X-rays and UV (Meijerink et al. 2007; Hocuk & Spaans 2010a).
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1.5.2 Starbursts

Starbursts are regions of space with an unusually high rate of star formation. Star
formation rates (SFR) are observed as high as several hundreds to thousand solar
masses per year and on the scales of a Galaxy (Sanders & Mirabel 1996; Smail et al.
1997; Hughes et al. 1998; Genzel et al. 1998). Massive stars are thought to commonly
form in these places and an exceptional amount of UV radiation (E = 5− 100 eV) can
be seen. The output of UV radiation is dominated by the O and B stars as only the
hottest stars produce them. The supernova rate is also generally high in starbursting
galaxies. This will in turn lead to an enhanced cosmic ray rate, since cosmic rays are
thought to be produced mainly in supernova remnants (Papadopoulos et al. 2011).
Figure 1.9 shows the famous starburst ‘Antennae Galaxies’.

Figure 1.9: The Antennae Galaxies are an example of a very high starburst galaxy occurring
from the collision of NGC 4038/NGC 4039. Credit: NASA/ESA

Over the years, mounting empirical evidence has been found that there is a cor-
relation between nuclear activity and star formation over a wide range of redshifts
(Kennicutt 1998; Trichas et al. 2009; Wild et al. 2010). It is thought that there is a
tight relation between starbursts and AGN (Taniguchi 2004). However, it is still a
matter of debate whether the AGN activity is triggering and causing the starbursts
or that the AGN is being fuelled by these massive star forming regions. One thing
is certain; there is a growing number of galaxies from different samples that exhibit
simultaneous starburst and AGN activity. If there is a causal relation between them,
then the question is with which trend. The evolution of supermassive black holes,
AGN feeding and feedback to the interstellar medium, as well as the role played by
the environment for the formation of stars, are all relevant issues in the physics of
starbursts.
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1.5.3 Feedback: radiative and mechanical

Accreting black holes and massive stars in dense stellar populations produce a large
amount of energy. During their active episodes they can emit radiation, produce
shock waves, and chemically enrich their surroundings. A lot of this energy is de-
posited back into the environment from where it was generated. Feedback is a phe-
nomenon where the energy that is created within a system, is fed back into the sys-
tem itself, altering the ambient conditions and, thereby, influencing the occurrences
of the same phenomenon in the present or future. Two types of feedback, radiative
and mechanical, are very important in active galaxies during the evolution of star
forming clouds. Each type of feedback can have positive or negative influences on
star formation.

Radiative feedback will strongly dominate in the form of X-rays, UV, or cosmic
rays. Lower energy radiation, like optical or infrared, despite having a strong pres-
ence, will be less important in the thermal balance and the chemistry of an interstel-
lar cloud. This is because of their lower energies and their increased attenuation in a
dusty and cloudy environment, although this does add a bit to dust heating. Radia-
tive feedback will primarily heat the system as energy is injected into it. However,
even then, it is possible to find new ways to enhance cooling. Radiation with high
energies E ≥ 1 keV, like X-rays, will ionize atoms. Ions are much more reactive than
neutral atoms and can easily form molecules with other elements. As such, new and
more molecules will form, helping the system to cool. On the other hand, radiation
with lower energies E ∼ 5− 100 eV, i.e., UV, is more destructive to molecules be-
cause of large photo-dissociation cross sections.

The strongest X-rays are produced in accretion disks of black holes. A 107 solar
mass black hole accreting at 100% Eddington is able to produce a flux of 100 erg
s−1 cm−2 at a distance of 100 pc (Meijerink et al. 2007). X-rays can dominate the
thermal balance in AGN upto column densities of 1024 cm−2 and distances of 300
pc (Schleicher et al. 2010b). These regions are known as X-ray dominated regions
(XDRs, Lepp & Dalgarno 1996; Maloney et al. 1996), and heating is dominated by
photo-ionization. UV radiation has a much smaller penetration depth, which can
go upto column densities of 1022 cm−2 (Meijerink & Spaans 2005), at solar metallic-
ity. Therefore, it is most effective if the radiation source is nearby. So UV radiation
mainly dominates the chemistry of cloud surfaces. UV radiation heats the gas up
to a few thousand K through photo-electric emission from (small) dust grains. The
regions where UV radiation dominates, are called photon dominated regions (PDRs,
Hollenbach & Tielens 1999). Cosmic rays are not a form of electromagnetic radia-
tion. They are rather energetic charged subatomic particles, mostly protons, moving
at relativistic speeds. Cosmic rays can pierce through very large columns of gas and
transfer their energy through collisions. Their effect is more subtle and they heat the
gas in a molecular cloud almost uniformally. As such, they set the minimum attain-
able temperature in these systems (Goldsmith & Langer 1978; Bergin & Tafalla 2007).
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Mechanical feedback can come from shock waves as well as a strong gravitational
potential of a nearby black hole or the deep potential wells in starbursts. Gravita-
tional stresses produce shearing motions that enhance the turbulence of a nearby
cloud if it does not tear it apart. This also has major consequences for the accretion
rates of proto-stars. Proto-stars in deep potential wells are able to accrete more ma-
terial than their neighbours (Bonnell et al. 2001; Clark et al. 2008a). A contracting,
fragmenting molecular cloud, with massive stars in its vicinity, may enjoy strong
shock waves as massive stars go supernova. Shock waves can either compress a
cloud and trigger collapse or blow material away.

Nuclei of active galaxies, e.g., ULIRGs like Arp 220 and Markarian 231, enjoy
these extreme conditions, see van der Werf et al. (2010). Strong feedback effects thus
take place there, but are difficult to observe directly. Little is known on the IMF in
active galaxies, so theory and simulations are needed to guide our understanding.

1.6 Numerical simulations
Simulation and modelling is an integral part of scientific study. Numerical simula-
tions are a powerful tool that can help to better understand the behaviour of pro-
cesses. The need for numerical simulations arises when one is limited in performing
a study by conventional means, like through analytical work.

In recent years, a large number of studies have been performed on the forma-
tion of stars using numerical simulations (Abel et al. 2000; Omukai & Palla 2001;
Klessen 2001; Klessen et al. 2005a, 2007; Bonnell & Rice 2008; Wada 2008; Wada et al.
2009; Bate 2010; Hsu et al. 2010; Krumholz et al. 2010; Girichidis et al. 2011; Pérez-
Beaupuits et al. 2011; Clark et al. 2011; Latif et al. 2011; Aykutalp & Spaans 2011a).
All these studies address a different aspect in the field or improve on an earlier study.
The latter can be done through either adding new physics, more resolution and pre-
cision, or by implementing a greater dynamical range.

1.6.1 Grid codes

Grid based codes are Eulerian codes where one follows the fluid in the lab-frame.
The grid is divided into the requested number of cells and the maximum resolution
is based on the smallest cell size. The AMR method is a technique which refines the
grid only in the regions of interest, according to a predefined refinement criterion, to
minimize computational demand while keeping the resolution high. In this way, one
can achieve very high resolution at any required location. One of the major draw-
backs of AMR codes is its diffusive nature. Especially when advecting over large
numbers of grid cells, numerical diffusion is unavoidable. Higher order interpola-
tion schemes reduce the effect, but the issue remains. The only way to minimize this
is to increase resolution. On the other hand, a great strength of grid codes is that
they can handle shocks and contact discontinuities very well.



THESIS OUTLINE 27

Eulerian codes repetitively solve the mass (continuity), the momentum, and the
energy equation. In differential form, these equations, coupled with the Poisson
equation for gravity, are given by

∂ρ

∂t
+∇ · (ρv) = 0 (1.28)

∂ρv
∂t

+∇ · (ρvv) +∇P = ρg (1.29)

∂E
∂t

+∇ · (v(E + P)) = ρv · g, (1.30)

where E is

E =
1
2

ρv2 + ρεint, (1.31)

and the Poisson equation is defined as

∇2φ = 4πGρ ⇒ g = −∇φ. (1.32)

In these equations, ρ is the fluid (mass) density, v is the fluid velocity, P is the pres-
sure, φ is the gravitational potential, εint is the internal energy per unit mass, and g
is the gravitational acceleration.

There is a great diversity of simulation codes available within the astronomical
community. Ranging from very specific codes created just to serve the purpose of
the author to huge, general purpose numerical codes written by groups of people.
FLASH, a grid code designed by Fryxell et al. (2000); Dubey et al. (2009), is an ex-
ample of a large scale, multiphysics simulation code with a wide international user
base. The FLASH code forms the basis of the research done in this thesis and is
extended with additional physics in each of the chapters.

1.7 Thesis outline
The theory of star formation is an interesting, illustrious subject with a lot of dis-
coveries still ahead. In this thesis, the effects of environmental influences on the
formation of stars are studied and the results analyzed. The main focus lies on the
initial mass function of stars, specifically the formation of stars in extreme environ-
ments. Each chapter focuses on a different aspect of star formation and each tells its
own tale.

Chapter 2:
In the second chapter of this thesis, I focus on the evolution of a giant, r = 10 pc,
molecular cloud in a metal-deficient environment. I investigate how metallicity (Z)
and an initial rotational moment (β) affects the fragmentation of this molecular cloud
into smaller, but denser, pre-stellar cores. The dependence of molecular cloud frag-
mentation is tested on the ambient conditions as they pertain to starburst and dwarf
galaxy regions, which are then compared against the well known conditions of the
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Milky Way. To properly treat the thermal balance, I use a cooling function, created
by Meijerink & Spaans (2005), that strongly depends on metallicity. The effects of
dust and cosmic rays are also included in the calculations. I simulate the collapsing
cloud with these cooling functions for four different metallicities Z/Z¯ = 1, 10−1,
10−2, 10−3 and for each metallicity condition I consider five rotational energies, i.e.,
β = 10−1, 10−2, 10−3, 10−4, 0, where β is the initial ratio of rotational to gravitational
energy.

Chapter 3:
In the third chapter of this thesis, I study a smaller, r = 0.33 pc, turbulent molecular
core which exists in the vicinity, at d = 10 pc, of an active black hole. I investigate the
effects when this cloud core is irradiated by X-rays, with a flux of 160 erg s−1 cm−2,
emanating from the accretion disk of the black hole. The main question of this exer-
cise is whether star formation is significantly affected by hard X-rays. I perform a full
radiative transfer calculation to obtain the proper temperatures inside the molecular
cloud by using an XDR code (Meijerink & Spaans 2005). In this study, my focus lies
on the emerging IMF in an X-ray dominated region and I assess whether it deviates
from a Salpeter shape.

Chapter 4:
In the fourth chapter of this thesis, I continue my work on molecular cores in AGN.
This chapter directly follows the previous chapter but expands the study on the feed-
back effects in extreme environments. I now also incorporate the effects of gravita-
tional shear (mechanical feedback), cosmic rays, UV, and varying X-ray fluxes (radia-
tive feedback). A parameter study of 42 different 3D hydrodynamical simulations is
performed in order to capture the qualitative and the quantitative effects that the en-
vironment imparts on interstellar clouds inside active galaxies. I look at the change
in the equation of state and its role in the dynamics of the cloud core. I also analyze
how the phase-diagrams, the star formation efficiencies, and the initial mass func-
tions are influenced in active galactic environments.

Chapter 5:
In the fifth chapter of this thesis, I combine the results of the previous chapters and
evaluate them from a general perspective. I summarize my main findings and give
my best answer to the principal question of this work: what is the IMF in active
galactic environments? I take the opportunity to discuss what other research paths
can be taken to study the origin of, and variations in, the IMF, specifically the role of
magnetic fields.



Chapter2
The thermodynamics of

molecular cloud fragmentation:
Star formation under non-Milky Way

conditions

Published as:
S. Hocuk, M. Spaans

Astronomy & Astrophysics, 510, A110, (2010)

Properties of candidate stars, forming out of molecular clouds, depend
on the ambient conditions of the parent cloud. We present a series of 2D
and 3D simulations of fragmentation of molecular clouds in starburst re-
gions, as well as of clouds under conditions in dwarf galaxies, leading to
the formation of protostellar cores. We explore in particular the metallic-
ity dependence of molecular cloud fragmentation and the possible varia-
tions in the dense core mass function, as the expression of a multi-phase
ISM, due to dynamic and thermodynamic effects in starburst and metal-
poor environments. The adaptive mesh refinement code FLASH is used
to study the level of fragmentation during the collapse. With this code,
including self-gravity, thermal balance, turbulence, and shocks, collapse
is simulated with four different metallicity-dependent cooling functions.
Turbulent and rotational energies are considered as well. During the sim-
ulations, number densities of 108 − 109 cm−3 are reached. The influences
of dust and cosmic ray heating are investigated and compared to isother-
mal cases. The results indicate that fragmentation increases with metal-
licity, while cosmic ray and gas-grain collisional heating counteract this.
We also find that modest rotation and turbulence can affect the cloud evo-
lution as far as fragmentation is concerned. In this light, we conclude that
radiative feedback in starburst regions will inhibit fragmentation, while
low-metallicity dwarfs should also enjoy a star formation mode in which
fragmentation is suppressed.
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2.1 Introduction

The initial mass function (IMF) in our local neighborhood is observed to be a power-
law function, nicely following a Salpeter slope. Recent studies (Figer 2005b,a; Sabbi
et al. 2007; Elmegreen et al. 2008) confirm this universality at low and high masses.
When we turn to observations of more radical environments like the Galaxy center,
a ‘universal’ shape is again confirmed and only hints of different IMFs appear. Mea-
surements of abundance patterns (Ballero et al. 2007; Cunha et al. 2008) indicate a
flatter IMF. Observations of the Arches cluster initially showed a shallow IMF (Figer
et al. 1999; Stolte et al. 2002) and a turnover mass, hence a typical mass, at a few solar
masses (6− 7 M¯, Stolte et al. 2005). However, Kim et al. (2006) do detect low-mass
stars with their deep photometry and merely find a local bump at ∼6.3 M¯ and a
somewhat shallower IMF (Γ = −1.0 to −1.1). Dib et al. (2007) confirm these results
and claim a top-heavy IMF. Again, there appear to be perfectly reasonable explana-
tions for the higher mass stars detected in the Arches cluster, as Portegies Zwart et al.
(2007) argue with their idea of a still collapsing cluster core. Of course, the idea that
the conditions and the environment play an important role in shaping the IMF is
worth studying. Looking at the mass-to-light ratios of ultra-compact dwarf galaxies,
Dabringhausen et al. (2009b) conclude from their models that it is most likely caused
by a top-heavy stellar IMF. If so, then they attribute this to feedback effects induced
by massive stars. Still, these studies do not benefit from resolved stellar population
data. One can associate the conditions and the environment of dwarf galaxies with
those in the early Universe (Hunter 2008; Salvadori & Ferrara 2009).

It is also believed that the primordial, high-redshift, and zero-metallicity IMF
must have been top-heavy, ∼100 M¯ (Abel et al. 2000; Omukai & Palla 2001; Bromm
et al. 2002; Abel et al. 2002; Omukai & Palla 2003; Jappsen et al. 2009). It thus appears
that the IMF is universal, but that it is worthwhile to explore strong environmental
(feedback) influences, such as starburst and dwarf galaxies, to understand the IMF
better (Klessen et al. 2007). Since star formation, fragmentation, and the IMF all
depend on initial conditions (Skillman et al. 2003; Greif et al. 2008), the question is
how strong the impact of these initial conditions is. Also, how different should the
environment be or how strong the feedback to cause a significant deviation from a
Salpeter IMF?

Molecular clouds are the birth places of stars. These clouds are formed (rapidly)
when interstellar gas and dust gather and cool down under the influence of hydro-
dynamics, thermodynamics, and gravity (Ballesteros-Paredes et al. 1999; Hartmann
et al. 2001; Klessen et al. 2005a; Heitsch & Hartmann 2008; Dobbs & Bonnell 2008;
Dobbs 2008). Molecules form in the gas phase and on dust grains and allow low tem-
peratures to be reached (Omukai et al. 2005; Cazaux et al. 2005a; Cazaux & Spaans
2009; Dulieu et al. 2009). Dense regions, like the center of the cloud, are able to form
many stars, with a modest efficiency (∼5%; Elmegreen 2000; Clark et al. 2005). The
distribution of the dense regions is thought to be the precursor of a stellar initial
mass function (Motte et al. 1998; Motte & André 2001; Goodwin et al. 2008; Simpson
et al. 2008), and perhaps the stellar IMF is directly linked to this core mass function,
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as it seems for the Pipe nebula (Lada et al. 2008). Following a typical molecular cloud
from its infancy to a mature state, for different starting conditions, gives insight into
the processes that determine stellar masses and is the focus of this work. Specifi-
cally, we consider low-metallicity environments (dwarfs) and warm dusty systems
(starbursts).

In the next section we present the initial conditions for our 38 simulations and
present the results in the following section. Twenty of these simulations form the
basis of this research. They comprise 4 different metallicities with 5 combinations of
turbulent and rotational energies each. We add to these basis simulations compari-
son studies that include extra heating sources and cases where the primary heating
and cooling terms are removed.

2.2 Simulations
2.2.1 Numerical model and simulation setup

To model a collapsing molecular cloud, we solved the hydrodynamical equations us-
ing the adaptive mesh refinement (AMR) code FLASH (Fryxell et al. 2000). FLASH
uses the PARAMESH library (Olson et al. 1999; MacNeice et al. 2000) for grid refine-
ment and parallelization. Hydrodynamic equations were solved using the piecewise
parabolic method (PPM, Colella & Woodward (1984)).

For our 2D simulations we used a grid with a maximum resolution that amounts
to 40962 cells when completely refined, which is a refinement level of 10 in FLASH
terms. To minimize computational demands, we utilized the power of adaptive
meshes by initializing the simulation at refinement level 5, i.e., 1282 cells, and re-
fine with a density threshold of n = 600 cm−3 in order not to violate the Truelove
criteria (Truelove et al. 1997). This density was found to be the optimal balance be-
tween following the physics of cloud collapse and computational demand. The most
dynamic ‘central’ area, however, always started with the highest refinement to maxi-
mize precision and minimize resolution dependent effects in this region. The border
resolution between the refinement levels was set-up in such a way that there is no
sharp transition between the minimum and the maximum refinement.

We are aware of the problems that might arise if resolution is not sufficient. Tru-
elove et al. (1997) state that the Jeans length should at least be resolved by 4 cells,
i.e., Nj > 4 in order to ensure that the collapse is of a physical rather than numer-
ical nature. Another pitfall is that the transfer of gravitational energy to rotational
energy can lead to unphysical values if the initial resolution is poor, i.e., the num-
ber of initial cells Ni < 2145 (Commerçon et al. 2007). We are well beyond these
limits. Our minimum number of cells, extending beyond the central region, is at
least Ni > 16384 cells. The Jeans length is resolved by more than Nj > 77 cells. For
even greater precision, we keep the tree structure of the top level hierarchy intact in
FLASH. In other words, we initiate all simulations with one top-level block. Every
simulation is continued up to twelve dynamical timescales, which is computed as

tdyn =
√

3π/32Gρ, (2.1)

where G is the gravitational constant and ρ is the mass density.
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We do not include magnetohydrodynamic (MHD) effects in our models. Tilley
& Pudritz (2005, 2007) argue that these should not matter for the core formation as
much as the turbulence does. However, MHD certainly is an important aspect, see
Banerjee et al. (2007, 2009), which we will investigate further in the future.

2.2.2 Initial conditions

We start the basis simulations with four metallicities Z/Z¯ = 1, 10−1, 10−2, 10−3

with respect to solar metallicity and take Z = Z¯ as a benchmark value. The depen-
dence of the model outcomes on metallicity is the focus of this work.

For all simulations, we impose a Gaussian turbulence with a characteristic dis-
persion of σ = 2 km/s, comparable to observed values (Falgarone et al. 2001; Caselli
et al. 2002) and on the order of 0.3

√
GM/R. We did not assume the clouds to be

rotationally supported but rather that turbulent motions, following the Larson laws,
dominate. We adopted a Larson-like scale relation for the turbulence of the form
σ = 2 (R/1pc)0.5 km/s (Larson 1981). Bonnell et al. (2006) also show that molecular
clouds exhibit a σ ∝ R0.5 velocity dispersion law. The turbulence was introduced
as part of the initial conditions of the cloud and not maintained by external forcing.
The virialization of the gas that falls into local potential wells did maintain a level of
super-thermal random motions for several dynamical timescales.

We ran each metallicity condition with five rotational energies, i.e., β0 = 10−1,
10−2, 10−3, 10−4, 0, where β0 is the initial ratio of rotational to gravitational energy.
A Keplerian rotation was initiated around the z-axis multiplied by the ratio β0. We
define

β0 ≡ Iω2

GM2/r
=

v2r
GM

. (2.2)

Here, I is the moment of inertia, ω the angular velocity, v the radial velocity, and
M and r are the total cloud mass and its corresponding radius. Studies show that
a typical ratio for molecular cloud cores is β0 = 0.02 (Caselli et al. 2002). These
authors have observed 57 cloud cores and find energies within the range of β0 ≈
10−1 − 10−4. Cosmological simulations indicate that star-forming host clouds have
rotation energies on the order of β0 ' 0.1 (Bromm et al. 2002; Yoshida et al. 2006).

We simulated an initially spherical cloud with a radius of 10 pc within a box that
is periodic in both gravity and spatial boundaries. Given the larger box size of 26
pc and because of symmetric initial conditions, we neither expect nor see that the
periodicity is an issue. We initialized the cloud with a mean constant density of
n ' 103 cm−3 (Frieswijk 2008), since it is not likely that a well-developed density
profile exists before virialization. These initial conditions mean that we start with an
initial cloud mass of 28.3×103 solar masses. The initial gas temperature is put at 100
K throughout the cloud, simulating starburst regions (Spaans & Silk 2000; Ott et al.
2005).
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2.2.3 The simulations

We present twenty simulations, with flat initial density profiles, where we focus on
the effect of metallicity on cloud fragmentation. In a similar fashion to the work by
Machida (2008) and Machida et al. (2009), we also investigate the importance of ro-
tation and turbulence in these. We present 15 more simulations with the same setup
to test and compare specific physical cases.

Metallicity: Four sets of five simulations are done to follow the collapse and frag-
mentation of metallicity-dependent cooling functions for turbulent, rotating, and
nonrotating cases. These simulations have an initial cloud temperature of 100 K,
which represents the high temperatures within the active environments where the
molecular clouds are formed.
Dust and CRs in starbursts: Five solar metallicity runs with additional heating
sources; cosmic rays and dust. In massive star-forming regions prominent in star-
bursts, there can be a lot of warm dust affecting the thermal balance of the cloud.
Dust can act as a cooling mechanism when the gas temperature is higher than the
dust temperature. Once the temperature of the gas is lower than the dust, this is the
case for photon-dominated regions (PDRs) with AV > 5 mag, it will become a source
of heating.
Cosmic rays can ionize and heat the gas, but their contribution is generally thought
to be low. In starbursts, the impact of CR-heating is stronger because of the increased
production by massive stars, i.e., supernovae.
Isothermal at 25 K: Five runs kept the temperature nearly constant at a starting cloud
temperature of 25 K, representing an environment where the temperature is higher
than what we observe in the Milky Way. For these simulations, the temperature is
not allowed to go below 25 K and the compressional heating term is removed. The
results are compared to cases where the thermal balance is incorporated.
Isothermal at 10 K: A second series of near-isothermal runs are initiated at T=10 K
in order to compare them to Milky Way conditions and to check the impact of the
isothermal condition.

2.2.4 Chemistry, cooling and heating

In our simulations we used a detailed cooling function created with the Meijerink &
Spaans (2005) code. The metallicity-dependent cooling includes fine-structure emis-
sions from carbon and oxygen, as well as molecular lines from species like CO and
H2O. The level populations were corrected for LTE effects above 103 cm−3. The
chemistry includes gas phase and grain surface formation of H2 and HD (Cazaux
& Spaans 2004, 2009) and line trapping by the initial column (NH ∼ 1022.5 cm−2

and σ = 2 km/s) through the cloud, as described in Meijerink & Spaans (2005) and
using the multi-zone escape probability method of Poelman & Spaans (2005). Line
trapping during cloud collapse was ignored (see the discussion). A background radi-
ation field was included that conforms to 0.1 G0 (in units of the Habing field, Habing
1968) in the dwarfs and 30 G0 for the starbursts (Spaans & Norman 1997; Klessen
et al. 2007), see Fig. 2.1.
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Figure 2.1: Four cooling curves by Meijerink & Spaans (2005) corresponding to four metallic-
ities Z = Z¯, 10−1 Z¯, 10−2 Z¯, and 10−3 Z¯. The cooling rates (Λcr) correspond to a number
density of 104 cm−3.

At high column densities, cosmic ray heating can play an important role. For
our heating by cosmic rays, we used the definition of Meijerink & Spaans (2005) as
presented in Eq. 2.3, which scales linearly with the density.

ΓCR = 1.5× 10−11 ζn(H2) erg cm−3 s−1. (2.3)

We took the cosmic ray ionization rate per H2 molecule ζ as 9×10−16 s−1. This
corresponds to a starburst environment with a background star formation rate of
∼30 M¯ per year, with the appropriate scaling for dwarf galaxies (Spaans & Silk
2005).

Besides the heating by cosmic rays, heat can be transferred through collisions
between dust and gas. The gas-dust temperature difference is important here. We
add gas-grain collisional heating to our simulations as given by Hollenbach & McKee
(1989, 1979) and Meijerink & Spaans (2005);

Γcoll. = 1.2× 10−31n2
(

Tk
1000

) 1
2
(

100 Å
amin

) 1
2

(2.4)

×
[

1− 0.8 exp
(−75

Tk

)]
(Td − Tk) erg cm−3 s−1.

In this equation, Tk is the gas kinetic temperature, n is the average number density
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Figure 2.2: A 2D slice of a 3D cloud collapse simulation at t ' tdyn. Plotted variable is density.
Left: A face-on view of the disk. Right: An edge-on view of the disk.

and amin is the minimum grain size that is taken as 10 Å. We keep the grain size
distribution fixed (MRN, Mathis et al. 1977). The dust temperature we use, Td =
39 K (Wiklind & Henkel 2001), is for a starburst region (Meijerink & Spaans 2005)
and is kept constant. The heat transfer between gas and grains will act as a cooling
mechanism for the gas when it has a higher temperature than the dust.

Because line trapping beyond a column density 1022.5 cm−2 is not taken into ac-
count, the temperatures presented in this paper are lower limits. Above ∼ 104.5

(Z¯/Z) particles per cm−3, heating by dust dominates. In this case, line trapping
becomes less important because the n2 dependence of the gas-dust coupling pre-
vails over the n dependence, or weaker, of line emission in LTE. The fine intricacies
of cooling and heating together with gravity determine the main results of this paper.

2.3 Results

First, we performed three 3D simulations at refinement levels 9 and 10 (20483 and
40963 cells). We did these simulations to see if the extra dimension produces signifi-
cant differences in the results as compared to 2D. Due to one less degree of freedom,
2D simulations can result in a higher merger rate and thus fewer fragments with
higher masses in the end. The three 3D turbulent simulations were carried out for
modest rotational energies, β0 = 10−1, β0 = 10−3, and one nonrotating initial con-
dition, to avoid excessive influence by rotational motions on the outcomes. These
runs are slightly lower in resolution than the 2D simulations, and we follow them
up to 4 tdyn. In the two rotating cases, we see a disk forming within a time close
to the free-fall timescale t ≈ tdyn, see Fig. 2.2. After tdyn, one effectively has a 2D
system. The nonrotating simulation, however, does not exhibit significant flattening.
Nevertheless, we do observe that the results, even for this case, is very similar to its
2D counterpart for solar metallicity. It has been verified that fragmentation starts on
the same timescales as for the 2D simulations, t & tdyn. The number of fragments is
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somewhat higher, while their masses are comparable to their 2D counterparts. We
emphasize that metallicity effects have our interest and feel that 2D simulations suf-
fice to capture any salient features.

The final stage of every simulation is analyzed for the number of fragments
(cores) and their masses. The results of all basis simulations in metallicity Z and
initial turbulent and rotational energy are shown as density images after 12 theoret-
ical dynamical timescales in Fig. 2.3.

We find the fragments by using an algorithm called isovolume within the visual-
ization tool VisIt (Childs et al. 2005). A given density threshold value lets the algo-
rithm select the connected components above this threshold. Putting a density cap at
105 cm−3 to select the dense cores (Alves et al. 2001; Caselli et al. 2008), we were able
to count the number of fragments and determine their masses. The choice of thresh-
old density matters for the number of fragments one derives and for their masses.
However, we find that there is no significant change in the number of fragments
for a spread of one order of magnitude in our threshold density, while the fragment
masses do decrease with increasing threshold density. Clumps and fragments can
also be identified from their deep potential wells like the bound p-cores method by
Smith et al. (2009). The fragment sizes range between r=6,000 AU and 84,000 AU. A
complete overview of the fragments and their masses can be found in Table 2.1.

2.3.1 Metallicity and multi-phase structure

We evaluated the temperature inside the cores and that of the surrounding gas of
every simulation. In most cases, the cooling function is able to cool the gas efficiently.
Even though there is compressional heating, the gas can cool down to temperatures
as low as 10 K. The difference lies in the rate with which each model cools down
or heats up. For the various metallicities, we present temperature plots in Fig. 2.4.
The images are representative for every value of β0. The density is overplotted with
contours in these images to highlight the high density regions, and specifically, to
show the location of the dense cores. The Jeans length is illustrated on the lower left
side of the images∗.

We find that the temperature increases inside the fragments as the metallicity
decreases. The regions where the density is higher than its surroundings have tem-
peratures of about 10 K on average for Z = Z¯ and 20 K for Z = 10−3 Z¯. We see
the same trend for the lower density gas, in that the amount of cool gas, i.e. gas with
temperatures lower than 50 K, decreases with Z. For a gas density above 104 cm−3

and a gas temperature of more than 100 K, fine-structure cooling of [OI] dominates
with mid-J CO emission and water at the 20% level. Below 100 K, low-J CO line emis-
sion is the main coolant with contributions from water on the 10% level. Diffuse gas
below 104 cm−3 is mainly cooled by [CII].

In Figs. 2.5 and 2.6 we present phase diagrams, gas temperature versus den-
sity, which highlight the response of the gas to metallicity driven cooling and ad-
ditional heating processes. It is immediately obvious that a cold dense phase is
supported, but also that more warm gas exists at lower metallicity or higher dust

∗The diameter of this circle corresponds to twice the Jeans length, which we refer to here as the Jeans
circle. For an object to be able to fragment, it must have a size of at least twice the Jeans length and thus,
must be larger than the Jeans circle.
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Figure 2.3: Density plots of the final stage (t = 12 tdyn) of every simulation of metallicity
against rotational energy. Orange to red depicts high density, typically higher than 104 cm−3

and up to 109 cm−3. Light blue portrays those densities lower than 1 cm−3. Top to bottom:
Decreasing in metallicity, Z = Z¯, 10−1 Z¯, 10−2 Z¯, 10−3 Z¯. Left to right: Decreasing in
rotational energy β0 = 10−1, 10−2, 10−3, 10−4, 0. All images have boxsizes of 4x4 parsec.

temperatures. In Fig. 2.5, one immediately notices that for high metallicities, the
slope dlog(T)/dlog(n) is steeper between ∼ 1 and ∼ 103 − 104 cm−3 and that the
cooling time is shorter. We also note that the maximum density achieved is lower at
lower metallicities. The diagrams show that a two-phase medium exists with pre-
ferred densities of around 1 and 104 cm−3. This is independent of the specific grid
structure.

Above 104− 105 cm−3, compressional heating starts to dominate the thermal bal-
ance and raises the temperature. The increase due to adiabatic heating is weak-
ened for higher metallicities, while the temperature can rise up to 1000 K for lower
metallicities, if collapse is not halted completely. For low turbulent/rotational ener-
gies and in the case of zero rotation, there is a distinct curvature at a single density
present. This is where the temperature rises quickly due to compression so that the
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Figure 2.4: Temperature plots for four different metallicities at t = 12 tdyn, Z = Z¯ (top left),
10−1 Z¯ (top right), 10−2 Z¯ (bottom left), 10−3 Z¯ (bottom right), for β0 = 10−1. The color
red represents temperatures above 50 K. Contour plots of number density are overplotted
in these figures in black. Contour levels are 106, 105, 104, 103, 102, 101 cm−3. The axes are
in units of 1018 cm in both directions. In the bottom left corner of each image, the Jeans
length is illustrated by a white circle. To calculate the Jeans length, the average value of the
temperatures and densities of the clumped regions of each image is used. These are: T = 10.0,
13.1 13.4, 19.0 [K] and ρ = 7.0, 3.3, 0.41, 0.22 [×10−19 g cm−3].

inefficient cooling cannot compensate for this fast increase. At this point, the object
is thermally supported until it reaches higher temperatures where the cooling gets
increasingly more effective.

There are always accretion shocks with high temperatures in their wake. This
is important for the cloud’s evolution and fragmentation. We find shocks in low-
density gas and occasionally near the fragments. They consist of thin layers of
slightly overdense gas with high temperature and a steep velocity gradient. Shock
waves are more prominent when the collapse is rapid. Shock heating can dominate
under such conditions.
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Figure 2.5: The phase diagrams of each metallicity after twelve dynamical timescales for two
β0 ratios, 10−1 (left) and 10−3 (right). Top to bottom, highest (Z = Z¯) to lowest (Z = 10−3 Z¯)
metallicity.
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Figure 2.6: The phase diagrams of several nonrotating simulations with additional physics
for different environments after twelve dynamical timescales. The two figures on the right
represent isothermal simulations at 25 K (top) and 10 K (bottom). The top left one is a phase
diagram of the solar metallicity simulation with dust and CR heating. The bottom left figure
is for a nonrotating 3D simulation also with Z = Z¯.

2.3.2 The effect of metallicity, turbulence, and rotation on fragmentation

We notice the immediate result that higher metallicity and higher rotational energy
leads to more fragmentation, also found by Clark et al. (2008b). A similar in-depth
work on this has also been performed by Machida (2008) and Machida et al. (2009),
at higher densities.

From a metallicity perspective, a clear trend is visible, which at higher metallicities
show more fragments and the average masses of the fragments are generally lower.
The last statement is illustrated in figure 2.7. If we sum all the fragment masses,
the total fragmented mass increases with the amount of fragmentation, hence with
metallicity. This is caused by the fragments accreting mass over time and more frag-
ments accreting more mass. The compressibility of the gas also depends on the
metallicity. One may understand this by using a polytropic equation of state of the
form P ∝ ργ, for an ideal gas P ∝ ρT. Increased metallicity then causes γ (Eq. 2.5) to
be softened to unity or less since cooling is more efficient:

γ = 1 +
dlog(T)
dlog(ρ)

. (2.5)

In a few low metallicity cases, we did not find fragments with densities above
the threshold criterion. In the same way, the inability to fragment holds for all low
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Figure 2.7: Average fragment mass (<Mf>) with initial conditions as determined after twelve
dynamical times. Left: <Mf> versus metallicity for each initial rotational energy. Right:
<Mf> versus rotational energy for each metallicity.

metallicity runs. While turbulence initially causes density perturbations, and struc-
tures with marginally high density, the cloud does not develop into more compact
objects. We see that these undeveloped structures are rather diffuse. The internal
pressure is too high for them to collapse on their own and the cooling is not efficient
enough to bring down their temperatures. The latter effect causes the thermal Jeans
mass, given in Eq. 2.6, to become very high for these cases and prevents further
collapse:

MJ =
(

3
4π

) 1
2
(

5k
Gµmh

) 3
2 T

3
2

ρ
1
2

. (2.6)

In solar mass units, the Jeans equation can be formulated as (Frieswijk 2008)

MJ ' 7.5
(

T
10 K

) ( nH2

104 cm−3

)− 1
2

(M¯). (2.7)

Typical Jeans masses are ∼10 solar masses for a 10− 20 K object with a number
density of ∼105 cm−3. For low metallicities, where the temperature can rise to a few
100 K, the Jeans mass lies in the range 102 − 103 M¯. Nonetheless, the Jeans mass
can become as low as a few solar masses at higher densities despite the increase in
gas temperature. A typical Jeans mass diagram of a solar metallicity simulation is
shown in Fig. 2.8.

From a rotational perspective, we see that faster rotation results in more fragments
in general. We find fragmentation happening for all given initial rotational energies
for the highest metallicity case, because of the imposed turbulence. Even at the low-
est rotational energy, collapse to a binary still occurs. Since the turbulence imparts
significant angular momentum, the β = 0 case looks similar to the low β cases, ex-
cept that there is more diffuse material surrounding the cores. All simulations are
supersonically turbulent over the first 1-2 dynamical timescales and level off to 0.4-2
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Figure 2.8: A diagram that shows the Jeans mass as a function of number density for a nonro-
tating solar metallicity run at t = 12 tdyn.

km/s after 3 tdyn. Typically, the effective line widths (∆v) at 12 tdyn are about 1 km/s
on the scale of the fragment (∼0.1 pc). Higher metallicity tends to lead to more tur-
bulent motions. For the lower metallicity cases, we do not see fragmentation below
ω0tdyn < 0.03. Here, ω0 is the angular velocity, which is obtained just by putting
v = ω0r into Eq. 2.2. Combining it with Eq. 2.1, we get Eqs. 2.8 (Matsumoto &
Hanawa 2003) and 2.9. In fact, fragmentation only occurs in our studies when the
criterion of Eq. 2.10 is met. This is found by fitting a function through the points
where we still see fragmentation:

ω0 =

√
β0GM

r3 (2.8)

ω0tdyn =

√
π2β0

8
(2.9)

ω0tdyn exp
(−(log(Z/Z¯)− 1.5)2

1.74

) √
Z/Z¯ ≈ 1.28× 10−2. (2.10)

Figure 2.7, right, shows that the average fragment mass <Mf> is higher at lower
initial rotational energies. We see here that the cloud is fragmenting and the average
fragment mass is greatly reduced for lower rotational energies when the cloud has
higher metallicity and is turbulent.

The specific angular momenta, j, of the fragments with size scales of 0.03-0.1 pc
are typically a few times 10−21 cm2/s. For larger fragments (∼0.3 pc), j is somewhat
higher and ∼1022 cm2/s, in agreement with Bodenheimer (1995).
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2.3.3 The effect of the environment on fragmentation

We present the density plots of the final stage of every run in Fig. 2.9. The results of
these follow-up simulations can be found in Table 2.2, and the representative aver-
age fragment mass is plotted in Fig. 2.10.

Figure 2.9: Density plots of the environmental simulations at t = 12 tdyn. Molecular clouds
in environments having dust and cosmic rays are simulated with solar metallicity. Orange to
red depicts densities typically higher than 104 cm−3 and up to 109 cm−3. Light blue portrays
those densities lower than 1 cm−3. All images have boxsizes of 4x4 parsec.

Dust and CRs in starbursts: When we add an extra heating source due to dust,
i.e., gas-grain collisional heating, and one due to elevated cosmic ray ionization, we
see noticeable changes in the end results. Initially, the cooling becomes more effi-
cient, because the gas has a higher temperature than the dust so that the dust acts
as a coolant for the gas. When the gas temperature drops and falls below the dust
temperature, the gas is heated by the dust (and by cosmic rays). In the end, the frag-
ment temperatures are close to the dust temperature of 39 K. The phase diagram for
a nonrotating case in Fig. 2.6 (upper left) shows this steep decrease in temperature,
slightly cooling below the dust temperature before it stabilizes around the dust tem-
perature. The strong collisional coupling between the dust and the gas imposes this
tight T− n relation.
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Heating by cosmic rays and dust is strong enough to prevent further fragmen-
tation on smaller scales and causes the largest fragments to accrete nearby material.
Typically, fewer fragments are formed at this point, for the models with β0 ≥ 10−2.
There are more fragments for the case β0 = 10−4 where overall gas heating due to
adiabatic compression and CRs renders Tg > Td. This scenario is comparable to
the situation for population II.5 stars (Schneider et al. 2006). Thus, dust can enhance
fragmentation when the conditions are right.

A remarkable result that is seen when there is zero initial rotation is that the warm
dusty cloud stops fragmenting in contrast to the expected trend. The would-be frag-
ments are blurred out and settle in a disk around the sole compact object instead.
We find that the cloud is very sensitive to initial rotation in this regime. A rapid
turnover from a fragmenting cloud to a nonfragmenting case is found to be around
β0 ∼ 10−5. Interestingly, this is in close agreement with the lower limit of frag-
mentation (β0 = 10−4) that Machida et al. (2009) find. Starburst systems may have
super-solar metallicities (Israel 2009). We have verified that increasing the metallic-
ity of the cloud to twice solar has little impact on our results.

Isothermal: When we keep the temperature constant, we effectively assume that
the pressure scales linearly with the density. Two near-isothermal runs are compared
to the thermal balance runs at 10 K and 25 K. In environments that are less active,
molecular clouds are known to have these low temperatures. Although we initialize
with these temperatures, accretion shocks, which can increase the temperature up to
a few hundred degrees in their wake, still affect the temperature of the cloud and
the cores. Typically, the temperature remains constant around the initialized value
for gas with density higher than n = 1 cm−3 (see the two diagrams on the right in
Fig. 2.6), while the temperature for the diffuse gas can go up one order of magni-
tude. For the 25 K condition, this makes the Jeans mass higher than simulations with
incorporation of the thermal balance and where the cooling is dominant. Compared
to the highest metallicity case Z = Z¯ of the metallicity study, for β0 & 10−3, the
fragments are less well developed and have densities similar to the lower metallicity
results. Even for the 10 K isothermal case there are fewer fragments, though it has
the same final temperature as the cooling included runs.

At lower rotational energies the difference is less apparent, since compressional
heating for non-isothermal runs can overcome the cooling. In fact, for nonrotating
clouds, fragmentation for the 10 K isothermal case tends to be higher. This change
in fragmentation is caused by the temperature gradient with increasing density. Al-
though the thermal Jeans mass of the metallicity runs is initially higher than in all
the near-isothermal models, fragmentation is stimulated due to softening of γ. For
the lowest rotational energy (β0 = 10−4) and the nonrotating case in the solar metal-
licity model, γ is stiff (γ = 1.4), and the temperature stays relatively high (& 100
K) compared to the near-isothermal case, because compressional heating suppresses
fragmentation. The evident difference between the two near-isothermal cases (10
and 25 K) can be explained by the difference in Jeans mass of a factor ∼4.
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Figure 2.10: Average fragment mass versus initial rotational energy for simulations within
three distinct physical environments at t = 12 tdyn.

2.4 Conclusions and discussion
We performed 38 hydrodynamical simulations where we rigorously tested the de-
pendence of molecular cloud fragmentation on the ambient conditions as they per-
tain to starburst and dwarf galaxy regions. We compared these with the well known
conditions of the Milky Way. Our results on the metallicity simulations show that
the amount of fragmentation and the compressibility of the gas scales with increas-
ing metallicity. In this, the cooling by gas phase and grain surface chemical species
plays a subtle but fundamental role. We find that turbulence and rotation also play
an important role. Turbulence of 0.3 Egrav, following the Larson laws, is a crucial in-
gredient in the development of fragments. Although rotation is observed for sub-pc
scale molecular clouds, it is unlikely that clouds of these sizes (parsec) have rota-
tional support. All simulations were therefore performed for β0 values of much less
than unity. These results agree with expectations and are comparable to the work of
Machida (2008) and Machida et al. (2009), albeit at lower density. The metallicity has
a greater impact on cloud fragmentation than β0. For the highest metallicity model,
fragmentation (into a binary) is still possible for even the lowest (or zero) rotational
energy.

Regarding the initial temperature of the simulations, we note that starting with
a high temperature of 100 K, as for starbursts, does not seem to be too important.
When we do not consider the extra heating sources, radiative cooling can quickly
overcome the high initial temperature and cool the cloud down to∼10 K. This is true
for most cases except when the initial rotational energy is very low. In this situation,
the adiabatic heating and the heating due to shocks, which are more prominent now,
can overcome the cooling. Fragments have higher temperatures >100 K under these
circumstances, which suppresses fragmentation. The surrounding gas, though, stays
cold (∼10-20 K).
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When we use low metallicity, similar to dwarf galaxies or the early universe,
the average fragment mass increases in our simulations. This leads to massive cloud
cores and can eventually induce massive star formation (Dabringhausen et al. 2009b;
Lada et al. 2008), relevant to the origin of the IMF.

We summarize our main conclusions as follows

• Increased metallicity promotes fragmentation. There is a clear and strong de-
pendence of fragmentation on metallicity, where the average fragment mass
decreases with increasing metallicity.

• Heating by cosmic rays and dust, for initial conditions of high-metallicity, are
strong enough to slow down cooling and reduce fragmentation. When the gas
and dust are thermally coupled, we find that the gas temperature stabilizes
close to the dust temperature, Tg = Td, at densities >105 cm−3.

• Fragmentation is suppressed for isothermal clouds. In almost all of the near-
isothermal simulations that we did, we see a smaller number of fragments
compared to their non-isothermal counterparts, except when adiabatic heat-
ing is very strong. Although the temperatures are exactly the same in several
cases, even lower compared to the non-isothermal runs for the lowest β0 ra-
tios, and the Jeans masses are comparable, the evolution and fragmentation of
the cloud differs. We attribute this to the stiffer effective equation of state, i.e.
γ = 1, which evidently has a strong impact (Klessen et al. 2005b).

For the main part in this research, we performed 2D simulations. One can ar-
gue that 2D simulations are not representative for a 3D cloud. Certain physics, like
MHD, is indeed impossible to do in 2D, but we have not used any kind of physics or
initial condition that requires a third dimension. We find that a higher merger rate
occurs for 2D simulations thanks to one less degree of freedom and that our frag-
ments have a somewhat higher mass. Still, we do not see many mergers in general.
The 3D simulations that we ran show that a disk forms in a time that is comparable
to or is less than the fragmentation time scale if even a modest rotation exists, effec-
tively making the problem a 2D one. The results are slightly different, perhaps due
to the lower resolution, or possibly owing to the shorter simulation time, but show
comparable structures. A disk does not form when there is complete lack of initial
rotation. This, however, does not change our results, since the nonrotating 3D simu-
lation also fragments into two compact objects with comparable masses and enjoys
a similar temperature evolution (Fig. 2.6) as its 2D counterpart.

Changes in the density profile do not affect the evolution of the cloud as far as
the impact of metallicity is concerned. Testing a power-law density profile (Eq. 2.11),
as observed in active galactic regions (Genzel et al. 2003; Mapelli et al. 2008), against
a flat profile and keeping the mean density constant, we find that the results are
similar. The results (not shown) are the same for the number of fragments, but also
alike in their temperature evolution. Only the fragment masses are marginally lower
when using a flat profile, due to competitive accretion (Bonnell 2005):
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ρ = ρ0

(
1

1 + R/Rc

)α

cm−3, (2.11)

where R is the specific cloud radius, α = 1.4 the power of the profile, ρ0 the central
density of n = 104 cm−3, and Rc the characteristic length of 1 pc. This is the radius
within which the central density remains approximately constant.

We do not reach star densities, but the fragmentation and formation of dense
cores is determined at the much earlier phases that we probe. We have not made
use of sink particles, as this is usually done to make a jump in resolution and form
protostars from dense cores, but our fragments should be able to form many stars.
Opacity effects beyond 1022.5 cm−2 are not considered in our simulations simply be-
cause we do not reach very high densities. The maximum densities that we reach
are n ∼ 108 − 109 cm−3. Molecular opacity at high densities can actually have quite
a different effect on fragmentation compared to densities below 103 cm−3 (Poelman
& Spaans 2005, 2006). A cloud can become optically thick sooner and trap the lines
when there are more metals to form molecules with. This in turn will heat the system
and prevent further fragmentation. Incorporating radiative transfer will be the next
step in the continuation of this research.
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Star formation is regulated through a variety of feedback processes. In
this study, we treat feedback by X-rays and discuss its implications. Our
aim is to investigate whether star formation is significantly affected when
a star forming cloud resides in the vicinity of a strong X-ray source. We
perform an Eulerian grid simulation with embedded Lagrangian sink
particles of a collapsing molecular cloud near a massive, 107 M¯ black
hole. The chemical and thermal changes caused by radiation are incor-
porated into the FLASH code. When there is strong X-ray feedback the
star forming cloud fragments into larger clumps whereby fewer but more
massive protostellar cores are formed. Competitive accretion has a strong
impact on the mass function and a near-flat, non-Salpeter IMF results.
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3.1 Introduction
At a distance of 100 pc, a massive 107 solar mass black hole is able to emit X-rays
with a flux of 100 erg s−1 cm−2 (Meijerink et al. 2007). The presence of X-rays in star
forming regions alters fundamental processes in star forming molecular clouds, that
eventually determine stellar masses, like ionization and gas and dust heating, and
do so up to column densities of 1024 cm−2 and distances of 300 pc (Schleicher et al.
2010b).

In our local neighborhood, the initial mass function (IMF) is observed to be a
power-law, nicely following a Salpeter slope. The IMF is assumed to have a uni-
versal shape and spatially well resolved studies (Chabrier 2003; Sabbi et al. 2007;
Elmegreen et al. 2008) confirm this at low and high masses. When we turn to ob-
servations of more radical environments like the Galaxy center, hints for different
IMFs appear (Figer 2005a,b; Paumard et al. 2006; Espinoza et al. 2009; Elmegreen
2009; Bartko et al. 2010). However, the evidence is also claimed to be controversial
(Bastian et al. 2010). Nuclei of active galaxies, e.g., ULIRGs like Arp 220 and Markar-
ian 231, see van der Werf et al. (2010), enjoy conditions much more extreme than the
Milky Way galactic center. Little is known on the IMF there, so theory and simu-
lations are needed to guide understanding. The idea arose that massive stars form
more easily in these extreme regions and that the IMF might be top-heavy (Brassing-
ton et al. 2007; Klessen et al. 2007; Dabringhausen et al. 2009b). Other explanations
are possible, still, it is worthwile to test this hypothesis numerically.

Until now, there have been many studies of feedback processes and external
influences on star formation (Bonnell & Rice 2008; Wada 2008; Wada et al. 2009;
Krumholz et al. 2010; Bate 2010). However, no numerical simulations have been
performed yet of a collapsing molecular cloud under strong incident X-ray radia-
tion. In this paper, we present the first 3D numerical simulations on the effects of
X-rays on star forming molecular clouds that reside close to a massive black hole. In
the next sections, we compare such a molecular cloud to an X-ray free environment
and evaluate the star formation efficiency, stellar masses, and the resulting IMF.

3.2 Numerical model
3.2.1 The FLASH code

All simulations in this study have been performed with the Eulerian hydrodynami-
cal and N-body code FLASH (Fryxell et al. 2000; Dubey et al. 2009). We used FLASH
with the improved gravity solver that was added in version 3 (Ricker 2008). FLASH
is a modular based, strongly-scaled parallel code that is specialized in adaptively
refined meshes in which one can use particles in conjunction with the grid.

The hydrodynamic equations are solved using the piecewise parabolic method
(PPM, Colella & Woodward 1984), which is an improved version of Godunov’s meth-
od (Godunov 1959). PPM is particularly well suited for flows involving disconti-
nuities, such as shocks, that are strongly present in this study. FLASH is provided
with many and extensively tested modules that encompass a broad range of physics.
Many of these modules, including hydrodynamics, thermodynamics, (self-)gravity,
particles, turbulence, and shocks are standard ingredients for interstellar physics and
star formation and are thus incorporated in this work. Several additions were made
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to the code to follow the (radiation)physics in detail, such as sink particles, radiative
transfer, multi-scale turbulence, and refinement criteria based on Jeans length and
sink particles. The main additions are described in the following subsections.

3.2.2 Sink particles

Sink particles are point particles that can grow in mass by accreting gas and merge
with other particles, however, they cannot lose mass or fragment. These particles
represent compact objects, in our case protostars. Sink particles are a necessary in-
gredient if one wants to follow a density evolution over a large dynamic range, like
a collapsing cloud. We created a sink particle module that takes care of the particle
creation, determines their masses, handles Bondi-Hoyle type accretion, and tracks
the particles if they are eligible for merging.

A sink particle is created when it passes several criteria for indefinite collapse as
given by Federrath et al. (2010). The mass it obtains at creation is determined by a
density threshold that is set by the maximum resolution. The Truelove et al. (1997)
criterion states that the Jeans length should not be resolved by less then 4 cells if one
wants to avoid artificial fragmentation. This criterion can be rewritten in the form
of a density limit. Any excess density is taken away from the grid and added to the
mass of the particle. The sink particle algorithm created for this study follows the
method created by Krumholz et al. (2004). For any details of this method, we refer
the reader to that paper.

3.2.3 Radiative transfer

In order to update the effects caused by X-rays on the temperature of the gas, we
ported an X-ray dominated region chemical code (XDR code) created by Meijerink &
Spaans (2005) into FLASH. This code incorporates all of the heating (photo-ionization,
yielding non-thermal electrons) and cooling processes from atomic (fine-structure,
semi-forbidden) and molecular transitions (CO, H2, H2O). Effects from internal UV,
cosmic rays, and dust-gas coupling are treated as well. Given an X-ray flux, gas
density, and column density along the line of sight to the source, the XDR code cal-
culates the temperature and the chemical abundances. This output is fed into the
simulation at every iteration. Most of the computation is spent finding the column
densities for every cell. A ray-tracing algorithm, specifically created for this purpose,
searches the grid and sums up the column densities of each cell lying along the line
of sight from the source, the accreting black hole, to the target cell. The X-ray flux is
an E−0.9 power law between 1 and 100 keV. X-ray scattering is not very important,
but is nonetheless treated in the XDR-code. A uniform background of cosmic rays
prevents the temperature from dropping below 10 K. For this, a cosmic ray ioniza-
tion rate typical for the Milky Way ζ = 5× 10−17 s−1, is assumed (Spaans & Silk
2005)

3.2.4 Initial conditions

We create a spherical gas cloud with solar abundances at a distance of 10 parsec from
a 107 M¯ black hole. We run two separate simulations and name them simulation
A and B. Simulation A represents a molecular cloud near an active black hole under
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the impact of X-rays. Simulation B has a cloud near an inactive black hole and has
isothermal conditions, with an equation of state of the form P ∝ ρ. The XDR code that
updates the thermodynamics is only linked with simulation A where we do have X-
rays. The 107 M¯ black hole, at 10% of Eddington, yields a flux of 160 erg s−1 cm−2

with some extinction (Meijerink et al. 2007). Wada et al. (2009) show that column
densities of 1022.5 cm−2 can typically exist in the central R ' 10 pc of an AGN,
leading to a 1 keV optical depth of 2-3. Furthermore, Wada et al. (2009) show that
column densities as large as 1024 cm−2 occur and persist in a statistical sense in the
dynamically active inner 20 pc. A gaseous cloud can thus be shielded by this clumpy
medium around the AGN and remain cold, while the temperature rises rapidly once
the cloud is exposed to the radiation. Both our simulations start with the same initial
conditions, but we expose simulation A to an X-ray source once the simulation starts.
In this, heating is nearly immediate, since the timescale for heating is much shorter
than the collapse time, theat ¿ tff, and of the order of 10−1 years. All other conditions
are the same for both simulations.

The simulations are set up with an initial random, divergence-free turbulent ve-
locity field and a characteristic FWHM of 5 km/s that agrees well with molecular
clouds observed in active regions (Pérez-Beaupuits et al. 2009). These are super-
sonic flows with Mach numbers of up to 25, where the isothermal sound speed of
the cloud is cs = 0.19 km/s (for T = 10 K) and can go up to a maximum of 5 km/s
when the cloud is heated by X-rays (T ' 104 K). We do not drive the turbulence but
follow its decay. The turbulence is applied over all scales with a power spectrum of
P(k) ∝ k−4, following the empirical laws for compressible fluids (Larson 1981; My-
ers & Gammie 1999; Heyer & Brunt 2004). We start the simulations with a cloud that
is in a stable Keplerian orbit around the black hole. Shear that is introduced by the
black hole is taken into account. The maximum velocity difference imposed by the
black hole, ∆vshear = 2.2 km/s across the cloud, is of the order of the applied initial
turbulence. This process keeps the turbulence strong to large dynamical times, i.e.,
> 1 tff, with tff =

√
3π/32Gρ and 105 years∗ throughout this work. The shearing

time, tshear = Dcloud/∆vshear, is almost 3 times larger than the cloud free-fall time
and gravitationally bound (roughly) spherical clouds are likely to exist at densities
of ∼105 cm−3.

The molecular cloud starts with a uniform number density of 105 cm−3 and has
a size of 0.33 pc in radius. With a mean molecular weight of µ = 2.3, the total mass of
the cloud amounts to 800 solar masses. The rest of the medium is filled with gas that
has a uniform density of 100 cm−3. The simulation box, a cube of size 24 pc, has out-
flow boundaries and is isolated in terms of gravity. We increase the resolution where
needed according to a self-developed Jeans criterion. The algorithm calculates the
Jeans length at every grid cell, compares it against the Truelove criterion, and adds
resolution when this is about to be violated. The maximum grid resolution that we
allow for any simulation is 81923 cells. With the box size of 24 pc, the maximum spa-
tial resolution becomes 8.8× 1015 cm. If gas continues to collapse and needs higher
resolution beyond the maximum refinement level, sink particles are created thereby
taking density away from the gas such that mass and momentum is conserved and

∗Given the initial condition of ρ = 3.84 · 10−19 g cm−3
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the resolution criterion is not violated. We give sink particles an accretion radius of
effectively 3 cells, that is, 2.6× 1016 cm ' 1760 AU. The temperature in both sim-
ulations is initialized at 10 K, but for the simulation with X-rays, the temperature
is updated by the XDR code, and changes quickly (. 10−4 tff = 1 timestep) after
initialization.

3.3 Results
3.3.1 X-rays versus no X-rays: IMF and Jeans mass

Both simulations, A and B, are followed for 2×105 years. This is approximately two
free-fall times for a 105 cm−3 cloud. X-rays can heat the cloud to as high as 6000 K
at low column densities (< 1021 cm−2), this is the case for the side that is directly
exposed to the X-ray source, but also to as low as 10 K at high column densities
(> 1024 cm−2). Fig. 3.1 shows a column density plot to this effect.

Figure 3.1: Column density (cm−2) slice of simulation A at t = tff. The colors represent the
column density along the line of sight to the black hole, which is located at the upper left side
(the black arrows indicate the direction of radiation). The density is shown in black contours.
Contour levels are 1, 4, 16, 64, 256, 1024 ×104 cm−3. The white spheres display the location of
the sink particles and the red arrow indicates the direction of the cloud’s orbital motion.

The directional heating increases the pressure and causes the gas to expand and
evaporate on the irradiated face of the cloud. The molecular cloud is compressed,
loses mass, and an ionizing pressure flow travels inward. We see that this compres-
sion creates a density increase of about half an order of magnitude within a free-fall
time as compared to simulation B. The conical compression front is disrupted where
the turbulence creates sub-pc scale gaps (0.01− 0.05 pc) and radiation is able to pen-
etrate, as is illustrated in Fig. 3.2.
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Figure 3.2: Density morphology of simulation A at t = 0.4 tff in 2D slices through the center
of the cloud with axes in parsec. The color represents the number density (cm−3). On the left,
an XY slice is shown with arrows representing the direction of radiation emanating from the
black hole, which is located at the upper left side. On the right, an XZ slice is shown with
radiation that is coming from the left and under an angle of 16 degrees with the slice.

Those regions are also heated up and pressurized. This causes the pressure front
of the irradiated side of the cloud to break up. We see finger-like shapes forming,
with a high density head, and the gas that is lying in its shadow is well shielded
and very cold (about 10 K). The increased density induces star formation. We find
that sink particles are created in the compressed cloud edge much earlier than in the
shielded and colder parts. A phase diagram is plotted in Fig. 3.3 that shows the
decline of temperature as the density increases. The secondary band with a steep
decrease in temperature at low densities is the direct result of shielding. We note
that the reason that fewer points appear in the plot in the shielded regions is merely
due to the difference in resolution determined by the refinement criteria.

Simulation A starts forming protostars at around two-thirds of the initial free-fall
time, which is later than simulation B, but at about three-quarters of the free-fall time,
we see a sudden increase of star formation. Simulation B, on the other hand, has a
gradual increase of protostars, starting at about a half tff, only to peak close to the
free-fall time of 105 years. In the end, simulation B has created more sink particles,
153 against 118, but their masses are much lower. We plot the particle masses against
the number of particles in Fig. 3.4.

The plots show that the X-ray dominated environment clearly has a higher char-
acteristic mass as well as a higher minimum and maximum mass compared to simu-
lation B. Higher sink particle masses are seen consistently throughout simulation A.
Another difference is evident when looking at the slope of the IMF, which is defined
as

dN
dM

∝ M
−α

=⇒ dlogN
dlogM

= −α + 1 = Γ, (3.1)

with N the number of stars in a range of mass dM, α the power-law index, and Γ the
slope above the characteristic mass of ∼ 0.3− 0.5 M¯.
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Figure 3.3: Temperature-density phase diagram of the X-ray irradiated simulation (A) after 1
dynamical evolution, t = tff.

Simulation A has a much flatter slope than Simulation B, which is ΓA = -0.28
after 105 years of evolution, flatter than the Salpeter slope of -1.35 (Salpeter 1955).
There is also a steep decrease in the number of stars above ∼3 M¯. This slope is
very steep but uncertain and can depend strongly on late accretion and merging
(Dib et al. 2010). Simulation B, has a slope of ΓB = -1.37 which, in fact, is very similar
to the Salpeter slope. Our simulations show that these trends for simulation B are
maintained even at higher dynamical times, t = 2 tff, in agreement with the time
independent, competitive accretion driven results of Clark et al. (2008a) for initial
energies of |Egrav| > Ekin. We attribute the difference in Γ partly to the higher gas
temperatures (∼50 K) caused by X-rays, which in turn increases the Jeans mass and
the fragmentation mass scale. Most of the massive sink particles are created in the
dense fragments and trace the warm X-ray heated (T > 50 K) molecular gas. The
Jeans mass in case B is about 0.2 M¯ after one free-fall time, whereas the Jeans mass
in case A can be much higher, but typically ranges from 0.5 to 2 M¯ in the & 106 cm−3

gas. The Jeans mass is approximately given by (Frieswijk et al. 2007);

MJ =
(

πc2
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G

) 3
2
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3
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1
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In response to the high temperature in the XDR gas, only high density regions
collapse creating more massive protostars and, in the end, fewer of them. Further-
more, the cloud is shielded from radiation with increasing column density, causing
less X-ray penetration and thus less heating, lowering the Jeans mass. As a result,
gas becomes more compressible and the density increases, starting a snowball effect.
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Figure 3.4: The initial mass function of the simulations at t = tff. Top panel shows the IMF
for simulation A, and the bottom panel shows the IMF for simulation B. The green dashed
line represents the Salpeter function. The blue dot-dashed line represents the Chabrier IMF,
as fitted to simulation B. A power-law fit is applied to the data above the turn-over mass,
∼1.2 M¯ left and ∼0.7 M¯ right, and is shown as the solid purple line.
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This causes a steep decrease of the Jeans mass, giving rise to a sharp increase in star
formation. Another feature of the aforementioned effect is that almost all of the par-
ticles that are created in simulation A, are formed in the high density front, the finger
head, of the cloud, where the snowball effect is initiated.

3.3.2 Sink particle behavior

We let the code check whether sink particles come too close to one another and if they
should merge. This is the case if the velocity difference between two particles is less
than the escape velocity and if the merging time is shorter than the simulation time
step. Merging is not often seen. We define the merging time as half of a degenerate
orbit time, tmerge = πR3/2

12 (8G(m1 + m2))−1/2, where m1 and m2 are the masses of
two independent sink particles and R12 is the distance between the two.

Mergers can potentially increase the mass considerably, but most of the proto-
stellar mass gain comes from accretion. To this end, we adopted a Bondi-Hoyle type
of accretion (Krumholz et al. 2004). This type of accretion arises when a homoge-
neous flow of matter at infinity moves non-radially towards the accretor. Accretion
increases with protostellar mass, but drops with decreasing ambient density and
higher Mach numbers. We see that the ratio of the most massive to the second most
massive sink particle in a local cloud region grows in time. With this, our expecta-
tion is confirmed that protostars compete with each other for material and that high
mass stars as well as stars that lie in deep potential wells accrete more (Bonnell &
Bate 2006; Bonnell 2008).

The total mass of the particles after one free-fall time for simulation B is 104 M¯,
i.e., about 1/8th of the initial cloud mass. Quite interestingly, simulation A is able to
convert more gas mass into stars, 230 M¯. This is a strong argument for efficient X-
ray induced star formation in AGN. The star formation efficiencies mentioned here
are upper limits, since these calculations do not contain feedback effects from young
stars. Feedback effects, like outflows, should decrease the efficiency overall (Wang
et al. 2010).

3.4 Conclusions and Discussion
We have performed two 3D simulations of similar molecular clouds, each at 10 pc
distance from a supermassive black hole and followed their evolution. In one case
(A), we expose the cloud to an active black hole, producing a strong, 160 erg s−1 cm−2,
X-ray flux. In the other case (B) the black hole was inactive and the molecular cloud
had isothermal (10 K) conditions throughout the run. We saw clear differences be-
tween the simulations.

For the X-rays included run, we find that the molecular cloud is heated at the
irradiated side and an ionizing pressure front is formed. This conic pressure front
breaks up due to turbulent motions, forming finger-like structures that can be seen
in column density plots, see Fig. 3.1. The density increases at the top of the compres-
sion front and the shielded gas cools. Star formation is initially delayed due to the
higher temperatures, but the cloud continues to contract and after the critical density
is reached sink particles start to from. Since the temperature in the shielded parts of
the cloud decreases with increasing density, the Jeans mass drops at an amplified
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rate. Consequently, protostar formation increases sharply around 0.75 tff. Despite
this, fewer sink particles are created in total with respect to simulation B, but they
are more massive. The latter is a consequence of the high temperature (∼50 K) and
Jeans mass (& 1 M¯) in X-ray irradiated gas. In the end, case A ends up with more
total stellar mass after one free-fall time. These protostars also accrete more mate-
rial as the accretion rate scales with mass and density. This becomes increasingly
more important for the mass growth due to the deeper potential well created and
favored by massive stars. The two effects together cause that competitive accretion
dominates the mass growth and strongly affects the shape of the mass function. The
resulting IMF has a higher characteristic mass and a near-flat, non-Salpeter slope.
We summarize the main points by stating how case A behaves with respect to B:

• Protostars are created at a later stage, around 0.65 tff (0.45 tff for B).

• Fewer protostars are created but they have higher masses, M = 0.8 − 6 M¯
(0.2− 3.6 M¯ for B).

• Although protostars are created later, there is a burst mode around 3/4th of
the collapse time of 105 years.

• The total stellar mass formed from the gas is more than twice higher after 105

years and the efficiency is about 28% (13% for B).

• Competitive accretion is more influential in shaping the IMF.

• The IMF has a much flatter slope, Γ = −0.28 (−1.37 for B).

• The characteristic mass of the IMF is higher, Mchar ∼ 1.2 M¯ (∼ 0.7 M¯ for B).

All of these results tell us two main things. Firstly, star formation is induced by
X-rays and massive stars can form in this way with high efficiency. Secondly, the
resulting IMF differs from a Salpeter shape.

The pressure force exerted by radiation from the black hole is found to be mod-
est. The bulk of the radiation pressure will results from the UV, since it dominates
the bolometric luminosity L for very massive black holes. Typically, the change in
momentum of the gas is proportional to τFIR L/c, for the speed of light c and mean
FIR optical depth τFIR. The latter comes in because the dust, if it absorbs the bulk
of the hard radiation, re-emits this in the FIR (100-300 µm). The ratio of radiation
pressure over thermal pressure, for a typical τFIR of∼ 0.1, is about 10% at 10 pc from
the black hole.

We did not include any model for stellar feedback in this study. The total time of
the simulations is not long enough for stellar evolution effects to play a major role,
however, outflows from young stars can produce significant winds that disrupt gas
build-up. This may affect the later time (> 1 tff) accretion onto protostars.
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There is also strong gravitational shear, which helps to drive the turbulence but
also compresses some regions in the center of the cloud along the direction perpen-
dicular to the orbit. This increases the star formation efficiency overall (Bonnell &
Rice 2008), but does not affect the conclusions when comparing the two cases with
each other.

There are several other parameters that can be studied for their effectiveness, like
the X-ray flux, turbulent strength, cloud size and initial gas density, distance to, and
mass of, the black hole. In a follow-up paper we plan to present a detailed parameter
study to this effect including the impact of UV and cosmic rays.
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The conditions that affect the formation of stars in radiatively and me-
chanically active environments are quite different than the conditions
that apply to our local interstellar neighborhood. In such galactic en-
vironments, a variety of feedback processes can play a significant role
in shaping the initial mass function (IMF). Here, we present a numerical
study on the effects of an accreting black hole and the influence of nearby
massive stars on a collapsing, 800 M¯, molecular cloud at 10 pc distance
from the black hole. Our work focusses on the star-forming ISM in the
centers of (U)LIRGS. We therefore assume that this region is enshrouded
by gas and dust and that most of the UV and soft X-ray radiation from
the BLR is attenuated along the line of sight to the model cloud. We
then parametrize and study radiative feedback effects of hard X-rays em-
anating from the black hole broad line region, increased cosmic ray rates
due to supernovae in starbursts, and strong UV radiation produced by
nearby massive stars. We also investigate the importance of shear from
the supermassive, 106 − 108 M¯, black hole as the star-forming cloud
orbits around it. A grid of 42 models is created and calculated with the
hydrodynamical code FLASH. We find that thermal pressure from X-rays
compresses the cloud, inducing a high star formation rate early on, but
reducing the overall star formation efficiency to about 7% due to gas de-
pletion by evaporation. We see that the turn-over mass of the IMF in-
creases by a factor up to 2.3, Mturn = 1 − 1.5 M¯, for the model with
the highest X-ray flux (160 erg s−1 cm−2), while the high-mass slope of
the IMF becomes Γ & −1 (ΓSalpeter = −1.35). This results in more high
mass stars and a non-Salpeter initial mass function. Cosmic rays pene-
trate deeply into the cloud and increase the gas temperature to about 50
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K for rates that are roughly 100 times Galactic and 200 K for 3000 times
Galactic, which leads to a reduced formation efficiency of low mass stars.
While the shape of the mass function is preserved, high cosmic ray rates
increase the average mass of stars, thereby shifting the turn-over mass to
higher values, i.e., up to several solar masses. Due to this process, the on-
set of star formation is also delayed. We find that UV radiation plays only
a minor role. Since UV photons cannot penetrate a dense, n > 105 cm−3,
cloud deep enough, they only affect the late time accretion by heating the
medium where the cloud is embedded in. When we increase the black
hole mass, for a cloud that is at 10 pc distance, the turbulence caused by
shearing effects reduces the star formation efficiency slightly. Further-
more, shear weakens the effect of the other parameters on the slope of
the IMF as well as the turn-over mass. The run with the most massive
black hole, however, causes so much shear that the hydrodynamics is
completely dominated by this effect and it severely inhibits star forma-
tion. We conclude that the initial mass function inside active galaxies is
different than the one obtained from local environments. We also find
that the combined effects of X-rays, cosmic rays, UV, and shear tend to
drive toward a less pronounced deviation from a Salpeter IMF.



INTRODUCTION 65

4.1 Introduction
Star formation in extreme environments can be quite different than the formation
of most stars in the Universe. In the inner kpc of galaxies, molecular clouds are
exposed to intense radiation from active galactic nuclei (AGN) or starbursts (Mal-
oney et al. 1996; Meijerink & Spaans 2005; Pérez-Beaupuits et al. 2009; van der Werf
et al. 2010). Very close to the AGN, . 0.1 pc, gas collects into a massive AGN disk
over some time, and as the disk becomes unstable, stars are able to form (Paumard
et al. 2006; Nayakshin et al. 2007). Slightly further away from the black hole, 1-100
pc, conditions are somewhat less extreme as the radiation is strongly attenuated by
large columns of gas and dust. Such environments are typical of obscured AGN, as
formed in (ultra-)luminous infrared galaxies ((U)LIRGS), with obscuring columns of
1022− 1023.5 cm−2 (Aalto 2005; Pérez-Beaupuits et al. 2007; Loenen et al. 2008). These
regions have a strong impact on the initial phases of cloud evolution so that the fi-
nal mass of stars or their formation efficiencies might drastically change. However,
observing star formation in extreme environments is difficult. Results usually rely
on indirect methods and are therefore often debated. The regions near AGN are also
generally obscured (Spoon et al. 2007; Hocuk & Barthel 2010; Klaas et al. 2010). Pre-
dictions based on models and numerical simulations can aid observations to further
our understanding of star formation. A good amount of numerical work has been
done focussing on mechanical and radiative feedback effects in active galaxies and
star-forming regions (Klessen 2001; Klessen et al. 2005a; Bonnell & Rice 2008; Alexan-
der et al. 2008; Wada 2008; Hobbs & Nayakshin 2009; Wada et al. 2009; Krumholz
et al. 2010; Bate 2010; Hocuk & Spaans 2010b,a; Pérez-Beaupuits et al. 2011; Clark
et al. 2011; Latif et al. 2011; Aykutalp & Spaans 2011b; Alig et al. 2011). Supported
by numerical simulations, it is often thought that in these active regions, due to en-
vironmental conditions and feedback effects, the IMF should be different than the
proposed universal mass function (Klessen et al. 2007; Nayakshin et al. 2007; Hsu
et al. 2010; Krumholz et al. 2010; Girichidis et al. 2011).

The initial mass function is of fundamental importance for many areas of astro-
physics. It is observed to behave like a power-law with a high mass end that is well
defined. The IMF is described as

dN
dM

∝ M
−α

=⇒ dlogN
dlogM

= −α + 1 = Γ, (4.1)

with N the number of stars in a range of mass dM, α the power-law index, and Γ
the slope above the characteristic mass of∼ 0.3− 0.5 M¯. First proposed by Salpeter
(1955), a plethora of observations has led astronomers to believe that the shape might
be universal in nature. Other astronomers have refined the shape of the distribution
by especially improving on the low mass end of the IMF (Miller & Scalo 1979; Kroupa
2001; Chabrier 2003). Until observations of extragalactic origin started to show vari-
ations in the IMF, most of the studies that claimed universality were coming from
observations from our local neighborhood. Hints for deviation came from mea-
surements of abundance patterns in extragalactic bulges (Ballero et al. 2007, 2008),
enhancement of far infra-red luminosities in interacting galaxy systems (Brassing-
ton et al. 2007), mass-to-light ratios of ultra-compact dwarf galaxies (Dabringhausen
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et al. 2009a), and many others (Baugh et al. 2005; Parra et al. 2007; Davé 2008; Wilkins
et al. 2008; van Dokkum 2008; Elmegreen 2009). van Dokkum & Conroy (2010, 2011)
found further evidence for variations in the IMF at the low-mass end from NaI and
FeH band spectra in luminous elliptical galaxies. Hints for different IMFs appear
even in observations of our Galactic center (Figer 2005a,b; Paumard et al. 2006; Es-
pinoza et al. 2009; Elmegreen 2009; Bartko et al. 2010). Still, strong evidence has yet
to emerge.

Although the initial mass function may seem, theoretically, to be universal over
a relatively wide range of environmental conditions (Clark et al. 2009; Bastian et al.
2010; Krumholz 2011), perhaps even insensitive to small changes in metallicity (My-
ers et al. 2011) and the Jeans mass (Elmegreen et al. 2008), there are conditions that
are far more extreme than the ones discussed in these papers, like in radiation dom-
inated regions (Meijerink et al. 2005; Poelman & Spaans 2006; van der Werf et al.
2010; Meijerink et al. 2011) and cosmic ray dominated regions (CRDRs, Papadopou-
los et al. 2011). Besides the importance of the thermodynamics for the Jeans mass, MJ,
and thus the IMF, where MJ is proportional to ρ−1/2T3/2, the change in the equation
of state is also essential. Assuming ideal gas conditions with a polytropic equation
of state, P ∝ ργ, where γ = 1 + dlog(T)/dlog(ρ), the softness of γ plays a major role,
at a very early stage, in the fragmentation properties and the mass scale of unstable
clouds (Spaans & Silk 2000; Li et al. 2003; Klessen et al. 2005b; Jappsen et al. 2005).

The nuclei of active galaxies like Arp 220, Markarian 231, and even our Galac-
tic center show signs of unusual star formation (Figer 2005a,b; Paumard et al. 2006;
Klessen et al. 2007; Espinoza et al. 2009; Elmegreen 2009; Bartko et al. 2010; Mat-
sushita et al. 2009; Meijerink et al. 2011; Martı́n et al. 2011). In fact, even in the inner
parsec of our Galaxy, i.e., Sgr A* and in M31, young stars are found at distances on
the order of ∼ 0.03− 0.3 pc (Genzel et al. 2003; Paumard et al. 2006; Levin 2007).
All of the aforementioned places harbor a massive black hole. One can imagine that
the conditions close to the black hole can indeed become quite extreme. Aside from
strong gravity, accreting material onto a black hole will produce strong X-ray radia-
tion (1-100 KeV). The dynamics of molecular clouds will be significantly affected by
the irradiation of X-rays in X-ray dominated regions (XDRs, Lepp & Dalgarno 1996;
Maloney et al. 1996). On the other hand, in starbursts, where star formation rates
can be a few hundred to a thousand solar masses per year (Smail et al. 1997; Hughes
et al. 1998), UV radiation (6− 13.6 eV) from O and B stars can be a significant pres-
ence and dominate the radiation field in these so-called photon dominated regions
(PDRs, Hollenbach & Tielens 1999). However, where the gas is shielded from UV
radiation, cosmic rays, created in supernova remnants or from winds in OB asso-
ciations (Binns et al. 2008), will dictate the (minimum) temperature of the system,
with energy densities of up to a few thousand times our galaxy (Papadopoulos 2010;
Papadopoulos et al. 2011; Meijerink et al. 2011). All of these environments have ex-
tremely different star-forming conditions, but will the stars that form out of them be
much different?

In radiation dominated regions, the chemistry and thermal balance are deter-
mined by the radiation field (Schleicher et al. 2010b). X-rays, in active galactic nu-
clei, are usually the dominant source for the excitation and chemistry of the inner
disk out to a radius of ∼160 pc, while UV radiation dominates the thermal balance
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in extreme starbursts and is generally important a bit further away from the accret-
ing black hole (van der Werf et al. 2010). But there is compelling evidence that there
is a strong link between AGN and starbursts (Scoville 2004). The question remains,
how strongly star formation is affected by these extreme environments.

In an earlier numerical study, we showed that when the X-ray flux is as high as
160 erg s−1 cm−2, the stellar initial mass function of an 800 solar mass molecular
cloud becomes top-heavy (Hocuk & Spaans 2010a). This was a case where a molecu-
lar cloud orbiting at 10 pc from a 107 M¯ black hole under the impact of X-rays was
compared to a cloud with the same conditions but in an X-ray free environment. This
numerical study showed that under extreme conditions, the evolution of a molecu-
lar cloud and its stellar mass function will change, but it did not give insight into the
quantitative details. Here, we present a parameter study on the influence of external
radiation (X-rays, cosmic rays, and UV) and black hole shear on the IMF and the star
formation efficiency (SFE). In section 4.2 we introduce the numerical code FLASH
and describe our additions to it. In section 4.3 we define the cloud models for all am-
bient conditions considered in the parameter study. We then present in section 4.4
our results on the effects of each condition for the evolution of the model clouds and
show their phase diagrams, star formation efficiencies, and initial mass functions.
Finally, in section 4.5, we discuss the differences and similarities of these results in
detail and present our conclusions.

4.2 Computational method
4.2.1 The numerical code

The calculations in this work have been done using the hydrodynamical code FLASH
3 (Dubey et al. 2009). For this study, we use the directionally split piecewise-parabolic
method (PPM) which is described in detail in Colella & Woodward (1984). FLASH
is well suited to handle these kinds of calculations as it is an adaptive mesh code
and one that handles contact discontinuities very well. FLASH is provided with
many and extensively tested modules that encompass a broad range of physics. Our
simulation code is equipped with thermodynamics, hydrodynamics, (self-)gravity,
multi-species, particles, and shocks, all from the standard modules of FLASH, as
well as sink particles, radiative transfer, multi-scale turbulence, and refinement cri-
teria (based on Jeans length and particles) that were added by us. The non-standard
additions are explained in further detail in the following sections and in Hocuk &
Spaans (2010a).

4.2.2 Refinement criteria

When one does a parameter study and has to perform many numerical simulations,
saving time becomes crucial. In order to achieve this without suffering loss of quality,
we made use of the adaptiveness of the FLASH code and wrote two independent
refinement criteria that served our purpose. The simpler one of the two is based on
sink particles. Since every sink particle accretes matter, and this matter can only be
followed to within the sink particle’s accretion radius, it is best to have the highest
possible resolution here in order to resolve the affected volume properly. Particles
can only be created in regions that have the highest grid resolution, however, they
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can move through the grid to unrefined regions. To this end, we simply say that
wherever a sink particle is located, the grid must be refined to its maximum.

The second criterion is based on the Jeans length. In order to avoid numerical
effects, like artificial fragmentation (Truelove et al. 1997), it is necessary to resolve the
Jeans length, λJ, in the simulation by at least 4 cells, λJ ≥ 4∆x. Here, ∆x is the size of
the grid cell which is dependent on the resolution. In our experience, however, it is
also likely that fragmentation can be artificially inhibited at even higher resolutions,
up to twice the Truelove criterion, that is, 8 cells. In the presence of magnetic fields,
even higher resolution constraints are found by Federrath et al. (2011). However, we
do not consider magnetic field effects in this study. Therefore, we have chosen to
resolve the Jeans length in our simulations by at least 10 grid cells, `res,gas = 10. This
refinement criterion can be rewritten in the form of a density threshold and refines
the grid if the following condition is met:

ρ ≥ MJ
4
3 π(`res∆x)3

, (4.2)

with the Jeans mass, MJ, defined as:
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as taken from Frieswijk et al. (2007). Using this, Eq. (4.2) can be further reduced to:

ρ ≥ 1.455× 1015 T
µ(`res∆x)2 , (4.4)

where µ is the mean molecular weight, G is the gravitational constant, and T is the
gas temperature.

Since we have a body in orbit, the Jeans refinement criterion will automatically
follow the cloud in motion and increase the resolution of grid cells whenever re-
quired. The border resolution between the refinement levels is set-up in such a way
that there is no sharp transition between the minimum and the maximum refine-
ment. In order to be efficient, we also de-refine the regions where the Jeans length
has stretched beyond 25 times the grid resolution. One can imagine this as a region
where the cloud has just passed through.

4.2.3 Multi-scale turbulence

Turbulence is an important aspect of star formation. Never is the interstellar matter
from which stars form fully homogeneous or kinematically quiescent. Typical veloc-
ity dispersions are found to be on the order of 1 km/s in most of the regions in our
galaxy (Larson 1981; Falgarone et al. 2001; Caselli et al. 2002) and scale according to
a power-law. It should be no surprise that gaseous clouds within active regions are
more turbulent. Typical FWHM values are of the order of 5 km/s (Pérez-Beaupuits
et al. 2009; Ostriker & Shetty 2011).

Numerical simulations have shown that turbulent strength, scaling, or type (com-
pressible or solenoidal) can indeed be quite important and affect the results signifi-
cantly (Federrath et al. 2009; Girichidis et al. 2010). It is thus important to incorporate
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turbulence into the numerical code in a proper way. In all our simulations, we imple-
ment the turbulence using a Larson power-law, with a power spectrum P(k) ∝ k−4

and thus ∆v ∝ `1/2, where k ∝ `−1 is the scale length (Larson 1981; Myers & Gam-
mie 1999; Heyer & Brunt 2004). This is the predicted and observed behavior for com-
pressible fluids. Since the grids in hydrodynamical simulations are discretized, and
in block-structured grids the cell sizes usually increase with a factor of two for each
resolution increment, the super-posed velocity decreases with the square-root of two
for each higher level. In our case, the largest scale that we apply the multi-scale tur-
bulence on is that of the cloud radius. Otherwise, the cloud as a whole would obtain
a random motion. The smallest scale on which the turbulence is injected is deter-
mined by the maximum resolution at runtime, which is ∆x = 1.76× 1016 cm in our
runs.

4.2.4 The radiative transfer method

Radiative transfer for PDRs and XDRs is handled through a radiation dominated re-
gion code written by Meijerink & Spaans (2005), with additional details in Meijerink
et al. (2007) and Spaans & Meijerink (2008). Pre-computed tables for gas tempera-
ture and chemical abundances are obtained from this code given an input of number
density [cm−3], radiation flux [erg s−1 cm−2] for X-rays and UV, column density
[cm−2], and metallicity. We choose solar abundances for all simulations. For the
regions dominated by radiation, the code calculates all the heating processes (photo-
ionization, yielding non-thermal electrons, FUV pumping followed by collisional de-
excitation), cooling processes (atomic fine-structure and semi-forbidden lines), and
molecular transitions (CO, H2, H2O, OH, and CH). Cosmic rays, dust-gas coupling,
and secondary effects from X-rays like internal UV, are treated as well. These tables
are incorporated into FLASH. For the cloud models in the absence of radiation, we
use isothermal conditions with an equation of state of the form P ∝ ρ (Hocuk &
Spaans 2010a,b).

We use a ray-tracing method to find the column densities during the simulation.
At each time-step, the algorithm searches the grid and sums up the densities of each
cell lying along the line of sight from the radiation source in order to find the total
column. The cells are selected by determining whether the two angles of the cell
edges with respect to the radiation source accommodate the angle of the target cell.
Each cell is weighted with the length of the ray that passes through it. Once the
column density is found, together with the density and the flux, the corresponding
temperature is taken from the tables and used to update the variables in the simula-
tion. See Pérez-Beaupuits et al. (2011) for additional details. In order to gain speed,
the algorithm makes use of the block-structured mesh of FLASH by first searching
the blocks that lie within the line of sight of the source, thereby only looking into
the cells of those blocks. This makes the ray-tracing in effect about 500 times faster.
This gain is welcome, since, by far, the most computational time is normally spent
on finding the column densities. Additional speed is gained by not applying the ray-
tracing algorithm to the whole grid at every timestep. We prioritize the regions that
have densities above 100 cm−3 and update them regularly, but the lower density re-
gions are only updated occasionally. These regions are of not much importance since
stars cannot form here. Besides, the temperatures at low densities do not decrease
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quickly, since the cooling time scales as tcool ∝ 1/n (optically thin and sub-thermal),
and regular updates are not necessary.

The X-ray flux is an E−0.9 power-law between 1 and 100 keV. X-ray scattering is
not very important, but is nonetheless treated in the XDR-code. Inverse Compton
heating is not included, because our focus lies on the molecular gas (< 1000 K) that
is mostly heated by ionization of H and H2, and by H+

3 recombination (Meijerink &
Spaans 2005). A uniform background of cosmic rays prevents the temperature from
dropping below 10 K. For this, a minimum cosmic ray ionization rate typical for the
Milky Way, ζCR,Gal = 5× 10−17 s−1, is assumed (Spaans & Silk 2000). The UV flux
enjoys energies between 6 and 13.6 eV and follows the Habing spectrum (Habing
1968).

4.2.5 Sink particles

Sink particles are necessary if one wants to obtain a high dynamic range in density.
These particles represent compact (proto-stellar) objects that are indivisible but can
gain mass by accreting or merging. It is computationally very expensive to keep
increasing the grid resolution in order to follow a molecular cloud collapse up to
proto-stellar densities. We have created a sink particle algorithm for this purpose.
There are several criteria that we check to establish irreversible collapse. When this
stage is reached, one can stop following the collapse and can make a transition to
sink particles. Following Bate et al. (1995) and Federrath et al. (2010), with only
small differences, we determine the point-of-no-return of a grid cell within a volume
that is defined by an accretion radius racc as:

1. The grid cell is about to violate the Jeans criterion, Eq 4.4.

2. The grid cell and its neighbors are at the highest level of refinement.

3. The grid cell has the deepest gravitational potential of all the cells within the
volume.

4. The divergence on each axis of the grid cell is negative, that is, dvi/di < 0,
with i = {x, y, z}, such that ∇ · v < 0.

5. The volume within the accretion radius is gravitationally bound, Egrav + Eth +
Ekin < 0.

6. The volume within the accretion radius is Jeans unstable, Egrav + 2Eth < 0 and
thus M > MJ.

7. There are no other sink particles occupying the same cell.

At the moment when a sink particle is created, material from within an accretion
radius is taken away from the cells and put into the particle. We make sure that the
total mass and momentum are conserved. The accretion radius is ideally smaller
than the sonic radius, csdt, but one also wants to resolve this region well. On the
other hand, one wants to keep the radius small, since one changes the physics within
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this radius. In practice we found that 2 cells was a reasonable compromise between
these competing demands; see also Krumholz et al. (2004) and Federrath et al. (2010).
Our accretion radius is racc = 3.5× 1016 cm and reproduces the observed Chabrier
IMF for runs M01 and M04; see section 4.4.

The mass that a sink particle obtains at creation is determined by a density thresh-
old that is set by the maximum resolution. In this case, we follow the same resolution
criterion as previously mentioned (Truelove et al. 1997), but let the code run as long
as possible on gas dynamics before making the transition to sink particles. Using
Eqs. 4.2 and 4.4, and taking `res,sink = 6, we determine how much material within
racc from the target cell is in excess of the threshold density and add this to the mass
of the particle. Sink particles continue to accrete matter after they are created. Ac-
cretion onto particles is handled by a Bondi-Hoyle type of accretion (Bondi & Hoyle
1944; Bondi 1952; Ruffert & Arnett 1994; Krumholz et al. 2004). This kind of accre-
tion applies to a homogeneous flow of matter. Accretion increases with protostellar
mass M, but drops with decreasing ambient density ρ∞ and higher Mach numbers
M. The accretion rate is given by

Ṁ = 4πρ∞G2M2

√
λ2c2

∞ + v2
∞

(c2
∞ + v2

∞)4 =
4πρ∞G2M2

c3
∞

√
λ2 +M2

(1 +M2)4 , (4.5)

where c∞ and v∞ are the sound speed and the velocity of the gas far from the sink
particle. Since there is no obvious choice for c∞ and v∞ in an inhomogeneous en-
vironment, we take the average value of the cells inside racc as an alternative. λ is
a non-dimensional parameter that depends on the equation of state of the gas and
is on the order of unity. Throughout this work, we have adopted the value for an
isothermal gas λ = exp(3/2)/4 ' 1.12 (Bondi 1952).

Using the effective radius as first described by Bondi (1952)

rBH =
GM

c2
∞ + v2

∞
, (4.6)

Eq. 4.5 can be further reduced to

Ṁ = 4πρ∞r2
BHc∞

√
λ2 +M2, (4.7)

where ρ∞ is defined as

ρ∞ =
ρ̄

α
. (4.8)

Here, ρ̄ is the mean density within the accretion radius and α is the density profile
that depends on the cell size and the Bondi-radius. For the density profile, we use
an exponential of the form α = exp(rBH/1.2∆x). We found this expression to behave
well in the regime ∆x & rBH, where we usually are in, and equals to unity when
∆x À rBH. The factor of 1.2 is adopted from Krumholz et al. (2004) and should give
good results in the range where ∆x ∼ rBH.

Stars are often found in binaries, however, we cannot resolve binaries in our nu-
merical code as our resolution is on the order of 2000 AU. Instead, we allow them to



72 CHAPTER 4: STAR FORMATION NEAR AN OBSCURED AGN

merge. These mergers do not affect our conclusions; see section 4.5. Binary forma-
tion or mergers should occur more frequently as the system virializes. Sink particles
are eligible to merge when they are within each other’s gravitational pull. We let
an algorithm check for three conditions between every two particles, and when they
pass these, we allow them to merge. This happens when:

1. The velocity difference between two particles, i and j, is less than the escape

velocity between them, ∆vij <
√

2GMi/∆rij, with Mi > Mj.

2. The merging time is shorter than the hydrodynamical timestep,

π∆r3/2
ij /

√
8G(Mi + Mj) < dthydro.

3. The forces of the other bodies, Ftot, are no longer significant, i.e., Ftot < 0.05×
Fij, where Fij = GMiMj/∆r2

ij.

4.3 Models and initial conditions
4.3.1 A grid of models

For this work, a grid that consists of 42 models is computed which covers a range in
the 4 parameters that we investigate. As stated before, the parameters that we vary
are the X-ray flux, the cosmic ray rate, black hole mass, and the UV flux. A 107 M¯
black hole accreting at 10% Eddington and at a distance of 10 pc, would radiate with
a total flux of FEdd = 104 (Mbh/107M¯) erg s−1 cm−2. We assume, since we are
interested in (U)LIRGS, that there is a large absorbing column with τ1keV ∼ 5 and
τUV & 50 between our single star-forming cloud and the black hole BLR. Varying the
black hole mass Mbh or its distance from the model cloud dbh, gives the same insight
into the effects of gravitational shear, where the largest velocity difference ∆v across
the cloud depends on Mbh/d3

bh for a given model cloud size much smaller than dbh.
We have chosen to fix the cloud distance to the black hole and vary the shear using
the black hole mass.

We study four X-ray fluxes by varying the Eddington rates, these are: 0, 5.1, 28,
160 erg s−1 cm−2, with roughly a factor of 5 between them. X-ray fluxes much higher
than 100 erg s−1 cm−2 would completely ionize any molecular cloud of . 106 cm−3

and inhibit star formation. We take three black hole masses: 106, 107, and 108 M¯,
which, for a fixed distance of dbh = 10 pc, represents strong shear, medium shear,
and negligible shear, respectively. Furthermore, we investigate three different cos-
mic ray rates: 1, 100, and 3000 times Galactic (ζCR,Gal = 5 × 10−17 s−1, Spaans &
Silk 2000). Finally, we use two UV fluxes in our simulations for which we take: 0
and 102.5 G0, with G0 = 1.6× 10−3 erg s−1 cm−2 (Habing 1968). For each parameter
that we change, we keep all other conditions fixed. Almost all possible combinations
between these parameters, with the exception of UV, is modelled in this study. Our
fiducial model M01 has similar conditions to those of the Milky Way, albeit, with
added gravitational shear. In this respect, model M04, which has negligible shear, is
more closely related to the conditions of the solar neighbourhood. Table 4.1 shows
the parameter details of all models.
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4.3.2 The initial conditions

We created a simulation box of size 243 pc3 with outflow boundaries in each direc-
tion and isolated in terms of gravity. In here, we put a typical molecular cloud, or
clump as some prefer, with a uniform number density of 105 cm−3 and a size of
rcloud = 0.33 pc in spherical radius. With a mean molecular weight of µ = 2.3, the
total mass of the cloud amounts to 800 solar masses. The rest of the medium is filled
with gas that has a uniform density of 10 cm−3. The total gas mass of the simulation
box is 8000 solar masses. At the center of the box, we put a point particle with mass
Mbh that represents the black hole, where Mbh = [106, 107, 108] M¯. The temperature
of the gas is initialized as 10 K, but depending on the model we expose the cloud,
immediately after the simulation starts, to external radiation. Since these radiative
processes are fast, with respect to the hydrodynamics of the simulation, the tempera-
ture changes quickly, within 108 s (= one timestep), after initialization. The radiation
source is either an X-ray emitter (accreting black hole), a uniform background of
cosmic rays (mainly supernova remnants), and/or an isotropic UV radiation field
(nearby massive stars).

An initially random, divergence-free turbulent velocity field is applied to the
molecular cloud with a characteristic FWHM of 5 km/s that agrees well with clouds
observed in active regions (Pérez-Beaupuits et al. 2009). For the isothermal runs,
the sound speed of the cloud is cs = 0.19 km/s (for T=10 K) and can go up to ∼5
km/s when radiation impinges on the cloud. There are supersonic flows with Mach
numbers of up to 25. We apply the turbulence over all scales with a power spectrum
of P(k) ∝ k−4, as mentioned earlier, following the empirical laws for compressible
fluids (Larson 1981; Myers & Gammie 1999; Heyer & Brunt 2004). The turbulence
in this work is not driven. Still, it can remain strong throughout a simulation due
to gravitational instabilities or shear induced by the black hole, and does so for the
larger Mbh runs.

The simulations start with a cloud at 10 pc distance from the black hole that is in
a stable Keplerian orbit. The orbital time is on the order of 106 × (107 M¯/Mbh)1/2

yr, which is larger than the cloud free-fall time in any of the models. Shear due to
the black hole gravity, creates a maximum velocity difference of about ∆vshear =
2.22× (Mbh/107 M¯)1/2 km/s across the cloud. This follows from

∆vshear =

√
GMbhr2

cloud

d3
bh

, (4.9)

where rcloud ¿ dbh. The shearing time, tshear = 2rcloud/∆vshear, is about 1-10 times
larger than the cloud free-fall time and gravitationally bound (roughly) spherical
clouds are thus likely to exist at densities of ∼105 cm−3.

The maximum grid resolution that we allow for in any simulation is 40963 cells.
For a box of size 24 pc, the maximum spatial resolution becomes ∆x = 1.76× 1016

cm. All the simulations are evolved up to 3 free-fall times, where one free-fall time,
given the initial conditions, is tff = 105 years. This is taken as the basic time unit
throughout this work.
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4.4 Results
We divide the results into four sections. In each section we individually evaluate the
effects of X-rays, cosmic rays, UV, and shear, while keeping every other parameter
fixed. In Figs. 4.6 to 4.17, we first show the results of all parameter variations at once,
as this gives a better overview. Figs. 4.6 to 4.9 display the temperature-density phase
diagrams, Figs. 4.10 to 4.13 the star formation efficiencies, and Figs. 4.14 to 4.17 the
initial mass functions.

For each phase diagram in Figs. 4.6 to 4.9 we plot the number density versus the
temperature for one moment in time, which is at 1 tff. The diagram is subsequently
gridded into 752 cells and the weighted masses of all the points within each cell is
summed up and depicted in color. Note that the isothermal conditions always yield
a flat profile.

The star formation efficiencies in Figs. 4.10 to 4.13 are displayed by plotting the
ratio of the total sink particle mass over the total initial gas mass (8000 M¯), SFE =
Msink/Mtotal, against time. The efficiencies are plotted as they are, i.e., no fitting is
involved. Generally between 1 and 2 tff, the star formation efficiencies flatten out.
This is due to the depletion of high density gas. At this stage, star formation is almost
completely halted and accretion is reduced to a minimum.

Each IMF plot in Figs. 4.14 to 4.17 is constructed by taking all the sink-particles of
61 different cloud evolution times of one model and by normalizing them. For this,
we took the the time frames between 1 tff and 3 tff, with a time resolution of 1/30
tff. The sink particle masses are then plotted as a logarithmically binned histogram,
with a fixed number of 16 bins, of stellar mass versus number. We compared these
IMFs with those corresponding to the time frames between 1 tff and 2 tff, and found
that there was little difference between them. There are 4 colored lines plotted in
each of the sub-figures. The green line represents the Salpeter IMF with a slope of
ΓSal = −1.35 and is shown for comparison purposes only. The blue line displays the
Chabrier IMF as fitted to our fiducial case, model M01, an isothermal simulation at
t = tff (this is a single snapshot in time) with Mbh = 107 M¯, FX = 0, FUV = 0,
and ζCR = 1×Galactic. See also Hocuk & Spaans (2010a). This curve is a lognormal
function up to 1 M¯ with a power-law tail of ΓCha = −1.30 (Chabrier 2003). The
red solid line gives the best (least squares) lognormal fit, whereas the purple triple-
dotted line shows the best (least squares) power-law fit above the turn-over mass.
The turn-over mass is not fixed and can change for each model. We determine the
turn-over mass by finding the position with the lowest absolute derivative (slope)
|dlogN/dlogM| → 0 from the lognormal fit.

4.4.1 Effects of X-rays

X-rays heat up the lower density unshielded gas and can do so up to 6000 K at the
highest flux. Hard X-rays (> 1 keV) have a high penetration factor. They can pierce
through columns of gas of up to N ' 1024 cm−2 (Meijerink & Spaans 2005). Since
the X-ray source is in the center of the simulation box, material that lies behind high
density gas, with column densities beyond 1023 cm−2, can be strongly shielded from
the radiation. This actually occurs in our simulations. Our initialized model cloud
has a maximum column of N = 2× 1023 cm−2 (ρ = 105 cm−3 and 2rcloud = 2×
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1018 cm). Some of the phase diagrams show a secondary line at low densities that
exhibits a sharp drop to low temperatures because of the cold shielded gas. In each
of the Figs. 4.6 to 4.17 the X-rays increase from top to bottom.

From the phase diagrams, it is immediately clear that the gas temperatures de-
crease with increasing density and that the temperatures are higher for the higher
X-ray fluxes at any point in density. The latter is a direct consequence of the effi-
cient Coulomb heating by X-rays. X-rays do not only heat the system, but also allow
new paths for cooling to proceed along. X-rays increase the ionization fraction of
the species and new molecules are formed. This results in a higher cooling efficiency
with increasing density, hence, the decreasing temperature trend. We can also see
a spread in the temperature as a direct effect from the different column densities
throughout the cloud. The spread seems to be larger for the higher X-ray fluxes,
however, this is not resulting from a larger column density range, but is merely due
to the larger range in temperatures from the increased X-ray flux. An interesting fea-
ture is that there is a range in densities around n ∼ 105 cm−3 where the temperature
lingers around a few 100 K. The cooling process is slowed down here due to LTE
effects (thermalization and line trapping) until the densities are high enough so that
cooling can start to be effective again through gas-dust coupling.

From the color in the phase diagrams we can infer that most of the gas mass lies
at high densities, but for higher X-ray fluxes a lot of mass also lies in the low density,
high temperature regime. This is the area where the cloud is directly irradiated by
X-rays and the cloud evaporates. As a consequence, the cloud size and its mass is
reduced by this. This has repercussions for the final star formation efficiency. When
comparing an isothermal model against the model with the highest X-ray flux, for
ζCR = 1, we see that the SFE is reduced from 9.4% to 8.2% for a 107 M¯ black hole
at t = 3tff, and from 12.3% to 7.0% for a 106 M¯ black hole (Figs. 4.10 and 4.11).
The same behaviour is found for higher cosmic ray rates (discussed in section 4.4.2).
Despite some fluctuations due to the randomness of the system, it is interesting to
see that the efficiency generally increases a little with our lowest X-ray flux compared
to the isothermal models. It seems that a mild X-ray flux of 5.1 erg s−1 cm−2 or less
actually enhances the star formation efficiency. See Table 4.2 for the list of results.
Although gas temperatures are higher and the SFE decreases when going to higher
X-ray fluxes, the star formation rate, SFR = dSFE/dt, is still high early on. We
can see from the SFE plots that star formation is initiated at about the same time,
tonset ' 0.6tff, irrespective of X-rays. We find that the quenching of star formation
due to X-ray heating is balanced by the increased densities resulting from the thermal
pressure that the radiation field creates. An ionizing pressure front compresses the
cloud which leads to very efficient star formation, similar to, if not more than, the
colder, isothermal, cloud models. Fig. 4.1 shows a 2D slice to this effect.

We see that the IMFs tend to get flatter for the higher X-ray fluxes. The best
power-law fit gives us a nice Salpeter slope with Γpowfit = −1.34 for model M01,
i.e., without X-rays, and a slope of Γpowfit = −1.31,−1.24,−1.01 for models M07,
M13, and M19, i.e., for fixed parameters but with increasing X-ray flux. A lognormal
distribution also seems to fit most of the IMFs quite well. The same trend is visible
for all other cloud conditions. This implies that the IMF shape depends on how
much the cloud is irradiated. Another effect is that the turn-over mass shifts toward
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Table 4.2: List of results for each model

Model IMF slope Turn-over Onset of SF Final SFE f̄accr n particles
[M¯] [tff = 105 yr] [Mpart./Mtot.]

M01 -1.34 0.66 0.47 0.094 0.606 247
M02 -1.44 2.37 0.87 0.092 0.691 110
M03 —a 4.25a 1.16 0.089 0.747 27
M04 -1.30 0.47 0.35 0.123 0.801 262
M05 -1.24 2.60 0.67 0.125 0.795 63
M06 —a 5.95a 0.99 0.117 0.725 21
M07 -1.31 0.54 0.43 0.099 0.609 350
M08 -1.08 0.65 0.50 0.095 0.693 227
M09 -1.07 0.65 0.60 0.077 0.653 211
M10 -1.04 0.43 0.36 0.125 0.768 276
M11 -1.05 0.52 0.46 0.117 0.708 137
M12 -0.78 0.26 0.52 0.116 0.762 104
M13 -1.24 0.70 0.52 0.102 0.607 286
M14 -1.02 0.73 0.59 0.092 0.597 211
M15 -0.92 0.77 0.67 0.093 0.619 171
M16 -1.16 0.68 0.42 0.104 0.598 202
M17 -1.01 0.65 0.52 0.100 0.545 153
M18 -0.58 0.52 0.59 0.094 0.592 104
M19 -1.01 1.51 0.65 0.082 0.637 138
M20 -0.91 1.62 0.65 0.076 0.620 134
M21 -0.85 1.43 0.67 0.073 0.621 111
M22 -0.82 1.12 0.55 0.070 0.647 80
M23 -0.70 1.91 0.57 0.071 0.623 79
M24 -0.62 1.36 0.62 0.073 0.627 58
M25 -1.32 1.20 0.74 0.014 0.476 84
M26 —a —a 0.80 0.001 0.681 3
M27 —b —b —b —b —b 0
M28 -1.30 1.62 0.66 0.037 0.637 108
M29 -1.28 1.86 0.66 0.024 0.697 59
M30 -1.07 1.53 0.65 0.013 0.618 49
M31 -1.48 0.55 0.49 0.103 0.638 262
M32 -1.31 2.30 0.90 0.099 0.728 106
M33 —a 4.30a 1.16 0.093 0.850 19
M34 -1.23 0.43 0.40 0.101 0.568 332
M35 -0.99 0.57 0.54 0.085 0.658 230
M36 -1.06 0.65 0.60 0.096 0.638 198
M37 -1.05 0.59 0.51 0.107 0.650 281
M38 -1.04 0.66 0.56 0.101 0.647 207
M39 -0.99 0.88 0.67 0.101 0.748 163
M40 -1.40 1.58 0.66 0.084 0.641 142
M41 -1.06 1.47 0.66 0.082 0.648 132
M42 -0.79 1.52 0.67 0.069 0.614 103

a Too few particles have formed here to properly construct an IMF.
b No particles have formed in this simulation.
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Figure 4.1: Density morphology of model M19, i.e., with FX = 160 erg s−1 cm−2, at t=2/3tff.
The image shows a slice through the XY-plane of the center of the cloud. The color represents
the number density (cm−3) and the axes are in parsec. The arrows represent the direction of
radiation emanating from the black hole, which is located at the upper left side.

higher masses with increasing flux, from Mturn = 0.54 M¯, at the lowest X-ray flux
(M07), to about 0.70 and 1.51 M¯ for the higher fluxes (M13 and M19). However, the
corresponding isothermal fiducial model (M01) seems to have a bit higher turn-over
mass, 0.66 M¯, than our lowest X-ray flux (5.1 erg s−1 cm−2) model. Again, a similar
trend is seen for all cloud models.

4.4.2 Effects of cosmic rays

Cosmic rays can easily penetrate a molecular cloud and heat the gas uniformally.
As such, they set the minimum attainable temperature in these systems (Goldsmith
& Langer 1978; Bergin & Tafalla 2007). For our model cloud conditions, which have
cosmic ray rates of 1, 100, and 3000×Galactic (ζCR,Gal = 5× 10−17 s−1), the minimum
temperatures are 10 K, 50 K, and 200 K (Papadopoulos et al. 2011; Meijerink et al.
2011). In each of the Figs. 4.6 to 4.17 the cosmic ray rate increases from left to right.

In contrast to the X-ray heating, cosmic rays clearly delay the onset of star forma-
tion. The first sink particles are formed much later with increasing ζCR, see Fig. 4.2.
The number of sink particles formed is also drastically reduced by up to one order of
magnitude, see Table 4.2. Despite this, once the cloud starts forming stars, it can do
so rapidly and massively. The much higher mass each star obtains compensates for
the loss in the number of stars. In the end, the SFEs between the different ζCR runs
are not much different. This can be explained by the fact that the Jeans mass scales
strongly with the temperature and that the cloud fragments into star-forming cores
that are more massive when the ambient temperature is higher. The stars that form
out of them are therefore also heavier. These massive stars accrete more matter, since
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there is less competition around, and they tend to grow more. This result is also in
agreement with the idea about fragmentation-induced starvation (Peters et al. 2010;
Klessen et al. 2010). But, we have a lack of fragmentation in this case and hence very
little starvation.
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Figure 4.2: Onset of star formation for the runs with a 107 M¯ black hole. In this figure, the
star formation initiation time is plotted against X-ray flux for three different cosmic ray rates.
Higher cosmic ray rates delay the onset of star formation, while increasing the X-ray flux
counteracts this. Note that the points on the left side are for the isothermal models which
have an X-ray flux of 0.

In the absence of X-rays, one obvious result is that high cosmic ray rates strongly
inhibit the formation of sub-solar mass sink particles, which follows from the afore-
mentioned Jeans mass argument. The smallest mass we obtain in these runs is about
1 solar mass. This is in agreement with, and predicted by, Papadopoulos et al. (2011).
From the IMF plots, we see that the effect of cosmic rays on the slope of the mass
function is minimal. The lognormal shape is also not much affected, although, given
the relative low number of points at higher ζCR values, one cannot firmly conclude
this. It is thus so that there is a general shift in the mass distribution toward higher
masses. The turn-over mass scales toward higher masses as well and has shifted
from 0.66 M¯ (M01) to 2.37 M¯ (M02) for the Mbh = 107 M¯ runs, and from 0.47
M¯ (M04) to 2.60 M¯ (M05) for the Mbh = 106 M¯ runs. This is an increase of a
factor of 3.6 and 5.5, respectively. Between these runs, the Jeans mass increases by
a factor of 53/2 = 11.2 (10 K to 50 K) at the same densities. So, for ζCR = 1 to 100
times Galactic, it seems that the turn-over mass scales with roughly the temperature
rather than the Jeans mass. We find that very massive sink particles are formed in
the highest cosmic ray simulations. The most massive sink particle that formed in
model M03 has a mass of 350 solar masses.
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4.4.3 Effects of UV

In PDRs, UV radiation heats the gas up to a few thousand K and will dominate the
chemistry of cloud surfaces. UV radiation can photodissociate molecules, which will
lead to the destruction of efficient coolants, and heats through photo-electric emis-
sion from (small) dust grains. UV radiation is strongly attenuated above columns of
N = 1022 cm−2, at solar metallicity. In our simulations, the model cloud has a start-
ing column of N = 1023 cm−2 (center to edge). This grows to N = 1× 1024 cm−2,
and beyond, when collapse is initiated and the first stars are about to form. Hence,
it is not expected that UV radiation will have a direct effect on the results. Only by
heating the low density regions, n < 104 cm−3, and by pressurizing the medium
where the molecular cloud is embedded in, the results might be influenced. We as-
sume that there is a uniform background UV field. The results for the model clouds
in UV dominated environments are shown in Figs. 4.9, 4.13, and 4.17.

We have chosen to simulate the models with increased UV radiation for a single
black hole mass, Mbh = 107 M¯, as can be seen from the table (Table 4.1). We have
done so because our initial studies immediately showed that the direct effect of an
external UV radiation field on our model clouds is modest. Follow-up simulations
confirmed that the column density (> 1022 cm−2) of the molecular cloud is, as pre-
dicted, already too high for UV radiation to penetrate even the edge of the cloud
(< 0.01 pc) and that turbulent effects and other instabilities do not provide the op-
portunity for UV radiation to do much damage. When X-rays are present, the gas
heating is dominated by them. This is a consequence of the much higher (10− 50%)
ionization heating efficiency compared to photo-electric heating (0.1 − 1%) by UV
irradiated dust grains. However, UV radiation does heat the low density gas, there-
fore, it influences the late time accretion.

The phase diagrams for the UV runs confirm that the radiation does not penetrate
the natal cloud beyond a few magnitudes of visual extinction at one free-fall time.
At low densities, we see that UV heats the gas to several hundred and upto a few
thousand K. Above 104 cm−3 it has no impact. In the models together with X-rays,
even with the lowest X-ray flux FX = 5.1 erg s−1 cm−2, there is little difference in the
phase diagrams, as compared to the non-UV runs. Only the low density≤ 104 cm−3,
unshielded (in the UV) regions are heated up by UV. We also see that the SFE plots
are not much different than their UV deficient counterparts. The slope of the IMF,
on the other hand, is more sensitive to variations. We see that massive stars accrete
less matter during the late stages of the run, i.e., t & 2tff, as the temperature is higher
at low densities. This while most of the late time accretion normally comes from the
low density, cold regions. Especially for the highest FX runs, the slope of the IMF
becomes slightly steeper due to a decrease in the mass of the most massive stars, in
the presence of a UV background. In Fig. 4.3, we plot the IMFs for four model runs,
M01 versus M31 and M19 versus M40, that is, with and without UV, together in the
same figure to highlight this effect.
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Figure 4.3: Comparison of IMFs of the UV runs against their non-UV counterparts. The top
panel shows the IMFs of the models M01 and M31 (no X-rays). The bottom panel shows the
IMFs of the models M19 and M40 (highest X-ray flux). For comparison purposes, the Salpeter
IMF (green dashed line) and the Chabrier IMF (blue dot-dashed line) are shown, as fitted to
our fiducial case.
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4.4.4 Effects of shear

In the presence of strong gravity, the gravitational pull on each side of a bound ex-
tended object will cause a differential acceleration. If the kinetic energy resulting
from the velocity difference is close to or on the order of the gravitational binding
energy of the object, it will play an important role in the dynamics of the cloud. The
object will be torn apart if the corresponding kinetic energy is much higher than its
binding energy. Our model cloud has a binding energy of

Ebind =
3GM2

cloud
5rcloud

= 1.02× 1047 erg, (4.10)

where Mcloud and rcloud are the cloud mass and radius. The maximum shear for
the models with the three different black hole masses, for a cloud that is at 10 pc
distance, results in kinetic energies of Eshear = [4× 1045, 4× 1046, 4× 1047] erg, with
∆vshear = [0.7, 2.2, 7.0] km/s. The velocity difference resulting from the gravitational
stresses of the two higher black hole masses, Mbh = [107, 108] M¯, is on the order
of the applied initial turbulence (5 km/s), and will therefore play an important role
in the evolution of the cloud. Whereas the velocity shear due to a black hole with
Mbh = 106 M¯ will have very little impact on the dynamics of the simulation. Figs.
4.6, 4.10, and 4.14 display the models with Mbh = 107 M¯. Figs. 4.7, 4.11, and 4.15
display the models with Mbh = 106 M¯. While, Figs. 4.8, 4.12, and 4.16 show the
models with Mbh = 108 M¯.

From the phase diagrams we infer that the column density range is more ex-
tended for the lower shear runs. A salient feature is the dual phase structure that
can be seen in the phase diagrams at low densities. This is because the cloud retains
its size and shape for a longer period of time when there is less shear, developing
a large column density range for the same densities. Moreover, we see from the
density images that the cloud becomes more asymmetric with increasing Mbh. The
cloud is stretched in the direction of the orbit but compressed perpendicular to it,
see Fig. 4.4. Due to their morphological effect on the cloud, the gravitational stresses
are the cause for the reduced column density range. This causes that in the presence
of X-rays, a larger surface is directly irradiated by radiation with less attenuation
throughout the cloud.

We find that the final star formation efficiencies are reduced for higher black hole
masses. Furthermore, we see that the star formation rate has dropped as well, while
the onset of star formation is delayed with increasing shear. However, when we look
at the numbers of sink particles formed, we find that they are remarkably higher for
large shear, that is, comparing Mbh = 107 M¯ against 106 M¯. The simulations with
the highest shear, Mbh = 108 M¯, strongly inhibit the formation of all stars. See
Table 4.2 for details. This increase in the number of sink particles, while the SFE
does not, shows that the formation of low mass stars is favored for the case with
Mbh = 107 M¯. When we look at the IMF plots, we do see that for the higher shear
runs, the mass function generally comprises more low mass stars and fewer high
mass stars. This result is in agreement with gravoturbulent fragmentation (Klessen
& Ballesteros-Paredes 2004).
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Figure 4.4: Density slices through the center of the cloud at t = 2/3tff for three different black
hole mass models. The clouds are stretched in the direction of motion with increasing black
hole mass, but compressed in the direction perpendicular to this. The black hole masses are:
106 M¯ for model M04 (left panel), 107 M¯ for model M01 (middle panel), and 108 M¯ for
model M25 (right panel). The white arrow shows the direction of the orbital motion.

4.4.5 Accretion onto sink particles

Generally most of the mass growth of the sink particles comes from accretion. Proto-
stars gain about 66% of their mass in this way. This gives us an average accretion
rate of ∼10−5 M¯/yr. Due to the restricted time resolution of our checkpoint files,
immediate merging of newly created sink particles within 1/30th of a free-fall time
(∼3×103 yr), is considered as accretion. However, this should not occur very often,
since only about 15% of the particles merge during a run and this is spread through-
out the whole simulation. The fraction of accreted mass at t = 3tff is, on average,
f̄accr ' 0.683, when there is little black hole shear (Mbh = 106 M¯). This reduces to
f̄accr ' 0.642 when we increase Mbh to 107 M¯. Similarly, when we increase the X-ray
flux from 0, 5.1, 28 to 160, the accreted mass fraction drops from 0.774, 0.746, 0.579
to 0.632 for Mbh = 106 M¯ and from 0.681, 0.652, 0.608 to 0.626 for Mbh = 107 M¯.
See Table 4.2 for a complete list of accreted mass fractions. Note that the highest
X-ray flux has a bit higher mass accretion fraction than the second highest flux. This
may be a consequence of the interplay between reduced accretion due to the increase
in temperature, as sound speed scales with T1/2, and the increase in accretion due
to the larger gas reservoir available because of the lower star formation efficiency.
Apparently, the balance tips towards more accretion at the highest X-ray flux. The
fractions for the runs with the highest shear are too volatile to consider, since very
little star formation has occurred in these runs.

From Eq. 4.5 we see that the accretion rate scales inversely with the sound speed
and gas velocity to the third power. This is a strong scaling and is the dominant fac-
tor for the decrease in accretion as gas turbulence increases. The strong differential
velocities due to shear from the black hole cascade down to smaller scales and yield
turbulence. The turbulence still decays in time, but the decay is rapid compared to
when there is less shear. Thermal pressure as a consequence of the increased tem-
peratures for the X-ray models also contributes to higher velocities and decreases the
accretion rate. We do not see a clear correlation between accretion and cosmic rays,
though. There can be two reasons for this. First of all, there is no gradient in pressure
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throughout the cloud due to the increase in cosmic ray ionization rate (they heat all
gas uniformly). Second, the heating by cosmic rays is relatively modest, yielding
much lower temperatures than that of UV or X-ray heated gas.

For the UV runs, we find notable differences after two free-fall times. Due to
UV heating, accretion onto sink particles from the low density environment, n <
104 cm−3, is drastically reduced. This is normally the main source for particles to
gain mass at the later stages of the simulation. The more massive sink particles are
also more strongly affected. Consequently, the models that produce a top-heavy
IMF, these are the runs with increased X-ray flux, are restrained. A slightly more
steep IMF slope is the result. The turn-over mass and the SFEs, on the other hand,
are not significantly affected.

4.5 Conclusions and discussion
By means of numerical simulations, we have performed an extensive study on the
effects of various kinds of irradiation (X-rays, cosmic rays, and UV) and shear on
collapsing molecular clouds in active galactic environments. We have analyzed how
the star formation efficiencies and the initial mass functions are affected for 42 differ-
ent cloud models. Our general result is that the IMF deviates from a Salpeter shape
in extreme environments. Still, for a mixture of ambient conditions, their effects on
the mass function somewhat balances out and a deviation from a Salpeter shape is
less pronounced. We evaluate the differences and similarities in detail. All the quan-
tifiable results are listed in Table 4.2.

The IMF nicely follows a lognormal distribution with a Salpeter slope for the
isothermal runs. Our fiducial model M01 and model M04, which have similar con-
ditions to those of the Milky Way, are in good agreement with a Chabrier IMF and
match a Salpeter slope excellently, as can be seen in Fig. 4.14. Increasing the cosmic
ray rate or the black hole shear does not change the slope of the mass function by
much, except perhaps for the highest ζCR and the highest Mbh. Due to the insufficient
number of sink particles, it is not possible to make a good fit for these cases.

The interplay between X-ray, shear and cosmic rays is as follows. The power-law
slope of the IMF flattens and becomes non-Salpeter when we increase the X-ray flux
from 0 to 160 erg s−1 cm−2. We find that the slope drops from around Γpowfit = -1.35
(FX = 0) to about Γpowfit = -1 (FX = 160) for the runs with Mbh = 107 M¯, and to
about Γpowfit = -0.8 (FX = 160) when Mbh = 106 M¯. We see that the flattening is
less prominent when the shear is stronger. We attribute this effect to the change in
shape of the cloud, see Fig. 4.4. When gravitational shear is stronger, the irradiated
face of the cloud is larger due to stretching of the cloud in the direction of the orbit.
A bigger region is thus compressed by thermal pressure. We also see that the cloud
obtains a rotational motion. Its rotational time is comparable to, though slightly
faster than, the orbital time. This rotation is slow, however, it does cause the regions
that were initially hot, to become shielded from X-rays. These regions, which had
their densities raised by thermal compression now cool down quickly in the shade
and form low mass stars easily. This while the model clouds in the lowest Mbh =
106 M¯ runs face the radiation source on the same side for a much longer period,
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as their orbital time is about three times larger. This argument is supported by the
behavior of the models with the highest shear. For these, the isothermal cosmic
ray runs do not form sink particles at all, however, in the presence of X-rays, star
formation does still occur thanks to compression. Cosmic rays, on the other hand,
enhance the flattening of the power-law slope. At the highest ζCR, the IMF slope
drops further from about Γpowfit = -1 to -0.8 for the Mbh = 107 M¯ runs, and from
Γpowfit = -0.8 to -0.6 for the Mbh = 106 M¯ runs. We can understand this behavior
since there are regions in the cloud that are shielded from X-rays and where the
gas behaves in an isothermal manner. These places will form more massive stars
because of the higher temperatures. Since we plot all the stars together in the IMF
plot, a steep overall IMF slope is created.

We find that the turn-over mass shifts towards higher masses for increasing X-ray
fluxes and cosmic ray rates, see table 4.2. A simple Jeans mass argument is sufficient
to explain this behavior. Since the Jeans mass strongly depends on the temperature
(Eq. 4.3), and this sets the minimum mass for the fragmentation scale, stars that form
in massive cores tend to be more massive as well. The effect of cosmic rays is less
prominent in the presence of X-rays due to the softer equation of state, as mentioned
earlier. This, in the end, makes the turn-over mass less strongly dependent on the
Jeans mass, and in part explains the constancy of the characteristic mass in many
star-forming regions (Elmegreen et al. 2008; Bate 2009).

X-rays reduce the final star formation efficiency by up to 40% in the presence
of a strong X-ray flux, FX = 160 erg s−1 cm−2. This effect is very modest for the
lowest X-ray flux, FX = 5.1 erg s−1 cm−2. In fact, there is a slight increase in the
SFE for the lower cosmic ray rates. For X-rays to have any significant impact on to
the efficiency of star formation, a flux of at least FX ≥ 5.1 erg s−1 cm−2 is needed.
The main reason for the reduced efficiency is that the cloud evaporates from the
irradiated side, thereby reducing the mass of the molecular cloud. This, however,
also increases the densities at the same side due to an ionizing compression front
such that the star formation rate remains high.

We also see a reduction in formation efficiency when we increase the black hole
shear. We do this by increasing the black hole mass while keeping the distance of
the cloud fixed at 10 pc, thereby changing the Mbh/d3

bh ratio. For the runs with the
highest shear, Mbh = 108 M¯, star formation is almost completely quenched. In
this case, the kinetic energy from the velocity divergence that the black hole injects
is greater than the binding energy of the cloud. However, we find that stars can
still form when thermal compression by X-rays enhances cloud collapse, albeit, with
very low efficiency. The effect of shear on star formation is also more dramatic than
that of the X-rays. Besides reducing the efficiency, the rate at which stars form is also
affected. From the shape of the curves of the SFE plots in Figs. 4.10 to 4.13, we see
that the increase in SFE in time is less steep and somewhat more irregular for higher
Mbh. The cause for this effect is the enhancement of the turbulence from the shearing
motion cascading down to smaller scales. We see that the turbulence remains strong,
FWHM = 4− 5 km/s on the scale of the cloud at one free-fall time, for the Mbh = 107

and 108 M¯ runs, while the turbulence decays to about 1 km/s for Mbh = 106 M¯.
In addition to this, stars start to form later with increasing shear.
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Cosmic rays also delay the onset of star formation. Interestingly, the star forma-
tion efficiency and the star formation rate are not affected. However, the number of
sink particles is drastically reduced with increasing ζCR. The average mass per sink
particle, on the other hand, rises comparably, while the formation of low mass stars
is strongly inhibited. There is a significant side-effect from X-rays that counteracts
this. When we look at the difference between the isothermal runs and the X-ray runs,
for any ζCR, we see that many more sink particles are formed when there is an X-ray
source. Especially the number of low mass stars is higher for the X-ray runs. This
can be inferred form the shape of the mass function in Figs. 4.14 to 4.17. One would
normally expect that due to the increased gas temperatures from X-ray heating, for
the same cosmic ray rate, star formation would be strongly suppressed. However,
the equation of state plays a crucial role here. Despite the higher temperatures, the
compressibility of the gas, γ being less than unity, causes the molecular cloud to
fragment more easily. This while the cosmic ray runs enjoy an isothermal, γ = 1,
equation of state. Therefore, low mass stars are able to form with much less effort.
The delay in star formation due to cosmic ray heating is also counterbalanced in the
presence of X-rays. This effect is more prominent with increasing ζCR, see Fig. 4.2.
A time difference in the onset of star formation of more than one-third free-fall time
(> 3.3× 104 s) can be seen for models with ζCR = 3000×Galactic.

For our models with UV, we find that it has modest impact on the results. This
was expected, since our model cloud has a column of N ' 1023 cm−2 at the start of
the simulation, and increases its (column) density with time. UV radiation is strongly
attenuated above columns of N = 1022 cm−2, for solar metallicity. We presented the
models with UV for Mbh = 107 M¯ and FUV = 102.5 G0 only, to asses whether in-
creased external pressure and the higher cloud edge gas temperatures can play an
important role in the evolution of the cloud. We find that by increasing the temper-
ature for the lower densities, n < 104 cm−3, accretion onto particles is reduced at
later times, i.e., t & 2tff. This impacts the growth of the massive particles later on.
As such, the slope of the IMF, especially in the presence of X-rays, is somewhat more
steep, in general. However, we find that the change in the SFEs are almost negligible
when we have an isotropic UV field with a strength of 102.5 G0, as compared to the
non-UV runs. For cloud conditions such as in this work, we find that UV radiation
can still be of importance, through secondary channels, to the formation of stars.

Accretion rates onto point particles in a turbulent medium may be different than
the rates (Eq. 4.7) used in this work as Krumholz et al. (2006) point out. Our medium
is close to homogeneous on scales of a few parsec. On the other hand, outflows and
jets from young stars could reduce the net accretion rates on smaller scales. There-
fore, using a homogeneous flow approximation might overestimate the accretion
rates and we consider them upper limits. In addition to this, Stamatellos et al. (2011)
show that episodic accretion for low-mass stars with bursts of radiative feedback can
also affect the fragmentation properties. We have not taken such effects into consid-
eration. We compare, however, our model results against each other. In this way, our
findings are less sensitive to the above mentioned issues, and relative changes in the
IMF are well defined.

The velocity shear through the cloud due to black hole gravity decreases as the
cloud contracts. With time, the model cloud in our simulations shrinks in the direc-
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tion perpendicular to the orbit due to self-gravity and turbulent motions. On aver-
age, the model cloud, shrinks by a factor of two, at most, in one free-fall time. This
reduces the shear by the same amount as ∆v scales with rcloud. Thus, the injected
energy decreases with time, but not strongly.

In this study, the maximum resolution allowed was 40963 cells. This in itself
is quite a good resolution, and to follow it for long dynamical timescales, like we
do, makes it difficult to go much higher. Since we use an adaptive grid, it is more
important to properly resolve the grid dynamically. A proper means to do so is
to resolve the Jeans length adequately everywhere in time and space. Truelove et al.
(1997) say that the Jeans length should be resolved by at least 4 cells, but in the case of
(M)HD simulations in magnetic fields, a minimum resolution of 30 cells is required
according to Federrath et al. (2011). We resolved the Jeans length in our simulations
by at least 10 cells. This actually means that the minimum resolution always lies
somewhere between 10-20 cells. However, our resolution criterion is so strict that we
resolve a whole block of 512 cells once even a single cell comes close to the minimum
of 10 cells, while we only de-refine if all the cells within the block have stretched
beyond 25 times the Jeans length. This in effect makes the general resolution in our
runs much higher than the 10 cells that we mention, and approximately about 50-60
cells on average.

Stellar multiplicity is not covered in this work and binaries do not form naturally
from the sink particle routine. In order to achieve that, cloud collapse should be
followed to the highest grid resolutions in order to resolve the gas dynamics properly
and allow proto-stars to form. This is very difficult to perform numerically. If we
were to consider the sink particles in our work as binaries, then the found shapes of
the IMFs would not be different, and would only be rescaled to lower masses. As a
test, we have re-run 2 of our simulations without sink particle merging. We found
that the merging routine does not influence the results much. Fig. 4.5 shows a plot
of model M01 without merging of sink particles.
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Figure 4.5: The IMF of model M01 without sink particle merging. In this image, the Salpeter
IMF (green dashed) and the Chabrier IMF (blue dot-dashed) are displayed as fitted to our
fiducial model. A linear fit and a lognormal fit are shown as purple and red lines.
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In the future, we intend to perform studies for conditions much closer to the black
hole, i.e., within 1 pc of galactic nuclei, to model massive stars as observed in Sgr A*
and in M31 (Genzel et al. 2003; Paumard et al. 2006; Levin 2007). We also plan to in-
corporate our results into simulations of AGN evolution and intend to look into the
stability of the entire disk. We furthermore plan to look at the radio jet propagation
through the star-forming ISM and compare it with observations (Labiano 2008).
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Figure 4.6: Phase diagrams for the models with Mbh = 107 M¯ and UV=0. Temperature is
plotted against number density at t = tff = 105 yr. The diagrams are gridded into 752 cells
with the weighted masses of the points depicted in color. Red represents a mass of 10 M¯ or
above and blue is for 10−5 M¯. Isothermal conditions yield a flat profile. From left to right,
the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to bottom, the X-ray
flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2.
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Figure 4.7: Phase diagrams for the models with Mbh = 106 M¯ and UV=0. Temperature is
plotted against number density at t = tff = 105 yr. The diagrams are gridded into 752 cells
with the weighted masses of the points depicted in color. Red represents a mass of 10 M¯ or
above and blue is for 10−5 M¯. Isothermal conditions yield a flat profile. From left to right,
the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to bottom, the X-ray
flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2.
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Figure 4.8: Phase diagrams for the models with Mbh = 108 M¯ and UV=0. Temperature is
plotted against number density at t = tff = 105 yr. The diagrams are gridded into 752 cells
with the weighted masses of the points depicted in color. Red represents a mass of 10 M¯ or
above and blue is for 10−5 M¯. Isothermal conditions yield a flat profile. From left to right,
the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to bottom, the X-ray
flux increases from 0 to 160 erg s−1 cm−2.
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Figure 4.9: Phase diagrams for the models including UV. The UV flux used in these models
is 102.5 G0. Similar to the figures before, Figs. 4.6 to 4.8, the images display the temperature
against number density at t = tff = 105 yr. The diagrams are gridded into 752 cells with the
weighted masses of the points depicted in color. Red represents a mass of 10 M¯ or above
and blue is for 10−5 M¯. From left to right, the cosmic ray rate increases from 1, 100 to 3000
× Galactic. From top to bottom, the X-ray flux increases from 0 to 160 erg s−1 cm−2. These
UV models are simulated for a black hole mass of Mbh = 107 M¯.
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Figure 4.10: Star formation efficiencies for the models with Mbh = 107 M¯ and UV=0. The
ratio of the total sink particle mass over the total initial gas mass is plotted against time (in
free-fall units). From left to right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic.
From top to bottom, the X-ray flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2. The total
number of sink particles formed during the run is given in the upper left corner of each panel.
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Figure 4.11: Star formation efficiencies for the models with Mbh = 106 M¯ and UV=0. The
ratio of the total sink particle mass over the total initial gas mass is plotted against time (in
free-fall units). From left to right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic.
From top to bottom, the X-ray flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2. The total
number of sink particles formed during the run is given in the upper left corner of each panel.
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Figure 4.12: Star formation efficiencies for the models with Mbh = 108 M¯ and UV=0. The
ratio of the total sink particle mass over the total initial gas mass is plotted against time (in
free-fall units). Note that the y-axis range in this figure differs from the other (SFE) figures.
From left to right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to
bottom, the X-ray flux increases from 0 to 160 erg s−1 cm−2. The total number of sink particles
formed during the run is given in the upper left corner of each panel.
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Figure 4.13: Star formation efficiencies for the models with UV. The UV flux used in these
models is 102.5 G0. Similar to the figures before, Figs. 4.10 to 4.12, the images show the ratio
of the total sink particle mass over the total initial gas mass and is plotted against time (in
free-fall units). From left to right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic.
From top to bottom, the X-ray flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2. These UV
models are simulated for a a black hole mass of Mbh = 107 M¯. The total number of sink
particles formed during the run is given in the upper left corner of each panel.
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Figure 4.14: Initial mass functions for the models with Mbh = 107 M¯ and UV=0. The images
display the time averaged IMFs between 1 and 3 free-fall times, where tff = 105 yr. From left to
right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to bottom, the X-
ray flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2. In each image, for comparison purposes,
the Salpeter IMF (green dashed) and the Chabrier IMF (blue dot-dashed) are displayed as
fitted to our fiducial model. Two best fits are applied to the data, a linear fit and a lognormal
fit, and are shown as purple and red lines. With the exception of the lognormal fit, the slopes
above the turn-over mass are given in the upper left corner.
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Figure 4.15: Initial mass functions for the models with Mbh = 106 M¯ and UV=0. The images
display the time averaged IMFs between 1 and 3 free-fall times, where tff = 105 yr. From left to
right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to bottom, the X-
ray flux increases from 0, 5.1, 28 to 160 erg s−1 cm−2. In each image, for comparison purposes,
the Salpeter IMF (green dashed) and the Chabrier IMF (blue dot-dashed) are displayed as
fitted to our fiducial model. Two best fits are applied to the data, a linear fit and a lognormal
fit, and are shown as purple and red lines. With the exception of the lognormal fit, the slopes
above the turn-over mass are given in the upper left corner.
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Figure 4.16: Initial mass functions for the models with Mbh = 108 M¯ and UV=0. The images
display the time averaged IMFs between 1 and 3 free-fall times, where tff = 105 yr. From left
to right, the cosmic ray rate increases from 1, 100 to 3000 × Galactic. From top to bottom, the
X-ray flux increases from 0 to 160 erg s−1 cm−2. In each image, for comparison purposes, the
Salpeter IMF (green dashed) and the Chabrier IMF (blue dot-dashed) are displayed as fitted
to our fiducial model. Two best fits are applied to the data, a linear fit and a lognormal fit, and
are shown as purple and red lines. With the exception of the lognormal fit, the slopes above
the turn-over mass are given in the upper left corner.
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Figure 4.17: Initial mass functions for the models with UV. The UV flux used in these models is
102.5 G0. Similar to the figures before, Figs. 4.14 to 4.16, the images display the time averaged
IMFs between 1 and 3 free-fall times, where tff = 105 yr. From left to right, the cosmic ray rate
increases from 1, 100 to 3000 × Galactic. From top to bottom, the X-ray flux increases from 0,
5.1, 28 to 160 erg s−1 cm−2. In each image, for comparison purposes, the Salpeter IMF (green
dashed) and the Chabrier IMF (blue dot-dashed) are displayed as fitted to our fiducial model.
Two best fits are applied to the data, a linear fit and a lognormal fit, and are shown as purple
and red lines. With the exception of the lognormal fit, the slopes above the turn-over mass
are given in the upper left corner. These UV models are simulated for a a black hole mass of
Mbh = 107 M¯.



Chapter5
Summary and Outlook∗

”The eternal mystery of the Universe is its comprehensibility.”
— Albert Einstein —

The origin of the initial mass function is an outstanding issue in the theory of
star formation. It is as of yet still unclear whether the IMF is universal or not. In
this thesis I focus on the physical processes which shape the IMF in extreme envi-
ronments. I try to gain insight into star formation and the IMF by investigating the
gravitational collapse of interstellar clouds, with special attention to the role of ra-
diative, mechanical, and chemical influences. I approach these problems using a mix
of numerical and analytical techniques. Here, I give a short description of the results
of each chapter and summarize the main findings of this thesis. I then present an
outlook on how to continue studying the origin of the IMF. I consider and discuss
several paths to this end, but mainly focus on the influence of magnetic fields, as the
impact of magnetic fields on star formation is thought to be strong, but was omitted
in this study.

5.1 Summary & conclusions
5.1.1 Molecular cloud fragmentation (chapter 2)

Molecular clouds are cold, often dark condensations of molecular gas and dust.
They are the birth places of stars and planets. In star formation, the fragmenta-
tion properties of gaseous clouds, from giant molecular clouds (rcloud > 1 pc) to
proto-stellar cores, are hierarchical. Any influences at the early phases of molecular
cloud evolution can have major consequences for the final stages of star formation.
The hypothesis is that giant molecular clouds with different metallicities will evolve
differently to such an extent that the cloud fragmentation is affected (Clark et al.
2008b; Machida 2008; Machida et al. 2009). Any initial rotation is also believed to
have a significant impact later on. We have tested these hypotheses by perform-
ing a numerical study on a gravitationally unstable giant molecular cloud (rcloud =
10 pc) as they pertain in starburst regions and low-metallicity dwarfs. In order to
properly treat the thermodynamics, we have computed the thermal balance using

∗Partly based on “The impact of magnetic fields on the IMF in X-ray dominated environments”, in
preparation (2011) by S. Hocuk & M. Spaans.
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metallicity dependent cooling functions (Meijerink & Spaans 2005). We find that
molecular cloud fragmentation does indeed strongly depend on the metallicity of
the gas, and that an initial rotational moment, even with a fraction (β0 = 10−4) of
the gravitational energy of the cloud, i.e., Erot/Egrav = 10−4, is important as well.

Figure 5.1: The dependence of molecular cloud
fragmentation on metallicity and rotational energy.
A discussion of this image can be found in chap. 2.

The results show that fragmen-
tation increases with metallicity.
Consequently, the high density
cores become more compact due
to the lower attainable tempera-
tures, while this is counteracted
by cosmic ray and gas-grain colli-
sional heating. Furthermore, we
find that modest rotation and tur-
bulence enhances the fragmen-
tation, thereby reducing the av-
erage masses of the fragments
(dense cores). Fig. 5.1 shows
density slices for twenty differ-
ent cloud conditions, at t = 6.3×
106 yr ( ≈ 12 free-fall times),
which highlights the effects of
metallicity and rotation. It fol-
lows that the influence of metal-
licity on the resulting number
of fragments and their masses
eventually affects the initial mass

function as well. Furthermore, low-metallicity dwarfs, as well as pre-stellar clouds
experiencing radiative feedback in starbursts, should enjoy a star formation mode in
which fragmentation is suppressed.

5.1.2 The IMF in active galaxies (chapters 3 & 4)

Dense molecular cores (n ∼ 105 cm−3) collapse to form one or more stars. In active
galaxies, there are strong feedback effects, such as X-rays and UV photons emanating
from the accretion disk and the broad line region of a black hole and nearby massive
stars, cosmic rays from supernova remnants, and gravitational shear (Maloney et al.
1996; Bonnell & Rice 2008; van der Wiel et al. 2009; Schleicher et al. 2010b). These
processes inject significant amounts of energy into contracting molecular cores. We
test these environmental influences on a typical, turbulent (∆v (FWHM) = 5 km s−1)
molecular cloud core of radius r = 0.33 pc at 10 pc distance from a 107 M¯ black
hole, and solve the thermal balance by performing full radiative transfer. An image
of a T − n phase diagram of a cloud under the impact of X-rays is shown in Fig.
5.2. In this figure, we can see that temperatures at low densities are increased to
several thousand K, but decrease with increasing density due to cooling processes,
such as atomic fine-structure and semi-forbidden lines, molecular transitions (CO,
H2, H2O, OH, and CH), as well as due to shielding of radiation by large columns.
As a consequence, the equation of state is softened.
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Figure 5.2: The phase diagram of a cloud irradiated by X-rays near an AGN. More explanation
on this image can be found in chapter 4.

In the absence of extreme environmental conditions, so for nearly isothermal
(10 K) gas clouds, we find that the IMF is very much similar to the one observed in

Figure 5.3: Column densities of a molecular
cloud core under the impact of X-rays. Fur-
ther information can be found in chapter 3.

the Milky Way. When there are lots
of X-rays present (FX = 5.1, 28, 160
erg s−1 cm−2), however, the gas tem-
perature increases and thermal com-
pression occurs from the direction of
the incident radiation, see Fig. 5.3
to this effect. As a result, X-rays re-
duce the star formation efficiency and
flatten the IMF, i.e., the logarithmic
slope of the mass function Γ . −1,
where usually Γ = −1.35. We find
that UV (FUV = 0.5 erg s−1 cm−2)
does not strongly influence such a
cloud, because the gas is shielded
from UV radiation due to the large
opacities at these frequencies. Our re-
sults show that cosmic rays (ζCR =
1, 100, 3000×Galactic) raise the mini-

mum attainable temperature of the gas and strongly inhibit the formation of low
mass stars (. 1 M¯), in agreement with the predictions of Papadopoulos et al. (2011).
This while gravitational shear injects more turbulence into the system, which some-
what decreases the effects of radiative feedback, but also reduces the star formation
efficiencies slightly.



104 CHAPTER 5: SUMMARY AND OUTLOOK

5.1.3 Conclusions

I studied the fragmentation dependencies of giant molecular clouds, the star for-
mation efficiencies of dense molecular cores, and their stellar mass functions. My
general conclusion is that if the environmental conditions are extreme enough, i.e.,
chemically, mechanically, or radiatively, the fragmentation of a cloud and the even-
tual masses of stars are strongly affected. Therefore, I conclude that the IMF in ex-
treme environments is different than the stellar mass function observed in our solar
neighbourhood. In Fig. 5.4, I show the IMF of an 800 solar mass molecular cloud
in an X-ray dominated environment and compare it against the IMF obtained for
conditions similar in the Milky Way.
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Figure 5.4: Initial mass functions for two different environments. Left panel displays the IMF
obtained from a numerical simulation with conditions similar to the Milky Way. Right panel
shows the resulting IMF in an X-ray dominated environment (FX = 160 erg s−1 cm−2). More
information on this figure can be found in chapter 4.

5.2 Outlook
5.2.1 Future work

There are still a lot of interesting topics that should be covered in order to understand
the origin of the IMF. Turbulence, for example, is an important factor in numerical
studies (Klessen 2011). In this thesis, turbulence is implemented according to typ-
ically observed conditions. The properties of turbulence, like its strength, scaling,
and even the type, e.g., solenoidal of compressible, can matter a great deal to the
final results and should therefore be fully investigated. Distant star forming galaxies
have been observed to be highly turbulent, ∆v > 60 km/s (Swinbank et al. 2011, in
preparation), and the star forming regions pressurized. Yet, they are still able to sus-
tain very high star formation rates & 30 M¯ yr−1 (Swinbank et al. 2010). How does
(extreme) turbulence affect the star formation efficiencies and what becomes of the
IMF? These conditions can be modelled numerically and compared to observations.
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Another path that can be followed is the implementation of the effects of dust
in hydrodynamical simulations. Dust enhances the formation of molecules, which
are especially important in cooling the gas (Cazaux et al. 2010, 2011a,b). Gas and
dust can also be collisionally coupled (nH & 104.5 cm−3 for solar metallicity), such
that gas can either cool down or heat up on the dust grains. These processes play an
important role in the star formation processes. The role of dust has not been fully
investigated in analytical and numerical studies. In most works, the treatment of
dust in star formation is generally an over-simplified, but not yet a standard, ingre-
dient. There are, however, several studies being performed in this field, especially at
high redshifts (Cazaux & Spaans 2004, 2009; Dopcke et al. 2011; Ormel et al. 2011).
The importance of grain size, shape or type (amorphous silica or carbon), and their
impact on molecule formation (or depletion) is worth looking into. To achieve this,
the molecule reaction coefficients and their cross-sections needs to be experimentally
obtained in order to be used in a set of rate equations. Investigating the role of dust
will be the next big step in advancing theories of star formation towards more com-
plete understanding.

Star formation is also observed to take place very close to (< 1 pc), and in the
accretion disk of, a supermassive black hole (Paumard et al. 2006). This rather un-
accommodating environment apparently still allows the formation of stars, with a
top-heavy IMF (Maness et al. 2007). Performing a numerical study on this matter,
to see if massive star formation is the preferred route, is worth performing. Supple-
mentary to this, by including radiative feedback since high energy radiation can be
very intense in the vicinity of an active black hole, one can see if star formation is still
possible. One first needs to look into the stability of the accretion disk and perform
a large scale simulation to understand its behaviour under severe feedback effects.
Then, a follow-up simulation with the conditions of the gravitationally unstable re-
gions, if present, needs to be performed to determine star formation efficiencies and
the IMF. In this way, one is able to test the level of radiation required to disrupt star
formation altogether. A two part study is preferred, since the dynamic range from
galactic scales to proto-stellar cores is computationally too demanding.

With the upcoming Atacama Large Millimeter Array (ALMA), direct imaging of
star forming regions in extreme environments will become possible. Nearest and
brightest active galaxies, such as the Seyfert galaxy NGC 1068 or the starburst sys-
tem NGC 253, can be resolved with ALMA down to (sub-)parsec scales. Therefore,
ALMA will be able to observe molecular clouds, and to constrain their dynamics, us-
ing emission lines such as CO, one of the best tracers of molecular gas. The findings
in this thesis, specifically the results for radiation and turbulence driven fragmenta-
tion, can be tested with ALMA using the methods of Pérez-Beaupuits et al. (2011).

Lastly, further studying the role of magnetic fields in active galactic, radiation
dominated regions is part of the future plan of this work. The influence of magnetic
fields is not considered in this thesis, but is nonetheless important. Initial calcu-
lations already show interesting results, which are explained in more detail in the
following section.
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5.2.2 Magnetic fields

Molecular gas in the Milky Way typically has a temperature of 10 K, with densities
of n ∼ 104 − 105 cm−3, and a magnetic field strength of around B ∼ 10− 200 µG
(Crutcher et al. 1987; Bourke et al. 2001). An observed cloud core, similar to the
conditions in this thesis for example, is RCW 38. This embedded star forming region
has a magnetic field strength of B = 38 µG (Bourke et al. 2001; Wolk et al. 2008). Given
such initial conditions, and by looking at the ratio of pressures, one can see that the
initial magnetic pressure is many times lower than the thermal pressure. This while
in the presence of any radiative heating, the thermal pressure increases even more.
One can think from this point of view that the magnetic pressure on the evolution of
a molecular cloud will not be significant. From recent studies, however, it appears
that the influence of magnetic fields is important during structure and star formation
(Falgarone et al. 2001; Wang et al. 2010; Banerjee et al. 2009; Schleicher et al. 2010a;
Federrath et al. 2011; Mouschovias et al. 2011). It is found that the magnetic field
scales with density ρ as (Crutcher 1999)

B ∝ ρκ , (5.1)

where κ, the logarithmic slope of the relation, is typically on the order of 0.58 (Schle-
icher et al. 2010a; Bürzle et al. 2011) according to most recent numerical studies. This
means that the magnetic field strength increases rapidly as the molecular cloud col-
lapses and grows by several orders of magnitude in one free-fall time. Consequently,
magnetic fields could have a significant impact on star formation, despite their weak
initial strength. Since the relation between magnetic pressure and magnetic field
strength is

Pmag =
B2

8π
, (5.2)

and given that κ ≈ 0.6, the magnetic pressure roughly scales as Pmag ∝ ρ1.2. This
while the thermal pressure relates to the density as P ∝ ργ. One can see that the
magnetic pressure will dominate over the thermal pressure at some point during
contraction, as the density increases by orders of magnitude, if γ . 1.2, and does
so for an isothermal collapse. It is therefore important to incorporate and test the
impact of magnetic fields in numerical studies of star formation.

Preliminary results on magnetic scaling, i.e., κ = dlog(Pmag)/dlog(n), in X-ray
dominated regions (XDRs) show that this does not differ much from the predicted
scaling above. For an 800 solar mass, 105 cm−3 dense cloud, and an initial magnetic
field strength of 135 µG, with and without irradiation by X-rays (FX = 160 or 0 erg s−1

cm−2), the magnetic scaling, at t = 8× 104 yr = 4/5 tff, is shown in the Fig. 5.5. Here,
the ambipolar diffusion time is much larger than the cloud free-fall time tAD À tff,
where tAD ∼ 1.3× 1014 x(e) yr, with x(e) ∼ 10−8 − 10−4. Thus, the magnetic flux
of the cloud is not lost during the dynamical contraction. Even though these results
are only based on the early stages of collapse, it seems that the magnetic scaling of
an X-ray dominated environment, when looking at the most populated (red) region,
is similar to an X-ray free environment κ = 0.58. For XDRs, a value of κ = 0.69 is
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Figure 5.5: Magnetic scaling. The magnetic pressure is plotted against number density at
t = 8× 104 yr = 4/5 tff. On the left, a cloud model similar to the conditions of the Milky Way
is shown. On the right, a cloud irradiated by X-rays (FX = 160 erg s−1 cm−2) is shown. The
colored contours in this plot represent the amount of mass lying in the same region. In this
respect, blue represents masses of 10−3 M¯, while red shows the masses of 50 M¯.

found. The pressure drop at densities of 103 − 104 cm−3, for the irradiated cloud, is
due to the relatively high background magnetic pressure. In these models, a back-
ground field strength of 10 µG was implemented. As the cloud evaporates from
heating by X-rays at the irradiated surface, the densities decrease in the surrounding
gas and on the surface of the cloud. Consequently, the magnetic fields decrease ac-
cording to the same power-law scaling, i.e., with κ = 0.69. This causes the magnetic
field strength to drop steeply with density, and thus becomes lower than the back-
ground field strength. One also notices a steep increase in the magnetic pressure at
high densities. This is possibly due to the dynamo process. However, higher resolu-
tion studies are needed to confirm this. The dynamo effect allows a magnetic field in
interstellar gas clouds to be maintained and generated through rotation, convection,
and turbulent motions. Both model clouds are turbulent, however, the reason why
dynamo action could occur more prominently for the XDR model cloud, is that X-
ray heating and evaporation increase the turbulent motions and also generate strong
shock waves, as opposed to the isothermal (10 K) model. It is expected that the scal-
ing will become steeper than κ ≈ 0.6 in the presence of radiative feedback for t >
tff. It is also possible that the collapse is more spherical for the XDR model cloud,
especially in the high density regions. For spherical symmetry, the magnetic field
increases as ρ2/3. While for non-spherical (flatter) geometries, this scaling is weaker.

From the same figure (Fig. 5.5), one immediately notices that the maximum ob-
tained densities are a few×105 cm−3. This is quite low compared to simulations
without magnetic fields, see Fig. 5.2 for a phase diagram of a model with X-rays but
without magnetic fields. Clearly, higher densities are reached at the same moment
in time. It seems that the magnetic field delays the onset of star formation. Whether
this will lead to a) more fragmentation, i.e., there is more time during collapse for
fragments to develop, or b) less fragmentation, i.e., there is more time for material to
evaporate and/or clumps to merge with one another, a more complete analysis will
need to show.
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One final preliminary result that is worth mentioning is that proto-stars (sink
particles in our simulations) seem to form along the magnetic field lines (Tilley &
Pudritz 2007). Fig. 5.6 shows that a collapsing molecular cloud in a uniform mag-
netic field with a sub-critical field strength of 10 µG, fragments and builds up density
along the field lines, whereafter sink particles start to form. A thorough investiga-
tion of the effects of magnetic fields should establish whether the matter if the stellar
initial mass function is affected, and if so, in what way.

Figure 5.6: Proto-star formation along magnetic field lines. Top panels show an XY view and
bottom panels show an XZ view. Colored spheres represent proto-stars, where the color bar
scale is in units of M¯. The right panes include the magnetic field lines, where length of the
arrow indicates their magnitude, with a range of 0.1− 450 µG.
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Nederlandse
Samenvatting

Het onderzoek in dit proefschrift richt zich op het verkrijgen van inzicht in de
vorming van sterren in extreme omgevingen. Met name wordt er gekeken naar
de afhankelijkheid van de roemruchte initiële massafunctie. De universaliteit
van deze veelbesproken functie is getoetst onder verschillende omstandigheden,
gebruik makend van gedetailleerde numerieke simulaties. De bevindingen in dit
proefschrift bewijzen dat de initiële massafunctie afwijkt van de getheoretiseerde
universele vorm in extreme stervormingsgebieden. Hier wordt het onderzoek in
dit proefschrift en de belangrijkste bevindingen samengevat.

S terren maken deel uit van de oorsprong van het leven. Het materiaal waar
wij uit bestaan, is afkomstig van de elementen die gedurende miljarden ja-
ren in sterren gevormd zijn. Sterren worden in zekere zin geboren, groeien

en sterven net als al het leven om ons heen. Tijdens hun miljarden jarige bestaan,
beı̈nvloeden ze andere sterren en hun directe omgeving. Het gas en stof dat ze ach-
terlaten wanneer ze sterven, is het materiaal waaruit nieuwe sterren ontstaan. Zo is
er een continue cyclus van leven en dood van sterren. Elke nieuwe generatie sterren
bouwt voort op wat de voorgaande generatie achtergelaten heeft. Generatie na ge-
neratie worden deze bouwstenen steeds rijker in zwaardere elementen als C, N en O
en dynamisch complexer van structuur. Dit heeft als gevolg dat het gehele stervor-
mingsproces continu in verandering is. Het onderzoek naar de vorming van sterren
is één van de oudste en één van de belangrijkste onderzoeksvelden in de astronomie.

Sterren worden geboren in gigantische gasnevels, zoals weergegeven in figuur 1,
die zich in het interstellaire medium (ISM) bevinden. Dit medium wordt grotendeels
gevoed door de materie die de sterren uitstoten en wegblazen. Supernova explosies
hebben hierin het grootste aandeel en alleen zware sterren met een massa van meer
dan 8 zonsmassa’s komen daarvoor in aanmerking. Het merendeel van zware ele-
menten wordt gevormd en verspreid op deze manier. Massieve sterren zijn daarom
de fabrieken en distributeurs van zware elementen in het Universum.
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Figuur 1: Ruimte, sterren en kosmisch stof. Impressie van een kunstenaar van het interstellai-
re medium. Figuur credit Casperium.

Massieve sterren spelen ook een belangrijke rol bij tal van andere processen. Mas-
sieve sterren injecteren bijvoorbeeld grote hoeveelheden energie in het ISM via de
straling die ze produceren, de sterke jets die ze creëeren en de krachtige sterrenwin-
den en supernovae die ze voortbrengen. Veel van deze effecten worden terugge-
koppeld naar de stervormingsgebieden. Terugkoppeling kan chemisch, mechanisch
of via straling zijn. Massieve sterren beı̈nvloeden bijvoorbeeld de turbulentie van
gaswolken middels mechanische terugkoppeling, de temperaturen via straling en
de vorming van moleculen door chemische terugkoppeling. Het is daarom erg be-
langrijk om te weten hoe massief een ster wordt wanneer deze vormt. Beter gezegd:
welke fractie van sterren in een stervormingsgebied massief genoeg is om een be-
langrijke invloed op hun omgeving te hebben. Die kennis zal ons helpen om beter
inzicht te verkrijgen in bijvoorbeeld de stervormingsgeschiedenis van sterrenstel-
sels, de chemische verrijking van het vroege heelal, of zelfs in het voorspellen van
de aantallen en eigenschappen van bruine dwergen in een stercluster. Het is daarom
van belang om de relatieve aantallen van sterren voor verschillende massa’s te be-
palen. Deze verdeling van stellaire massa’s op het moment van hun geboorte wordt
de stellaire initiële massafunctie (IMF) genoemd.

Stervorming

Sterren ontstaan in de kernen van gaswolken die een kritieke dichtheid, voor een be-
paalde temperatuur, hebben bereikt. Het verband tussen de dichtheid en de tempe-
ratuur op het kritische punt, wordt het Jeans criterium genoemd. Vaak hebben grote
gasnevels te lage dichtheden en zijn daarom heel lang inactief. Maar er is continu
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beweging. Terugkoppeling door sterren, accretie van gas en nog vele andere proces-
sen maken het systeem turbulent en veranderlijk. Met de tijd fuseren klompjes van
gas en stof met elkaar en soms komt een krachtige schokgolf langs, van bijvoorbeeld
een supernova, die op slag veel materie bijeen veegt. Door het ophopen van massa
neemt de aantrekkingskracht toe en begint de wolk zich samen te trekken. Thermi-
sche en stralingsdruk werken dit proces echter tegen. Maar ook magneetvelden en
turbulentie zijn bronnen die het ineenstorten kunnen voorkomen. Pas als er genoeg
massa is vergaard, kan de zwaartekracht al deze tegenkrachten overwinnen en zal
het ineenstorten op gang komen en ongehinderd doorgaan om uiteindelijk één of
meer sterren te vormen.

Moleculaire wolken

Sterren vormen in grote gaswolken die rijk zijn aan velerlei soorten moleculen. Deze
wolken staan bekend als moleculaire wolken. Moleculen zijn nodig bij stervorming
om de temperatuur van het gas op peil te houden. Tijdens het begin van de con-
tractie stijgen de temperatuur en druk niet adiabatisch. Het verband tussen tempe-
ratuur en druk wordt gegeven door de zogenaamde toestandsvergelijking. Atomen
en moleculen maken het mogelijk om de thermische energie om te zetten in elek-
tromagnetische straling, waarbij moleculen een veel breder spectrum hebben en dus
makkelijker energie kunnen omzetten in straling dan atomen. Deze straling kan
dan energie wegdragen, en dus koelen, als zij ontsnapt uit het systeem. Zonder
de aanwezigheid van moleculen zouden de stijgende druk en temperatuur de sa-
mentrekking tegenhouden en stopt het stervormingsproces al in een vroeg stadium.
Met andere woorden: de toestandsvergelijking wordt zachter; het gas is makkelijker
samendrukbaar en de temperatuur van de moleculaire wolk stijgt niet of weinig ge-
durende compressie. Dit maakt het ineenstorten van moleculaire wolken mogelijk.

Een moleculaire wolk bestaat uit atomen, moleculen, ionen en stofdeeltjes welke
het tot een rijk chemisch systeem maakt. Moleculen vormen in de gasfase of op
stofdeeltjes waarbij de samenstelling en de hoeveelheid van moleculen afhangt van
de omgevingscondities zoals temperatuur, druk, dichtheid, metalliciteit en straling.
Meerdere fasen met verschillende temperaturen kunnen bestaan binnenin één enkele
wolk. Metalliciteit (aangeduid met Z) is een term die gebruikt wordt om de relatieve
abundanties van de elementen te beschrijven. Alle elementen zwaarder dan helium
worden collectief aangeduid als metalen. De hoeveelheid van metalen is van belang
bij veel astronomische onderzoeken, zoals bijvoorbeeld de leeftijdsbepaling van een
astronomisch object of, zoals eerder gezegd, bij de vorming van sterren. Metalliciteit
neemt toe naarmate de verhouding van zware elementen (metalen) met betrekking
tot helium en waterstof groter wordt. De metalliciteit van interstellaire wolken in
onze Melkweg is vergelijkbaar met de metalliciteit van onze Zon (Z¯). Van al het
gas in het ISM bestaat 93% (in aantallen) van de atomen uit waterstof, 7% uit helium
en minder dan 1% uit zwaardere elementen.
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Stralingsprocessen
Atomen, moleculen en ionen kunnen straling absorberen of uitzenden via verschil-
lende processen. De voortplanting van straling door een medium wordt beı̈nvloed
door absorptie, emissie en verstrooiingsprocessen, die op hun beurt weer allemaal
afhankelijk zijn van de samenstelling van het medium. Over het algemeen zullen
elementen met een hoger atoomnummer en met meer vrijheidsgraden een breder
arsenaal van mogelijke overgangstoestanden hebben. Deze zijn daarom efficiënter
in het wegstralen van de interne energie van een systeem. Dit staat het toe om een
moleculaire wolk snel af te koelen en om lage temperaturen te bereiken. Een typische
moleculaire wolk in onze Melkweg heeft een temperatuur van 10 K (−263◦ Celcius).
Totdat lokaal thermodynamisch evenwicht (LTE) is bereikt (in wolken waaruit stra-
ling nog kan ontsnappen), schaalt het tempo van afkoeling met het kwadraat van de
dichtheid.

Anderzijds kan een externe stralingsbron de temperatuur van het gas ook (sterk)
verhogen. De geabsorbeerde energie wordt daarbij omgezet in kinetische energie
en vervolgens in thermische energie. Hoog-energetische straling zoals ultraviolette
(UV) straling (E = 5− 100 eV) kan moleculen ontleden in atomen middels fotodis-
sociatie. Dit komt de koelprocessen niet ten goede. Straling met hogere energieën
zoals Röntgenstraling (E > 1 keV) ioniseert de atomen eerder dan dat zij ze disso-
ciëert. De vrijgekomen elektronen dragen het merendeel van de energie in de vorm
van de verkregen impuls. Bij interacties met andere elektronen wordt deze energie
weer omgezet in warmte; dit heet het Coulomb proces. Zodoende wordt de tempera-
tuur van het systeem op een efficiente manier verhoogd. Aan de andere kant kunnen
ionen makkelijker bindingen aangaan met andere atomen/ionen om zo nieuwe mo-
leculen te vormen. De toename van het molecuulgehalte zorgt er weer voor dat er
betere koelmiddelen ontstaan waardoor het systeem andermaal kan afkoelen. De-
ze subtiele complicaties maken de thermodynamica van moleculaire gaswolken een
dynamisch geheel.

Initiële massafunctie
De initiële massafunctie geeft de relatieve verdeling van stellaire massa’s in een be-
paald volume van de ruimte. Het is een empirisch verkregen functie die zich volgens
waarnemingen gedraagt als een machtswet voor stellaire massa’s vanaf een paar
tienden van de massa van onze Zon. Deze welbekende functie wordt verkregen
door het maken van een logaritmisch histogram van de initiële massa’s van sterren.
Dat betekent dat het aantal sterren ‘dN’ in een massabereik ‘dM’ schaalt met de mas-
sa tot een bepaalde macht dN/dM ∝ M−α, waarbij α een dimensieloze exponent is.
Ongeveer 1% van de sterren hebben een massa van & 8 zonsmassa’s, die ∼99% van
alle UV straling produceren. Figuur 2 geeft een representatieve weergave van de
IMF.

De IMF heeft de belangrijke eigenschap dat het de kans op het vormen van ster-
ren met een bepaalde massa bepaalt. Deze verdeling is uitgegroeid tot een belangrijk
diagnostisch hulpmiddel voor astronomen en is van fundamenteel belang in veel on-
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Figuur 2: Representatieve
weergave van de initiële massa
functie. De piek van de functie,
aangeduid met een gele cirkel,
geeft de meest waarschijnlijke
massa van een ster in een ster-
cluster aan. Deze is ongeveer
0.3 zonsmassa’s. Slechts 1%
van de sterren hebben een
massa van & 8 zonsmassa’s.

derzoeksgebieden. Ze wordt gebruikt in bijvoorbeeld het modelleren van de evolu-
tie van sterrenstelsels, chemische verrijking van het heelal en energieke terugkoppe-
ling in het ISM. Kortom: alle onderwerpen waarbij (statistische) eigenschappen van
grote hoeveelheden sterren van belang zijn. Het is daarom passend om te stellen
dat één van de belangrijkste doelen voor de theorieën van stervorming het begrijpen
van de oorsprong van de stellaire initiële massafunctie is.

Het idee is dat de IMF een universele functie moet zijn. In 1955 heeft Edwin
Salpeter deze functie geformuleerd aan de hand van zijn waarnemingen. Met de
middelen van toen kwam hij tot de ontdekking dat deze functie zich gedroeg als een
machtswet met een exponent α = 2.35 voor massa’s boven ∼1 zonsmassa. Al bijna
60 jaar houdt deze waarde van α stand en een groot aantal waarnemingen van ster-
vormingsgebieden in ons Melkwegstelsel ondersteunt deze hypothese.

Verscheidene recente studies van voornamelijk extragalactische objecten laten
echter iets anders zien. Uit waarnemingen van andere melkwegstelsels blijkt dat de
IMF afwijkingen vertoont van de standaard Salpeter vorm. Deze stelsels hebben mo-
gelijk behoorlijk afwijkende stervormingscondities. Zelfs onze eigen Melkweg toont
in haar centrum, in de buurt van ons eigen superzware (106 zonsmassa’s) zwarte gat,
tekenen van variaties in de IMF. Aanvullend op deze waarnemingen ondersteunen
vele numerieke studies eveneens een niet-universele IMF. Deze recente ontwikkelin-
gen hebben de astronomie gedreven om het raadsel van de universaliteit van de IMF
eens en voor altijd op te lossen.

Extreme gebieden
Het proces van stervorming is slecht begrepen in extreme omgevingen. Hiermee
wordt bedoelt de gebieden met omstandigheden die een uitdaging zijn voor de vor-
ming van sterren. Deze uitdagingen kunnen bijvoorbeeld hoge temperaturen zijn
(Tgas ∼ 50 − 200 K, Tstof ∼ 50 K), sterke stralingsvelden, krachtige turbulentie
(∆v ∼ 5 km/s, waarbij ∆v ∼ 1 km/s in onze Melkweg), extreme zwaartekrachtsvel-
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den of zeer lage metalliciteiten (Z = 0.0001 Z¯). Ons Universum herbergt vele regio’s
die heel extreem zijn. Zelfs onder zulke extreme omstandigheden zijn toch stervor-
mingsgebieden waargenomen. Maar het is onzeker of sterren in extreme gebieden
op dezelfde manier vormen en of de IMF vergelijkbaar is met die in onze Melkweg.

Actieve melkwegstelsels herbergen superzware zwarte gaten met massa’s van
meer dan 106 zonsmassa’s in hun centra. De actieve galactische kernen (AGN) zijn
de helderste bronnen van elektromagnetische straling in het heelal. Het centrale
zwarte gat is omringd met een accretieschijf en verslindt alle materie die te dicht in
de buurt komt. Het accretie tempo kan oplopen tot de Eddington limiet, het maxi-
mum dat een zwart gat kan accreteren voordat de stralingsdruk te hoog wordt en
het materiaal wegblaast. De materie rondom zwarte gaten wordt verwarmd mid-
dels het accretie proces tot miljoenen graden. Deze verhitting leidt tot de productie
van hoog-energetische straling zoals UV-fotonen (E > 5 eV) en Röntgenstraling (E
> 1 keV). Het gebied waarin de hoog-energetische straling geproduceerd wordt,
heet het brede lijn gebied (BLR) en staat op een afstand van . 0.1 lj, waarbij 1 lj =
lichtjaar ≈ 1× 1016 m. De omgeving rondom de BLR, tot op een afstand van on-
geveer 300 lj, wordt het smalle lijn gebied (NLR) genoemd. Figuur 3 illustreert de
omgeving van een actief zwart gat. Naast sterke stralingsvelden hebben superzware
zwarte gaten ook een sterk zwaartekrachtveld. Moleculaire wolken binnen de NLR
van actieve melkwegkernen worden sterk beı̈nvloed door deze velden.

Figuur 3: Illustratie van een actieve galactische kern. Een zwart gat omgeven door een ver-
duisterende torus van stof en moleculen. Credit: V. Beckmann (NASA’s GSFC) et al., ESA.
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Starbursts zijn gebieden in de ruimte met een ongewoon hoge mate van stervor-
ming. Sterren vormen in deze stelsels met een tempo dat honderden tot duizenden
maal hoger ligt dan in onze Melkweg. De productie van UV straling wordt gedo-
mineerd door O en B sterren (zware, & 8 zonsmassa’s, hete sterren) omdat alleen
de heetste sterren UV straling kunnen produceren. Deze zware sterren komen veel-
vuldig voor in een starburst, wat leidt tot een intens UV stralingsveld en veel warm
stof dat in het ver-infrarood straalt. Het tempo waarin supernovae worden gevormd
is in het algemeen ook bijzonder hoog in starbursts. Dit leidt op zijn beurt tot een
verhoogd niveau van kosmische straling (E > 1 MeV). Dit komt omdat kosmische
stralen voornamelijk geproduceerd worden in supernovaresten. Figuur 4 laat de
meest recente opname van de beroemde starburst ‘Antennae’ zien.

Figuur 4: Het Antennae stelsel. Dit stel-
sel is een voorbeeld van een zeer sterke
starburst die ontstaan is door de botsing
van twee andere stelsels; NGC 4038 en
NGC 4039. Deze foto is één van de eerste
astronomische objecten waargenomen
met ALMA (vrijgegeven op 3 oktober
2011). ALMA is de grootste en de krach-
tigste telescoop van de huidige genera-
tie in (sub)milimeter golflengtes. Figuur
credit: ALMA (ESO/NAOJ/NRAO);
(NRAO/AUI/NSF); HST (NASA, ESA,
and B. Whitmore (STScI)).

Doel en bevindingen van dit proefschrift
In dit proefschrift zijn de invloeden van de omgeving op de vorming van sterren be-
studeerd en de resultaten geanalyseerd. De nadruk ligt op de initiële massafunctie
van de sterren, in het bijzonder de vorming van sterren in extreme omgevingen. Elk
hoofdstuk richt zich op een ander aspect van stervorming. De voornaamste conclu-
sies worden hier samengevat.

Het tweede hoofdstuk van dit proefschrift richt zich op de evolutie van grote
moleculaire wolken (straal = 30 lj) in regio’s met een zeer lage metalliciteit. De af-
hankelijkheid van de fragmentatie (versplintering) van een moleculaire wolk met
metalliciteit is hierbij onderzocht. De hypothese is dat grote moleculaire wolken met
verschillende metalliciteiten anders zullen evolueren zodanig dat de fragmentatie
van de wolken van elkaar zullen afwijken. Dergelijke invloeden op de vroege fa-
sen van de evolutie van een moleculaire wolk kunnen grote gevolgen hebben voor
de stervorming. In dit onderzoek is de fragmentatie van de wolk gesimuleerd met
de omgevingscondities die vergelijkbaar zijn met starbursts en dwergstelsels. Ver-
volgens zijn de bevindingen vergeleken met de bekende condities van de Melkweg.
Om een juiste behandeling van de thermische balans te krijgen, is er voor het stra-
lingstransport gebruik gemaakt van een gedetailleerde koelfunctie, die sterk afhangt
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van de metalliciteit. De effecten van rotatie, stof en kosmische straling zijn ook mee-
genomen in de berekeningen. De resultaten laten zien dat de fragmentatie van de
moleculaire wolk inderdaad sterk afhangt van de metalliciteit van het gas en dat
rotatie ook een belangrijke rol speelt. Een afbeelding van de resultaten is weerge-
geven in het linker paneel van figuur 5. Er is aangetoond dat de fragmentatie toe-
neemt met de metalliciteit en dat de hoge dichtheidskernen compacter worden als
gevolg van de lagere haalbare temperaturen, terwijl dit wordt tegengewerkt door
de verwarming van het gas door stofdeeltjes en kosmische stralen. Geconcludeerd
wordt dat dwergstelsels met een lage metalliciteit, maar ook wolken in starbursts
die terugkoppeling door straling ervaren, een stervormingsmodus genieten waarin
de fragmentatie wordt onderdrukt. Hieruit volgt dat de invloed van metalliciteit op
het resulterende aantal fragmenten en hun massa’s uiteindelijk ook de initiële mas-
safunctie zal beı̈nvloeden.

Het derde en het vierde hoofdstuk van dit proefschrift onderzoekt de vorming
van sterren uit compacte kernen van moleculaire wolken (met een straal van 1 lj) in
extreme omgevingen. Deze moleculaire kernen staan op een afstand van 30 lj van
een actief zwart gat. Ze ervaren vescheidene effecten van terugkoppeling. In dit on-
derzoek wordt er gekeken naar de effecten van de gravitationele spanningen door
het sterke zwaartekrachtsveld (mechanische terugkoppeling) en de effecten van kos-
mische straling, UV straling en Röntgenstraling (terugkoppeling door straling). De
belangrijkste vraag van deze studie is hoe sterk de IMF wordt beı̈nvloed door deze
effecten. Een parameter studie van 42 verschillende 3-dimensionale numerieke si-
mulaties is uitgevoerd om zowel de kwalitatieve als de kwantitatieve effecten van
extreme omgevingen op interstellaire wolken in actieve sterrenstelsels te bepalen.
De resultaten laten zien dat in de afwezigheid van de terugkoppeling, dus voor koe-
le (10 K) isotherme gaswolken, de IMF zeer vergelijkbaar is met de waargenomen
massafuncties in onze Melkweg. Als er echter in de buurt een sterke stralingsbron
van Röntgenstralen aanwezig is, met een flux van 5− 160 erg/s/cm2, stijgt de tem-
peratuur van het gas. Als gevolg hiervan vermindert de efficiëntie van stervorming
en vlakt de IMF af. Zie hiervoor het rechter paneel in figuur 5. Dat wil zeggen dat de
logaritmische helling α van de massafunctie minder dan 2 wordt, waar α gewoonlijk
2.35 is. Verder blijkt dat UV straling (met een flux van 0.5 erg/s/cm2) geen grote
invloed heeft op zulke dichte moleculaire kernen. Het gas is beschermd tegen UV
straling als gevolg van de hoge dichtheden en de optische diepte bij deze golflengtes.
De resultaten laten zien dat kosmische straling met een stralingsdichtheid van 100
tot 3000 keer de stralingsdichtheid van onze Melkweg de minimaal haalbare tempe-
raturen van het gas verhoogt tot 50− 200 K en de vorming van lage massa sterren (.
1 zonsmassa) sterk afremt. Dit terwijl de zwaartekracht gravitationele spanningen
produceert en hierdoor meer turbulentie in het systeem injecteert. Hierdoor ver-
mindert de mechanische terugkoppeling enigszins de effecten van de straling, maar
verlaagt dit ook de stervormingsefficiëntie.

Alle resultaten van de verschillende onderzoeken in dit proefschrift; de fragmen-
tatie eigenschappen van reusachtige moleculaire wolken, de vorming van sterren
in dichte kernen van moleculaire wolken en de daaruit volgende stellaire massa-



BIBLIOGRAPHY 123

functies, leiden tot dezelfde uitkomst. Als de omgevingsomstandigheden extreem
genoeg zijn, chemisch, mechanisch of door straling, dan worden de fragmentatie ei-
genschappen van een moleculaire wolk en de uiteindelijke massa’s van sterren sterk
beı̈nvloed. Daarom concludeert dit proefschrift dat de initiële massafunctie in extre-
me omgevingen anders is dan de IMF zoals die is waargenomen in onze Melkweg.
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Figuur 5: Resultaten uit het proefschrift. Links: de samenhang van de fragmentatie van een
moleculaire wolk met de metalliciteit en rotatie. Elk paneel geeft een dichtheidsdoorsnede
van de moleculaire wolk weer, waarbij de rode kleuren de hoge dichtheden aanduiden (zie
hoofdstuk 2 voor meer details). Rechts: de initiële massafunctie in een stralingsgedomineer-
de extreme omgeving. De blauwe en de groene lijnen illustreren de typische IMF van onze
Melkweg en de rode en paarse lijnen zijn gefitte lijnen aan de verkregen data (zie hoofdstuk 4
voor meer details).
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Türkçe Özet

Bu tezdeki araştırma, yılıdızların olağanüstü koşullar altındaki oluşumu hakkın-
da bilgi edinmeye odaklanır. Bu çerçevede özellikle yıldızların meşhur başlangıç
kütle fonksiyonunun bağımlılığını araştırır. Evrenselliği ile çok tartışılan bu
fonksiyonu ayrıntılı simülasyonlar kullanarak farklı koşullar altında analize eder.
Bu tezdeki sonuçlar, olağanüstü koşullar altında oluşan yıldızların başlangıç
kütle fonksiyonunun evrensel başlangıç kütle teorisinden farklı bir şekile sa-
hip olduğunu göstermektedir. Burada, tezde yapılan araştırma ve ana bulgular
özetlenir.

Y ıldızlar, hayatın kökeninin bir parçasıdır. İnsanların yapıtaşları olan çeşitli
atomlar, milyarlarca seneler yıldızların içinde oluşurlar. Tüm varolan hayat
gibi yıldızlar da birnevi doğarlar, büyürler ve ölürler. Milyarlarca yıl süren

bu zaman içerisinde çevrelerini ve diğer yıldızları etkilerler. Öldüklerinde geriye
bıraktıkları gazlar ve tozlar yeni yıldızların oluşabilmesi için gerekli malzemeyi sağ-
lar. Böylece yıldızların sürekli yaşam ve ölüm döngüsü vardır. Her yeni nesil yıldız
bir önceki neslin geride bıraktıklarının üzerine oluşur. Nesilden nesile yapıtaşlar-
daki ağır maddeler (C, N ve O gibi) çoğalır ve daha dinamik yapılara sahip olurlar.
Böylece yıldızların oluşum süreci devamlı değişim gösterir. Yıldız oluşum teorisi,
gökbilimdeki en eski ve en önemli araştırma konularından birisidir.

Yıldızlar, yıldızlararası ortamın (ISM) içinde bulunan devasa gaz bulutlarının
içerisinde oluşurlar, şekil 1’e bakınız. Bu ortam, genelde yıldızlar tarafından yayılan
maddeler ile beslenir. Bunun büyük payı ise süpernovalara aittir ve bunu ancak
kütleleri güneşin kütlesinden en az sekiz kat daha yüksek olan yıldızlar başarabilirler.
Ağır elementlerin çoğu bu şekilde oluşur ve dağılır. Büyük kütleli yıldızlar, kâinatın
ağır element üretim fabrikaları ve dağıtıcılarıdır.
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Şekil 1: Uzay, yıldızlar ve kozmik toz. Yıldızlararası ortamın sanatsal gösterimi. Bu resim,
Casperium tarafından hazırlanmıştır.

Büyük kütleli yıldızlar bir çok diğer süreçlerin içerisinde de önemli rol oynar-
lar. Bu yıldızlar, oluşturdukları ışınımlar, kuvvetli fıskiyeler, etkili yıldız rüzgarları
ve güçlü süpernovalar ile ISM’e büyük miktarda enerji enjekte ederler. Bu etkilerin
çoğu yıldız oluşum bölgelerine geri beslenir. Geribesleme, kimyasal, mekanik ya
da ışınım ile olabilir. Büyük kütleli yıldızlar, gaz bulutlarının türbülansını mekanik
geribesleme ile, sıcaklıklarını ışınımsal geribesleme ile ve moleküllerin oluşumunu
kimyasal geribesleme ile etkilerler. Bu yüzden yıldızların ilk oluştukları andaki
kütlelerini bilmek çok önemlidir. Daha doğrusu, bir yıldız oluşum bölgesindeki
yıldızların kaçta kaçının etraflarına etki yaratabilecek kadar büyük kütleye sahip
olduğunu bilmek çok önemlidir. Bu bilgi, galaksilerin yıldız oluşum tarihini da-
ha iyi anlamakta, erken evrenin kimyasal zenginleştirmesinde ve hatta bir yıldız
kümesindeki, kahverengi cücelerin sayısını ve özelliklerini bilmekte gibi bir çok
konuda bize faydalı olacaktır. Farklı yıldız kütlerinin bağıl sayılarının tespit edil-
mesi bu nedenle önemlidir. Yıldızların oluştukları andaki kütlerinin dağılım fonk-
siyonuna başlangıç kütle fonksiyonu (IMF) denir.

Yıldız oluşumu
Yıldızlar, gaz bulutlarının merkezlerinde, gazın yoğunluğu kritik bir noktaya ulaştığı
zaman oluşurlar (sabit bir sıcaklık değeri için). Bu kritik noktadaki yoğunluğun
ve sıcaklığın arasındaki ilişki Jeans kriteri olarak tanınır. Büyük gaz bulutlarının
yoğunluklarının genel olarak düşük olmasından dolayı uzun süre yıldız oluşumu
gözlenmez. Fakat gaz bulutları dinamik bir yapıya sahiptirler. Yıldızların gaz ak-
tarımı, geribesleme etkileri ve başka diğer süreçler gaz bulutlarının türbülanslı ol-
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malarına neden olur. Zamanla, gaz ve toz birikintileri birbirleriyle birleşir. Bir
süpernovanın üretebileceği güçlü bir şok dalgası da maddeleri bir araya toplaya-
bilir. Kütle birikimi sayesinde, yerçekimi güçlenir ve gaz bulutu daralmaya başlar.
Fakat ısı ve ışınım basıncı bu sürece karşı koyar. Bunun yanı sıra, manyetik dalga-
lar ve türbülans da çöküşü durdurabilen etkenler arasındadır. Ancak yerçekiminin
muhalif güçlere karşı çıkabileceği kadar kütle birikmiş ise, daralma ve çöküş kesin-
tisiz devam eder ve sonunda yıldız veya yıldızlar oluşur.

Molekül bulutları
Yıldızlar, moleküllerce zengin olan bulutlarda oluşurlar. Bu bulutlar molekül bulut-
ları olarak bilinir. Moleküller yıldız oluşumunda, gaz sıcaklığını düzenlemek için
gereklidir. Daralmanın başlangıcında, sıcaklık ve basınç adyabatik halde değildir.
Sıcaklık ve basınç arasındakı ilişki, hal denklemi ile bilinir. Atomlar ve moleküller, ısı
enerjisini ışınıma dönüştürebilirler. Moleküller daha geniş spektruma sahip olduk-
larından dolayı bunu daha kolay başarırlar. Işınım ile enerjiyi dışarı taşırlar ve mo-
lekül bulutlarının soğumasına sebep olurlar. Moleküllerin bulunmadığı yerde, gaz
soğuyamadığı ve ışınım basıncı yüksek olduğu için daralma durur ve yıldız oluşum
süreci erken bir aşamada sona erer. Diğer bir deyişle, moleküllerin bulunduğu yer-
de hal denklemi yumuşar, gaz kolayca sıkıştırılabilinir ve molekül bulutu daralırken
sıcaklık hiç veya fazla yükselmez. Bu, molekül bulutlarının daralmasını ve çökmesini
mümkün kılar.

Bir molekül bulutu, atomlar, moleküller, iyonlar ve toz parçacıklarından oluşur.
Bunların bir arada olması molekül bulutunu zengin bir kimyasal sistem yapar. Mo-
leküller, gaz evresinde veya toz parçacıkların üzerinde oluşur. Moleküllerin yapısı
ve miktarı, sıcaklık, basınç, yoğunluk, metal bolluğu ve arkaplan ışınımı gibi çevre-
sel koşullara bağlıdır. Bir bulutun içinde farklı sıcaklıklarla farklı evreler bulunabilir.
Metal bolluğu (Z) elementlerin bağıl bolluklarını tanımlamak için kullanılan bir te-
rimdir. Helyumdan daha ağır olan tüm elementlerin hepsi metal olarak adlandırılır.
Metallerin miktarı, bir astronomik cismin yaşını belirleyebilmek ve az önce belirti-
len yıldız oluşumu gibi pek çok astronomi araştırmalarında önem taşır. Ağır ele-
mentlerin, helyum ve hidrojen karşılığındaki oranı arttıkça metal bolluğu da artar.
Samanyolundaki yıldızlararası bulutların metal bolluğu Güneş’in metal bolluğuna
(Z¯) yakındır. ISM’de ki tüm gaz miktarının yüzde 93’u hidrojenden, yüzde 6-7’si
helyumdan ve yüzde 1’den azı ağır elementlerden oluşur.

Işınım süreçleri
Atomlar, moleküller ve iyonlar farklı yollarla ışınımı salar ve soğurur. Işınımın bir
ortam içerisindeki yayılımı soğulma, salma ve saçılma süreçleri tarafından etkile-
nir ve bu süreçlerin hepsi ortamın kompozisyonuna bağlıdır. Genel olarak, yüksek
atom numarasına ve daha fazla özgürlük derecesine sahip olan elementler daha
geniş olasılık geçiş evresine sahiptirler. Bu yüzden sistemin iç enerjisini daha etkili
dışarı yayarlar. Böylece molekül bulutlarının hızla soğumasına ve düşük sıcaklıklara



128

ulaşmasına neden olurlar. Samanyolunda bulunan tipik bir molekül bulutunun sı-
caklığı 10 K’dır (−263◦ C). Yerel termodinamik denge (LTE) ulaşılana kadar, ışınım
dışarı yayılabildiği sürece, soğuma hızı yoğunluğun karesiyle doğru orantılı ilerler.

Diğer bir yandan, harici bir ışınım kaynağı, gazın (fazla) ısınmasına neden olabi-
lir. Soğurulan enerji devinimsel enerjiye ve daha sonra da ısı enerjisine dönüştürülür.
Morötesi gibi yüksek enerjiye sahip ışınımlar (E = 5− 100 eV), molekülleri ışınım-
ayrışma süreci ile atomlara parçalar. Bu soğuma işlemleri için zararlıdır. X-ışınları
gibi daha yüksek enerjiye sahip ışınımlar (E > 1 keV), molekülleri parçalamaktan zi-
yade elementleri iyonize ederler. Serbest kalan elektronlar, fazla enerjiyi momentum
olarak taşırlar. Diğer elektronlarla etkileşmeleri halinde bu enerji tekrar ısı enerjisi-
ne çevrilir; buna Coulomb süreci denir. Böylece, sistemin sıcaklığı etkili bir şekilde
artar. Öte yandan, iyonlar, yeni moleküller oluşturmak üzere diğer iyonlar ve atom-
lar ile daha kolay etkileşime girebilir ve bağlar kurabilirler. Molekül miktarındaki
bu artış, sistemin tekrar soğumaya başlamasına neden olur. Bu incelikler, molekül
bulutlarının ısı ve soğuma süreçlerini karmaşık bir sistem haline getirir.

Başlangıç kütle fonksiyonu
Başlangıç kütle fonksiyonu, belirli bir hacim içerisindeki yıldız kütlelerinin bağıl
dağılımını verir. Gözlemlere göre elde edilen bu deneyimsel dağılım, Güneş’in küt-
lesinin onda üçünden daha yüksek olan yıldız kütlelerinde bir güç yasası şeklinde
davranır. Bu meşhur fonksiyon, yıldız kütlelerinin dağılımını logaritmik bir histo-
grama çizerek elde edilir. Bu demek oluyor ki, belli bir kütle aralığına (dM) sahip
olan yıldızların sayısı (dN) kütlenin boyutsuz bir üssü α’ya orantılı olarak değişir,
yani dN/dM ∝ M−α. Güneş kütlesinin sekiz katından daha ağır olan ve ortalama
miktari 1% olan yıldızlar morötesi ışınımının 99%’unu üretirler. Şekil 2, IMF’nin bir
temsilini göstermektedir.

Şekil 2: Başlangıç kütle fonk-
siyonun temsili görünümü. Sarı
çemberin bulunduğu nokta,
fonksiyonun tepe noktasını yani
yıldızların en olası kütlesini
göstermektedir. Bu ortalama
0.3 Güneş kütlesine denk gelir.
Güneş kütlesinin sekiz katından
daha ağır olan yıldızların or-
talama miktarı sadece yüzde
1’dir. Figür yapımı: S. Höçük.
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IMF’nin en büyük özelliklerinden biri, yıldızların oluşumunda kütlelerini belir-
lemesidir. Bu dağılım, astronomlar için önemli bir teşhis aracıdır ve bir çok araştırma
alanında temel öneme sahiptir, örneğin galaksilerin evrim modelleri, evrenin ki-
myasal zenginleşmesi ve yıldızlararası ortamın enerjik geribeslemesi gibi. Kısacası
büyük miktarda yıldızlarların özelliklerini içeren bütün konulardır. Dolayısıyla yıl-
dız oluşum teorisinin temel amaçlarından birisinin başlangıç kütle fonksiyonunun
kökenini anlamak olduğunu söylemek uygundur.

Şu an ki genel fikir IMF’nin evrensel bir fonksiyon olduğundan yanadır. Edwin
Salpeter, 1955 yılında yaptığı gözlemler sonucunda bu fonksiyonu tanımlamıştır. O
zamanın araçları ile Güneş’ten ağır olan yıldızlar için kütle fonksiyonunun üssü
α = 2.35 olan bir güç yasası olarak hareket ettiğinini keşfetmiştir. Alfa değeri,
yaklaşık 60 yıl boyunca aynı kalmış ve Samanyolundaki yıldız oluşum bölgelerin-
de yapılan gözlemler bu hipotezi desteklemektedir.

Ancak Samanyolunun dışında bulunan gökadalarda yakın zaman içerisinde ya-
pılan bazı araştırmalar bunun tam aksini göstermektedir. Bu gözlemler IMF’nin
klasik Salpeter şeklinin dışına çıktığını işaret etmektedir. Bu sistemlerdeki yıldız
oluşum koşulları oldukça farklı olabilir. Hatta, içinde süper kütleli (106 kat Güneşten
ağır) kara delik bulunan Samanyolumuzun merkezinde dahi IMF varyasyonlarının
belirtileri bulunmaktadır. Gözlemlere ek olarak birçok simulasyonlar da IMF’nin
evrensel olmadığını desteklemektedir. Astronomideki bu son gelişmeler, IMF’nin
evrensellik problemini tekrar gözden geçirmek ve çözmek için tahrik etmektedir.

Olağanüstü ortamlar

Olağanüstü koşullar altındaki yıldız oluşum süreci iyi bilinmemektedir. Olağanüstü
koşullar, yıldız oluşumunu zorlayan koşullar anlamına gelir. Bu zorlu koşullar,
yüksek sıcaklık (Tgaz ∼ 50− 200 K, Ttoz ∼ 50 K), güçlü ışınım, kuvvetli türbülans
(∆v ∼ 5 km/s, Samanyolunda ise ∆v ∼ 1 km/s), aşırı yerçekimi ya da çok düşük
metal bolluğu (Z = 0.0001 Z¯) gibi şartlar olabilir. Koca evrende bu tür ortamlar
çok sayıda bulunur. Olağanüstü koşullar altında bile hala yıldız oluşum bölgeleri
görebiliriz. Fakat, olağanüstü koşullar altında oluşan yıldızların ve bunun yanı sıra
bu ortamlarda oluşan IMF’nin, galaksimizdeki yıldızların oluşumu ve IMF’sine ben-
zer şekilde oluşup oluşmadığı belirsizdir.

Aktif galaksiler, merkezlerinde Güneş kütlesinin 106 katından daha fazla kütleye
sahip olan süper kütleli kara delikleri barındırırlar. Aktif galaksi çekirdekleri (AGN)
evrendeki en parlak ve en güçlü ışınım kaynaklarıdır. Kara delikler, bir yığılma
diski ile çevrilidirler ve yeterince yaklaşan tüm maddeleri yutarlar. Yığılma oranı,
Eddington limitine kadar yükselebilir. Eddington limiti, bir kara deliğin gaz ak-
tarımından kaynaklanan yüksek ışınım basıncının gaz aktarımını engelleyecek dü-
zeye geldiği ve maddeleri geri ittiği noktadır. Kara deliklerin etrafındaki madde,
aktarım süreci sonucunda milyonlaca dereceye ısıtılır. Bu sıcaklık, morötesi ve X-
ışınları gibi yüksek enerjili ışınımların üretimine yol açar. Yüksek enerjili ışınımların
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üretildiği alan, geniş çizgi bölgesi (BLR) diye tanılır ve kara deliğin 10 ışık yılı mesa-
fesinde bulunur. Bir ışık yılı yaklaşık 1× 1016 metre boyundadır. Bu alanın çevresine
ise, yaklaşık 300 ışık yılı mesafe kadar bir alana, dar çizgi bölgesi (NLR) denir. Şekil
3, aktif bir kara delik ortamını gösterir. Süper kütleli kara deliklerin güçlü ışınımların
yanı sıra, kuvvetli yerçekimleri vardır. Aktif galaksi çekirdeklerinin NLR içindeki or-
tamlarda bulunan molekül bulutları bu olağanüstü koşullardan etkilenir.

Şekil 3: Bir aktif galaksi çekirdeğin örnek görünümü. Kara delik, toz ve moleküllerden oluşan
gizleyici bir halka ile çevrilidir. Resim yapımı: V. Beckmann (NASA’s GSFC) et al., ESA.

Yıldız patlama sistemleri (starburst), olağan dışı yüksek yıldız oluşum miktarına
sahip alanlardır. Bu sistemler, galaksimizden yüzlerce ve binlerce kat daha yüksek
bir hızla yıldız oluşturmaktadır. Morötesi ışınım üretimi, O ve B yıldızları (sıcak
ve ağır & 8 Güneş kütlesi) tarafından hükmedilir, çünkü sadece en sıcak yıldızlar
bu ışınımı üretebilmektedir. Bu tür yıldızlar, starburstlarda sıkça bulunur. Bun-
dan dolayı şiddetli bir arkaplan morötesi ışınım alanı oluşur ve kızılötesi ışın saçan
sıcak tozlar görülür. Starburstlarda süpernova oluşum oranı da bir hayli yüksektir.
Bu da kozmik ışınların (E > 1 MeV) miktarında artışa yol açar. Çünkü kozmik
ışınlar çoğunlukla süpernova kalıntılarında üretilir. Şekil 4 ünlü starburst Anten-
ler Gökadasının en son çekilen görüntüsü.
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Şekil 4: Antenler Gökadası. Bu gökada-
sı, iki sistemin (NGC 4038 ve NGC
4039) çarpışması sonucunda oluşan çok
güçlü bir starburst’dır. 3 Ekim 2011
tarihinde yayınlanan bu resim, ALMA
teleskobu ile gözlemlenen ilk astro-
nomik cisimlerden birisidir. ALMA,
milimetre (ve altı) dalgaboylarında
gözlem yapan yeni neslin en büyük
ve en güçlü teleskobudur. Görüntü
hakları: ALMA (ESO/NAOJ/NRAO);
(NRAO/AUI/NSF); HST (NASA, ESA,
and B. Whitmore (STScI)).

Tezin amacı ve ana bulguları
Bu tezde, yıldız oluşumunu etkileyen çevre koşulları incelenir ve sonuçlar analize
edilir. Özellikle başlangıç kütle fonksiyonu araştırılır ve olağanüstü koşullar altın-
daki yıldız oluşumu vurgulanır. Tezin her bölümü yıldız oluşumun farklı konuları
üzerinde durur. Ana sonuçlar aşağıda özetlenir.

Bu tezin ikinci bölümünde çok düşük metal bolluğuna sahip olan bölgelerdeki
büyük molekül bulutlarının (yarıçap = 30 ışık yılı) evrimi araştırılır. Burada metal
bolluğu ile bir molekül bulutunun parçalanma bağımlılığı incelenir. Genel beklenti,
farklı metal bolluğuna sahip büyük molekül bulutlarının parçalanmalarının birbi-
rinden farklı olacağı yönündedir. Bir molekül bulutunun evrimi erken aşamalarında
etkilenirse, yıldız oluşumu için önemli sonuçlar doğurabilir. Bu çalışmada, bulu-
tun parçalanması, starburstlar ve cüce gökadalarına benzer koşullar altında simüle
edilmektedir. Elde edilen bu bilgiler daha sonra Samanyolunda bulunan, oluşum
koşulları bilinen molekül bulutlarının evrimi ile karşılaştırılır. Termal dengesinin
doğru tedavisi için ışınım taşımasını metal bolluğuna dayalı ayrıntılı bir soğutma
fonksiyonu kullanılmıştır. Dönme, toz ve kozmik ışın etkileri de hesaplamalara dahil
edilmiştir. Sonuçlar, molekül bulutlarının parçalanmasının gazın metal bolluğuna
son derece bağlı olduğunu ve bunun yanında dönmenin de önemli bir rol oynadığını
göstermektedir. Şekil 5’in sol panelinde, sonuçlar gösterilir. Parçalanmanın, me-
tal bolluğu ile birlikte yükseldiği ve bulutun yüksek yoğunluklu yığınlarının daha
düşük sıcaklıklara ulaşılabildiğinden dolayı sıkılaştığı ispatlanır. Buna karşın, toz
parçacıklarından ve kozmik ışınlardan ileri gelen gaz ısınması bu süreçlere karşı
koyar. Ana bulgu olarak, düşük metal bolluğuna sahip cüce gökadaların ve yıl-
dıztaşanların ışınımsal geribeslemeye maruz kalan molekül bulutlarının parçalan-
malarını kısıtladığı bir yıldız oluşum süreci içinde olduğu görülmektedir. Metal
bolluğunun bulutların parçalanma miktarı ve kütleleri üzerinde olan bu etkisi so-
nuçta başlangıç kütle fonksiyonunu da etkilediği bildirilir.
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Bu tezin üçüncü ve dördüncü bölümleri olağanüstü oluşum koşullarında bulu-
nan molekül bulut yığınlarındaki (yarıçap = 1 ışık yılı) yıldız oluşumunu inceler.
Bu araştırmalarda, bulut yığınları aktif bir kara deliğin 30 ışık yılı uzağında bulun-
maktadırlar. Onlar çeşitli geribesleme etkileri altında olurlar. Bu araştırmada ilgi-
lenilen geribesleme süreçleri ise şunlardır: Güçlü yerçekim alanından dolayı germe
etkileri (mekanik geribesleme), kozmik ışın, morötesi ışın ve X-ışın etkileri (ışınımsal
geribesleme). Bu araştırmanın ana sorusu ise: IMF bu süreçler tarafından ne kadar
ve nasıl etkileneceğidir. Aktif galaksilerde ve olağanüstü koşullar altında yıldız-
lararası gaz bulutlarının niteliksel ve niceliksel etkenlerini bulmak için 42 farklı üç
boyutlu simülasyon çalıştırılarak parametre araştırması yapılmıştır. Sonuçlar, geri-
beslemenin yokluğunda gaz bulutlarının serin (10 K) ve sabit derecede olduğunu ve
IMF’nin galaksimizde gözlenen kütle fonksiyonuna çok benzediğini göstermektedir.
Ancak, yakın çevrede akısı 5− 160 erg/s/cm2 olan güçlü bir X-ışın kaynağı mevcut-
sa, gazın sıcaklığı yükselir. Bunun sonucunda yıldız oluşum veriminin azaldığı ve
IMF’nin şeklinin düzleştiği görülmüştür. Şekil 5 sağ panelde IMF’nin görüntüsü için
bakınız. Bu, kütle fonksiyonunun logaritmik eğimi α, genel olarak 2.35 iken 2’nin da-
ha altında olduğu anlamına gelir. Bunun yanı sıra, akısı 0.5 erg/s/cm2 olan morötesi
ışınımların > 105 cm−3 yoğunluğuna sahip bulut yığınlarına etkisinin düşük olduğu
bulunmuştur. Bu dalgaboylarında optik derinlik ve yüksek yoğunluktan dolayı, gaz
morötesi ışınımlara karşı korunmaktadır. Ayrıca sonuçlar, kozmik ışınların galaksi-
mizden 100 ile 3000 katından daha fazla ışınım yoğunluklarına sahip olduğu yer-
lerde gazın ulaşabileceği en düşük sıcaklığını 50 − 200 K derecelerine kadar yük-
selttiğini ve düşük kütleli yıldızların (. 1 Güneş kütlesi) oluşumunu son derece
engellediğini göstermektedir. Buna karşın yerçekimi bulutun içerisinde yarattığı
gerginliklerden dolayı daha fazla türbülans üretir. Bu vesile ile mekanik geribesle-
me yıldız oluşum verimini eksiltir ve ayrıca ışınımsal geribeslemenin etkilerini biraz
azaltır.

Bu tezdeki çeşitli çalışmaların bulguları, dev molekül bulutlarının parçalanma
özellikleri, molekül bulut yığınlarının yıldız oluşumu ve bunların sonunda ortaya
çıkan başlangıç kütle fonksiyonu, aynı sonuca varmaktadır. Çevre koşulları yeterin-
ce zorlu olursa, kimyasal, mekanik veya ışınımsal geribesleme, molekül bulutunun
parçalanması ve oluşan yıldızların kütleleri güçlü bir şekilde etkilenir. Bundan do-
layı bu tezin ana bulgusu olağanüstü koşullar altında başlangıç kütle fonksiyonunun
Samanyolunda gözlenen IMF’sinden farklı olduğudur.
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Şekil 5: Tezde elde edilen sonuçlar. Sol tarafta: Metal bolluğu ile bir molekül bulutunun
parçalanma bağımlılığı. İçindeki her panel molekül bulutunun yoğunluk dilimini gösterir ve
kırmızı renkler yüksek yoğunluğu temsil eder (ayrıntılar için bkz: Bölüm 2). Sağtarafta: Bir
ışınımın egemenliğindeki olağanüstü ortamının başlangıç kütle fonksiyonu. Mavi ve yeşil
çizgiler galaksimizin tipik IMF’sini gösterir, kırmızı ve mor çizgiler ise elde edilen verilere
yapılmış fitlerdir (detaylar için bkz: Bölüm 4).
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Epilogue
I was initially planning to keep this section very short. Alas, I have failed. I congrat-
ulate the people who read this all the way through.

After much consideration, I have decided to write this part predominantly in En-
glish. Most of the people I care about, as well as almost all Dutch people, master this
language. So, a larger group is satisfied.

It is a fact that a job of this proportion, which implies my humble thesis, does not
get done without the help of (many) others. As such, there are many people whom
I am thankful for and indebted to. Little or large contribution, all is greatly appreci-
ated. The person who has walked alongside my path all the way for four years, and
has been patient with me all that time, is, of course, my supervisor and my mentor
Professor Marco Spaans. I would like to thank him first. ”Thank you Professor! for
all the guidance you have given me. And thank you for all that you are going to do
for me :) as I might still knock on your door for help from time to time. I remem-
ber the day that I came to you asking if you wanted to be my supervisor for a NOVA
PhD fund I was applying to. I didn’t get that funding, but I did experience one of the
happiest moments of my academic life during that time. A while before the decision
of the NOVA program, you told me that even if I wouldn’t get the job, you would
still offer me the PhD position that I applied for from your own funds. You gave me
the assurance that one way or the other, I would get the job. I never told you this,
and perhaps I did not show my real appreciation then, but I was immensely happy
and grateful at that time. I will never forget that”. One of the most important lessons
I have learned from him, is that you should always rely on your instincts, even in
science. However illogical it might sound, I do strongly believe in this.

I cannot thank everybody in such lengthy manner though, even for those who
really deserve it. The next person I want to thank is my roommate, my colleague,
and especially my ‘Dost’ (friend) Muhammad Abdul Latif. ”You surely are a kind
and a selfless person. You never said no whenever I asked for your help. We’ve had
lots of great times together, too much to name. I love your cooking, especially your
Pakoras, I wish I had some now. I’ve known you to be a hard worker who never
complains, even in the toughest situations. This has inspired me to improve myself
as well. It is actually a surprise that we never wrote a paper together. Perhaps we
will in the near future. It is one of my wishes. Thank you for everything.”
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I would also like to thank my other roommates, in chronological order; Gert
Sikkema, Johnson Mwebaze, Federico Lelli, and finally Eva Busekool. I want to
thank the members of the computer group, for all their support: Martin Vogelaar,
Eite Tiesinga, for all the long discussions about hard and software, Wim Zwitser,
you should really change teams and support Galatasaray :). Furthermore, I would
like to thank the administrators and the secretaries, you cannot finish a PhD without
them: Greta de Vries, she is no longer with us, but she was the greatest, Hennie
Zondervan-Kimsma, Lucia van der Voort, Jackie Zwegers-Morris, and Gineke Al-
berts. I thank all the Professors, especially, Prof. Hugo van Woerden, Prof. Thijs van
der Hulst, Prof. Mariano Méndez, and, of course, Prof. Reynier Peletier. The most
special thanks goes to the following persons: Guido van der Wolk, for helping me
out during Latif’s defense amongst others; Ayçin Aykutalp, ”for all your help and
your ever kindness. Without you, I couldn’t have finished the Turkish summary.”;
Esra Tığrak, for all the nice talks; Jakob van Bethlehem and Hugo Buddelmeijer,
for reading my Dutch summary; Wilfred Frieswijk, ”you are probably the first per-
son I got to know during my time at Kapteyn and I’ve known you to be a man with a
strong willpower”; Juan Pablo Perez Beaupuits (JP); Stéphanie Cazaux, my future
boss; Matthijs van der Wiel, ”I hope the best for you and your family in Canada,
and selfishly hope to see you back here in Groningen one day.”; and all the people
that I have forgotten to thank for, but greatly deserve it.

Next, I want to praise the people who came to my wedding and kept me com-
pany during one of the most nervous moments in my life. Professor Peter Barthel,
Jakob van Bethlehem, Umut Yıldız, Derek Land, Hugo Buddelmeijer, Johan Hid-
ding, and Jeffrey Bout.

I want to express my deepest gratitude to the following two people: Professor
Peter Barthel, ”I have learned a lot from you and still do. You thought me to have
joy in my work above everything else. Thank you for all that you have done for me.”
Umut Yıldız, ”you are truly one of a kind. We’ve known each other for only a few
years, but a strong friendship has emerged. Since then, we’ve kept a good contact
even from a distance. You are the most active and enthusiastic person I know, espe-
cially in your work. I must say, it is intoxicating and thanks to you I’ve been more
active and more interested in my line of work. Thank you for everything.”

Lastly, but most importantly, I am indebted to and would like to thank my family
(in Turkish).



Son olarak, ama kalbimde hep ilk sırada yer alan bütün aileme, başta annem
Fatma ve babam Nurettin’e çok teşekkür ediyorum. Onların sayesinde buralara
kadar gelmiş durumdayım ve onların sayesinde bu başarıları elde ediyorum. El-
lerinizden öperim. Bu dünyada sizlere olan borcumu asla ödeyemem. Onların
yanı sıra eşim Tuğba’ya, 4 yıl boyunca yanımdan ayrılmayıp, benim bütün eksik-
lerimi doldurduğundan, ve doktoramın sonuna kadar verdiği destekten dolayı çok
çok teşekkür ederim. İsimleri tek tek sayamıyorum ama her zaman yanımda olan
ailemin geri kalanına da teşekkürlerimi iletiyorum. İnşaallah kimsenin kalbini kır-
mamışımdır. Kırdıysam özürümü kabul buyurun. Hepinizden Allah razı olsun.
Hakkınızı helal edin. Eğer benim hakkım varsa, benimki de helal olsun.

En önemlisi ve herşeyden önce Allah’a şükürler borçluyum. Tezimin satırlarına
başlamadan önce yazmak istediğim ama yazamadığımdan dolayı, şu son cümle ile
bitirmek istiyorum: Bismillahirrahmanirrahim evveli vel ahiri.

Seyit Höçük
Groningen, October 2011


