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1 Introduction

1.1 The formation of stars

Observed over the life span of a human, the collection of stars visible on the sky
seems invariable. Entire civilizations can rise and fall, taking up to a thousand years,
without any apparent change on the stellar firmament. The invariability of the sky,
however, disappears if one considers slightly longer timescales, as illustrated by
the various nova and supernova explosions observed by mankind in the past two
millennia. People have long thought that these objects were suddenly appearing
new stars, hence the names of the phenomena. However, in reality, a nova event is
a sudden explosion of gas accreting onto an existing white dwarf in a binary system.
The even more powerful supernova events mark the end of the lifetime of more
massive stars. Compared to the violent supernova phase by which some stars end
their lives, the formation phase of a star is more inconspicuous because it is difficult
to observe in the wavelength regime attainable by the human eye. In fact, all stars
in our Galaxy were originally thought to have formed at the formation time of the
Galaxy about 10 billion (1010) years ago. The realization that new stars have been
formed in the recent history of our Galaxy – from ∼106 years ago up to the present –
did not grow until the 1950s (Ambartsumian 1949; Blaauw 1964). This thesis studies
the current formation process of relatively massive stars in our Galaxy.

1.1.1 Stellar nursery: the interstellar medium

Stars are born from material in the interstellar medium (ISM), which consists of
particles of gas and dust (Section 1.2). Spatially, the ISM and most stars in the
Galaxy are distributed in a rotating flattened structure of ∼50 kpc in diameter and
a vertical scaleheight of up to a few kpc. In this flat structure the ISM clumps
together in clouds located along spiral arms. In terms of physical conditions, the
widely adopted ‘three-phase model’ (McKee & Ostriker 1977) divides the ISM in
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10 Chapter 1: Introduction

our Galaxy in phases which are in pressure equilibrium at P/k ∼ 104 K cm−3. Here,
the pressure P is divided by the Boltzmann constant k to give the product units of
temperature times number density. The first phase comprises the majority of the
ISM (about 50–90% by volume) and is hot and tenuous with gas number density n ∼
3×10−3 cm−3 and gas temperature Tgas ∼ 106 K, while a smaller but still considerable
fraction is at lower temperatures Tgas ∼ 8000 K, with n ∼ 0.1–0.5 cm−3 (Tielens 2005),
still too warm and tenuous for star formation to occur. The third phase – the cold
neutral medium – is of interest in this thesis. It represents only ∼1% by volume of the
Galactic ISM, manifested in the form of condensed clouds, with Tgas ∼ 10–100 K and
n & 50 cm−3. Even in this cold neutral medium, more than half of the material (by
mass) is too warm and at too low density to form stars: the so-called ‘diffuse clouds’
where gas is mostly in atomic form at Tgas ∼ 100 K. In condensed molecular clouds
with gas particle densities exceeding ∼200 cm−3 and temperatures as low as 10 K, we
finally find conditions that are suitable to start forming new stars. The fact that these
circumstances allow for the formation and existence of molecules will turn out to be
crucial.

1.1.2 Low-mass star formation

Gravitational collapse Molecular clouds have typical sizes of up to tens of pc,
and show substructure at various scales (Evans 1999; André et al. 2010). Inside
filamentary overdensities (n > 103 cm−3) of several pc in size, pre-stellar cores may
form with sizes of ∼0.1 pc, masses of several M¯, densities of 104–105 cm−3 and
temperatures of ∼10 K (Bergin & Tafalla 2007). The transformation of such a core
into a protostar is governed by gravity, counterbalanced by thermal, turbulent, and
magnetic pressure. A self-gravitating collapsing core converts gravitational potential
energy into kinetic energy, thereby heating up the cloud material. Furthermore, an
extra energy source is added once a protostar starts nuclear fusion. To continue
collapsing, the protostellar cloud needs to dispose of its thermal energy.

Balance gravity and pressure Although simplified, the concept of ‘Jeans mass’,
derived from the critical length scale defined by Sir James Jeans in the 1920s, is useful
to gain insight into protostellar collapse (see, e.g., Larson 2003 for a review). The
Jeans Mass, MJ, is defined as the critical amount of mass needed to keep collapse
ongoing in a homogeneous, isothermal medium (density ρ, temperature T ):

MJ =
(
πc2

s

G

) 3
2

ρ−1/2 =
(
πk

G m

) 3
2

T 3/2ρ−1/2. (1.1)

Here the sound speed cs = (kT /m)1/2 is substituted in the last step, with m the mass
of the typical constituent particles of the cloud. Rewritten for typical values of 10 K
and 104 cm−3 in pre-stellar cores, substituting the mass of a hydrogen molecule for
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m, and defining the particle number density n = ρ/m, the Jeans mass becomes:

MJ = 7.4

(
T

10K

) 3
2 ( n

104 cm−3

)− 1
2

[M¯]. (1.2)

Note that this result assumes that pressure forces counteracting gravitational col-
lapse are provided by thermal pressure alone. In reality, turbulent and magnetic
pressure play an additional role (e.g., Spaans & Silk 2000). Pressure forces provided
by turbulence and magnetism each can be comparable to, or even exceed, the
thermal pressure. This increases the critical mass needed for core collapse by a
factor & 3.

Cooling The critical mass analysis makes clear that for a collapsing core, in which
n increases with time, fragmentation will occur as MJ decreases (Equation 1.2). On
the other hand, the release of gravitational energy as kinetic thermal energy during
collapse will raise the MJ threshold. Hence, collapse will halt unless the medium is
able to cool. For temperatures between 10 and several 100 K, this is efficiently done
through (sub)-millimeter transitions of molecules in the gas phase. The molecule
with by far the highest abundance, H2, has its first rotational level (see section 1.2.2)
at an energy equivalent to ∼500 K. So, cooling of gas below this temperature relies on
the presence of heavier elements in atomic, ionic, or molecular form, such as atomic
oxygen, ionized carbon, and carbon monoxide. Eventually, these ‘cooling agents’
enable the cold molecular phase of the ISM to accommodate star formation. In the
absence of heavier elements, at the epoch when the very first generation of stars
formed, H2 provided the only cooling channels and critical masses were therefore
high (Equation 1.1). Thus, the first stars in the Universe are expected from theory
(e.g., Abel et al. 2002) to have been much more massive (10–200 M¯) than the typical
stars of about 0.3 M¯ observed today.

Timescales Besides the concept of Jeans mass described above, several timescales
are of importance in building up a theoretical framework for the star formation
process. The first is the ‘freefall time’, needed for a uniform medium to collapse
into a point, in the absence of any opposing pressure (Binney & Tremaine 1987):

tff =
√

3π

32G ρ
= 2.6×106

( n

200cm−3

)−1/2
[yr], (1.3)

with the definition for n the same as in equation 1.2. The order of magnitude of
106 years is relevant for the phase of gravitational instability, see below.

The second timescale is the one related to accretion from the envelope:

tacc = M?/Ṁenv, (1.4)

with M? the mass of the protostar and Ṁenv the accretion rate of matter from
the envelope onto the protostar. In a simplified scenario where the latter has
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Figure 1.1: Stages 1–3 of low mass star formation according to Shu et al. (1987):
1) slowly contracting dense molecular cores, 2) unstable cores undergoing grav-
itational collapse, 3) a protostar collecting material via an active accretion disk
surrounded by a remnant envelope. Length scales and timescales since the onset
of collapse are indicated in the lower left and upper left corners, respectively. The
lower right corner shows a typical SED for the object under consideration.

rate decreases (Hartmann et al. 1998) and a quiescent, passively re-radiating disk
remains.

Circumstellar disks are mostly observed around pre-main sequence stars. These
disks are relatively massive (! 0.01 M"), and most show a flaring geometry (Chi-
ang & Goldreich 1997, see the first panel of Figure 1.2): the scale-height of the
disk increases with increasing distance from the central star. As a consequence,
the outer parts of the disk intercept a significant fraction of the stellar radiation,
and achieve higher temperatures than would be possible in a flat geometry. This
causes their spectral energy distributions (SEDs) to be flat at infrared wavelengths,
with a sharp cut-o! going to millimeter wavelengths.

Some main sequence stars are also found to have disks, but these are much
less massive (several M#) than their younger counterparts (see the second panel
of Figure 1.2). These are called debris disks, since most of the material in these
older objects is of second generation origin: the dust particles originate from col-
lisions between planetesimals, while the gas is, at least partly, a product of the
evaporation of comets and similar objects. Due to their low masses, the outer
parts cannot flare up to intercept stellar radiation, and thus debris disks have a flat
geometry. This is reflected in their SEDs, which show a steady shallow decline
from infrared to millimeter wavelengths.

The disparity in disk masses between stars before and after they have reached
the main sequence in the H-R diagram indicates that they undergo a decrease in
mass over time. Several processes can contribute to this (for an overview, see
Hollenbach et al. 2000): viscous accretion onto the central star, tidal disruption
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1.2 Disk evolution and planet formation
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Figure 1.2: As Figure 1.1, but for the final stage of star formation, and the evolu-
tion of a circumstellar disk: 4) an optically thick flaring disk, 5) an optically thin
debris disk with possible gaps opening due to planet-disk interactions, 6) a main-
sequence star that has dispersed its entire disk where only a planetary system is
left.

through encounters with nearby stars, strong stellar winds and photoevaporation
by the central star or nearby massive stars have been proposed as likely mecha-
nisms. The time scale for disk evaporation is short (! 105 yr) compared to the
disk lifetime (! 107 yr, Skrutskie et al. 1990), however, and most of the afore-
mentioned mechanisms of disk dispersal cannot account for this. An alternative
mechanism was proposed by Clarke et al. (2001): if there is stellar radiation which
can ionize atomic hydrogen, this will create a super-hot layer (104 K) at the sur-
face of the disk, which can easily escape from the central star’s gravity well. Once
the rate of evaporation via this route becomes greater than the accretion rate, the
disk will quickly evaporate from the inside out.

1.2.2 Dust evolution

While the disks themselves change over time, their contents also show signs of
evolution. The most significant of these is the growth of dust particles, detected
through the study of disk SEDs at mm wavelengths (Beckwith & Sargent 1991),
where the shallow slope of the SED indicates dust grains that are larger than their
interstellar counterparts. Another indication that grain growth takes place comes
from scattered light imaging (Cotera et al. 2001). In an edge-on disk, the observed
width of the dust lane varies for di!erent wavelengths; from this the wavelength
dependence of the scattering cross sections is calculated. The wavelength depen-
dence is found to be inconsistent with an interstellar grain size distribution, while
it can be explained by larger grain sizes. A third indication of grain growth is the
observed variation in the 10 µm solid-state silicate feature (Bouwman et al. 2001).

3

Figure 1.1 — Illustration of the evolutionary sequence of young low-mass stars. Figure
courtesy of Jonkheid (2006), reprinted with kind permission of the author.

a constant value of 10−5 M¯ yr−1, irrespective of M? (Palla & Stahler 1993), the
accretion timescale sets the duration of the envelope accretion phase (see below)
at a few 105 years for typical low-mass protostars with masses . 1 M¯.

The contraction of the protostar itself to the point where hydrogen fusion begins
and the star thus reaches the main sequence is governed by the ‘Kelvin-Helmholtz
timescale’:

tKH = GM 2
?

R?L?
, (1.5)

in which R? and L? represent the radius and luminosity of the (proto)star, respec-
tively. For ‘normal’, low-mass stars, tacc< tKH, i.e., the accretion episode terminates
before the star reaches the hydrogen burning phase. Section 1.1.3 addresses the
situation for more massive stars.

Evolutionary sequence Recent observational results and theoretical studies agree
on an evolutionary scenario to form stars with masses of up to a few M¯(e.g., Shu
et al. 1987; Larson 2003; Stahler & Palla 2005). The consecutive phases are sketched
in figure 1.1 and described below.

1. Inside a giant molecular cloud with a generally filamentary and fractal struc-
ture (e.g., André et al. 2010), a condensation of several pc in size develops a
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number of ‘cores’ with additional overdensities (panel 1) on timescales of at
least the freefall time (equation 1.3).

2. If the density in an individual core becomes so high that it becomes gravita-
tionally unstable (panel 2), collapse sets in. This is usually considered as the
start of the star formation process, defined at t = 0. In the ‘inside-out collapse’
scenario, the inner parts of the core collapse first, followed by material in the
outer parts. Any initial bulk rotation of the core material is enhanced during
the infall, as a result of conservation of angular momentum. Even if the initial
infall proceeds relatively isotropically, the rotation of the system quickly gives
rises to flattening. Evidence has been found that already in this early stage,
outflow motions develop in the direction parallel to the rotation axis (e.g.,
Bourke et al. 2005).

3. In a phase referred to as ‘stage I’ (panel 3, after about 104–105 yr), the core
has become so dense that radiation from the central protostar can no longer
readily escape: it starts to heat up the surrounding (circumstellar) gas and
dust. This causes the emission of infrared photons at shorter wavelengths
(higher energies) than in the previous phase. Dust and gas settle toward a disk
geometry, and excess angular momentum is dissipated by means of powerful
collimated bipolar outflows. An ‘envelope’ of material still surrounds the disk
structure, gradually accreting onto the disk.

4. By the time most of the envelope has accreted onto the disk, the protostar
reaches ‘stage II’ (panel 4, at t ∼ 106 yr), and becomes visible at wavelengths of
a few µm and less. The central star has almost reached its final mass. Objects
in this stage are often referred to as ‘classical T-Tauri stars’.

5. Several million years after t = 0 (panel 5, stage III) the young star reaches the
hydrogen fusion phase, which will be its power source for the next several
billion years. Although deuterium fusion in a shell around the hydrostatic
core should start before this phase, it is often difficult to directly observe in
embedded stages. In Stage III, however, the photosphere of the young star
becomes directly visible to observers. The remnant disk structure, which
contains dust particles and gas, is the place where planets could form (see,
e.g., Ormel 2008).

6. It takes more than 10 million years for a typical low-mass protostar to arrive at
the main sequence (panel 6). The accretion disk has evaporated completely,
and a young planetary system could be visible. Observable emission from the
system is due only to the stellar photosphere peaking in the visible spectrum.

Evolutionary phase classification The evolutionary stages described above and
depicted in figure 1.1 are traditionally denoted as ‘Class 0’, ‘Class I’, ‘Class II’, and
‘Class III’ objects. These ‘Classes’ are defined purely based on the slope of the
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spectral energy distribution (SED) in the mid-infrared regime (Adams et al. 1987),
which is ideal if one wants to classify a sample of observed objects. However, it
is well-known that this slope is governed by many parameters other than the true
evolutionary state of the object (see, e.g., Whitney et al. 2003a; Robitaille et al. 2006).
Following these authors, I denote the evolutionary phases as ‘Stages’ rather than
‘Classes’ (chapter 2). One of the parameters other than the actual evolutionary state
that affect the SED shape is the viewing angle. For example, a Stage II object could
disguise as a Class I source if viewed close to edge-on.

The reader should be mindful of the argument made here when considering the
‘typical’ SED shapes in the insets of figure 1.1: while the SED shape can certainly give
an indication of the evolutionary stage, a one-to-one identification can be deceptive.

1.1.3 High-mass star formation

The evolutionary sequence described in section 1.1.2 only holds for stellar masses
up to a few M¯. The formation process of stars more massive than ∼8 M¯ is
fundamentally different from stars like the Sun. Why is this threshold of 8 M¯ so
important? First of all, with increasing stellar mass the peak of the stellar blackbody
shifts into the ultraviolet (UV) regime. UV photons, unlike less energetic ones,
ionize and dissociate circumstellar molecules and atoms, which changes the cooling
properties of the medium. Secondly, while we have seen that tacc< tKH for lower
mass star formation (equations 1.4 and 1.5), the two timescales become comparable
at a stellar mass of about 8 M¯, and core contraction is even faster than accretion
for protostars above this threshold (Palla & Stahler 1993; Cesaroni 2005). Hence,
young high-mass protostellar objects continue to accrete circumstellar matter after
reaching the main sequence.

These aspects complicate the theoretical study of the high-mass star formation
process, and it sets high-mass star formation apart from low-mass star formation as
described in section 1.1.2. At the same time, in comparison to low-mass protostars,
observational studies of high-mass protostars are more challenging because only
∼1% of the stars is more massive than 10 M¯, their formation time scales are shorter
by a factor& 10, and they generally form in highly clustered enviroments and deeply
embedded envelopes. This means that there are few opportunities to study (nearby)
formation of high-mass stars, and that the available cases are almost never seen in
isolation (see Zinnecker & Yorke 2007 for a review).

Observational and theoretical challenges aside, the study of high-mass stars
is important in a broader context. Massive stars have a large impact on the
surrounding ISM, not only when they form, but also due to strong winds and
the UV radiation emitted while on the main sequence, and when they explode as
supernovae. The formation of regions of ionized hydrogen (H II) and the mechanical
energy dumped in the ISM by supernovae (1051 erg per supernova) are important
factors in the structure and energy budget of the ISM, and possible triggers for
new episodes of star formation (Elmegreen & Lada 1977). Moreover, massive
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stars produce the bulk of the stellar luminosity in a galaxy. In fact, extragalactic
studies frequently use signposts of massive star formation as a proxy for all star
formation activity (Kennicutt 1998), since low-mass protostars are often too faint
to be detected. It is therefore vital to understand the dynamics, timescales, and
conditions required in high-mass star formation.

Due to the enormous energy production of high-mass stars already before the
end of the accretion phase, the mystery in their formation revolves around the
question how these objects manage to continue accreting at a point where radiation
pressure is expected to blow away all nearby material. Three scenarios have been
proposed to explain the formation of massive stars in the present-day Universe.

1. The monolithic collapse scenario is the one that is closest to an extension of
the low-mass star formation scheme described in section 1.1.2. McKee & Tan
(2003) argue that in a supersonically turbulent protostellar core the accretion
rate is sufficiently high to overcome the radiation pressure from the central
source. This suggests that in molecular regions with sufficiently high density
and total mass, a single massive star or a gravitationally bound multiple
system can form from a single massive protostellar core.

2. Alternatively, the competitive accretion scenario (Bonnell et al. 2001) is mo-
tivated by the observation that massive stars tend to form in clustered envi-
ronments. Individual massive protostars in such clusters increase in mass,
thereby enlarging the amount of material within gravitational ‘reach’ and
eventually competing for gas reservoirs with neighboring protostars. The key
element here is that the gas mass to be accreted can enter the circumstellar
envelope at a stage where accretion onto the protostar is already ongoing.

3. Since the formation of stars with masses significantly higher than 10 M¯ is still
hampered by radiation pressure in the competitive accretion model, stellar
mergers have been proposed (Bonnell & Bate 2005; Clarke & Bonnell 2008),
requiring an extreme stellar density of ∼106 stars pc−3. However, Baumgardt
& Klessen (2011) have recently argued that protostellar clusters with such high
stellar densities lead to evolved stellar clusters that are much more condensed
than observed.

Given recent observational evidence of disk structures and associated outflow
activity in regions of high-mass star formation (e.g., Sandell & Wright 2010; Kraus
et al. 2010), a scenario with at least some resemblance to the evolution of young
low-mass stars is likely, as depicted in figure 1.2. The representation of consecutive
evolutionary stages in this figure is simplified: in reality, several phases are known
to co-exist (see for example chapter 2). Numerical hydrodynamic simulations by,
e.g., Krumholz et al. (2005, 2009) and Kuiper et al. (2010) demonstrate that bipolar
outflows (middle left panel in figure 1.2) create a route for stellar radiation to escape
anisotropically, thereby circumventing the spherical radiation pressure barrier.
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molecular cloud cold core collapse
t = 0 yr

hot molecular cores
t ~ 5×104 yr

hyper and ultra-compact HII regions
t ~ 105 yr

10 pc 1 pc

0.1 pc

cluster of massive stars
t ~ 1.5×105 yr

0.1 pc



0.1 pc

photon-dominated region

Figure 1.2 — Simplified schematic illustration of the stages involved in high-mass star
formation. Chapter 2 of this thesis studies a filamentary cloud such as the one depicted in
the top left panel, but with embedded young stars, while in chapters 3 and 4 the focus is on
one example of a massive warm molecular envelope such as in the middle left panel. The
effect of UV radiation from young massive stars on nearby molecular material is the topic of
chapter 5 (cf. right-hand-side of the bottom panel). Finally, chapter 6 studies quiescent gas in
a fragmented hot core. (Figure setup inspired by Wilfred Frieswijk 2008.)
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Summarizing, the key question in the study of massive star formation is: when
and how does sufficient circumstellar matter accrete onto a massive protostar
before it blows out all surrounding gas and dust? Does material always accumulate
in gravitationally bound cores before collapse and protostellar accretion sets in, or is
mass added to the system during the accretion phase? And how do the circumstellar
gas and dust particles find their way to the protostar? To answer these questions,
one needs to undertake detailed studies of the dynamics, physics, and chemistry of
circumstellar material in and near high-mass protostellar cores. Before embarking
on such studies in the subsequent chapters of this thesis, however, an introduction
into the constituents of this material is warranted.

1.2 Interstellar molecules and dust

1.2.1 Molecular complexity

As noted in section 1.1.2, the presence of molecules in the ISM is essential for
star-forming gas cores to cool and fragment (equation 1.2). All chemical elements
from carbon upward were generated by nuclear fusion in the interior of stars or in
supernova events. For this reason, no ‘heavy’ elements were available when the very
first stars formed in the early Universe. Cooling depended solely on atomic and
molecular hydrogen, resulting in a stellar mass distribution with a peak at much
higher masses than a typical present-day star of ∼0.3 M¯ (see also section 1.1.2).
After the death of these very first stars a few hundred million years after the Big
Bang, ensuing generations of stars quickly enriched the elemental content of the
Universe. Chemical processes started to form stable molecules other than H2. Dust
grains formed, further catalyzing molecular chemistry. See Dalgarno (2006) for a
review on the history of molecular complexity in the Universe.

After the first interstellar molecules, CH, CH+ and CN (Swings & Rosenfeld
1937; McKellar 1940; Douglas & Herzberg 1941; Adams 1941), were discovered in
absorption measurements in the visual spectrum, the window to the interstellar
molecular zoo was really opened up with the use of radio technologies at centimeter
wavelengths in the 1950s, and finally the millimeter and submillimeter in the
1980s. By now, about 160 molecules have been confirmed to exist in the interstellar
medium1: from simple monoatomic and diatomic species to molecular ions such
as H2O+, OH+, C6H− or C4H− (e.g., Van der Werf et al. 2010; Ossenkopf et al. 2010;
McCarthy et al. 2006; Cernicharo et al. 2007) to long carbohydrides containing up
to eleven C-atoms and even C60 – the ‘buckyball’ molecule – and C70 (Sellgren et al.
2010; Cami et al. 2010). This degree of complexity is especially noteworthy given
that, from over 100 elements available in the well-known periodic table of elements,
only a very limited set is available in sufficient cosmic abundance to form molecules
in space, as illustrated in the ‘periodic table for an astronomer’ in figure 1.3.

1See http://www.astro.uni-koeln.de/cdms/molecules at the Cologne Database for Molecular
Spectroscopy for an up-to-date list.
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Figure 1.3 — In this ‘periodic
table for an astronomer’, the
area of each element’s box
is proportional to its cosmic
abundance. Figure courtesy of
Ben McCall (2006), reprinted
with kind permission of the
author.

many molecules. Owing to its symmetric equilateral triangle equilibrium
configuration, it possesses no permanent dipole moment and thus has no allowed
rotational transitions (its forbidden rotational transitions are important in
controlling its rotational excitation in low-density environments, but are so weak
that they have not yet been spectroscopically detected). Consequently, the usual
tools of radioastronomy are not applicable to HC

3 (unless it is isotopically
substituted). In addition, its only stable electronically excited state is a triplet
state (the ground state is a singlet) with a linear geometry, so that the
corresponding electronic transition is expected to be very weak. Therefore,
neither UV nor optical spectroscopy can be applied to HC

3 .
This leaves vibrational spectroscopy as the only tool for spectroscopically

characterizing HC
3 , either in the laboratory or in the interstellar medium. HC

3 has
two vibrational modes: the symmetric ‘breathing’ mode n1, which is infrared
inactive; and the doubly degenerate ‘stretch-bend’ mode n2, which is infrared
active with a band origin near 4 mm. It is the n2)0 band that has been used to
discover HC

3 in the interstellar medium. Infrared continuum radiation from
background stars or embedded protostars passes through the interstellar clouds,
where the individual rotation–vibration transitions of HC

3 imprint absorption
lines. After passing through the clouds, the starlight is collected by large
telescopes and dispersed to reveal the signature of HC

3 (figure 3).

(a ) HC
3 in dense clouds

Interstellar clouds are typically classified into dense molecular clouds and
diffuse clouds (Snow & McCall 2006). Dense molecular clouds have typical
number densities of 104–106 cmK3 and temperatures of w20–30 K. In these
clouds, almost all hydrogen atoms are in the form of H2, and almost all carbon
atoms are in the form of CO. HC

3 is produced by cosmic ray ionization of H2 to
form HC

2 , followed by the fast ion–neutral reaction HC
2 CH2/HC

3 CH. The
cosmic ray ionization is the rate-limiting step and it proceeds with a rate of
zn(H2), where z is usually assumed to be w3!10K17 sK1. HC

3 is destroyed by

He

C N O Ne

Mg

Fe

Si S Ar

Figure 1. The ‘astronomer’s periodic table’, wherein the area of each element corresponds to its
abundance.

B. J. McCall2954

Phil. Trans. R. Soc. A (2006)

1.2.2 Molecular spectroscopy

Our knowledge about the molecular content of the interstellar medium is based on
photons collected by telescopes operating in wavelength regimes ranging from radio
to UV. To understand at which wavelengths (or frequencies) specific molecules emit
or absorb light under certain conditions, a basic treatment of the internal structure
of molecules is required.

The quantum mechanics that describes the internal structure of atoms and
molecules (e.g., Rybicki & Lightman 1979) dictates that they have quantized energy
levels, Ei . Whereas atoms only have electronic states, an energy state of a molecule
can be related to its electronic, vibrational, or rotational state. For typical molecules,
the spacing between electronic states is on the order of a few eV, it is on the order of
0.1–0.01 eV for vibrational states, and about 10−3 eV for rotational states. When a
transition occurs from one particular state (Eup) to a lower state (Elow), a photon
can be emitted to account for the difference in energy. This photon will have a
frequency ν:

hν= Eup −Elow, (1.6)

where h is Planck’s constant. Conversely, a molecule may also absorb a photon of
frequency ν and be excited from state Elow to Eup. The rotational energy states of
molecules, of prime importance in this thesis, are usually denoted by the quantum
number J .

At temperatures of ∼10–100 K prevailing in molecular regions of the ISM, the
available energy is only sufficient to excite molecules into rotational states. Tran-
sitions between rotational states (∆E ≈ 10−3 eV) occur in the far-infrared (several
100µm) to millimeter regime, which sets the wavelength domain to look for sig-
natures of star-forming regions. Since each molecule has its own specific ladder
of energy levels, observations of these photons can be connected to the molecular
content of the emitting medium.
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When a rotationally excited molecule falls back to a lower energy state by
emitting a photon, the molecule loses energy. But, considering the gas cloud as a
whole, this energy is only really lost if the photon is able to escape the cloud before
being reabsorbed by other molecules or dust grains. A measure for the likelihood of
a photon being absorbed before it escapes the cloud is the optical depth; it is often
denoted as τ, or as τν if one wants to emphasize that optical depth is frequency
dependent. For example, in a cloud with a high abundance of CO the medium can
be completely opaque at the frequency corresponding to a particular CO transition,
while it is fully transparent at nearby frequencies.

Radiation resulting from a transition between quantized energy states (equa-
tion 1.6) is usually referred to as ‘line emission’, because it should in principle have
one single frequency. However, in reality the photon frequencies are distributed
around a central value: the line is broadened. Natural line broadening occurs due
to Heisenberg’s uncertainty principle, which states that the energy levels cannot
be known precisely over a finite time span. A second type of broadening, usually
dominant in molecular cloud regions, is Doppler broadening. This occurs due to
random motions of the gas particles, which introduces a shift in the observed fre-
quency. Relative to the rest-frame of the observer, some molecules move away, some
are approaching, and others are at rest. For a thermal (Maxwellian) distribution of
velocities, this results in a Gaussian distribution of photon frequencies. Although
they are never observed as a single delta function, such broadened profiles are still
denoted as ‘lines’ in spectroscopic jargon.

1.2.3 The role of molecules in star formation

Apart from the fundamental property of molecular rotational lines to cool effi-
ciently at temperatures between ∼10 and several 100 K, their line radiation provides
important observational diagnostics in regions of star formation. Molecular line
signatures trace chemical composition, excitation conditions and gas kinematics,
all of which are central themes in the star formation process.

The presence of particular molecules and particular lines betrays the existence
of certain physical conditions. Typical densities traced by molecular line radiation
are 103–108 cm−3, and temperatures can be probed from ∼10 K up to several 100 K.
For example, low rotational transitions of carbon monoxide (CO) or methylidyne
(CH) occur mainly at modest densities of 103–104 cm−3, while, for example, the
J=7–6 of carbon sulfide (CS) traces much higher densities of & 107 cm−3. Kinetic
gas temperatures can be constrained by studying the ratio between emission from
several transitions of the same molecule (e.g., Van der Tak et al. 2007). The radiation
from a protostar affects not only the physical properties of the surrounding material,
but also the chemical processes (section 1.2.4). When an embedded protostar is so
massive that it emits large amounts of UV radiation (section 1.1.3), the effect on the
chemistry is especially profound (e.g., Van der Tak 2005).
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The measured shift in the central frequency of a spectral line provides infor-
mation on the bulk motion of the gas. If a line is systematically shifted to higher
frequencies, the gas is approaching the observer (blueshifted), if it is shifted to lower
frequencies, it is receding (redshifted). For example, if line signals from one side of
a cloud appear blueshifted and the line center shifts to the red when the telescope
is pointed at the other side of the cloud, this could indicate rotational motion. In
addition, the width of a spectral line reflects random motions of the gas particles.

Certain molecules probe shocked regions, for example if species that are known
to form on the surfaces of dust grains (section 1.2.4) suddenly appear in the gas
phase (Herbst & Van Dishoeck 2009). Alternatively, the presence of silicon species
in the gas phase indicates that some violent physical process must have shattered
a collection of silicon dust grains (section 1.2.5). In addition, accretion shocks
propagating through the circumstellar gas lead to discontinuities in density and
temperature across the shock front.

1.2.4 Astrochemistry

The formation and destruction of the wealth of molecular species presently ob-
served in the ISM of galaxies is governed by several chemical processes. The
chemistry that goes on in interstellar space is referred to as ‘astrochemistry’. It is
a fully developed branch of science on its own, but in this thesis we use it as an
instrument to probe physical conditions in star-forming regions.

Chemical reactions only occur when two (or more) reactants have a chance
to collide within a reasonable time scale. With densities in the ISM being some
fifteen to twenty orders of magnitude smaller than in the Earth’s atmosphere
(∼10−3 g cm−3), interstellar gas-phase chemistry is very different from what is known
from terrestrial standards. Three-body reactions, for example, are extremely unlikely
under interstellar density conditions. At temperatures up to ∼100 K, reactions
between ions and neutrals proceed faster (rate coefficients ∼10−9 cm3 s−1) than
neutral-neutral reactions (∼10−10 cm3 s−1), and free electrons play a significant role
in interstellar chemistry (Tielens 2005). In addition, some chemical reactions are
endothermic: they require energy input to proceed (Spaans 1995; Falgarone et al.
1995). Interstellar chemistry is thus heavily dependent on density, temperature and
ionization conditions.

Compared to the tenuous interstellar gas, the chances for reactants to ‘meet’
can be significantly enhanced on the surfaces of dust grains. Key processes to take
into account here are the accretion of gas particles onto grain surfaces, the ability
of the particles to move around on the surface in order to meet reaction partners,
and the evaporation of reaction products back into the gas phase where they can
become observable for astronomers. Efficient formation of molecular hydrogen,
for example, is only possible on dust grain surfaces (e.g., Cazaux & Tielens 2004).
On the other hand, molecules such as CO and H2O are known to ‘freeze out’ on
dust grains below specific temperature thresholds, removing a significant fraction
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of these species from the gas phase. Observational signatures of icy grain mantles
are found in infrared absorption.

With sufficient information and simplifying assumptions, it is possible to con-
struct elaborate chemical networks, such as the UMIST network2 (Woodall et al.
2007). The comparison of astrochemical model predictions with relative molecular
abundances inferred from astronomical observations gives insight into physical
conditions. As described above, the chemistry is sensitive to the balance between
heating and cooling (temperature), density, radiation, and dynamics. In some cases,
the current chemical balance can even be used as a tracer of the history of a dense
core by assessing the relative abundance of, for example, deuterium-bearing species
which only form in very cold conditions (Caselli et al. 2003).

Photon-dominated regions Coming back to the ionization conditions, a particular
type of environment which is relevant in the context of high-mass star formation is
the so-called ‘photon-dominated region’, or alternatively ‘photodissociation region’,
both abbreviated as ‘PDR’. When far-UV photons produced by young massive stars
irradiate nearby molecular cloud material, photo-electric emission from dust grains
heats the medium, and the radiation affects the chemistry (Hollenbach & Tielens
1999). Due to the gradual attenuation of the UV radiation, a layered structure
arises: ionized atomic species at the surface, with more neutral molecular species
stabilizing (starting with H2) in deeper, more shielded, colder parts of the cloud.
This is schematically depicted in figure 1.2 and investigated in detail in chapter 5.

1.2.5 Interstellar dust particles

Besides molecules, the interstellar medium contains dust grains: in molecular
clouds, dust typically makes up ∼1% of the material by mass. Interstellar dust
grains consist of silicates and carboneous (graphite) complexes and small amounts
of other elements (Tielens 2005). Grain sizes range from ∼1µm down to 10−3 µm,
where the distinction between small dust grains and large molecules becomes
vague.

Dust grains play a role in the physics and chemistry of star-forming regions.
Chemically, they are important because their surfaces provide a meeting ground for
chemical species to interact (see section 1.2.4), and because gas particles can ‘freeze
out’ to form icy mantles on dust grains, depending on local density, temperature,
and radiation conditions. Moreover, the chemical balance inside a molecular cloud
is affected by the gradual attenuation of radiation by dust. Physically, the dust grains
are efficient absorbers of optical photons emitted by nearby stars. As opposed to
the discrete energy transitions available to atoms and molecules resulting in line
emission (section 1.2.2), the energy distribution of photons emitted by warm dust
grains fills a continuous spectrum. Hence, it is often referred to as continuum
emission. However, a dust spectrum is not featureless. In fact, many conclusions

2The ‘UMIST Database for Astrochemistry’ is accessible at http://www.udfa.net/.



22 Chapter 1: Introduction

about the composition, structure, and sizes of interstellar dust grains are derived
from emission or absorption features in dust spectra (e.g., Draine 2003), generally in
the mid-infrared.

The observed wavelength or frequency distribution of dust emission provides
information about the temperature of the dust grains. Under certain conditions
(e.g., particle density &104.5 cm−3), dust grains and gas particles can be in thermal
equilibrium, which allows for a determination of the kinetic gas temperature.
Besides density, the thermodynamic coupling of dust and gas also depends on the
local radiation field. For example, the gas and dust temperature may be decoupled
in intensely illuminated PDRs, even at high densities.

Considering circumstellar material of accreting young stars, dust emission from
a relatively cold envelope can be separated from that arising in the warmer accretion
disk (see figure 1.1), while the geometry and inclination of the system can be
constrained by the spatial distribution of dust emission and the attenuation of
stellar photons. This method provides the opportunity to use continuum emission
from a young stellar object as a probe for the relative importance of various
components, enabling a classification of, for example, its evolutionary stage.

1.3 Outline of this thesis

In this thesis, the diagnostics provided by molecules and dust are used to under-
stand the distribution, kinematics, and composition of material in several star-
forming regions in our Galaxy. The variety of instruments and telescopes employed
for astronomical observations presented in this thesis are listed in table 1.1. The
observations from the JCMT and Herschel are part of large spectral survey programs:
the ‘JCMT Spectral Legacy Survey’ (SLS, described by Plume et al. 2007) and the
‘Chemical HErschel Surveys of Star forming regions’ (CHESS, Ceccarelli et al. 2010).

Table 1.1 — Instruments and telescopes employed for observations in this thesis.

Telescope Instrument Details Wavelength Frequency
Spitzera IRAC mid-infrared photometry (4 bands) 3–10µm 30–100 THz
Spitzer MIPS mid-infrared photometry (1 band) 20–28µm 10–15 THz
Herschelb HIFI far-infrared spectroscopy 157–612µm 490–1900 GHz
JCMTc HARP-B submillimeter spectral imaging 0.8–0.9 mm 330–373 GHz
JCMT A3 millimeter spectral mapping 1.4, 1.1 mm 220, 266 GHz
IRAM 30m EMIR millimeter spectroscopy ∼2.7, 1.3 mm ∼110, 220 GHz
(a) Spitzer Space Telescope (mirror diameter 0.85 m).
(b) Herschel Space Observatory (mirror diameter 3.5 m).
(c) James Clerk Maxwell Telescope (mirror diameter 15 m).

To interpret the observations, a number of radiative transfer codes are used in
this thesis, for dust continuum as well as line emission. Among them are the young
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stellar object SED models by Robitaille et al. (2006, 2007)3, CASSIS4, and the RATRAN,
RADEX, KOSMA-τ, and DUSTY codes (Hogerheijde & Van der Tak 2000; Van der Tak
et al. 2007; Röllig et al. 2006; Ivezic et al. 1999).

In chapter 2, I study mid-infrared dust emission from an infrared dark cloud
(panel 1 in figure 1.2) using the Spitzer Space Telescope. The observations show
a number of star-forming cores associated to the filamentary dark cloud structure.
The spectral energy distributions of the cores are compared to models in order to
derive masses and evolutionary stages (cf. figure 1.1) of the embedded protostars.

In chapter 3, I investigate the large-scale (104–105 AU) physical structure of the
massive circumstellar envelope of AFGL2591. Spatially and spectrally resolved JCMT
SLS maps of 35 molecular lines (e.g., CO, HCO+, CS, HCN, H2CO, N2H+, CH3OH)
are examined. Substructure is found in maps of several species on scales of 104 AU.
I use line radiative transfer modeling with various assumptions for geometry and
dynamics to explain the observed spatial and spectral distribution of molecular
emission.

A complete list of spectral lines detected in the SLS data of AFGL2591 is presented
in appendix 3.A, as a starting point for a chemical inventory of the protostellar
envelope.

Chapter 4 studies the higher excitation lines of CO, HCO+, HCN, HNC and CS,
obtained with Herschel. Since these lines probe higher temperatures than those
attainable from the ground, I compare these observations with model geometries
that include outflow cavities, allowing for significantly more UV radiation to heat
envelope material.

In chapter 5, the chemical layering of molecular material in the Orion Bar PDR
is studied, again based on SLS spectral imaging. A simple PDR model is used in an
attempt to reproduce the observed layering and relative molecular abundances.

Chapter 6 studies the methylidyne (CH) content of a hot high-mass star-forming
core and in diffuse gas along the line of sight. The spectral signature from CH
gas in the hot core gives information on the dynamical state of the gas. Physical
parameters are derived for four foreground components that contain CH gas.

Finally, chapter 7 gives a summary of the main results and conclusions. Based
on these, I also briefly look into possible future lines of research.

3The young stellar object SED fitting tool is available online at http://caravan.astro.wisc.edu/
protostars/.

4 CASSIS is developed by CESR-UPS/CNRS (http://cassis.cesr.fr).
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