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“...Caminante, no hay camino, se

hace camino al andar. Al andar

se hace camino, y al volver la

vista atrás se ve la senda que

nunca se ha de volver a pisar.

Caminante no hay camino, sino

estelas en la mar.”

–Antonio Machado



Cover: A portion of an optical color image of a field of M32, obtained after com-
bining 32 observations (per filter) taken with the High Resolution Channel (HRC)
of the Advanced Camera for Surveys (ACS) at the Hubble Space Telescope (HST).
The observations were taken in a field at ∼ 2′ from the center of M32. Backside:
As above but for our background field in M31. The field is located at ∼ 5′.8 from
the center of M32. Each image represents an area of ∼ 20′′ × 12′′ on the sky.
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Chapter 1
Introduction

In the early 1920s, E. Hubble discovered that some objects, then called nebulae,
were outside of the Milky Way and therefore it was recognized that galaxies

other than our own existed. His discovery fundamentally changed the view of the
Universe, which by then was believed to consist solely of the Milky Way. Hubble
was the first one to classify galaxies according to their morphology in optical light.
He divided galaxies into two main types: ellipticals and spirals. The former appear
on the sky as smooth, round and almost featureless systems, without signs of a disk
and dust lanes. The spirals, on the other hand, have very bright spiral arms, out-
lined by clumps of bright hot stars and the compressed dusty gas from which these
stars are formed. The Hubble classification system, although purely morphological,
remains widely used to the present day. We now know that there are real structural
differences between ellipticals and spirals. These differences suggest that different
physical processes were involved in the formation and evolution of these galaxies.

Elliptical galaxies are the most massive stellar systems in the local Universe.
Moreover, they represent a predominant fraction of its total stellar mass. Thus,
understanding their formation and evolution is crucial to improve our understand-
ing on galaxy formation and evolution in general. Detailed studies of the stellar
populations in elliptical galaxies should provide the most straightforward means of
testing their formation scenarios.

In this thesis we investigate the stellar populations of a particular elliptical
galaxy, Messier 32 (M32), whose proximity allows us to study its individual stars
with great detail. This work not only significantly improves our knowledge on the
stellar populations of M32 but also provides an unprecedented rich data base to em-
pirically test models that are used to decipher the star formation history of more
distant elliptical galaxies. We discuss the properties of ellipticals as well as the
current ideas about their formation and evolution (Sec. 1.1). The tools employed
to study their stellar populations are reviewed in Sec. 1.2 followed by a brief sum-
mary of the properties and stellar populations of M32 (Sec. 1.3). We conclude this
chapter by drawing an outline of this thesis (Sec. 1.4).
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1.1 Elliptical galaxies

Elliptical galaxies are apparently simple and rather homogeneous stellar systems
with a continuously declining brightness distribution. Their surface brightness pro-
file I(r) can be described remarkably well with Sérsic functions log I(r) ∝ r1/n

(Sérsic 1968; Caon et al. 1993; Kormendy et al. 2009), where n is the only free
parameter and it is called called Sérsic index. Hubble subclassified ellipticals
according to their apparent ellipticity. In this scheme, ellipticals are denoted by En
where n = 10(1−b/a) and b/a is the apparent flattening. In spite of being useful for
classification purposes, it has been shown that virtually no physical characteristics
of ellipticals correlate with the apparent ellipticity (Kormendy & Djorgovski 1989),
although deviations from ellipticity do correlate with their physical properties.

Although elliptical galaxies look like simple objects on the sky, several detailed
studies revealed that they are rather complex systems (see review by Kormendy
et al. 2009, hereafter K09 and references therein), covering a huge range of lumi-
nosity and light concentration. Ellipticals can then be broadly divided into two main
types with different structures, which suggests that they originated by a number of
different processes:

(1) Giant (large and bright) ellipticals are slow anisotropic rotators and they
have triaxial intrinsic shapes. In general they tend to be less flattened (E1.5) and
show cores and boxy-distorted isophotes. Their surface brightness profiles are
better described by Sérsic indices n > 4.

(2) In contrast, normal and low-luminosity ellipticals rotate rapidly, they are
relatively isotropic, with oblate-spheroidal intrinsic shapes, and more flattened
(E3). They are coreless and have disky-distorted isophotes. Their surface bright-
ness profiles over large radial intervals are better described by Sérsic indices n < 4.

Elliptical galaxies show surprising regularities in their global properties, in spite
of their large range of sizes and structural differences, and follow several empiri-
cal scaling relations, i.e. correlations between two or more observable parameters.
One such relation is the “fundamental plane”: the effective radius re of the light
distribution, the central velocity dispersion σ0, and mean effective surface bright-
ness 〈Ie〉 lie in a tilted plane in parameter space re ∝ σ1.24〈I〉−0.82

e (e.g., Djorgovski
& Davis 1987; Faber et al. 1987; Dressler et al. 1987; Djorgovski et al. 1988; Djor-
govski 1992; Bender et al. 1992; Jorgensen et al. 1996). This is a consequence of
the virial theorem and the fact that ellipticals are nearly homologous over a wide
range in luminosities L. The scatter in this correlation is similar to the parameter
measurement errors (Saglia et al. 1993; Jorgensen et al. 1996). The Faber-Jackson
relation L ∝ σ4

0 (Faber & Jackson 1976), the color-magnitude relation (bluer colors
for fainter galaxies, Visvanathan & Sandage 1977), and the mass-metallicity rela-
tion (more massive galaxies being more metal-rich, Trager et al. 2000a) are other
examples of the scaling relations of ellipticals (See Fig. 1.1). These tight scaling
relations are believed to hold important clues to the formation and evolution of
elliptical galaxies.

A perhaps even more relevant characteristic about ellipticals is that they show
fundamental differences with spirals and also with spheroidals (or dwarfs). These
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M32

M32

Figure 1.1: Scaling relations followed by ellipticals. Left panel: Edge-on projec-
tion of the fundamental plane for a sample of ∼ 100 elliptical plus bulge of spiral
galaxies from Bender et al. (1992). κ1 and κ2 are parameters from a coordinate sys-
tem chosen to emphasize the fundamental plane while retaining physically mean-
ingful variables. The values of the corresponding physical parameters are given in
the opposite sides of the figure. Right panel: Mass-metallicity relation for a sample
of ∼ 50 early-type galaxies from Trager et al. (2000a). The ellipse indicates the size
of the errors. M32, the subject of study in this thesis is indicated in both panels.

differences are most clearly seen in correlations between central properties, but
they are also evident in global properties (see e.g., Kormendy 1987; Binggeli &
Cameron 1991; Bender et al. 1992, 1993; K09). Fig 1.2 clearly shows that ellipticals
lie on a distinct sequence from spirals and spheroidals. K09 using an accurate
photometric sample of elliptical galaxies showed that their luminosity function is
approximately bounded at low luminosities by M32 and at high luminosities by
M87.

1.1.1 Formation and evolution

Since elliptical galaxies are predominantly old, they are ’fossils’ of the earlier Uni-
verse. They represent at least 50% of the total stellar mass in the local Universe
(Schechter & Dressler 1987; Gallazzi et al. 2008). Thus, understanding their for-
mation and evolution is crucial to understand how galaxies form and evolve in a
more general cosmological context.

Due to the seemingly simple nature of ellipticals, the so-called “monolithic col-
lapse” scenario (Eggen et al. 1962) was originally adopted to explain the formation
of these galaxies. In this scenario, galaxies form in a single intense burst of star
formation in the early universe (at redshifts z > 5), followed by passive evolution
of their stellar populations to the present day (Partridge & Peebles 1967; Larson
1975). This formation mechanism can successfully explain the tightness of the fun-
damental scaling relations of ellipticals, like the color-magnitude relation and the
fundamental plane, as well as the evolution of those relations as a function of red-
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Figure 1.2: Correlations be-
tween the total absolute magni-
tude and central surface bright-
ness for ellipticals, spirals,
spheroidals (or dwarfs) and
globular clusters from Kor-
mendy et al. (2009). It is clear
that the distribution of ellip-
ticals (inside the oval) is dis-
joint from that of spirals and
spheroidals. M32 is one of
the lowest-luminosity true ellip-
ticals.

shift (Kodama et al. 1998; van Dokkum & Stanford 2003). However, this model has
been challenged by a more complex formation scenario.

Toomre & Toomre (1972) suggested that elliptical galaxies form in violent major
mergers of massive disk galaxies that often include gas dissipation and star forma-
tion episodes. This second formation scenario was further study by using detailed
numerical simulations (Toomre 1977; Farouki & Shapiro 1982; Negroponte & White
1983; Joseph & Wright 1985; Schweizer 1990; Kauffmann et al. 1993; Steinmetz &
Navarro 2002). These studies show that merger progenitors usually contain gas
which is driven to the galactic center thanks to gravitational torques (e.g. Barnes
& Hernquist 1996, 1991) subsequently generating starbursts (e.g. Mihos & Hern-
quist 1994, 1996). This merger formation scenario was rapidly attractive and pre-
ferred by theorists since it appears to be a natural consequence of the hierarchical
structure formation process predicted by the cosmological cold dark matter (CDM)
paradigm (Blumenthal et al. 1984). In this paradigm, small primordial fluctuations
whose densities are higher than the nearly-uniform density field of the early Uni-
verse will collapse and grow gravitationally, forming bound objects known as dark
matter halos. The structure formation is then hierarchical: small objects form first
and subsequently merge together to form larger structures. Within this scenario,
galaxies form when gas cools and and condenses inside dark matter halos (White
& Rees 1978) and continue growing hierarchically through the accretion of smaller
objects. Over several years, observational evidence has demonstrated that inter-
actions and mergers between galaxies are indeed a common phenomenon at high
redshifts not surprisingly affecting the population of elliptical galaxies in the lo-
cal Universe. For instance, Schweizer & Seitzer (1992) found evidence of bluer
colors in elliptical galaxies suggesting a merger-induced recent star formation ac-
tivity. Later studies using absorption-line indices have showed that a significant
fraction of cluster early-type galaxies has undergone recent episodes of star for-
mation (Schweizer et al. 1990; González 1993; Barger et al. 1996; Schweizer et al.
1990; Trager et al. 2000a). Additional indications of this recent activity have also
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been detected in high redshift early-type galaxies using colours (Menanteau et al.
2001; van de Ven et al. 2003) and absorption and emission line diagnostics (Treu
et al. 2002; Willis et al. 2002). These observations have posed a challenge to the
monolithic formation scenario. Another important result supporting the idea that
at least a part of the ellipticals are formed in a hierarchical way, via the accretion
and merger of smaller building blocks, is that the stellar mass of the red galaxy
population increases by a factor of 2 since z ∼ 1 (Bell et al. 2004; Brown et al.
2007; Faber et al. 2007).

The hierarchical formation scenario implies that galaxies are the final products
of different merger histories in which, for example, different progenitor morpholo-
gies and star formation histories, and encounter geometries produced a variety of
different results. As previously mentioned, the remarkable structural regularities
observed in the final outcome of ellipticals, as well as the departures from them
provide us with a profitable way to study galaxy formation. By combining data
from a variety of different observations of early-type galaxies in the Virgo Cluster,
K09 demonstrated that Sérsic functions fit most ellipticals remarkably well, and
that local departures from these fits, as well as correlations involving the fit pa-
rameters, are diagnostic of galaxy formation mechanisms. K09 suggested that core
ellipticals, i.e large ellipticals with total absolute magnitudes MV T ≤ −21.66 that
have cores (missing light at small radii from the inward extrapolation of their Sér-
sic profiles), formed in dissipationless (“dry”) mergers since cores can be scoured
by binary black holes (BHs) formed in such mergers: BH binaries form naturally
in “dry” mergers of galaxies, their orbits decay and the binaries get harder fling-
ing stars away. These stars, that are either deposited into a large volume at large
radii or are ejected, have little effect on the galaxy outer profile. Since stars are
removed from the small volume close to the BHs, the central surface brightness of
the galaxy decreases generating a core. On the other hand, they suggested that all
faint coreless ellipticals, i.e. ellipticals with −21.54 ≤ MV T ≤ −15.53 which were
found by K09 to have extra light at the center above the inward extrapolation of
the outer Sérsic profile, are the result of dissipative (“wet”) mergers processes. In
simulations of “wet” mergers (e.g., Mihos & Hernquist 1994), the gas dissipates,
falls toward the center and undergoes a starburst generating a compact stellar
component that, as in K09 observations, is distinct from the Sérsic profile of the
main body of the elliptical. Although ellipticals with extra light also contain su-
permassive BHs, K09 suggest that the starburst swamped core scouring by binary
BHs. Thus, they interpret the extra light components as a signature of formation
in dissipative mergers. K09 also suggest that distinctions between the two kinds
of ellipticals may be related to the number of mergers that shaped the systems. It
is interesting to note that merger simulations (Hopkins et al. 2009b,a,c, 2008b,a)
have reproduced the different properties of core and extra light ellipticals obtained
by K09.

There is also evidence for a mass-dependent evolutionary history of ellipticals,
such that the star formation histories of more massive elliptical galaxies peak at
higher redshifts (z ≈ 5) than lower mass systems; less massive ellipticals have star
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formation histories that peak at progressively lower redshifts and are extended
over a longer time interval. This scenario, known as ’downsizing’ and originally
proposed by Cowie et al. (1996, see also Trager et al. 1993), is supported by both
observations (Bell et al. 2005; Faber et al. 2005; Nelan et al. 2005; Thomas et al.
2005a; Bernardi et al. 2006; Noeske et al. 2007; Santini et al. 2009) and simula-
tions (De Lucia et al. 2006; de Rossi et al. 2007; Fontanot et al. 2009). Results from
semi-analytic models (De Lucia et al. 2006) show that an apparent ’downsizing’ in
the formation of ellipticals is not in contradiction with the hierarchical paradigm, as
has often been interpreted. On one side, they find that the stars in more massive el-
lipticals are on average older than those in their less massive counterparts, i.e. the
formation times of more massive ellipticals are earlier, reflected in the downsizing
scenario. On the other side, they find that massive ellipticals assemble in a sin-
gle object at much lower redshift than when their stars are formed and moreover,
more massive galaxies assemble later than less massive ones. Thus, the assem-
bly history of ellipticals is hierarchical in contrast to the formation history of the
stars themselves.* These semi-analytic models of galaxy formation do predict anti-
hierarchical star formation histories for ellipticals in a Λ-cold dark matter (ΛCDM )
universe even though the assembly of these galaxies is indeed hierarchical.

In spite of the tremendous work both on the theoretical and on the observational
sides, there are still unsolved issues concerning the theories for the formation of
elliptical galaxies. One of the best approaches to test the theoretical models and
decipher the star formation history (SFH) and evolution of these galaxies is to study
in detail their stellar content. This is discussed in the next section.

1.2 Stellar populations

Stars have imprinted evolutionary parameters such as age and metallicity and thus
provide a fossil record of the SFH and evolution of a galaxy. According to their
proximity, elliptical galaxies can be either studied from their integrated light and/or
observations of their individual stars. However the latter, although more powerful,
has only been possible for a handful of nearby ellipticals, including the galaxy stud-
ied in this thesis. In this section we discuss the diagnostic tools employed to study
both unresolved and resolved stellar populations and what we have learned about
the stellar populations of ellipticals up to now.

1.2.1 Unresolved stellar populations

In general, the only means available to study the stellar populations of elliptical
galaxies is their spectral energy distribution (SED) which possesses contributions
from all their stars, having a range of metallicities and ages. The large distances

* De Lucia et al. (2006) define the formation redshift as the redshift at which 50% (or 80%) of the
stars that make up the galaxies at redshift zero are already formed. Their assembly redshift is
defined as the redshift at which 50% (or 80%) of the final stellar mass is already contain in the
galaxy.
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of these galaxies in combination with their high surface brightnesses prevent de-
tection of their intrinsically fainter individual stars limiting our knowledge about
their stellar populations (see however 1.2.2). As a consequence, we rely strongly
on unresolved stellar population models to learn about their SFHs. These models,
introduced in the pioneering work by Tinsley (1972), are used to interpret the inte-
grated light of galaxies and estimate their ages and metallicities. Since the spectra
of galaxies possess contributions from all their stars, problems such as the non-
trivial degeneracy between age and metallicity, especially observed in old popula-
tions such as those that dominate the masses of elliptical galaxies, have to be taken
into account to properly determine the stellar parameters of the observed galaxy.
Worthey (1994) established a possible way to tackle this issue by constructing mod-
els that use information from particular pairs of line-strength indices to break the
age–metallicity degeneracy (building on previous work by, e.g., Rabin 1982). Based
on this idea, and thanks to various improvements in, e.g., stellar evolution and spec-
tral libraries and model atmospheres, there are currently several stellar population
models that provide predicted line-strength index values of a single stellar popula-
tion (SSP) (e.g., Bruzual & Charlot 2003; Thomas et al. 2003; Vazdekis et al. 2010).
A comparison of these predicted values with those measured from an observed
galaxy’s spectrum determines the age and metallicity of the stars in that galaxy.
Because the determination of these properties are based on SSP models, i.e. stars
of the same single age and metallicity, these are called SSP-equivalent age and
metallicity. Serra & Trager (2007) and Trager & Somerville (2009) investigated
how these SSP-equivalent parameters relate to the average properties of galaxies
using models of composite stellar populations. They found that the derived SSP-
equivalent age of a galaxy depends primarily on the age of its younger population
and the mass fraction between the different constituent populations, whereas the
SSP-equivalent metallicity mostly depends on the metallicity of the old population.
The SSP-equivalent age, moreover, is simply a Balmer-line-weighted age and should
not be interpreted as the age of the bulk of stars in a galaxy.

The use of these more sophisticated models together with the acquisition of bet-
ter and larger amounts of data have improved our knowledge on the stellar popula-
tions of ellipticals. The initial assumption that ellipticals are composed of a simple,
old stellar population (Baade & Gaposchkin 1963) has dramatically changed (see
e.g. Faber et al. 2007; Renzini 2006). Ellipticals are now known to be complex
systems, with a variety of different stellar populations. In general terms, elliptical
galaxies are dominated by old and metal-rich stars with a small amount of cool gas
and thus very few young stars. A wide spread in their stellar ages has been found
by several authors (e.g., González 1993; Trager 1997; Gallazzi et al. 2006). It was
later found that a fraction of ellipticals have recently formed stars (Yi et al. 2005;
Kaviraj et al. 2007) and intermediate-age populations are now commonly detected
in ellipticals (Graves et al. 2007; Schawinski et al. 2007; Mármol-Queraltó et al.
2009). In addition, radial metallicity and/or age gradients are usually observed
(e.g. González 1993; Davies et al. 1993; Sánchez-Blázquez et al. 2006; Tortora et al.
2010). It has also been noticed that, according to their type, ellipticals have differ-
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ent stellar populations: (1) Giant ellipticals have mostly old stellar populations and
are enhanced in α elements (e.g. Worthey et al. 1992), whereas (2) lower-luminosity
ellipticals generally are made of younger stars and their stellar populations are less
enhanced or even Solar in α element abundances (see Jorgensen 1997; Trager et al.
2000a; K09 and references therein).

1.2.2 Resolved stellar populations: Color-Magnitude diagram
analysis

In the 1940s, W. Baade observed, for the first time, individual stars in M31 and
its companions M32 and NGC 205 (Baade 1944). This pioneering work initiated
the field of resolved stellar populations, which has been a subject of continuing
interest since then. The study of the individual stars in galaxies is the best and most
direct way to understand their formation and evolution. An important requirement
to perform this kind of analysis is the proximity of the galaxy under study. Thus,
mostly galaxies in the Local Group (LG) can be studied in such a way. Unfortunately,
there is a lack of giant ellipticals in the LG which limits our knowledge about their
populations. Although there have been studies of the resolved giants near the tip
of the red giant branch (RGB) in nearby ellipticals outside the LG (see, e.g., Sakai
et al. 1997; Harris et al. 1999; Harris & Harris 2000; Gregg et al. 2004; Rejkuba
et al. 2005), observations of the intrinsically fainter stars are needed in order to
obtain the complete SFH of a galaxy (see below). The galaxy studied in this thesis,
M32, although a low-luminosity galaxy, is the nearest elliptical for which we can
resolve its individual stars to fainter magnitudes. Therefore, a more detailed study
of its resolved stellar populations is possible.

The best tool to learn about the stellar populations of a galaxy is the color-
magnitude diagram (CMD) of its individual stars. This is because the location of
any star in a CMD is uniquely related to its mass, age and chemical composition.
From applying stellar evolution theory to a CMD we can disentangle directly these
evolution parameters. Moreover, the positions of stars in these diagrams represent
the evolutionary sequences of stellar populations, which provide information about
the SFH of a galaxy. However, some of these sequences are specifically sensitive
to age and/or metallicity. Because different evolutionary phases populate different
regions in a CMD, some of them are more informative than others. For instance,
the best age indicator of a galaxy is the main sequence (MS) and in particular
the main-sequence turnoff (MSTO); i.e. the point at which hydrogen burning stars
have exhausted the hydrogen fuel in their cores. Due to the fact that, in this phase,
the age is related to the luminosity and moreover stars obey a well-known mass-
luminosity relation, there is a direct conversion of the MSTO’s information into the
SFH of a galaxy. In addition, the subgiant branch (SGB), the evolutionary phase
between the MS and the RGB, defines another useful age indicator. The luminos-
ity of both the MSTO and the SGB fade as the age of the system increases. Later
evolutionary phases, namely the RGB, the horizontal branch (HB), the red clump
(RC) and the asymptotic giant branch (AGB) are not such accurate age indicators



1.2. STELLAR POPULATIONS 17

AGB stars

Figure 1.3: A schematic CMD for a
typical globular cluster showing the lo-
cation of the main evolutionary phases
from Krauss & Chaboyer (2003). The
visual luminosity of the stars is mea-
sured in V -band magnitude and the
surface color in (B − V ). Some of
these CMD features are very useful
age indicators, as the main sequence
turnoff. The horizontal branch in-
dicates the presence of stars older
than 10 Gyr, whereas asymptotic giant
branch (AGB) stars indicate the pres-
ence of intermediate-age stars. The
red giant branch (RGB), on the other
hand, is a good metallicity indicator.

since their CMD positions are influenced by several factors (see e.g. Salaris & Cas-
sisi 2005). The RGB, on the other hand, is more sensitive to the metallicity of the
system. Nonetheless, these later phases are indicative of the presence of popula-
tions older than a some minimum age and are extremely useful when galaxies are
too distant to have their MSTOs observed. For example, HB stars are always older
than 10 Gyr, RGB stars are at least 1-2 Gyr old, and AGB stars are older than 100
Myr. Fig. 1.3 shows a schematic CMD showing the location of the principal stellar
evolutionary sequences.

For decades, ages of stellar systems were determined by fitting isochrone-fittings
to CMDs, in particular to the main sequence. This is an appropriate technique to
study simple stellar populations, i.e. coeval stars with the same chemical composi-
tion, such as those find in stellar clusters, but clearly cannot be used to interpret
the composite stellar populations present in galaxies. In galaxies various genera-
tions of stars, with different metallicities and ages, contribute to the appearance
of the observed CMD. Thus, a new method to obtain the SFH of galaxies needed
to be developed. The strong dependence of the CMD morphology on the SFH (see
Fig. 1.4) is the key of the well-known synthetic CMD method, which consists in
comparing the observational CMD of a galactic region with synthetic CMDs (see
e.g., Tosi et al. 1991; Bertelli et al. 1992; Tolstoy & Saha 1996; Aparicio & Hi-
dalgo 2009, for detailed descriptions of different procedures). The synthetic CMD
method determines the variation of the SFR within the look-back time that can be
reached by the available photometry. The direct observation, with accurate pho-
tometry, of the galaxy’s oldest MSTO is necessary for the complete derivation of
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Figure 1.4: The effect on the CMD’s morphology of different SFHs for an hypothet-
ical LG galaxy with typical HST/WFPC2 photometric errors. The constant metallic-
ity assumed is indicated in each panel and different colors correspond to different
age intervals. Note that these metallicities differ by a factor of 10. Left panel: A
constant SFR from 13 Gyr ago to the present epoch plus a 10 times stronger burst
added in the last 20 Myr. Right panel: Old SFH with an episode of SFR from 13
to 10 Gyr ago. The dotted lines are drawn to help visualize the differences. From
Tolstoy et al. (2009).

its SFH. The method does not provide unique solutions but significantly reduces
the possible SFH scenarios. Due to both the intrinsic crowding and distance of the
examined galaxy, and to the instrumental capabilities, it is not always possible to
exploit all the information contained in a CMD. When the oldest MSTOs are not
available, which is the case for most of the galaxies, evolved stars can be used very
profitably to obtain information about the SFH, although with higher uncertainty
and/or within shorter look-back times. Quantitative and qualitative indicators can
be combined and complement each other to study the SFH of a galaxy (see Chapter
2, 3). Thanks to the capabilities of the Hubble Space Telescope (HST), launched in
1990, it was possible to resolve individual stars in many galaxies in the LG to un-
precedented (and still unequalled) levels of faintness, distance and crowding (see
e.g., Brown et al. 2006; Barker et al. 2007; Monelli et al. 2010). These studies
found that the SFH not only differs significantly from one galaxy to another, but
also according to where one looks within the same galaxy (see review by Tolstoy
et al. 2009).

Finally, among the different types of stars that can be resolved in nearby galax-
ies, the RR Lyrae variables are particularly important since they can also indi-
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cate the presence of an ancient population. RR Lyrae variables are low mass
(0.6 − 0.8 M�) central He burning stars located on the HB evolutionary phase.
Knowledge of their properties provides important information on their parent stel-
lar populations: their mere presence is indicative of a ancient stellar population,
as ages older than ∼ 10 Gyr are required to produce RR Lyrae variables. In addi-
tion, because of their location in a CMD, they are at least 3 magnitudes brighter
than the oldest’s MSTOs and thus much easily detected. The detection of RR Lyrae
stars is presently one of the only ways to confirm the existence of an ancient stellar
population in galaxies for which the oldest MSTOs are not observed.

1.3 M32: a unique window on the stellar popula-
tions of elliptical galaxies

The Local Group elliptical galaxy M32, first catalogued by C. Messier in the 1770s,
is the subject of study in this thesis. It is a small satellite of M31 projected onto
its minor-axis disk, and only 24 arcmin from its nucleus. Due to its low luminosity,
compactness and high surface brightness (Bender et al. 1992), M32 is classified as
a compact elliptical (cE) galaxy, cE2. M32 is the prototype of this class of ellipticals,
consisting of ∼ 20 galaxies known so far (Davidge 1991; Ziegler & Bender 1998;
Chilingarian et al. 2009), the so-called M32-like galaxies.

Despite the fact that M32 has been extensively observed and studied, its SFH,
and therefore its origins, are still a matter of debate. The proposed models for
M32’s origins span a wide range of hypotheses: from a true elliptical galaxy at
the lower extreme of the mass sequence (e.g., Faber 1973; Nieto & Prugniel 1987;
Kormendy et al. 2009) to an early-type spiral galaxy whose concentrated bulge, un-
like its disk, still survives the tidal stripping process caused by its interactions with
M31 (e.g., Bekki et al. 2001; Chilingarian et al. 2009). There has been suggestions
that the observed compact nature of M32 is the consequence of tidal pruning (e.g.,
Faber 1973; Burkert 1994; Bekki et al. 2001), due to the interactions of M32 with
M31. However, such a scenario is in disagreement with the findings of Nieto &
Prugniel (1987) and Choi et al. (2002) who concluded that M32’s precursor, i.e.
before being accreted by M31, was likely to be intrinsically compact. It is inter-
esting to note that M32 does not appear to possess globular clusters (even though
it is supposed to have a number between 10 and 20, van den Bergh 2000) which
supports the hypothesis that M32 has been tidally stripped by M31.

Regardless of its origins, M32 is today an elliptical galaxy and the nearest sys-
tem that has properties very similar to the giant ellipticals: it falls at the lower
luminosity end of all of the structural and spectroscopy scaling relations of giant
ellipticals: the Faber–Jackson relation (e.g., Faber & Jackson 1976), the Kormendy
relation (e.g., Kormendy 1985), the mass–age–metallicity and [α/Fe]–mass relation-
ships (Trager et al. 2000a), and the Mg–σ relation and the Fundamental Plane of
early-type galaxies (e.g., Bender et al. 1992), as shown in Fig. 1.1, where M32’s
location is indicated. More recently, K09 find that both central and global param-



20 CHAPTER 1. INTRODUCTION

eter correlations place M32 as a normal, low-luminosity elliptical galaxy in all re-
gards (see Fig. 1.2). K09 confirmed the results from a pioneering work by Wirth &
Gallagher (1984), as well as those from e.g. Sandage et al. (1985a,b), Kormendy
(1985, 1987), who suggested that compact ellipticals like M32 are not (as previ-
ously thought) diffuse “spheroidals” (or dwarfs) like NGC205, but instead are the
extension to low luminosities of the family of giant ellipticals.

Given its proximity, M32 provides a unique window on the stellar composition of
elliptical galaxies, since it can be studied by both its integrated spectrum and the
photometry of its resolved stars. While we note that the SFH of a low luminosity
elliptical such as M32 (reff ≈ 40′′, Choi et al. 2002; Kormendy et al. 2009) may differ
from those of giant ellipticals, it is a fact that in general models applied to giant el-
lipticals reach the same conclusions as those applied to M32 (e.g., Worthey 1998).
M32 is therefore a vital laboratory to test the applicability of the stellar popula-
tion models to more distant galaxies, since it provides the possibility of comparing
predictions from the spectroscopic analysis of integrated light with the resolved
stellar content. In what follows we discuss M32’s stellar populations as revealed
by unresolved and resolved stellar population studies.

1.3.1 Results from spectroscopic studies

From spectroscopic studies, one of the most important results of synthetic popula-
tion models was found by O’Connell (1980): models fail to reproduce M32 with a
single old-age and solar-metallicity population. Various synthetic population mod-
els have claimed that M32 underwent a period of significant star formation in the
recent past, i.e. about 5–8 Gyr ago, (e.g., O’Connell 1980; Pickles 1985; Bica et al.
1990) based on the presence of enhanced Hβ absorption in the integrated spec-
trum of M32, and thus indicate signatures of an intermediate luminosity-weighted
age population (e.g., Rose 1994; Trager et al. 2000a; Worthey 2004; Schiavon et al.
2004; Rose et al. 2005; Coelho et al. 2009). Rose et al. (2005) studied the nuclear
spectrum of M32 and found radial gradients in both the age and metallicity of the
luminosity-weighted mean stellar population of M32: the population at 1 reff is ∼ 3

Gyr older and more metal poor by ∼ −0.25 dex than the central population, which
has a luminosity-weighted age of ∼ 4 Gyr and [Fe/H] ∼ 0.0. Extrapolation of the
spatially resolved spectroscopy of González (1993) results in an average age and
metallicity of M32 at 1′ from its center of 8 Gyr old and [Fe/H] ∼ −0.25 (Grillmair
et al. 1996b; Trager et al. 2000a). This is consistent with a more recent estimate
by Worthey (2004) who found the age of M32 at 1′ to be 10 Gyr old. The most
recent results from stellar population models are given by Coelho et al. (2009)
who observed high signal-to-noise spectra at three different radii, from the nu-
cleus of M32 out to ∼ 2′ from the center of M32. They propose that an ancient
and intermediate-age population are both present in M32 and that the contribution
from the intermediate-age population is larger at the nuclear region. They claim
that a young population is present at all radii (see also e.g., Trager et al. 2000a;
Rose 1985, 1994; Schiavon et al. 2004), but its origin is unclear. Moreover, the
determination of ages in integrated spectra is a difficult problem, as extended hori-
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zontal branch morphologies and/or blue stragglers, unaccounted for in the models,
can mimic younger ages (e.g., Burstein et al. 1984; Rose 1985; de Freitas Pacheco
& Barbuy 1995; Maraston & Thomas 2000; Trager et al. 2005). Thus, lacking any
direct evidence for such a young population (ages < 1 Gyr), and due to the un-
certainties in the synthesis models, these results should be considered with some
caution.

1.3.2 Results from resolved stars studies

Due to the M32’s high surface brightness and its projected position onto the disk
of M31, crowding and contamination by M31’s stars* have always made difficult
to study the individual stars of M32. Indeed, after the work by Baade (1944), no
studies on the resolved stellar content of M32 have been undertaken for several
years until the work by Freedman in 1989. During the last two decades, thanks
to the power and resolution of new generations of telescopes and detectors, and
especially with the advent of the HST, observations of individual stars in M32 have
increased. Photometric studies of resolved stars have supported the existence of
an intermediate-age population (e.g. Freedman 1992a; Davidge & Jensen 2007) by
detecting AGB stars suggestive of a ∼ 3 Gyr old population. However, observations
by Davidge & Jensen (2007), obtained with the NIRI imager on the Gemini North
telescope, do not support spectroscopic studies that find an age gradient in M32,
since they suggest that the AGB stars and their progenitors are smoothly mixed
throughout the main body of the galaxy. In Brown et al. (2000, 2008), using ul-
traviolet observations of the center of M32, and in Chapter 4 of this thesis, using
the ACS/HRC data presented here, evidence of an ancient, metal-poor population
have been found by observing hot horizontal branch and RR Lyrae stars, respec-
tively. Worthey et al. (2004), using optical observations obtained with the Wide
Field Planetary Camera 2 (WFPC2) on board HST and presented by Alonso-García
et al. (2004), studied the stellar populations of the outer regions of M32 and M31
and found that there is no trace of a main sequence younger than ∼ 1 Gyr in M32
at a region 7 reff from its center. The most extensive study of the resolved stellar
populations of M32 has been carried out by Grillmair et al. (1996, hereafter G96),
who resolved individual stars down to slightly below the level of the HB with the
HST WFPC2 in a region of 1–2′ from the center of the galaxy (see Fig. 1.5). Their
most important result is the composite nature of the CMD of M32. They concluded
that the wide spread in color of the giant stars in their CMD cannot be explained
only by a spread in age but rather by a wide spread in metallicity. However, given
the age–metallicity degeneracy on the giant branch, there may well be a mixture
of ages present in their field, but age effects are less important than metallicity on
the giant branch morphology. For an assumed age of 8.5 Gyr old, the metallicity
distribution function has a peak at [Fe/H] ∼ −0.25, consistent with the extrapola-
tion made from the spatially resolved spectroscopy of González (1993). The spread

* An especially problematic aspect of this contamination is that the mean metallicity of stars in the
outer disk of M31 is not extremely different from that of the outer regions of M32, and thus the
photometric properties of stars in M32 and the disk of M31 overlap significantly.
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Figure 1.5: CMD of stars
in M32 presented by Grill-
mair et al. (1996b) from
HST/WFPC2 observations.
Theoretical isochrones from
Worthey (1994) are super-
imposed for [Fe/H] between
−1.2 and 0.0 in 0.2 dex steps,
and ages of 8 Gyr (dotted
lines) and 15 Gyr (solid
lines). An intrinsic spread
in metallicity is clearly ob-
served. The hypothetical
locations of HB and AGB
stars are indicated.

in metallicity found by G96 ranges from roughly solar to below −1 dex. This study,
as well as those by Brown et al., Alonso-Garcia et al. and Worthey et al., concluded
that the metal-poor population is insignificant, contrary to the results of Coelho
et al. (2009). Finally, a young population of . 1 Gyr claimed by several population
models to be present in the spectrum of M32 has not been seen by any of the obser-
vations of resolved stars. Overall, the photometric studies carried out so far only
obtained information from the brighter stars of M32, i.e., the upper CMD. These
studies were prevented from observing fainter stars by the extreme crowding of
M32. Since upper giant-branch tracks are degenerate in age and metallicity, much
like integrated colors and metallic lines, it is not possible to derive an age from the
upper CMD alone as above-mentioned.

1.4 This Thesis

As discussed above, models of the integrated light from stellar populations that
are fundamental to study the formation and evolution of elliptical galaxies have
become very sophisticated, and there is now a better understanding of how to in-
terpret their results in terms of the average properties of a galaxy. However, these
models still suffer from uncertainties: e.g., it is difficult to distinguish between a
young or hot old population since the latter is not necessarily accounted for in the
models (Maraston & Thomas 2000). Therefore, there is a pressing need for them
to be tested with direct observations of stars of an actual elliptical galaxy. M32, al-
though a low-luminosity elliptical, is the nearest system with structural properties
reminiscent of giant ellipticals (see K09 and references therein). Given its proxim-
ity, M32 provides a unique window on the stellar composition of elliptical galaxies
since it can be studied by both its integrated spectrum and the photometry of its
resolved stars. Thus, it is a vital laboratory for stellar population models. To date,
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there has not been a consistent comparison between predictions from the spectro-
scopic analysis of its integrated light and its resolved stellar content. Moreover, the
SFH of M32 is still a matter of debate. In this thesis, we investigate the resolved
stellar populations of M32 with the primary goal of deriving a complete SFH of this
enigmatic galaxy.

The only way to derive the SFH of M32 and to test conclusions so far based
solely on integrated colors and spectral indices is to obtain deep CMDs that reach
the MSTOs. Moreover, a deep CMD and luminosity function of M32 can be used
as the basis for spectral synthesis studies. An agreement between observed and
synthetic indices for M32 would confirm such indices as simple diagnostic tools for
constraining stellar populations in integrated light of other elliptical galaxies, for
which only the integrated light is available given their greater distances. Further-
more, the CMD allows for the study of spreads about mean properties in a way that
is currently impossible with integrated light. These spreads are as important as the
mean values in decoding the SFH of the galaxy.

We were awarded 64 orbits of the HST to observe the MSTO of M32 with the
High Resolution Channel (HRC) of the Advanced Camera for Surveys (ACS). The
proximity of M32, combined with the high resolution images of HST ACS/HRC,
allows for a remarkable improvement in our study of M32’s stellar content. Fur-
thermore, the results of this thesis represent the most complete inventory to date
of M32’s stellar populations and provides a rich data base to compare with unre-
solved stellar population models. This is fundamental to test the applicability of
stellar population models to distant elliptical galaxies.

1.4.1 Outline of the thesis

In Chapter 2 we introduce our new HST observations of two fields near M32 and
present the deepest optical CMD of M32 so far obtained. This CMD reaches more
than 2 mag fainter than the previous optical CMD by G96 (compare Figs 1.5 and
2.12) and fully resolves the RGB and the AGB. One of its main features is a strong
RC. We report the discovery of a blue plume (BP), consisting of young stars and/or
blue straggler stars (BSSs), not claimed to have been observed before. We also
detect for the first time in M32 an RGB bump and an AGB bump. The CMD locations
of the bumps together with the RC allows to constrain the ages and metallicities
of M32 at our field’s location. We obtain the photometric metallicity distribution
function and the luminosity function of M32. By analyzing the obtained CMD, we
have achieved the most comprehensive photometric study of the resolved stellar
content of M32 to date. We have found that M32 is dominated by intermediate-age
and old (8–10 Gyr old), metal-rich ([Fe/H] ∼ −0.2) stars and it contains some old (>
10 Gyr), metal-poor stars ([Fe/H] ∼ −1.6) as well as possible young populations (0.5
– 2 Gyr old stars). We also qualitatively analyze the CMD of our M31 background
field and find that it contains older and more metal-poor stellar populations than
M32.

Chapter 3 follows-up the analysis presented in the previous chapter. We present
a quantitative analysis of the mix of ages and metallicities in the fields observed
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using the above-mentioned synthetic CMD method. Since the oldest MSTOs of
the galaxy are not reached in our observations, we are not be able to obtain a
complete SFH from this CMD. Nonetheless, from a more sophisticated analysis of
the CMDs presented in Chapter 2, we derive a detailed young and intermediate-
age SFH of M32 at ∼ 2′ and M31 at our background field’s location. We find that
M32 has a substantial population of 2–5 Gyr old stars contributing to ∼ 42% of its
mass at our field’s location, an unexpectedly large population of young stars for an
elliptical galaxy at such a large distance from its center. M31, on the other hand,
is predominantly old at our background field’s position.

In Chapter 4 we present newly-detected RR Lyrae variables obtained with our
observations. Due to the severe crowding in our fields, even with the high spatial
resolution of HRC it is not possible to reach the MSTO with sufficient precision
to claim the presence of a very old population. Thus the detection of RR Lyrae
stars in M32 is presently the only way to confirm the existence of an ancient stellar
population in this galaxy. We detected 17 RR Lyrae variables in the M32 field and
14 in our M31 background field, from which a 1-sigma upper limit of 6 RR Lyrae
variables belonging to M32 could be determined. We used in addition our two
ACS/WFC parallel fields to provide a better constraint on the M31 background,
and we have obtained that 7+4

−3 (68% confidence interval) RR Lyrae variables in
our M32 field belong to M32. We have therefore found evidence for an ancient
population in this galaxy. The RR Lyrae stars in both our primary M32 and M31
background fields have indistinguishable mean V-band magnitudes, mean periods,
distributions in the Bailey diagram and ratios of RRc to RR(tot) types.

In Chapter 5 we summarize our main results and conclude by discussing some
follow up studies based on this work.



Chapter 2
The deepest HST
Color-Magnitude Diagram of
M32

Based on Monachesi A., Trager S.C.. Lauer T.R., Freedman W., Dressler A., Grill-
mair C.& Mighell K.J. 2011, ApJ, 727, 55

Abstract

We present the deepest optical color-magnitude diagram (CMD) to date of the
local elliptical galaxy M32. We have obtained F435W and F555W photometry

based on Hubble Space Telescope ACS/HRC images for a region 110′′ from the
center of M32 (F1) and a background field (F2) about 320′′ away from M32 center.
Due to the high resolution of our Nyquist-sampled images, the small photometric
errors, and the depth of our data (the color-magnitude diagram of M32 goes as deep
as F435W ∼ 28.5 at 50% completeness level) we obtain the most detailed resolved
photometric study of M32 yet. Deconvolution of HST images proves to be superior
than other standard methods to derive stellar photometry on extremely crowded
HST images, as its photometric errors are ∼ 2× smaller than other methods tried.

The location of the strong red clump in the CMD suggests a mean age between
8 and 10 Gyr for [Fe/H] = −0.2 dex in M32. We detect for the first time a red
giant branch bump and an asymptotic giant branch bump in M32 which, together
with the red clump, allow us to constrain the age and metallicity of the dominant
population in this region of M32. These features indicate that the mean age of
M32’s population at ∼ 2′ from its center is between 5 and 10 Gyr. We see evidence
of an intermediate-age population in M32 mainly due to the presence of asymptotic
giant branch stars rising to MF555W ∼ −2.0. Our detection of a blue component of
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stars (blue plume) may indicate for the first time the presence of a young stellar
population, with ages of the order of 0.5 Gyr, in our M32 field. However, it is
likely that the brighter stars of this blue plume belong to the disk of M31 rather
than to M32. The fainter stars populating the blue plume indicate the presence of
stars not younger than 1 Gyr and/or blue straggler stars in M32. The CMD of M32
displays a wide color distribution of red giant branch stars indicating an intrinsic
spread in metallicity with a peak at [Fe/H] ∼ −0.2. There is not a noticeable
presence of blue horizontal branch stars, suggesting that an ancient population
with [Fe/H] < −1.3 does not significantly contribute to the light or mass of M32 in
our observed fields. M32’s dominant population of 8–10 Gyr implies a formation
redshift of 1 . zf . 2, precisely when observations of the specific star formation
rates and models of “downsizing” imply galaxies of M32’s mass ought to be forming
their stars. Our CMD therefore provides a “ground-truth” of downsizing scenarios
at z = 0.

Our background field data represent the deepest optical observations yet of the
inner disk and bulge of M31. Its CMD exhibits a broad color spread of red giant
stars indicative of its metallicity range with a peak at [Fe/H] ∼ −0.4 dex, slightly
more metal-poor than M32 in our fields. The observed blue plume consists of stars
as young as 0.3 Gyr, in agreement with previous works on the disk of M31. The
detection of bright AGB stars reveals the presence of intermediate-age population
in M31, which is however less significant than that in M32 at our field’s location.

2.1 Introduction

Elliptical galaxies contain the oldest stars in the Universe, and the study of their
composition provides a means of studying the evolution of the Universe to large
look-back times. Moreover, they represent at least 50% of the total stellar mass
in the local Universe (Schechter & Dressler 1987; Gallazzi et al. 2008). Under-
standing their formation and evolution is crucial to understand galaxy formation
and evolution in general.

The study of the resolved stellar content in galaxies is a key tool to reach this
goal. Stars have the imprint of evolutionary parameters such as age and metallicity
and thus provide a fossil record of the star formation history (SFH) and evolution
of a galaxy. We can derive the complete SFH of a galaxy by means of deep and
accurate color-magnitude diagrams (CMDs), given that the most direct information
about any stellar population comes from applying stellar evolution theory to CMDs.
Specifically, the direct observation of the oldest galaxy’s main-sequence turnoff
(MSTO) is necessary for an accurate determination of its age and thus its SFH.
Thanks to the capabilities of the Hubble Space Telescope (HST), launched in 1990,
stellar populations in spirals and dwarf galaxies in the Local Group can now be
resolved with great accuracy, allowing a precise determination of complete SFHs
with an age resolution of ∼ 1 Gyr for ages larger than 10 Gyr (see e.g., Brown et al.
2006; Barker et al. 2007; Monelli et al. 2010). Unfortunately, the large distances
to giant ellipticals, in combination with their high surface brightnesses, prevents
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detection of their intrinsically fainter individual stars, limiting knowledge about
their stellar populations (although there have been studies of the resolved giants
near the tip of the red giant branch in nearby ellipticals: see, e.g., Sakai et al.
1997; Harris et al. 1999; Gregg et al. 2004; Rejkuba et al. 2005). As a consequence,
most elliptical galaxies can only be studied by the spectra of their integrated light
which possess contributions from all their stars, having a range of metallicities
and ages. This makes the unambiguous disentanglement of the age and metallicity
of a stellar population difficult, especially in old populations such as those that
dominate the masses of elliptical galaxies. Stellar population models have been
developed to derive SFH of ellipticals (e.g. Worthey 1994; Rose 1994) based on
moderate-resolution spectra (e.g. González 1993; Coelho et al. 2009). These models
have become very sophisticated in disentangling the non-trivial age and metallicity
degeneracy. However, they still suffer several uncertainties and there is a pressing
need for them to be tested with direct observations of stars in an elliptical galaxy.

2.1.1 M32: A window on the stellar populations of elliptical
galaxies

The Local Group galaxy Messier 32 (M32) is a small satellite of M31 and the nearest
elliptical galaxy. It is classified as a compact elliptical (cE) galaxy, cE2, due to its
low luminosity, compactness and high surface brightness (Bender et al. 1992). M32
is the prototype of this class of ellipticals, consisting of ∼ 20 galaxies known so far
(Davidge 1991; Ziegler & Bender 1998; Chilingarian et al. 2009), the so-called M32-
like galaxies. Despite the fact that M32 has been extensively observed and studied,
its SFH and therefore its origins are still a matter of debate. The proposed models
for M32’s origins span a wide range of hypotheses: from a true elliptical galaxy at
the lower extreme of the mass sequence (e.g., Faber 1973; Nieto & Prugniel 1987;
Kormendy et al. 2009) to an early-type spiral galaxy whose concentrated bulge,
unlike its disk, still survives to the tidal stripping process caused by its interactions
with M31 (e.g., Bekki et al. 2001; Chilingarian et al. 2009).

Nevertheless, M32 is today an elliptical galaxy and the nearest system that has
properties very similar to the giant ellipticals: it falls at the lower luminosity end
of all of the structural and spectroscopy scaling relations of giant ellipticals: the
Faber–Jackson relation (e.g., Faber & Jackson 1976), the Kormendy relation (e.g.,
Kormendy 1985), the mass–age–metallicity and [α/Fe]–mass relationships (Trager
et al. 2000a), and the Mg–σ relation and the Fundamental Plane of early-type galax-
ies (e.g., Bender et al. 1992). More recently, Kormendy et al. (2009) find that
both central and global parameter correlations from recent accurate photometry of
galaxies in the Virgo cluster place M32 as a normal, low-luminosity elliptical galaxy
in all regards*.

* Graham (2002) has claimed that M32 has a disk, based on the ability to fit its brightness profile
as a bulge plus exponential disk. The location of our field F1 would correspond to a region where
both the disk and bulge should equally contribute to the light under this model. However, his bulge
plus disk fit is not a unique decomposition. Kormendy et al. (2009) fit a Sersic profile to the SB of
M32 with n = 2.8, which places M32 at the low-luminosity end of normal ellipticals. They interpret
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Given its proximity, M32 provides a unique window on the stellar composition of
elliptical galaxies, since it can be studied by both its integrated spectrum and the
photometry of its resolved stars. While we note that the SFH of a low luminosity
elliptical such as M32 (reff ≈ 40′′, Choi et al. 2002; Kormendy et al. 2009) may differ
from those of giant ellipticals, it is a fact that in general models applied to giant
ellipticals reach the same conclusions as those applied to M32 (e.g., Worthey 1998).
M32 is therefore a vital laboratory to test the applicability of the stellar population
models to more distant galaxies.

2.1.2 Integrated light studies of M32

From spectroscopic studies, one of the most important results of synthetic popula-
tion models was found by O’Connell (1980): models fail to reproduce M32 with a
single old-age and solar-metallicity population. Various synthetic population mod-
els have claimed that M32 underwent a period of significant star formation in the
recent past, i.e. about 5–8 Gyr ago, (e.g., O’Connell 1980; Pickles 1985; Bica et al.
1990) based on the presence of enhanced Hβ absorption in the integrated spec-
trum of M32, and thus indicate signatures of an intermediate luminosity-weighted
age population (e.g., Rose 1994; Trager et al. 2000a; Worthey 2004; Schiavon et al.
2004; Rose et al. 2005; Coelho et al. 2009). Rose et al. (2005) studied the nu-
clear spectrum of M32 and found radial gradients in both the age and metallicity
of the luminosity-weighted mean stellar population of M32: the population at 1 reff

is ∼ 3 Gyr older and more metal poor by ∼ −0.25 dex than the central population,
which has a luminosity-weighted age of ∼ 4 Gyr and [Fe/H] ∼ 0.0. Extrapolation
of the spatially resolved spectroscopy of González (1993) results in an average age
and metallicity of M32 at 1′ from its center of 8 Gyr old and [Fe/H] ∼ −0.25 (Trager
et al. 2000a). This is consistent with a more recent estimate by Worthey (2004) who
found the age of M32 at 1′ to be 10 Gyr old. The most recent results from stellar
population models are given by Coelho et al. (2009) who observed high signal-to-
noise spectra at three different radii, from the nucleus of M32 out to ∼ 2′ from the
center of M32. They propose that an ancient and intermediate-age population are
both present in M32 and that the contribution from the intermediate-age popula-
tion is larger at the nuclear region. They claim that a young population is present at
all radii (see also e.g., Trager et al. 2000a; Rose 1985, 1994; Schiavon et al. 2004),
but its origin is unclear. Moreover, the determination of ages in integrated spec-
tra is a difficult problem, as extended horizontal branch morphologies and/or blue
stragglers, unaccounted for in the models, can mimic younger ages (e.g., Burstein
et al. 1984; Rose 1985; de Freitas Pacheco & Barbuy 1995; Maraston & Thomas
2000; Trager et al. 2005). Thus, lacking any direct evidence for such a young pop-
ulation (ages < 1 Gyr), and due to the uncertainties in the synthesis models, these
results should be considered with some caution.

the light in the center of M32 that was not fit by their Sersic profile (which was also not fit by
Graham) as a signature of formation in dissipative mergers. Extra central light is a general feature
of coreless galaxies and is observed in all the other low-luminosity ellipticals of Kormendy et al.’s
sample.
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2.1.3 Resolved stars studies of M32

On the other hand, photometric studies of resolved stars have supported the exis-
tence of an intermediate-age population (e.g. Freedman 1992a; Davidge & Jensen
2007) by detecting AGB stars suggestive of a ∼ 3 Gyr old population. However, ob-
servations by Davidge & Jensen (2007), obtained with the NIRI imager on the Gem-
ini North telescope, do not support spectroscopic studies that find an age gradient
in M32, since they suggest that the AGB stars and their progenitors are smoothly
mixed throughout the main body of the galaxy. In Brown et al. (2000, 2008), using
ultraviolet observations of the center of M32, and in Chapter 4 of this thesis, using
the ACS/HRC data presented here, evidence of an ancient, metal-poor population
have been found by observing blue horizontal branch and RR Lyrae stars, respec-
tively. Worthey et al. (2004), using optical observations obtained with the Wide
Field Planetary Camera 2 (WFPC2) on board HST and presented by Alonso-García
et al. (2004), studied the stellar populations of the outer regions of M32 and M31
and found that there is no trace of a main sequence younger than ∼ 1 Gyr in M32 at
a region 7reff from its center. The most extensive study of the resolved stellar pop-
ulations of M32 has been carried out by Grillmair et al. (1996, hereafter G96), who
resolved individual stars down to slightly below the level of the HB with the HST
WFPC2 in a region of 1–2′ from the center of the galaxy. Their most important result
is the composite nature of the CMD of M32. They concluded that the wide spread
in color of the giant stars in their CMD cannot be explained only by a spread in
age but rather by a wide spread in metallicity. However, given the age–metallicity
degeneracy on the giant branch, there may well be a mixture of ages present in
their field, but age effects are less important than metallicity on the giant branch
morphology. For an assumed age of 8.5 Gyr old, the metallicity distribution func-
tion has a peak at [Fe/H] ∼ −0.25, consistent with the extrapolation made from the
spatially resolved spectroscopy of González (1993). The spread in metallicity found
by G96 ranges from roughly solar to below −1 dex. This study, as well as those by
Brown et al., Alonso-Garcia et al. and Worthey et al., concluded that the metal-poor
population is insignificant, contrary to the results of Coelho et al. (2009). Finally,
a young population of . 1 Gyr claimed by several population models to be present
in the spectrum of M32 has not been seen by any of the observations of resolved
stars. Overall, the photometric studies carried out so far only obtained information
from the brighter stars of M32, i.e., the upper CMD. These studies were prevented
from observing fainter stars by the extreme crowding of M32. Since upper giant-
branch tracks are degenerate in age and metallicity, much like integrated colors
and metallic lines, it is not possible to derive an age from the upper CMD alone.

The only way to derive the SFH of M32 and test conclusions so far based solely
on integrated colors and spectral indices is to obtain deep CMDs that reach the
MSTO of M32. Measuring the position of the blue turnoff stars with accurate pho-
tometry is the only evidence to test the ages inferred from population synthesis
models. A deep CMD and luminosity function of M32 can be used as the basis for
spectral synthesis studies. An agreement between observed and synthetic indices
for M32 would confirm such indices as simple diagnostic tools for constraining
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stellar populations in integrated light of other elliptical galaxies, for which only
the integrated light is available, given their greater distances. Moreover the CMD
allows for the study of spreads about mean properties in a way that is currently im-
possible with integrated light. These spreads are as important as the mean values
in decoding the SFH of the galaxy.

In order to further investigate the stellar content of M32, and with the primary
goal of deriving a complete SFH of this enigmatic galaxy, we were awarded 64
orbits of the HST to observe the MSTO of M32 with the High-Resolution Channel
(HRC) at the Advanced Camera for Surveys (ACS). The proximity of M32, combined
with the high resolution of HST ACS/HRC allows for a remarkable improvement in
our study of its stellar content. In this Chapter, we introduce our new observations
and present the deepest optical CMD so far obtained. The CMD presented here
reaches more than 2 magnitudes fainter than the previous optical CMD by G96 and
fully resolves the red giant branch (RGB) and the asymptotic giant branch (AGB).
We report the discovery of a blue plume (BP), consisting of young stars and/or blue
straggler stars, not claimed to have been observed before. We also detect for the
first time in M32 a RGB bump and an AGB bump. By analyzing our CMD we have
achieved the most comprehensive photometric study of the resolved stellar content
of M32.

The Chapter is organized as follows. Section 2.2 describes our observations and
the reduction of the data. The photometry performed and the extensive study of
completeness and crowding of the data are presented in Section 2.3. Section 2.4
presents the decontamination of the M32 field from the light contribution by M31.
The analysis of the CMD of M32 and its luminosity function is presented in Sec-
tion 2.5. We derive the distance to M32 and M31 is Section 2.6. In Section 2.7 we
analyze the M31 stellar populations in our background field. We summarize our
findings in Section 2.8.

2.2 Observations and Data reduction

2.2.1 Field Selection and Observational Strategy

We obtained deepB and V -band imaging of two fields near M32 using the ACS/HRC
instrument on board HST during Cycle 14 (Program GO-10572, PI: Lauer). The ACS
F435W (B) and F555W (V ) filters were selected to optimize detection of MSTO
stars over the redder and more luminous stars of the giant branch. M32 is very
compact and is projected against the disk of M31. The major challenge was to se-
lect a field that represented the best compromise between the extreme crowding
in M32, which would drive the field to be placed as far away from the center of the
galaxy as possible, versus maximizing the contrast of M32 against the M31 back-
ground populations, which would push the field back towards the central, bright
portions of M32. Following these constraints, the M32 HRC field (designated F1)
was centered on a location 110′′ south (the anti-M31 direction) of the M32 nucleus,
roughly on the major axis of the galaxy. The V -band surface brightness of M32 near
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Table 2.1: Log of observations

Field αJ2000.0 δJ2000.0 Filter Exposure time Date FWHM
(sec) (′′)

F1 00 42 47.63 +40 50 27.40 F435W 16×(1279 + 1320) Sept 20–22, 2005 0.04
F1 00 42 47.63 +40 50 27.40 F555W 16×(1279 + 1320) Sept 22–24, 2005 0.05
F2 00 43 07.89 +40 54 14.50 F435W 16×(1279 + 1320) Feb 6–8, 2006 0.04
F2 00 43 07.89 +40 54 14.50 F555W 16×(1279 + 1320) Feb 9–12, 2006 0.05

the center of the field is µV ≈ 21.9 (Kormendy et al. 2009). M32 quickly becomes
too crowded to resolve faint stars at radii closer to the center, while the galaxy
rapidly falls below the M31 background at larger radii.

Even at the location of F1, M31 contributes ∼ 1/3 of the total light with inner
disk and bulge stars (K. Howley, private comm.), thus it was critical to obtain a
background field, F2, at the same isophotal level in M31 (µV ≈ 22.7) to allow for
the strong M31 contamination to be subtracted from the analysis of the M32 stellar
population. F2, which also contains both inner disk and bulge M31 stars (K. Howley,
private comm.), was located 327′′ from the M32 nucleus at position angle 65◦. At
this angular distance M32 has an ellipticity of ε ≈ 0.25 (Choi et al. 2002) and F2
is nearly aligned with M32’s minor axis. Thus the implied semi-major axis of the
M32 isophote that passes through F2 is 435′′, significantly larger than the nominal
angular separation. The estimated M32 surface brightness at F2 is µV ≈ 27.5,

based on a modest extrapolation of the B-band surface photometry of Choi et al.
(2002) and an assumed color of B − V ≈ 0.9. The contribution of M32 to F2 thus
falls by a factor of ∼ 180 relative to its surface brightness at F1. While one might
have been tempted to move F2 even further away from F1, it clearly serves as
an adequate background at the location selected, while uncertainties in the M31
background would increase at larger angular offsets. The locations of both fields
are shown in Figure 2.1.

Detection of the MSTO required deep exposures at F1. Accurate treatment of
the background required equally deep exposures to be obtained in F2. A summary
of the observations is shown in in Table 2.1; briefly, each field was observed for 16
orbits in each of the F435W and F555W filters for a total program of 64 orbits.

At B, and even V , HRC undersamples the PSF, despite its exceptionally fine
pixel scale. All of the images were obtained in a 0.5 × 0.5 sub-pixel square dither
pattern to obtain Nyquist sampling in the complete data set. In detail, the sub-
pixel dither pattern was executed across each pair of orbits, with each orbit split
into two sub-exposures. The telescope was then offset by 0′′.125 steps between
the orbit pairs in a “square-spiral” dither pattern of maximum extent ±5 pixels to
minimize the effects of “hot pixels,” bad columns, and any other fixed-defects in the
CCD, on the photometry at any location. The data for each filter/field combination
thus comprises 8 slightly different pointings, with Nyquist-sampling obtained at
each location.

In addition to the HRC images, parallel observations were obtained with the
ACS/WFC channel using the F606W filter (broad V ). Those images have been
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Figure 2.1: Location of our two HST ACS/HRC pointings: M32 (F1) field and
M31 background (F2) field, both indicated as small boxes. Each field covers a
region of 26× 29 arcsec2 on the sky. The field F1 is located at 110′′ from the nucleus
of M32 and represents the best compromise between minimizing image crowding
and contamination from M31. The F2 field is at the same isophotal level in M31
corresponding to the location of the F1 field. Thirty-two exposures in each of the
F435W (B) and F555W (V ) filters were taken for each field. The location of fields
F3, F4, F5 and F6 is also shown. They are archival HST/WFPC2 fields near M32
that were analyzed in the Appendix to investigate the presence of a “blue plume”.
Information about these observations can be found in Table 2.6. North is up and
East is to the left.

analyzed by Sarajedini et al. (2009), who find 324 and 357 RR Lyrae variables stars
in the parallel fields associated with F1 and F2, respectively.

2.2.2 Image Reduction, Stacking, and Upsampling

As outlined above, the data set for each of the four filter/field combinations com-
prises 32 exposures with non-redundant pointings. The images were combined in
an iterative procedure designed to detect and repair cosmic-ray events, hot pixels,
and other defects, with a Nyquist-sampled summed image as the final product.

The first reduction step was to interlace the four images at each position within
the larger square-spiral dither pattern into a rough Nyquist image at that position.
In practice, the sub-pixel dithers were accurate to < 0′′.01, so a simple interlace
worked reasonably well for the initial reduction. For this first step, cosmic rays in
one of the four images could be repaired by interpolation among the three remain-
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ing frames. The resulting eight Nyquist images were then shifted to a common
centroid using sinc-interpolation (which does not smooth the data), and added to
produce an initial stack. At this point the stack still contained artifacts from coin-
cident cosmic-ray events within each of the eight subgroups, as well as hot pixels;
although both types of artifacts are reduced in amplitude by the averaging implicit
in the larger dither pattern.

The second reduction cycle used the initial Nyquist summed-image to then re-
identify and repair cosmic-ray hits in each of the 32 raw images. Hot pixels were
also identified and repaired at this stage by finding coincident events in detector,
rather than celestial, coordinates. At this point a higher quality Nyquist summed-
image was generated by combining all 32 images (trimmed to their common area)
using the Fourier algorithm of Lauer (1999). This algorithm produces a summed
image with double the native HRC pixel scale, by combining the images in the
Fourier domain to eliminate aliased power from the under-sampled source images.
The algorithm has no adjustable parameters, approximations, and so on, and im-
portant for the present application, induces no smoothing or degradation of the
PSF.

The final reduction cycle was just to repeat the second cycle, but using the out-
put from the second cycle as the input for the detection and repair of cosmic-ray
events and hot pixels. The final summed image is thus essentially free of arti-
facts. As it eliminates the undersampling in the HRC, which provides the finest
pixel scale of all HST instruments to begin with, it represents one of the highest-
resolution images obtained with the observatory, given the blue-bands selected for
the observations.

The final image still contains the geometric field distortion inherent to the HRC.
Since the image is Nyquist-sampled, it can be rectified using sinc-interpolation,
given the STScI two-dimensional polynomial representations of the distortion, with-
out incurring degradation of the PSF. The required correction can be done by mul-
tiplying the image by the appropriate pixel area map (PAM). We construct a PAM
image* for the HRC which has a size of 2048×2048 pixels, as this is the size of each
combined image. The PAM is expressed in units of the pixel scale corresponding to
our combined image, i.e., half of the native HRC scale, and it has an approximate
value of ∼ 1.12 near the image center. We correct each combined image as follows:

CORRECTEDflux = COMBINEDflux × PAM (2.1)

The combined images of F1 and F2 fields used for analysis thus have a pixel
scale of 0′′.0125 and a resolution of ∼ 0′′.05 for point sources. They are shown in
the top (F1) and bottom (F2) panels of Figure 2.2, in the F555W filter, from which
the strong crowding in these fields is clearly seen. There is however a difference
between the stellar density in F1 and F2, as the crowding is more severe in F1 than
in F2. The arrow in the top panel indicates the direction towards the center of M32.

* We have downloaded the script example as well as the coefficients files which are needed for the
PAM image construction from the web page http://www.stsci.edu/hst/acs/analysis/PAMS. We
have executed the script in IRAF.

 http://www.stsci.edu/hst/acs/analysis/PAMS
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Figure 2.2: Combined images of the 32 F555W exposures in the F1 (top panel)
and F2 (bottom panel) fields displayed with the same linear stretch. Each image
has a size of 2048×2048 pixels with a 0′′.0125 pixel scale. There is a clear difference
in stellar density between the images. This difference indicates that the crowding
is more severe in F1 than in F2 field. We also note a stellar density gradient in the
F1 image, becoming higher when approaching the center of M32, whose direction
is indicated by the arrow in the top panel. The long white spot in the top center of
each image is the occulting finger of the ACS/HRC coronagraph.
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2.3 Photometry

The traditional method for extracting stellar photometry in crowded fields uses
standard stellar photometry packages, e.g. DAOPHOT II (Stetson 1987), which
are specifically designed for this problem. This approach is favored over direct
deconvolution of the PSF from the images, as HST images in general are under-
sampled, and deconvolution treats the artifacts due to aliasing as genuine sources
(see Holtzman et al. 1991), resulting in large photometric errors. In the present
case, however, the Nyquist-sampled and high-S/N summed images are free from
artifacts. This motivated a re-examination of using general-purpose PSF deconvo-
lution to mitigate the extreme crowding in the images, which we did in parallel to
reducing the images with DAOPHOT II. To our delight, the deconvolved photometry
is superior to that done with DAOPHOT, a conclusion based both on the sharpness
of features in the CMDs derived from the images and extensive artificial star tests.
We present derivation of stellar photometry using both methods in this section,
showing why we decide in the end to solely use the deconvolved photometry for
the analysis of the CMD.

2.3.1 DECONVOLVED IMAGE photometry

The final summed images of F1 and F2 were deconvolved using the Lucy-Richardson
algorithm (Lucy 1974; Richardson 1972). The PSFs for the F435W and F555W im-
ages were constructed interactively and iteratively by summing the brightest rela-
tively isolated stars in the images to produce ad hoc PSFs, which were then used
to clean out the fainter stars in the wings of the PSF stars, resulting in improved
PSFs, which were then used to refine the PSFs further. In all steps of the process,
sinc-function interpolation was used to shift the PSFs and their component stars as
needed.

The Lucy-Richardson algorithm works iteratively, quickly removing the “wings”
of the PSFs, but taking considerably longer to enhance structure on the scale of the
central diffraction cores. In the present case, we used 640 iterations on the F555W

images and 160 iterations on the F435W images. This heavy level of deconvolution
nearly transforms the images into a set of delta functions, but in doing so serves
to split closely blended stars; pairs of stars as close as ∼ 0′′.03 were separated.
Due to its higher S/N, stars were identified in the F555W , while the F435W image
provided fluxes at the position of the identified stars. Stars were identified by a
simple peak-finding algorithm. We had no formally-derived criterion for the thresh-
old used to identify peaks. Instead, we examined faint sources in relatively isolated
regions and adopted a single threshold for a given image that roughly separated
what appeared to be real stars from noise fluctuations. In practice, the real depth
of the photometry was established by the artificial star tests (ASTs) described after
this section. We measured the stellar fluxes as follows. After the central pixel of
the source was identified in the F555W deconvolved image, we summed the counts
within a 3×3-pixel box centered at this position. The positions of the stars identified
in the F555W deconvolved image are used to find the stars in the F435W decon-
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volved image. We measured the fluxes in the F435W deconvolved in the same way,
summing the counts within a 3× 3-pixel box around the central pixel of the source
in the F435W deconvolved image. All these steps were performed using algorithms
running in the XVISTA package*. The catalog of each field was cleaned of stars lo-
cated in the borders, and in the occulting finger of the image. The final number of
stars obtained with the deconvolution process is indicated in Table 2.2.

The deconvolved magnitudes needed to be corrected for a small non-linearity
in the deconvolved flux. This is due to the fact that the fraction of flux in the box
defined to measure the flux varies slightly with flux. We generated a correction
table from simulated deconvolutions on a constant-sky level image. Stars were
injected with appropriate Poisson noise as a function of flux. For each 0.2 step in
magnitude we generated 16 stars per simulation and recover them performing the
deconvolution in the same way as was done with the real stars. The correction is
rather small (less than 0.1 mag) and only affects the magnitudes of some of the
stars. Stars at both the brighter and fainter end are not affected by this small
non-linearity.

In order to transform the instrumental magnitudes of the stars into apparent
magnitudes, they need to be corrected for two effects that reduce the measured
stellar flux: charge transfer efficiency (CTE) and aperture correction.

Charge Transfer Efficiency (CTE): Charge lost due to imperfect electron trans-
fers from pixel to pixel and then to the readout amplifier degrades the photometry.
Due to the gradual degradation of ACS after its installation in 2002, the effects of
CTE are noticeable. The correction needed for ACS/HRC is given in the ACS Data
Handbook:

∆mag = 10A × SKYB × FLUXC × Y

2000
× (MJD− 52333)

365
(2.2)

where A = −0.44± 0.05, B = −0.15± 0.02 and C = −0.36± 0.01 are the most recent
coefficients (Chiaberge et al. 2009). In this formula, SKY is the sky level in electrons
measured near the star, FLUX is the flux of the star in electrons, Y is the number
of transfers which, when the default amplifier C has been used for readout as in
our case, is simply the y coordinate of the star. Finally, the images used to obtain
the stellar magnitudes are constructed using images with very similar exposure
times. Therefore, the SKY and FLUX values in the formula should be divided by the
number of images used. The ∆mag for each star is subtracted from its measured
magnitude. Values of ∆mag vary from 0.001 to 0.1.

Aperture Correction: The PSFs used for the deconvolution have limited extent
stellar wings in order to avoid as much as possible the contamination by neigh-
boring stars. Hence, the contribution of the flux in the large extent of the stellar
wings needs to be added to the measured magnitudes. The standard procedure to
perform this correction consists of obtaining the flux for a small number of bright
and isolated stars within a 0′′.5 aperture radius, after all resolved stars – except
those to be measured – have been removed. The median value of the differences

* http://ganymede.nmsu.edu/holtz/xvista/

http://ganymede.nmsu.edu/holtz/xvista/
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between the magnitudes obtained from this flux and the one measured is the aper-
ture correction (Stetson & Harris 1988). This correction is then applied to all of
the star magnitudes. After this step, the correction from 0′′.5 to “infinite” is made
using the tables in Sirianni et al. (2005). In our case, such bright and isolated stars
are unavailable because the field is so crowded. Moreover, even if we could find
some bright isolated stars, we would need to subtract an enormous number of stars
from the image. The residuals from the PSF-fitting of all those subtracted stars will
remain, adding fluctuations to the image and therefore significant errors to the
photometric measurements. For these reasons we have decided to use the encir-
cled energies (EE) which have been tabulated by Sirianni et al. (2005) and provide
the fraction of the total source count as a function of the aperture radius, instead
of the usual method. At each PSF radius, we calculate the fraction of flux that is
missing and add this to the magnitudes. These values differ in each filter band and
they are listed in Table 2.2 as well as the PSF radius used for the deconvolution,
for each filter/field combination. We are aware that the aperture corrections cal-
culated with the EE should only be applied to the photometric data for aperture
radii larger than 10 pixels in the original HRC image, and therefore 20 pixels in our
combined images. This was only the case for one of the PSFs we have obtained.
However, due to the issues explained above, we have no other way to correct by
aperture correction without introducing significant errors.

Finally, if λ is the bandpass in the ACS/HRC system, the apparent magnitudes
map are transformed into the VEGAmag system using the zero points 36.73 and
36.80 for F435W and F555W respectively, which were obtained as follows:

ZP(λ) = 2.5 log[texp(λ)] + ZPVEGAmag(λ) (2.3)

The values for ZPVEGAmag(λ) are 25.19 and 25.26 for F435W and F555W respec-
tively*.

2.3.2 DAOPHOT photometry

We also performed stellar photometry with the standard DAOPHOT II and ALLSTAR
packages (Stetson 1987, 1994) to compare with the photometry obtained from de-
convolved images.

We first built a PSF for each combined image from bright and as isolated as
possible stars in each field of view (FoV). This was done iteratively using the PSF
routine of DAOPHOT II. The number of stars that finally remain to construct the
PSF is about 50 per image. After testing various PSF models, we adopted a “Penny”
function (a sum of a Gaussian and a Lorentz function) as the best analytical model
for all the images, according to the Chi value calculated by the PSF routine. We
adopted a PSF that varies quadratically with position.

We performed PSF-fitting photometry on the images using ALLSTAR. The pro-
cedure was applied to a list of star candidates obtained from a DAOPHOT routine,

* http://www.stsci.edu/hst/acs/analysis/zeropoints

http://www.stsci.edu/hst/acs/analysis/zeropoints
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Table 2.2: Detections

Detectionsa RF435W
PSF

b RF555W
PSF

b ACF435W
c ACF555W

c

Deconvolution

F1 58,143 5 5 −0.25 −0.22

F2 27,963 6 16 −0.22 −0.10

DAOPHOT II

F1 50,583 6 6 −0.22 −0.21

F2 19,780 6 6 −0.22 −0.21

Notes.
a Final number of stars detected and used to derive the CMDs.
b PSF radius in HRC original pixels.
c Aperture correction.

from which concentric aperture photometry was performed to obtain crude appar-
ent magnitude estimates and sky determination for all the objects found. Due to
the severe crowding, the procedure of finding star-like objects, concentric aperture
photometry and profile-fitting photometry was performed 3 times in order to both
find the faint stars and improve the photometry on the bright stars. After this pro-
cedure we had four ALLSTAR output lists, one for each filter on each field, from
which we retain only the objects having statistically good photometry. We made
use of the Chi value, sharpness index, and magnitude errors given by ALLSTAR to
eliminate possible false photometric detections, e.g. background galaxies, unrec-
ognized blends or cosmic rays. An extra step was performed and we cleaned each
list of stars located both at the edge of the image, i.e. those stars having image co-
ordinates X or Y either < 23 or > 2023, and in the occulting finger of the ACS/HRC
CCD, for which the magnitudes were poorly determined.

We then used the DAOMATCH and DAOMASTER algorithms (Stetson 1994) to
correlate the output list from the F435W filter with the output list from the F555W

filter. This created a combined star catalog. An object was considered to be a star
if it is found in both filters (F435W and F555W ) within a distance of 2 pixels. The
final number of stars that we obtained for each field is listed in Table 2.2.

The last step consisted of applying the CTE and aperture corrections to obtain
the apparent magnitudes in the VEGAmag system. This was done in exactly the
same way explained in the above section. The PSF radius as well as the aperture
correction values used for this photometry are indicated in Table 2.2 for each fil-
ter/field combination.

2.3.3 Comparison of the two photometric methods

To compare the two photometric lists, we first directly examine the CMD obtained
from the deconvolved images with that obtained from the photometry performed
using DAOPHOT. Figure 2.3 shows the deconvolved (left panel) and DAOPHOT
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(right panel) CMDs obtained for field F1. The same but for F2 is shown in Fig-
ure 2.4. We see that the deconvolved CMDs look better, as they produce no-
tably clearer features at all luminosities. All of the features described in Section
5 are much sharper and better defined, and the outliers to the red of the RGB
(F435W − F555W > 1.5, F555W = 25–27.5) are greatly reduced. In addition, a
visual inspection of the subtracted images reveals that deconvolution does a con-
siderably better job in resolving blended stars. Furthermore, we compared the
results given by the ASTs (see Section 2.3.4 for a detailed description) using de-
convolved images with that obtained using DAOPHOT. Figure 2.5 shows, in the top
panel, the differences between the recovered and injected magnitudes obtained
using deconvolved images (red dots) and DAOPHOT photometry (black dots), as
a function of the injected magnitudes. The bottom panel shows the mean error
of these differences as a function of injected magnitudes. For clarity, only the re-
sults of the same 10 ASTs (i.e. 20,000 injected stars analyzed) are shown. We can
see that there is much more scatter in the DAOPHOT-recovered magnitudes at all
magnitude levels; this is especially clear at the bright end. As shown in the bot-
tom panel of Figure 2.5, the deconvolved photometry results in smaller errors than
DAOPHOT. All this indicates that the photometry performed on the deconvolved
images is superior to that obtained using DAOPHOT.

Finally, we have also compared the list of stars obtained from both methods
by cross-correlating them using DAOMATCH and DAOMASTER. The number of
matched stars between deconvolved and DAOPHOT photometry was ∼ 32, 000 for
field F1 and ∼ 17, 000 for field F2. Figure 2.6 shows the differences between the
apparent magnitudes in both photometric results as a function of the deconvolved
magnitudes. We find that there is an almost constant shift between the magnitudes
of the matched stars, especially in the F555W filter, such that the deconvolved pho-
tometry produces systematically brighter magnitudes. To investigate the cause of
this trend, we compare the PSFs used to deconvolve the images with the ones ob-
tained using DAOPHOT and we found that the DAOPHOT PSFs have small wings or
none at all. Due to the severe crowding in our fields, we could only generate reliable
PSFs with very small radii, using DAOPHOT, which are essentially devoid of wings*.
We therefore believe that the PSFs constructed to deconvolve the images are more
reliable and therefore so is the photometry based on the deconvolved images†.
Nevertheless, if we correct for the shifts in magnitudes, Figure 2.6 shows that both
photometric methods agree well for F555W < 27 and F435W < 27. However at
F555W > 27 and F435W > 27 the differences become significant. Looking at the
locations of stars at these faint magnitudes, it appears that most of the sources
are probably products of blends. Note that the detection limit in the deconvolved

* PSFs constructed with larger radii produced larger Chi values, given the large effects of neighbor-
ing stars on determination of the wings.

† We have also compared the deconvolved and DAOPHOT photometry with that obtained using
DOLPHOT (a version of HSTphot, Dolphin 2000, tailored to work on ACS images) on our individual
images. This comparison shows that, at the RC level, there is good agreement between DOLPHOT’s
magnitudes and those obtained with the deconvolved images. This suggests again that the photom-
etry obtained from deconvolved images is reliable. The photometry performed using DOLPHOT is
explained in Chapter 4 where it was used to search for RR Lyrae variable stars.
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Figure 2.3: (F435W − F555W , F555W ) CMDs of field F1 obtained from the de-
convolution (left-hand panel) and DAOPHOT (right-hand panel) photometry. They
contain 58,143 and 50,583 stars respectively, and are calibrated onto the VEGAmag
HST system. We can see that features in the deconvolved CMD are more clearly
delineated than in the DAOPHOT CMD, at all luminosities. All of the features de-
scribed in Section 2.5 are much sharper and better defined, e.g. the RGB and RC.
Moreover, the outliers to the red of the RGB (F435W −F555W > 1.5, F555W = 25–
27.5) are greatly reduced in the deconvolved CMD when compared with DAOPHOT.
We therefore only use the deconvolved CMD for further analysis. See text for more
details.
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Figure 2.4: Same as Figure 2.3 but for field F2.
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Figure 2.5: Comparison of 10
ASTs results from deconvolved im-
ages (red dots) and DAOPHOT pho-
tometry (black dots). Top panel: (re-
covered − injected) magnitudes as
a function of injected magnitudes.
Note the larger spread in the re-
covered DAOPHOT magnitudes com-
pared with the deconvolved magni-
tudes, especially at the bright end.
Bottom panel: Mean errors as a func-
tion of injected magnitudes. Errors
are greatly reduced in the decon-
volved photometry when compared
with DAOPHOT.

images is determined below to be at F555W ∼ 28.

Due to all the above reasons, we are convinced that deconvolution, which has
not been previously used to derive stellar photometry, gives remarkably better re-
sults than the standard photometric packages for these extremely crowded HST
images. We therefore use the CMDs and the list of stars from the deconvolved im-
ages for further analysis. Figure 2.7 shows the F1 (left panel) and F2 (right panel)
deconvolved error-based Hess diagrams with a logarithmic stretch, where the fea-
tures are better highlighted. The error-based Hess diagrams represent relative
density of stars weighted by their photometric errors as follows. Each star is rep-
resented by an elliptical gaussian with color and magnitude widths as a function
of its color and magnitude photometric errors given by the ASTs (see next sub-
section). The color-magnitude image containing all these elliptical gaussians has
been split into 600×600 bins. Note that the two CMDs show a surprisingly similar
morphology. We return to this point in Section 2.7.

2.3.4 Completeness tests and error analysis

When analyzing the data and before any detailed interpretation, it is necessary
to have a good understanding of the completeness of the CMD as a function of
both magnitude and color. The major source of incompleteness here is crowding,
which is the most important limitation to the analysis of rich stellar fields. The
well-known method of artificial stars (Stetson & Harris 1988) is the best way to
quantify its effects. Since the crowding effects are different for the F1 and the
F2 fields, due to the differences in stellar density (Figure 2.2), such ASTs need
to be carried out in each field separately to reach statistically significant results
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Figure 2.6: Difference between stars found using deconvolved images and the
ones found by DAOPHOT II as a function of the deconvolved apparent magni-
tudes. On the two top panels we show the differences in the F555W filter (left-
hand panel: F1, right-hand panel: F2) and on the two bottom panels we show the
same but in the F435W filter (left-hand panel: F1, right-hand panel: F2). Here
∆mag = magDECONVOLVED −magDAOPHOT. There is a constant shift between the
deconvolved and DAOPHOT magnitudes that we attribute to a difference in the
PSFs, considering deconvolution to be a more reliable method. Apart from the
shift, there is however a reasonable good agreement between the two photometric
methods for magnitudes . 27.5. The photometric results have little to do with each
other for fainter magnitudes (see text for more details). Magnitudes are calibrated
onto the VEGAmag photometric system.
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Figure 2.7: (F435W −F555W , F555W ) CMDs obtained from image deconvolution
of F1 (left panel) and F2 (right panel) in an error-based Hess representation with
a logarithmic stretch, where features are better highlighted. The error-based Hess
diagram represents relative density of stars weighted by their photometric errors.

for both. The generation of artificial stars was done following the prescriptions
introduced by Gallart et al. (1996) and using the IAC-STAR code (Aparicio & Gal-
lart 2004). This code generates synthetic CMDs by means of interpolation in the
metallicity and age grid of a library of stellar evolutionary tracks. This interpolation
results in a smooth distribution of stars following a given star formation rate, ini-
tial mass function and chemical enrichment law. In order to apply the AST method
it is important that the magnitudes and colors assigned to the artificial stars are
realistic, covering a range as wide as the populated one by the real stars to fully
sample the observed colors and magnitudes. It is important that the injected stars
have realistic colors to test for color effects. We generated a synthetic CMD of
500,000 artificial stars adopting a constant star formation rate with ages from 0
to 14 Gyr, and metallicities 0.0001 < Z < 0.04 uniformly distributed at all ages.
We have chosen a limiting magnitude for the synthetic stars of about two magni-
tudes fainter than the fainter stars observed in our CMD, to explore the possibility
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of recovering a very faint, unresolvable artificial star as if it were much brighter.
The synthetic CMDs given by IAC-STAR are expressed in a photometric magnitude
system different than the ACS/HRC photometric system. In particular we have cho-
sen the bolometric correction library from Origlia & Leitherer (2000), which has
magnitudes in the HST WFPC2 system. We therefore have transformed those mag-
nitudes into the ACS/HRC photometric system using the transformation given by
Sirianni et al. (2005). Since the artificial stars need to be injected into the images,
the synthetic CMD needs to be transformed to instrumental magnitudes. Hence we
have converted the absolute magnitudes given by the synthetic CMDs into apparent
magnitudes using a distance modulus of µ0 = 24.43 (Ajhar et al. 1996), a reddening
of E(B − V ) = 0.08 (Burstein & Heiles 1982), and an extinction of AF555W = 0.25

(Sirianni et al. 2005). We have then applied the photometric corrections in reverse
order to place the artificial stars onto the raw magnitude system. The artificial
stars are placed into the images with random pixel locations using the PHOTONS
routine in XVISTA. The number of artificial stars injected per experiment should
not be larger than about 5% of the real stars found in the images (see e.g. Grillmair
et al. 1996a; Fuentes-Carrera et al. 2008) to avoid a significant increase of the (al-
ready extreme) crowding in the images. We have used 2,000 artificial stars per AST.
Once the artificial stars are placed into the images, photometry was performed us-
ing deconvolved images as before, since it is the deconvolved photometry that we
use for the CMD analysis. The reduction of the original and artificial images must
be carried out identically for the comparison to be valid. A second requirement
for a valid AST is that the reductions should be performed without knowing which
stars in the synthetic frame are added and which are real. For each AST we obtain
a deconvolved photometry list as output file. Then, we append the file containing
the injected positions and magnitudes of the artificial stars to the output file from
the original photometry of real stars. Next we match this appended file with the
star list of the artificial image. This provides us with a list of recovered stars, i.e.,
injected stars that are paired with stars from the artificial stars subset. The match-
ing is done with DAOMATCH and DAOMASTER using the two star lists as two lists
to be matched. Stars within 1 pixel of radius distance are considered to be recov-
ered. This process has been repeated as many times as necessary in each image
in order to achieve a very large number of artificial stars analyzed and to recover
a number of stars similar to the one of real stars in the image. In this way, we can
statistically sample the whole CMD diagram, both in magnitude and color indices.
In total ∼ 5× 105 stars have been used to perform ∼ 250 ASTs on each image. The
procedure is applied to both filters of each field, i.e. F1 and F2.

A comparison between the number of injected and recovered artificial stars
provides information about the crowding effects on the photometry and gives us the
completeness level of our data. We define the completeness factor as the fraction
of recovered stars in a given color-magnitude bin as follows:

Λi,j =
Nrc
i,j

N in
i,j

(2.4)

whereNrc
i,j is the number of stars whose recovered color indexes and magnitudes lie
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Figure 2.8: Completeness fractions for fields F1 (left-hand panel ) and F2 (right-
hand panel ) as a function of apparent F555W magnitudes and (F435W − F555W )

colors. The values of the completeness fraction are determined for a given bin
i,j of magnitude i and color j, indicated by the color bar. For field F1 the 50%
completeness level is at F555W ∼ 28. In the F2 field the 50% completeness level is
at F555W ∼ 28.5, half a magnitude deeper, indicating a less-crowded field than F1.

in the i, j color magnitude bin, and N in
i,j is the number of stars whose injected color

indexes and magnitudes lie in the i, j color magnitude bin (Gallart et al. 1996). The
data were divided for this calculation into 20 bins in both magnitude and color. Fig-
ure 2.8 shows the completeness fractions obtained for both the F1 and F2 fields.
The color bar in these figures indicates the values of the completeness fraction
level, increasing from 0 to 1, where 1 represents 100% completeness. The mag-
nitudes in these figures are expressed in the VEGAmag system. The 50% com-
pleteness level for F1 is located at F555W ∼ 28 (F435W ∼ 28.5) independent of
color. Our completeness factor falls rapidly to zero below F555W ∼ 28, suggesting
a limiting magnitude F555Wlim ∼ 28. The 50% completeness level for F2 is half a
magnitude deeper, at F555W ∼ 28.5, indicating again that this field is slightly less
crowded.

The actual photometric errors are quantified as the difference in magnitude
between the recovered and injected stars, shown in Figure 2.9 for F1. In this fig-
ure the difference δmag = magrecovered −maginjected is plotted as a function of the
injected magnitudes in both F555W (left-hand panels) and F435W (right-hand pan-
els) filters. The completeness fractions as a function of magnitude are plotted in
the bottom panels of the same figure. The median of the magnitude differences
is negligible for magnitudes having more than 70% completeness. We see from
these figures that the magnitudes of some recovered stars differ significantly from
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Figure 2.9: Results from ASTs for field F1. (Recovered − Injected) F555W (left-
hand panel ) and F435W (right-hand panel ) as a function of the injected magnitudes
are shown in the top panels, where the mean photometric errors as a function of
magnitude are indicated. The median of these differences and the error of such
medians are illustrated as dashed curves and error bars, respectively. The 1-d
completeness fraction as a function of magnitude is given in the bottom panels
and it follows the theoretical color-magnitude locus of the M32 stars. Stars whose
recovered magnitudes differ significantly (|δmag| ≥ 1) from their input magnitudes
are products of blends and we do not consider them as recovered.

their input magnitudes, having significantly negative δmag < −1 (i.e. recovered
brighter). The appearance of aberrant stars coincides with the dramatic drop in
the completeness at F555W ∼ 28. These might be stars that were only detected
because they are located at noise spikes. We therefore do not consider stars with
magnitudes that lie below our 50% completeness level as recovered. Photometric
errors are defined for a given bin of magnitude i and color j as the errors in the
median of the magnitude differences in that bin. We show in Figure 2.10 the ampli-
tude of photometric errors throughout the theoretical CMD locus of the M32 stars.
Our photometry shows excellent accuracy for magnitudes F555W < 26.5 and the
mean errors in magnitude and color are ∼ 0.18 mag and ∼ 0.23 mag, respectively,
at the 50% completeness level.

We want to emphasize that a similar AST analysis was additionally reproduced
using DAOPHOT. As shown in Figure 2.5, we have obtained larger photometric er-



48 CHAPTER 2. THE DEEPEST HST CMD OF M32

−0.5 0 0.5 1 1.5

22

23

24

25

26

27

28

F435W−F555W

F
55

5W

Figure 2.10: Photometric color and magnitude errors for the CMD of M32, es-
timated from the ASTs. The errors are negligible (< 0.05 mag) for stars brighter
than F555W = 26 and start to become significant (> 0.1 mag) for stars fainter than
F555W ∼ 27.

rors with DAOPHOT photometry and much more scatter in recovered magnitudes.
Thus, the ASTs were also used to prove quantitatively that the deconvolved pho-
tometry is superior than DAOPHOT.

2.4 M32 field decontamination

2.4.1 M31 contamination

M31 is clearly the dominant source of contamination in our M32 field (F1). M32
lies at a projected distance of 5.3 kpc south of the center of M31 and therefore
contamination from its disk and bulge is significant. Moreover, at the position in
which the F1 field was taken, the closest possible to the center of M32 without
being overwhelmed by crowding effects, one third of the light is coming from M31.
To correct for this statistically, we have also obtained images of a comparison field
located at the same isophotal level within M31. As explained in previous sections,
those images were processed in the same way as the F1 images.

Since both fields are located at the same isophotal level in M31, correcting for
M31 stars would require that for each F2 star we subtract the closest one in color
and magnitude from the F1 star list. However, as we have already addressed in
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previous section, the crowding differs between the two fields. Image crowding is
more important for F1 than for F2 so there are different levels of completeness in
the images that should be taken into account. We therefore cannot simply subtract
the F2 stars from the F1 CMD in a “one-by-one” way. Instead, the number of
stars removed from F1 depends on the completeness fractions computed at F1 and
F2 fields (e.g., Gallart et al. 1996). Assuming that the population of M31 stars
is statistically the same in both the F1 and F2 fields, we corrected the F1 CMD as
follows: For each F2 star of magnitude i and color j an ellipse was defined in the F1
CMD centered at i, j and with semi axes erri and errj . The semi-axes correspond to
the magnitude and color photometric errors, estimated from the ASTs, affecting the
given region of the F1 CMD. We also consider the photometric errors in magnitude
and color affecting the corresponding region of the F2 CMD when generating the
semi-axes of the ellipse. For a given ellipse in the contaminated F1 CMD, a number
Fn of stars was subtracted randomly from the F1 list, where

Fn =
ΛF1
i,j

ΛF2
i,j

, (2.5)

and ΛF1
i,j and ΛF2

i,j are the corresponding completeness factors for F1 and F2 in the
i,j bin of the CMD (Gallart et al. 1996), as previously calculated. The closest integer
to Fn is chosen as the number of stars to be subtracted. If the number of stars in
a given ellipse is smaller than the number of stars expected to be removed, we
enlarge the semi-axes of the ellipse by a factor of two. The remaining stars are
deleted from this larger ellipse in order of proximity to the color and magnitude of
the F2 field star considered. This happens most often in regions of the CMD where
the density of stars is low. The advantage of this process (Gallart et al. 1996) is that
the region in magnitude and color from where the stars are removed varies along
the CMD, i.e. the interval in magnitude and colors from which stars are removed is
changing size depending on the photometric errors. Thus, brighter stars – the ones
with smaller photometric errors – are subtracted from a small region around the
field star in the CMD, whereas the fainter stars, and therefore the ones with larger
photometric errors, are allowed to be removed from a larger region of the F1 CMD
with a size controlled by the error.

We show in Figure 2.11 the F1 CMD decontaminated from the M31 background
stars. The 50% completeness level is also shown in this Figure. The number of
M32 stars remaining after this decontamination process is ∼ 26000 of the 58143
originally detected in F1 (Table 2.2).

2.4.2 Galactic foreground stars

Our field F1 is quite small, and the contamination by the Galactic foreground stars
is very small. We have however still estimated it from star count data. The Be-
sançon group model of stellar population synthesis of the Galaxy (Robin et al. 2003)
predicts the amount of stars in a given magnitude interval for a given location. This
model predicts 14 foreground Galactic stars in the range of V = 22 − 30 in our
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Figure 2.11: Left panel: CMD of M32, corrected for contamination by the M31
background stars. The different crowding levels between the F1 images and the
F2 images were taken into account to statistically perform the decontamination
(see text for more description). Right panel: Error-based Hess representation of
the decontaminated CMD of M32, where the features are better highlighted. To
construct this Hess diagram, the stars were replaced by elliptical gaussians with
color and magnitude photometric errors as color and magnitude gaussian widths,
respectively. The CMD was then divided into 600×600 bins. In both panels, the
dashed line indicates the 50% completeness level of our data. Apparent magnitudes
are calibrated onto the VEGAmag ACS/HRC system.

∼ 29 arcsec2 ACS/HRC field. This is of course negligible compared with the thou-
sands of stars we have obtained in our photometric catalog, and therefore we do
not consider foreground stars further in our analysis.

2.5 The Stellar Populations of M32

The CMD we have obtained is deep enough to allow a comprehensive study of the
stellar populations of M32, and we can gain some insights into them by comparing
our CMD with theoretical isochrones. In what follows we present the most detailed
resolved photometric study of M32 carried out so far. Figure 2.12 shows the CMD
of M32 with boxes highlighting features that reveal the different stellar popula-
tions. We see evidence for an intermediate-age and old population – ages between
2 and 10 Gyr – due to the presence of a strong red clump, an extended and bright
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Figure 2.12: Error-based Hess diagram for M32, corrected for contamination by
the M31 background stars. The boxes indicate various features that represent dif-
ferent stellar populations. MS: Main Sequence; BP: Blue Plume; SGB: Subgiant
branch; BHB: Blue Horizontal Branch; BL: Blue Loop; RC: Red Clump; RGBb: Red
Giant Branch bump; R-RGB: Red-Red Giant Branch; B-RGB: Blue-Red Giant Branch;
TRGB: Tip of the Red Giant Branch; AGB: Asymptotic Giant Branch; and AGBb:
Asymptotic Giant Branch bump. The dotted-dashed line indicates the 50% com-
pleteness level of our data. Magnitudes are calibrated onto the VEGAmag system.
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asymptotic giant branch, a prominent red giant branch, and the red giant branch
bump as well as the asymptotic giant branch bump. We also see possibly evidence
of a young population – ages younger than 2 Gyr – due to the presence of stars
occupying the blue plume producing an extended main sequence, blue loop stars,
and a possible bright subgiant branch. Evidence of an ancient – older than 10 Gyr
– population could be represented by blue horizontal branch stars together with a
well-populated red giant branch. Note that a well-defined blue horizontal branch
in our CMD is not present, but we have observed RR Lyrae stars in F1 (Chapter 4
of this thesis) and there are stars in the region where we would expect to see blue
horizontal branch stars. We emphasize here that all these features are above the
80% completeness level where the photometric errors are very small. Hence what
we see in the CMD at this level represents the intrinsic properties of the stars. Note
in Figure 2.12 that, although we have the highest resolution and deepest data for
M32 yet obtained, the severe crowding of our fields makes it impossible to reach
the oldest main-sequence turn-offs. This unfortunately will remain a challenge be-
yond existing telescopes and even near-future space-telescopes such as JWST.

In the following, we discuss the different stellar populations of M32 in detail.
We assume a distance modulus (DM) of µ0 = 24.53 (this Chapter, below), Galactic
reddening E(B−V ) = 0.08 (Burstein & Heiles 1982), and extinction AF555W = 0.25

(Sirianni et al. 2005). Note that we have only considered Galactic reddening, on
the assumption that M32 is dust-free. We note that no dust features are seen in
the surface photometry residual maps of the M32 center (Lauer et al. 1998) or en-
velope (Choi et al. 2002). In Chapter 4, we test for internal extinction in F1 and
F2 due to M31 and/or M32 by using the intrinsic properties of the RR Lyrae vari-
ables in the fields. We find that the mean reddening values obtained in both fields
agree within the errors and are further consistent with the assumed Galactic red-
dening. We also tested for differential extinction over the HRC field by comparing
the RGB colors of CMDs constructed at different quadrants of the image and found
no difference. We use theoretical isochrones from the Padova library (Marigo et al.
2008; Girardi et al. 2002, 2008) as they are available in the HST ACS/HRC photo-
metric system at different ages and metallicities. The metallicity in these models
assumes [M/H] = log(Z/Z�), Z� = 0.019, and [α/Fe] = 0. Although our photometry
could be transformed onto traditional magnitude systems (e.g., Johnson–Cousins)
for comparison to other theoretical isochrones, such transformations always intro-
duce significant systematic errors (Sirianni et al. 2005) and we prefer to stay as
much as possible in the original photometric system of the data.
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Table 2.3: M32 RC, RGBb and AGBb magnitudes and colors

Feature F555W (F435W − F555W ) V a ∆(bump− RC)b

RC 25.66± 0.08 1.20± 0.08 25.33± 0.09 · · ·
RGBb 26.21± 0.10 1.15± 0.18 25.89± 0.10 0.56± 0.13

AGBb 24.87± 0.09 1.44± 0.03 24.52± 0.09 −0.81± 0.13

Notes. Errors are 1σ deviations.
a Transformed onto the Johnson-Cousins system following Sirianni et al. (2005).
b Difference between the RGBb (AGBb) and the RC V mean magnitudes, used
to estimate a mean age and metallicity of M32.

2.5.1 Intermediate-age (2 ≤ Age ≤ 8 Gyr) and old (8 < Age ≤
10 Gyr) populations

The Red Clump (RC)

The most prominent feature in our CMD is the RC formed mostly by the reddest
low-mass stars burning helium in their cores*. A strong RC, as we see here, indi-
cates the presence of intermediate-age/old metal-rich stars. Models of core-helium
burning stars predict that the RC luminosity depends on both age and metallicity
(Cole 1998; Girardi et al. 1998). For a given metallicity, old stars form a fainter RC
than young stars whereas for a given age, lower metallicity stars form a brighter
RC. For a population of known age and metallicity, the RC is at a fairly constant
color and luminosity, hence these stars can serve as good standard candles to de-
rive distances both within our own Galaxy and to nearby galaxies and globular
clusters (Percival & Salaris 2003). We make use of this fact to derive the distance
to M32 in Section 2.6.

We now attempt to estimate a mean age and metallicity of M32, based on the
constraints that the presence of this feature impose. Constraints on age and metal-
licity of these populations can be obtained from the analysis of the locus and width
of the red giant branch (RGB) together with the position of the RC (Ferguson &
Johnson 2001; Rejkuba et al. 2005).

We begin by measuring the mean luminosity and color of the RC. We consider
a rectangle in the CM plane with 25.30 < F555W < 25.90 and 0.80 < (F435W −
F555W ) < 1.50 defined in such a way that all the RC stars remain inside it (Fig-
ure 2.13). We find 2525 stars in this rectangle; note that some of these will be
RGB stars. Note in Figure 2.13 the complex morphology of the RC in the CMD of
M32. As stated above, the RC’s morphology depends not only on the metallicity but
also on the age of the stellar system. In this case we observe a bluer and brighter
end of the RC, at F435W − F555W ∼ 0.75, which indicates the presence of lower
metallicity stars and young intermediate-mass stars at the bottom of the blue loop

* The bottom part of the blue loop (core-He-burning intermediate-mass stars, see below) also con-
tributes to this RC.
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Figure 2.13: Top panel : Close-up of the M32 CMD corrected for M31 background
contamination in the region of the RC. Note the complex morphology of the RC. We
observe a bluer and brighter end of the RC, at F435W −F555W ∼ 0.75, which indi-
cates the presence of lower metallicity stars in combination with young stars at the
bottom of the blue loop. The red end of the RC, at F435W−F555W ∼ 1.30, is fainter,
which indicates the presence of both older ages and higher metallicities stars. Stars
inside the box 25.30 ≤ F555W ≤ 25.90 and 0.80 ≤ (F435W − F555W ) ≤ 1.50 are
selected to determine the mean apparent magnitude of the RC in our field. In total
2525 stars lie inside this box. Bottom panel : A non-linear least-squares fit of the
function N(F555W ), Equation 2.6 (Paczynski & Stanek 1998), to the histogram of
stars in the clump region is shown in the left-hand panel. N(F555W ) is a Gaussian
representing the RC population plus a second term representing the RG stars that
contaminate the RC selection. The coefficients found for this fit with 95% confi-
dence bounds are F555Wm = 25.66, σ = 0.082 and NRC = 1422.8. In the right-hand
panel we show the fit to the histogram of the color distribution of RC stars. The
same formalism was used in this case and we obtain (F435W − F555W )m = 1.20

and σ = 0.088.
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(see next subsection). The red end of the RC, at F435W −F555W ∼ 1.30, is fainter,
indicating the presence of both older ages and higher metallicities stars. We make
a histogram of the luminosity of these stars and measure the peak magnitude of
the RC by fitting the F555W -band luminosity function with the following function
from Paczynski & Stanek (1998),

N(F555W ) = a+ b(F555W − F555Wm) +
NRC
d

e
−
[

(F555W−F555Wm)2

2σ2
RC

]
, (2.6)

a Gaussian representing the RC population plus terms representing the contam-
ination due to RGB stars. Here, F555Wm is the mean apparent magnitude, σRC
is the width of the RC and NRC is the number of RC stars. A non-linear least-
squares fit of this function to the histogram of stars in the clump region provides
F555Wm = 25.66, σRC = 0.082, and NRC = 1422.8. We show in the top panel of
Figure 2.13 the stars inside the box that were selected to determine the mean ap-
parent magnitude of the RC in our field. In the lower left-hand panel of the same
figure we show the histogram of the magnitudes of those RC stars together with the
fit. We can see that the data are well fit by this function. The mean color of the RC
is calculated using the same formalism (lower right-hand panel of Figure 2.13) and
its value, as well as the mean magnitude of the RC, is listed in Table 2.3. Models
by Marigo et al. (2008) and Girardi et al. (2008) suggest, for the observed mean
magnitude and color of the RC, a mean age of M32 of 8–10 Gyr for a metallicity
Z = 0.012 ([Fe/H] ∼ −0.2 dex, see below in this section) consistent with the bulk of
the stellar population being old.

There are uncertainties in this estimate: The mean magnitude and color of the
RC are also well fit with a mean stellar population of 5 Gyr and solar metallicity Z =

0.019, reflecting the age-metallicity degeneracy that occurs in the RGB. Moreover,
the uncertainties in the distance modulus obtained (see below) could modify these
parameters, possibly changing the mean age by ±2 Gyr.

The RGB bump (RGBb) and the AGB bump (AGBb)

We detect for the first time in M32 a feature in the RGB that we identify as the
RGB bump (RGBb) located at F555W ∼ 26.10 (see Figure 2.12). This feature is
the consequence of the following process that occurs at the beginning of the RGB
phase. During evolution along the RGB, the H-burning shell moves away from the
core of the star, which is increasing in luminosity at almost constant temperature.
As the shell moves out to regions of ’fresh’ hydrogen it encounters the chemical
discontinuity left behind by the maximum penetration of the convective envelope.
When this happens, the rate at which the star climbs the RGB drops for a short pe-
riod and even reverses for a while, until the shell adapts to the new environment,
and then the star again increases its luminosity, burning in a regime of constant
H content. As a result, the star crosses the same small portion of the RGB evolu-
tionary path —the same luminosity interval— three times, producing a peak in the
luminosity function (Iben 1968; Sweigart & Gross 1978; King et al. 1985; Renzini &
Fusi Pecci 1988). The time that a low mass star spends during the RGBb phase is a
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Figure 2.14: Left-hand panel : A Gaussian plus a quadratic fit to the F555W -band
luminosity around the RGB bump. A number of 1370 stars lie in this region. The
peak is at F555W = 26.21 and σ = 0.10. The bin size of the luminosity function is
0.1 mag, since this is the approximate mean value of the photometric errors in that
region of the CMD. From this fit, we find that the RGB bump is a 5–8σ detection.
Right-hand panel : A Gaussian plus a straight line fit to the histogram of stars in
the AGB bump region. The peak is at F555W = 24.87 and σ = 0.09. A number
of 372 stars lie in the region. Note here that the bin size of the histogram is 0.03
mag, given that the photometric errors are negligible at these color and magnitude
levels. The ABG bump is a 4–7σ detection.

considerable fraction (∼ 20%) of the total RGB lifetime, and the RGBb can be eas-
ily observed in an intermediate-age or old stellar system provided there is a large
number of stars. Stellar evolution models predict that the brightness of this fea-
ture depends on both the age and metallicity of the system. For a given metallicity
old stars have a lower RGBb luminosity than young stars (Alves & Sarajedini 1999,
hereafter AS99).

We calculate the mean magnitude of the RGBb by fitting a Gaussian plus a
quadratic function to the F555W -band luminosity function around the bump (Fig-
ure 2.14). The bin size of the distribution is 0.1 mag, since this is the approximate
mean photometric error in this region of the CMD. The mean color of the RGBb
was obtained by fitting a Gaussian to the color distribution around the bump; the
inferred value and its standard deviation are listed in Table 2.3. We can estimate
the significance of this bump by comparing the number of RGB background stars
(i.e. the quadratic component of the fit) with the number of stars that are in the
bump (the Gaussian component of the fit). There are 1127 ± 34 RGB background
stars, where the error is simply Poisson error. The number of remaining stars that
are in the RGB bump is 219± 51. Thus, the RGB bump is a 5–8σ detection.

We also detect for the first time in M32 the asymptotic giant branch bump
(AGBb), a bump in the Hess diagram at the beginning of the AGB phase. Here
a process analogous to the one at the beginning of the RGB phase occurs related
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to the formation of the He-burning shell (Caputo et al. 1989; Fusi Pecci et al. 1990;
Sarajedini & Forrester 1995; Gallart 1998; Ferraro et al. 1999). As a consequence
a feature similar to the RGBb is seen. In this case, the He-exhausted core contracts
rapidly and heats up, and the H-rich envelope expands (the luminosity increases)
and cools so effectively that the H-burning shell extinguishes, causing the base of
the convective envelope to penetrate inward again. Eventually, the expansion of the
envelope is stopped by its own cooling and it re-contracts. Therefore the luminosity
decreases and the matter at the base of the convective envelope heats up. When the
H-burning shell reignites, the envelope convection moves outward in radius ahead
of the H-burning shell, and the luminosity increases again. As a consequence of
this process the star will cross the same luminosity interval three times, and an
increase of star counts in this luminosity interval is therefore predicted. There is,
like for the RGBb, a good probability of observing this feature in intermediate-age
or old systems, provided that they are well-populated enough to detect such a fluc-
tuation. AS99 and Cassisi et al. (2001) have shown that the luminosity of the AGBb
is a function of the mean age and metallicity of the stellar populations generating
this feature. We identify the clump of stars seen at F555W ∼ 24.80 with the AGBb.
To obtain the mean luminosity value of this bump, we fit a Gaussian plus a straight
line to the F555W -band luminosity function around it (Figure 2.14). Note that, in
this case, the bin size of the distribution (0.03 mag) is smaller than the one used
for the luminosity function around the RGBb. This is consistent with the fact that
the photometric errors are negligible in that region of the CMD. A Gaussian was fit
to the color distribution around the bump to obtain its mean color. The mean lu-
minosity and color inferred from these fits are listed in Table 2.3. We can estimate
the significance of the AGB bump in the same way as we did for the RGB bump: we
find that the number of stars in the background is 265± 16 and the number of stars
in the bump is 85±25. This implies that the AGB bump is detected at the 4–7σ level.

AS99 presented values of the magnitude difference between the RGBb and RC
([∆V (RGBb-RC)]) as well as between the AGBb and the RC ([∆V (AGBb-RC)]) for
four Galactic globular clusters: M5, NGC 1261, NGC 2808, and 47 Tuc. They
showed that predictions of theoretical models are in good agreement with the ages,
metallicities and [∆V (AGBb/RGBb-RC)] values of these clusters. These predictions
can be used as a consistency check on our age and metallicity determinations. It is
important to note here that the measurement of [∆V (AGBb/RGBb-RC)] is distance
independent.

Using the predictions presented in AS99, the magnitude of the RC of M32 in F1,
located between the brighter AGBb and the fainter RGBb, strongly indicates that
populations older than 2.5 Gyr and metallicities higher than about −0.7 dex dom-
inate in our field (see Table 2 and Figure 4 in AS99). To obtain more quantitative
information, we use of the mean luminosities of the AGBb and RGBb listed in Ta-
ble 2.3. We then transform these magnitudes onto the Johnson-Cousins photometric
system using Sirianni et al. (2005) calibrations, as the models by AS99 are given
on that photometric system, and we calculate the differences between the AGBb
and RGBb mean magnitudes and the mean magnitude of the RC. These values are
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Figure 2.15: CMD of M32 cor-
rected for contamination by M31
background stars, reddening
(E(B − V ) = 0.08, Burstein
& Heiles 1982), extinction
(AF555W = 0.25, Sirianni et al.
2005) and distance µ0 = 24.53,
which was obtained using the RCS
method (see text for description).
Isochrones from Marigo et al.
(2008) are superimposed with
metallicities of Z = 0.0008,0.008,
and 0.030 for ages of 2 (solid),
5 (dashed) and 9 (triangles)
Gyr. Note a good match with
the features that represent an
intermediate-age population. Note
also that the width of the RGB
cannot be explained with a single
metallicity and, even though a
single age with a spread in metal-
licity could reproduce this, we
cannot exclude some age spread.
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also indicated in Table 2.3. Given the AGBb-RC magnitude difference, Figure 6 of
AS99 suggests that M32 metallicity is likely to be higher than [Fe/H] ∼ −0.4 dex

regardless of age. However since their models do not extend to more metal-rich
regimes, it is difficult to obtain a tighter constraint. Nevertheless we confirm the
metal-rich nature of the stellar population in M32. On the other hand, if we as-
sume such a metal-rich population, the RGBb-RC magnitude difference suggests
(see Figure 6 of AS99) that the mean age of M32 is likely to be in between 5 and
10 Gyr, consistent with the value found above from the RC alone.

The RGB: The metallicity distribution of stars in M32

The Red Giant Branch (RGB) in our CMD at F555W . 26.75 and 0.75 . (F435W −
F555W ) . 1.50 is the evolutionary phase where stars are burning H in a shell while
He has not yet been ignited in their cores. The lifetime of a star on the RGB is
a decreasing function of its initial mass, hence the probability of observing low
mass stars in this phase is very high. The color and morphology of the RGB for a
stellar system strongly depend on its metallicity. On the other hand, for a given
metallicity, the RGB moves to the red as a stellar population ages. Although the
age dependence of the RGB color is not as strong as its metallicity dependence, an
age–metallicity degeneracy certainly exists on the RGB.
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Figure 2.12 shows that the RGB has a rather wide spread in color. Given the
small (almost negligible) photometric errors at these magnitude and color levels,
this cannot be explained by a single-age and -metallicity population but rather by an
intrinsic large spread in the metallicity distribution. We show in Figure 2.15 that a
population with a single age and a range of metallicities can adequately reproduce
the width of the RGB. In spite of this, some age spread cannot be excluded. This
is in agreement with G96 who showed that the spread in color of the M32 CMD is
indicative of its metallicity range.

Figure 2.15 shows isochrones superimposed on the CMD of M32 corrected for
reddening (E(B − V ) = 0.08, Burstein & Heiles 1982), extinction (AF555W = 0.25,
Sirianni et al. 2005) and distance µ0 = 24.53 (this Chapter below), that repre-
sent populations of 2 (solid lines), 5 (dashed lines) and 9 (triangles) Gyr with
metallicities of Z = 0.0008 (bluest), 0.008, and 0.03 (reddest). We can see that
these isochrones cover the entire RGB and match the features we just discussed.
However it is clear that not all of them match our data well. For example, the
most metal-poor isochrones are too blue compared with our data, thus suggesting
that very metal-poor stars are unlikely to be present. On the contrary, metal-rich
isochrones do a better job in matching both the bright and faint end of the RGB. As
stated earlier, an age-metallicity degeneracy is present in this region of the CMD,
and therefore differences in ages cannot be distinguished if we look solely at the
RGB.

To obtain the metallicity distribution function (MDF) of M32, shown in Fig-
ure 2.16, we have used isochrones from the model grid of the Padova library (Gi-
rardi et al. 2002; Marigo et al. 2008; Girardi et al. 2008) for ages of 5, 8 and 10
Gyr and log(Z/Z�) = [M/H] from −1.2 to 0.3 dex with a metallicity step (bin size) of
[M/H] = 0.2 dex. Although we do not see the 5 Gyr MSTO*, it is possible that M32
contains such a population due to the observation of bright AGB stars that confirm
the presence of an intermediate-age population (see below in this section). For the
metallicity distribution, we have first considered only RGB stars located below the
RC and above the 80% completeness level, to avoid contamination by AGB stars
that ascend from the RC. We selected a box containing 1166 stars of absolute mag-
nitudes 1.2 < MF555W < 1.8 and dereddened colors 0.7 < (F435W −F555W )0 < 1.4

to compute the MDF below the RC. Selecting these stars guarantees an unambigu-
ous metallicity assignment but, even though stars in this region of the CMD have
small photometric errors, they are not negligible. Figure 2.10 shows that at the
level of the apparent magnitude F555W ∼ 26.5, which corresponds to an absolute
magnitude of MF555W ∼ 1.7, and color ∼ 1 the photometric errors in colors in our
selected box are in between ∼ 0.05 and ∼ 0.1 mag. The width of the RGB at those
magnitudes is ∼ 0.7 mag and thus the small photometric errors cannot explain the
observed spread in color. We also note that variations in ages, from 2 to 9 Gyr, on
the RGB can only account for a ∼ 0.15 mag variation in color (see Figure 2.15). On
the other hand, if we use stars above the RC, for which the photometric errors are

* We would only see a 5 Gyr MSTO for a very metal poor population which is unlikely to contribute
significantly to the M32 population in our fields: see Figure 2.15.
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truly negligible, implying that the color variation of this region is only due to an
intrinsic metallicity distribution in the populations*, we need to correct for the con-
tamination by AGB stars. We selected a box containing 500 stars of absolute magni-
tudes −0.9 < MF555W < 0.0 and dereddened colors 0.9 < (F435W−F555W )0 < 1.65

for the MDF above the RC.

We have derived a MDF for these two groups of stars. The top panel of Fig-
ure 2.16 shows the selected stars (boxes) and representative isochrones considered
for the MDF calculation. Solid and dashed curves are the 8 and 10 Gyr isochrones,
respectively. The middle and bottom panels of Figure 2.16 show the resulting MDF
of M32 above and below the RC, respectively, defined as the number of stars per
bin size in log(Z/Z�). We have counted RGB stars in the CMD between fixed-age
isochrones (either 5, 8 or 10 Gyr old) covering the range of metallicities stated
above. We have attempted to correct the MDF above the RC for AGB contamina-
tion by taking into account the theoretical ratio of AGB to RGB stars at different
ages and metallicities. We calculated the ratio of AGB to RGB stars occupying the
isochrone section considered, i.e. for a given age and metallicity, using the “int-
IMF”† column of Padova’s isochrones. We subtracted the corresponding number
of AGB stars from the RGB counting between the isochrones considered to derive
the MDF. Overall, we obtain a rather smooth distribution with many more metal-
rich stars than metal-poor ones. The general peak of this distribution is given at
[Fe/H] ∼ −0.2 dex with the exception of the 5 Gyr MDF above the RC that has its
peak at [Fe/H] ∼ 0.0 dex. This peak agrees with previous results (Rose 1985, 1994;
Grillmair et al. 1996b; Trager et al. 2000a; Coelho et al. 2009). We note that the
peak in the MDF above the RC is more pronounced compared to that in the MDF
below the RC. We believe that this arises from the cooler giant stars going back
towards the blue at the TRGB due to the strong opacity present in the V band.

Note that there are very few stars with metallicities [Fe/H] < −1.2, which im-
plies that the enrichment process largely avoided the metal poor stage (Worthey
et al. 1996). Moreover, it is possible that some of the B-RGB is due to stars with
ages < 2 Gyr (see Figure 2.18 below), hence the number of metal-poor stars is
likely to be even smaller. Note also that a few biases should have been taken into
account when deriving the MDF, such as e.g. the different RGB lifetimes at differ-
ent metallicities (Rood 1972) or the rate at which stars leave the main sequence
(Renzini & Buzzoni 1986). These biases, however, mostly affect the metal-poor tail
of the metallicity distribution (see Zoccali et al. 2003), which implies that our (very
weak) metal-poor tail is actually an upper limit. The shape and peak of the MDF
agrees very well with the photometric MDF of G96. We even obtain the same peak
value, which however disagrees with the synthetic population results by Coelho
et al. (2009), who found a significant amount of metal-poor stars at a location that
samples the positions of both G96 and our field. Coelho et al. (2009) claim that they

* There is a spread in age based on the appearance of bright AGB stars, but, again, such a variation
can account only for a modest spread in the RGB and not for the width that is observed (G96).

† The “int-IMF” is the integral of the IMF under consideration (as selected in the form, in number of
stars, and normalized to a total mass of 1 M�) from 0 up to the current initial stellar mass: see
http://stev.oapd.inaf.it/.

http://stev.oapd.inaf.it/
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Figure 2.16: Top panel Close-up of the RGB region of the decontaminated CMD of
M32 (the magnitudes are de-reddened and corrected for distance). Stars inside the
two boxes were used to compute the two MDFs. Black and red–dashed curves are 8
and 10 Gyr-old isochrones covering a wide range in metallicity, Z = 0.0012, 0.003,
0.008, 0.03. Middle panel MDF of M32 derived using stars above the RC. The peak
of the distribution is at [Fe/H] ∼ 0.0 for 5 Gyr and is slightly more metal-poor, at
[Fe/H] ∼ −0.2, for 8 and 10 Gyr-old populations. Bottom panel Same as the middle
panel but considering stars below the RC. Here the peak of the distribution is at
[Fe/H] ∼ −0.2 for all ages. The MDF of M31 is also computed for a 10 Gyr-old pop-
ulation and is illustrated by the gray solid line. Its peak is given at [Fe/H] ∼ −0.4,
indicating that our background field contains more metal-poor stars.
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do not understand this difference, although they say that one might not expect an
MDF derived from photometry to match an MDF derived from spectroscopic data
(although see Trager et al. 2000a). Nevertheless, the difference is significant.

The tip of the red giant branch (TRGB)

Another important CMD feature that confirms the results obtained so far is the tip
of the RGB (TRGB). This corresponds to the He-burning ignition through the He
flash marking the end of the RGB phase. For very metal rich systems, such as the
globular clusters NGC 6553 and NGC 6528, the TRGB in the B, V and R filters
is fainter than in metal-poor systems due to the strong molecular opacities of TiO
bands, which become very deep in the cool giants. This effect is so strong in the
V band that the TRGB in a V –(B − V ) color–magnitude diagram is accompanied by
a vertical sequence of stars extending to fainter magnitudes and almost merging
with the hotter giants (Ortolani et al. 1992). The location of what we identify as
the TRGB in the CMD of M32, at the apparent magnitude of F555W ∼ 24, (see
Figure 2.12) corresponds to the theoretical predictions of a system as old as ∼
8.5 Gyr with [Fe/H] ∼ −0.2. This again confirms previous (e.g., G96) and our own
results in this section.

AGB stars

Finally, the bright extension of AGB stars seen above the first-ascent red giant
branch (or TRGB) is a signature of an intermediate-age population (see e.g. Freed-
man 1992a; Gallart et al. 2005). We thus identify the bright stars seen in Fig-
ure 2.12 at apparent magnitudes F555W < 24 and colors 1.0 . (F435W−F555W ) .
1.6 as intermediate-age AGB stars. We find ∼ 130 of these stars in the CMD of M32.
To test whether blends of fainter stars could mimic bright AGBs we make use of
the AST results. From AST, we considered all the recovered bright AGB stars and
we looked at their injected counterpart stars, i.e. we looked at where these bright
stars came from theoretically. We obtained that ∼ 97% correspond to the injected
bright AGB. We are confident hence that the detected AGB stars in our photometry
are not artifacts of crowding since they cannot be generated by blends of fainter
stars. The existence of these stars confirms the results of previous studies (e.g.,
Freedman 1992a; Elston & Silva 1992; Davidge & Jensen 2007), and strongly sup-
ports the presence of an intermediate-age population in M32. Figure 2.17 shows
a decontaminated CMD of M32, corrected for distance and extinction with Padova
solar metallicity isochrones superimposed, for ages of 1, 4, 7 and 9 Gyr. Clearly,
bright AGB stars above the TRGB can be present between 1 and 7 Gyr. These bright
AGB stars thus represent the evolved population resulting from star formation that
occurred less than 7 Gyr ago in M32.

To summarize, the RC suggests a mean age of 8–10 Gyr for a metallicity of
[Fe/H] = −0.2 dex, consistent with the position of the TRGB. The RC, RGBb and
AGBb suggest a dominant population of stars with a mean age of 5–10 Gyr and a
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Figure 2.17: CMD of M32 corrected for contamination by M31 background stars,
reddening (E(B − V ) = 0.08, Burstein & Heiles 1982), extinction (AF555W = 0.25,
Sirianni et al. 2005) and distance µ0 = 24.53, obtained using the RCS method (see
text for description). Isochrones from Marigo et al. (2008) are superimposed with
ages of 1 (red), 4 (blue), 7 (green) and 9 (magenta) Gyr at solar metallicity. Bright
AGB stars, located above the TRGB, are clearly present at ages younger than 7 Gyr.

mean metallicity of [Fe/H] & −0.4 dex. In addition, stars younger than 7 Gyr are
present as bright extended-AGB stars.

2.5.2 Young populations?: Ages < 2 Gyr

Young populations are mostly represented by stars occupying the blue plume (BP)
seen in the CMD of Figure 2.12 at F555W ∼ 24.5 from F555W ∼ 27 and (F435W −
F555W ) < 0.5, suggesting the presence of an extended main sequence (MS). We
note that the presence of a BP in M32 has either not been claimed or not observed
in previous photometric works (e.g., G96; Worthey et al. 2004). Therefore, we
begin this section by addressing whether this feature is real or not. Blends of
fainter blue stars could appear in our photometry as brighter blue stars, generating
a BP which is actually artifact of crowding. We have tested this using the results
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Figure 2.18: CMD of M32 corrected for contamination by the M31 background
stars, reddening (E(B − V ) = 0.08, Burstein & Heiles 1982) and extinction
(AF555W = 0.25, Sirianni et al. 2005). The distance modulus µ0 = 24.53 ± 0.12 was
obtained using the RCS method (see text for more description). Solar metallicity
isochrones from Marigo et al. (2008) are superimposed, with ages of 0.4,0.5,0.7,1,
and 1.5 Gyr. Note the good fit to the extended MS of the CMD, and the sugges-
tion of the presence of subgiant stars. On the other hand, the diamonds show the
location of the RR Lyrae found in this M32 field (Chapter 4 of this thesis). These
isochrones also fit the BL region (delineated by the black box) well, suggesting the
presence of young AGB stars with masses of 2.5–2.8M�.
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Figure 2.19: Left panel : CMD of the quadrant Q1 closest to the nucleus of M32 in
F1. Right panel : CMD of the quadrant Q4 furthest away from the nucleus of M32.
We compare the BP in these two CMDs in order to test whether it belongs to M32
or it represents a constant M31 background in F1. It seems that the fainter BP
F555W > 26 is indeed stronger in Q1, which indicates that this portion of the BP
comes from M32. However, the brighter BP stars, which assured the presence of
a young population, do not show any significant difference between the two CMDs.
They could represent a constant M31 disk background in F1. See text and Table 2.4
for more information.

from the ASTs. We estimated the fraction of recovered BP stars that were actually
injected as red or fainter stars; ∼ 14% of recovered BP stars are blends, thus
indicating that ∼ 86% are genuine blue stars. We are hence confident that the
detected BP is indeed real. Moreover, we have investigated archival observations
of fields near M32, which also seem to indicate the presence of a BP in M32. This
analysis is shown in the Appendix.

Figure 2.18 shows Padova isochrones (Marigo et al. 2008; Girardi et al. 2008)
for young ages superimposed on the decontaminated, de-reddened and corrected
for distance M32 CMD. The isochrones have solar metallicity Z� = 0.019 and a
range of ages of 0.4, 0.5, 0.7, 1, and 1.5 Gyr. This suggests that M32 at F1’s
location may contain stars as young as ∼ 0.5 − 1.5 Gyr; other higher metallicities,
for Z ranging from Z� to 0.03 ([Fe/H] ∼ +0.2), show similar results. However,
lower metallicities isochrones are too blue compared with the observed data. On
the other hand, we can see that any significant presence of populations younger
than 0.4 Gyr is ruled out in this field, although stars as young as 0.5 Gyr may be
present. We even appear to find a possible subgiant branch (SGB), with a region
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occupied by stars as soon as they leave the MS. These SGB stars are consistent
with isochrones of ages from 0.5 Gyr to 1.5 Gyr for stars with masses 1.6− 2.5 M�
and a range of metallicities Z = 0.019− 0.03 ([Fe/H] ∼ 0 to +0.2). We also show in
Figure 2.18 the position of known RR Lyrae variables in field F1 (Chapter 4 of this
thesis), indicating the presence of some blue horizontal branch stars in this region
of the CMD. It is worth noting that the number of RR Lyrae discovered in this field
(17, of which 7+4

−3 belong to M32 ) cannot account for all of the stars in this region
(∼ 100). Nevertheless, the SGB region of the CMD is the most affected by blends:
stars either bluer or redder are likely to blend and occupy this region. We tested
this using the results from ASTs and found that only a ∼ 38% of stars recovered in
this region were actually injected there. Most of the stars are therefore blends and
we are not able to assume that they are all actual SGB stars.

The presence of a blue loop (BL) is another sign of young populations and has
never been detected before in M32. Stars in this region are intermediate-mass
stars with ages between ∼ 0.4 and ∼ 1 Gyr burning helium in their cores (see, e.g.,
Sweigart 1987; Xu & Li 2004, and references therein) . Theoretical models predict
that their positions strongly depend on metallicity (e.g., Girardi et al. 2000). The
box in Figure 2.18 shows the location of BL stars. We considered the fact that
these stars could also be artifacts of crowding and we analyzed this again using the
results from the ASTs. We found that ∼ 80% of the recovered stars in the BL region
were actually injected there. We are certain that most of the stars in the BL are
real and not products of blends. We can see from Figure 2.18 that their magnitudes
and colors are consistent with the assumed solar metallicity and ages of 0.4–0.9 Gyr
and they have masses in the range ∼ 2.25–3M�. Isochrones with lower metallicities
predict the location of the BL bluer than observed. Note also that the isochrones
in Figure 2.18 suggest the presence of young AGB stars as well, of ages between
0.7–1 Gyr, with masses of 2.5–2.8M�. However this region may be also occupied
by older RGB and AGB stars with lower metallicities (see the previous section) and
much lower masses, of the order of 0.9–1M�.

The bright stars composing the BP and BL features remain in the CMD even
after the statistical decontamination for M31 stars. This would indicate that they
belong to M32. However, while we took care to characterize the M31 disk back-
ground by devoting equal time to the F2 images, the surface density of the M31
disk may (unfortunately) be higher at F1 than it is at F2. Arp (1966) noted that
M32 (Arp 168) appears to have a diffuse “plume” of emission to the south of its
nucleus, and thus in the direction of F1. Choi et al. (2002) attempted to isolate
this feature through a variety of surface photometry models, and suggested that it
is due to the tidal interaction of M31 with M32. The obvious inference is that the
plume comprises stars that have been stripped from M32; however, if the plume
instead represents material drawn for the M31 disk, then this may enhance the
contribution of disk stars to F1 over what we would have inferred from F2. To
test whether the young population (ages < 1 Gyr) comes from M32 or M31, we
have first compared the CMDs obtained from closest and furthest quadrants from
the nucleus of M32 (hereafter Q1 and Q4, respectively) in F1. Since, given the
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rapid decline of the M32 surface brightness, we observe a gradient in the stellar
density of M32 over F1 (Figure 2), we should therefore detect a larger number of
bright BP and BL stars as we approach the nucleus of M32 if they belong to M32.
Figure 2.19 shows the CMDs in apparent magnitudes obtained in Q1 (left panel)
and in Q4 (right panel). The number of BL stars as well as BP stars brighter than
F555W ∼ 26 seems to be roughly the same in both CMDs. However, the number
of fainter BP stars (F555W > 26) is significantly larger in Q1. To quantify this, we
define eight boxes in different regions of the CMDs and we count stars in them.
The different regions are the BP, BL, AGB and RGB (see Figure 2.12) and the corre-
sponding boxes are indicated in Table 2.4. This analysis was done not only in the Q1
and the Q4 CMDs but also in the F1 (before decontamination for F2) and F2 CMDs.
Assuming Poisson statistics we can infer whether (F1−F2) and/or (Q1−Q4) is sig-
nificantly positive for each of the boxes. The results of (Q1−Q4) suggest that there
is a constant background of bright blue stars over F1, since there is no significant
difference between the number of bright BP and BL stars. The ratio between the
number of stars in F1 to F2 is also shown in Table 2.4 for each of the regions. This
fraction is expected to be ∼ 3 according to the surface brightness estimates at F1’s
location. Note that this is clearly the case for the RGB stars and the fainter BP stars
(26.0 < F555W < 27.0). However, the ratio is lower than 3 for the brighter portion
of the BP, the BL and bright AGB stars which indicates that the M31’s background
is relatively enhanced in F1 compared to what F2 represents. As stated above, a
plausible explanation for an enhanced contribution of disk stars to F1 is that the
“diffuse plume” observed in M32 at F1’s location (Arp 1966) represents material
drawn for the M31 disk. Given the null difference between stars in Q1 and Q4, it
is likely that all of the bright BP stars belong to M31. It is likely then that the very
young population that we see in the decontaminated CMD of M32 (i.e. stars with
ages ∼ 0.5 Gyr) belongs to the disk of M31 rather than to M32. Instead, stars in
the BP at magnitudes F555W > 26 do belong to M32 and represent a population
of ages between 1 and 2 Gyr (see Figure 2.18). Further investigation is required
to conclusively determine whether a young population of stars with ages ∼ 0.5 Gyr
do or do not belong to M32. Wide field images from fields closer to the nucleus
of M32, as could be obtained with HST/WFPC3, would reveal this. Note that the
Q1−Q4 difference in the bright AGB region is positive, and the F1/F2 ratio for these
stars is significantly higher than for the brightest BP stars*. This implies that, even
though there is an enhancement of M31 AGB stars over what F2 represents, it is
likely that a fraction of them still belong to M32.

* The F1/F2 ratio of BL stars is also higher than for the brightest BP stars. However, BL stars are
more contaminated by blends than AGB stars, which are nearly not contaminated at all. Moreover,
the Q1−Q4 difference for the BL stars is not significantly positive.
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Table 2.4: Star counts in different boxes of the CMDs

CMD Region F1a F2 Q1F1
b Q4F1

c F1−F2 Q1F1− Q4F1 F1/F2

BP stars
24.0 < F555W < 25.5 93 ± 10 64 ± 8 22 ± 5 27 ± 5 29 ± 13 −5 ± 7 1.45 ± 0.24

25.5 < F555W < 26.0 169 ± 13 80 ± 9 48 ± 7 45 ± 7 89 ± 16 3 ± 10 2.11 ± 0.29

26.0 < F555W < 27.0 1477 ± 38 534 ± 23 451 ± 21 336 ± 18 943 ± 44 115 ± 27 2.76 ± 0.14

BL stars
23.5 < F555W < 25.2 263 ± 16 127 ± 11 70 ± 8 64 ± 8 136 ± 20 6 ± 11 2.07 ± 0.22

Bright AGB
22.0 < F555W < 24.0 211 ± 14 101 ± 10 64 ± 8 55 ± 7 110 ± 17 9 ± 10 2.09 ± 0.25

RGB
24.0 < F555W < 25.2 1205 ± 35 372 ± 19 358 ± 19 268 ± 16 833 ± 40 90 ± 25 3.24 ± 0.19

25.2 < F555W < 26.0 3998 ± 63 1243 ± 35 1174 ± 34 894 ± 30 2755 ± 72 280 ± 45 3.22 ± 0.10

26.0 < F555W < 26.8 2857 ± 53 953 ± 31 876 ± 30 631 ± 25 1904 ± 61 245 ± 40 3.01 ± 0.11

Notes. Regions are indicated as in Figure 2.12.
a Before decontamination for M31 stars.
b Quadrant closest to the center of M32, where the stellar density in F1 is higher. See Figure 2.
c Quadrant furthest away from the center of M32. See Figure 2.
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Young population vs. Blue straggler stars Blue straggler stars (BSSs) are
stars hotter, bluer and brighter than the MSTOs in a CMD and thus generate a blue
plume, similar to the one we see in the CMD. As they can mimic a young population
(ages < 2 Gyr), it is crucial for the derivation of the SFH to understand whether the
BP we find in M32 is entirely populated by old BSSs instead of a genuinely young
population.

BSSs have been seen in globular and open clusters (e.g., Ferraro et al. 2004;
Mapelli et al. 2004, 2006; Piotto et al. 2004; de Marchi et al. 2006) where there
is no recent star formation or the spread in stellar age is small enough such that
their identification as old BSSs (instead of as a young population) is very clear. In
a field population it is difficult to unambiguously prove the nature of the BP as
old BSSs (see, e.g., Mateo et al. 1995; Hurley-Keller et al. 1999; Aparicio et al.
2001; Carrera et al. 2002; Mapelli et al. 2009). Only Momany et al. (2007) in
their work indicated that their BSS candidates in dSphs may be real BSSs. They
found a statistically-significant anti-correlation between the specific frequency of
BSS candidates with the HB stars and the absolute magnitude of their dSph sam-
ple, similar to what has been observed in both globular clusters (Piotto et al. 2004)
and open clusters (de Marchi et al. 2006). Momany et al. (2007) claimed that this
anti-correlation can be used as a classification tool such that galaxies following the
anti-correlation are more likely to have real BSSs rather than young MS stars (the
anti-correlation would be hard to explain if BSS candidates were young stars). It
is worth of mentioning that they selected their sample in such a way that dwarf
spheroidals/irregulars in which there is current or recent (≤ 500 Myr) star forma-
tion were not considered. Therefore, an ideal test for our data would be to calculate
the frequency of BSS candidates in M32 and compare our results to the proposed
relation of Figure 2 of Momany et al. (2007). However, the box considered to in-
clude the candidates of old BSSs goes from the magnitudes of the oldest MSTOs
up to where there are blue stars observed. We do not reach the oldest MSTOs; the
stars at the appropriate magnitude level are dominantly products of blends, which
will contaminate the BSS candidates in our data. We are therefore unable to test,
at least in this way, whether the BP consists of old BSSs. Nevertheless, we favor
the idea that the BP cannot be entirely populated by old BSSs but instead contains
some genuine young stars due to the following: Brown et al. (2006) argue that,
even though the formation mechanism of BSS is not completely understood, BSSs
in an old population will be limited to M < 2M�, whereas the masses required to
explain stars as bright as, and even exceeding, the HB luminosity level that we see
in our CMD are higher than that value (2 < M < 3M�). This implies that at least the
brightest BP stars observed are truly young stars. However, as explained above,
they are likely to belong to the disk of M31 rather than to M32. The fainter BP,
F555W > 26, associated to M32 is not assured to be only young stars and it could
even be composed only of BSSs.
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2.5.3 Ancient population: Ages > 10 Gyr

We believe that old and metal-poor stars should be present in M32, since previous
generations of stars are required to produce the metal-rich population we observe.
It is clear from our CMD that there are not many of these stars since there is
no noticeable presence of blue horizontal branch (BHB) stars. Therefore a well-
developed old, metal poor population is not present. Nonetheless, RR Lyrae vari-
able stars were found in our M32 field with our data (Chapter 4 of this thesis),
revealing the presence of BHB stars. The pioneering work of Brown et al. (2000,
2008) showed evidence of extreme horizontal branch (EHB) stars in the central re-
gion of M32 from Space Telescope Imaging Spectrograph (STIS) UV observations.
By detecting RR Lyrae stars in our data, we find a different manifestation of a
consistent picture.

The RR Lyrae stars found with the data from this study have a mean metallicity
of 〈[Fe/H]〉 ∼ −1.5 (Chapter 4). Taking into account the metallicity distribution we
have obtained (see above) and assuming that these metal-poor stars are ancient
stars, we can estimate the fraction of these stars in our data. We find that, when
assuming a 10 Gyr-old population, metal-poor stars with [Fe/H] ≤ −1 represent at
most ∼ 5.7% of the total V -band light in our M32 field (recall that the number
of stars in metal-poor tail of the MDF is an upper limit). Worthey (1994) models
can be used to obtain the stellar M/L ratio for different metallicities at a given
assumed age. We estimate that a metal-poor 10 Gyr-old population contributes
∼ 4.5% of the total mass in our observed field. Note however that there is little
constraint on ancient, metal-rich populations. The fact that the hot HB stars do
not significantly contribute to the optical V -band light of M32 suggests that the
strong Balmer lines found in spectroscopic studies (O’Connell 1980; Pickles 1985;
Bica et al. 1990; Rose 1994) actually represent a young population or BSSs. Trager
et al. (2000b) estimated that the BHBs needed to account for the strong Balmer
lines of M32 (Hβ = 1.9 Å, corresponding to an integrated light age of ∼ 8 Gyr) at
F1’s location would contribute to the ∼ 5% of the V -band light. This would imply
that ∼ 25% of the total light would have to come from metal-poor stars, which is ∼
5 times more than the amount of metal-poor V -band light that we have found. On
the other hand, to explain the high-Hβ strength of M32 arising from a population
of BSSs would require that & 15% of the V -band light come from BSSs (Trager
et al. 2000a). This is explored in Chapter 3 where the derived SFH will allow us to
quantify the light contribution of the BP in F1.

2.5.4 The Luminosity function of M32

The extinction-corrected F555W0 luminosity function (LF) for M32 is given in Ta-
ble 2.5. The LF is measured by dividing the F555W0 magnitudes into 65 bins with
a bin width of ∆F555W0 = 0.1 mag. The LF is shown as the solid histogram in
Figure 2.20. We have also calculated the completeness-corrected LF (black dots).
The long vertical arrow marks the 50% completeness level at F555W0 ∼ 27.75. The
main distinct features are indicated by arrows: the TRGB at F555W0 ∼ 23.7, the
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Figure 2.20: F555W0-band Luminosity Function (LF) for M32, corrected for ex-
tinction and decontaminated for M31 background stars, is shown in the solid his-
togram. The completeness-corrected LF is shown as black dots. The gray-dashed
line shows the LF for stars redder than (F435W − F555W ) ∼ 0.75 to avoid con-
tamination from, for example, the BP. The 50% completeness level is indicated at
a magnitude of F555W0 ∼ 27.75. The main features of this LF are indicated by
arrows. The TRGB lies at F555W0 ∼ 23.7, the AGB bump at F555W0 ∼ 24.7, the RC
at F555W0 ∼ 25.4, and the RGB bump at F555W0 ∼ 25.9.

AGBb at F555W0 ∼ 24.7, the RC at F555W0 ∼ 25.4 and the RGBb at F555W0 ∼ 25.9.
These features are consistent with the CMD analysis above. We also show the LF
for stars redder than (F435W −F555W ) = 0.75, as gray-dashed histogram. We can
see that the features that we find on the RGB region, in particular the RGBb, are
better identified when we plot only the redder stars thus avoiding contamination
from, for example, the BP.

To summarize this section, M32 is dominated by a 8–10 Gyr old, metal-rich
([Fe/H] = −0.20 dex) population, due to the RC location and width of the RGB.
This result is supported by the locations of the RGBb and the AGBb. Intermediate-
age stars of 4 ± 3 Gyr are also present in M32, as revealed by the bright AGB
stars observed and the morphology of the strong RC. We see evidence for 1–2 Gyr
MSTO stars and/or BSSs due to the presence of the BP. An ancient metal-poor
population does not contribute much to the light of M32 in F1. There is, however,
little constraint on its metal-rich counterpart.
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Table 2.5: M32 Luminosity Function

F555W0
a Nb Ncorr

c N(col>0.75)
d F555W0 N Ncorr N(col>0.75) F555W0 N Ncorr N(col>0.75)

22.45 1 1.00 1 24.44 73 73.64 51 26.43 257 276.43 135
22.53 0 0.00 0 24.52 77 77.55 66 26.51 329 349.93 138
22.62 0 0.00 0 24.60 107 107.77 61 26.59 366 389.89 143
22.70 2 2.00 2 24.69 91 91.94 86 26.67 418 453.06 150
22.78 9 9.00 2 24.77 96 97.35 91 26.76 480 526.73 196
22.87 6 6.00 11 24.85 79 79.40 89 26.84 517 568.22 192
22.95 8 8.00 7 24.94 119 120.55 86 26.92 652 721.45 188
23.03 8 8.00 8 25.02 110 111.61 77 27.01 751 852.73 251
23.11 8 8.00 3 25.10 191 194.20 103 27.09 929 1052.41 267
23.20 12 12.08 10 25.18 257 261.86 100 27.17 1106 1277.55 312
23.28 10 10.00 10 25.27 400 409.63 170 27.25 1356 1598.82 356
23.36 13 13.00 16 25.35 534 544.64 210 27.34 1586 1896.35 433
23.45 14 14.00 6 25.43 628 641.55 339 27.42 1671 2072.59 535
23.53 5 5.00 15 25.52 433 445.35 456 27.50 1936 2462.01 608
23.61 16 16.00 4 25.60 235 242.03 601 27.59 2009 2633.19 775
23.69 15 15.00 17 25.68 203 211.08 466 27.67 1885 2519.17 844
23.78 21 21.00 14 25.76 201 208.43 232 27.75 1626 2260.72 907
23.86 33 33.00 18 25.85 220 228.30 190 27.83 740 1075.84 977
23.94 36 36.11 33 25.93 235 247.53 146 27.92 179 276.44 891
24.02 56 56.39 32 26.01 229 239.49 173 28.00 44 72.50 872
24.11 50 50.00 53 26.09 200 209.56 183 28.08 12 21.28 623
24.19 68 68.00 46 26.18 196 205.74 171 28.16 4 7.77 113
24.27 67 67.12 57 26.26 230 243.67 170
24.36 64 64.11 70 26.34 234 247.77 139

Notes.
a Dereddened magnitude of the bin center.
b Raw counts in a given magnitude bin for the decontaminated data.
c Completeness-corrected counts for the same decontaminated data.
d Raw counts in a given magnitude bin for stars with (F435W − F555W ) > 0.75.
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2.6 The Distance to M32 and M31

We determine the distance to M32 using the Red Clump Stars (RCS)*. Udalski
(1998) has stressed that this method has many advantages with respect to other
widely used standard candles such as Cepheid and RR Lyrae: for example, RCS
are easy to recognize in a CMD and large samples are usually present in galaxies,
which is certainly true in our case. Another important advantage is the fact that the
mean absolute magnitude of RCS in the Solar neighborhood has been calibrated by
Hipparcos (Perryman & ESA 1997; Perryman et al. 1997) parallaxes with an accu-
racy of 10%. The disadvantage however is that its properties are not the same for
all galaxies, given the age-metallicity dependence of the RC which affects the value
of its absolute magnitude. Since models of core-helium-burning stars predict that
the RC luminosity depends on both age and metallicity (Cole 1998; Girardi et al.
1998; Girardi & Salaris 2001), “population corrections” to the RC absolute magni-
tude obtained using Hipparcos parallaxes need to be made before it can be used
as an accurate extragalactic distance indicator. Percival & Salaris (2003) have cal-
culated how the absolute magnitudes of RCS differ for a given age and metallicity
when compared with the Solar-neighborhood RC absolute magnitude, ∆MRC

λ . Tak-
ing these variations into account, we can still use the RCS to estimate the distance
of M32. The true distance modulus of the galaxy will be given by

µ0 = (m−M)0 = mRC
λ −MRC

λ,local −Amλ + ∆MRC
λ , (2.7)

where
∆MRC

λ = MRC,theory
λ,local −MRC,theory

λ,galaxy . (2.8)

The mean apparent magnitude of the RC calculated in section 5.1.1 above is F555W =

25.66 ± 0.082. This value is then de-reddened assuming E(B − V ) = 0.08 (Burstein
& Heiles 1982) and an extinction of AF555W = 0.25 (Sirianni et al. 2005). On the
other hand, the Hipparcos absolute magnitude and the theoretical population cor-
rections to the Red Clump absolute magnitudes were calibrated and calculated on
the UBV system. We need therefore to transform our data from the ACS/HRC VEGA
system F435W and F555W to the ground-based B and V magnitudes. We use the
Sirianni et al. (2005) transformations for this. The MRC

V from Hipparcos for the
solar neighborhood is calibrated as MRC

V,local = 0.73 ± 0.03 (Alves et al. 2002). The

population correction ∆MRC
λ is calculated by Percival & Salaris (2003) and we re-

fer to that paper for a detailed explanation. Briefly, to study the age and metallicity
dependence of the RC brightness, they compare their empirically derived popula-
tion corrections with the theoretical models of Girardi et al. (2000, see Figure 2 in
Percival & Salaris 2003). In our case, assuming an average 〈[Fe/H]〉 = −0.2 dex and

* A widely-used standard candle for determining the distance to a stellar system is the TRGB method
(Lee et al. 1993), which determines distances using the TRGB discontinuity in the I-band. However,
an essential property of the TRGB distance indicator in the original method (Lee et al. 1993) is that
the absolute magnitude in the I band is less sensitive to changes on metallicity than the B or V
magnitudes (note in Figure 2.15 how the position of the TRGB on the F555W band varies with
metallicity at a fixed age). Thus, the TRGB method cannot be applied here to obtain the distance to
M32 because we do not have the correct magnitude bands to do so.
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an age of 8 Gyr for our RCS (G96, this Chapter), ∆MRC
V = −0.1. Percival & Salaris

(2003) calculate the residuals of ∆MRC
λ for their model – observed fits taking into

account both the metallicity and age residuals. The mean residual in ∆MRC
V is

+0.03 ± 0.07, where the error is the 1σ error. The true distance modulus of M32
from Equation 2.7 is therefore

µ0 = (25.33± 0.088)− (0.73± 0.03) + (−0.10 + 0.03± 0.07) (2.9)

or
µ0(M32) = 24.53± 0.12 (2.10)

in agreement with previous results, e.g. 24.2 ± 0.3 (Freedman 1992b), 24.55 ± 0.08

(Tonry et al. 2001), 24.39± 0.08 (Jensen et al. 2003), and 24.53± 0.21 (Chapter 4 of
this thesis).

We can also obtain the distance to M31 from our background field using the
RCS of F2. This will also give us a relative distance measurement between these
two galaxies. To this end, we selected 1107 stars from field F2 having apparent
magnitudes 25.0 < F555W < 26.0 and colors 0.95 < (F435W − F555W ) < 1.32.
We then fit the histogram of the luminosities and colors of these stars with Equa-
tion 2.6. We find F555Wm = 25.49± 0.06 and (F435W −F555W )(RC) = 1.14± 0.10.
After we de-redden (E(B − V ) = 0.08) and transform these values onto the UBV
system (Sirianni et al. 2005), we consider the differences between the mean RC
population in M31 at our field location and the RCS in our solar neighborhood. We
consider the metallicity [Fe/H] = −0.40 dex and an age of 8 Gyr for our M31 field,
which corresponds to a population correction ∆MRC

V = +0.02 (Percival & Salaris
2003). We obtain a true distance modulus of

µ0(M31) = 24.45± 0.14 (2.11)

for M31, in agreement with previous estimates of its true distance modulus, e.g.
24.44 ± 0.11 (Freedman & Madore 1990), 24.50 ± 0.10 (Brown et al. 2004), and
24.47 ± 0.07 (McConnachie et al. 2005). The most up-to-date values have been
obtained using Cepheids (Saha et al. 2006) and RR Lyrae (Sarajedini et al. 2009,
and Chapter 4 of this thesis), µ0 = 24.54 ± 0.07, 24.46 ± 0.11, and 24.49 ± 0.19,
respectively. Clearly the obtained values here for M32 and M31 distance moduli
are comparable, and, within the errors, it is not possible to determine with our data
whether M32 is projected in front of or behind M31. We are therefore unable to
confirm the results of Ford et al. (1978), who found evidence of M32 being in front
of M31.

2.7 M31 stellar populations in F2

Field F2 serves not only as a background, allowing the M32 photometry to be de-
contaminated for M31, but is also very important as it contains information about
the stellar populations in the inner disk and bulge of M31. In this section we first
compare the stellar populations in F2 with the ones in F1. We then analyze the
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M31 stellar population from the F2 CMD and compare it with what it is known in
the literature.

2.7.1 Differentiating the F1 and F2 CMDs

The CMDs of F1 and F2 are shown in Figure 2.7. We note that, at first glance,
they are very similar. They seem to share the same morphology: a wide RGB, a
noticeable RC, and a BP. Furthermore, when we statistically subtract field F2 from
F1, we notice that many features remain in the CMD of M32. Thus, due to the
similarities in both CMDs, we cannot be certain there is not M32 contamination in
field F2. Is it possible that F2 field is contaminated with tidal debris from M32? If
there were M32 contamination in the background field, we have overcorrected the
M32 CMD and we are thus missing information about our primary field F1. Note
that this is unlikely: the predicted contribution of M32 to the F2 field is very small,
representing a surface brightness of µV ≈ 27.5, while M31 has µV ≈ 22.7 in this
field. On the other hand, we want to be sure that the contamination from M31 was
completely removed from F1 (statistically speaking), and not under-subtracted.

To investigate whether there are differences in the morphology of these two
CMDs, which then would reveal differences in the stellar populations, we have sub-
tracted the normalized F1 Hess diagram (before decontamination) from the F2 one.
The F1 Hess diagram has been normalized by a factor of 0.32, which is the ratio of
the F2 to F1 (uncorrected for M31 contamination) stars above the 80% complete-
ness level. The F2 Hess diagram has been also normalized by its total number of
stars above a completeness level of 80%. Thus, both diagrams are normalized so
that they have the same amount of stars. Figure 2.21 shows the result of this sub-
traction. Negative values illustrate over-subtraction (more M32) whereas positive
values represent under-subtraction (more M31).

Interestingly the subtraction exposes clear differences between the two CMDs.
An over-subtraction would imply an excess of the relative fraction of M32 stars in
that region of the CMD. On the contrary an under-subtracted region would imply
an excess of fraction of M31 stars. It is clear from the subtraction that the RC in the
M31 field lies at and extends towards bluer colors, indicating a more metal-poor
population than in M32. In addition, the RGB of M32 is considerably redder than
that of M31, indicating higher metallicity stars in M32 not present in M31. There
is not a significant difference in the BP population. However there appears to be
an excess of F2 stars at higher luminosities, in the BP, indicating a larger number
of stars with younger ages present in M31. The fraction of M32 stars in the region
of apparent magnitudes F555W between ∼ 27 and ∼ 28 dominates over M31 stars
(see Table 2.4). This, together with the different morphologies of the RCs, suggests
that M32 possesses more intermediate age stars than M31 in our fields. Note in
addition that there is a magnitude difference, ∼ 0.2 mag, between the RCs in F1 and
F2. The brighter RC in M31, however, does not directly indicate that M32 must be
behind M31. As stated in previous sections (see, e.g., Sections 2.5.1 and 2.6), the
CMD location of the RC for a stellar system depends on both its age and metallicity.
Hence, a difference between the RC’s magnitudes in F1 and F2 CMDs may be only
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Figure 2.21: Subtraction of the normalized F1 error-based Hess diagram from the
F2 one. The normalization is such that the number of stars in F1 and F2 are the
same. The normalization factor is 0.32. Negative values imply over-subtraction
and therefore more M32 stars, and positive ones represent under-subtraction and
therefore more M31 stars. The subtraction reveals significant morphological dif-
ferences between the M32 and M31 background CMDs.
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due to differences between the stellar populations of M32 and M31.
Overall, this subtraction reveals that the M31 stellar populations in our field F2

are younger and more metal-poor than the M32 population in F1*. The latter is in
agreement with the MDFs.

2.7.2 M31 inner disk and bulge stellar populations

The stellar populations of the disk of M31 have been extensively studied by several
means. However, those studies were mainly focused on the outer disk of M31. The
present data are the deepest optical observations of the inner disk of M31 to date
and are sensitive to the young stellar populations.

We summarize here our findings about the stellar populations in F2. The broad
RGB of its CMD (right panel in Figure 2.7) indicates a wide metallicity spread.
We derive the MDF of M31, using the method of Section 2.5.1, and it is shown
in the bottom panel of Figure 2.16 as a gray line representing a 10 Gyr-old pop-
ulation. The F2 histogram has been multiplied by a factor of 1.9, the ratio of the
decontaminated M32 to field F2 stars with completeness level above 80%. The
selection of stars to compute the MDF has the same constraints as in the M32
MDF computation but only the results for stars below the RC are shown here since
there was no difference with those above the RC. We have selected 611 stars be-
low the RC in F2, having absolute magnitudes 0.95 < MF555W < 1.60 and dered-
dened colors 0.75 < (F435W − F555W )0 < 1.40. We have assumed a Galactic
reddening of E(B − V ) = 0.08 (Burstein & Heiles 1982) and a distance modu-
lus for M31 of µ0(M31) = 24.45 (this Chapter). The peak of this distribution is
at [Fe/H] ∼ −0.4 dex, indicating a more metal-poor population of stars in our
background field than in F1. Note that almost no stars more metal-poor than
[Fe/H] ∼ −1.2 dex are present in our data. We detect blue stars above the HB
level, indicating the presence of stars as young as 0.5 Gyr (see argument in Brown
et al. 2006 and in Section 2.5.2 above). The detection of AGB stars indicates the
presence of an intermediate-age population. However, the Hess diagram subtrac-
tion suggests that this population in our M31 field is less significant than that in
M32 (see Figure 2.21).

Williams (2002) studied 27 fields in the disk of M31, using HST/WFPC2 archival
data. He performed photometry on these fields and statistically derived the star
formation history of each of them. The random distribution of most of these fields
as well as the comparison of their SFHs allow an overall understanding of the for-
mation and evolution of the M31 disk. Note, however, that these data are strictly
limited to the giant branch and, therefore, an accurate measurement of the age

* We note that this result appears to contradict the mass-metallicity relations found in, e.g., Tremonti
et al. (2004); Gallazzi et al. (2005). However, those relations have not only significant spreads
but also refer to the centers of galaxies. Our M31 field is near the edge of the visible disk and
thus likely has lower metallicity than the center, whereas it is well known that M32 has at best a
mild metallicity gradient so that the outer regions are nearly as metal-rich as the center (see, e.g.,
Worthey 2004). We are therefore comparing the (relatively) metal-poor outskirts of the M31 disk
with the (relatively) metal-rich outskirts of M32, and the mass–metallicity relation as such does not
apply.
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cannot be achieved. Williams concluded that the SFR of the disk as a whole has
been very active until about 1 Gyr ago, when the overall SFR declined with the
exceptions of some areas of the spiral arms. He also showed that the disk of M31 is
deficient in old metal-poor stars and that an intermediate-age, metal-rich popula-
tion is present in most of the fields. A young population, however, is only significant
in fields within the spiral arms. From the 27 fields, three are located in the vicinity
of M32 which show nearly identical SFRs. Their SFRs indicate a moderate decline
from 10 Gyr to 1 Gyr followed by a steep decline after that. The metallicity of these
three fields is quite high, [Fe/H] > −0.5 dex, with only a very small fraction of stars
with [Fe/H] ∼ −1.0 dex in one of the fields. Worthey et al. (2005) have also stud-
ied archival observations of HST/WFPC2 fields in the disk of M31. They however
restricted their interest to the metal abundance distribution and the efficacy of the
closed-box model. They find a robust metal abundance distribution that appears to
hold in the vicinity of our fields but also further out, with a FWHM of ∼ 0.6 dex.
The peak of the distribution at [Fe/H] = −0.25 dex is quite metal-rich, which agrees
with Williams’ results. Olsen et al. (2006), on the other hand, studied high resolu-
tion, deep near-IR images of the inner disk and bulge of M31 obtained with Gemini
North telescope. They conclude that most of the inner disk and spheroid are indis-
tinguishably old, with stellar populations dominated by median ages larger than 6
Gyr. They find a metallicity of [Fe/H] ∼ −0.7 dex in the disk, in agreement with
Ferguson & Johnson (2001). Interestingly, their outermost disk fields, which are
comparable in radial distance to our field F2, have a 10% population of 1 Gyr or
younger stars, more young stars than in their inner fields.

The most extensive study about the disk of M31 was done by Brown et al. (2006).
They used deep HST ACS observations of three fields in M31, one located on the
disk at ∼ 25 kpc from the center of the galaxy, one in the spheroid, and one tidal
stream field. Their data reach stars well below the oldest MSTO, which allowed
them to derive the complete star formation history in those fields. Regarding the
outer disk field, they found a broad RGB, which suggests a wide range of metallicity.
They failed to find a significant old metal-poor population in the disk of M31, due
to the small amount of blue HB stars. The detection of a BP indicates that there
is at least some very young population, with ages of 0.2–1 Gyr, in agreement with
Olsen et al. (2006). After quantitatively fitting their CMDs, Brown et al. concluded
that the outer disk population is dominated by stars of 4–8 Gyr, with a mean age
of 7.5 Gyr and a mean metallicity of [Fe/H] = −0.2 dex. If the contamination from
their spheroid field population is taken into account, they found a younger mean
age (6.6 Gyr) and a higher mean metallicity ([Fe/H] = +0.1 dex). Thus the spheroid
contamination almost completely accounts for the old and metal-poor stars in the
outer disk. Note, however, that given the wide separation between their fields, they
cannot be assured that their spheroidal field is representative of the underlying
spheroid in the disk field.

In general, the stellar populations we find in F2 agree with previous studies of
M31. In particular, the MDF that we have obtained for M31 agrees very well with
the findings by Williams (2002), with a peak at [Fe/H] > −0.5 dex and devoid of stars
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with metallicities lower than [Fe/H] ∼ −1.0 dex. The lack of a significant amount
of metal-poor stars is a common property found in all the studies just discussed.
Our metallicity peak is, however, slightly more metal-poor than that obtained by
Worthey et al. (2005) and Brown et al. (2006), and slightly more metal-rich than
the value obtained by Olsen et al. (2006). Hence, the possibility raised above that
field F2 contains stripped M32 stars is unlikely.

2.8 Summary

Deep F435W (∼ B), F555W (∼ V ) observations of two fields located at∼ 110′′ (M32
field F1) and∼ 320′′ (M31 background field F2) from the nucleus of M32 were made
using ACS/HRC on board HST. The location of the M32 field was chosen so that both
the image crowding and contamination from M31 disk were as minimal as possi-
ble. The M31 background field was located at the same M31 isophotal level of our
M32 field, in order to allow the photometry of M32 to be properly corrected for the
M31 background. Photometry of these images was performed using two different
techniques: aperture photometry applied to the images deconvolved by a PSF and
the DAOPHOT II stand-alone packages. Photometry on deconvolved images has
been shown to do a significantly better job in resolving blends and thus we used its
results for analyzing the data. Before any analysis was done, extensive ASTs were
performed to understand completeness and crowding in our fields. The results
from the completeness and error analysis were used to statistically decontaminate
M32 for the contribution of M31 light and thus the different crowding between
the fields were taken into account when decontaminating. Unfortunately, the se-
vere crowding prohibits us from reaching the oldest MSTOs of M32, and we were
forced to assume that all stars fainter than F555W ∼ 28 are products of blends.
Nevertheless the photometry here is significantly deeper (by at least 2 mag) than
any other obtained so far for similar field positions and we are able to analyze the
stellar populations of M32. Based on the CMD of M32 we conclude the following:

• We find that the core-helium burning stars are concentrated in a red clump, as
expected for a metal-rich system and consistent with results from both spec-
tral analysis and photometric studies. By using the mean color and magnitude
of the RC, we obtain a mean age of 8–10 Gyr for a metallicity of [M/H] ∼ −0.2

in M32.

• We report the detection of the RGB bump and the AGB bump in M32 for
the first time. We use their positions in the CMD relative to the position
in color and magnitude of the RC to constrain the mean age and metallicity
of the population. We find that the mean metallicity of M32 is higher than
[M/H] ∼ −0.4 dex, in agreement with the RGB results, and that the mean age
from this method is between 5 and 10 Gyr.

• The metallicity distribution of M32 inferred from the CMD has its peak at
[M/H] ∼ −0.2 dex. Overall, the metallicity distribution function implies that
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there are more metal-rich stars than metal-poor ones. We find that metal-
poor stars with [M/H] < −1.2 contribute very little, at most 6% of the total V -
light or 4.5% of the total mass in our M32 field, implying that the enrichment
process largely avoided the metal poor stage.

• Bright AGB stars at F555W < 24, i.e. above the TRGB, confirm the presence
of an intermediate-age population in M32 (ages of 4±3 Gyr).

• The observed blue plume is a genuine blue plume and not an artifact of crowd-
ing. It contains stars as young as ∼ 0.5 Gyr. The detected blue loop having
stars with masses of ∼ 2–3 M� and ages between ∼ 0.3 and ∼ 1 Gyr, as well
as the possible presence of a bright SGB are different manifestations of the
presence of a young population. However, it is likely that this young popula-
tion belongs to the disk of M31 rather than to M32. The fainter portion of the
blue plume (F555W > 26) does belong to M32 and it indicates the presence
of stars between 1 and 2 Gyr or/and the first direct evidence of blue straggler
stars in M32.

• We do not observe either a significant BHB or the oldest MSTO, but studies in
our fields have found RR Lyrae stars in M32, hence confirming the presence
of an ancient metal-poor population with our data.

• We note that in general the CMDs of both fields F1 and F2 present an unex-
pectedly similar morphology. By subtracting the normalized F1 CMD from the
F2 one, we see that there are subtle differences, such that M31 appears to
have a younger and more metal-poor population than M32, and M32 appears
to have a more predominant intermediate age population.

• The CMD of our background field F2 exhibits a wide RGB, indicative of a
metallicity spread with its peak at [M/H] ∼ −0.4 dex. The presence of a blue
plume indicates the presence of stars as young as 0.3 Gyr. We have also de-
tected bright AGB stars which reveal the presence of intermediate-age popu-
lation in M31.

• We have calculated the distance to M32 using the RC stars. We obtained a
distance modulus of µ0 = 24.53 ± 0.12 which agrees with previous results.
This estimate is comparable to the distance modulus obtained for M31, µ0 =

24.45 ± 0.12, also using the RC stars. Hence, within the errors we cannot
conclude whether M32 is situated in front of or behind M31.

M32 clearly has a complex SFH: it is dominated by metal-rich intermediate-
age stars and it contains some, but few, old, metal-poor stars as well as possible
young populations. M32 appears to be a normal, low-luminosity elliptical (Kor-
mendy et al. 2009). However, the model proposed by Bekki et al. (2001) of M32
as a tidally-stripped, low-luminosity, early-type spiral galaxy cannot be ruled out
with our data. Whatever its formation history, we can still attempt to place M32’s
SFH into a cosmological context. F1’s dominant population has an age of 8–10 Gyr,
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corresponding to a formation redshift of 1 . zf . 2 (for the cosmology of Komatsu
et al. 2010). M32’s total stellar mass can be inferred from the values in Table 1 of
Cappellari et al. (2006) to be M∗ = 108.66M�. If we assume that, say, 90% of M32’s
stellar mass was formed uniformly in the interval of 8–10 Gyr ago (assumptions that
will be tested when we complete our detailed analysis of the SFH from the CMD),
we derive a specific star formation rate SSFR = SFR/M∗ ∼ 0.45 Gyr−1—typical of
or perhaps even slightly lower than the observed specific star formation rates in
galaxies with mass ∼ 109M� at 1 . z . 2 (e.g. Noeske et al. 2007; Santini et al.
2009). Our observations of M32 thus represent a “ground-truth” of the downsizing
of star formation in galaxies (see, e.g., Cowie et al. 1996; Fontanot et al. 2009): a
low-mass early-type galaxy forming the majority of stars at lower redshifts than the
peak of the Universe’s star formation rate density (e.g., Hopkins & Beacom 2006).

In spite of the fact that we do not reach the oldest MSTOs, our new photometric
results dramatically improve our understanding of the stellar composition of M32.
Synthetic stellar population models ought to be able to reproduce all the features
we presented in this work. We note once again that M32 is the only system with
properties similar to normal elliptical galaxies close enough for which a direct com-
parison between resolved intrinsically faint individual stars and stellar population
models of integrated light can currently be obtained.
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Appendix 2.A BP in WFPC2 archival observations

To investigate the presence of a BP in M32, we retrieved HST WFPC2 observa-
tions taken at four different positions around the center of M32 using the F606W

(wide V ) and F814W (wide I) filters from the ESO/STECF Science Archive. The
images are already calibrated using the standard pipeline data processing. Fig-
ure 2.1 shows the location of the F3, F4, F5 and F6 fields we have analyzed for this
purpose and Table 2.6 summarizes the information regarding to these archival ob-
servations. Note that these fields, except F3, should have a small fractional light
contribution of M32 compared to that of M31. In fact F4, the nearest field to the
center of M32 after F3, contains our F2 background field, implying that M31 dom-
inates over M32 at that position.

For each of these fields, stellar photometry was performed simultaneously on all
available images using HSTphot (Dolphin 2000), a package specifically designed for
use on HST WFPC2 images. Before running HSTphot several pre-processing steps
were done on each individual image for each of the fields. All the routines are de-
scribed in detail in Dolphin (2000) and the HSTphot manual. Briefly, each image
was first masked, using the data quality image included in the HSTphot mask rou-
tine; we next made an initial sky estimate using the routine getsky; after that we
removed cosmic rays using crmask and used the routine hotpixels to mask hot
pixels that differ significantly in value from their neighbors. Finally, all the images
per field were run together in the hstphot photometry routine. The output of this
routine was a list of magnitudes and positions for each stellar-like object as well
as several some global and individual frame solution information that includes a
goodness-of-fit parameter, sharpness, roundness, and object type. We kept objects
that were classified as good stars, having χ < 4 and −0.5 . sharpness . 0.5. The
magnitudes are given in both the WFPC2 photometric system with the applied cal-
ibrations of Dolphin (2000) and the UBVRI system using the color transformations
of Holtzman et al. (1995). To understand completeness in these data we have run
ASTs on each of the fields. HSTphot contains an AST routine which distributes a
grid of artificial stars generated on a two-dimensional CMD according the flux of
the image. Details about how ASTs work in HSTphot can be found in Holtzman
et al. (2006). In short, the AST routine is a post-processing step of the photometry;
the artificial stars are treated in absence of neighbors, i.e. real stars, and thus
crowding is not taken into account. In order to compensate for this problem, we
have compared the output magnitude of each fake recovered star with the magni-
tudes of real stars that are within 2 pixels of its position. We have only kept the
fake star as recovered if it contributes most of the light (Holtzman et al. 2006). We
have performed 100 ASTs on each image, injecting ∼ 5000 stars per AST. We have
located the artificial stars on the CMD with 20 < V < 29 and −1 < (V − I) < 4

distributed according to the flux of the image.
Figure 2.22 shows the (F606W−F814W , F606W ) CMDs for each of the outlying

fields. The main features in these CMDs are the RGB and the TRGB. We can also
see that a blue plume is present in all the fields above the 50% completeness level,
which is indicated as a dashed line in each of the CMD. Note that F5 and F6 have
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Figure 2.22: CMDs of the fields analyzed to investigate the presence of a blue
plume in M32. The magnitudes are calibrated onto the Vega mag WFPC2 system.
The dashed line indicates the 50% completeness level of the data. We can see a
blue plume above the 50% completeness level in all fields. More information about
these fields and CMDs can be found in Table 2.6.

a 50% completeness level at a fainter magnitude than F3 and F4. This is probably
due to the fact that there is less crowding, as expected for these fields which are
located further away from the center of M32 than F3 and F4, and their exposure
times were longer.

To analyze the relative significance of the BP between the fields, we have counted
their blue plume stars as follows. For each field, we defined a box in such a way
that only BP stars that are over the 50% completeness level are inside. This box
is different in each field, given that the completeness levels are not exactly always
the same. We then divided the number of stars in this box by the RGB stars that
are also over the 50% completeness level, obtaining thus a specific frequency of
blue plume stars per field. Both the specific frequency of blue plume stars and the
angular distances of each field to M32 center are indicated in Table 2.6 as “f” and
“d” respectively. An example of how the BP stars box was defined is shown for F3 in
the Figure 2.23. Padova isochrones (Marigo et al. 2008; Girardi et al. 2008) having
ages of 0.08, 0.2 and 0.3 Gyr and a metallicity of Z = 0.009 are superimposed on
the CMD corrected for reddening E(B − V ) = 0.08 (Burstein & Heiles 1982) and
a true distance modulus of µ0 = 24.53 (this Chapter). We can see that they fit the
data very well suggesting that a young population is the origin of the blue plume.
Finally, we compared the specific frequency of blue plume stars between the fields
and we found that the value increases for the fields closer to the center of M32,
where the contribution from M32 becomes significant. This suggests that the blue
plume truly belongs to M32 and is not due solely to the blue plume seen in M31
fields.
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Table 2.6: Archival observations of fields in M32

Field Proposal ID P.I. αJ2000.0 δJ2000.0 tF606W (sec)a tF814W (sec) b Nstars d(′)c fd

F3 GO6664 G. Worthey 00 42 58.80 +40 50 34.6 8800 4400 56,220 3.48 0.008
F4 GTO7566 R. Green 00 43 07.85 +40 53 32.8 1700 1100 48,210 5.16 0.006
F5 GO9392 M.Mateo 00 43 16.93 +40 46 31.2 34700 10000 47,821 8.56 0.005
F6 GO9392 M.Mateo 00 43 50.75 +40 59 35.7 29700 15000 47,289 15.09 0.005

Notes.
a Total exposure time in the F606W filter.
b Total exposure time in the F814W filter.
c Angular distance to the center of M32.
d Ratio of BP stars to RGB stars.
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Figure 2.23: CMD of F3
with young Padova isochrones
(Marigo et al. 2008; Girardi et al.
2008) of ages 0.08, 0.2, and 0.3
Gyr for a metallicity of Z = 0.009

superimposed. We have assumed
a reddening of E(B − V ) = 0.08

(Burstein & Heiles 1982) and a
true distance modulus of µ0 =

24.53 (this Chapter). The dashed-
box represents the region from
which we counted blue plume
stars in this field.

Thus, it remains as an open question as to why the BP in M32 was not seen in
earlier optical data. The fact that the B band has not been previously observed
but just the V and I cannot be reason because the BP is clearly visible in the V I
archival observations shown in Figure 2.22 and in Alonso-García et al. (2004). The
BP was not however seen in G96, who observed with the same WFPC2 camera.
However, the G96 data are closer to the center of M32 than those of Alonso-García
et al. It is likely that the extreme crowding affecting the region of interest made
the detection of the blue plume impossible in previous works. In this context it is
interesting to compare M32 with the dwarf elliptical (dE) NGC 205, also satellite
of M31, which has been known to have blue OB-type stars since Baade (1951, see
also Hodge 1973 and references therein). Only recently has there been a significant
and genuine population of young blue stars observed in its center using ACS/HRC
data (Monaco et al. 2009). Previous works of this galaxy have shown no BP stars,
or some blue stars in the WFPC2 V I data (see Butler & Martínez-Delgado 2005)
although, curiously, few. The fact that in NGC 205, a genuine BP was only observed
with ACS/HRC data whereas it was not (significantly) seen in previous works, favors
our hypothesis that the previous non-detection of a BP in M32 was a problem of
crowding and resolution.
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Chapter 3
The star formation history of
M32

Based on Monachesi A., Trager S.C, Lauer T.R., Hidalgo S.L., Freedman W., Dressler
A., Mighell K.J. & Grillmair C., 2011, in preparation

Abstract

We use deep HST ACS/HRC observations of two fields, one near M32 (F1) and
another control field in M31 (F2), to determine the star formation history

(SFH) of the elliptical M32 for the first time from its resolved stellar populations.
We find that 2–5 Gyr old stars contribute ∼ 40% of M32’s mass while ∼ 55% of
M32’s mass comes from stars older than 5 Gyr in F1. The mean mass-weighted age
and metallicity of M32 at F1 are 〈Age〉 = 6.8±1.5 Gyr and 〈[M/H]〉 = −0.01±0.08 dex,
respectively. The presence of young (< 2 Gyr old), metal-poor stars in the derived
SFH suggests that blue straggler stars (BSS) are present in M32 and that they
contribute ∼ 2% of the mass in F1. This may represent the first direct evidence of
BSS in M32. Our inferred SFH of M32, and in particular the substantial population
of 2–5 Gyr old stars at F1, does not seem to agree with models of formation that
suggest a spiral galaxy as M32’s progenitor. Instead, we favor the idea that M32 is
a low-luminosity, small elliptical galaxy that has had a dissipative merger event.

The inferred SFH of the M31 background field F2 reveals that the majority of
its stars are old, with 95% of its mass already acquired 5–14 Gyr ago, and is com-
posed of two dominant populations: ∼ 40% of its mass in a 5–8 Gyr old population
and ∼ 50% of the mass in a 8–14 Gyr old population. Its mean mass-weighted age
and metallicity are 〈Age〉 = 8.72 ± 1.21 Gyr and 〈[M/H]〉 = −0.15 ± 0.10 dex, respec-
tively. Our results suggest that the inner disk and spheroid populations of M31 are
indistinguishable from those of the outer disk and spheroid. Assuming the mean
age of M31’s disk at F2 (∼ 1 disk scale length) to be between ∼ 5 to ∼ 8 Gyr, our
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results agree with an inside-out disk formation scenario for M31’s disk. Of course,
these are the results of one field in the inner regions of M31 and we need more
observations and statistics to either confirm or rule out what we suggest.

3.1 Introduction

Messier 32 (M32) is today a compact, low-luminosity elliptical galaxy, satellite of
our neighbour M31. Due to its proximity, we can study M32 with great detail not
only from its integrated light but also from its individual, resolved stars in a way
that is impossible for most of the elliptical galaxies, given their greater distances
and high densities. M32 is thus a vital laboratory to test the applicability of stellar
population models used to decipher the star formation history (SFH) of elliptical
galaxies in general. However, M32’s SFH, and therefore its origin, is still con-
troversial. The different scenarios proposed to explain its origins and formation
process extend from a true elliptical galaxy at the lower extreme of the mass se-
quence (e.g., Faber 1973; Nieto & Prugniel 1987) formed through merger events
(Kormendy et al. 2009) to an spiral galaxy which, as a consequence of tidal inter-
actions with M31, lost most of its outer disk and only its bulge survived (e.g., Bekki
et al. 2001; Chilingarian et al. 2009).

The only way to accurately determine the age, and thus the SFH, of a galaxy
is by directly observing its oldest main-sequence turnoff (MSTO). With this goal in
mind, we were awarded 64 orbits with HST ACS/HRC to observe two fields near
M32, F1 and F2 (see Fig. 2.1 in Chapter 2), in order to detect the oldest MSTOs of
this galaxy.

In Chapter 2 we introduced our observations and presented the deepest HST
color-magnitude diagram (CMD) of M32 yet obtained, reaching more than 2 mag
fainter than the RC and fully resolving the RGB and the AGB. Chapter 2 significantly
improved our knowledge on the stellar populations of M32. We have found that
M32 is dominated by intermediate-age and old (8–10 Gyr old), metal-rich ([Fe/H] ∼
−0.2) stars and it contains some old (> 10 Gyr), metal-poor stars ([Fe/H] ∼ −1.6)
as well as possible young populations (0.5 – 2 Gyr old stars). These conclusions
were provided by our qualitatively analysis of the CMD of M32, which showed a red
clump (RC), a red giant branch (RGB), a RGB bump (RGBb), AGB bump (AGBb), and
a blue plume (BP), as main features (see Figure 2.12 of Chapter 2). The analysis
presented in Chapter 2 helped to constrain the ages and metallicities of M32 at
F1 and M31 at F2. However, a quantitative determination of the mix of ages and
metallicities in these fields, which will provide the most detailed information about
their SFHs, requires a deeper analysis.

In this Chapter, we derive the detailed young and intermediate-age SFH of M32
at ∼ 2′ from its center and of M31 at our background field’s location, from a more
sophisticated analysis of the CMDs presented in Chapter 2. We note here that
whereas in Chapter 2 we mainly based our analysis and conclusions on the RC,
RGB, and bump (RGBb and AGBb) features, in this Chapter we mostly probe the
regions of the CMD where the brighter MSTOs are observed. We therefore provide
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Table 3.1: Deconvolved photometry

Field Detectionsa RF435W
PSF

b RF555W
PSF

b ACF435W
c ACF555W

c

F1 58,143 5 5 −0.25 −0.22

F2 27,963 6 16 −0.22 −0.10

Notes.
a Final number of stars detected and used to derive CMDs.
b PSF radius in HRC original pixels.
c Aperture correction.

quantitative information about the younger population of M32. We find that our
field in M32 has a substantial population of 2–5 Gyr old stars contributing to ∼ 42%
of its mass, an unexpectedly large population of young stars for an elliptical galaxy
at such a large distance from its center.

The Chapter is organized as follows. In Section 3.2 we briefly describe our
observations and photometry. Section 3.3 describes the method used to derive
the SFH. We present the results of the SFH analysis obtained for F1, F2 and M32
in Section 3.4. In Section 3.5 we provide a detailed and complete SFH of M32
and discuss its implications on M32’s origins. In Section 3.6 we discuss the SFH
of the inner regions of M31. Finally, we summarize our results and present our
conclusions in Section 3.7.

3.2 Observations and Photometry

The field selection and observational strategy, as well as the image reduction, are
described in Chapter 2 and we refer the reader there for details. Briefly, HST
ACS/HRC images of two fields near M32 were observed during Cycle 14 (Program
GO-10572, PI: Lauer). The M32 HRC field (F1) was centered on a location 110′′

south (the anti-M31 direction) of the M32 nucleus. The background field (F2)
was located 327′′ from the M32 nucleus, roughly along its minor axis, at the same
isophotal level in M31 as F1. The field locations are shown in Fig. 2.1 of Chapter
2.

Stellar photometry was performed on deconvolved combined images. A detailed
description of the deconvolution process is explained in Chapter 2. Figure 3.1
shows the CMDs derived for F1 (left panel) and F2 (right panel) from the decon-
volved photometry, calibrated onto the VEGAmag system. They contain 58143 and
27963 stars, respectively, as indicated in Table 3.1.

Note the difference between the CMD of F1 and F2 at magnitudes between
F555W ∼ 27 and 28 (cyan boxes in Figure 3.1). The number of stars in this region,
where the brighter MSTOs are located, is larger in F1 than F2. This suggests that
there is a bigger contribution of intermediate-age stars in F1 than in F2. We can
better appreciate this difference in Figure 2.21 of Chapter 2, where we showed a
Hess subtraction of the normalized F1 CMD to the F2 CMD.
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3.2.1 Crowding tests

We performed artificial star tests (ASTs) to assess the completeness level and quan-
tify the photometric errors of our data. This is a crucial step for the derivation of
the SFH. The distribution of stars in the observed CMD is modified from the actual
distribution due to the observational errors, particularly at the fainter magnitudes
where most of the information from the older star formation is encoded. The ASTs
are used to simulate the observational errors in the synthetic CMDs that are then
compared with the observed CMDs in the analysis described below.

The procedure and results of the ASTs are presented in Chapter 2 and we refer
to it for further details. The results obtained from these ASTs indicate that the lim-
iting magnitudes of the F1 and F2 CMDs are F555W ∼ 28 and ∼ 28.5, respectively,
nearly independent of color. The CMD of F2 is therefore slightly deeper than that
of F1 (cf. Figs. 2.8 and 2.9 of Chapter 2). The 50% completeness level as well as the
photometric errors derived from the ASTs for F1 and F2 are indicated in Figure 3.1.

3.3 The IAC Method to resolve the SFH

To extract the detailed SFH of F1 and F2 we use the well-known method of fitting
synthetic CMDs to the data (see e.g., Tosi et al. 1991; Bertelli et al. 1992; Tolstoy &
Saha 1996; Aparicio et al. 1997). There are currently different approaches to de-
rive the SFH of galaxies (e.g., StarFISH: Harris & Zaritsky 2001, MATCH: Dolphin
2002, IAC-pop/MinnIAC: Aparicio & Hidalgo 2009; Hidalgo et al. 2011) as well as
different stellar libraries (e.g., BaSTI: Pietrinferni et al. 2004, Padova/Girardi: Gi-
rardi et al. 2000; Marigo et al. 2008) available to compute the required synthetic
CMDs. We use the IAC-pop/MinnIAC method and adopt the BaSTI and Padova
stellar libraries. The IAC-pop code (Aparicio & Hidalgo 2009) uses a modified χ2

merit-function (Mighell 1999) to compare the observed and synthetic star counts in
different boxes (see below) of the CMDs. A genetic algorithm (Charbonneau 1995)
is adopted to minimize χ2. An important characteristic of the code is that it solves
the SFH simultaneously for age and metallicity distributions. It thus provides the
SFH of a stellar system as a linear combination of simple populations, i.e. small
ranges of age and metallicity. We refer the reader to Aparicio & Hidalgo (2009)
and Hidalgo et al. (2011) for more details about this method.

It is important to emphasize that, for the current analysis, we have mainly used
information from the extended MS, MSTO and SGB regions of the CMDs, as we
will see below. We have excluded the RC and most of the RGB regions, which were
the main features analyzed in Chapter 2 and from which we obtained estimates
on the age and metallicity of M32. This is because the physics governing these
phases are more uncertain than those on the MS and SGB, and differences between
stellar libraries are more severe (Gallart et al. 2005). For instance, the morphology
and number of stars occupying the HB/RC evolutionary phases depend on unknown
issues, like mass loss on the RGB or He-core mass. Small differences in the adopted
physics can significantly vary the number of stars and morphology of these CMD
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Figure 3.1: (F435W − F555W , F555W ) CMDs of field F1 (left-hand panel) and
F2 (right-hand panel) obtained using deconvolved images. These contain 58143
and 27963 stars respectively, and are calibrated onto the VEGAmag HST sys-
tem. Note the difference between the CMDs in the region highlighted with cyan
boxes. The larger number of stars in F1 indicate the presence of a more significant
intermediate-age population in this field compared to F2. This region of the CMD
is the one we use to obtain most of the information about the SFH of both fields.
See Section 3.4.1 for more details. The blue line indicates the 50% completeness
level of our data in each field and the photometric errors from ASTs refer to color
(F435W − F555W ) = 1.



92 CHAPTER 3. THE STAR FORMATION HISTORY OF M32

regions. The CMD regions that we probe in this Chapter allow us to obtain detailed
information about the young and intermediate-age populations of M32, which we
could not solve in Chapter 2, but conversely, we are unable to analyze the older
populations as we qualitatively did in Chapter 2.

In what follows we describe the steps carried out to obtain the SFH of F1 and
F2.

1. Synthetic CMD. We first generate a synthetic CMD using IAC-STAR code
(Aparicio & Gallart 2004). The bolometric corrections applied to both li-
braries are those of Origlia & Leitherer (2000) which transform the theo-
retical tracks into the ACS/HRC photometric system. We assume a constant
star formation rate (SFR) from 0 to 14 Gyr and metallicities 0.0001 < Z < 0.04

(−2.3 . [M/H] . 0.3) uniformly distributed at all ages. Note that there is
no assumed age–metallicity relation as input, and the selected age and [M/H]

ranges are broader than those expected for the solution. This allows the
code to find the SFH solution with minimum constraints and ensures no lost
information. We adopted a Kroupa (2002) initial mass function (IMF) from
0.1 to 100M�. The IMF has a slope of 1.3 for stars with masses lower than
0.5M� and 2.3 for stars with higher masses. We assume a 35% binary frac-
tion with a relative mass ratio distribution of > 0.5 (the impact of different
binary fractions on the solution is discussed in subsection 3.4.1). The cre-
ated synthetic CMD, shown in the top panel of Figure 3.2, contains 5 × 106

stars and its faintest magnitude is ∼ 2 magnitudes fainter than the 50% com-
pleteness level of our data. The observational errors (incompleteness and
photometric errors) are simulated using the information obtained from the
ASTs described in a previous section (see Hidalgo et al. 2011, and references
therein for a detailed description of this procedure). The bottom panel of Fig-
ure 3.2 shows the synthetic CMD after observational errors are simulated. We
call it a “model CMD” following Aparicio et al. (1997)’s notation. The model
CMD is the one to be compared with the observed CMD for the derivation of
the SFH of our fields.

2. Parametrization of the CMDs. This is the main input of the IAC-pop code and
it was done using MinnIAC (Hidalgo et al. 2011), a set of routines specially de-
signed for this purpose. We first define the “simple populations”, the age and
metallicity bins in which the model CMD is to be divided. These simple popu-
lations of course represent the bins in which the SFH is to be determined. The
boundaries of the bins that we used are [0, 0.5, 1, 2, 5, 14] in age and [0.01,
0.04, 0.10, 0.20, 0.40, 0.60, 0.80, 1.00, 2.00, 4.00]×10−2 in Z, corresponding
to [M/H] ≈ [−2.20, −1.60, −1.27, −1.00, −0.67, −0.50, −0.35, −0.25, 0.02, 0.32],
assuming Z� = 0.019 . These constitute 5 × 9 = 45 simple populations. The
resolution in age and metallicity was selected after several mock experiments
as the optimal choice for our data given the observational uncertainties. Note
that the bin width in age increases significantly for older populations. This is
due to the limits imposed by the crowding; we cannot extract more detailed
information about the oldest stars.
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Figure 3.2: Top panel: Hess representation of the synthetic CMD generated using
IAC-STAR code for a range of age between 0 and 14 Gyr and metallicities uniformly
distributed at all ages between 0.0001 and 0.04. It contains 5 × 106 stars. Bottom
panel: Hess representation of the model CMD, i.e. the synthetic CMD after the
observational errors have been simulated. It contains ∼ 2 × 106 stars. This model
CMD is the one to be compared with the observed CMD to derive the SFH.



94 CHAPTER 3. THE STAR FORMATION HISTORY OF M32

−0.5 0 0.5 1 1.5 2

−3

−2

−1

0

1

2

3

4

(F435W−F555W)
0

M
F5

55
W

b6

b5

b4

b2

b3

b1

Figure 3.3: CMD of field F1 in absolute magnitudes, assuming a distance µ0 =

24.53 and E(B − V ) = 0.08, with the location of the bundles superimposed. Each
bundle is subdivided into boxes with sizes that vary from one bundle to another
(see Table 3.2). This allows each CMD region used for the analysis to have differ-
ent weights on the extracted SFH. Note that most of the RGB and RC regions are
excluded of our SFH analysis. Uncertainties in the physics governing that evolu-
tionary phases are larger than those in the MS and SGB region.
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Table 3.2: CMD regions used for the fitting

Bundle # of boxes Size of boxes (color, mag) CMD region sampled

1 500 (0.01, 0.20) lower MS
2 150 (0.03, 0.30) upper MS
3 3 (0.50, 0.40) SGB
4 7 (0.50, 0.50) left of the MS
5 5 (0.50, 0.90) Right of the RGB
6 9 (0.20, 0.60) Upper RGB

We then define six “bundles”, macro-regions of the CMDs used for the fitting.
We show in Figure 3.3 the CMD of F1 with the selected bundles superimposed.
The bundles are subdivided into boxes, whose sizes vary from bundle to bun-
dle. The bundles and boxes are equally sampled in the observed and model
CMDs. Since the number of stars in each box is the information provided
to the IAC-pop code, the different bundle subdivisions provide the weights a
given CMD region has on the derived SFH. For instance, CMD regions well-
populated and/or where the input physics is better understood (e.g., bundle
1) have smaller boxes than CMD regions where either the number of stars is
smaller or the uncertainties in the input physics significantly affect its model-
ing (e.g., bundle 6). The properties of the boxes for each bundle are specified
in Table 3.2. Note, in Figure 3.3, that only stars brighter than the 50% com-
pleteness level were considered to extract the SFH. Below this region, most of
the information is lost and results obtained from lower-completeness regions
are unreliable (see also the bottom panel of Fig. 3.2). Also, as mentioned
above, we did not use most of the RGB and RC. Adding bundles in those re-
gions did not modify the solution significantly but increased χ2 from ∼ 2 to
∼ 5. Bundles 5 and 6 were only adopted to constrain the metallicity of the
system and the number of RGB stars, respectively (see Figure 3.3).

3. Solution. For a given parametrization, i.e., box sizes and simple population
boundaries, MinnIAC counts the stars in each of the boxes for both the ob-
served and model CMDs. The number of stars in each box is the input infor-
mation to run IAC-pop code. IAC-pop compares the observed and model star
counts in each box using a modified χ2 merit-function (Mighell 1999), calcu-
lating which combination of simple populations best reproduces the observed
CMD. A SFH solution is obtained as a linear combination of the simple popu-
lations. Thus, IAC-pop solves the SFH considering the age and metallicity as
independent variables.

4. Uncertainties and stability of the solution. To minimize biases in the solution
due to the sampling, MinnIAC allows slight changes in the input parameters.
The simple populations (the age and metallicity bins) are shifted 12 times,
and for each of these shifts, the boxes are shifted three times. These 36
sets of parameters are used to generate 36 individual solutions. The final
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SFH solution is the average of these. This “dithering” process significantly
reduces fluctuations in the solution associated with the sampling (Hidalgo
et al. 2011). The standard deviation of the “dithers” provides a measurement
of the uncertainties on the solution (see Aparicio & Hidalgo 2009, for further
discussion of uncertainties in the solution).

To take into account uncertainties in the distance modulus (±0.14: Chapter 2),
reddening (±0.03: Burstein & Heiles 1982), aperture corrections (Chapter 2),
and other systematics possibly affecting the zero points of our photometry, we
allow the observed CMD (not the model) to shift in both color and magnitude.
The observed CMD is shifted four times in magnitude and three times in color.
MinnIAC repeats the entire process of generating the input information and
averages the 36 individual solutions generated by IAC-pop, for each of the po-
sitions in a magnitude–color grid. The grid has 35 nodes, where the shifts in
magnitude are (−0.14, −0.07, 0, 0.07, 0.14), and the shifts in color are (−0.12,
−0.09, −0.06, −0.03, 0, 0.03, 0.06). In total we generate 36× 35 = 1260 individ-
ual solutions for each field (F1 and F2) and library (BaSTI and Padova/Girardi)
combination.

5. Final best solution. After the observed CMD-shifting and “dithering” process,
we have 35 averaged solutions, one for each color-magnitude node. Among
the 35 mean solutions, the one with least χ2

ν is chosen to be the final solution
that best reproduces our observed CMD.

3.4 Results of the SFH Analysis

Table 3.3 indicates the χ2
ν,min values reached for F1 and F2, using both BaSTI and

Padova/Girardi libraries, for the 35% binary fraction adopted. As previously men-
tioned, for each shift in color and magnitude of the observed CMD, we average the
36 individual solutions as well as its corresponding χ2

ν . The nodes at which the
mean minimum χ2

ν , i.e. χ2
ν,min was reached are also indicated in Table 3.3. We con-

sider the averaged solution corresponding to χ2
ν,min as the one that best reproduces

our observations. For F1 this was found at (δ(F435W − F555W )0, δMF555W ) =

(−0.09, 0.07) with χ2
ν,min = 2.08 and for F2 (δ(F435W − F555W )0, δMF555W ) =

(−0.06, 0.0) with χ2
ν,min = 2.29. We emphasize here that the shifts in the observed

CMD at which we obtained the best solution do not represent corrections to the
distance or reddening estimates, since photometric corrections and model system-
atics are also present.

The χ2
ν,min values suggest that the BaSTI isochrones fit the data better than

the Padova/Girardi isochrones for both fields. Nevertheless, the solutions obtained
with both libraries are very similar, with the Padova/Girardi isochrones generating
a best-fit mean solution slightly more metal-rich than BaSTI. For simplicity, we
consider the solutions obtained using the BaSTI isochrones for most of the following
analysis.



3.4. RESULTS OF THE SFH ANALYSIS 97

Table 3.3: χ2
ν,min values for the different assumptions considered

Field Binary % (δcolor, δmag)a χ2
ν,min

BaSTI

F1 0 (−0.09 , 0.14) 2.04
35 (−0.09 , 0.07) 2.08
70 (−0.09 , 0.07) 2.02
100 (−0.09 , 0.14) 1.98

F2 0 (−0.03 , 0.00) 2.28
35 (−0.06 , 0.00) 2.28
70 (−0.03 , 0.00) 2.28
100 (−0.03 , 0.00) 2.26

Padova/Girardi

F1 0 (0.00 , 0.00) 4.07
35 (0.00 , 0.07) 3.07
70 (0.00 , 0.07) 3.49
100 (0.00 , 0.07) 3.35

F2 0 (−0.09 ,−0.07) 2.62
35 (0.03 , 0.00) 2.82
70 (−0.12 , 0.00) 2.58
100 (−0.09 ,−0.07) 2.53

Notes.
a Color and magnitude shifts of the observed CMD at which
the χ2

ν,min value is reached.

3.4.1 The SFH of F1 and F2

We show in Figures 3.4 and 3.5 the best-fit mean SFH= Ψ(t, Z) solution for F1 and
F2 in a 3D-histogram representation, respectively, as well as the two projections
Ψ(t) (red line) and Ψ(Z) (blue line). Ψ(t) is the SFR as a function of time or age dis-
tribution, i.e. the = Ψ(t, Z) integrated over metallicity, and Ψ(Z) is the metallicity
distribution function, i.e., the = Ψ(t, Z) integrated over time. Both distributions are
normalized by the area in pc2. Recall that field F2 has ∼ 1/3 the amount of stars as
F1.

The most striking feature of Figure 3.4 is the significant burst of star formation
in F1 that occurred 2–5 Gyr ago. F2 is predominantly old, with some contribution
of young and intermediate-age stars from 0.5 to 5 Gyr ago, but its 2–5 Gyr old
population is not as prominent as that of F1. We emphasize here that differences
in the intermediate-age population between the fields were expected (see Chapter
2 and Fig. 3.1). However, the significant SFR in the 2–5 Gyr bin in F1 compared
with F2 is rather surprising. As F1 has contributions from both M32 and M31 stars
and F2 is expected to have a negligible contribution from M32, the derived SFHs
suggest that the burst of stars 2–5 Gyr ago in F1 is associated almost entirely with
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Figure 3.4: SFH= Ψ(t, Z) of F1 obtained using BaSTI models and assuming a 35%
binary fraction. The blue and red lines are the two SFH projections: metallicity
distribution Ψ(Z) and age distribution Ψ(t), respectively. Note that Ψ(Z) does not
represents metallicity evolution, as it is integrated over age, and thus should not
be compared with panel (d) of Figure 3.6, which shows Z as a function of age. The
solution is calculated by averaging the 36 solutions at the χ2

ν,min in the δmag−δcolor

grid. χ2
ν,min is 2.08. Note the prominent stellar population with ages 2–5 Gyr

present in F1 but nearly absent in F2 (see Figure 3.5). Although differences were
expected (note the different number of stars inside the cyan box in Figure 3.1 and
the results in Chapter 2), the significant different SFRs in the 2–5 Gyr bin between
the two fields is surprising.
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Figure 3.5: SFH= Ψ(t, Z) of F2 obtained using BaSTI models and assuming a 35%
binary fraction. The blue and red lines are the two SFH projections: metallicity
distribution Ψ(Z) and age distribution Ψ(t), respectively. Note that Ψ(Z) does not
represents metallicity evolution, as it is integrated over age, and thus should not
be compared with panel (d) of Figure 3.7, which shows Z as a function of age. The
solution is calculated by averaging the 36 solutions at the χ2

ν,min in the δmag−δcolor

grid. χ2
ν,min is 2.28. Recall that the number of stars in F2 is ∼ 1/3 of that in F1 (see

Figure 3.4). F2 is predominantly old, with nearly absent stars younger than 5 Gyr.
The significant different SFRs in the 2–5 Gyr bin between the fields F1 and F2 is
surprising.
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Table 3.4: Integrated quantities derived from the SFHs

Field 〈Age〉 (Gyr) 〈[M/H]〉 (dex) int(SFH) (106M�)

BaSTI library

F1 7.95 ± 1.35 −0.07 ± 0.10 5.19 ± 0.50

F2 9.12 ± 0.80 −0.15 ± 0.10 2.59 ± 0.24

M32 (F1-F2) 6.80 ± 1.50 −0.01 ± 0.08 2.60 ± 0.50

F2a 8.72 ± 1.27 −0.15 ± 0.10 2.40 ± 0.18

Padova/Girardi library

F1 7.99 ± 1.33 0.01 ± 0.10 5.88 ± 0.76

F2 9.03 ± 0.85 −0.07 ± 0.10 2.81 ± 0.29

M32 (F1-F2) 7.03 ± 1.50 0.06 ± 0.10 3.07 ± 0.75

Notes.
aSFH of F2 was derived using BaSTI library with an extra age bin,
from 5–8 Gyr.

M32. We discuss this further in the next section.
Figures 3.6 and 3.7 display the main results projected from the extracted SFHs

of F1 and F2, respectively. We find that:

• F1 acquired 75% of its stellar mass between 5 and 14 Gyr ago. Stars with
ages of 2–5 Gyr contribute 23% of the mass in F1. The remaining 2% of mass
in F1 is constituted by stars younger than 2 Gyr.

• F1 is metal-rich with an almost constant age–metallicity relation.

• F1’s mass-weighted mean age is 7.95± 1.35 Gyr and its mass-weighted metal-
licity is [M/H] = −0.07± 0.10 dex (Table 3.4).

• F2 is predominantly old, with 95% of its mass already formed 5–14 Gyr ago.
There is a small contribution of mass to the system after that, and it stopped
forming stars ∼ 0.5 Gyr ago.

• F2 is also quite metal-rich, but is marginally more metal-poor than F1, with
a slight age–metallicity relation showing a small increase in metallicity at
younger ages.

• F2’s mass-weighted mean age is 9.12± 0.80 Gyr and its mass-weighted metal-
licity is [M/H] = −0.15± 0.10 dex (Table 3.4).

The integrated quantities derived for the SFHs of F1 and F2 using Padova/Girardi
Library are also indicated in Table 3.4.

Figures 3.6e and 3.7e show comparisons between the observed (left) and cal-
culated CMD (middle) as well as the Hess diagram of the residuals in units of the
Poisson uncertainties (right), for F1 and F2 respectively. The calculated CMDs
have been obtained by randomly extracting stars from the synthetic CMDs in such
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Figure 3.6: The SFH of F1. (a) SFR as a function of time; (b) cumulative mass-
weighted age distribution; (c) mass as a function of metallicity; (d) age–metallicity
relation; and (e) comparison between the observed, calculated CMDs and a Hess
representation of the residuals. The Hess diagram of the residuals is shown in units
of the Poisson uncertainties. The vertical solid line in panel (b) represents the mean
age (∼ 8 Gyr) of the system, and the dashed lines indicate the 1σ deviation of that
value.
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Figure 3.7: As in Figure 3.6 for F2. The mass in F2 is ∼ half of that in F1.
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a way that the resulting star distribution follows the best calculated SFHs. For both
F1 and F2, the model CMD shows reasonable agreement with the observed CMD
throughout most evolutionary phases, which is also reflected in the residual Hess
diagrams. The RC regions, however, show significant discrepancies. This is not
surprising; due to uncertainties in, e.g., the mass loss during the RGB or the He
content of the stars, that particular evolutionary stage is not well-modeled—but we
have not used this region in deriving the solutions. There is also some discrepan-
cies for magnitudes fainter than the 50% completeness level, but this region was
also not used for the derivation of the SFHs.

Effect of binaries

The results presented in the previous subsection were obtained assuming a 35%
binary fraction in the synthetic CMD. To investigate how much this assumption
might affect our solution, we have repeated the entire process of deriving the best
mean SFH of F1 and F2 assuming not only 35% but also 0%, 70% and 100% binary
fractions in the synthetic CMD. The mass ratios between the components of the
binaries were set to be uniformly distributed between 0.5 and 1.

Table 3.3 shows the values of the χ2
ν,min as a function of the assumed binary frac-

tion for F1 and F2, and using the stellar libraries BaSTI and Padova/Girardi. We
can see that, for F1, the goodness of fit does not significantly improve when vary-
ing the binary fraction if we use the stellar library BaSTI. However, Girardi/Padova
models finds the best fit to the observed CMD in F1 when the fraction of binaries is
35%. For F2, the χ2

ν,min as a function of binary fraction is nearly constant, regard-
less the stellar library used. Note that BaSTI isochrones always recover a better
fit, i.e. lower χ2

ν,min than Girardi/Padova ones for both F1 and F2 observed CMDs.
The position in the (δ(color), δ(magnitude)) grid at which χ2

ν,min is reached for F1 is
nearly insensitive to changes in the model binary fraction. This is not the case for
F2, which reflects the fact that its CMD is deeper than that of F1.

Figure 3.8 shows the comparison of the derived SFHs. The SFR as a function
of time for F1 (left panel) and F2 (right panel) indicates that the calculated so-
lution does not change significantly but becomes older as the number of binaries
increases in the model CMD. This is expected: the larger the number of binaries in
a system, the more luminous the effective (that is, observed) MS and the brighter
and redder the effective MSTO of its CMD.

3.4.2 Uniqueness of the SFH solution

The IAC method does not introduce any systematic error to the SFH solution, pro-
vided that the age and metallicity bins used to extract the SFH are appropriate to
the observed CMD. This has been verified by several mock experiments performed
at Insituto de Astrofísica de Canarias in which the SFH of mock galaxies of known
SFH have been recovered rather accurately (see Aparicio & Hidalgo 2009; Hidalgo
et al. 2009, 2011). In this work, we have also performed several mock experiments
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Figure 3.8: Comparison of the SFRs as a function of age for different assumed
binary fractions in the synthetic CMD. The left panel shows the results for F1 and
the right panel shows the results for F2. The solution becomes older as we increase
the number of binaries in the model. This can be clearly seen in the first two bins of
the SFR in F1 (left panel), which represent ages of ∼ 10 and ∼ 4 Gyr, respectively.
This reflects the fact that as we increase the number of binaries of the model CMD,
its effective MS becomes more luminous and its effective MSTO becomes brighter
and redder.

to find the appropiate resolution at which, according to our observed CMDs, we
recover the SFH of mock galaxies reasonably well.

Thus, each SFH solution obtained is “unique,” by which we mean that combi-
nations of simple populations within the error bars of the SFH will produce CMDs
indistinguishable from the best fit CMD. Any other SFH which is combination of
simple populations significantly different that those of the final SFH (i.e., not possi-
ble within the error bars of our solution) will produce a CMD significantly different
than the best-fit CMD and, therefore, than the observed one.

3.4.3 The SFH of M32 as revealed by the IAC method

To calculate the SFH of M32, we make use of the derived SFHs of F1 and F2*. These
are represented as linear combinations of the same input simple populations, i.e.,
the same age and metallicity intervals. Only the weights of each simple population
(see Aparicio & Hidalgo 2009) differ from one SFH to the other. Given this fact,
and assuming that the SFH of M31 in F1 and in F2 is identical, calculating the SFH
of M32 is straightforward: we simply subtract the values of the weights of each
simple population in the F2 SFH from those in the F1 SFH.

* We would ideally need a deep CMD composed solely of M32 stars to derive the SFH of M32, which
we attempted to derive in Chapter 2. Under the assumption that the M31 stellar populations in F1
and F2 are statistically the same, we subtracted the stars of the F2 CMD from the CMD of F1 taking
into account the difference in crowding of the fields. This produced the deepest CMD of M32 yet
obtained. However, the use of such CMD to extract the SFH of M32 would introduce uncertainties
associated with the decontamination process.
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Figure 3.9: SFH of M32 obtained after subtracting the calculated SFH of F2 from
that of F1. We find two dominant populations contributing to the SFH of M32. One
is 2–5 Gyr old and contributes ∼ 40% of the total mass of M32 at F1. The population
older than 5 Gyr contributes ∼ 55% of the total M32’s mass at F1. Note that some
of the stars younger than 2 Gyr are quite metal-poor compared to the nearly solar
mean metallicity of M32. This suggests that these are BSS and may be the first
direct evidence of such a population in M32.
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Figure 3.10: The SFH of M32. (a) SFR as a function of time, clearly indicating the
two dominant populations: at ∼ 8 Gyr and ∼ 4 Gyr; (b) cumulative mass-weighted
age distribution which shows how much each population contributes to the total
mass of M32 at F2; (c) mass as a function of metallicity, indicates the mean metal-
licity of the system, roughly solar; and (d) age–metallicity relation, nearly constant.
The vertical lines in panel (b) represent the mean age (∼ 6.8 Gyr) of M32 in F1.
The dashed lines indicate the 1σ deviation of this value. Note in panel (c) that the
mass value contributing to the metallicity bin at [M/H] ≈ −1.1 is negative. This is
of course not real and indicates that the SFH of M32 as derived from the SFHs of
F1 and F2 is an approximation; however, it is the closest that we can obtain for the
SFH of M32.
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Figure 3.9 shows the inferred SFH of M32 for the first time calculated from its
resolved stellar population. We used the F1 and F2 SFHs shown in Figures 3.4 and
3.5, inferred using the BaSTI isochrones and a 35% binary fraction. We can see that
a major burst of star formation occurred in M32 2–5 Gyr ago, responsible for ∼40%
of M32’s current mass at F1’s location. This can be seen from the cumulative mass
function, shown in panel (b) of Figure 3.10. Stars older than 5 Gyr contribute ∼55%
of the total mass of M32 in this field. From this CMD-fitting analysis, however, due
to the limitations imposed by the crowding of our fields, we cannot specify when
the star formation started, whether it was constant over the 5–14 Gyr period, or
if it peaked at some age. Integrated quantities derived from the calculated M32
SFH are indicated in Table 3.4. Note that the estimated mean age and metallicity
of M32, ∼ 6.8 Gyr and ∼ −0.01 dex, respectively, are younger and more metal-rich
that the mean age and metallicity of F1, because M31’s mean age and metallicity
in F2 is older and more metal-poor than M32 in F1.

The age–metallicity relation for M32 is basically constant (Fig. 3.10d) although
it seems to show a mild increase at ∼ 5 Gyr followed by a small decrease at ∼ 2
Gyr. We note that an almost constant age–metallicity relation appears to suggest
that M32 has not experienced any metal enrichment. However, the lack of resolu-
tion in age means that we cannot extract detailed information on stars older than
5 Gyr. Most of the chemical evolution of the system has likely occurred during that
5–14 Gyr period. M32’s mass-weighted peak in metallicity is at [M/H] ∼ 0.2 dex
(Fig. 3.10c). Note that the mass reaches negative values for the metallicity bin
between −1 and −1.2, which can also be seen in the metallicity projection of Fig-
ure 3.9. This is of course not real and indicates that the SFH derived from F1–F2 is
not exactly the SFH of M32 but is an approximation of the real SFH.

We show in the top panel of Figure 3.11 the calculated CMD of M32, with its
stars color-coded according to age. The CMD was obtained by randomly extracting
stars from the model CMD, in such a manner that their star distribution follows the
calculated SFH. This figure provides explicit information of the age interval that
populates each region of the CMD as well as it shows how the various ages combine.
We see, for example, that stars of different ages contribute to the RC. Younger stars
populate the brighter bluer portion of the RC while older stars populate the fainter,
redder portion of the RC. The BP is only populated by stars younger than 2 Gyr. The
bottom panel shows the CMDs produced by each age interval considered in the
extraction of the SFH. We can appreciate in detail the differences between each
CMD as the ages vary, from only an extended main sequence (bottom left panel,
ages ∼ 0.5 Gyr) to a CMD with well-populated RGB, RC and AGB evolutionary
phases (bottom right panel, ages of 5–14 Gyr). Note the presence of only few BHB
stars in the bottom right panel, as expected for systems as metal-rich as M32; in
the composite CMD (top panel), these few BHB stars are mixed with young, blue
stars in the extended MS.
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Figure 3.11: Top panel: Calculated CMD of M32, obtained by randomly extracting
stars from the model CMD in such a way that they follow the derived SFH of M32.
The stars are color-coded according to age. Note how the various ages fit together
and the age interval that populates each region of the CMD. Bottom panel: Each
CMD is composed by stars of a different age interval. From an only extended main
sequence (left panel, ages ∼ 0.5 Gyr) to a CMD with well populated RGB, RC and
AGB evolutionary phases (right panel, ages of 5–14 Gyr). Note the differences in
the MSTO region and fainter MS in the last two CMDs. The MSTOs for the younger
population (2–5 Gyr) are brighter and bluer than the ones for the 5–14 Gyr old
population.
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Young population (Ages < 2 Gyr) vs. Blue Stragglers

In Chapter 2, we discussed the possibility that the fainter stars in the BP of M32
could be old BSS rather than a young stellar population with ages < 2 Gyr. How-
ever, the analysis presented in Chapter 2 did not allow us to confirm or rule out
either case. BSS are stars hotter, bluer and brighter than the MSTOs in a CMD,
thus generating a blue plume. Given their locations on the CMD, they are burning
hydrogen in their cores with masses larger than the turn-off mass, which indi-
cates that some sort of mechanism rejuvenated their inner layers. Although such a
mechanism is still a matter of debate, there are currently two theoretical possible
scenarios to explain the BSS origin: they are the result of either a collision be-
tween stars (e.g., Sigurdsson et al. 1994) or mass-transfer in a binary system (e.g.,
McCrea 1964; Carney et al. 2001).

We investigate the nature of these stars from the SFH presented here. Stars
younger than 2 Gyr constitute ∼ 4% of the total mass of M32 at F1. Figure 3.9
shows that some of the young stars, produced by a very low SFR event at Look-
back time < 2 Gyr, are rather metal poor ([M/H] ∼ −0.7) in comparison with the
mean metallicity of M32 ([M/H] ∼ 0.0). Given the almost constant age–metallicity
relation for M32 and the presence of intermediate-age stars (2–5 Gyr old) of solar or
even higher metallicity, it is unlikely that M32 contains at the same time younger
stars with significantly sub-solar metallicities. The most plausible explanation is
that these stars are BSS belonging to an old metal-poor population. BSS are found
in open and globular clusters (Ferraro et al. 2004; Mapelli et al. 2004, 2006; Piotto
et al. 2004; de Marchi et al. 2006), dwarf spheroidal galaxies (Hurley-Keller et al.
1999; Carrera et al. 2002; Momany et al. 2007; Mapelli et al. 2009; Monelli et al.
2010), and even in the Milky Way halo field population (Preston & Sneden 2000).
Therefore, it seems natural to consider that they can also be found in an elliptical
galaxy. These stars represent ∼ 2% of the mass of M32 in F1 and might be the
first direct evidence of BSS in this galaxy. An alternative explanation could be that
these young and metal-poor stars were generated by an episode of late infall of
metal-poor gas. However, if we assume that M32 is interacting with M31, we would
not expect M32 to accrete gas, but instead to lose gas to M31 through stripping.

The other ∼ 2% of stars with ages < 2 Gyr that we find in the SFH inferred for
M32 may indeed represent a young metal-rich population in M32 at F1.

3.5 The Star formation history of M32

By combining the results in the present work with the analysis in Chapter 2, we
can finally provide a detailed and complete SFH of M32. We conclude that M32 has
had an extended SFH and is composed of two main dominant populations at F1: ∼
40% of the mass in a 2–5 Gyr old, metal-rich population and ∼ 56% of the mass in
stars older than 5 Gyr, with slightly subsolar metallicities. From the RC, RGB bump
and AGB bump analyzed in Chapter 2, the bulk of the old population is 8–10 Gyr
old. We therefore do not expect a significant contribution from stars older than 10
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Gyr in M32 at F1. Nevertheless, there are a few ancient metal-poor stars present
in M32, as revealed by the detection of RR Lyrae belonging to M32 at F1. The
∼ 4% of the rest of the mass is roughly equally divided between a young metal-rich
population and a young metal-poor population. We associate the latter with blue
straggler stars belonging to an old (likely metal-poor) population. We confirm the
existence of the younger (< 5 Gyr) stars through the presence of bright AGB stars
observed in Paper I, with the appropriate ages.

The age–metallicity relation for M32 is basically constant, although there is a
small increase in metallicity at younger ages. The mean mass-weighted metallicity
of M32 [M/H] ∼ −0.01 dex with its peak is at [M/H] ∼ 0.02 dex. We emphasize here
again that an almost constant age–metallicity relation appears to suggest that M32
has not experienced metal enrichment; but as in F1, this is due to the poor age
resolution and does not imply the lack of an age–metallicity relation. Stars with
metallicities lower than [M/H] . −1 dex only contribute ∼ 5% of the total mass
of M32 at ∼ 2′ from its center. This is consistent with the photometric metallicity
function (MDF) of M32 derived in Paper I, which shows that the majority of the stars
has a slightly sub-solar metallicity at [M/H] ∼ −0.2 dex. The MDF also indicated
that metal-poor stars with [M/H] < −1.2 contribute very little, at most 6% of the
total V -light to M32 or 4.5% of the total mass in F1, implying that the enrichment
process largely avoided the metal poor stage.

3.5.1 On the formation of M32

Certainly, the most striking result of this work is the substantial contribution of
2–5 Gyr old metal-rich stars to the total mass of M32 at F1. How has an elliptical
galaxy like M32 formed such a young population of stars? What is the origin of this
population? In this section we attempt to address these questions and discuss, in
particular, the most popular proposed formation scenarios for M32.

A formation scenario for M32 has been proposed by Kormendy et al. (2009,
hereafter K09), in which M32 is a normal, low-luminosity elliptical galaxy. K09 find
that both central and global parameter correlations from recent accurate photome-
try of galaxies in the Virgo cluster place M32 as a normal, low-luminosity elliptical
galaxy in all regards. K09 fit a Sersic profile to the SB of M32 with n = 2.8, in
agreement with Sersic indices of other low-luminosity ellipticals studied by K09.
They interpret the light at the center of M32 that was not fit by their Sersic profile
as a signature of formation in dissipative mergers (Mihos & Hernquist 1994). Extra
central light is a general feature of coreless galaxies and is observed in all the other
low-luminosity ellipticals of K09’s sample.

An alternative scenario for the formation of M32 has been proposed by Bekki
et al. (2001, hereafter B01), who assumed that M32 is the result of a low-luminosity
spiral galaxy, whose bulge, unlike most of its outer disk, survived its interactions
with M31*. In their N-body/smoothed particle hydrodynamics simulations, B01 con-

* The idea that M32, as well as other small high-surface brightness galaxies, is a tidally truncated
galaxy has been discussed several decades before B01 models. In, for example, Faber (1973), the
original truncated galaxy was a more massive elliptical galaxy, from which only the tightly bound
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sidered a gas-rich low-mass disk galaxy with a bulge orbiting a massive disk galaxy
like M31. Due to the interactions of the spiral with M31, the disk gradually loses
most of its outer regions (from 2 kpc to 5 kpc) and only keeps ≈ 40% of its initial
mass in stars initially located in the central regions, i.e., within 2 kpc of the cen-
ter. On the other hand, the bulge is only weakly affected by tidal interactions with
M31 due to its compactness, and only ≈ 19% of its mass is lost. At ∼ 0.5 Gyr after
the interactions have started, the outer stellar disk of the spiral galaxy is stripped
away and only a compact bulge can be seen. New star formation is triggered by
the interaction of the gas-rich spiral with M31. At the end of their simulations,
there is a fractional disk, bulge, and new stars mass ratio of ≈ 49%, ≈ 42%, and
≈ 0.9%, respectively, within 2 Kpc of the remnant compact galaxy. Our field F1 is
located at 110′′, i.e. ∼ 0.5 kpc from the galactic center, at M32’s distance. Within
this scenario, the ≈ 40% of 2–5 Gyr old stars that we find could be in principle
disk stars of the original spiral galaxy; the ≈ 55% of stars older than 5 Gyr would
be a mix of stars mostly of the original bulge and partly of the original inner disk.
In addition, our finding of ≈ 2% metal-rich stars younger than 1 Gyr would be the
result of the centralized star formation in M32, triggered by the tidal field of M31.
However, according to B01 scenario, only the stars initially in the inner regions of
the disk survive. Thus we should be observing disk stars with ages 8–10 Gyr, as-
suming either an inside-out or outside-in formation scenario for the disk (see e.g.,
Sommer-Larsen et al. 2003, and discussion in Section 3.6) and considering that we
are looking at a ≈ 0.5Rd, where Rd = 0.9 kpc is the scale length radius of B01’s
disk. In short, B01 model would imply that M32 contains only the old bulge and
very inner disk populations of an spiral galaxy, with only ∼ 1% of its mass composed
by new ∼ 0.5 Gyr old stars. This is difficult to reconcile with our results, given the
substantial 2–5 Gyr old intermediate-age population detected in this work.

Based on the results obtained in a small fraction of the galaxy at 110′′ from
the galactic center, we interpret M32 as a normal low-luminosity elliptical galaxy,
as proposed by K09. Its substantial population of metal-rich 2–5 Gyr old stars
contributing to ≈ 40% of M32’s mass at F1 is likely the result of a dissipative
merger event that shape the galaxy and are intrinsic to the formation process of
M32. The galaxies that hypothetically merged to form M32 as we see it today
must have had gas to form those stars. If, on the contrary, a dry merger was the
responsible of the formation of M32, then the 2–5 Gyr old stars should have been
already formed in the galaxies that merged together and, moreover, the merging
galaxies would not have gas left available to form stars. Thus, the merger should
have occurred ∼ 1 Gyr ago, but the properties of M32 indicate that this galaxy is
relatively relaxed.

Our results, on the other hand, represent the first evidence of the existence of
such a young population (2–5 Gyr old) in an elliptical galaxy at a radial distance
from its center as far away as ≈ 2.7 effective radii.

core of the original elliptical remains after a strong tidal interaction.
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3.6 The disk and spheroid population of M31 in F2

In Chapter 2, we compared our findings in F2, in particular its metallicity distri-
bution function (MDF), with several previous works on the disk and bulge of M31
(e.g. Williams 2002; Worthey et al. 2005; Olsen et al. 2006; Brown et al. 2006). We
found in general a reasonably good agreement with most studies. In this section
we discuss our new, quantitative results on the stellar populations at F2 and their
implications on the formation of the M31’s disk. M31 seems to have formed most
of its stars between 5–14 Gyr ago at F2. As mentioned above, we cannot precisely
indicate when the star formation started in either F1 nor F2 but we can see that
M31 is older than M32 in F1.

Brown et al. (2006, hereafter B06) analyzed three CMDs of different regions
of M31: the spheroid, stream and outer disk. These CMDs reached well below
the oldest MSTOs, and B06 derived SFHs at each field in great detail. Differences
between these SFHs were mainly found in the age and metallicity distributions of
stars older than 5 Gyr. Within this age range (5–14 Gyr) we do not have the resolu-
tion required to inspect different bursts of star formation in F2 in detail, given the
SFH extracted in Section 3.4.1. We can, nevertheless study the SFH of F2 in more
detail than what is presented in Section 3.4.1. As we show in Figure 3.1, the CMD
of F2 is ∼ 0.5 mag deeper than the one of F1, which allows us to obtain information
of fainter, i.e. older, MSTOs at F2*. We therefore extracted again the SFH of F2 fol-
lowing the steps indicated in Section 3, but with an extra bin in the age, from 5 to 8
Gyr, for the simple populations considered. The boundaries of the bins in age are in
this case [0, 0.5, 1, 2, 5, 8, 14]. The inferred best-fit mean SFH of F2 with this new
resolution in age was found at (δ(F435W − F555W )0, δMF555W ) = (−0.06,−0.07)

with χ2
ν,min = 2.23, which is in fact slightly lower than the one obtained in the pre-

vious section. Figure 3.12 shows a 3D-histogram representation of the new SFH
solution for F2. We can now distinguish two main populations that contribute sub-
stantially to our background field F2, instead of only one old population: ≈ 40%
of the total mass in F2 is composed of a 5–8 Gyr old sub-solar metallicity, but still
rather metal-rich, population and ≈ 55% of the mass is composed of a 8–14 Gyr old,
metal-poor population. An age–metallicity relation shows a slightly steeper slope
from an old metal-poorer population to younger metal-richer ones than before, as
shown in Figure 3.13. We are still not able to answer when the star formation
started in F2. Nevertheless, our results for the mean age and metallicity for F2,
8.72 ± 1.21 Gyr and −0.15 ± 0.10 dex respectively, are in good agreement with B06
results for their outer disk field, which are 8.5 Gyr and −0.4 dex, respectively†. In
addition, young stars, with ages between 0.3 and 1 Gyr, that populate the BP in
the CMD of F2 do not contribute significantly to the total mass, which is also in
agreement with B06’s results. Interestingly, kinematic data in our field imply that

* The previous selection of age and metallicity bins to derive the SFHs was strictly based on the
resolution imposed by the CMD of F1. In order to subtract the SFH of F2 from that of F1, we
required the simple populations considered be exactly the same.

† The cited values correspond to the results obtained by B06 when a 40% binary fraction was as-
sumed.
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both the disk and spheroid of M31 contribute to the populations in F2 (K. Howley,
2010, priv. commm). This was also the case for the outer disk field of B06. B06,
however, attempted to disentangle both populations assuming that their spheroid
field was representative of the spheroid population present in their outer disk field.
By subtracting the spheroid population, they obtained a younger mean age for the
outer disk of M31—but still older than 5 Gyr.

Given the resolution allowed by the depth of our data, the inner disk and spheroid
populations of M31 (at 5 kpc from its center) seem to be indistinguishable from the
outer disk and spheroid ones (at 25 kpc from M31 galactic center, B06). Even
though we are unable to subtract the spheroid population that contributes to our
field F2, most likely the mean age of M31’s disk at F2 is younger than 8.72 Gyr and
older than 5 Gyr, given the negligible contribution of stars younger than 5 Gyr. This
result supports the inside-out disk formation models by e.g., Abadi et al. (2003a,b);
Sommer-Larsen et al. (2003). Abadi et al. find a mean age of 8-10 at 2 kpc, which
radially decreases to 6-8 at 20 kpc. Sommer-Larsen et al. simulated two spiral
galaxies, with two different scenarios of disk formation: inside-out and outside-in.
Our expected mean age for the disk of M31 at F2 agree with both scenarios within
their uncertainties, assuming a stellar disk scale length of ≈ 5 kpc (e.g., Walterbos
& Kennicutt 1988; Worthey et al. 2005). They find that, at 1 disk scale length, the
mean ages of both simulated disks are ∼ 6–8 Gyr. However, the significant frac-
tion of stars younger than 5 Gyr predicted by their outside-in model at F2 is not
supported by our data. Thus, we favor their inside-out model. Furthermore, the
inside-out formation model of Sommer-Larsen et al. (2003) predicts that the disk
has almost no age gradient which, although surprising, is also in agreement with
the comparison of our and B06 results at different disk locations. They explain that
this prediction is a consequence of the non linear dependence of the SFR on the
cold gas density, which makes the SFR rather low in the outer disk at late times,
thus the average outer disk stellar age is quite high. An alternative scenario for the
absence of an age gradient, found when comparing our results with those of B06,
is the radial migration of stars seen in recent simulations of isolated disk forma-
tion and evolution (Roškar et al. 2008; Minchev et al. 2011). In these simulations,
inside-out disk growth yields to a negative age gradient within the break radius
(2–3 disk scale length), after which there is a positive age gradient due to the sec-
ular redistribution of stars, given their interactions with transient spiral density
waves. Of course, what we presented here are the results of one field in the inner
regions of M31 and we need more observations and statistics to either confirm or
rule out what we suggest. The multi-cycle Panchromatic Hubble Andromeda Trea-
sury (PHAT) project, e.g., which will cover 1/3 of M31 with HST WFC3 and ACS
observations, will resolve the SFH of the disk of M31.

3.7 Summary and Conclusions

We used deep HST ACS/HRC observations to derive the SFH of M32 for the first
time from a detailed modelling of its CMDs. The two fields observed, one closer to
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Figure 3.12: A more detailed SFH of F2 in a 3d-histogram representation than
that shown in Figure 3.5. This SFH of F2 was constructed this time with an extra
bin in age covering 5–8 Gyr. We now find two dominant populations of M31 at
F2: An old metal-poor population, older than 8 Gyr, and an intermediate-age more
metal-rich population, 5–8 Gyr old. Stars younger than 5 Gyr old only contribute
∼ 5% of the mass of M31 at F2.
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Figure 3.13: The SFH of F2 inferred using an extra bin, i.e. more resolution, in
age. (a) SFR as a function of time; (b) cumulative mass-weighted age distribution;
(c) mass as a function of metallicity; (d) age–metallicity relation. The vertical solid
and dashed lines in panel (b) represent the mean age (∼ 8.72 Gyr) and 1σ deviation
of that value, respectively.

M32 (F1) and a background M31 field (F2), were introduced and used in Chapter
2 to construct deep CMDs of F1 and F2, and the deepest optical CMD of M32 yet
obtained. The IAC-POP/MinnIAC method was used here to compare the distribution
of stars in the observed CMDs of F1 and F2 with that of a model CMD. We obtained
the SFH of M32 by linearly subtracting the SFHs of F2 from that of F1. The use of
different stellar evolutionary libraries (BaSTI and Padova/Girardi) and assumptions
of binary fractions (0, 0.35, 0.7, and 1) did not significantly modify the solutions
obtained, indicating that our results are robust.

The results of the present analysis combined with those of Chapter 2 provide an
unprecedented census of the stellar content of M32. The main finding of this work
is that M32 is composed of two main dominant populations at F1: ∼ 40% of the
mass in a 2–5 Gyr old, metal-rich population and ∼ 56% of the total mass in stars
older than 5 Gyr, with slightly subsolar metallicities. Its mean mass-weighted age
and metallicity are 〈Age〉 = 6.8±1.5 Gyr and 〈[M/H]〉 = −0.1±0.08 dex, respectively.
Even though we are unable to specify when the star formation started in M32 at
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F1, we make use of the analysis of Chapter 2 to constrain the older population. We
know from the RC, RGb and AGB bumps that the bulk of the population is 8–10
Gyr old. Thus, we do not expect a significant contribution from stars older than 10
Gyr in M32. There are, however, a few ancient metal-poor stars present in M32,
as revealed by the detection of RR Lyrae belonging to M32 at F1. The ∼ 4% of the
rest of the mass is distributed in genuine young metal-rich stars (∼ 2%) and young
metal-poor stars (∼ 2%) which we associate with blue straggler stars belonging to
an old metal-poor population.

The detailed SFH of a small fraction of M32 at F1 sheds light on the origins of
M32. Our results, and in particular the substantial population of 2–5 Gyr old stars
at F1, do not agree with models of M32’s formation that suggest an spiral galaxy as
progenitor. Instead, we favor the idea that M32 is a low-luminosity elliptical galaxy
that has had a dissipative merger event that shape the galaxy.

On the other hand, the inferred SFH for F2 shows that the stellar popula-
tions of the inner regions of the disk and spheroidal components of M31 are older
and more metal-poor than M32. Its mean mass-weighted age and metallicity are
〈Age〉 = 8.72 ± 1.21 Gyr and 〈[M/H]〉 = −0.15 ± 0.10 dex, respectively. F2 has two
main components: 55% of the mass composed by a 8–14 Gyr old metal-poor pop-
ulation and 40% of the mass in more-metal rich stars of 5–8 Gyr old. There is a
small contribution from stars younger to 5 Gyr to the total mass. The inner disk
and spheroidal stellar populations seem to be indistinguishable from those of the
outer disk and spheroid. Assuming that M31’s disk at F2 (∼ 1 disk scale length) has
a mean age between ∼ 5 and 8 Gyr, our results are in agreement with inside-out
disk formation models. But of course, we need more observations and statistics to
confirm or rule out this suggestion.
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Chapter 4
RR Lyrae variables in M32 and
M31

Based on Fiorentino G., Monachesi A., Trager S.C., Lauer T.R., Saha A., Mighell
K., Freedman W., Dressler A., Grillmair C. & Tolstoy E. 2010, ApJ, 708, 817

Abstract

We observed two fields near M32 with the Advanced Camera for Surveys/High
Resolution Channel (ACS/HRC) on board the Hubble Space Telescope (HST).

The main field, F1, is 1′.8 from the center of M32; the second field, F2, constrains
the M31 background, and is 5′.4 distant. Each field was observed for 16-orbits
in each of the F435W (narrow B) and F555W (narrow V ) filters. The duration
of the observations allowed RR Lyrae stars and other short-period variables to be
detected. A population of RR Lyrae stars determined to belong to M32 would prove
the existence of an ancient population in that galaxy, a subject of some debate.

We detected 17 RR Lyrae variables in F1 and 14 in F2. A 1σ upper limit of 6 RR
Lyrae variables belonging to M32 is inferred from these two fields alone. Use of our
two ACS/WFC parallel fields provides better constraints on the M31 background,
however, and implies that 7+4

−3 RR Lyrae variables in F1 belong to M32. We have
therefore found evidence for an ancient population in M32. It seems to be nearly
indistinguishable from the ancient population of M31. The RR Lyrae stars in the
F1 and F2 fields have indistinguishable mean V -band magnitudes, mean periods,
distributions in the Bailey diagram and ratios of RRc to RRtotal types. However, the
color distributions in the two fields are different, with a population of red RRab
variables in F1 not seen in F2. We suggest that these might be identified with
the detected M32 RR Lyrae population, but the small number of stars rules out a
definitive claim.
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4.1 Introduction

Messier 32 (M32) is the only elliptical galaxy close enough to possibly allow direct
observation of its stars down to the main-sequence turn-off (MSTO). It is a vital lab-
oratory for deciphering the stellar populations of all other elliptical galaxies, which
can only be studied by the spectra of their integrated light, given their greater dis-
tances. Major questions about M32’s star formation history remain unanswered.
M32 appears to have had one or more relatively recent episodes of star forma-
tion (within the last 3 Gyr: e.g., O’Connell 1980; Rose 1985, 1994; González 1993;
Trager et al. 2000a; Coelho et al. 2009), which also appears to be true for many
elliptical galaxies (e.g., González 1993; Trager et al. 2000a; Thomas et al. 2005b).
These conclusions rest on painstaking and controversial spectral analysis of their
integrated light. In contrast, the most direct information about a stellar popu-
lation comes from applying stellar evolution theory to color–magnitude diagrams
(CMDs). Little however is known about M32’s ancient population (see, e.g., Brown
et al. 2000; Coelho et al. 2009).

With our Advanced Camera for Surveys/High Resolution Channel (ACS/HRC)
data (Cycle 14, Program GO-10572, PI: T. Lauer) we have obtained the deepest
CMD of M32 to date. A comprehensive analysis of this CMD is discussed in Chapter
2 of this thesis. However here we want to stress that, due to the severe crowding
in our fields, even with the high spatial resolution of HRC it is not possible to reach
the MSTO with sufficient precision to claim the presence of a very old population.

RR Lyrae variables are low-mass stars burning He in their cores. They are ex-
cellent tracers of ancient stellar populations, completely independent of the MSTO,
and knowledge of their properties provides important information on their parent
stellar populations. Because they are located on the horizontal branch (HB) in a
CMD, they are at least 3 magnitudes brighter than MSTO dwarfs and therefore de-
tectable to relatively large distances. RR Lyrae are also very easy to characterize,
with ab-type RR Lyrae (RRab) pulsating in the fundamental mode, rising rapidly to
maximum light and slowly declining to minimum light, and c-type RR Lyrae (RRc)
pulsating in the first harmonic mode, with their luminosities varying roughly sinu-
soidally. Most importantly for our purpose, the mere presence of RR Lyrae stars
among a population of stars suggests an ancient origin, as ages older than ∼ 10

Gyr are required to produce RR Lyrae variables. Thus the detection of RR Lyrae
stars in M32 is presently the only way to confirm the existence of an ancient stellar
population in this galaxy.

Alonso-García et al. (2004) were the first to attempt to directly detect RR Lyrae
stars in fields near M32. They imaged a field ∼ 3′.5 with WFPC2 to the east of
M32 and compared it with a control field well away from M32 that should sample
the M31 field stars. They identified 12 ± 8 variable stars claimed to be RR Lyrae
stars belonging to M32 and therefore suggested that M32 possesses a population
that is older than ∼ 10 Gyr. They were however unable to classify these RR Lyrae
variables and could not derive periods and amplitudes for them.

Very recently, Sarajedini et al. (2009, hereafter S09) used ACS/WFC parallel
imaging from our present data set to find RR Lyrae variables in two fields close to
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Table 4.1: Log of observations

Field αJ2000.0 δJ2000.0 Filter Exposure time Date
(sec)

F1 00 42 47.63 +40 50 27.40 F435W 16×(1279 + 1320) Sept 20–22, 2005
F1 00 42 47.63 +40 50 27.40 F555W 16×(1279 + 1320) Sept 22–24, 2005
F2 00 43 07.89 +40 54 14.50 F435W 16×(1279 + 1320) Feb 6–8, 2006
F2 00 43 07.89 +40 54 14.50 F555W 16×(1279 + 1320) Feb 9–12, 2006

M32. They found 681 RR Lyrae variables, with excellent photometric and temporal
completeness (Sec. 4.4). These RR Lyrae stars were roughly equally distributed
between the two fields, with the same mean average magnitudes, metallicities, and
Oosterhoff types in each field. It was therefore impossible for them to separate the
variables into M31 and M32 populations. It is still therefore an open question as to
the precise nature or even presence of RR Lyrae variables in M32.

In this Chapter, we present newly-detected RR Lyrae variables observed with
ACS/HRC and also a detailed analysis of the fields near M32 where RR Lyrae stars
have been found with HST. The Chapter is organized as follows. In Section 4.2
we describe our observations and the data reduction we performed. We move on
to describe the technique used to identify and characterize the RR Lyrae variable
stars in Section 4.3, where we present their periods and light curves. In Section 4.4
we show that we have clearly detected RR Lyrae variables in M32, as long as we
include the results from our ACS/WFC parallel fields. In Section 4.5 we discuss
the properties of the RR Lyrae stars, such as the location of their instability strip,
reddenings, mean periods and Oosterhoff types, as well as pulsational relations
such as period–metallicity–amplitude. In this section we also derive estimates of
the distance moduli to and metallicities of our fields. We summarize our findings
and present our conclusions in Section 4.6.

4.2 Observations and Data reduction

4.2.1 Field Selection, Observational Strategy and Data Reduc-
tion

We obtained deepB and V -band imaging of two fields near M32 using the ACS/HRC
instrument on board HST during Cycle 14 (Program GO-10572, PI: Lauer). The
primary goal of this program was to resolve the M32 MSTO. The ACS F435W (B)
and F555W (V ) filters were selected to optimize detection of MSTO stars over
the redder and more luminous stars of the giant branch. M32 is very compact
and is projected against the M31 disk. Thus the major challenge was to select a
field that represented the best compromise between the extreme crowding in M32,
which would drive the field to be placed as far away from the center of the galaxy
as possible, versus maximizing the contrast of M32 against the M31 background
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Figure 4.1: Location of our pointings near M32 observed with ACS/HRC on board
HST (small squares). Fields F1 and F2 are at distances of 1′.8 and 5′.4 from the
center of M32, respectively. Parallel fields, taken with ACS/WFC, F3 and F4 are at
distances of 5′.3 and 9′.2 from the center of M32, respectively.

populations, which would push the field back towards the central, bright portions of
M32. Following these constraints, the M32 HRC field (designated F1) was centered
on a location 110′′ south (the anti-M31 direction) of the M32 nucleus, roughly on the
major axis of the galaxy. The V -band surface brightness of M32 near the center of
the field is µV ≈ 21.9 (Kormendy et al. 2009). M32 quickly becomes too crowded to
resolve faint stars at radii closer to the center, while the galaxy rapidly falls below
the M31 background at larger radii.

Even at the location of F1, M31 contributes ∼ 1/3 of the total light, thus it was
critical to obtain a background field, F2, at the same isophotal level in M31 (µV ∼
22.7) to allow for the strong M31 contamination to be subtracted from the analysis
of the M32 stellar population. F2 was located 327′′ from the M32 nucleus at position
angle 65◦. At this angular distance M32 has an ellipticity ε ≈ 0.25 (Choi et al. 2002),
and F2 is nearly aligned with the M32 minor-axis. Thus the implied semi-major
axis of the M32 isophote that passes though F2 is 435′′, significantly larger than
the nominal angular separation. The estimated M32 surface brightness at F2 is
µV ≈ 27.5, based on a modest extrapolation of the B-band surface photometry of
Choi et al. (2002) and an assumed color of B− V ≈ 0.9. The contribution of M32 to
F2 thus falls by a factor of ∼ 180 relative to its surface brightness at F1. While one
might have been tempted to move F2 even further away from F1, it clearly serves
as an adequate background at the location selected, while uncertainties in the M31
background would increase at larger angular offsets. The locations of both the F1
and F2 fields are shown in Figure 4.1.

Detection of the MSTO required deep exposures at F1. Accurate treatment of
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the background required equally deep exposures to be obtained in F2. A summary
of the observations is shown in Table 4.1; briefly, each field was observed for 16
orbits in each of the F435W and F555W filters for a total program of 64 orbits.
While the detection of RR Lyrae variables was not the primary goal of the program,
execution of each filter/field combination in a contiguous time span of 2–3 days was
clearly well-suited to detect RR Lyrae variables, which have periods ranging from
0.2–1 d.

At B and V , the HRC undersamples the PSF, despite its exceptionally fine pixel
scale. All of the images were obtained in a 0.5× 0.5 sub-pixel square dither pattern
to obtain Nyquist sampling in the complete data set. In detail, the sub-pixel dither
pattern was executed across each pair of orbits, with each orbit split into two sub-
exposures. The telescope was then offset by 0′.125 steps between the orbit pairs in a
“square-spiral” dither pattern to minimize the effects of “hot pixels,” bad columns,
and any other fixed-defects in the CCD, on the photometry at any location. The data
for each filter/field combination thus comprises 8 slightly different pointings, with
Nyquist-sampling obtained at each location. In practice, the dithers were extremely
accurate, and Nyquist images could readily be constructed using the algorithm of
Lauer (1999).

Our optimal average photometry has been obtained by using these very deep,
super-resolved images. We have performed photometry by using both the DAOPHOT
II/ALLSTAR packages (Stetson 1987, 1994) and by first deconvolving those com-
bined images with a reliable PSF and then performing aperture photometry on the
deconvolved images. Both methods returned comparable results and allow us to
present the deepest CMD of M32 obtained so far in Chapter 2 of this thesis. In
what follows we will use these CMDs to show the location of RR Lyrae stars.

In addition to the HRC images, parallel observations were obtained with the
ACS/WFC channel using the F606W filter (broad V ). These fields, designated F3
and F4, are also shown in Figure 4.1. Notably, the telescope rolled by roughly 180◦

between the execution of the F1 and F2 observations, thus F3, the parallel field
associated with F1, and F4, the mate to F2, bracket the F1 and F2 fields in angle.
By happenstance, the F3 and F4 fields also nearly fall on the same M31 isophote
that encompasses the F1 and F2 fields, thus the M31 background should be roughly
similar in all four fields. It is also notable that F3 is positioned slightly closer to the
M32 nucleus than F2 (317′′ versus 327′′), but because it also falls along the M32
major rather than minor axis, its associated M32 surface brightness is µV ∼ 25,
or a factor of ∼ 10× more than the M32 contribution to F2. Furthermore we note
that the parallel observations were exposed only at the same time as the F555W

exposures in F1 and F2 and therefore cover only half of the total time window of
the primary exposures (we return to this point in Sec. 4.4 below).

The parallel images have already been analyzed by S09. They find 681 RR
Lyrae variables stars, of which 324 are located in the field closest to M32. Because
only one filter was available for the parallel observations, S09 did not have all the
information needed to properly disentangle the populations that belong to M31
and/or M32. In fact, their detected RR Lyrae stars show the same mean average
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magnitude, metallicity and Oosterhoff type, as we discuss in Section 4.5. With
our primary observations we can attempt to disentangle the two populations by
using all the quantities characterizing the class of RR Lyrae variables, such as
mean weighted magnitudes and colors in the Johnson-Cousins system, periods, and
amplitudes.

4.2.2 Photometry of the RR Lyrae Variables

The study of the presence of RR Lyrae stars is based on a detailed analysis of the
time series of our fields. We analyzed each single epoch image (32 per field and
per filter) and not the combination of all the images described above. Because of
the intrinsic brightness of the RR Lyrae (V ∼ 25 mag), we decided to perform PSF-
fitting photometry over all the fully calibrated data products (FLT) images using
the DOLPHOT package, a version of HSTphot (Dolphin 2000) modified for ACS
images. Our choice has been justified by the short time consumed to obtain high
quality photometry at the RR Lyrae magnitude level for our data set. Following
the DOLPHOT User’s Guide, we have performed the pre-processing steps mask
and calcsky routines before running DOLPHOT. This package performs photometry
simultaneously over all 64 images of each field, returning a catalog of more than
20000 stars per field already corrected for charge transport efficiency (CTE) and
aperture correction, following the suggestions by Sirianni et al. (2005). We use this
photometry to perform the analysis of variable stars.

Photometric Completeness at the Horizontal Branch

The 50% completeness levels of fields F1 and F2 are at least 2 mag deeper than the
horizontal branch, as shown by the artificial star tests (ASTs) in Chapter 2 of this
thesis. The ASTs show that the completeness at the horizontal branch, at both the
red end (i.e. the red clump) and the blue portion, is 100%.

4.3 Searching for variable stars and their periods

To identify variable sources in both fields, we used a code written by one of us (AS)
in the Interactive Data Language (IDL) whose principles, based on the algorithm
of Lafler & Kinman (1965), are discussed in Saha & Hoessel (1990). This code was
applied to the results from DOLPHOT PSF-fitting photometry described in the pre-
vious section. Its output gives us not only a list of candidate variable stars but also
a good initial estimate of their periods. The method assumes that realistic error
estimates for each object at each epoch are available from the photometry, which
are first used to estimate a chi-square based probability that any given object is a
variable. A list of candidates is then chosen, and each candidate is tested for peri-
odicity and plausible light curves. The graphical interface of this program clearly
shows possible aliases and allows the user to examine the light curves implied for
each such alias. The final decision making is done by the user. A refinement of the
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period for all the candidate variables has been performed by using two other inde-
pendent codes. We used the Period Dispersion Minimization (PDM) algorithm in the
IRAF environment to confirm the found periodicity (Stellingwerf 1978). Further re-
finement was then obtained by using GRATIS (GRaphical Analyzer of TIme Series,
developed by P. Montegriffo at the Bologna Observatory; see Clementini et al. 2000
and references therein for details), which permits us to fit Fourier series to the
magnitudes in each passband as a function of their phase.
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Table 4.2: F1 RR Lyrae properties

Star RA DEC Period Ha Epochb F435W F555W 〈V 〉 〈B〉 − 〈V 〉 AB AV resBc resV c type
ID J2000 J2000 (days) (JD)

1 00:42:48.435 +40:50:32.11 0.255 1 2453634.900 25.56 25.39 25.44 0.19 0.64 0.59 0.11 0.10 RRc
2 00:42:46.509 +40:50:30.19 0.285 1 2453633.060 25.68 25.45 25.50 0.24 0.77 0.56 0.12 0.11 RRc
3 00:42:46.563 +40:50:23.03 0.311 1 2453632.810 25.42 25.22 25.30 0.19 0.61 0.58 0.09 0.11 RRc
4 00:42:48.237 +40:50:12.85 0.317 1 2453632.900 25.59 25.43 25.47 0.20 0.61 0.42 0.12 0.10 RRc
5 00:42:48.384 +40:50:30.61 0.475 2 2453636.290 25.52 25.29 25.34 0.25 0.99 0.85 0.10 0.11 RRab
6 00:42:47.349 +40:50:41.91 0.486 3 2453634.450 25.93 25.56 25.60 0.41 1.09 0.82 0.15 0.15 RRab
7 00:42:48.074 +40:50:30.17 0.519 4 2453634.415 25.34 25.04 25.09 0.31 1.01 0.75 0.08 0.06 RRab
8 00:42:47.552 +40:50:30.41 0.521 3 2453634.560 25.68 25.41 25.46 0.28 0.93 0.76 0.09 0.10 RRab
9 00:42:47.087 +40:50:43.08 0.523 3 2453635.650 25.61 25.25 25.29 0.40 1.09 1.06 0.12 0.13 RRab
10 00:42:47.034 +40:50:28.29 0.546 3 2453632.216 25.93 25.51 25.55 0.45 1.41 1.03 0.18 0.16 RRab
11 00:42:47.462 +40:50:42.81 0.564 2 2453635.490 25.51 25.19 25.21 0.36 0.74 0.68 0.15 0.09 RRab
12 00:42:48.737 +40:50:32.31 0.621 2 2453632.600 25.43 25.19 25.18 0.30 1.25 0.89 0.17 0.15 RRab
13 00:42:47.014 +40:50:36.27 0.625 2 2453637.280 25.57 25.28 25.29 0.35 0.88 0.68 0.09 0.08 RRab
14 00:42:46.411 +40:50:29.96 0.626 3 2453632.500 25.53 25.15 25.19 0.43 1.09 0.81 0.09 0.09 RRab
15 00:42:47.554 +40:50:16.48 0.645 3 2453634.680 25.83 25.47 25.50 0.40 0.74 0.39 0.10 0.07 RRab
16 00:42:46.075 +40:50:25.38 0.728 2 2453637.320 25.74 25.22 25.25 0.58 0.39 0.38 0.12 0.08 RRab
17 00:42:46.638 +40:50:25.24 0.851 2 2453637.693 25.60 25.15 25.17 0.49 0.65 0.45 0.10 0.08 RRab

Notes.
a Order of the Fourier series used to obtain the best fit.
b Julian Date where each curve shows its maximum of light at phase φ = 1.
c RMS deviation of the data points from the fitting model, in B- (resB) and V - (resV ) bands respectively.
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Table 4.3: F2 RR Lyrae properties

Star RA DEC Period Ha Epochb F435W F555W 〈V 〉 〈B〉 − 〈V 〉 AB AV resBc resV c type
ID J2000 J2000 (days) (JD)

1 00:43:07.766 +40:54:15.31 0.267 2 2453772.400 25.46 25.32 25.38 0.20 0.66 0.59 0.09 0.09 RRc
2 00:43:07.704 +40:54:23.18 0.287 2 2453774.700 25.47 25.36 25.41 0.18 0.70 0.55 0.10 0.07 RRc
3 00:43:08.518 +40:54:08.86 0.320 2 2453774.125 25.51 25.26 25.31 0.33 0.46 0.43 0.08 0.09 RRc
4 00:43:07.734 +40:54:27.17 0.326 2 2453774.310 25.51 25.36 25.41 0.24 0.57 0.47 0.10 0.09 RRc
5 00:43:07.874 +40:54:31.99 0.350 1 2453777.220 25.45 25.25 25.30 0.28 0.60 0.42 0.11 0.09 RRc
6 00:43:08.300 +40:54:21.88 0.383 2 2453771.830 25.25 25.08 25.14 0.23 0.63 0.49 0.07 0.07 RRc
7 00:43:07.671 +40:54:01.99 0.482 3 2453778.050 25.53 25.33 25.39 0.28 1.37 1.08 0.15 0.12 RRab
8 00:43:08.339 +40:54:23.36 0.502 3 2453774.324 25.64 25.32 25.37 0.39 1.19 1.05 0.12 0.14 RRab
9 00:43:07.594 +40:54:21.32 0.528 3 2453773.198 25.53 25.27 25.30 0.35 1.27 1.02 0.11 0.11 RRab
10 00:43:07.424 +40:54:26.69 0.528 3 2453774.846 25.40 25.17 25.23 0.29 1.26 0.89 0.13 0.12 RRab
11 00:43:07.727 +40:54:13.25 0.571 2 2453775.520 25.52 25.28 25.35 0.28 1.06 0.99 0.15 0.14 RRab
12 00:43:08.107 +40:54:21.00 0.588 3 2453775.045 25.64 25.36 25.41 0.35 0.94 0.81 0.10 0.10 RRab
13 00:43:07.977 +40:54:21.33 0.697 2 2453778.053 25.40 25.12 25.19 0.33 0.70 0.58 0.09 0.06 RRab
14 00:43:07.798 +40:54:14.39 0.790 2 2453778.450 25.28 24.95 25.00 0.40 0.63 0.56 0.07 0.08 RRab

Notes.
a Order of the Fourier series used to obtain the best fit.
b Julian Date where each curve shows its maximum of light at phase φ = 1.
c RMS deviation of the data points from the fitting model, in B- (resB) and V - (resV ) bands respectively.
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Table 4.4: Time-series magnitudes for RR Lyrae variables

Julian date F435W B Julian date F555W V

−2400000 −2400000

F1 variable 1

53633.616 25.39±0.07 25.44 53635.480 25.42±0.07 25.48
53633.631 25.22±0.06 25.28 53635.496 25.60±0.08 25.66
53633.681 25.36±0.07 25.42 53635.545 25.72±0.08 25.78
53633.697 25.69±0.09 25.74 53635.560 25.62±0.08 25.67
53633.748 25.96±0.10 26.01 53635.612 25.44±0.06 25.50
53633.764 25.89±0.10 25.93 53635.628 25.24±0.06 25.29
53633.814 25.86±0.10 25.90 53635.678 25.25±0.06 25.31
53633.830 25.50±0.07 25.55 53635.694 25.24±0.06 25.30
53634.415 25.39±0.08 25.44 53636.213 25.17±0.06 25.22
53634.430 25.37±0.08 25.42 53636.228 25.38±0.07 25.44

Notes. The errors on HST VEGAMAG are the photometrical ones.
The calibration onto the Johnson-Cousins B- and V -bands as well as
their errors have been discussed in the text. This is a sample table
showing the format of the Table; the complete table can be found in
the online version of Fiorentino et al. (2010).

The magnitudes returned by DOLPHOT have already been calibrated onto the
HST VEGAMAG photometric system, but for the following analysis we need to
transform them onto the Johnson-Cousins (JC) system. We need therefore to take
into account the color variations in the periodic cycles of the variable stars. We
thus associate each phased epoch in the F435W filter with the corresponding best-
fitting F555W model provided by GRATIS at that epoch, and vice versa. Finally, we
apply the Sirianni et al. (2005) transformations from F435W and F555W to B and
V for ACS/HRC, and we re-analyze the new JC time series with GRATIS to improve
the light curve models as well as the previously-constrained periods. The order of
the Fourier series used to obtain the best fit and the epoch corresponding to maxi-
mum of the light curve at phase φ = 1 are given in columns 5 and 6 in Tables 4.2 and
4.3. This procedure allows us to derive well-sampled and consistent light curves in
both filters. Proper periods, mean magnitudes weighted on the proper light curve
in both HST VEGAMAG and JC photometric systems, colors, and amplitudes are
given in Tables 4.2 and 4.3 for a total number of 31 bona fide RR Lyrae stars: 17 in
F1 and 14 in F2. The time series photometry is given in Table 4.4.

Finding charts for the newly-detected RR Lyrae variables are shown in Fig-
ures 4.2 and 4.3 on the combined F555W images of F1 and F2, respectively. Their
locations are shown in the CMDs presented in Chapter 2 calibrated onto the HST
VEGAMAG photometric system using the average magnitudes as reported in Ta-
bles 4.2 and 4.3 (Figure 4.4). We cross-correlated the RR Lyrae coordinates and
magnitudes with the photometric catalog obtained in Chapter 2 to confirm the pres-
ence of our new RR Lyrae stars in the average photometry. For all the RR Lyrae
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Figure 4.2: Finding chart for RR Lyrae variables found in field F1. Numbers cor-
respond to variables listed in Table 4.2. The FoV size is 0.25 arcmin2, as listed in
column 9 of Table 4.5. We note that the RR Lyrae stars in F1 are slightly clustered
along the edge closest to the center of M32 where the total stellar density is in-
creasing; we return to this point in Section 4.5.1. The arrow points towards the
center of M32.
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Figure 4.3: Finding charts for RR Lyrae variables found in field F2. Numbers
correspond to variables listed in Table 4.3. The FoV size is 0.25 arcmin2, as listed
in column 9 of Table 4.5. The adopted intensity scale is the same as in Fig. 4.2 for
a fair comparison.
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Figure 4.4: The (F435W −F555W , F555W ) CMDs calibrated onto the HST VEGA-
MAG photometric system for fields F1 (left) and F2 (right). We show the location of
the detected RR Lyrae variable stars. First-overtone (FO) and fundamental-mode
(FU) pulsators are shown with empty and filled circles respectively. These CMDs
are presented and discussed in Chapter 2 of this thesis.
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Figure 4.5: As in Fig. 4.4, zoomed into the region of the detected RR Lyrae stars.
Left: F1. Right: F2. Numbers correspond to variables listed in Tables 4.2 (left
panel) and 4.3 (right panel), respectively.
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Figure 4.6: Atlas of light curves in the B and V bands of RR Lyrae stars detected
in F1. The B-band points have been shifted brighter by 2 mag for clarity. Error
bars, as described in the text, take into account both the photometric errors as
returned by DOLPHOT program as well as the scatter between the data and the
model used to fit the Fourier series. The model is also shown in this Figure. For
each variable star, its ID and period obtained by fitting the data points are shown
in each panel as reported in columns 1 and 4 of Table 4.2.

variables we found a star with same coordinates and similar magnitude (see the
zoomed-in CMDs in Fig. 4.5).

An atlas of the light curves for all the newly-detected RR Lyrae variables is
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Figure 4.7: As in Figure 4.6, but for RR Lyrae stars detected in F2.
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Figure 4.8: Spectra of the probability to detect variability in the period range
from 0.2–2 d for the F1 (top) and F2 (bottom) fields observed with ACS/HRC (this
Chapter). Note that the mean period found for F1 and F2 is 0.59± 0.11 d.

shown in Figures 4.6 and 4.7. In the atlas both data points in Johnson-Cousins sys-
tem as well as the models used to perform a proper calibration onto this photomet-
ric system are shown. The error bars take into account both the scatter between
the data and the model used to fit the Fourier series (see columns 13 and 14 in
Tables 4.2 and 4.3) and the photometric errors as returned by DOLPHOT program.
By averaging the Johnson-Cousins magnitudes we have obtained 〈V 〉 = 25.34± 0.15

mag for F1 and 〈V 〉 = 25.30 ± 0.12 mag for F2. Then, we have classified RR Lyrae
variables into fundamental-mode (FU) or first-overtone (FO) pulsators by an inspec-
tion of this atlas. FO pulsators have mean periods of ∼ 0.3 d and sinusoidal light
curves, whereas the FU pulsators have longer periods ( 〈Pab〉 = 0.59 ± 0.11 d) and
more complicated light curves (with up to 4 harmonics). Because our sample of RR
Lyrae variables is small, we find the same ratios of FO to FU pulsators in the two
fields to within the Poisson errors: Nc/Ntotal = 0.23+0.27

−0.23 and Nc/Ntotal = 0.42+0.58
−0.25

for F1 and F2, respectively*. We discuss the RR Lyrae properties in detail in Sec-
tion 4.5.

* The central estimates and 1σ confidence intervals on Nc/Ntotal have been found using simulations
of 105 Poissonian deviates of Ntotal and Nc in each case. We use the median of the resulting
distribution of the ratio values as the central estimate and the region of the diagram that contains
68% of the area of the probability distribution function to compute the 1σ confidence intervals.
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Here we want to conclude by addressing an important question about the tem-
poral completeness of these observations. That is, could we have detected all of
the RR Lyrae stars in these fields at any reasonable period? To compute the prob-
ability of detecting variability with periods of 0.2–2 d, we followed the method sug-
gested by Saha et al. (1986) and Saha & Hoessel (1990, see section IV and Figure
7 therein), using software kindly supplied by E. Bernard. We simulated one million
stars randomly phased and distributed with periods of 0.2–2 d in bins of 0.001 d
and then folded the Heliocentric Julian Dates of both filter datasets according to
the random period and initial phase of each artificial star (see Bernard et al. 2009,
for details). A variable is considered recovered if it has a) at least two observa-
tions around the maximum of the light curve, b) at least two phase points in the
descending part of the light curve, and c) a minimum of three observations during
the minimum light. The results are shown in Figure 4.8, where the probability of
detecting variability is plotted as a function of the period. The computed proba-
bility for F1 and F2 is nearly unity over the entire range 0.2–0.9 d. We therefore
assume a final (photometric plus temporal) completeness parameter of 100% for
both fields.

4.4 Have We Detected M32 RR Lyrae Variable Stars?

We have clearly detected RR Lyrae variables in F1, a field dominated by M32. Are
any of these stars truly associated with M32? Or does the strong background signal
from M31 RR Lyrae variables (judging from F2, which is nearly free of M32 stars)
dominate our detection?

We begin addressing these questions by examining the implications of our de-
tections of RR Lyrae variables in F1 and F2 on the detection of M32 RR Lyrae
variables. We then extend our analysis to include the M31 background represented
by fields F2–F4 and ask this question again. Finally, we examine our results in the
context of the study of Alonso-García et al. (2004), who have previously claimed
detection of M32 RR Lyrae variable stars and therefore the presence of an ancient
stellar population in that galaxy.
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Table 4.5: Fields near M32 with claimed RR Lyrae detections

ID RA DEC Time Window Instrument N(RR)tot N(RR)FU N(RR)FO FoV Completeness
(J2000) (J2000) arcmin2

F1a 00:42:47.63 40:50:27.4 2005 Sep 20–24 (∼ 24 hr) ACS/HRC 17 13 4 0.25 100%
F2a 00:43:07.89 40:54:14.5 2006 Feb 6–12 (∼ 24 hr) ACS/HRC 14 8 6 0.25 100%
F3b 00:42:41.2 40:46:38 2005 Sep 22–24 (∼ 10 hr) ACS/WFC 324 267 57 9 97%
F4b 00:43:20.8 40:57:25 2006 Feb 9–12 (∼ 10 hr) ACS/WFC 357 288 69 9 98%
F5c 00:43:01 40:50:21 1998 Nov 19 (∼ 4 hr) WFPC2 29 0 0 5.7 5–15%
F6c 00:43:28 41:03:14 1998 Nov 20 (∼ 4 hr) WFPC2 16 0 0 5.7 5–15%

Notes.
a This work.
b S09.
c Alonso-García et al. (2004).



134 CHAPTER 4. RR LYRAE VARIABLES IN M32 AND M31

Figure 4.9: Probability distribution functions for the expectation value of the num-
ber RR Lyrae variable stars belonging to M32 in field F1. Left: P (NM32,F1

RR Lyrae) =

P (µF |NB + NF ) [equation (4.4)] using only the number of RR Lyrae stars found
in F1 and F2. Right: P (NM32,F1

RR Lyrae) = P (µF |NB + NF ) [equation (4.7)] using the
number of RR Lyrae stars found in F1–F4, accounting for area differences and
completeness. See text for more details.

4.4.1 M32 RR Lyrae Population Inferred from F1 and F2

We ask the question whether any of the RR Lyrae stars in F1 could belong to M32
given the M31 background represented by F2, or at least what the upper limit
on the number of RR Lyrae stars belonging to M32 is. We have observed 14 RR
Lyrae stars in F2 and 17 in F1. Our assumption is that the stellar population in
F2 represents a constant background in F1. Let us call the “true” number (the
expectation value) of RR Lyrae stars in each field belonging to M31 µB and the
“true” number of RR Lyrae stars in F1 belonging to M32 µF . What we observe is
NB = 14 in F2 and NB +NF = 17 in F1. Then, by Bayes’ theorem (see, e.g. Sivia &
Skilling 2006), the probability of finding some µB given NB is*

P (µB |NB) ∝ P (NB |µB)P (µB), (4.1)

where the constant of proportionality, 1/P (NB), can be treated as a normalization
constant such that

∫
P (µB |NB)dµB = 1. By the product rule, the joint probability

of finding µF and µB given NB +NF is

P (µF , µB |NB +NF ) ∝ P (NB +NF |µF , µB)P (µB |NB)P (µF ), (4.2)

where P (µB) and P (µF ) are priors on µB and µF which we discuss below, and
P (NB |µB) and P (NB + NF |µF , µB) are both represented by Poisson distributions,
as we are counting stars:

P (N |µ) =
µNe−µ

N !
. (4.3)

* Note that here we are surpressing the role of the background information I, so that, for example,
P (NB) is shorthand for P (NB |I).
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In order to determine the probability distribution of µF given NF +NB, we need to
marginalize equation (4.2) over µB:

P (µF |NB +NF ) ∝
∫
dµBP (NB +NF |µF , µB)P (µB |NB)P (µF ). (4.4)

All that is left is to specify the priors P (µB) and P (µF ) (and to normalize the prob-
ability distributions). Because this is a location problem (see Chap. 5 of Sivia &
Skilling 2006), we choose uniform priors, with ranges specified by the reasonable
range of RR Lyrae specific frequencies SRR given the known old populations in M32
and M31 from Chapter 2 of this thesis [see equation 4.8 below]:

P (µ) =

{
1
b−a if a ≤ µ ≤ b
0 otherwise

, (4.5)

where a and b define the range of reasonable values for the expectation value µ.
For µF , we choose a = 0 and b = 25, and for µB, we choose a = 1 to enforce the
presence of some background stars in F1 and b = 25. These limits on the priors
imply 0 ≤ SRR ≤ 23 for M32 in F1 and 1.8 ≤ SRR ≤ 44 for M31 (assuming the M31
stellar population is identical in F1 and F2) using the old, metal-poor star fractions
described below. Note that we require integer numbers of stars, so the integration
over µB in equation (4.4) becomes a sum over µB, restricted by equation (4.5) and
our choice of a and b to the range 1 ≤ µB ≤ 25.

With this machinery in place, we find the most probable µF = 3 RR Lyrae stars
(as expected) belonging to M32, with 68% confidence interval of 0–6 RR Lyrae stars
(left panel of Fig. 4.9). Another way of looking at this is to assert that all the RR
Lyrae variables in F2 come from M31, as stated above, so µB = 14 ±

√
14. Then

the number of observed RR Lyrae variables in F1 is 17, so the number of RR Lyrae
variables in F1 that do not come from M31 is 17− µB = 17− 14±

√
14 = 3± 4 (for

integer numbers of stars). We therefore cannot claim to have detected RR Lyrae
stars in M32 with reasonable confidence based on only F1 and F2, and we can
put an upper limit of no more than 6 RR Lyrae belonging to M32 in F1 from this
analysis.

4.4.2 M32 RR Lyrae Population Inferred from F1–F4

Unfortunately, both fields F1 and F2 suffer from small number statistics due to the
small angular size of the ACS/HRC. If we allow that F1 exceeds F2 just by chance,
we should also ask if F2 exceeds the “true” background also by chance. Fields F3
and F4 may provide some guidance here, as they cover much larger areas (as they
were taken with ACS/WFC) and therefore have much smaller statistical errors, as
shown in Figure 4.10. In addition these two fields nearly fall on the same M31
isophote that passes through F1 and F2. We therefore continue our search for M32
RR Lyrae variables assuming that fields F2–F4 constitute a fair sampling of the
background.
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Figure 4.10: The population of RR Lyrae stars in fields F1–F4 (see Fig. 4.1 for field
placements). Top: RR Lyrae population (per square arcminute) as a function of the
inferred M32 surface brightness (in the V band). Bottom: RR Lyrae population (per
square arcminute) as a function of the projected distance from M32. Errors on F3
and F4 have been corrected for incompleteness (see Table 4.5).

We must first consider the photometric and temporal completess of F3 and F4.
S09 did not perform ASTs on these fields to calculate the completeness, but accord-
ing to their luminosity function and to their comparison with Brown et al. (2004),
they assume 100% photometric completeness, which we will also assume here.
Using the same procedure outlined in Section 4.3, we can estimate the temporal
completeness for these fields. Figure 4.11 shows the computed probability for F3
and F4, revealing a slight difference between the sampling of the two fields F3 and
F4. In particular for period values around 〈Pab〉 = 0.59 d, the probability decreases
to 0.8 and 0.95 when P = 0.65 and 0.55 d for F3 and F4, respectively. This is due
to the shorter time window for these parallel fields than for the primary fields F1
and F2 (see Sec. 4.2.1). There are 45 (out of 324) RR Lyrae variables with periods
0.6–0.7 d (i.e., 80% temporal completeness) in F3 and 142 (out of 357) RR Lyrae
variables with periods 0.5–0.6 d (i.e., 95% temporal completeness) in F4. We there-
fore estimate a total completeness of 97% and 98% for F3 and F4, respectively.
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Figure 4.11: Same as in Figure 4.8 but for the F3 and F4 fields observed with
ACS/WFC and analyzed by S09. Periods found for F3 and F4 are 0.55 ± 0.07 d and
0.56 ± 0.08 d, respectively. These spectra are not the same as in Figure 4.8 due to
the fact that these fields were observed for only half of the time that F1 and F2
were.

Now we extend our equations (4.1)–(4.5) to include all three background fields,
accounting for the different areas of the background fields and F1. Because all of
the background field measurements are independent, we can write the number of
background counts as the sum of all three fields, corrected for completeness:

NB′ =

F4∑
i=F2

NBi
ci

= 712, (4.6)

where NBi is the number of stars in field i and ci is the completeness of field i.
Then we can write equation (4.4) as

P (µF |NB +NF ) ∝
∫
dµBP (NB +NF |µF , µB)

× P
(
AB′

AF1
µB |NB′

)
P (µF ), (4.7)
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where AB′/AF1 is the ratio between the total area of the background fields and the
area of F1, AB′/AF1 =

∑F4
i=F2ABi/AF1 = 73.

Assuming the same priors as in the previous section [equation (4.5) and the
following discussion], we find that the number of RR Lyrae variables belonging to
M32 in F1 has a most probable value of µF = 7, with a 68% confidence interval
of 4–11 RR Lyrae variables (right panel of Fig. 4.9). Again, we can interpret this
result as assuming that the estimated contribution from M31 RR Lyrae variables in
F1 is 712/73 = 10, so the inferred number of M32 RR Lyrae variable in this field is
17− 10±

√
10 = 7± 3 (again, for integer numbers of stars). Note that this analysis

is only correct if the surface brightness of M31 is constant across fields F1–F4.
We can therefore claim to have detected seven RR Lyrae variables belonging to
M32 in field F1 (with a 1σ upper limit of 11 RR Lyrae stars) under this assumption.
Therefore we conclude that, indeed, M32 has an ancient population as represented
by the detection at 1-sigma level of RR Lyrae stars.

4.4.3 Specific Frequency of M32 RR Lyrae stars

We can use this number of RR Lyrae stars belonging to M32 to estimate an upper
limit on the specific frequency of M32 RR Lyrae stars (SRR) in F1, assuming that its
old, metal-poor* population resembles that of the Galactic globular clusters. SRR

is defined as the number of RR Lyrae stars (NRR) normalized to a total Galactic
globular cluster luminosity of MV t = −7.5 mag:

SRR = NRR 10(MV t+7.5)/2.5 (4.8)

(Harris 1996). We therefore need to obtain the luminosity of the old, metal-poor
population of M32 in our field. The surface brightness of M32 in F1 is µV ≈
21.9 mag/�′′ (Kormendy et al. 2009). Assuming E(B − V ) = 0.08 (Schlegel et al.
1998) and a distance modulus (m−M)0 = 24.50 (Chapter 2 of this thesis) we obtain
a total luminosity of M32 in F1 of MV t ∼ −10 mag. We then consider the metallicity
distribution function (MDF) of M32 derived in Chapter 2, from which a 10 Gyr-old
population having −2.3 < [Fe/H] < −1.3 constitutes 11% of the total luminosity.
The M32 luminosity of the old, metal-poor population in F1 is thus MV = −7.6 mag.
This implies SRR ≈ 6.5 for this outer region of M32, with 68% confidence limits of
3.6 ≤ SRR ≤ 10, which is in reasonable agreement with SRR of Galactic globular
clusters with metallicities [Fe/H] ∼ −1.6 (see Fig. 10 in Brown et al. 2004).

We can also estimate SRR for the stellar population of M31 sampled in F2. The
surface brightness in this field is µV ∼ 22.7 mag/�′′, and assuming the same dis-
tance modulus and reddening than F1, we obtain a total luminosity of M31 in F2 of
MV t ∼ −9.24 mag. We consider again only the old, metal-poor population in F2 and
calculate its luminosity. From the MDF of M31 obtained in Chapter 2, a 10 Gyr-old
population with metallicities −2.3 < [Fe/H] < −1.3 constitutes a 12% of the total
luminosity, which translates into MV t ∼ −6.9 mag. The 14 RR Lyrae stars found
in F2 imply a SRR ∼ 18 of M31 in this field. Note that this value is higher than

* on the basis of the [Fe/H] value as derived in section 4.5.3.
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SRR ∼ 11.2 estimated by Brown et al. (2004) for their M31 halo field. However, the
scatter in SRR in the Galactic globular cluster system is large enough to encompass
these variations if M31’s RR Lyrae population is similar to the Milky Way’s (cf. the
discussion in Brown et al. 2004).

One might be tempted to attempt to invert this analysis to determine the (upper
limit on the) fraction of old, metal-poor stars in M32 and M31. After all, we know
the upper limit on the number of RR Lyrae stars we can associate with M32 in
F1 and the number we can associate with M31 in F2. However, no theoretical or
empirical one-to-one relationship between SRR and metallicity exists, due to the
scatter in this SRR–[Fe/H] plane induced by the “second-parameter problem” (see,
e.g., Suntzeff et al. 1991; Brown et al. 2004). Furthermore, we have used the known
fraction of metal-poor stars in M32 in F1 (and in M31 in F2) determined in Chapter
2 and a reasonable guess for the ages of these metal-poor stars to estimate SRR,
so such an analysis would be circular. Alternately, if there were a stellar evolution
model that correctly predicted mass-loss along the first-ascent giant branch so that
the distribution of stars along the horizontal branch was also correctly predicted,
we could also perform this inversion; but no such model currently exists (see, e.g.,
Salaris & Cassisi 2005).

4.4.4 Comparison with Alonso-García et al. (2004)

Alonso-García et al. (2004) were the first to attempt to directly detect an ancient
population in M32 using RR Lyrae variables. They claimed to have detected 12 ±
8 RR Lyrae stars in a field further away from M32 than F1. From this claimed
detection, they conclude that 2.3% of M32’s stellar population is old.

In this section, we analyze the temporal and photometric completeness of their
data in order to make a comparison with the result of Alonso-García et al. (2004).
The authors do not give any estimate of the photometric completeness, but by ex-
amining their CMD we can see that the luminosity level of the horizontal branch
is evidently at the detection limit of the WFPC2 exposures. We call their primary
(“M32”) field F5 and their background (“M31”) field F6 in Table 4.5. In Chapter
2 of this thesis, we performed photometry and ASTs on F5 to compute their com-
pleteness levels using HSTphot (Dolphin 2000). In Figure 4.12 we show the (V − I,
V ) CMD calibrated onto the JC photometric system using the calibrations provided
by Holtzman et al. (1995). We conclude that the photometric completeness for
RR Lyrae stars in F5 is 20–75%, depending strongly on color. Field F6 is simi-
larly deep and therefore we assume that its photometric completeness is identical.
Figure 4.13 shows that the temporal completeness computed for F5 and F6 using
the method described in Section 4.3 is only ≈ 0.2 for the mean period observed
for RRab Lyrae (P ∼ 0.59 d) and is 0.6–0.8 for RRc (P ∼ 0.28–0.32 d). We stress
here that the RRc detectability mostly depends on the quality of photometry due
to the very low amplitudes of FO pulsators and that Alonso-García et al. (2004)
likely could not have detected them. Thus we can assume a total (photometric and
temporal) completeness for these fields of around 5–15%.

Given our own RR Lyrae detections in F1, we can estimate their completeness
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Figure 4.12: The JC-calibrated (V − I,V ) CMD for field F5 and various complete-
ness levels (dashed lines). The arrows show the location where we expect to find
RR Lyrae stars. On this basis we conclude that the photometric completeness is
between 20 and 75%. See Chapter 2 of this thesis for more details.

0.0 0.5 1.0 1.5 2.0
Period [days]

0.0

0.2

0.4

0.6

0.8

1.0

P
ro

ba
bi

lit
y 

F
5

0.0 0.5 1.0 1.5 2.0
Period [days]

0.0

0.2

0.4

0.6

0.8

1.0

P
ro

ba
bi

lit
y 

F
6

Figure 4.13: Same as in Figure 4.8 but for the F5 and F6 fields observed with
WFPC2 and analyzed by Alonso-García et al. (2004).
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in a different manner. We note that their WFPC2 fields are 22.8 times larger in area
than our ACS/HRC fields, but that the M32 surface brightness in F5 is µM32,F2

V ∼
23.7 mag/�′′, about 5.2 times fainter than F1, although the M31 surface brightness
is assumed to be the same in both fields, at µM31

V ∼ 22.7 mag/�′′. Then givenNM31,F1

RR Lyrae variables belonging to M31 and NM32,F1 RR Lyrae variables belonging to
M32 in F1, the total number of RR Lyrae we predict that Alonso-García et al. (2004)
should have detected with 100% completeness is

Ntot,F5 = 22.8NM31,F1 + 22.8NM32,F1
10−0.4µV (M32,F1)

10−0.4µV (M32,F5)
. (4.9)

For NM32,F1 = 7+4
−3 RR Lyrae variables belonging to M32 in F1, they should have

detected Ntot,F5 = 258−74
+55 RR Lyrae in total (with fewer detected in F5 for more

M32 variables in F1). They claim to have detected 22 RR Lyrae variables in F5,
so we estimate their completeness to be cF5 = 0.085+0.034

−0.015. Due to this severe
incompleteness, Alonso-García et al. (2004) were not able to study the intrinsic
properties of the stars they detected. In fact, they classified variable stars detected
as RR Lyrae stars due only to their location in the CMD.

Using this completeness level of 8.5%, we can compute the number of M32 stars
we should have seen in F1 if Alonso-García et al. (2004) detected 12 ± 8 RR Lyrae
variables belonging to M32 in F5:

NRR,M32(F1) = NRR,M32(F5)
AF1

AF5

10−0.4µV (F1)

10−0.4µV (F5)

cF1

cF5
, (4.10)

where AF1 and AF5 are the areas of the two fields, µV (F1) and µV (F5) are their
surface brightnesses, and cF1 and cF5 are the completeness levels at the blue hori-
zontal branch in the two fields. The scaling factor in this equation is 2.7, a number
which is driven mostly by the incompleteness in F5. That is, we should have seen
2.7 times as many M32 RR Lyrae variables in F1 than Alonso-García et al. (2004)
saw in F5, for a total of 33±22 RR Lyrae variables predicted to belong to M32 in our
field. This is a factor of 4.6 higher than the number that we claim to have detected.
However, the lower 68% confidence level of this estimate just overlaps with the
upper 68% confidence level of our estimate of 7+4

−3 RR Lyrae variables predicted to
belong to M32 in F1. We therefore suggest that it is possible that Alonso-García
et al. (2004) detected bona fide M32 RR Lyrae variables in F5; but their severe
incompleteness makes their detection highly uncertain.

We summarize this section by stating that considering only our ACS/HRC fields
F1 and F2, we have detected ≤ 6 RR Lyrae variable stars belonging to M32 in F1.
Complementing our primary observations with our ACS/WFC parallel fields F3 and
F4 allows a better determination of the likely M31 background in F1, and using this
estimate, we claim to have detected 7+4

−3 RR Lyrae variable stars belonging to M32
in F1, with a most probable value of seven variable stars. We therefore conclude
that M32 has an ancient population that can be detected without directly probing
the oldest main-sequence turnoffs.
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Figure 4.14: Zoomed view of the CMD around the positions of RR Lyrae stars.
Mean magnitudes have been calibrated onto the Johnson-Cousin photometric sys-
tem. RR Lyrae stars from field F1 and those from F2 are displayed as filled and
empty circles, respectively. FO pulsators are emphasized by using other larger cir-
cles around the symbols used. The boundaries of the pulsation Instability Strip
and the relative values we adopted to draw them are indicated in each panel,
namely FOBEF1−F2 = 0.20 mag (left solid line), FREF2 = 0.40 mag (dashed line)
and FREF1 = 0.58 mag (right solid line). Interestingly RR Lyrae stars in F1 appear
redder than the ones in F2 suggesting a large spread in metallicity in this field (see
the text for details).

4.5 RR Lyrae Properties

We now ask whether we can separate the detected RR Lyrae stars belonging to the
M32 and M31 stellar populations based on their intrinsic pulsation properties.

4.5.1 RR Lyrae Star Colors and the Pulsation Instability Strip

Does the average color of the RR Lyrae stars allow us to separate the two popula-
tions? In Figure 4.14 we show a blow-up of the CMDs in V calibrated onto the JC
photometric system. Inspecting this figure we see a clear difference in the color
(〈B〉−〈V 〉) range of variables belonging to our different fields. In particular, F1 RR
Lyrae colors are spread through a larger color range (0.18 mag) than those in F2.
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To understand this difference in color range, we need to discuss the mechanisms
driving the radial stellar pulsation. There are two main pulsation mechanisms,
both related to the opacity in the stellar envelope layers where partially-ionized
elements are abundant (hydrogen and neutral or singly-ionized helium): the κ- and
γ- mechanisms*. These are directly correlated to the variations, in these layers, of
the opacity (κ) and the adiabatic exponent (Γ3−1†), respectively. These mechanisms
can explain the pulsational instability strip (IS), the well-defined region in color
where we find RR Lyrae stars and radial periodic pulsators in general (as classical
and anomalous Cepheids, SX Phe variables, etc.) are observed. If a low-mass
star (M . 0.8M�) in the core helium- and hydrogen-shell-burning phase (the zero-
age horizontal branch) crosses the IS during its evolution, it becomes a RR Lyrae
variable star.

Stars bluer than the First Overtone Blue Edge (FOBE) of the IS cannot pulsate
because the ionization regions (located at almost constant temperatures) are too
close to the surface, and thus the stellar envelope mass is too low to effectively
retain heat and act as a valve. Moving towards the red side, at lower effective tem-
peratures, convection becomes more efficient and, at the Fundamental Red Edge
(FRE), quenches the pulsation mechanism (Smith 1995). The width of the IS is then
just the color difference between the FOBE and the FRE. The FOBE location in the
CMDs is well defined by theory, and we use this in Section 5.3.2 to find an indepen-
dent estimate of the distance modulus (as suggested by Caputo 1997; Caputo et al.
2000), while the position of the FRE depends on the assumptions adopted to treat
the convective transport, becoming bluer as the convective efficiency is increased.

The IS depends on the initial stellar chemical composition due to the depen-
dence of the pulsation physics on the opacity and on the hydrogen and helium
partial-ionization regions. In particular the metallicity and the convection efficiency
(especially for the FRE) should have the largest effects on the boundaries of the IS.
As the initial stellar metallicity increases, the opacity increases, resulting in a more
efficient κ-mechanism at lower effective temperature, which implies a redder FRE.
The FOBE location is almost constant, as it depends essentially on the temperature
of the region where helium is completely ionized (see, e.g., Walker 1998; Caputo
et al. 2000; Fiorentino et al. 2002).

In our case, shown in Figure 4.14, we do not see any difference in the FOBE

* These mechanisms are triggered in a region where an abundant element (hydrogen or helium) is
partially ionized (see Zhevakin 1953, 1959; Baker & Kippenhahn 1962; Cox 1963; Bono & Stelling-
werf 1994). During an adiabatic compression the opacity increases with the temperature (King
& Cox 1968), which is unlikely if the element is completely ionized. During this compression,
heat is retained and the layer contributes to the instability of the structure. This is called the
κ-mechanism and was first discussed by Eddington (1926), who called it the “valve mechanism.”
The γ-mechanism allows, under an initial compression, the energy to be absorbed by the ionizing
matter, instead of raising the local temperature, therefore lowering the adiabatic exponent γ. The
layer then tends to further absorb heat during compression, leading to a driving force for the pul-
sations (King & Cox 1968). It is evident that the two mechanisms are connected with each other.
H, HeI and HeII layers are located at 13,000 K, 17,000 K, and 30,000–60,000 K, respectively (Bono
& Stellingwerf 1994, and references therein), and thus this phenomenon involves only the stellar
envelope.

† Γ3 − 1 = δ log T/δ log ρ
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between the fields, with (〈B〉 − 〈V 〉)FOBE = 0.2 mag for both fields, whereas (〈B〉 −
〈V 〉)FRE = 0.58 mag for F1 and 0.40 mag for F2. This evidence could be interpreted
as a suggestion that F1 RR Lyrae field stars may have a larger spread in metallic-
ity or age than their M31 counterparts, support for two different mixes of stellar
populations in field F1. Furthermore it is interesting to note these red RR Lyrae
stars (namely V6, V10, V14, V15, V16 and V17) in F1 seem to be closer to the M32
center, located as indicated by the arrow in Figure 4.2. Note also that the F2 RR
Lyrae stars V3 (the reddest RRc) and V7 (the bluest RRab) define an empirical “OR”
region of the pulsation IS (see Figures 4.5 and in 4.14) where, depending on their
evolutionary path, RR Lyrae stars may pulsate in both FU or FO mode.

RR Lyrae Reddening Evaluation

To understand whether this difference in the color spreads is intrinsic—that is, due
to the metallicities or ages of the stars—or just a reddening effect, we must study
the intrinsic reddening. From Schlegel et al. (1998) we know that Galactic fore-
ground extinction in that direction is E(B− V ) = 0.08± 0.03 mag and is essentially
the same for both fields F1 and F2. However, we must also allow for extinction from
the disk of M31, in case some of the RR Lyrae variables in F1 and F2 lie behind it.
In the following we will use the intrinsic properties of the RR Lyrae stars to derive
the total intrinsic reddening values for both fields in two independent ways.

The first method is based on the insensitivity of 〈(B − V )〉FOBE to the intrinsic
properties of different RR Lyrae populations, stressed for the first time by Walker
(1998). Walker presents dereddened (magnitude-averaged) 〈(B − V )〉 IS bound-
ary colors from accurate observations of nine Galactic and LMC globular clusters
covering a range in metallicity from [Fe/H] = −1.1 to −2.2 dex. He concludes
that the dereddened color of the blue edge is at 〈(B − V )〉FOBE = 0.18 ± 0.02

mag, with no discernible dependence on metallicity, while the color of the red
edge shows a shift of 0.04 ± 0.03 mag. This method was also used successfully
by Clementini et al. (2003) to estimate the average reddening value in LMC RR
Lyrae stars. As discussed above both fields have the same FOBE color, and there-
fore we obtain the same estimate for their reddening. We find a reddened color of
(〈B〉 − 〈V 〉)FOBE

*= 0.20 ± 0.03 mag for both fields, as shown in Figure 4.14. Thus,
we infer a value of E(B − V ) = 0.02 ± 0.04 mag for both fields. Interestingly, this
value of the total reddening is more than 1σ smaller than the estimate from the
Schlegel et al. (1998) map, which is meant to measure the foreground reddening.

The second method was described originally by Sturch (1966). We stress here
the importance of this method, as the calibration of the H i column densities with
reddening is established on its basis and used by Burstein & Heiles (1978, 1982).
These authors assumed an offset of E(B−V ) = 0.03 from the values found by Sturch
(1966). They fixed it under the assumption that at the Galactic poles E(B−V ) = 0,
as suggested by McDonald (1977) in his analysis of RR Lyrae colors and Hβ indices,

* In our sample (F1 and F2) we verified that no significant difference is found between the FOBE as
derived by the magnitude and intensity averaged colors, i.e. (〈B〉 − 〈V 〉)FOBE − 〈(B − V )〉FOBE =
0.00± 0.02 mag.



4.5. RR LYRAE PROPERTIES 145

whereas Sturch found E(B − V ) = 0.03. With this method we derive reddening for
each RRab star from the (magnitude-averaged) color at minimum light (B − V )min
(phases between 0.5 and 0.7), the period Pab, and the metal abundance [Fe/H] of
the variables. The application of Sturch’s method requires the knowledge of the
metallicity of each individual RRab. Because we do not have this information from
spectroscopy of these fields, we have decided to fix the average metallicity for both
field to the value [Fe/H] = −1.6 dex, as discussed in Section 4.5.3. Sturch’s method
was calibrated on Galactic field RR Lyrae stars (Sturch 1966; Blanco 1992) and has
been used on Galactic Globular clusters (Walker 1990, 1998) and on LMC RR Lyrae
stars Clementini et al. (2003), returning, as expected, very good agreement with
the H i-based reddening measurements taking into account the Burstein & Heiles
(1978, 1982) extinction zero point. Walker (1992) used the following formulation
of the Sturch’s method,

E(B − V ) = (B − V )min − 0.336− 0.24P (d)− 0.056[Fe/H], (4.11)

where the reddening zero point has been adjusted to give E(B−V ) = 0.0 mag at the
Galactic poles, and the [Fe/H] is that of the Zinn & West (1984) metallicity scale.
We infer mean reddening values of E(B−V ) = 0.07± 0.10 mag and 0.03± 0.08 mag
for F1 and F2 respectively, in statistical agreement with each other and with the
Schlegel et al. (1998) map. Note however that the scatter in the actual metallicities
of the RR Lyraes will increase the scatter in these estimates.

Depending on the assumed method, we therefore find two different estimates of
the reddening value: a) the Schlegel et al. (1998) map and the FOBE color method
suggest the same reddening for both fields but different values depending on the
method, 0.08 mag and 0.02 mag respectively; b) Sturch’s method suggests a red-
dening slightly higher for F1 field than for F2 of about 0.04 mag. Taking into ac-
count the errors on both methods we do not find any significant difference between
the two evaluations as well as between the two fields.

We will discuss all these cases when determining the distance modulus: the
first one assuming E(B − V ) = 0.08 for both fields by following the Schlegel et al.
(1998) map, the second one assuming E(B − V ) = 0.02 mag for both fields as
suggested by the FOBE method, and the third one assuming different values, e.g.,
E(B − V ) = 0.07 mag for F1 and E(B − V ) = 0.03 mag for F2 found using Sturch’s
method. In all cases an extinction law with RV = 3.1 will be assumed.

4.5.2 Mean Periods, Amplitudes and Oosterhoff Types

In this section we focus our attention on their mean periods, amplitudes and Oost-
erhoff types (Oo types) in order to distinguish between the two populations, M32
and M31 halo (and/or outer disk) variables. Pulsational periods and amplitudes are
of fundamental importance because they depend on the star structural parameters
(mass, luminosity and effective temperature) and are distance- and reddening-free
observables.

RR Lyrae variables found in Galactic globular clusters can be divided in two
distinct classes by the mean periods of their fundamental mode pulsators: Ooster-
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hoff type I and II (Oosterhoff 1939). In Oosterhoff type I (OoI) Galactic globular
clusters, RRab variables have average periods of 〈Pab〉 = 0.559 d, and in Oosterhoff
type II (OoII) Galactic globular clusters they have average periods of 〈Pab〉 = 0.659

d (Clement et al. 2001), very few clusters have RRab with periods in the range of
0.58 ≤ 〈Pab〉 ≤ 0.62 d (the “Oosterhoff gap”). These different Galactic Oosterhoff
types may have resulted from different accretion and formation processes in the
Galactic halo, a hypothesis supported by the difference in metallicities found for
the two types (OoII RR Lyrae are on average more metal poor than OoI RR Lyrae,
with 〈[Fe/H]〉 ≈ −1.8 and ≈ −1.2, respectively, although with large and overlapping
metallicity distributions: Szczygieł et al. 2009). The Oosterhoff dichotomy may
well hold a key to the formation history of the Galactic halo, but much evidence
has suggested that this dichotomy cannot support the galaxy formation scenario in
which present-day dwarf spheroidal (dSph) satellite galaxies of the Milky Way are
the building blocks of our Galaxy (see, e.g., Catelan 2006). In fact the RR Lyrae
variables of these dSphs as well as those of their globular clusters fall preferen-
tially into the “Oosterhoff gap.” Furthermore, Clement et al. (2001) investigated
the properties of the RR Lyrae variables in Galactic globular clusters and found that
the ratio between the number of RRc and RRab stars is constant for each of the two
Oosterhoff types: Nc/Ntotal = 0.22 for the OoI clusters and Nc/Ntotal = 0.48 for the
OoII clusters. It is currently not clear whether the Oo dichotomy is a peculiarity
of our own Galaxy; for example, the RR Lyrae stars observed in the Magellanic
Clouds do not appear to follow this dichotomy (see Alcock et al. 2000, and refer-
ences therein).

Brown et al. (2004) claimed that the RR Lyrae population they discovered in
the M31 halo cannot be classified into either of the Oo types. They found a mean
period of 〈Pab〉 = 0.60± 0.10 d (in the Oo gap) but Nc/Ntotal = 0.46, higher than the
typical value for OoI clusters (0.22). On the other hand, Clementini et al. (2009)
found that one of the most luminous M31 clusters, B514, shows a peculiarity in
the Oosterhoff dichotomy. They found that the mean period of 82 RRab stars is
〈Pab〉 = 0.58 d and Nc/Ntotal = 0.08, suggesting an OoI type, while at the same
time having a very low metallicity, [Fe/H] ∼ −1.8 (Galleti et al. 2006), suggesting
an OoII type. The very low value of the Nc/Ntotal ratio in this cluster found by
Clementini et al. (2009) can be explained by the incompleteness of their sample due
to the intrinsically low amplitudes of RRc stars. In a recent study based on parallel
observations of our program taken with ACS/WFC, S09 found 〈Pab〉 = 0.55± 0.07 d
and Nc/Ntotal = 0.24 and 〈Pab〉 = 0.56 ± 0.08 d and Nc/Ntotal = 0.21 for the F3 and
F4 fields (see Table 4.5), respectively, suggesting an OoI type classification. S09
applied the period–metallicity–amplitude relation to their large sample (almost 700
stars) and found [Fe/H] = −1.77±0.06 for both fields, similar to the Clementini et al.
(2009) results.

As briefly discussed in Section 4.3, we find the same mean period 〈Pab〉 = 0.59±
0.11 d and, within the uncertainties, the same ratios of FO to FU pulsators in the two
fields: Nc/Ntotal = 0.23+0.27

−0.23 and Nc/Ntotal = 0.42+0.58
−0.25 for F1 and F2, respectively.

The error on the mean periods is just the standard deviations of the average value
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Figure 4.15: Bailey Diagram (V -band amplitude as a function of period) for RR
Lyrae stars near M32 and in the disk of M31. RR Lyrae stars in F1 are shown in
red, those in F2 are shown in blue, those found by S09 in F3 and F4 are in grey,
and those found in Brown et al. (2004) in F7 are in magenta. FU pulsators are
circles and FO pulsators are triangles. As expected the FO pulsators are concen-
trated in a region with low amplitude and periods, whereas the FU pulsators show
a linear behavior, i.e., their amplitudes decrease as their periods increase. That
trend is stressed by the solid and dashed lines representing Oosterhoff types I and
II, respectively (Clement 2000). Nearly all FU pulsators follow the OoI relation.

computed on our very small sample of RRab Lyrae stars, i.e., 13 stars for F1 and
8 for F2, and the errors on the ratio of FO to FU pulsators reflect only Poissonian
counting uncertainties.

We ask whether these properties are consistent with a single Oosterhoff type.
In Figure 4.15 we show the composite Bailey diagram of Brown et al. (2004), S09,
and our new detection of RR Lyrae variables. The comparison with other samples
is made by assuming that their amplitudes, measured in the broad F606W filter
(with a peak wavelength between Johnson-Cousins the V and R bands), underes-
timate the JC V -band amplitudes by ≈ 8% (for further details see Brown et al.
2004). Inspecting this figure, we see that RR Lyrae stars in both of our fields can
be classified as OoI, as expected given the metallicity distribution of these fields
(see Chapter 2 of this thesis), and in particular, their lack of well-developed blue
horizontal branches.
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4.5.3 RR Lyrae Pulsation Relations

We next attempt to disentangle the putative M32 RR Lyrae population from that of
the M31 using various observational manifestations of the theoretically-predicted
RR Lyrae period–luminosity–temperature relation valid for every individual RR
Lyrae star.

RR Lyrae Metallicities: [Fe/H]–Period–Amplitude Relation

To estimate the metallicity of the RR Lyrae stars in the Large Magellanic Cloud
(LMC), Alcock et al. (2000) determined a relation between the metallicity [Fe/H] of
an RRab variable, its period Pab, and its V -band amplitude AV ,

[Fe/H]ZW = −8.85[logPab + 0.15AV ]− 2.60, (4.12)

where ZW refers to the Zinn & West (1984) metallicity scale. This relation has been
calibrated from Galactic globular clusters with metallicities in the range of −1.4 ≤
[Fe/H]ZW ≤ −2.1 dex (and has been checked against the metallicities of Galactic
field RR Lyraes). The uncertainty of this relation is σ[Fe/H] = 0.31. This relation
shows very good agreement with independent metallicity estimations for the LMC
(Alcock et al. 2000), And IV (Pritzl et al. 2002), and And II (Pritzl et al. 2004).
Applying this relation to the RR Lyrae variables in our two fields we find mean
values of 〈[Fe/H]F1〉 = −1.52±0.10±0.48 dex and 〈[Fe/H]F2〉 = −1.65±0.11±0.40 dex.
The first errors take into account the uncertainties of both periods and amplitudes,
whereas the second errors are just the standard deviation from the mean value.
There is clearly insufficient statistical evidence (given the estimated uncertainties)
to conclude that we are studying two completely different populations, although
the (insignificantly) higher metallicity of the RR Lyrae stars in F1 is in line with the
results found in Chapters 2 and 3 of this thesis. Note however that, as stated by
Alcock et al. (2000), this relation may be affected by evolutionary effects on the
RRab variables and age effects in the stellar population.

RR Lyrae Distance Modulus: Luminosity–Metallicity Relation and FOBE
Method

Much has been written about the luminosities of horizontal branch (HB) stars (par-
ticularly their V -band magnitudes) and their dependence on metallicity. Recent
reviews of the subject include papers by Chaboyer (1999); Cacciari (1999, 2003),
and Cacciari & Clementini (2003). In this last paper, the authors describe the main
properties of HB luminosities as follows:

• the relation MV (RR) = α[Fe/H] + β (Sandage 1981a,b) can be considered
linear, as a first approximation, with a variation of ∼ 0.25 mag over 1 dex in
metallicity;

• at a given metallicity the evolution of low mass stars from the HB produces an
intrinsic magnitude spread that can reach up to ∼ 0.5 mag. This spread can
increase as the metallicity of the observed cluster increases (Sandage 1990);
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• the luminosity–metallicity relation is not strictly linear but depends on the HB
morphology and is related to the “second parameter” problem (Caputo et al.
2000; Demarque et al. 2000).

RR Lyrae variables remain however excellent distance indicators once these
effects are properly known and taken into account. We assume a linear MV (RR)–
[Fe/H] relation, the average of several methods:

MV (RR) = (0.23± 0.04)[Fe/H] + (0.93± 0.12) (4.13)

(for further details see Cacciari & Clementini 2003). To derive the distance mod-
ulus, we used this equation with observed mean magnitudes of 〈V 〉 = 25.34 ± 0.15

mag for F1 and 〈V 〉 = 25.30 ± 0.12 mag for F2 and a metallicity of [Fe/H] = −1.6

dex for both fields (roughly the mean of our inferred metallicities in Sec. 5.3.1).
Furthermore, we assumed different values for the reddening values as derived and
discussed in Section 4.5.1:

(a) µ0(F1) = 24.53± 0.21 mag and µ0(F2) = 24.49± 0.19 mag by using E(B − V ) =

0.08 mag for both fields, according to the Schlegel et al. (1998) map;

(b) µ0(F1) = 24.56± 0.21 mag and µ0(F2) = 24.64± 0.19 mag by using E(B − V ) =

0.07 mag and E(B − V ) = 0.03 respectively for F1 and F2, according to the
Sturch (1966) method; and

(c) µ0(F1) = 24.72± 0.21 mag and µ0(F2) = 24.59± 0.19 mag by using E(B − V ) =

0.02 mag for both fields, according to the FOBE method.

The errors are conservative and take into account the scatter in the mean 〈V 〉 value,
metallicity uncertainties (of about 0.10 dex), and the intrinsic uncertainty in the
MV (RR)–[Fe/H] relation. Note that only taking into account for a differential red-
dening between the two fields (case b) can one find F1 (the field closer to M32)
to be slightly closer to us than F2. As shown by S09, mostly because of the large
distance of M31 from us and the relatively short distance between M31 and M32,
these distance moduli do not provide any further information to disentangle the
two populations. These moduli appear to be in very good agreement with esti-
mates of both M31 (µ0 = 24.44 ± 0.11, Freedman & Madore 1990; µ0 = 24.5 ± 0.1,
Brown et al. 2004; µ0 = 24.47 ± 0.07, McConnachie et al. 2005; µ0 = 24.54 ± 0.07,
Saha et al. 2006; µ0 = 24.46 ± 0.11, S09) and M32 (µ0 = 24.55 ± 0.08, Tonry et al.
2001; µ0 = 24.39± 0.08, Jensen et al. 2003) distance moduli and with a recent esti-
mate of the distance to M32 obtained with our data using the Red Clump method,
µ0(F1) = 24.53± 0.12 mag (Chapter 2 of this thesis).

The FOBE method described in Caputo (1997) and Caputo et al. (2000) provides
an independent distance estimator. It is a graphical method based on the predicted
period–luminosity (PL) relation for pulsators located along the first-overtone blue
edge (FOBE) and seems quite robust for clusters with significant numbers of RRc
variables. Using this procedure, one obtains a distribution of the cluster RR Lyrae
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Figure 4.16: RR Lyrae variable stars in the 〈V 〉–logP plane, where the visual-
ization of the FOBE method is shown for an independent distance modulus (DM)
determination. The symbols are the same as in Figure 4.14. The solid line rep-
resents the FOBE edge, by assuming a stellar mass value of M = 0.7M� and a
metallicity [Fe/H] = −1.6. With these assumptions we find a DM of µ0 = 24.56 for a
reddening value of 0.08 mag for both fields. If we assume the minimum reddening
estimate of 0.02 mag as we derived (FOBE method, see Section 4.5.1), all the stars
move towards fainter magnitudes an amount indicated by the arrow. In this case,
we obtain a DM of µ0 = 24.72 mag (shown by the dashed line). The dotted lines
represent the FOBE edges we obtained by taking into account a 0.1M� spread in
stellar mass around the initial assumed value.
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stars in the MV –logP plane once a distance modulus has been assumed. By match-
ing the observed distribution of RRc variables with the following theoretical rela-
tion for the FOBE (Caputo et al. 2000),

MV (FOBE) = −0.685(±0.027)− 2.255 logP (FOBE)

−1.259 log(M/M�) + 0.058 logZ, (4.14)

we can obtain an independent estimate of the distance modulus. We assume the
mean metallicities derived above, [Fe/H] = −1.6 for both fields, corresponding to
logZ = −3.3, and we take M = 0.7M� from evolutionary HB models for RRc vari-
ables, with an uncertainty of the order of 4% (Bono et al. 2003). The FOBE method
then yields a distance modulus of µ0 = 24.56 ± 0.10 mag for both fields assum-
ing E(B − V ) = 0.08 mag. If we also take into account the minimum reddening
value we obtained in Section 4.5.1 of 0.02 mag, the distance modulus increases to
µ0 = 24.72± 0.10 mag.

PLC and PLC-Amplitude Relations

Our final attempt to disentangle the two populations is to consider at the same
time all the information on the RR Lyrae variables we have obtained (including
magnitudes, amplitudes, colors and periods) that reflect the individual properties
of these stars. In Figures 4.17 and 4.18 we show our detected RR Lyrae stars
in the reddening-free Wesenheit plane, 〈V 〉 − RV (< B > − < V >) − γAV vs
period, without (γ = 0) or with (γ 6= 0) taking into account a dependence on the
stellar amplitudes, respectively. Because our sample of RR Lyrae variables is very
small, we “fundamentalized” the first-overtone (FO) pulsators using the relation
logPF = logPFO + 0.13, where logPF is the fundamentalized period (van Albada
& Baker 1973). In Figure 4.17 we see that both RR Lyrae groups are located in
the same region; the solid and dashed lines represent the best linear fit across the
data points for F1 and F2, respectively. As we can see only the slope of the relation
changes, but this slope difference is statistically insignificant. The thin dashed
and dotted lines represent the dispersion around the relation for F2, for 1σ and 3σ

respectively. In Figure 4.18 we see that the periods of RR Lyrae stars in F2 do not
show any dependence on their own amplitudes, whereas the periods of RR Lyrae
stars in F1 show a mild dependence on their pulsation amplitudes of γ = −0.19

dex. However, the two relationships are in statistical agreement with each other,
suggesting that the RR Lyrae properties of the two groups are very similar.

We summarize this section by stating that the properties of RR Lyrae variables
in our two fields, F1 and F2, are statistically inseparable. The only difference we
find between the two fields is in the color of the FRE, where a population of F1 RRab
variables are redder than the F2 RRab variables. We suggest that these stars may
in fact belong to the M32 RR Lyrae population, but the small number of detected
RR Lyrae stars prevent us from making a definitive claim as to the true cause of
this color difference.
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Figure 4.17: RR Lyrae stars in the reddening-free Wesenheit plane: 〈V 〉 − 3.1 ×
(B − V ) vs. logP . The symbols are the same as in Figure 4.14. Solid and dashed
lines represent the linear fits to F1 and F2 datasets respectively. The slopes of
these relationships show a small but insignificant difference, as the F1 relationship
is well within the 1σ and 3σ uncertainties of the F2 relation (thin dashed and dotted
lines, respectively).

4.6 What Have We Learned About M32, and What
Do We Still Not Know?

In this Chapter we present ACS/HRC observations of fields near M32 (and supple-
mental ACS/WFC observations) to search for RR Lyrae variable stars. The detection
of RR Lyrae variable stars represents the only way to obtain information about the
presence of an ancient, metal-poor population (& 10 Gyr and [Fe/H] . −1 dex) in
M32 from optical data not deep enough to detect the oldest MSTO stars.

We have detected 17 RR Lyrae variable stars in F1, our field closest to M32,
and 14 RR Lyrae variable stars in F2, our background field in M31’s disk. We can
only claim to have detected an upper limit of 6 RR Lyrae stars belonging to M32
in F1 based on these two fields alone. We can better constrain the M32 RR Lyrae
population by extending our analysis to our ACS/WFC parallel fields F3 and F4 and
by assuming that the M31 surface brightness is constant over these fields. With this
extension, we can claim to have detected 7+4

−3 RR Lyrae variable stars belonging
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Figure 4.18: RR Lyrae stars in the reddening-free Wesenheit plane, taking into
account the V -band amplitudes: 〈V 〉 − 3.1× (< B > − < V >)− γAV vs logP . The
symbols are the same as in Figure 4.14. Solid and dashed solid lines represent the
fits to our data obtained with +0.01γ and −0.29γ values for F1 and F2, respectively.
There is again an insignificant difference between the two fits, as shown in the 1σ

and 3σ uncertainties for the F2 relation (thin dashed and dotted lines, respectively).

to M32 in F1, and therefore we claim that M32 has an ancient population. The
implied specific frequency of RR Lyrae stars in M32 is SRR ≈ 6.5, with a 68%
confidence interval of 3.6 ≤ SRR ≤ 10, similar to typical intermediate-metallicity
([Fe/H] ∼ −1.5 dex) Galactic globular clusters. In making these estimates, note
that we have assumed that the metal-poor population constitutes 11% of the total
luminosity of M32 in F1 following the metallicity distribution function presented in
Chapter 2 of this thesis and further that this population has an age of 10 Gyr.

We have also used the background M31 population to infer a specific frequency
of RR Lyrae variables in M31’s disk, SRR ≈ 18, that is higher than the value found
by Brown et al. (2004) in M31’s halo, SRR ≈ 11. This may reflect merely small
fluctuations in the horizontal-branch morphology with position in M31 or it may
reflect some property of M31’s disk; it is difficult to state conclusively the cause
without a better understanding of how the horizontal branch is populated (and
therefore how mass is lost on the first-ascent giant branch).

Even though we claim to have detected bona fide M32 RR Lyrae variable stars in
F1, the pulsational properties stars in fields F1 and F2 present nearly no significant
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differences. They have indistinguishable mean V magnitudes [〈V 〉 = 25.34 ± 0.15

mag and µ0 = 24.53± 0.21 mag for F1; 〈V 〉 = 25.30± 0.12 mag and µ0 = 24.49± 0.19

mag for F2 by assuming E(B-V)=0.08 mag and [Fe/H] = −1.6 dex for both fields],
the same mean periods (〈Pab〉 = 0.59 ± 0.11 d), and the same distribution in the
Bailey (V -band amplitude–log Period) diagram, and insignificantly different ratios
of RRc to RRab types (Nc/Nab = 0.30+0.37

−0.30 and Nc/Nab = 0.75+1.25
−0.42 respectively). By

using the relation between the metallicity [Fe/H] of each RRab variable, its period
Pab, and its V -band amplitude AV , we find mean values of 〈[Fe/H]〉F1 = −1.52± 0.10

dex and 〈[Fe/H]〉F2 = −1.65 ± 0.11 dex. We stress here that these metallicities, as
well as those found by S09 ([Fe/H] = −1.77 ± 0.06 from nearly 700 stars), are far
away from the “solar-like” metallicity used by Brown et al. (2000) to interpret the
UV excess they found in the core of M32 as a hot horizontal branch. However, we
do find a population of F1 RRab variables that are redder than F2 RRab variables.
We suggest that these stars may in fact belong to the M32 RR Lyrae population, but
the small-number statistics imposed by the small ACS/HRC area makes a definitive
claim difficult or even impossible.

We have detected M32’s long sought-after ancient, metal-poor population through
its RR Lyrae population. But we find that this RR Lyrae population is nearly in-
distinguishable in its mean pulsational properties from M31, and for that matter,
its specific frequency. Does this imply that M32 and M31 formed, evolved, and
(likely) interacted in such a way that their ancient, metal-poor populations share
some commonality? Or is this just a coincidence? We hope that further explo-
ration of M32’s RR Lyrae population, from fields closer to the center of M32, and
high-resolution spectroscopy of individual stars, revealing their detailed chemical
compositions and therefore details about their formation histories, in M32 and the
disk of M31 will eventually become available to help answer these questions.
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Chapter 5
Conclusions and future
prospects

In this thesis we have obtained the most complete inventory yet possible of the
resolved stellar populations of the nearest elliptical galaxy M32. We have used

very high resolution Hubble Space Telescope (HST) observations to construct and
analyze deep color-magnitude diagrams (CMDs) and to search for RR Lyrae vari-
ables in the fields observed to extract information about the stellar ages and metal-
licities distributions in this galaxy. The present work significantly improves our
knowledge on the stellar populations of M32 and sheds light on M32’s origins and
evolution. Furthermore, the results obtained in this thesis provide an unprece-
dented rich data base to compare with unresolved stellar population models and
test their applicability to more distant galaxies. This is of crucial importance to aug-
ment our understanding on how galaxies, in particular ellipticals, form and evolve
throughout cosmic time. In Section 5.1 we summarize the main results presented
in this thesis. Follow up studies based on this work are discussed in Section 5.2.

5.1 Results of this thesis

• The intermediate-age and older stellar populations of M32

In Chapter 2 we have obtained the deepest optical CMD of M32 ever con-
structed, which we qualitatively analyzed with the aid of theoretical isochrones.
We find that, from the morphology and CMD position of the RC, the bulk of
M32’s population is composed of 8–10 Gyr old stars. We detected the RGB and
AGB bumps for the first time in M32. These, together with the RC, indicate
that the mean age of M32 is between 5–10 Gyr. In Chapter 3, by compar-
ing the distribution of stars in the observed CMD with that of a model CMD,
we were able to quantify these intermediate-age and old population. They
contribute ≈ 56% of the mass of M32 at ∼ 2′ from its center.
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• The youngest and intermediate-age stellar populations of M32

The CMD of M32 presented in Chapter 2 displays a blue plume (BP) and bright
AGB stars. These demonstrate the presence of young and intermediate-age
populations in M32, with the youngest population being ∼ 0.5 Gyr old. We
furthermore find in Chapter 3 that the 2–5 Gyr old stars of this population
contribute ≈ 40% of the mass of M32 at ∼ 2′ from its center. Stars younger
than 2 Gyr that constitute the BP contribute ≈ 4% of the mass. Roughly half of
that mass is composed by genuine young metal-rich stars while the remaining
half is composed by young, metal-poor stars, which we associate with blue
stragglers belonging to an older metal-poor population.

• The ancient metal-poor stellar populations of M32

Despite the high spatial resolution of the ACS/HRC images, the detection of
the oldest MSTOs of M32 were out of reach due to the severe crowding in the
observed fields. We also found no clear blue horizontal branch (BHB) in its
CMD, typically associated with ancient metal-poor populations. Moreover, we
detected virtually no stars on the RGB with [Fe/H] < −1.5 dex that could be
associated with such a population (Chapter 2). Nevertheless, in Chapter 4,
we detected 7+4

−3 variable RR Lyrae stars in M32. They represent an ancient
(older than 10 Gyr) metal-poor ([Fe/H] ∼ −1.6 dex) population in this galaxy,
which contributes, at most, 4% of the mass of M32 at ∼ 2′ from its center
(Chapter 4).

• The metallicity of M32

We have derived the photometric metallicity distribution function (MDF) of
M32 in Chapter 2, which shows that the majority of the stars have a slightly
sub-solar metallicity of [M/H] ∼ −0.2 dex. Metal-poor stars with [M/H] < −1.2

contribute at most 6% of the total V -band luminosity (∼ 4.5% of the mass,
assuming a metal-poor 10 Gyr old population) of M32 in our field’s position.
This implies that the enrichment process largely avoided the metal poor stage.
In Chapter 3, we derived the age–metallicity relation of M32 and find that it
is basically constant. We note that an almost constant age–metallicity rela-
tion appears to suggest that M32 has not experienced any metal enrichment.
However, the lack of resolution in age means that we cannot extract detailed
information on stars older than 5 Gyr. Most of the chemical evolution of the
system has likely occurred during that 5–14 Gyr period. The mass-weighted
metallicity of M32 is [M/H] ∼ 0.2 dex. Stars with metallicities lower than
[M/H] . −1 dex only contribute ∼ 5% of the mass of M32 at ∼ 2′ from its
center, which is consistent with the values discussed above.

• Origins of M32

We find that our results, in particular the substantial population of 2–5 Gyr
old stars, do not agree with models of M32’s formation that suggest a spi-
ral galaxy as its progenitor. Instead, we favor the idea that M32 is a low-
luminosity elliptical galaxy that has had a dissipative merger event.
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Figure 5.1: Specific SFR SSFR = SSFR/M∗ as a function of redshift. The lower
and upper limits represent the SSFR assuming an uniformly distributed star forma-
tion over the age bin considered and a starburst at 1 Gyr of the bin, respectively.
The values of SSFR agree reasonably well with those observed for galaxies with
masses ∼ 109M� at the different redshifts considered (e.g., Noeske et al. 2007;
Santini et al. 2009).

• Downsizing of star formation in galaxies

The results presented in this thesis refer to a small fraction of the galaxy M32
at ∼ 2′ from its center. If we make the (admittedly bold) assumption that
the field studied is representative of the whole galaxy, we can use the SFH
derived in Chapter 3 to place M32 into a cosmological context. We calculate
the specific SFR of M32, SSFR = SSFR/M∗, as a function of redshift, where
M∗ = 108.66M� is the total stellar mass of M32 (Cappellari et al. 2006). The
results are shown in Figure 5.1. The limiting values of the SSFR are obtained
assuming that the stellar mass was formed uniformly in the given age interval
(lower limit) or only in 1 Gyr of such interval (upper limit). The SSFR values
obtained are typical of or even lower than the observed SSFR in galaxies
with masses ∼ 109M� at redshifts 0.3 . z . 2 (e.g., Noeske et al. 2007;
Santini et al. 2009). Thus, assuming that the field studied is representative
of the whole galaxy, the stellar populations found in M32 at ∼ 2′ support the
scenario of downsizing of star formation in galaxies, where low-mass early-
type galaxies form the majority of their stars at lower redshifts than the peak
of the star formation rate density of the universe (e.g., Hopkins & Beacom
2006) (Chapters 2 & 3).

• The stellar populations in the inner regions of M31

From qualitative and quantitative analysis of the CMD of our background
field, we find that the stellar populations of the inner regions of the disk
and spheroidal components of M31 are older and more metal-poor than M32.
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The mean mass-weighted age and metallicity of the inner regions of M31 are
〈Age〉 = 8.7 ± 1.2 Gyr and 〈[M/H]〉 = −0.15 ± 0.10 dex, respectively. M31’s
population at ∼ 5 kpc from its center has two main components: ≈ 55% of
the mass composed by a 8–14 Gyr old metal-poor population and ≈ 40% of
the mass in more-metal rich stars of 5–8 Gyr old. The remaining ≈ 5% is in
a 0.5–5 Gyr old population. The inner disk and spheroidal stellar populations
seem to be indistinguishable from those of the outer disk and spheroid. As-
suming that M31’s disk at our field location (∼ 1 disk scale length) has a mean
age between ∼5 and 8 Gyr, our results are in agreement with inside-out disk
formation models.

We conclude that M32 has had an extended SFH and is composed of two main
dominant populations at F1: ≈ 40% of the mass in a 2–5 Gyr old, metal-rich pop-
ulation and ≈ 56% of the mass in stars older than 5 Gyr, with slightly subsolar
metallicities. We do not expect a significant contribution from stars older than 10
Gyr in M32 at ∼ 2′ from its center, although there are a few ancient metal-poor
stars present in M32, as revealed by the presence of RR Lyrae. The ≈ 4% of the
rest of the mass is roughly equally divided between a young metal-rich population
and a young metal-poor population. We associate the latter with blue straggler
stars belonging to an old (likely metal-poor) population. The mean mass-weighted
age and metallicity of M32 at ∼ 2′ from its center are 〈Age〉 = 6.8 ± 1.5 Gyr and
〈[M/H]〉 = −0.1 ± 0.08 dex, respectively, where the uncertainties are due to uncer-
tainties in the measured SFH.

5.2 Future prospects

5.2.1 Calibration of stellar population synthesis models with
M32

The spectral energy distribution (SED) of elliptical galaxies is typically the only
means available to study their stellar populations. The large distances of these
galaxies in combination with their high surface brightnesses prevent detection of
their intrinsically fainter individual stars. Thus, we rely strongly on unresolved stel-
lar population models to learn about their star formation histories (SFHs). To this
end, unresolved stellar populations synthesis models have been developed (e.g.
Worthey 1994) to study moderate-resolution spectra (e.g. González 1993; Coelho
et al. 2009) and have become very sophisticated in disentangling the non-trivial
age–metallicity. Nevertheless, they still suffer from uncertainties: e.g., it is difficult
to distinguish between a young or hot old population since the latter is not neces-
sarily accounted for in the models (Maraston & Thomas 2000). Calibration of these
models, which requires observations of individual stars in giant elliptical galaxies,
is a key ingredient that needs to be further developed. The lack of giant elliptical
galaxies in the Local Group leaves M32 as the best template available for these
galaxies. M32, although a low-luminosity compact elliptical, is the nearest system
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with properties similar to the giant elliptical galaxies. Moreover, in general, mod-
els applied to giant ellipticals reach the same conclusions as those applied to M32
(e.g., Worthey 1998). M32 is therefore a vital laboratory to test the applicability of
the stellar population models to more distant galaxies. A comparison of the stellar
parameters obtained using resolved stars and integrated luminosity is fundamental
to provide a calibration to the unresolved stellar models with an actual elliptical.

Extensive spectroscopic studies of M32 have been performed, mostly in the
central regions and out to ∼ 1 re (e.g., O’Connell 1980; González 1993; Worthey
2004; Rose et al. 2005). All studies agree that the central stellar population has
an SSP-equivalent age of 2.5–5 Gyr and roughly solar metallicity, with an age gra-
dient that increases the age at 1 re by ∼ 3 Gyr and a mild negative metallicity
gradient. Various synthetic population models have claimed that M32 underwent a
period of significant star formation in the recent past, i.e., about 5–8 Gyr ago, (e.g.,
O’Connell 1980; Pickles 1985; Bica et al. 1990) based on the presence of enhanced
Hβ absorption in the integrated spectrum of M32, a signature of an intermediate-
age population (e.g., Rose 1994; Trager et al. 2000b; Worthey 2004; Schiavon et al.
2004; Rose et al. 2005; Coelho et al. 2009). To date, only Coelho et al. (2009) have
attempted to probe the unresolved stellar populations as far from the center of M32
as the ACS/HRC field presented in this thesis lies, using longslit observations with
GMOS on Gemini. They propose that an ancient and intermediate-age population
are both present in M32 and that the contribution from the intermediate-age popu-
lation is larger at the nuclear region. They claim that a young population is present
at all radii, in particular they suggest that there is a strong component of either
very young (< 0.3 Gyr) and/or very old (> 10 Gyr), metal-poor stars even in their
outermost field.

We presented throughout this thesis the most complete analysis to date of the
resolved individual stars of M32, and thus we provide an unprecedented rich data
base to compare with unresolved stellar population model. We used the inferred
SFH of M32 derived in Chapter 3 at F1 to compute line strength indices and to
predict the spectrum of M32 from its derived SFH, using the models of Bruzual &
Charlot (2003, hereafter BC03). Figure 5.2 shows the predicted SED for M32 at F1
after blue-shifting the spectrum to v = −204 km s−1 and smoothing to σ = 72 km s−1,
as expected for (the center of) M32*.

Using the BC03 models, we obtain a B-band luminosity-weighted mean age and
metallicity of 5.1 Gyr and [M/H] = −0.19 dex, respectively, for M32 at F1 from
its resolved SFH. Coelho et al. (2009) find an average luminosity-weighted age of
5.7±1.5 Gyr using BC03, which agrees with our result within the uncertainties, but
their inferred mean metallicity is much lower, [M/H] = −0.6 ± 0.1 (see their Table
3). Moreover, as mentioned above, they suggest that there is a strong component
of either very young (< 0.3 Gyr) or very old (> 10 Gyr), metal-poor stars in their
field at a radius similar to our F1 field, which is inconsistent with our data.

* We note that Howley et al. (2010, priv. comm.) have suggested that the appropriate value of M32’s
velocity dispersion at the position of F1 is σ ≈ 45 ± 7 km s−1, with nearly the same radial velocity
as at M32’s center. At the resolution of our spectrum, the difference between Howley et al.’s value
and the central value is nearly negligible.
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Figure 5.2: Predicted SED of M32 at F1’s location, using BC03 models and the
inferred SFH of M32 calculated in Chapter 3, after smoothing to M32’s velocity
dispersion and shifting to its radial velocity. The flux distribution Fλ ∝ L/L� −1,
where L� = 3.8 × 1033 ergs/s. The Hδ, Hγ, Hβ, Mgb, Fe5270, and Fe5335 indices
are indicated. The blue, black and red solid lines show the blue, central and red
values in the definition of the corresponding Lick indices, respectively (see e.g.
Burstein et al. 1984; Worthey et al. 1994; Trager et al. 1998).

We have also calculated SSP-equivalent parameters that can be compared with
the values obtained from the integrated luminosity of this galaxy. Using the BC03
models, the SSP-equivalent values of M32 obtained from its inferred SFH at F1 are
3.3 Gyr and [M/H] = −0.06 dex, respectively. Given the radial age and metallicity
gradients known to be present in M32 (e.g., Rose et al. 2005), we cannot directly
compare these SSP-equivalent values with those obtained from the central luminos-
ity integrated of M32 (by, e.g., Trager et al. 2000b). We therefore do the following.
We use the values of the line strength indices from Worthey (2004) and compute
the SSP-equivalent parameters from polynomial fits to the absorption-line strengths
as a function of radius (his Table 1) using the modified BC03 models described in
Trager et al. (2008). We then fit straight-line gradients to the SSP-equivalent pa-
rameters as a function of radius and extrapolate these fits to 110′′, F1’s position.
The SSP-equivalent age and metallicity of M32 at F1 from this extrapolation are
8.9 ± 0.5 Gyr and [M/H] = −0.23 ± 0.03 dex, respectively. We note that Worthey’s
values for Mgb are low compared with González (1993) and Trager et al. (1998),
and thus the SSP-equivalent age we have obtained may be slightly overestimated
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Figure 5.3: SSP-equivalent age (left panel) and metallicity (right panel) values
from Worthey (2004) data as a function of radius from the M32’s center. The lines
are linear fits to the data. We can see the steep positive age gradient from M32’s
center to 1 re ∼ 40′′. An extrapolation of these fits to log(110′′) ∼ 2.04 gives the SSP-
age and metallicity values at F1: 8.9 Gyr and [M/H] = −0.23±0.03 dex, respectively.
The SSP-equivalent parameters calculated from the inferred SFH of M32 (big dots)
are in stark contrast with predictions of spectral studies.

whereas the SSP-equivalent metallicity may be underestimated. Taken this into
account, we obtained an SSP-equivalent age of ∼ 8.4 Gyr and a SSP-equivalent
metallicity of [M/H] ∼ −0.13 dex. Figure 5.3 shows the SSP-equivalent parameters
from Worthey (2004). The linear fits to the log(age/Gyr) and [M/H] as a function of
log(r/′′) are also shown. The big dots indicate the SSP-parameters obtained from
the inferred SFH of M32 from BC03 models.

The predicted age and metallicity at F1 from the extrapolation of the absorp-
tion line gradients are older and lower, respectively, than those obtained from the
inferred SFH of M32. This suggests that either the extrapolation of line strength
indices or the stellar population models, or both, may be in error, but we are cur-
rently unable to discern which. Color profiles in many colors of M32 are rather flat
(Peletier 1993). Since M32 does not contain dust, integrated colours can be good
population indicators and the fact that there are no gradients in colors agree with
the results from the inferred SFH. Davidge & Jensen (2007) have also challenged
the radial gradients in mean stellar parameters obtained from spectral studies.
They find no evidence for a radial age gradient in M32, based on the properties
of observed brightest AGB stars, in contrast to the results by Worthey (2004) and
Rose et al. (2005), who found (as described above) a significant radial gradient in
the mean luminosity-weighted age of M32.

The only way to address this apparent contradiction is with a spectrum of M32
at the position of F1, with which we can compare the SSP-equivalent parameters
obtained from the resolved population. With this goal in mind, we have obtained
new VIRUS-P observations of spectra of M32 taken at the position of field F1, where
the SFH has been resolved. These data will be fully analyzed in the near future.
The Visible Integral-field Replicable Unit Spectrograph-Prototype (VIRUS-P, Hill
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et al. 2008) on the 2.7 m Harlan J. Smith telescope at McDonald Observatory is the
largest field of view (FoV) integral field unit spectrograph to date, composed of 246
optical fibers each with a 4′′.1 diameter on the sky for a FoV’s size of 1′.7×1′.7. The
fibers are laid out in hexagonal close-packing, roughly square array with a 1/3 fill
factor of ∼ 8 pixel spacing between the fibers.

The data were taken over two nights and two partial nights in October 2010.
We observed both the ACS/HRC fields presented in Chapter 2 (F1 and F2) and the
center of M32. Given the 1/3 fill factor, three dithered exposures per field posi-
tion were taken to sample the complete FoV. In addition, sky nods were necessary.
These constituted about 1/3 of our observing time. We observed three sky fields
that were obtained ∼ 2◦ off the field positions and outside of the major M31 sub-
structure regions (see e.g., McConnachie et al. 2009). The data for F1 and F2 were
acquired through a cadence of 20 minute science exposures bracketed by 5 minute
sky exposures. In total, 6 exposures per dither position were obtained for F1 for an
effective exposure time of 120 minutes and 5 exposures per dither position for an
effective exposure time of 100 minutes were obtained for F2. The center of M32
was observed with 3 exposures per dither position of 30 minutes each, for an effec-
tive exposure time of 90 minutes. The observing conditions for the entire run were
good. The typical seeing during the observations was ∼ 2′′.

Determining the unresolved stellar population parameters of the fields requires
high signal-to-noise (S/N) spectroscopy. We therefore used VIRUS-P’s R ∼ 900

grating over 3500–5800 , which covers the critical Hβ, Mgb, Fe5270, and Fe5335
indices (Burstein et al. 1984; Worthey et al. 1994; Trager et al. 1998), the higher-
order Balmer lines Hδ and Hγ, and the as-yet barely exploited blue region from
3500–4000 Å. As shown by Cardiel et al. (1998), an age-dating accuracy of 1 Gyr
for an ancient population (> 10 Gyr) requires S/N > 95/ at the Lick/IDS resolution
of ∼ 200km/s. Given the surface brightness of fields F1, µV = 21.5 mag/arcsec2, and
F2, µV = 22.7 mag/arcsec2, and the exposure time observed per field, we expect to
reach S/N = 100 per spectral resolution element of 5 Å in F1 by averaging 20 fibers
and S/N = 85 per spectral resolution element of 5 Å in F2 by averaging 45 fibers.

At the moment, only data obtained at F1’s position have been partially reduced.
The data reduction steps were performed using VACCINE (Adams et al., in prep.),
a pipeline specifically developed for VIRUS-P data at University of Texas. Details
about the reduction steps can be found in Murphy et al. (2011). Figure 5.4 shows a
total intensity map of the VIRUS-P field centered at F1 after the data were reduced,
overlaid on a ground-based image of M32. The units are arbitrary. Each small circle
represents a fiber of VIRUS-P instrument. We can clearly see how the intensity
increases as we get closer to the galaxy’s center.

Figure 5.5 shows the spectrum of one of the brightest of the 738 available fibers
in this VIRUS-P pointing. The data quality is clearly excellent. This spectrum has
not yet been fully flux-calibrated, so the continuum shape in Figure 5.5 cannot be
compared directly to Figure 5.2.

The final, complete reduction and analysis of these observations will be per-
formed in the near future. With these observations, it will finally be possible to
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Figure 5.4: Intensity map of the 738 regions sampled by VIRUS-P in the three
dither positions for F1, overlaid on a ground-based image of M32. Each region of
the intensity map has a diameter of 4′′.1. The FoV of VIRUS-P is a 1′.7 × 1′.7 box
consisting of an array of 246 optical fibers. The ACS/HRC F1 field is indicated with
a black square and corresponds to the central ∼ 50 regions of this map. North is
up and East is to the left.
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Figure 5.5: SED of one of the brightest fibers observed at F1. The spectrum
has not yet been fully flux-calibrated. Some of the critical indices required for
determining the age and metallicity of the galaxy, Hδ, Hγ, Hβ, Mgb, Fe5270, and
Fe5335, are indicated. The blue, black and red solid lines show, respectively, the
blue, central and red limits in the definition of the corresponding Lick indices. The
figure shows the excellent quality of the data.

compare the SSP-equivalent parameters from the inferred SFH of M32 in Chap-
ter 3 when the ones obtained from to the real spectrum of M32 and calibrate the
stellar population models with an actual elliptical galaxy for the first time. This
will of course help to better understand how to interpret the integrated luminosity
of galaxies, and therefore their SFHs. In addition, given the large areal coverage
never before obtained for M32, these observations will allow us to spatially resolve
the stellar populations of this galaxy from the center out to ∼ 3 re and study radial
age and metallicity gradients.

5.2.2 M32 as a possible progenitor of substructures in the
halo of M31

According to the current models of galaxy formation, galaxies form hierarchically
through the accretion of smaller objects that, due to gravity, merge together and
form larger systems as we see them today (e.g. White & Rees 1978). Predictions
of this theory, such as the existence of streams and satellite galaxies, have been
supported by observations not only in our own Galaxy (e.g. Helmi & White 1999;
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Belokurov et al. 2006) but also in external galaxies (e.g. Martínez-Delgado et al.
2009). The system of M31 and its satellites represents an ideal laboratory for
mapping the progressive stages of hierarchical galaxy formation. Our external
and global view of this system removes complications due to crowding and highly
variable extinction that affect the observation of stellar substructures in the Milky
Way. As a result, the structures observed in M31 are easier to interpret.

Over the last decade, ground-based wide-field observations of M31’s halo have
detected the presence of several substructures (e.g. the giant stream, Ibata et al.
2001), which are remnants of dwarf galaxies disrupted by the tidal field of M31
(e.g. Ferguson et al. 2002). Recently, deep HST ACS/WFC observations of 14 fields
located in the inner halo of M31 were analyzed and the stellar populations of iden-
tified streams were characterized (Richardson et al. 2008). Richardson et al. (in
prep.) extracted their SFHs and determined that most of these streams have a
common progenitor. The progenitor of these streams is expected to be only one
system with a complex SFH, with the bulk of star formation at intermediate and old
ages. However, its nature has not been established yet.

We have shown in Chapter 3 that M32 has also had a complex SFH, composed of
two main intermediate-age and old populations. Whereas kinematical results have
indicated that M32 is not a good candidate (Fardal et al. 2008), Block et al. (2006)
showed that a possible head-on collision of M32 to M31 could deposit all the sub-
structures seen in the halo of M31. We can further investigate whether the origin
of the substructures in the inner halo of M31 can be associated to M32 by using
stellar populations. The observations that we presented in Chapter 2 are located
at the outer regions of M32, where its isophotes are known to be distorted (Choi
et al. 2002) possibly due to interactions with M31 that would have tidally stripped
off some of M32’s material. A direct comparison of the SFH of M32 extracted from
its resolved stellar populations in Chapter 3 with that of the stream-like fields ob-
tained in the halo of M31 can confirm or rule out M32 as the progenitor of these
substructures.

5.2.3 The rare oldest and youngest stars of M32

We have shown in this thesis that M32 has ∼ 2% of its mass composed of stars
younger than 2 Gyr and ∼ 40% of stars with ages between 2 and 5 Gyr. We confirm
the presence of the younger population through the presence of bright AGB stars
in our CMD. However, our field of view was very small and it was positioned well
away from M32’s center. Thus, some contamination from M31 stars may remain,
even though we accounted for it with an appropriate background field.

On the other hand, we have a hint of the presence of an ancient-metal-poor
population from our marginal detection of RR Lyrae stars (Chapter 4). Our results
indicate that old metal-poor stars contribute to ∼ 5% of the mass of M32 at F1.
However, due to the small field of view of the ACS/HRC camera we only detected a
marginal amount of these stars, which moreover had no clear difference in pulsa-
tional properties with the ones found in our background field of M31.
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Thus, we still lack a complete census of both the oldest and youngest popula-
tions of M32, which are crucial to understand how M32 started to form and when its
last epoch of star formation took place. Shallower observations over a wider area
closer to M32’s nucleus can be used to identify and quantify these populations.
Firstly, contamination from M31 stars will be minimal as we approach the nucleus
of M32. Secondly, a wider coverage will not only allow the detection of gradients
(if any) in the M32 populations and test spectroscopic results (e.g. Worthey 2004;
Rose et al. 2005) but will also provide statistically-significant detection of RR Lyrae
and AGB stars, which was difficult in this thesis due to the very small HRC FoV. For
example, UVIS WFC3 images can be used to search for RR Lyrae and quantify the
presence of ancient, metal-poor stellar populations, and NIR WFC3 observations
can be used to determine the youngest ages of AGB stars, since bright AGB stars in
NIR filters show a distinct sharp edge corresponding to their maximum luminosity.

Combining the results of this thesis with the forthcoming answers to these ques-
tions will allow us, in the near future, to place stronger constraints to the process
of formation and evolution of elliptical galaxies.
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Nederlandse Samenvatting

Sterrenstelsels zijn één van de belangrijkste waarneembare onderdelen van het
Heelal waarin we leven. Het begrijpen van hun vorming en evolutie door de

kosmische eeuwen heen zal leiden tot een beter begrip van de geschiedenis van
het Heelal zelf en is daarom één van de belangrijkste disciplines in de moderne
sterrenkunde.

Sterrenstelsels zijn enorme systemen die bij elkaar worden gehouden door hun
eigen zwaartekracht en bestaan uit miljarden sterren, gas en stof. Al naar gelang
hun morfologie werden ze voor het eerst door Hubble (1926) ingedeeld in twee
groepen: spiraalstelsels en elliptische stelsels (zie Fig. 1). Spiraalstelsels hebben
heldere spiraalarmen, vol met stof, die zich opwinden tot een heldere centrale bol
in het centrum, de zogenaamde ‘bulge’. Onze eigen Melkweg is een voorbeeld
van een typisch spiraalstelsel. Elliptische stelsels hebben daarentegen een ellipti-
sche vorm en verschijnen aan de hemel als gladde, bijna kenmerkloze systemen.
Deze twee type systemen verschillen niet alleen in morfologie maar ook in inhoud
van sterren en gas zowel als de fysische processen betrokken bij hun vorming en
evolutie. Elliptische stelsels hebben zeer weinig gas en stof. Omdat sterren wor-
den gemaakt van gas zijn er maar weinig jonge sterren in deze stelsels. Ze zijn
in principe volledig opgebouwd uit een populatie van oude sterren. Spiraalstel-
sels daarentegen hebben zowel jonge als oude sterren. De spiraalarmen in deze
stelsels bevatten grote hoeveelheden gas en stof. Als gevolg daarvan worden op
verschillende plaatsen continu nieuwe sterren gevormd. De centrale ‘bulge’ van
een spiraalstelsel bestaat voornamelijk uit oude sterren.

Elliptische sterrenstelsels, het onderwerp van dit proefschrift, zijn in het bij-
zonder interessant omdat ze een significant deel van de totale stellaire massa in
het lokale Heelal bevatten. Ondanks dat ze als simpele objecten aan de hemel
verschijnen, zijn elliptische stelsels eigenlijk zeer complexe systemen. Ze worden
gevonden in een grote variëteit aan afmetingen, van de grootste tot de kleinste
sterrenstelsels die bekend zijn, en hun structurele eigenschappen zoals helderheid
en kinematica (snelheidsdispersies) kunnen zeer verschillend zijn. Een zeer inte-
ressant gegeven is dat sommige van deze eigenschappen met elkaar samenhangen
via meerdere schalingsrelaties. Dit impliceert dat bij de vorming en evolutie van
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Figuur 1: Linker paneel: Een voorbeeld van een spiraalstelsel van boven gezien:
M74 (NGC 628). Dit stelsel bevindt zich op een afstand van 30 miljoen lichtjaar
in de richting van het sterrenbeeld Vissen. Het ontwerp van de spiraalarmen van
M74, gemarkeerd door de heldere blauwe sterrenclusters en de donkere kosmische
stofbanen, is in vele opzichten gelijk aan onze eigen Melkweg. Rechten: Gemini
Observatory, Gemini Multi-Object Spectrograph (GMOS) team. Rechter paneel:
Een voorbeeld van een elliptisch stelsel: M87 (NGC 4486). M87 is een groot domi-
nant sterrenstelsel in het centrum van het Virgo Sterrenstelsel Cluster. Rechten:
Digitized Sky Survey (DSS).

elliptische stelsels enkele gemeenschappelijke fysische processen zijn betrokken
die zich nu uiten in waarneembare eigenschappen. Deze meetbare eigenschappen
kunnen van pas komen bij het bestuderen van sterrenstelselvorming en het testen
van de beschikbare modellen.

Het huidige kosmologische model van sterrenstelselvorming, bekend als het
“Hiërarchische Paradigma”, voorspelt dat sterrenstelsels hiërarchisch vormen door
de aanwas van kleinere objecten die, door de zwaartekracht, samensmelten en de
grotere systemen vormen die we vandaag de dag zien (bijv. White & Rees 1978).
Eén van de beste benaderingen om dit model te testen, en om de stervormingsge-
schiedenis (SVG) van deze stelsels te ontcijferen, is om de stellaire inhoud in detail
te bestuderen.

Net zoals paleontologen het pre-historische leven op aarde besturen door fossie-
len te onderzoeken, kunnen wij de geschiedenis van een sterrenstelsel reconstrue-
ren door middel van de sterren waarvan het is gemaakt. De eigenschappen van de
sterren bevatten een indicatie van hun leeftijd en de chemische samenstelling van
het inter-galactische gas waaruit ze zijn gevormd.

De straling die door een ster wordt uitgezonden wordt diep in de ster gepro-
duceerd en wordt via zijn atmosfeer de ruimte ingezonden. Deze straling bevat
gedetailleerde informatie over de intrinsieke eigenschappen van de stralende ster.
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Sterren worden ingedeeld in verschillende spectraaltypes, afhankelijk van de golf-
lengte waarop de straling van de ster piekt. Dit geeft ook een indicatie van hun
oppervlaktetemperatuur. De magnitude van een ster is een maat van zijn helder-
heid. De kleur van een ster is gedefiniëerd als het verschil tussen de magnitudes
in twee filters (of bereik in golflengte) en is direct gerelateerd aan de oppervlakte-
temperatuur van een ster. Aan het begin van de twintigste eeuw viel het twee
astronomen, E. Hertzsprung en H. Russell, onafhankelijk van elkaar op dat enkele
opvallende en onverwachte patronen kunnen worden waargenomen als de helder-
heden (of magnitudes) van sterren worden weergegeven als functie van hun op-
pervlakte temperatuur (of spectraal type, of kleur). Dit type diagram wordt een
HR-diagram of kleur-magnitude diagram (KMD) genoemd. Later werd ontdekt dat
bepaald concentraties van sterren in deze diagrammen verschillende stadia in de
evolutie van een ster voorstellen. Sterker nog, de positie van een ster in een KMD
is op een unieke manier gekoppeld aan zijn massa, leeftijd en chemische samenstel-
ling. Door KMD’s te maken van een verzameling sterren in een sterrenstelsel en
door sterevolutietheorie toe te passen op een dergelijk diagram, kunnen we direct
de leeftijden en chemische samenstelling van de verschilllende populaties achter-
halen en dus de SVG. Dankzij de komst van de Hubble Space Telescope (HST, zie
Fig. 2), in 1990, werd het mogelijk om individuele sterren van een voorheen onge-
kende (en nog steeds ongeëvenaarde) zwakheid en afstand waar te nemen in vele
sterrenstelsels. Het is heden ten dage mogelijk om de sterevolutie en -vorming in
nabije sterrenstelsels tot in groot detail te bestuderen (zie bijv., Brown et al. 2006;
Barker et al. 2007; Monelli et al. 2010). Deze werken hebben aangetoond dat de
SVG niet alleen significant verschilt van sterrenstelsel tot sterrenstelsel maar ook
binnen hetzelfde stelsel, afhankelijk van de locatie van de verzameling sterren die
wordt bestudeerd (zie de review door Tolstoy et al. 2009).

Helaas staan de meeste elliptische stelsels in het Heelal op een erg grote af-
stand van ons en daarom is het in het algemeen heden ten dage niet mogelijk om
individuele sterren in deze stelsels te zien. We kunnen echter wel het geïntegreerde
licht zien dat door deze sterrenstelsels wordt uitgestraald. Dit licht is een combi-
natie van het licht uitgezonden door alle individuele sterren die zijn gevormd op
verschillende tijden uit verschillende chemische samenstelling, in zo’n stelsel. Het
is daarom belangrijk om uit het geïntegreerde licht de verschillende sterpopulaties
in het stelsel te halen. Dit is echter niet triviaal omdat verschillende combinaties
van sterpopulaties hetzelfde geïntegreerde licht kunnen produceren. Modellen van
sterpopulaties zijn ontwikkeld om het geïntegreerde licht van sterrenstelsels te be-
grijpen en deze modellen zijn zeer ver ontwikkeld om de verschillende populaties
uit elkaar te halen (bijv. Worthey 1994; Bruzual & Charlot 2003; Thomas et al. 2003;
Vazdekis et al. 2010). Niettemin bevatten deze modellen nog steeds meerdere on-
zekerheden en dus is er een dringende noodzaak om deze modellen te vergelijken
met directe waarnemingen van sterren in een elliptisch sterrenstelsel.

In dit proefschrift bestuderen we de sterpopulaties van het elliptische sterren-
stelsel Messier 32 (M32). M32 is een klein sterrenstelsel en de metgezel van ons
buurstelsel Andromeda, M31 (zie Fig. 3), en is op diens schijf geprojecteerd op
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Figuur 2: De ‘Hubble Space Telescope’ (HST) is een observatorium in de ruimte
dat operationeel is sinds 1990. Door de locatie van de HST boven de atmosfeer van
de Aarde kan de HST hoge resolutie beelden van astronomische objecten maken.
Telescopen op de grond zijn begrensd in hun resolutie door de atmosfeer van de
Aarde die variabele verstoringen in de beelden veroorzaakt. In dit proefschrift heb-
ben we gebruik gemaakt van HST-waarnemingen van het elliptische sterrenstelsel
M32. Rechten: NASA en STScI.

slechts 24 boogminuten van diens kern. Door zijn lage helderheid, compactheid
en hoge oppervlaktehelderheid (Bender et al. 1992) is M32 geclassificeerd als een
compact elliptisch (cE) sterrenstelsel. Het voordeel van het bestuderen van dit
specifieke elliptische stelsel is dat we vanwege zijn nabijheid zowel de individu-
ele sterren als het geïntegreerde licht kunnen observeren. Daarom voorziet het
ons van een uniek zicht op de stellaire samenstelling van elliptische stelsels. M32
is daarom een laboratorium van vitaal belang om sterpopulatiemodellen en hun
toepasbaarheid op verder verwijderde sterrenstelsels te testen. Dit kan worden
gedaan door de voorspellingen van de analyse van het geïntegreerde licht te verge-
lijken met de individuele sterren. Tot op de dag van vandaag is er geen consistente
vergelijking van deze technieken gedaan. Sterker nog, de SVG van M32 is nog
steeds onderwerp van discussie. In dit proefschrift bestuderen we de individuele
sterren in de sterpopulaties van M32. Dit doen we met het primaire doel om een
complete SVG van dit stelsel te reconstrueren. Hiervoor hebben we zeer hoge reso-
lutie HST beelden gebruikt die het voor ons mogelijk maakten om de verschillende
sterpopulaties in M32 uit elkaar te halen.

In Hoofdstuk 2 introduceren we een nieuwe set waarnemingen van M32 en
leggen we in detail uit hoe we het tot nu toe meest gedetailleerde KMD van dit
sterrenstelsel hebben gemaakt. Ons veld beslaat 29′′× 26′′ en is 2′ van het centrum
gepositioneerd. We zien dat dit KMD een grote rijkdom aan kenmerken bevat die
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M32

Figuur 3: Het dichtstbijzijnde grote sterrenstelsel Andromeda (M31) met twee
van zijn metgezellen: M32, het onderwerp van dit proefschrift, en M101. M32,
geprojecteerd op de schijf van M31, is het dichtstbijzijnde elliptische sterrenstelsel
waarvoor we de voorspellingen van de analyse van het geïntegreerde licht kunnen
vergelijken met de individuele sterren. Rechten en copyright : Robert Gendler.

de verschillende sterpopulaties in M32 onthullen. Met behulp van evolutionaire
modellen van sterren met een vaste leeftijd en chemische samenstelling en een
groot bereik van massa’s kunnen we het KMD kwalitatief analyseren. Door middel
van deze analyse vinden we dat M32 wordt gedomineerd door sterren van mid-
delbare leeftijd en een oude (8–10 Gjr oud) populatie, met een hoge abondantie*

([Fe/H] ∼ −0.2) en dat het enkele oude (> 10 Gjr) sterren bevat met een lage abon-
dantie ([Fe/H] ∼ −1.6) en mogelijk ook jonge populaties (0.5–2 Gjr oude sterren).

De analyse die in Hoofdstuk 2 is gepresenteerd heeft geholpen om de leeftijden
en abondanties van M32 te bepalen op de positie van ons veld. Echter, een kwanti-
tatieve bepaling van de mix van leeftijden en abondanties, die meer gedetailleerde
informatie over zijn SVG zou verschaffen, vereist meer diepgaande analyse. Dit
wordt gedaan in Hoofdstuk 3. We vergelijken ons waargenomen KMD met een
synthetisch KMD dat is gemaakt van theoretische evolutiemodellen voor een groot
bereik van stermassa’s, -leeftijden en -abondanties. Deze vergelijking, samen met
de hulp van statistische methodes, kan een betrouwbare SVG geven van het ster-
renstelsel dat wordt bestudeerd. Het is belangrijk om op te merken dat sommige
gebieden in het KMD, m.a.w. sommige evolutionaire fases, extra gevoelig zijn voor

* In de sterrenkunde noemen we elk element zwaarder dan waterstof en helium een metaal. De
notatie [M/H] geeft de abondantie van een ster in vergelijking met onze zon. In deze notatie zijn
abondanties [M/H] > 0, = 0, < 0 respectievelijk hoger, gelijk en lager dan de abondantie van de
Zon.
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de leeftijd en/of de abondantie van het stellaire systeem. De hoofdreeks, bijvoor-
beeld, is de evolutionaire fase waarin sterren waterstof verbranden in hun kern.
Wanneer een ster al zijn waterstof in de kern heeft opgebrand begint deze ster
te evolueren. Dit specifieke punt in KMD wordt het hoofdreeks-afbuig-punt (HAP)
genoemd. Omdat de meeste sterren het grootste gedeelte van hun leven op de
hoofdreeks doorbrengen is er een direct verband tussen de informatie uit het HAP
en de leeftijden van de sterren in het sterrenstelsel. Echter, het HAP vervaagt als
een stellair systeem veroudert, en het is dus vaak erg moeilijk om de oudste zwakke
sterren in een sterrenstelsel waar te nemen. Dit was ook het geval in onze studie.
Het oudste HAP van M32 werd niet bereikt in onze opnames en dus konden we uit
dit KMD geen complete SVG verkrijgen. Niettemin konden we wel een gedetail-
leerde jonge en middelbare populatie SVG van M32 afleiden op de positie van ons
veld. We vinden dat M32 een substantiële populatie van 2–5 Gjr oude sterren heeft
die ∼ 42% van de massa bevatten op de positie van ons veld. Voor een elliptisch
stelsel is dit een onverwacht grote populatie van jonge sterren op een grote afstand
van zijn centrum.

In Hoofdstuk 4 zoeken we in onze waarnemingen naar de aanwezigheid van een
specifiek soort variabele ster, zogenaamde RR Lyrae. Deze sterren vertonen een
regelmatige lichtvariatie die wordt veroorzaakt omdat ze radiëel pulseren, m.a.w.
periodieke variaties in de straal van RR Lyrae sterren produceren veranderingen
in hun helderheid. Vanwege het feit dat deze sterren regelmatig pulseren zijn hun
lichtkrommes (lichtvariaties als functie van tijd) gemakkelijk te karakteriseren en
dus kan de aanwezigheid van RR Lyrae sterren in een sterrenstelsel gemakkelijk
worden bepaald. Bovendien verschaffen de RR Lyrae sterren belangrijke informa-
tie over de sterpopulaties waarvan ze afstammen: alleen al hun aanwezigheid geeft
aan dat er een zeer oude ster populatie is, omdat sterren meer dan 10 Gjr oud moe-
ten zijn om RR Lyrae variabelen te produceren. Deze belangrijke eigenschap wordt
nog relevanter omdat RR Lyrae sterren zeer helder zijn en dus tot op grote afstand
kunnen worden waargenomen. Het wordt dan mogelijk om de aanwezigheid van
een zeer oude populatie te bevestigen door alleen maar deze RR Lyrae sterren te
bestuderen. Waarnemingen van de veel zwakkere HAP zijn dan niet meer nodig. In
het door ons bestudeerde veld hebben we RR Lyrae variabelen waargenomen die
tot M32 behoren en hiermee hebben we het bewijs geleverd voor een zeer oude
populatie in dit sterrenstelsel.



Resumen en Castellano

Las galaxias constituyen uno de los principales componentes observables del Uni-
verso en el que vivimos. Entender cómo éstas se forman y evolucionan a través

del tiempo cósmico, nos conducirá a aprender sobre la historia del Universo en sí
mismo; y por lo tanto representa una de las disciplinas más importantes dentro de
la astronomía moderna.

Las galaxias son sistemas inmensos, compuestos por millones de estrellas, gas y
polvo ligados gravitacionalmente. Fueron clasificadas por primera vez por Hubble
(1926) quien, de acuerdo a su aspecto morfológico, las dividió en dos grupos prin-
cipales: espirales y elípticas (ver Fig. 1). El primer tipo de galaxias poseen brazos
espirales brillantes y con grandes cantidades de polvo. Estos brazos se prolongan
desde una protuberancia central y luminosa (conocida como ’bulbo’) hacia las par-
tes externas de las galaxias. Un típico ejemplo de una galaxia espiral es la Galaxia
en la cual vivimos, la Vía Láctea. Por otro lado, las elípticas tienen forma elipsoidal
y aparecen en el cielo como sistemas con escasa o ninguna estructura. Las diferen-
cias entre estas dos clases de galaxias no es sólo morfológica. Éstas también difie-
ren en cuanto a su contenido estelar y gaseoso, así como en los procesos físicos que
determinaron su formación y subsecuente evolución. Las galaxias elípticas poseen
escasas cantidades de polvo y gas. Debido a que las estrellas se forman a partir
de gas, pocas estrellas jóvenes pueden ser encontradas en este tipo de galaxias, y
por lo tanto, están básicamente compuestas por poblaciones estelares viejas. Las
galaxias espirales poseen tanto estrellas jóvenes como viejas. Sus brazos espirales
están compuestos por grandes cantidades de polvo y gas. Como consecuencia, es-
trellas nacen continuamente en diferentes regiones ubicadas dentro de los brazos
espirales. El bulbo central de una galaxia espiral está principalmente compuesto
por estrellas viejas.

Las galaxias elípticas - el tema de estudio en esta tesis - son particularmen-
te interesantes porque contienen una fracción predominante de la masa estelar
total que se observa en el Universo local. Aunque aparezcan en el cielo como ob-
jetos simples, las elípticas son sistemas muy complejos. Se las encuentra en una
gran variedad de tamaños, yendo desde las más pequeñas a las más grandes gala-
xias conocidas; y muestran distintas propiedades estructurales, como sus brillos y



188 Resumen en Castellano

Figura 1: Panel izquierdo: Ejemplo de una galaxia espiral: M74 (NGC 628). Se
encuentra ubicada a 30 millones de años luz, hacia la constelación de Piscis. El
diseño de sus brazos espirales, trazados por grupos de estrellas azules y brillantes
así como por líneas oscuras de polvo, se asemeja bastante al de nuestra propia
Galaxia, la Vía Láctea. Crédito: Grupo del Espectrógrafo Multi-Objeto de Gemini
(GMOS), Observatorio Gemini. Panel derecho: Ejemplo de una galaxia elíptica: M87
(NGC 4486). M87 es la galaxia más grande y predominante del Cúmulo de Virgo y
se encuentra ubicada en su centro, a 54 millones de años luz de nosotros. Crédito:
Encuesta del Cielo Digital (Digitized Sky Survey o DSS).

propiedades cinemáticas (velocidades de dispersión). Es interesante destacar que
algunas de estas propiedades se correlacionan entre sí manifestando relaciones de
escala. Esto sugiere que la formación y evolución de las galaxias elípticas ha invo-
lucrado procesos físicos en común, las cuales se ven reflejados en sus propiedades
observadas. Dichas propiedades pueden ser utilizadas para estudiar la formación
de estas galaxias y poner a prueba los modelos disponibles.

El actual modelo cosmológico, conocido como “paradigma jerárquico”, predice
que las galaxias se forman de manera jerárquica a través de la acreción de objetos
más pequeños. los cuales, debido a la gravedad, se fusionan para generar sistemas
más grandes tales como los que se observan en la actualidad (ver por ej., White &
Rees 1978). El estudio detallado del contenido estelar de una galaxia representa
uno de los mejores medios para descifrar su historia de formación estelar (HFE) y,
por lo tanto, poner a prueba este modelo.

Así como paleontólogos estudian la vida prehistórica en la Tierra a partir de
registros fósiles, nosotros podemos reconstruir la historia de una galaxia a partir de
sus estrellas constituyentes. Las estrellas preservan en sus propiedades ’registros
fósiles’ sobre la composición química del gas intergaláctico del cual se formaron,
así como información acerca de sus edades.

La radiación emitida por una estrella es producida en su interior y liberada
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hacia el espacio exterior a través de la atmósfera estelar. Esta radiación provee
información detallada acerca de las propiedades intrínsecas de la estrella emisora.
Las estrellas se clasifican de acuerdo a la longitud de onda en la cual la radiación
alcanza su máximo valor, lo cual también nos provee una medida de su temperatura
superficial. Por otro lado, la magnitud de una estrella es una medida de su brillo,
mientras que su color se define como la diferencia en magnitudes en dos rangos
de longitud de onda distintos. El color está directamente relacionado con la tempe-
ratura superficial de la estrella. En los años 1910s, los astrónomos E. Hertzsprung
and H. Russell notaron, independientemente, que se observan patrones definidos e
inesperados cuando magnitudes de estrellas se grafican en función de sus tempe-
raturas superficiales (o color). Este tipo de diagramas son llamados diagramas H-R
o diagramas color-magnitud (DCM). Más adelante se descubrió que las bandas de
estrellas observadas en estos diagramas representan diferentes estados evolutivos
de las mismas. Más aún: la ubicación de una estrella en un DCM está unívocamen-
te determinada a partir de su masa, edad y composición química. Construyendo
DCMs con un muestreo de estrellas de una determinada galaxia, y utilizando teo-
rías de evolución estelar, podemos dilucidar las edades y composiciones químicas
de sus diferentes poblaciones estelares y, por lo tanto, su HFE. Gracias a la llega-
da del Telescopio Espacial Hubble (HST, ver Fig. 2) en 1990, fue posible resolver
individualmente estrellas en varias galaxias a niveles bajos de brillo y distancias
sin precedentes (y aún inigualables). Hoy en día es posible estudiar la formación
y evolución estelar de galaxias cercanas de una manera increíblemente detallada
(ver por ej., Brown et al. 2006; Barker et al. 2007; Monelli et al. 2010). Estos tra-
bajos han mostrados que las HFEs no sólo difieren de una galaxia a otra, sino que
también lo hacen dentro de la misma galaxia, de acuerdo a la ubicación espacial
del muestreo estelar que se está estudiando (ver Tolstoy et al. 2009).

Desafortunadamente, la mayoría de las galaxias elípticas en el Universo se en-
cuentran demasiado distantes y, en general, no es posible en la actualidad resolver
sus estrellas individuales. Por el contrario, sí es posible observar la luz total emitida
(o luz integrada) por estas galaxias. Ésta representa una combinación de la luz pro-
veniente de cada una de las estrellas que la componen, las cuales se formaron en
tiempos diferentes y con diferentes composiciones químicas. Por lo tanto, es muy
importante poder descifrar las distintas poblaciones estelares presentes en una ga-
laxia a partir de su luz integrada. Sin embargo, esto no es una tarea trivial ya que
varias combinaciones de poblaciones estelares pueden generar una luz integrada
imposible de distinguir. Modelos muy sofisticados de poblaciones estelares han sido
desarrollados con el fin de entender e interpretar dicha luz integrada y eliminar las
posibles degeneraciones presentes en las poblaciones (e.g. Worthey 1994; Bruzual
& Charlot 2003; Thomas et al. 2003; Vazdekis et al. 2010). No obstante, los mo-
delos aún sufren de varias incertezas y es necesario ponerlos a prueba utilizando
observaciones de estrellas individuales en una galaxia elíptica.

En esta tesis, estudiamos las poblaciones estelares de una galaxia elíptica llama-
da Messier 32 (M32). M32 es una galaxia pequeña, compañera de nuestra galaxia
vecina Andrómeda, o M31 (ver Fig 3), y se encuentra proyectada en el disco de ésta
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Figura 2: El Telescopio Espacial Hubble (HST) es un observatorio espacial en fun-
cionamiento desde 1990. Debido a que el HST esta posicionado por encima de la
atmósfera terrestre, éste puede producir imágenes astronómicas de muy alta reso-
lución. Los telescopios ubicados en la Tierra se encuentran limitados en cuanto a
su resolución, debido a que la atmósfera terrestre produce una distorsión variable
en las imágenes observadas. En esta tesis, utilizamos observaciones de una galaxia
elíptica, M32, obtenidas con el HST. Crédito: NASA y STScI.

a sólo 24 minutos de arco de su núcleo. Debido a su baja luminosidad, compacidad
y alto brillo superficial (Bender et al. 1992), M32 es clasificada como una galaxia
elíptica compacta (cE). La ventaja de estudiar esta particular elíptica es que - de-
bido a su proximidad - podemos observar tanto sus estrellas individualmente, así
como su luz integrada, lo cual proporciona una escenario único en el cual podemos
estudiar la composición estelar de las galaxias elípticas. M32 es, por lo tanto, un
laboratorio vital para poner a prueba la aplicabilidad de los modelos de poblacio-
nes estelares en galaxias más lejanas, ya que es posible comparar las predicciones
obtenidas a partir del análisis de la luz integrada con sus poblaciones estelares
resueltas. Hasta el momento, no ha habido una comparación consistente entre es-
tas dos técnicas. Más aún, la HFE de M32 se encuentra actualmente bajo debate.
En esta tesis, investigamos las poblaciones estelares resueltas de M32 con el ob-
jetivo principal de reconstruir la HFE completa de esta galaxia. Hemos utilizado
imágenes de muy alta resolución obtenidas con el HST, las cuales nos permitieron
esclarecer las diferentes poblaciones presentes en M32.

En el Capítulo 2 presentamos nuestro nuevo conjunto de observaciones de M32
y explicamos detalladamente cómo hemos obtenido el más completo DCM algu-
na vez construido de esta galaxia hasta la fecha. Nuestro campo de observación
se extiende sobre 29′′ × 26′′ en el cielo y está ubicado a 2′ del centro galáctico. En-
contramos que este DCM posee una inmensa cantidad de características, las cuales
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M32

Figura 3: La mayor galaxia más cercana a la nuestra, Andrómeda (M31), con sus
dos galaxias compañeras M32 (el objeto de estudio de esta tesis) y M101. M32,
proyectada sobre el disco de M31, es la galaxia elíptica más cercana con la cual po-
demos comparar las predicciones del análisis de su luz integrada con su contenido
estelar resuelto. Crédito y Copyright: Robert Gendler.

revelan las diferentes poblaciones estelares presentes en M32. Con la ayuda de mo-
delos de evolución estelar a una edad y composición química fija, y para distintos
rangos de masas, podemos cualitativamente analizar el DCM. A partir de este aná-
lisis, encontramos que M32 está principalmente compuesta por estrellas de edad
intermedia y vieja (8–10 Ga), con altas metalicidades* ([Fe/H] ∼ −0,2) y también
posee algunas estrellas antiguas (> 10 Ga) con bajas metalicidades ([Fe/H] ∼ −1,6)
así como posibles poblaciones jóvenes (0,5 – 2 Ga).

El análisis presentado en el Capítulo 2 ayudó a restringir las edades y meta-
licidades de M32 en la posición observada. Sin embargo, para determinar cuan-
titativamente las diferentes edades y metalicidades, lo cual proveería información
más detallada acerca de su HFE, era necesario efectuar un análisis más sofisticado.
Ésto se ha llevado a cabo en el Capítulo 3. Allí, comparamos nuestro DCM obser-
vado con uno sintético, construído con modelos teóricos de evolución estelar para
un amplio rango de masas, edades y metalicidades estelares. Dicha comparación,
junto con la ayuda de herramientas estadísticas, nos puede proveer con la HFE de
la galaxia estudiada de manera confiable. Es importante notar que algunas regio-
nes del DCM, i.e. algunas secuencias evolutivas, son particularmente sensibles a

* En Astronomía, llamamos ’metales’ a cualquier elemento más pesado que el H y el He. La nota-
ción [M/H] indica la metalicidad de la estrella con respecto a la del Sol. Dentro de esta notación,
metalicidades de [M/H] > 0, = 0, < 0 son más altas, igual y más bajas que la metalicidad solar,
respectivamente.
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la edad y/o metalicidad del sistema estelar. La secuencia principal, por ejemplo,
es la fase evolutiva en la cual las estrellas queman hidrógeno en sus centros. Una
vez que las estrellas han agotado dicho hidrógeno, comienzan a evolucionar. Este
punto particular en el DCM se llama Desvío de la secuencia principal (MSTO, main-
sequence turn-off). Debido a que las estrellas viven la mayor parte de sus vidas
en la secuencia principal, la información que provee el MSTO está directamente
relacionada con las edades de las estrellas en una galaxia. Sin embargo, los MS-
TOs se vuelven cada vez más débiles a medida que el sistema estelar envejece y
por lo tanto las estrellas más viejas y débiles de las galaxias son, en general, muy
difícil de observar. Éste fue el caso en nuestro estudio. Los MSTOs más viejos de
M32 se encuentran fuera del alcance de nuestras observaciones y por lo tanto no
fue posible obtener una HFE completa de M32 a partir de su DCM. No obstante,
pudimos reconstruir con detalle la HFE de estrellas jóvenes y de edad intermedia
de esta galaxia en la posición de nuestro campo de observación. Encontramos que
M32 posee una población significativa de estrellas con edades 2–5 Ga, las cuales
contribuyen al ∼ 42 % de su masa. Esta población es inesperadamente grande para
una galaxia elíptica a una distancia tan alejada del centro.

En el Capítulo 4, exploramos nuestras observaciones en búsqueda de un tipo
particular de estrellas variables llamadas RR Lyras. Estas estrellas presentan va-
riaciones regulares de luz, las cuales ocurren debido a pulsaciones radiales, i.e.
variaciones periódicas en el radio de estas estrellas que producen cambios en sus
brillos. Debido a que estas estrellas pulsan regularmente, sus curvas de luz (va-
riaciones de la luz en función del tiempo) son muy fáciles de caracterizar y por lo
tanto la presencia de estas estrellas en una galaxia puede determinarse con faci-
lidad. Aún más importante es el hecho de que las RR Lyra proveen información
relevante con respecto a las poblaciones estelares antiguas. Su mera presencia in-
dica la existencia de poblaciones muy viejas, ya que se requieren edades mayores
que 10 Ga para producir variables RR Lyraes. Más aún, estas estrellas son muy
brillantes, y por lo tanto pueden ser observadas a grandes distancias. Esto permite
confirmar la presencia de una poblacón estelar antigua en una galaxia sólo con de-
tectar estrellas RR Lyra, sin necesidad de observar los MSTOs más débiles. En este
trabajo, hemos detectado la presencia de estrellas RR Lyraes en M32, demostrando
así la existencia de una población antigua en esta galaxia.



Summary

Galaxies are one of the main observable constituents of the Universe we live in.
Understanding their formation and evolution throughout cosmic time will lead

us to learn about the history of the Universe itself and, therefore, it is one of the
most important disciplines in modern astronomy.

Galaxies are enormous gravitationally bound systems composed of billions of
stars, gas and dust. They were first classified by Hubble (1926) according to their
morphology into two main groups: spirals and ellipticals (see Fig. 1). Spiral galax-
ies have bright and dusty spiral arms winding toward a bright bulge at their center.
Our own Milky Way is an example of a typical spiral galaxy. Elliptical galaxies, on
the other hand, have an ellipsoidal shape and appear on the sky as smooth, almost
featureless systems. These two types of galaxies differ not only morphologically but
also in their stellar and gas content as well as in the physical processes involved in
their formation and evolution. Ellipticals have very little gas and dust. Since the
stars are formed from gas, only few young stars are present in these galaxies. They
are basically made of old populations of stars. Spiral galaxies have both very young
and old stars. Their spiral arms have large amounts of gas and dust. As a conse-
quence, new stars are constantly forming in different areas. The central bulge of a
spiral galaxy is primarily composed of old stars.

Elliptical galaxies, the subject of study in this thesis, are particularly interesting
because they contain a predominant fraction of the total stellar mass in the local
Universe. Although they appear as simple objects on the sky, ellipticals are in fact
very complex systems. They are found in a variety of different sizes, ranging from
the largest to the smallest known galaxies, and present different structural proper-
ties, such as brightnesses and kinematics (velocity dispersions). Interestingly, some
of their properties correlate with each other following several scaling relations.
This suggests that the formation and evolution of elliptical galaxies involved some
common physical processes now reflected in their observable properties. These
observables can be used as a profitable way to study galaxy formation and to test
the available models.

The current cosmological model of galaxy formation, known as the “hierarchi-
cal paradigm”, predicts that galaxies form hierarchically through the accretion of
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Figure 1: Left panel: An example of a face-on spiral galaxy: M74 (NGC 628). It
is located 30 million light-years away toward the constellation Pisces. The design
of the spiral arms of M74, traced by bright blue star clusters and dark cosmic dust
lanes, is similar in many respects to our own Milky Way galaxy. Credit: Gemini
Observatory, Gemini Multi-Object Spectrograph (GMOS) team. Right panel: An
example of an elliptical galaxy: M87 (NGC 4486). M87 is the large dominant galaxy
at the center of the Virgo Cluster of galaxies. Credit: Digitized Sky Survey (DSS).

smaller objects that, due to gravity, merge together and form larger systems as we
see them today (e.g. White & Rees 1978). One of the best approaches to test this
model and decipher the star formation history (SFH) of these galaxies is to study
in detail their stellar content.

Just like paleontologists study the prehistoric life on earth from the fossil record,
we can reconstruct the history of a galaxy from its constituent stars. Stars have
imprinted in their properties information about the chemical composition of the
intergalactic gas from where they formed, and also about their ages.

The radiation emitted by a star is produced in its interior and released to the
outer space through its stellar atmosphere. This radiation provides detailed infor-
mation about the intrinsic properties of the emitting star. Stars are then classified
according to the wavelength at which the radiation peaks, which also indicates
their surface temperatures. On the other side, the magnitude of a star is a measure
of its brightness and its color is defined as the difference in magnitudes between
two different range of wavelengths. The color and is directly related to the surface
temperature of the star. In the 1910s, two astronomers, E. Hertzsprung and H.
Russell, noticed independently that some distinct and unexpected patters can be
observed when plotting the magnitudes of stars against their surface temperature
(or color). This type of diagram is called HR-diagram or color-magnitude diagram
(CMD). It was later learnt that concentrations of stars in such diagrams represent
different stellar evolutionary stages. Moreover, the location of any star in a CMD is
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Figure 2: The Hubble Space Telescope (HST) is a space-based observatory oper-
ational since 1990. Because of HST’s location above the Earth’s atmosphere, HST
can produce high-resolution images of astronomical objects. Ground-based tele-
scopes are limited in their resolution by the Earth’s atmosphere, which causes a
variable distortion in the images. In this thesis, we have made use of HST observa-
tions of the elliptical galaxy M32. Credit: NASA and STScI.

uniquely related to its mass, age and chemical composition. By constructing CMDs
with a sample of stars of a given galaxy, and by applying stellar evolution theory
to them, we can disentangle directly the ages and chemical compositions of its dif-
ferent stellar populations, and thus its SFH. Thanks to the advent of the Hubble
Space Telescope (HST, ver Fig. 2), in 1990, it was possible to resolve individual
stars in many galaxies to unprecedented (and still unequalled) levels of faintness
and distance. It is now possible to study the star formation and evolution of nearby
galaxies in great detail (see e.g., Brown et al. 2006; Barker et al. 2007; Monelli
et al. 2010). These works have shown that the SFHs not only differs significantly
from one galaxy to another, but also within the same galaxy, according to the spatial
location of the stellar sample under study (see review by Tolstoy et al. 2009).

Unfortunately, most of the elliptical galaxies in the Universe are at rather large
distances from us and, in general, it is currently not possible to resolve their in-
dividual stars. On the contrary, we can observe the integrated light emitted from
these galaxies, which is a combination of the light coming from all its constituent
stars formed at different times with different chemical compositions. It is therefore
important to disentangle, from its integrated light, the different stellar populations
present in a galaxy. However, this is not trivial since several combinations of stellar
populations can produce an indistinguishable integrated light. Models of stellar
populations have been developed to understand the integrated light of galaxies
and have become very sophisticated in disentangling these population degenera-
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M32

Figure 3: The nearest major galaxy Andromeda (M31) with two of its companions
M32, the subject of this thesis, and M101. M32, projected onto the disk of M31, is
the nearest elliptical galaxy for which we can compare predictions from the anal-
ysis of its integrated light with its resolved stellar content. Credit and Copyright:
Robert Gendler.

cies (e.g. Worthey 1994; Bruzual & Charlot 2003; Thomas et al. 2003; Vazdekis
et al. 2010). Nonetheless, they still suffer from several uncertainties and there
is an urgent need to test these models direct observations of stars in an elliptical
galaxy.

In this thesis, we study the stellar populations of the elliptical galaxy Messier 32
(M32). M32 is a small galaxy, companion of our neighbor Andromeda galaxy, M31
(see Fig 3), projected onto its disk, and only 24 arcmin from its nucleus. Due to
its low luminosity, compactness and high surface brightness (Bender et al. 1992),
M32 is classified as a compact elliptical (cE) galaxy. The advantage of studying this
particular elliptical galaxy is that, due to its proximity, we can observe its resolved
individual stars as well as its integrated light. Thus it provides a unique window
on the stellar composition of elliptical galaxies. M32 is therefore a vital laboratory
to test the applicability of the stellar population models to more distant galaxies,
by comparing predictions from the analysis of integrated light with the resolved
stellar content. To date, there has not been a consistent comparison between those
techniques. Moreover, the SFH of M32 is still a matter of debate. In this thesis,
we investigate the resolved stellar populations of M32 with the primary goal of
reconstructing a complete SFH of this galaxy. We have made use of very high
resolution HST images that allowed us to disentangle the different populations
present in M32.

In Chapter 2 we introduce our new set of observations of M32 and explain in
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detail how we obtained the most detailed CMD of this galaxy yet constructed to
date. Our field has an extent of 29′′ × 26′′ and it is located at 2′ from the galactic
center. We find that this CMD has a wealth of features that reveal the different
stellar populations present in M32. With the aid of evolutionary models of stars
at a fixed age and chemical composition for different ranges of masses, we can
qualitatively analyze the CMD. We find from this analysis that M32 is dominated
by intermediate-age and old (8–10 Gyr old), metal-rich* ([Fe/H] ∼ −0.2) stars and it
contains some old (> 10 Gyr), metal-poor stars ([Fe/H] ∼ −1.6) as well as possible
young populations (0.5 – 2 Gyr old stars).

The analysis presented in Chapter 2 helped to constrain the ages and metallici-
ties of M32 at our field location. However, a quantitative determination of the mix
of ages and metallicities, which would provide more detailed information about its
SFH, requires a deeper analysis. This is done in Chapter 3. We compare our ob-
served CMD with a synthetic CMD, built from theoretical evolutionary models for
a wide range of stellar masses, ages and metallicities. This comparison, together
with the aid of statistical tools, can provide a reliable SFH of the galaxy under study.
It is important to note that some of the regions in a CMD, i.e. some evolutionary
phases, are specifically sensitive to the age and/or metallicity of the stellar system.
The main-sequence, for example, is the evolutionary phase in which stars are burn-
ing hydrogen in their cores. When stars exhaust their hydrogen in their cores, they
start to evolve. This particular point in a CMD is called the main-sequence turn
off (MSTO). Since stars live most of their lives in the MS phase, there is a direct
conversion of the MSTO’s information into the stellar ages of a galaxy. However,
the MSTO fades as a stellar system ages, and thus it is often difficult to observe
the oldest, faint stars in galaxies. This was the case in our study. The oldest MSTO
of M32 was not reached in our observations and thus we were not be able to ob-
tain a complete SFH from this CMD. Nonetheless, we did derive a detailed young
and intermediate-age SFH of M32 at our field’s position. We find that M32 has a
substantial population of 2–5 Gyr old stars contributing to ∼ 42% of its mass at
our field’s location, which is unexpectedly large population of young stars for an
elliptical galaxy at such a large distance from its center.

In Chapter 4 we search in our observations for the presence of a particular kind
of variable stars, called RR Lyrae. These stars show regular light variations which
occur because they pulsate radially, i.e. periodic variations in the radius of RR
Lyrae stars produce changes in their brightnesses. Due to the fact that these stars
pulsate regularly, their light curve (light variation as a function of time) are easy to
characterize and therefore the presence of RR Lyrae stars in a stellar system can
be easily determined. The RR Lyrae stars, moreover, provide important information
on their parent stellar populations: their mere presence is indicative of a ancient
stellar population, as ages older than ∼ 10 Gyr are required to produce RR Lyrae
variables. This important property becomes even more relevant since RR Lyrae
stars are quite bright, and therefore they can be observed at large distances. It

* In Astronomy we call ’metals’ to any element heavier than H and He. The notation [M/H] indicates
the metal abundance of the star with respect to that of the Sun. In this notation, metallicity [M/H] >
0, = 0, < 0 are higher, equal and lower than the solar metallicity, respectively.
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is possible then to confirm the presence of an ancient population in a galaxy just
by detecting RR Lyra stars, without observations of the much fainter MSTOs. We
detected RR Lyrae variables in our field of study that belong to M32 and therefore
found evidence for an ancient stellar population in this galaxy.
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