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Promotores: Prof. dr. M.A.M. van de Weijgaert
Prof. dr. J. M. van der Hulst

Beoordelingscommissie: Prof. dr. B. J. T. Jones
Prof. dr. S. F. Shandarin
Prof. dr. A. S. Szalay



a mi familia y mi Nienke



Cover illustration:

Front cover: Morphology of the Cosmic Web
Volume rendering of an isodensity shell of the density field computed from a cosmological
N-body simulation.

Back cover: Dynamics of the Cosmic Web
Trails of matter in the vicinity of a system of merging clusters.



Contents

1 Introduction 1
1.1 Motivation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 3
1.2 The Hot Big Bang . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 5

1.2.1 The ΛCDM model . . . . . . . . . . . . . . . . . . . . . . . . . 9
1.3 The gravitational instability theory . . . . . . . . . . . . . . . . . . . . . 9
1.4 The linear regime . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 12

1.4.1 Cosmic Velocity Flow Perturbations . . . . . . . . . . . . . . . . 12
1.4.2 Cosmic Structure Growth History . . . . . . . . . . . . . . . . . 13

1.5 Gaussian random fields . . . . . . . . . . . . . . . . . . . . . . . . . . . 13
1.5.1 The shape of the power spectrum . . . . . . . . . . . . . . . . . 15

1.6 The nonlinear regime . . . . . . . . . . . . . . . . . . . . . . . . . . . . 16
1.6.1 Hierarchical Clustering . . . . . . . . . . . . . . . . . . . . . . . 16
1.6.2 Anisotropic collapse . . . . . . . . . . . . . . . . . . . . . . . . 18
1.6.3 The Cosmic Web . . . . . . . . . . . . . . . . . . . . . . . . . . 20

1.7 Structure finding . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 22
1.7.1 Structure from higher moments . . . . . . . . . . . . . . . . . . 22
1.7.2 Topological methods . . . . . . . . . . . . . . . . . . . . . . . . 22
1.7.3 Cluster finding . . . . . . . . . . . . . . . . . . . . . . . . . . . 23
1.7.4 Filament finding . . . . . . . . . . . . . . . . . . . . . . . . . . 23
1.7.5 Void Finding . . . . . . . . . . . . . . . . . . . . . . . . . . . . 24
1.7.6 Study of individual structures . . . . . . . . . . . . . . . . . . . 24

1.8 Multiscale feature enhancement . . . . . . . . . . . . . . . . . . . . . . 27
1.8.1 Multiscale enhancement and detection of cosmological features . 28

1.9 Goals and outline of this thesis . . . . . . . . . . . . . . . . . . . . . . . 32

2 The Multiscale Morphology Filter:
Identifying and Extracting Spatial Patterns in the Galaxy Distribution 33
2.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 34

2.1.1 Multi-scale analysis . . . . . . . . . . . . . . . . . . . . . . . . 34

v



2.1.2 Emergence of hierarchical web-like structure . . . . . . . . . . . 35
2.1.3 Outline of this chapter . . . . . . . . . . . . . . . . . . . . . . . 35
2.1.4 Structure from Scale Space . . . . . . . . . . . . . . . . . . . . . 35

2.2 Resampling and Rescaling Point sets . . . . . . . . . . . . . . . . . . . . 36
2.2.1 The DTFE density field . . . . . . . . . . . . . . . . . . . . . . . 36
2.2.2 Rescaling . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38

2.3 Scale Space Analysis . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38
2.3.1 Image processing . . . . . . . . . . . . . . . . . . . . . . . . . . 40
2.3.2 Multiscale Structure Identification . . . . . . . . . . . . . . . . . 40
2.3.3 the Multiscale Morphology Filter: Outline . . . . . . . . . . . . . 40
2.3.4 The Analysis Cycle . . . . . . . . . . . . . . . . . . . . . . . . . 41

2.4 Scale Space Technology . . . . . . . . . . . . . . . . . . . . . . . . . . 44
2.4.1 Scale-Space Filtering . . . . . . . . . . . . . . . . . . . . . . . . 44
2.4.2 The Hessian . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 45
2.4.3 Eigenvalue and Eigenvectors . . . . . . . . . . . . . . . . . . . . 47

2.5 Scale-Space Feature Detection and Extraction . . . . . . . . . . . . . . . 47
2.5.1 Morphology Mask: E . . . . . . . . . . . . . . . . . . . . . . . . 49
2.5.2 Feature shape fidelity: S . . . . . . . . . . . . . . . . . . . . . . 49
2.5.3 Morphology Response Filter: M . . . . . . . . . . . . . . . . . 51
2.5.4 Morphology Intensity Map I . . . . . . . . . . . . . . . . . . . . 52
2.5.5 Morphology Filter T . . . . . . . . . . . . . . . . . . . . . . . . 53
2.5.6 Feature Map F . . . . . . . . . . . . . . . . . . . . . . . . . . . 53
2.5.7 Scale Space Map Stack Ψ . . . . . . . . . . . . . . . . . . . . . 54
2.5.8 Assigning Points to Features . . . . . . . . . . . . . . . . . . . . 55

2.6 Cosmological Feature Detection:
Threshold definition . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 55
2.6.1 Texture Noise . . . . . . . . . . . . . . . . . . . . . . . . . . . . 55
2.6.2 Object Erosion Threshold . . . . . . . . . . . . . . . . . . . . . 55
2.6.3 Identifying blobs . . . . . . . . . . . . . . . . . . . . . . . . . . 55
2.6.4 Identifying Filaments and Walls . . . . . . . . . . . . . . . . . . 56

2.7 Areas of further development . . . . . . . . . . . . . . . . . . . . . . . . 58
2.8 Voronoi Clustering models . . . . . . . . . . . . . . . . . . . . . . . . . 59

2.8.1 Voronoi Models . . . . . . . . . . . . . . . . . . . . . . . . . . . 59
2.8.2 MMF Processing . . . . . . . . . . . . . . . . . . . . . . . . . . 60
2.8.3 Detection rate and Contamination . . . . . . . . . . . . . . . . . 61
2.8.4 Comparison . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 63
2.8.5 Test results . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 63

2.9 N-body simulations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 64
2.9.1 Results . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 66

2.10 Conclusions and comments . . . . . . . . . . . . . . . . . . . . . . . . . 66
2.10.1 Void finding . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 66



2.10.2 Enhancements . . . . . . . . . . . . . . . . . . . . . . . . . . . 67
2.10.3 Applications . . . . . . . . . . . . . . . . . . . . . . . . . . . . 68

2A Pseudo Code . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 69
2B The DTFE general reconstruction procedure . . . . . . . . . . . . . . . . . 70
2C Voronoi clustering models . . . . . . . . . . . . . . . . . . . . . . . . . . . 73

2.10.4 Initial Conditions . . . . . . . . . . . . . . . . . . . . . . . . . . 75
2.10.5 Voronoi Tracks . . . . . . . . . . . . . . . . . . . . . . . . . . . 75

3 Multiscale Morphology Analysis of the Cosmic Web 79
3.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 80

3.1.1 Anisotropic gravitational collapse . . . . . . . . . . . . . . . . . 80
3.1.2 The Cosmic Web . . . . . . . . . . . . . . . . . . . . . . . . . . 82
3.1.3 Motivation and work plan . . . . . . . . . . . . . . . . . . . . . 83

3.2 N-body simulations and halo catalogues . . . . . . . . . . . . . . . . . . 84
3.3 The density field . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 86
3.4 Morphological Segmentation of the Cosmic Web . . . . . . . . . . . . . 86

3.4.1 Clusters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 86
3.4.2 Filaments . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 89
3.4.3 Walls . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 90

3.5 Mass, volume and density of the Cosmic Web . . . . . . . . . . . . . . . 93
3.5.1 Mass and volume content . . . . . . . . . . . . . . . . . . . . . . 94

3.6 Density segregation of the cosmic web . . . . . . . . . . . . . . . . . . . 94
3.7 Filaments in the Cosmic web . . . . . . . . . . . . . . . . . . . . . . . . 97

3.7.1 Filament and wall compression . . . . . . . . . . . . . . . . . . 97
3.7.2 The filamentary network . . . . . . . . . . . . . . . . . . . . . . 98
3.7.3 Filament classification . . . . . . . . . . . . . . . . . . . . . . . 98
3.7.4 Isolating filaments . . . . . . . . . . . . . . . . . . . . . . . . . 102
3.7.5 Length of filaments . . . . . . . . . . . . . . . . . . . . . . . . . 105
3.7.6 Density profiles in filaments . . . . . . . . . . . . . . . . . . . . 108
3.7.7 Filaments connected to clusters . . . . . . . . . . . . . . . . . . 109

3.8 Infall of matter in filaments and walls . . . . . . . . . . . . . . . . . . . 110
3.9 Density estimates of filaments . . . . . . . . . . . . . . . . . . . . . . . 115
3.10 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 116
3A Filament and wall compression . . . . . . . . . . . . . . . . . . . . . . . . 117
3B Length of filaments . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 119

4 Properties of Dark Matter Haloes in the Cosmic Web 121
4.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 122

4.1.1 Galaxy properties and the Cosmic Web . . . . . . . . . . . . . . 124
4.1.2 Work plan . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 125

4.2 N-body simulations and halo catalogues . . . . . . . . . . . . . . . . . . 126



4.2.1 Morphological environment . . . . . . . . . . . . . . . . . . . . 127
4.2.2 Halo catalogues . . . . . . . . . . . . . . . . . . . . . . . . . . . 127
4.2.3 Hierarchy of haloes . . . . . . . . . . . . . . . . . . . . . . . . . 128
4.2.4 HOP and FracHOP halo catalogues . . . . . . . . . . . . . . . . 131
4.2.5 Halo properties . . . . . . . . . . . . . . . . . . . . . . . . . . . 131

4.3 Halo evolution and large scale environmental influence: case studies . . . 134
4.3.1 The infall ellipsoid . . . . . . . . . . . . . . . . . . . . . . . . . 134
4.3.2 Haloes in filaments . . . . . . . . . . . . . . . . . . . . . . . . . 136
4.3.3 Haloes in walls . . . . . . . . . . . . . . . . . . . . . . . . . . . 142

4.4 Halo mass function . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 148
4.4.1 Mass, density and morphology . . . . . . . . . . . . . . . . . . . 149
4.4.2 Mass function . . . . . . . . . . . . . . . . . . . . . . . . . . . . 151
4.4.3 Clusters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 153
4.4.4 Filaments . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 153
4.4.5 Walls . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 154
4.4.6 Voids . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 154

4.5 Halo formation times . . . . . . . . . . . . . . . . . . . . . . . . . . . . 154
4.5.1 Definition . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 154
4.5.2 Accretion history validation . . . . . . . . . . . . . . . . . . . . 155
4.5.3 Formation times in the Cosmic Web . . . . . . . . . . . . . . . . 155

4.6 Halo shapes . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 158
4.6.1 Shape definition . . . . . . . . . . . . . . . . . . . . . . . . . . 159
4.6.2 Isolated vs. group haloes . . . . . . . . . . . . . . . . . . . . . . 160
4.6.3 Sphericity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 160
4.6.4 Shape . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 161

4.7 Halo rotation and halo spin . . . . . . . . . . . . . . . . . . . . . . . . . 163
4.7.1 Spin parameter . . . . . . . . . . . . . . . . . . . . . . . . . . . 164

4.8 Halo orientation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 168
4.8.1 Angle definitions . . . . . . . . . . . . . . . . . . . . . . . . . . 170
4.8.2 Mass definitions . . . . . . . . . . . . . . . . . . . . . . . . . . 171
4.8.3 Shape alignment . . . . . . . . . . . . . . . . . . . . . . . . . . 171
4.8.4 Spin alignment . . . . . . . . . . . . . . . . . . . . . . . . . . . 174
4.8.5 Spin alignment M(z = 0) . . . . . . . . . . . . . . . . . . . . . . 175
4.8.6 Spin alignment M(z) . . . . . . . . . . . . . . . . . . . . . . . . 177

4.9 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 178
4A Hop Halo Finder . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 179
4B The FracHop Subhalo Finder . . . . . . . . . . . . . . . . . . . . . . . . . 180
4C Most Massive Progenitor Line . . . . . . . . . . . . . . . . . . . . . . . . 182



5 Alignment of Galaxies in SDSS Filaments. 187
5.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 187

5.1.1 Work plan . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 190
5.2 Galaxy Sample: The Sloan Digital Sky Survey . . . . . . . . . . . . . . . 190

5.2.1 Survey Geometry . . . . . . . . . . . . . . . . . . . . . . . . . . 192
5.2.2 The Magnitude Limited Sample . . . . . . . . . . . . . . . . . . 194
5.2.3 Angular selection function . . . . . . . . . . . . . . . . . . . . . 196
5.2.4 Radial selection function . . . . . . . . . . . . . . . . . . . . . . 197

5.3 From galaxy distribution to density field . . . . . . . . . . . . . . . . . . 199
5.3.1 Redshift and Distance . . . . . . . . . . . . . . . . . . . . . . . 199
5.3.2 Redshift distortions and morphology artefacts . . . . . . . . . . . 200
5.3.3 Finger of God compression . . . . . . . . . . . . . . . . . . . . . 201
5.3.4 The Density Field . . . . . . . . . . . . . . . . . . . . . . . . . . 203
5.3.5 The Delaunay Tessellation Field Interpolation . . . . . . . . . . . 205

5.4 Morphological segmentation . . . . . . . . . . . . . . . . . . . . . . . . 206
5.4.1 Clusters . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 208
5.4.2 Filaments . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 211

5.5 The Filament sample . . . . . . . . . . . . . . . . . . . . . . . . . . . . 214
5.6 Galaxy Spin orientation in filaments . . . . . . . . . . . . . . . . . . . . 216

5.6.1 Edge-on and face-on sample . . . . . . . . . . . . . . . . . . . . 216
5.6.2 The random distribution . . . . . . . . . . . . . . . . . . . . . . 218
5.6.3 Spin alignments . . . . . . . . . . . . . . . . . . . . . . . . . . . 220

5.7 Summary and conclusions . . . . . . . . . . . . . . . . . . . . . . . . . 226
5A The survey coordinate system . . . . . . . . . . . . . . . . . . . . . . . . . 226
5B SQL query . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 226
5C Finger of God Compression . . . . . . . . . . . . . . . . . . . . . . . . . . 227
5D Delaunay Tessellation Field Interpolation . . . . . . . . . . . . . . . . . . 229
5E Mock Catalogues . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 231

5.7.1 Galaxy bias . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 232
5.7.2 Radial selection function . . . . . . . . . . . . . . . . . . . . . . 233

6 Outlook and future prospects 235
6.1 New methods presented in this thesis . . . . . . . . . . . . . . . . . . . . 235
6.2 Outlook and future prospects . . . . . . . . . . . . . . . . . . . . . . . . 236

6.2.1 The Multiscale Morphology Filter . . . . . . . . . . . . . . . . . 236
6.2.2 The MMF and the Cosmic Web . . . . . . . . . . . . . . . . . . 237
6.2.3 Properties of dark matter haloes in the Cosmic Web . . . . . . . . 237
6.2.4 The Cosmic Web in the SDSS . . . . . . . . . . . . . . . . . . . 238

6.3 Final conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 239

Nederlandse samenvatting 241



Resumen en español 261
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Chapter 1
Introduction

We are inveterate poets. When a quantity is very great we
cease to regard it as a mere quantity. Our imaginations
awake. Instead of a mere quantity, we now have a quality
- the Sublime.

C.S. Lewis

No other subject has evoked such richness of ideas than the quest of humanity for
an explanation to the existence of the Universe and therefore to our own existence.

The search for the origin of the world in which we live resulted in the large variety of
cosmogonies and mythological cosmologies present in every culture in the world. They
all sought to answer the most fundamental questions of our existence. What is the origin
of the Universe? When did it originate? What is its final fate? What is our place in the
Universe? While the latter remains outside the scope of physics, the former questions can
be approached to some extent with scientific methods. During the last decades we have
witnessed an unprecedented advance in both theory and observations of the Universe.
For the first time we have the tools to answer some of the most fundamental questions
of men. Paradoxically, new challenges arise as we also become aware of our still limited
knowledge.

The current paradigm of cosmology states that the the Universe originated some 13.7
billion years ago as an extremely energetic event out of which all matter, energy and
indeed space-time emerged into existence. This is known as the Hot Big Bang Theory
(Hoyle, 1950). This extremely dense and hot primordial fireball expanded and cooled
down. The subsequent evolution of the Universe was dictated by gravity, the weakest
force in nature.

The Big Bang Theory provides an answer to the origin of the Universe and its global
properties. However, it can not explain the rich tapestry observed in the distribution of
matter at all scales. Planets orbiting stars, systems of stars, clouds of gas and dust they all
form complex systems known as galaxies. The advent of large galaxy surveys indicated
that the galaxy and matter distribution on scales up to a few dozen Megaparsec scales is
also far from homogeneous. (see figure 1.1). Starting with systematic redshift surveys
like the CfA survey (Huchra & Geller, 1982; de Lapparent et al., 1986) and the Las
Campanas Redshift Survey (Shectman et al., 1996) up to the major 2dFGRS and SDSS



2 1. Introduction

Figure 1.1: Slice of the Universe mapped by the Sloan Digital Sky Survey. Each point represents
a galaxy with measured spectra. The observer is located at the origin of the cone. The slice is run
across right ascension and is approximately 10 degrees thick in declination.

mapping campaigns (Colless et al., 2003) we have learn that galaxies conglomerate into
large associations from a few up to hundreds of Megaparsec (Oort, 1983).

The most outstanding concentrations of galaxies are the clusters of galaxies (Bahcall
N. A. 1989). They are the most massive, and most recently fully collapsed and virialized
objects in the Universe. The richest clusters contain many thousands of galaxies within a
relatively small volume of only a few Megaparsec size. A typical example of a rich cluster
is the Coma cluster A1656 (see figure 1.2). Clusters are first and foremost dense and
compact concentrations of dark matter, representing overdensities Δ ≈ 1000. Galaxies
and stars only form a minor constituent of clusters, they are trapped and embedded in the
deep gravitational wells of dark matter. These are best identified as a bright source of
X-ray emission, emerging from the diffuse extremely hot (107 − 108 K) intracluster gas
trapped inside them (Böhringer et al., 2001).

A richly structured filigree of elongated filaments bridges the space in between mas-
sive clusters. They form highly coherent canals along which matter is accreted on to the
clusters located at the nodes of the network. The canonical example of a filament is the
Pisces-Perseus supercluster, a system of clusters and filaments extending over more than
100 h−1 Mpc. It includes the massive Perseus cluster, one of the most prominent clusters
in the nearby Universe (see figure 1.2 and figure 1.3). Filaments appear to frame tenuous
planar agglomerations known as walls. Because of their low surface density walls are
usually difficult to identify. Walls and filaments define the boundaries of vast near-empty
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Figure 1.2: Projection on the northern sky of a shell of 1000 Km s−1 centered at 6500 km
s−1 in recession velocity (after Fairall (1997)). The horizon (thick circle) corresponds to the
equatorial plane at declination δ = 0. The marks in the horizon indicate the right ascension.
Galaxies are represented as black dots scaled with their redshift. Several clusters are indicated
by name as marked by a dark gray circle. The elongated gray patch devoid of galaxies crossing
the sky corresponds to the plane of the Milky Way. Note the prominence of voids in the overall
distribution of galaxies.

regions of space, the voids, with dimensions ranging up to 30 − 50 h−1 Mpc (see e.g.
Kirshner et al. 1981, 1987, de Lapparent et al. 1986, Colless et al. 2003). Voids play
a dominant role in the spatial organization of matter on Megaparsec scales. While they
occupy most of space, their interstices define a framework of interconnected clusters, fila-
ments and walls that pervades the whole of the visible Universe. This pattern has become
known as the Cosmic Web (Bond et al. 1996,Springel06).
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Figure 1.3: Pisces-Perseus Supercluster. The top panel shows the projection on the sky of the
PPS supercluster. Dots represent galaxies and the gray background indicates the surface density.
The bottom panel shows their recession velocity (after Wegner et al. (1993)).

1.1 Motivation

A large amount of theoretical work has been directed towards understanding the for-
mation and properties of the elements of the Cosmic Web as a result of the gravita-
tional growth of initially tiny random density and velocity fluctuations (Peebles 1980,
Springel06). These studies describe the formation and properties of the structural ele-
ments of the Cosmic Web based on the primordial density field. Some of them can be used
to obtain a general or statistical description of its individual components (Zel’Dovich,
1970; Bardeen et al., 1986; Bond & Myers, 1996a; Shen et al., 2006) while others go one
step further and elucidate the complex relation between them (Bond et al. (1996); see also
van de Weygaert (2002, 2005)).

The different morphologies of the Cosmic Web define unique cosmic environments
in terms of local density, dynamics and gravitational influence. This is reflected in their
internal structure and particular dynamics. The influence of the Cosmic Web is also seen
on galactic scales. The same processes that give rise to the Megaparsec scale matter
distribution also affect the properties of the galaxies.

In spite of the relevance of the Cosmic Web for our understanding of the formation
of structure in the Universe, even more so given its importance for defining the diverse
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cosmic environments in which galaxies form and evolve, it is interesting that as yet there
is not a well-defined and objective technique for identifying the morphological elements
in the Cosmic Web.

A proper characterization of the Cosmic Web is crucial in order to identify, differ-
entiate, select and isolate the different morphological and dynamical environments. The
availability of such a method would open up unprecedented possibilities for a much bet-
ter, focused and well-defined study of the cosmic web. It will provide a physically better
definition of cosmic environment than hitherto available and pave the way for an incisive
and considerably improved assessment and understanding of the influence on the forma-
tion of galaxies. The study presented in this thesis revolves around two key questions:

The characterization of the Cosmic Web into its basic morphologies opens the door for a
wide range of studies. Here we present a study of the properties of the Cosmic Web and
its influence on the properties of dark matter haloes and galaxies. Every result we present
here is an invitation to a more extended and detailed study.

In the rest of this chapter we review the basic theoretical background that will be used
in this thesis. For a more complete discussion we refer the reader to the textbooks Peebles
(1980, 1993); Padmanabhan (1993); Peacock (1999); Coles and Luchin (2002); Liddle
and Lyth (2000). For a good and up-to-date overview of the current knowledge on the
Big Bang universe see Coles (2005).

1.2 The Hot Big Bang

The idea of an expanding universe is relatively new. At the beginning of the 20th century
Albert Einstein proposed the theory of general relativity to explain and describe gravity.
He soon realized that the theory implied the Universe not to be static. Instead it should
expand or contract. General relativity is a metric theory that describes gravity as the
manifestation of the local curvature of the Universe.

The Cosmological Principle states that the Universe is homogeneous and isotropic.
This is true for universes with flat, hyperbolic and spherical curvature. Usually these are
denoted by means of the scaled curvature coefficient k which has the values k = 0 for a
flat space, k = +1 for a spherical space and k = −1 for a negatively curved hyperbolic
space. The space-time metric of these universes can be described by the Roberson-Walker
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metric,

ds2 = c2dt2 − a2(t)
(
dr2 +R2

cS
2
k(r/Rc)

[
(dθ2 + sin2 θdφ2)

])
(1.1)

where Rc is the radius of curvature and Sk(r) the function

Sk(x) =

⎧⎪⎪⎨⎪⎪⎩
sin(x) k = +1

x k = 0

sinh(x) k = −1

(1.2)

The variable t is the proper cosmic time, synchronized on the basis of Weyl’s postulate.
The dimensionless scale factor a(t) describes the expansion (or contraction) of the Uni-
verse and is normalized with respect to the present-day value, i.e. a(t0) = 1.

In 1922 Friedman solved Einstein’s field equations for general homogeneous and
isotropic Universe models and derived the time dependence of the expansion factor. The
resulting equations are known as the Friedman-Robertson-Walker-Lemaitre (FRW) equa-
tions. They form the basis of all of modern (astrophysical) cosmology,

ä

a
= −4πG

3

(
ρ+

3p
c2

)
+

Λ
3

(1.3)

and (
ȧ

a

)2

=
8πGρ

3
− kc2/R2

o

a2 +
Λ
3
. (1.4)

In the Friedman-Robertson-Walker-Lemaitre equations G is Newton’s gravitational con-
stant, ρ is the energy and mass density of the universe, p is the pressure of the various
cosmic components , Λ is the cosmological constant and R0 the present-day value of the
curvature radius.

Cosmic Expansion

The expansion rate of the Universe is expressed in terms of the Hubble parameter,

H(t) =
ȧ

a
. (1.5)

The present-day value ofH(t), sometimes called the Hubble “constant”, is often parametrized
in terms of a dimensionless factor h, ie. H0 = 100h km s−1 The expansion of the Uni-
verse does not only express itself in continuously growing distances between any two
objects, it also leads to the increase of the wavelengths of photons. This resulting cosmic
redshift z of light is directly related to the difference between cosmic expansion factor
a(tem) between emission and a(tobs) of observation. In other words, the redshift of a
presently observed object is
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Figure 1.4: Sky projection of the Cosmic Microwave Background (CMB). The shades of gray
correspond to temperature fluctuations. Courtesy of the WMAP team.

1 + z =
1
a

(1.6)

where a(t) is the expansion factor of the Universe at the time the observed light was
emitted.

Cosmic constituents

The evolution of the Universe is fully dictated by its energy content ρ and its curvature k,
both intimately coupled via the Einstein’s General Theory of Relativity. The energy/mass
density of the Universe is conveniently expressed in terms of the density needed to pro-
duce a geometrically flat Universe, the critical density,

ρc =
3H2

0

8πG
= 1.9 × 10−29[h2 g/cm3]. (1.7)

The contribution of any energy component of the Universe may be expressed with respect
to the critical density, introducing the well-known parameter Ω,

Ω ≡ ρ(t)
ρc(t)

. (1.8)

The Universe contains a variety of components. While the contributions of e.g. magnetic
fields and gravitational waves may be held negligible, the most important ingredients of
the Universe are radiation, baryonic matter, nonbaryonic dark matter and dark energy.
Baryonic matter Ωb is the normal matter we ourselves, planets and stars are made of,
mainly in the form of protons and neutrons. However, it only represents a minor cosmo-
logical component and does account for a mere 4.4% of the energy content of the Uni-
verse. In terms of its abundance, cosmic radiation is by far the most important component
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of the Universe. As the radiation cools off as a result of the expansion of the Universe
the radiation peaks at microwave wavelengths and is observed as the Cosmic Microwave
Background. Its almost perfect blackbody spectrum with a temperature of T0 = 2.725 K◦

defines the strongest evidence for the existence of a very hot and dense phase in the early
Universe, ie. for the Hot Big Bang (see figure 1.4). Technically speaking we should also
include cosmic neutrino’s in the radiation bill, be it they do not interact with any other
cosmic species and are approximately 4 times less abundant than photons. At very early
times radiation was also the dynamically dominant component of the Universe, nowadays
it accounts for a mere 10−5 of its energy budget.

Nonbaryonic Dark Matter ΩDM is the most important component for the formation
of structure in the Universe. It accounts for ≈ 23% of the energy content of the Universe.
The individual contribution by baryons is Ωb, that of dark nonbaryonic matter Ωdm, while
their combined contribution to the energy density is usually expressed as Ωm. One of the
most pressing problems in astrophysics is the identity of this dark matter. While its pres-
ence is unmistakeably felt through its gravitational attraction, it has as yet escaped direct
observation or detection in the laboratory. The commonly accepted view is that it is some
unknown weakly interacting particle, presumably a specimen of the particles predicted
by supersymmetric theories. Pressureless and insensitive to the influence of radiation,
fluctuations in the dark matter could start growing as soon as matter started to dominate
the dynamics of the Universe, at around the matter-radiation equivalence (a(t) ≈ 10−4).
Unimpeded in its gravitational growth it defined and defines the gravitational potential
wells into which later on – after baryonic matter and radiation decoupled at the epoch of
recombination – baryonic matter would start to fall, leading to the formation of galaxies
and stars. Without dark matter it would have been impossible to form the rich structure
we observe in today’s Universe.

Finally, since 1998 we have come to understand that the Universe is dynamically
dominated by an elusive medium, Dark Energy. Accounting for 73% of cosmic energy
ΩΛ, it is even more mysterious than dark matter. Its influence became apparent through
the uncovered acceleration of the Universe. All that can be said about dark energy is that
it has a negative pressure. Most observational studies agree with it being equivalent to a
cosmological constant although other options are still viable. While its influence on the
expansion of the Universe is dominant fluctuations in dark energy cannot grow because
of its negative pressure. The influence of dark energy on the structure formation process
is mainly related to its impact on the expansion rate and timescales in the Universe. As
soon as the expansion rate of the Universe becomes too high structure formation comes
to a halt. On the other hand, it has stretched the time available in the past to form and
evolve structure.

The evolution of their energy density may be inferred from the energy equation fol-
lowing directly from the FRW equations:
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ρ̇ + 3
(
ρ +

p

c2

)
ȧ

a
= 0. (1.9)

The macroscopic nature of the medium is expressed in its equation of state, p = p(ρ),
which for the cosmologically relevant components may be expressed as

p = w ρc2 (1.10)

with w = 1/3 for radiation, w = 0 for nonbaryonic dark matter (and w = ρkT ≈ 0
for baryonic matter) and w < −1/3 for dark energy. If the latter is equivalent to the
contribution of the cosmological constant, then w = −1.

The cosmological framework of the Hot Big Bang in a spatially homogeneous and
isotropic Universe is so widely accepted that it is called the Standard Hot Big Bang Model
(see table 1.1). It is supported by a number of observations,

• The relation between distance and recession velocity (Hubble Law) as a conse-
quence of its metric and also implies that the Universe has a finite age.

• The almost perfect black-body spectrum of the Cosmic Microwave Background,
which is evidence for an extremely hot initial phase of the Universe.

• The excellent match in the observed abundances of light elements and predictions
from primordial nucleosynthesis 1.

• The fact that the night sky is dark, also known as the Olbert’s paradox.

• The evident evolution of the appearance of objects as function of their distance
from us.

1.2.1 The ΛCDM model

Our current understanding of the components of the Universe are encoded in the Lambda
Cold Dark Matter (ΛCDM) model which attempts to explain supernova observations of
the acceleration of the Universe, the observed Cosmic Web and the Cosmic Microwave
Background. Λ refers to the dark energy (ΩΛ) which is believed to be the driving force
behind the current acceleration phase of the Universe. It is assumed to have the form of a
cosmological constant. Cold Dark Matter refers to non-relativistic matter (v << c) which
is assumed to be non-baryonic, dissipationless and collisionless. The ΛCDM model has
several parameters from which the most important are shown in table 1.1. In this thesis
we base ourselves on the ΛCDM.

1Independently confirmed from CMB fluctuations by WMAP
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Parameter Value Description
H0 70.9+2.4

−3.2 km s−1 Mpc−1 Hubble parameter
Ωm 0.266+0.025

−0.040 Matter density
Ωb 0.044+0.0042

−0.0035 Baryon density
ΩΛ 0.732+0.040

−0.025 Dark energy density
ρ0 0.94+0.06

−0.09 × 10−26 kg m−3 Critical density
t0 13.73+0.13

−0.17 × 109 years Age of the Universe
σ8 0.772+0.036

−0.048 kg m−3 Galaxy fluctuation amplitude
n 0.948+0.015

−0.018 Spectral index

Table 1.1: Most recent derived values of the cosmological parameters.

Figure 1.5: Gravitational collapse of primordial fluctuations. Small amplitude fluctuations in the
primordial density field (left) get amplified by gravity to form the structures seen at the present
time (right). The grayscale corresponds to the value of the density field scaled logarithmically for
clarity.

1.3 The gravitational instability theory

The fact that at the present time we see structures even at scales of hundreds of Mega-
parsecs while the early Universe is considered to be nearly perfectly homogeneous and
isotropic requires an explanation. In order to understand this fact the primordial Universe
is assumed to not have been completely uniform. Instead it had small fluctuations im-
printed from very early phases. These fluctuations were amplified under the influence
of gravity, ultimately resulting in the wealth of structures we can see today pervading
the Universe at all scales (see figure 1.5). The theoretical framework that describes the
growth of structures from the primordial fluctuations is called the gravitational instability
theory (Peebles, 1980; Lifshitz, 1946).
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An integral ingredient of today’s standard cosmological model is the assumption that
the origin of fluctuations is to be found in a very early inflationary phase. Shortly after
the Big Bang the Universe entered a phase of extremely rapid expansion. Presumably this
phase may be identified with the GUT2 transition at ∼ 10−34 seconds after the Big Bang.
Small quantum fluctuations present in the first instants of the Universe were blown up to
cosmological scales. Not only does this imply a Universe marked by an inhomogeneous
matter and energy distribution, it also predicts the fluctuations to have the character of a
spatial Gaussian random field.

The inhomogeneities in the primordial density field can be conveniently expressed as
a uniform and isotropic background in which perturbations are superimposed,

δ(x) =
ρ(x) − ρ

ρ
. (1.11)

In this expression ρ(x) is the density at a given location and ρ is the mean density field.
The gravitational acceleration at any position can be described as the contribution from
all the matter fluctuations present in the density field,

g(x) = Gaρ

∫
δ(x′)(x′ − x)
|x′ − x|3 dx′. (1.12)

The formation of structures is the result of the gravitational growth of the primordial den-
sity and gravitational fluctuations. Gravity has an amplifying effect on the initial smooth
fluctuations. Any region with a density higher than its surroundings will collapse and
increase its contrast level. The increase in contrast will be reflected in the gravitational
field which will attract even more matter into the initial perturbation. The opposite ef-
fect occurs in underdense regions. As matter flows out of them they become less dense.
The gravitational force will be weaker and more mass will escape from the underdense
region. All in all this will result in a runaway process in which any existing perturbation
will be amplified. Overdense regions will collapse until they become bound objects and
underdense regions will expand until they are devoid of matter.

On cosmological scales one may to a good approximation describe the evolution of
the cosmic density field by a set of three coupled differential equations (assuming the
medium to be presureless):

• The continuity equation which ensures mass conservation,

∂δ

∂t
+

1
q
∇ · (1 + δv) = 0. (1.13)

• The Euler equation is the equation of motion of a fluid element,

∂v
∂t

+
1
a
(v · ∇)v +

ȧ

a
v = −1

a
∇φ. (1.14)

2Grand Unified Theory.
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• The Poisson equation relating the distribution of matter and the gravitational field,

∇2φ = 4πGρa2δ. (1.15)

1.4 The linear regime

In the case of small fluctuations (δ << 1) and small streaming motions, δ and v can be
computed from linear perturbation theory (Peebles, 1980)

∂2δ

∂t2
+ 2

ȧ

a

∂δ

∂t
= 4πGρδ. (1.16)

This second order differential equation describes the time evolution for the mass fluctua-
tion δ = δρ/ρ for a presureless fluid. The solution to this differential equation involves
two modes,

δ = A(x)D1(t) +B(x)D2(t), (1.17)

where D1 and D2 are linearly independent. They correspond to one growing and one
decaying solution. Usually, analysis concentrates on the growing mode, evidently the
decaying solution is damped. Then we can simplify equation 1.17 as

δ = A(x)D1(t). (1.18)

For a generic FRW Universe in which we ignore the radiation contribution, we may find
the following general expression for the growing mode:

D1(z) =
5Ωm,0H0

2
H(z)

∫ ∞

z

1 + z′

H3(z′)
dz′ (1.19)

where H(z) is the Hubble function, defined as

H(z) = H0[Ωm(1 + z)3 + Ωk(1 + z)2 + ΩΛ]1/2, (1.20)

where Ωk = 1−Ωm−ΩΛ. In the Einstein-de Sitter model the expansion parameter varies
as a ∝ t2/3 and the solution of equation 1.16 is

δ = At2/3 +Bt−1. (1.21)

1.4.1 Cosmic Velocity Flow Perturbations

In the linear regime the peculiar velocity is directly proportional to the gravitational ac-
celeration and has the simple form

v =
2f

3HΩ
g, (1.22)
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where f is the linear velocity growth factor given by (Peebles, 1980)

f ≡ a

D

dD

da
=
d logD
d log a

. (1.23)

1.4.2 Cosmic Structure Growth History

At early times in a matter-dominated Universe the growth of structure closely resembles
that in an Einstein de Sitter Universe at the time Ωm ≈ 1,

D(t) ≈ a(t) ∝ t2/3. (1.24)

As the Universe evolves and becomes increasingly empty it enters a near free expanding
phase around the expansion factor

af =
1

1/Ω0 − 1
, (1.25)

upon which it expands according to

a(t) ≈ Hot. (1.26)

As a result, the growth of structure will freeze out as gravity will no longer be able to
counter the fast cosmic expansion,

D1(t) = constant. (1.27)

In a Lambda-dominated Universe structure growth will also come to a halt. The crucial
transition time is that where dark energy takes over the dynamics setting the Universe in
accelerated expansion:

am,Λ =
(

Ωm

2ΩΛ

)1/3

. (1.28)

In the concordance model this corresponds to z ∼ 0.7. This does not means that the
Universe freezes completely. The growth of structure continues on small scales as long
as they are embedded in an overdense region detached from the general expansion. The
regions in the vicinity of filaments and clusters remain dynamically active and matter still
flows into clusters far beyond the time at which the Universe enters free expansion (Araya
et al., 2007; Araya, 2008). What occurs is that the overdense chunks of matter become
isolated islands in the expanding Universe.
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1.5 Gaussian random fields

The primordial perturbations in the cosmic matter and energy density are assumed to con-
stitute a stochastic field of spatially random fluctuations. The primordial density field is
assumed to have been unique in defining a nearly perfect Gaussian random field. In addi-
tion to the observed near-Gaussianity of the Cosmic Microwave Background temperature
anisotropies, the two important rationales behind this expectation is that the quantum fluc-
tuations which inflation would expand into macroscopic fluctuations should be Gaussian
in nature while the Central Limit Theorem forms a mathematically compelling secondary
reason.

Any spatial random field may be described in terms of its n-point probability distri-
bution (PDF) P (n)(δ1, δ2, δ3, . . .), δn. The fluctuations in the primordial density field are
assumed to be Gaussian, meaning the PDF is given by

P (n)(δ1, δ2, . . . , δn)dδ1, dδ2, . . . , dδn =
exp

[
1
2δi(M

−1)i,jδj
]

(2π)n/2(detM)1/2

N∏
i=1

dδi (1.29)

where Mi,j = 〈δiδj〉 is the covariance matrix. The averaging is performed over ensem-
bles. Under the assumption of ergodicity, averages over volume approaches averages over
ensembles of Universes. The covariance matrix determines the variance of the distribu-
tion, and more generally, the correlation properties of the fluctuation field:

Mi,j = 〈δiδj〉 = ξ(xi − xj) (1.30)

where ξ(r) is the autocorrelation of the density field. Its equivalent for a discrete point
distribution is usually referred to as a the two-point correlation function which in the
isotropic case is simply ξ(r) = ξ(r). This reflects the fact that the two point correlation
function only depends on the mutual distance between the points. Phase information is
lost, severely limiting our ability to describe the patterns present in the matter distribution.

The statistical properties of a Gaussian random field are completely determined by its
two-point correlation function which is the Fourier transform of the power spectrum:

〈δ(x)δ(x + r)〉 =
∫

dk
(2π)3

P (k)e−ikr. (1.31)

It also defines the amplitude of density perturbations,

σ2 =
∫
d3kP (k) =

∫
d log k
2π2

k3P (k), (1.32)

where k3P (k) encapsulates the contribution of fluctuations at wavenumber k to the gen-
eral fluctuations field. For a simple power-law power spectrum P (k) ∝ kn, the corre-
sponding fluctuations on a mass scale are easily shown to be:
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σ2
M ∝M−(n+3/6). (1.33)

In other words, as long as n > −3 the fluctuation level is a decreasing function of the
mass scale. Such scenarios are called hierarchical clustering scenarios.

1.5.1 The shape of the power spectrum

The processes that gave origin to the primordial density fluctuations defined the initial
shape of the power spectrum. At the end of inflation quantum fluctuations were ex-
panded to superhorizon scales. These fluctuations could star growing once they entered
the horizon of the expanding Universe. This process led to a scale-free primordial power
spectrum

P (k) ∝ kn. (1.34)

The case where n ≈ 1 is commonly referred to as the Harrison-Zel’dovich spectrum
(Harrison, 1970). This scale-free power spectrum has the property that any perturbation
in the metric or gravitational potential are independent of scale

d σ2(Φ)
d lnk

= constant. (1.35)

Harrison (1970), Zel’dovich (1972), and Peebles & Yu (1970) all pointed out its impor-
tance well before inflation was suggested. The index n � 1 is now seen as one of the
essential predictions of inflation and has been already observed by WMAP. There are
other possibilities with tilted power spectra n 	= 1. In this thesis we will restrict ourselves
to the Harrison-Zel’dovich spectrum in a universe with non-relativistic or cold dark mat-
ter.

Once superhorizon fluctuations have become smaller than the horizon they become
affected by gravity and damping processes. Fluctuations in baryonic matter can not grow
as a result of the pressure of the couple baryon-photon fluid, ie. as long as they are smaller
than the corresponding Jeans length. The fluctuations in dark matter will hardly grow as
long as the dynamics and expansion of the Universe is dominated by radiation. Only
after matter takes over as the dynamically dominant component following the radiation-
matter transition the dark matter perturbations start to grow. These processes give its
characteristic shape to the cold dark matter power spectrum. This is encoded in the
transfer function

P (k, z) = A(z)knT 2(k, z). (1.36)

Where A(z) is a normalization constant determined observationally and T is the transfer
function. We follow the expression for TCDM given by Bardeen et al. (1986):
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TCDM =
ln (1 + 2.34q)

2.34q
(
1 + 3.89q + (16.1q)2 + (5.46q)3 + (6.71q)4

)−1/4
, (1.37)

where q ≡ k/Γ h Mpc−1 and

Γ = Ω0h exp (−Ωb(1 +
√

2h/Ω0)) (1.38)

is the shape parameter given by Sugiyama (1995) .
The power spectrum at small scales goes as k−3 indicating that asymptotically it is a

hierarchical scenario. On the large scales it remains as the Harrison-Zel’dovich spectrum
set in the inflationary epoch. The horizon scale at the time when matter and radiation den-
sities were equal is reflected in the power spectrum as the turnover point. This marks the
point when matter overcame radiation in the dominance of the dynamics of the Universe.

1.6 The nonlinear regime

The linear regime provides a useful description for the early phases of evolution of the
Universe and it ceases to be valid as the density contrast approaches unity. Since the full
nonlinear solutions are in general too complex to solve analytically, one must rely on other
alternatives such as solutions for simple configurations and numerical methods. N-body
computer simulations are the most common tool to study the formation and evolution of
structures in the nonlinear regime (see figure 1.6). They follow the trajectory of particles
sampling the underlying density field.

While the primordial linear density field can be well described as a Gaussian random
field, the nonlinear field is far more complex. The distribution of matter in the Universe
at the present time has three important properties that are the result of the processes that
gave it shape:

1.6.1 Hierarchical Clustering

As we have seen the fluctuations in a Gaussian random field are fully described by their
power spectrum. In general it is assumed to have a power-law behaviour P (k) ∝ kn

where the relative amplitude between scales is dictated by the index n. In order to un-
derstand the role of the index n in the growth of structures it is useful to study a few
simple cases. A density field with power spectrum with index n = 0 has the same power



1.6. The nonlinear regime 17

Figure 1.6: Hierarchical nature of the matter distribution shown in a series of images taken from
the millennium simulation (Springel et al., 2005). Courtesy of Volker Springel.

at all scales. In this case small-scale fluctuations will collapse and virialize well before
larger scales. Small clumps of matter will aggregate to form larger systems. An index
n = −2 will produce an intermediate case where large scale fluctuations will start their
collapse while the small-scales will not yet have fully collapsed. The asymptotic case
where n = −3 represents an extreme scenario in which all scales will undergo collapse
at the same time. From the above discussion we can see that only spectra with n > −3
leads to a bottom-up structure formation in which small clumps collapse and aggregate
into larger associations. This process of building-up large structures from the merging of
smaller structures is called hierarchical structure formation (see figure 1.6).



18 1. Introduction

The Press-Schechter formalism

Press & Schechter (1974) proposed a formalism to compute the average number of objects
that collapsed from the primordial Gaussian density field. They assumed that the dense
objects seen at the present time are a direct result of the peaks in the initial density field.
These small perturbations collapsed spherically under the action of gravity to form self-
bound virialized objects.

In the primordial Gaussian field the probability that at a given point lies inside a region
above the critical density for collapse δc is

p(δ > δc|Rf ) =
1
2

[
1 − erf

(
δc√

2σ(Rf )

)]
, (1.39)

where σ(Rf ) is the variance of the density field smoothed on the scale Rf . The Press-
Schechter formalism assumes that this probability corresponds to the probability that a
given point has ever been part of a collapsed object of scale > Rf . Then, the comoving
number density of halos of mass M at redshift z is given by

dn
dM

(M, z) =

√
2
π

ρ̄

M2

δc(z)
σ(M)

∣∣∣∣d lnσ(M)
d lnM

∣∣∣∣ exp
(
− δ2c (z)

2σ2(M)

)
, (1.40)

where z is the redshift, σ(M) is the variance corresponding to a radius Rf containing
a mass M and δc(z) = δc/D(z) is the critical overdensity linearly extrapolated to the
present time. For an Einstein-de Sitter universe the critical overdensity is δc = 1.69.
There are approximations for other models, in general δc has a weak dependence on Ωm

(Navarro et al., 1997).
One of the limitations of the Press-Schechter formalism is that it assumes that over-

dense perturbations are perfectly spherically symmetric. In reality the situation is more
complex. Bardeen et al. (1986) extensively studied the statistics of peaks in a random
density field. They showed that peaks in the primordial density field have a degree of
flattening. This departure from a spherical distribution is amplified under the action of
gravity affecting the final collapse of the object. The original Press-Schechter formal-
ism also does not properly take into account the cloud-in-cloud problem as it ignores
underdense regions. This is the origin of the contrived factor of 2 in equation 1.40. An
appropriate description in terms of the excursion set barrier crossing problem led to the
formulation of the extended Press-Schechter formalism by Bond et al. (1991). Not only
it provided a powerful framework to describe the merging of clumps of matter into even
larger objects (Lacey & Cole, 1993) but it also allowed a more proper understanding and
description of the mass function of galaxies and haloes given their non spherical shape
(Sheth et al., 2001; Sheth & Tormen, 2004). Recently Sheth & van de Weygaert (2004)
and Shen et al. (2006) provided a viable formalism to describe the hierarchical evolution
of voids and elongated filamentary superclusters.
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1.6.2 Anisotropic collapse

One of the most striking properties of the distribution of matter in the Universe is its
anisotropic nature. The variety of shapes in the matter distribution indicates that the grav-
itational collapse is far from isotropic. Early studies focused on the anisotropic nature
of the gravitational collapse may be found in (Lynden-Bell, 1964) and Lin et al. (1965).
Icke (1973) investigated the evolution of homogeneous ellipsoidal configurations in an
expanding FRW universe and concluded that the predominant final morphologies are flat-
tened and elongated. One of the most important results of the ellipsoidal collapse model
is that not only gravity sets any overdense perturbation into a runaway collapse but it has
and amplifying effect on any asphericity present in the initial matter configuration (Icke,
1973; White & Silk, 1979; Eisenstein & Loeb, 1995; Bond & Myers, 1996a)

While nearly all these studies addressed very specific configurations, the Zel’dovich
formalism clarified the importance of the anisotropic nature of gravitational collapse for
more generic cosmological circumstances (Zel’Dovich, 1970). While it formally con-
cerns a linear Langrangian formalism it has proven to describe the emergence and de-
velopment of structure to considerably more advanced semi-linear stages. Not only it
elucidates the first stages of nonlinear clustering but it also has become an essential tool
for setting up the initial conditions used as input for N-body computer simulations.

The Zel’dovich formalism is based on the mapping between the initial Lagrangian
position q to a displaced Eulerian position x,

x(t) = q +D(t)∇Φ(q), (1.41)

where the time dependent function D(t) is the growth rate of linear density perturbations
and the time independent spatial function Φ(q) is related to the linearly extrapolated
gravitational potential.

Here we concentrate on the anisotropic collapse of a patch of matter. For a particular
structure the force field of the structure hangs together with the flattening of the feature
itself. This induces an anisotropic collapse along the main axes of the structure. Applying
a simple mass conservation relation ρd3q = ρ(x)d3x to equation 1.41 gives:

ρ(x) =
ρ

[1 −D+(t)λ1(q)] [1 −D+(t)λ2(q)] [1 −D+(t)λ3(q)]
(1.42)

where λ1, λ2, λ3 are the eigenvalues of the deformation tensor:

ψi,j =
∂2Ψ
∂qi∂qj

. (1.43)

In order for an object to collapse at least one of the eigenvalues must be positive, so that
the density ρ(x) diverges as D+ increases.

The Zel’dovich approximation predicts the collapse of matter into planar sheets or
pancakes. The subsequent collapse is determined by the second largest eigenvalue which
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Figure 1.7: Three basic morphologies resulted from their anisotropic gravitational collapse.

produces a filament to finally end up in a spherical clump. This suggest a natural division
of the features of the large scale matter distribution based on their morphology. On the
basis of the eigenvalues we may distinguish three final configurations (see figure 1.7):

λ1 λ2 λ3

+ − − pancake
+ + − filament
+ + + clump

Each morphology represents an specific evolutionary state in the gravitational collapse.
In reality the gravitational collapse is not a sequence of single collapses along λ1, λ2 and
λ3. Instead it is a more gradual collapse in all three directions. One can then expect the
Universe to contain the three basic morphologies as well as a large number of intermedi-
ate cases. This is well illustrated in figure 1.8 where we show a slice of the density field
computed from a large N-body computer simulation. The most conspicuous feature of
the large scale matter distribution is the existence of a pervading filamentary network and
quasi-spherical dense concentrations of matter sitting at the nodes. The planar walls or
“pancakes” can be also seen as the slightly overdense regions located between filaments.
Most of the space is devoid of matter. Large empty regions extend for several Mega-
parsecs. These voids give the Cosmic Web its characteristic cellular or “foamy” nature
(van de Weygaert, 2002).

1.6.3 The Cosmic Web

Bond & Myers (1996a) took the analytical description of the hierarchical large-scale
matter distribution to a meaningful description of the nonlocal influences on evolving
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Figure 1.8: Cosmic web elements. Typical examples of a cluster, filament and wall in a cos-
mological N-body simulation inside a box of 200 h−1 Mpc of size. The three morphologies are
closely related to each other. Clusters define the location of filaments and walls are found between
them. From this image the term ”cosmic web” finds its full significance.

matter structures. Their peak-patch formalism presents a more complete description in-
volving tidal influences. It provided the basic framework for the Cosmic Web model
for more generic cosmological circumstances of a random density field (Bond & Myers,
1996a,b,c). They drew attention to their finding that knowledge of the value of the tidal
field at a few well-chosen locations in some region is sufficient to determine the overall
outline of the web-like pattern in that region. In the Cosmic Web Theory the rare high
peaks corresponding to clusters play a fundamental role. They are the nodes that define
the cosmic web. This relation may be traced back to a simple configuration, that of a
“global” quadrupolar matter distribution and the resulting “local” tidal shear at its central
site. Such a quadrupolar primordial matter distribution will almost by default evolve into
the canonical cluster-filament-cluster configuration which forms the structural basis of
the Cosmic Web.

The Cosmic Web Theory describes the close relation between the different morpho-
logical elements of the Cosmic Web. It provides a natural explanation to both the elements
that form the Cosmic Web as well as their connectivity properties. This intimate connec-
tion between the local force field and the surrounding global matter distribution can be
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straightforwardly appreciated on the basis of the constrained random field study by van
de Weygaert & Bertschinger (1996). They, amongst others, discussed the repercussion of
a specified constraint on the value of the tidal shear at some specific location. From the
expression of the tidal tensor in terms of the generating density distribution,

Tij(r, t) =
3ΩH2

8π

∫
dr′ δ(r′, t)

{
3(r′i − ri)(r′j − rj) − |r′ − r|2 δij

|r′ − r|5

}
−

− 1
2
ΩH2 δ(r, t) δij (1.44)

we can immediately observe that any local value of Tij has global repercussions for the
generating density field. Such global constraints are in marked contrast to local con-
straints as the value of the density contrast δ itself, or the shape of the local matter distri-
bution.

1.7 Structure finding

Many attempts to describe, let alone identify, the features and components of the Cosmic
Web have been of a mainly heuristic nature. There is a variety of statistical measures
characterizing specific aspects of the large scale matter distribution (for an extensive re-
view see Martı́nez & Saar, 2002). For completeness and comparison, we list briefly a
selection of methods for structure characterization and finding. It is perhaps interesting
to note three things about this list:

a) each of the methods tends to be specific to one particular structural entity

b) there are no explicit wall-finders

c) they are usually restricted to a given scale.

This emphasizes an important aspect of our Scale Space approach: it provides a uniform
approach to finding blobs, filaments and walls as individual objects that can be catalogued
and studied.

1.7.1 Structure from higher moments

The clustering of galaxies and matter is most commonly described in terms of a hierarchy
of correlation functions. The two-point correlation function (and its Fourier transform,
the power spectrum) remains the mainstay of cosmological clustering analysis and has a
solid physical basis. However, the nontrivial and nonlinear patterns of the cosmic web
are mostly a result of the phase correlations in the cosmic matter distribution (Ryden &
Gramann, 1991; Chiang & Coles, 2000; Coles & Chiang, 2000). While this information
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is contained in the moments of cell counts (Peebles, 1980; de Lapparent et al., 1991;
Gaztanaga, 1992) and, more formally so, in the full hierarchy of M-point correlation
functions ξM , their measurement has proven to be impractical for all but the lowest orders
(Peebles, 1980; Szapudi & Szalay, 1998; Jones et al., 2005).

The Void probability Function (White & Silk, 1979; Lachieze-Rey et al., 1992) pro-
vided a characterization the “voidness” of the Universe in terms of a function that com-
bined information from many higher moments of the point distribution. But, again, this
has not provided any identification of individual voids.

1.7.2 Topological methods

The shape of the local matter distribution may be traced on the basis of an analysis of the
statistical properties of its inertial moments (Babul & Starkman, 1992; Luo & Vishniac,
1995; Basilakos et al., 2001). These concepts are closely related to the full characteri-
zation of the topology of the matter distribution in terms of four Minkowski functionals
(Mecke et al., 1994; Schmalzing et al., 1999). They are solidly based on the theory of
spatial statistics and also have the great advantage of being known analytically in the case
of Gaussian random fields. In particular, the genus of the density field has received sub-
stantial attention as a strongly discriminating factor between intrinsically different spatial
patterns (Gott et al., 1986; Hoyle et al., 2002b,a).

The Minkowski functionals provide global characterizations of structure. An attempt
to extend its scope towards providing locally defined topological measures of the density
field has been developed in the SURFGEN project defined by Sahni and Shandarin and
their coworkers (Sahni et al., 1998; Shandarin et al., 2004). The main problem remains the
user-defined, and thus potentially biased, nature of the continuous density field inferred
from the sample of discrete objects. The usual filtering techniques suppress substructure
on a scale smaller than the filter radius, introduce artificial topological features in sparsely
sampled regions and diminish the flattened or elongated morphology of the spatial pat-
terns. Quite possibly the introduction of more advanced geometry based methods to trace
the density field may prove a major advance towards solving this problem.

Importantly, Martı́nez et al. (2005) and Saar et al. (2007) have generalized the use of
Minkowski Functionals by calculating their values in a hierarchy of scales generated from
wavelet-smoothed volume limited subsamples of the 2dF catalogue. This approach is par-
ticularly effective in dealing with non-Gaussian point distributions since the smoothing is
not predicated on the use of Gaussian smoothing kernels.

1.7.3 Cluster finding

In the context of analyzing distributions of galaxies we can think of cluster finding algo-
rithms. There we might define a cluster as an aggregate of neighbouring galaxies sharing
some localized part of velocity space. Algorithms like HOP attempt to do this. However,
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there are always issues arising such as how to deal with substructure: that perhaps comes
down to the definition of what a cluster is. Here we focus on defining coherent structures
based on particle positions alone. The velocity space data is not used since there is no
prior prejudice as to what the velocity space should look like.

1.7.4 Filament finding

The connectedness of elongated supercluster structures in the cosmic matter distribu-
tion was first probed by means of percolation analysis, introduced and emphasized by
Zel’dovich and coworkers (Zeldovich et al., 1982), while a related graph-theoretical con-
struct, the minimum spanning tree of the galaxy distribution, was extensively probed and
analysed by Bhavsar and collaborators (Barrow et al., 1985; Graham et al., 1995; Colberg,
2007) in an attempt to develop an objective measure of filamentarity.

Finding filaments joining neighbouring clusters has been tackled, using quite different
techniques, by Colberg et al. (2005b) and by Pimbblet (2005). More general filament
finders have been put forward by a number of authors. Skeleton analysis of the density
field (Novikov et al., 2006) describes continuous density fields by relating density field
gradients to density maxima and saddle points. This is computationally intensive but quite
effective, though it does depend on the artefacts in the reconstruction of the continuous
density field.

Stoica et al. (2005) and Gernez et al. (2006) use a generalization of the classical
Candy model to locate and catalogue filaments in galaxy surveys. This approach has the
advantage that it works directly with the original point process and does not require the
creation of a continuous density field. However, it is very computationally intensive and
their implementation is restricted to a single scale.

The skeleton analysis has been also applied to density fields in an attempt to identify
filamentary structures Novikov et al. (2006) (2-D) and Sousbie et al. (2007) (3-D). It is
based on Morse theory and detects morphological features - maxima and saddle points
in the density field - by relating density field gradients to the Hessian of the density
field (also see Doré et al., 2003). The method seems to give reasonable results but it is
computationally intensive and may be sensitive to the specific method of reconstruction
of the continuous density field.

1.7.5 Void Finding

Voids are distinctive and striking features of the cosmic web, yet finding them systemati-
cally in surveys and simulations has proved difficult. There have been extensive searches
for voids in galaxy catalogues (Hoyle et al., 2002b,a; Plionis & Basilakos, 2002) and in
numerical simulations (Aikio & Maehoenen, 1998; Arbabi-Bidgoli & Müller, 2002).

Several factors contribute to making systematic void-finding difficult. The fact that
voids are almost empty of galaxies means that the sampling density plays a key role in
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determining what is or is not a void (Schmidt et al., 2001). Moreover, void finders are
often predicated on building void structures out of cubic cells (Kauffmann & Fairall,
1991) or out of spheres (e.g: Patiri et al., 2006b). Such methods attempt to synthesize
voids from the intersection of cubic or spherical elements and do so with varying degrees
of success. The Aspen-Amsterdam Void Finder Comparison Project of Colbert et al.
(2007) will clarify many of these issues. The Watershed-based algorithm of Platen. E. et
al. (2007) aims to avoid issues of both sampling density and shape.

1.7.6 Study of individual structures

This concerns the most diverse and prolific studies of the cosmic web describing well
known structures or new discoveries of unusual or interesting objects found in (mainly)
large galaxy surveys (Oort, 1983). While these studies offer a detailed view of individual
objects they can not be used to study their general properties since in general they are
focused on objects that are not representative of the the cosmic web. Their identification
is often subjective, based on the ability of the human brain to identify patterns. Among
these studies we note the early descriptions of our local supercluster (de Vaucouleurs,
1976; Bahcall & Joss, 1976; Tully, 1982) and other nearby associations of galaxies such
as the Perseus supercluster (Giovanelli, 1983; Haynes & Giovanelli, 1986) and others
(Chincarini et al., 1981, 1983). Also a large number of detailed studies of filamentary
systems and walls (Einasto et al., 1983; Tago et al., 1986; Einasto, 1989; Klypin et al.,
1989; Rhee & Katgert, 1992; Wegner et al., 1993; di Nella et al., 1996; Fairall et al., 1998;
Jaaniste et al., 1998; Lindner et al., 1999; Bardelli et al., 2000; Tittley & Henriksen, 2001;
Einasto et al., 2003; Chamaraux & Masnou, 2004; Ebeling et al., 2004; Stevens et al.,
2004; Gal et al., 2005; Fleenor et al., 2005; Dietrich et al., 2005; Matsuda et al., 2005;
Porter & Raychaudhury, 2005; Pimbblet et al., 2005; Radburn-Smith et al., 2006).

Each of these methods have their particular strong points and limitations. Some of
them are intended to describe a particular aspect of the Cosmic Web, or to identify a
specific morphology (see table 1.2). In general they all provide good results inside a
limited scope. However, all of these methods fail to include at the same time two critical
assessments:

• The multiscale nature of the Universe. Clusters, filaments and walls can be found
in a large range of scales and densities. This is a consequence of the hierarchical
growth of structures by gravitational collapse. By ignoring the multiscale nature of
the structures in the Universe one invariably limits the effectivity of any descrip-
tor by introducing an artificial range of scales in which features are characterized
and/or identified.

• A compete self-contained framework to identify clusters, filaments and walls.
Only a few methods provide a complete inventory of morphologies but they lack
the multiscale methodology.
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Figure 1.9: Scale Space representation of a 2D image. The front plane corresponds to the original
density field with no smoothing. The Scale Space is constructed by increasingly smoothing the
image.

1.8 Multiscale feature enhancement

Other fields besides astronomy have made significant progress in the area of feature de-
tection. Among them, an outstanding example of a fast developing multidisciplinary field
is medical imaging. Techniques from computer vision, artificial intelligence, computa-
tional geometry, etc. are routinely applied to the processing of both 2D and 3D medical
images. Medical images are extremely complex, a large part of their content is often
not relevant to the study at hand. A trained technician must be able to identify particu-
lar signatures in images that contain a high information content. This makes the use of
enhancement/filtering techniques a key application to automate as much as possible the
identification of medical-relevant features.

The basic morphologies found in the Cosmic Web (clusters, filaments and walls) have
close resemblance with some features identified in medical imaging, although their con-
nectivity is more complex. Clusters resemble spherical nodules, the filamentary network
is similar to the vascular system and walls can be compared to thin skull bones. These
similarities form the motivation behind our use of medical imaging techniques to the
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detection of cosmological features.
Two techniques have been successfully applied to the detection of medical-related

features

• Feature enhancement, based on local properties of the image and/or its deriva-
tives. It is used to identify the three basic shapes

– Spheres related to nodules.

– Lines such as vessels.

– Planes such as the thin flat bones found in the skull.

• Scale space. The Scale Space analysis studies the properties of images at different
scales or smoothing levels (see figure 1.9). After proper normalization a scale is
selected in which a given property is more significant compared to the rest of the
scales.

Scale Space is a key aspect of feature detection techniques. It naturally deals with
the multiscale nature of medical images. The features that are being “enhanced”
must retain their original scale. A clear example of this is the vascular system. Its
fractal nature makes it crucial to be able to enhance and identify vessels at their real
physical scale.

The enhancement and detection steps are often part of the same process. For instance,
a vessel embedded in a noisy background is first enhanced and subsequently detected and
extracted in order to study it. Figure 1.10 shows an example of a system of vessels
before (left) and after (right) the multiscale vessel enhancement filtering (Frangi et al.,
1998). The contrast of the vessels is significantly increased compared to the background.
Not only that, the enhancement preserves the original scale of the vessel. The bottom
panels of figure 1.10 shows a similar filtering technique applied to an N-body simulation.
The connectivity properties between morphologies in the Cosmic Web is evidently more
complex than the vascular system. Compact massive clusters produce several artifacts in
the filament filtering. In chapter 2 we discuss the appropriate methodology to apply the
enhancement techniques to the filamentary network.

1.8.1 Multiscale enhancement and detection of cosmological features

There are significant differences restricting the direct use of medical imaging techniques
to the study of the Cosmic Web. Several modifications are necessary in order to apply
the feature enhancement and detection technology described above. The most important
include

• Resampling of the point set (galaxies or particles from N-body simulations) into a
volume filling density field).
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Figure 1.10: Multiscale enhancement filtering of a vessel (top panel) and filaments in a 2D slice
taken from an N-body simulation (bottom panels). The original images are shown in the left
panels and the enhanced image on the right.

• Account for the high dynamical range of the density field in the Cosmic Web

• Optimal choice of the threshold defining “real” and “false” structures. The criteria
used to select this threshold must depend to some extent on the properties of the
Cosmic Web.

Table 1.3 shows a comparison between medical and astronomical (density field) images.
Both share the basic morphologies but their contrast, scale and connectivity are com-
pletely different (see figures 1.10 and 1.11). The basic feature enhancement techniques
must be modified in order to deal with the particular nature of the matter distribution in
the Cosmic Web. The rest of this thesis will be devoted to the implementation of a mor-
phological filter that can segment the Cosmic Web into clusters, filaments and walls. We
also explore some of its applications to Large Scale Structure and galaxy formation and
evolution.
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Medical images Astronomical images (density field)

Three basic shapes: nodules, vessels
and thin bone.

Three basic shapes: clusters, filaments
and walls.

Multiscale nature of vascular system. Multiscale nature of filamentary net-
work.

Sampled directly on a regular grid. Density field sampled by a discrete set
of particles/galaxies.

Small dynamical range of the intensity
of the features in medical images.

Huge differences in density between
different environments of the Cosmic
Web.

Similar intensity for all vessels. Large variations in density between
similar morphological components.
For instance, one can identify tenuous
filaments as well as highly dense ones.

Sharp well defined boundaries. Clusters, filaments and walls have not
well defined boundaries in addition to
“infall” regions between different mor-
phologies.

Morphological elements are isolated or
connected within the same type of fea-
ture, i.e. vessels connect to vessels and
not to bone.

Filaments are to be found in the re-
gions between clusters, which act as
the nodes of the Cosmic Web and the
cluster-filament network defines sites
of formation of walls.

Table 1.3: Comparison between medical images and astronomical (density field) images in terms
of feature identification.
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Figure 1.11: Filamentary network after filament enhancement (background image). The filled
circles correspond to clusters with mass above 1014 h−1 M�. The inserts correspond to three
examples of filaments. The gray thick dots represent the original dark matter particles. After a
compression algorithm has been applied to filaments one can easily identify their spine (black
dots).
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1.9 Goals and outline of this thesis

In this thesis we present the Mulstiscale Morphology Filter (MMF) for segmenting the
Cosmic Web into its three basic morphologies. The MMF allows us to objectively identify
regions of space associated with a specific morphology, namely clusters, filaments and
walls. The morphological segmentation is performed in scale-space which accounts for
the multiscale character of the Cosmic Web. The MMF opens a new door to the study of
both the morphological components of the Cosmic Web and its content. From the many
possible applications of the MMF we choose a few in order to test its descriptive power.

Chapter 2 describes the MMF. It elaborates on the general methodology of the multi-
scale feature detection rather than the specific implementation used here. We exploit the
particularities of the Cosmic Web in order to “tune” our method and obtain meaningful
answers.

Chapter 3 provides a general description of the Cosmic Web in terms of its individ-
ual morphological components. We give particular attention to filaments, to a less extent
to walls. General properties such as volume and mass content of the Comic Web, den-
sity segregation, filament-cluster connection, are presented. We investigate the internal
structure of filaments and walls by means of their density profile. We also investigate the
dynamical state of filaments and compare our results with theoretical estimates.

Chapter 4 deals with the properties of dark matter haloes in each morphological com-
ponent of the Cosmic Web obtained from a large N-body cosmological simulation. We
introduce a new subhalo finder used to identify nested virialized objects: the FracHOP
halo finder. We present some results from several fast-developing areas of computational
cosmology. We study properties of haloes such as mass function, shape, sphericity, tri-
axiality in terms of their morphological environment. Special attention is given to the
alignment of both shape and spin of haloes in filaments and walls given their potential
importance as probes of the Megaparsec tidal force field. Also included is a preliminary
study of the infall of matter in haloes located inside filaments and walls.

Chapter 5 describes the application of the MMF to a galaxy survey (SDSS). The main
goal of this chapter is to study the spin vector orientation of spiral galaxies located in
filaments. We describe the several steps required to compute the density field from the
galaxy distribution. We also introduce a novel method to reconstruct the density field
inside gaps in the survey: the Delaunay Tessellation Field Interpolator (DTFI) which
exploits the local geometry of the galaxy distribution.

Finally, in chapter 6, we present the main conclusions of the thesis, afterthoughts and
the future developments of the MMF.
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Chapter 2

The Multiscale Morphology Filter:
Identifying and Extracting Spatial Patterns in the Galaxy
Distribution

The question is not what you look at, but what you see.

Henry David Thoreau

Abstract

We present here a new method, MMF, for automatically segmenting cosmic structure
into its basic components: clusters, filaments, and walls. Importantly, the segmen-
tation is scale independent, so all structures are identified without prejudice as to
their size or shape. The method is ideally suited for extracting catalogues of clusters,
walls, and filaments from samples of galaxies in redshift surveys or from particles
in cosmological N-body simulations: it makes no prior assumptions about the scale
or shape of the structures.

Our Multiscale Morphology Filter (MMF) method has been developed on the basis
of visualization and feature extraction techniques in computer vision and medical
research. The density or intensity field of the sample is smoothed over a range of
scales. The smoothed signals are processed through a morphology response filter
whose form is dictated by the particular morphological feature it seeks to extract,
and depends on the local shape and spatial coherence of the intensity field. The
morphology signal at each location is then defined to be the one with the maximum
response across the full range of smoothing scales.

The success of our method in identifying anisotropic features such as filaments and
walls depends critically on the use of an optimally defined intensity field. This is
accomplished by applying the DTFE reconstruction methodology to the sample par-
ticle or galaxy distribution. We have tested our MMF Filter against a set of heuristic
models of weblike patterns such as are seen in the Megaparsec cosmic matter dis-
tribution. To test its effectiveness in the context of more realistic configurations we
also present preliminary results from the MMF analysis of an N-body model. Com-
parison with alternative prescriptions for feature extraction shows that MMF is a
remarkably strong structure finder.
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2.1 Introduction

On scales from a few Megaparsecs up to more than a hundred Megaparsecs, the spatial
cosmic matter distribution displays a salient and pervasive weblike pattern which is

perceived in the first instance as a cellular structure. The distribution of galaxies in large
scale redshift surveys such as the 2-deg Field Galaxy Redshift Survey (2dF: Colless et al.,
2003) and the Sloan Digital Sky Survey (SDSS: York et al., 2000) clearly delineate this
Cosmic Web (Bond et al., 1996) (see van de Weygaert (2002) for a review).

Large computer simulations of the evolution of cosmic structure (Springel et al.,
2005) show prominent cellular patterns arising from gravitational instability. Galaxies
accumulate in flattened walls, elongated filaments and dense compact clusters. These
structures surround large near-empty void regions (Zeldovich et al., 1982). Their spatial
distribution displays a distinctive frothy texture, interconnected in a Cosmic Web.

While it is rather straightforward to find qualitative descriptions of the spatial struc-
ture and components of the cosmic web, a useful, and physically meaningful, quantitative
analysis has prove to be far from trivial. This would be important, for example, when we
wish to study the effect of environment on the formation of galaxies and their halos.

2.1.1 Multi-scale analysis

We present here a new method for automatically segmenting cosmic structure into its
basic components: clusters, filaments, and walls. Importantly, the segmentation is scale
independent, so all structures are identified without prejudice as to their size or shape.

There are two parts to this: firstly, the reconstruction of a continuous density field
from a point sample and secondly, the identification of structures within that density field.
For the first part we use the Delaunay Tessellation Field Estimator (DTFE) technique
of Schaap & van de Weygaert (2000). The second part, which is the main thrust of
this paper, consists of a series of morphology filters that identify, in a scale independent
manner, particular kinds of structure in data. The method is referred to as the Multiscale
Morphology Filter (MMF) and is based on the kind of Scale Space analysis that has in
recent years proved so successful in imaging science.

It is worth emphasizing at this juncture that we have chosen a specific implementation
of this kind of multi-scale analysis. Our choice is made on the following grounds:

• It is simple to understand and program.

• It works under quite general conditions.

• The approach is generic and easy to modify.

There are many alternative multi-scale strategies. We will keep this presentation as
general as possible so that the points at which we make implementation specific choices
are clear.
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2.1.2 Emergence of hierarchical web-like structure

Structure in the Universe emerged as a result of the gravitational growth of small am-
plitude primordial density and velocity perturbations. Following the initial linear growth
of the Gaussian primordial perturbations, the gravitational clustering process leads to the
emergence of complex patterns and structures in the density field. At least three charac-
teristics of the mildly nonlinear cosmic matter stand out.

The most prominent property is its hierarchical nature. The gravitational clustering
process proceeds such that small structures are the first to materialize and subsequently
merge into ever larger entities. As a result each emerging cosmic structure consists of var-
ious levels of substructure. Hence, upon seeking to identify structure at one characteristic
spatial scale we need to take into account a range of scales.

The second prominent aspect is that of the weblike geometry marked by highly elon-
gated filamentary and flattened planar structures. The existence of the cosmic web can
be understood through the tendency of matter concentrations to contract and collapse
gravitationally in an anisotropic manner.

A final conspicuous aspect is that of the dominant presence of large roundish un-
derdense regions, the voids. They form in and around density troughs in the primordial
density field.

The challenge for any viable analysis tool is to trace, highlight and measure these
features of the cosmic web.

2.1.3 Outline of this chapter

We start in section 2.2 by reviewing the DTFE method that is used to sample discrete
point sets onto a regular mesh. Then in section 2.4 we introduce the basic ideas from
scale space theory that we will use. In section 2.5 we introduce the morphology filters
and give them a geometrical interpretation. The filters are tested using a Voronoi model
in section 2.8.

2.1.4 Structure from Scale Space

Combining the local Hessian matrix eigenvalues on various scales, this is the new tech-
nique that we are presenting here for the first time in the cosmological context.

Scale space analysis looks for structures of a mathematically specified type in a hierar-
chical, scale independent, manner. It is presumed that the specific structural characteristic
is quantified by some appropriate parameter (e.g.: density, eccentricity, direction, curva-
ture components). The data is filtered to produce a hierarchy of maps having different
resolutions, and at each point, the dominant parameter value is selected from the hierar-
chy to construct the scale independent map. We refer to this scale-filtering processes as a
Multiscale morphology filter.
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We describe one specific implementation, or embodiment, of the process in relation to
the problem of cataloging the structural elements of the cosmic web. Other embodiments
are possible, but the present one turns out to be highly effective in structure segregation
and feature identification.

While this sounds relatively straightforward, in practice a number of things are re-
quired to execute the process. Firstly there must be an unambiguous definition of the
structure-defining characteristic. In the present case we shall use the principal compo-
nents of the local curvature of the density field at each point as a morphology type indi-
cator. This requires that the density be defined at all points of a grid, and so there must be
a method for going from a discrete point set to a grid sampled continuous density field.
We choose to do this using the DTFE methodology since that does minimal damage to
the structural morphology of the density field.

Since we are looking for three distinct structural morphologies, blobs, walls and fila-
ments, we have to apply the segmentation process three times. However, since we shall be
using curvature components as structural indicators, we shall have to eliminate the blobs
before looking for filaments, and we shall then have to eliminate the filaments before
looking for walls.

2.2 Resampling and Rescaling Point sets

The cosmological problem presents its own difficulties, not the least of which is the fact
that the data set is presented, not as a density field, but as a set of discrete points which are
presumed to sample some underlying density field. However, the filtering procedures we
use here for defining objects act on continuous fields (or images) and require continuous
first and second derivatives of field values. It is therefore necessary to resample the point
set data on a grid. In doing this we need to assure ourselves that the objects, structures,
features and patterns in these fields are resampled in an optimal way: both substructure
and morphological characteristics must be preserved. To achieve this we use the DTFE
reconstruction of the density field.

2.2.1 The DTFE density field

The Delaunay Triangulation Field Estimator (“DTFE”) (Schaap & van de Weygaert,
2000; Schaap, 2007) is a powerful new method, based upon concepts from computational
geometry (Okabe et al., 2000) that offers a “safe” reconstruction in that it accurately
preserves the local features. DTFE produces a morphologically unbiased and optimized
continuous density field retaining all features visible in a discrete point distribution.

The input samples for our analysis are mostly samples of galaxy positions obtained
by galaxy redshift surveys or the positions of a large number of particles produced by
N-body simulations of cosmic structure formation. In order to define a proper continuous
field from discrete distribution of points - computer particles or galaxies - we translate the
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spatial point sample into a continuous density field by means of the Delaunay Tessellation
Field Estimator (Schaap & van de Weygaert, 2000; Schaap, 2007).

The DTFE technique recovers fully volume-covering and volume-weighted continu-
ous fields from a discrete set of sample field values. The method has been developed by
Schaap & van de Weygaert (2000) and forms an elaboration of the velocity interpolation
scheme introduced by Bernardeau & van de Weygaert (1996). It is based on the use of
the Voronoi and Delaunay tessellations of a given spatial point distribution. It provides a
basis for a natural, fully self-adaptive filter in which the Delaunay tessellations are used
as multidimensional interpolation intervals.

The primary ingredient of the DTFE method is the Delaunay tessellation of the par-
ticle distribution. The Delaunay tessellation of a point set is the uniquely defined and
volume-covering tessellation of mutually disjoint Delaunay tetrahedra. A Delaunay tetra-
hedron is defined by the set of four points whose circumscribing sphere does not contain
any of the other points in the generating set (Delone, 1934) (triangles in 2D). The De-
launay tessellation is intimately related to the Voronoi tessellation of the point set, they
are each others dual. The Voronoi tessellation of a point set is the division of space into
mutually disjoint polyhedra, each polyhedron consisting of the part of space closer to the
defining point than any of the other points (Voronoi, 1908; Okabe et al., 2000).

DTFE exploits three particular properties of Voronoi and Delaunay tessellations. The
tessellations are very sensitive to the local point density. The DTFE method uses this
fact to define a local estimate of the density on the basis of the inverse of the volume of
the tessellation cells. Equally important is their sensitivity to the local geometry of the
point distribution, which allows them to trace anisotropic features such as encountered
in the cosmic web. Finally it uses the adaptive and minimum triangulation properties of
Delaunay tessellations to use them as adaptive spatial interpolation intervals for irregular
point distributions. In this it is the first order version of the Natural Neighbour method
(NN method: Sibson, 1980, 1981; Watson, 1992; Braun & Sambridge, 1995; Sukumar,
1999; Okabe et al., 2000).

One of the important - and crucial - properties of a processed DTFE density field is
that it is capable of delineating three fundamental characteristics of the spatial structure
of the Megaparsec cosmic matter distribution:

• The full hierarchy of substructures present in the sampling point distribution, re-
lating to the standard view of structure in the Universe having arisen through the
gradual hierarchical buildup of matter concentrations.

• The anisotropic patterns in the density distribution without diluting their intrin-
sic geometrical properties. This is a great advantage when seeking to analyze the
cosmic matter distribution, characterized by prominent filamentary and wall-like
components linking up into a cosmic web.
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• Outlines the presence and shape of voidlike regions. DTFE renders the low-density
regions as regions of slowly varying, moderately low density values through the in-
terpolation definition of the DTFE field reconstruction.

An outline of the DTFE reconstruction procedure can be found in appendix 2B.

2.2.2 Rescaling

In building the scale space we need to construct a hierarchy of rescaled replicas of the
original grid-sampled data. This is done simply by applying a hierarchy of isotropic
Derivative of Gaussian smoothing filters to the data.

Substructure and morphological characteristics will be altered during this hierarchi-
cal smoothing process. The smearing of features through smoothing is inevitable if we
smooth using isotropic filters and there has been some discussion as to whether one
might do better by rescaling in such a way as to minimize feature smearing (for example
Martı́nez et al., 2005; Saar et al., 2007). It is possible to use refined (nonlinear) smooth-
ing procedures that minimize the side effects of smoothing but that issue is not addressed
here. Here, we simply rescale using isotropic Gaussian filters: this seems to work very
well and avoids complications arising from using other filters.

2.3 Scale Space Analysis

In this chapter we introduce a method for recognizing and identifying features in data
based on the use of a “Scale Space” representation of the data (Florack et al., 1992;
Lindeberg, 1998). The Scale Space representation of a data set consists simply of a
sequence of copies of the data having different resolutions. A feature searching algorithm
is applied to all of these copies, and the features are extracted in a scale independent
manner by suitably combining the information from all copies. This is encoded in the
Principle for scale selection (Lindeberg, 1998):

“In the absence of other evidence, assume that a scale level, at which
some (possibly non-linear) combination of normalized derivatives assumes
a local maximum over scales, can be treated as reflecting a characteristic
length of a corresponding structure in the data”.

We use a particular feature recognition process based on eigenvalues of the Hessian ma-
trix of the density field. It should be understood that the technique we describe here
could well be used with other feature recognition systems, such as, for example, the
ShapeFinder process (Sahni et al., 1998). Scale Space is a powerful tool for scale inde-
pendent data analysis.
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Figure 2.1: DTFE image of a slice through the N-body simulation used in this work. Top: DTFE
density field in a central slice. Bottom: the corresponding particle distribution in a slice of width
5h−1Mpc.
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2.3.1 Image processing

The use of this technique can be traced back to the work of David Marr at M.I.T in the
1970’s (Marr & Hildreth, 1980), reviewed in his seminal book on the physiology of image
understanding: Vision (Marr, 1980). There (loc. cit. Chapter 2, especially figures 2-10
and 2-23) he describes what is called the “Primal Sketch” and the use of what today are
called “Marr Wavelets” in extracting scale independent information. We apply precisely
this transformation to a scale space representation of a cosmological density field, and in
doing so ostensibly extract features in much the same way, according to Marr, that the
human visual cortex does.

More recently, Frangi et al. (1998) and Sato et al. (1998) (among many others) used
Scale Space analysis for detecting the web of blood vessels in a medical image. The
vascular system is a notoriously complex pattern of elongated tenuous features whose
branching make it closely resemble a fractal network. We translate, extend and optimize
this technology towards the recognition of the major characteristic structural elements in
the Megaparsec matter distribution. The resulting methodology yields a unique frame-
work for the combined identification of dense, compact bloblike clusters, of the salient
and moderately dense elongated filaments and of tenuous planar walls.

2.3.2 Multiscale Structure Identification

Segmentation of a density field into distinct, meaningful, components has been one of the
major goals of image processing over the past decades. There are two stages involved:
firstly providing a criterion describing the basis for the segmentation, be it colour, texture,
motion or some other attribute and secondly providing an algorithm whereby those dis-
tinguishing attributes can be automatically and unambiguously identified. Ambiguities
in structure finding frequently occur when the sought-for structure exists on a variety of
scales that may be nested hierarchically.

2.3.3 the Multiscale Morphology Filter: Outline

The technique presented here, the Multiscale Morphology Filter (MMF), looks to synthe-
size global structures by identifying local structures on a variety of scales and assembling
them into a single scale independent structural map. The assembly is done by looking at
each point and asking which of the structures found on the various search scales domi-
nates the local environment. This is the essence of the so-called Scale Space approach.
We first provide an outline of the various stages involved with the MMF method. In the
subsequent sections we treat various aspects in more detail.
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2.3.4 The Analysis Cycle

We are looking for three distinct morphologies within the same distribution. This requires
three passes through the data, each time eliminating the features found in the previous
pass. In the first pass, the blobs in the dataset are identified along with their enclosed
datapoints. The points that are in blobs are eliminated and then the filaments are identified
with their constituent points. After eliminating the filament points the walls and their
constituent points can be identified.
Each pass involves the following components and procedures:

• Point Dataset
For each pass this is the set of galaxies or particles in an N-body model from which
we are going to extract a specified feature. In the first pass this is the full data
sample within which we are going to identify blobs. On the second pass it is the
original point set from which the points in the blobs have been removed. Likewise
for the third pass.

• DTFE Density Field
The discrete spatial distribution of galaxies, or particles in a N-body computer
model, is resampled to give a continuous volume-filling density field map fDTFE

on a high resolution grid. In order to guarantee an optimal representation of mor-
phological features this is accomplished on the basis of the DTFE method (Schaap
& van de Weygaert, 2000; Schaap, 2007).

• Scale filtering
The raw DTFE density field fDTFE is filtered over a range of spatial scales Rn in
order to produce a family Φ of smoothed density maps fS , n, each defining a level
of the Scale-Space representation. The range of scales is set by the particular
interest of the analysis.

• Hessian & Eigenvalues
The Hessian matrix ∇ijfS of the density field is computed at each point of each of
the smoothed density fields in the filtered Scale-Space density maps fS . At each
point the eigenvalues λk (k = 1, 2, 3) of the Hessian matrix are determined.

• Morphology Mask
The Morphology Mask Emorph identifies the locations obeying the required mor-
phology/shape constraints. At every location in every map, E = 1 if the shape
constraint is valid, E = 0 if it does not. This is a “hard” filter.

• Shape Significance Map
A Feature shape Significance (or fidelity) index Smorph is determined for the spec-
ified morphology. This is done on the basis of the signs and ratios of the three
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eigenvalues λk (k = 1, 2, 3), and thus dependent only on the local variations of the
field on the various scales present in the scale space maps.

• Morphology Response Map
The Morphology Response Filter, Mmorph, is the soft thresholded version of the
shape significance map Smorph. It selects out the most locally shape conformant
features and is computed for each scale space level by processing Smorph, weighted
by a specified threshold parameter β.

• Morphology Intensity Map
In order to avoid enhancing noisy low intensity structures we include a Morphology
Intensity function Imorph that modulates the morphology response map according
to some measure of the feature strength. We characterize feature strength by the
values of the specific eigenvalues: λ1 for the walls, λ2 for the filaments and λ3 for
the blobs.

• Morphology Filter
Morphology weighted filter Tmorph for the Morphology Mask Emorph. Provides each
location which obeys the morphology constraint with a measure of the strength of
morphology signal.

• Feature Map
For each level of Scale-Space the feature map Fmorph is constructed from the Fea-
ture Intensity Map Imorph and the Morphology Response Map. This represents
local structures as seen on the different scales of the Scale-Space.

• Scale-Space Map Stack
By combining the individual Feature Maps FL,morph of each level of Scale-Space,
the ultimate scale independent map of features is produced, the Scale-Space Map
Stack Ψ. Each pixel in this map is the maximum value of the corresponding pixels
in the Feature maps that make up the Scale-Space stack.

• Object Maps
Astrophysical and Cosmological criteria determine the final Object Maps Omorph.
These maps are produced by thresholding the Scale-Space Map Stack Ψ according
to a criterion translating a feature map of physically recognizable objects.

• Datapoint identification
Datapoints within the feature contours of the object map Omorph are identified.
They are removed from the original dataset at each pass through the feature finding
process.
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Figure 2.2: Scale-space: a particle distribution (left) is translated by DTFE into a density field
(centre), followed by the determination of the field, by means of filtering, at a range of scales
(righthand).

2.4 Scale Space Technology

2.4.1 Scale-Space Filtering

The so-called Scale-Space approach to morphology consists simply of calculating and
comparing morphology indicators on a variety of scales. Fundamental in this is the ability
to view a given dataset on different scales. This task is accomplished simply by convolv-
ing the original data f(x) with smoothing filters W to produce a smoothed field fS(x):

fS(x) =
∫

dy f(y)W (y, x).

The smoothing filter could be any of a number of suitable filters: it is usual, though
neither necessary nor optimal, to choose filters based on Gaussian functions 1. There are
alternatives to this scaling strategy: any form or pyramidal or wavelet transform will have
a similar effect.

We generate scaled representations of the data by repeatedly smoothing the DTFE
reconstructed density field fDTFE with a hierarchy of spherically symmetric Gaussian
filters WG having different widths R (see figure 2.2):

fS(x) =
∫

dy fDTFE(y)WG(y, x)

where WG denotes a Gaussian filter of width R:

WG(y, x) =
1

(2πR2)3/2
exp

(
−|y − x|2

2R2

)
. (2.1)

A pass of the smoothing filter attenuates structure on scales smaller than the filter width.

1It is interesting to note that studies from neurophysiology (Young, 1987) indicate that the receptive field
profiles in mammalian retina and visual cortex can be modelled in terms of Gaussian derivatives.
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The scale-space MMF analysis described in this study involves a discrete number of
N + 1 levels, n = 0, . . . , N . Following (Sato et al., 1998) we use a nested hierarchy of
filters having widths differing by a factor of

√
2:

Rn = (
√

2)nR0. (2.2)

The base-scale R0 is taken to be equal to the pixel scale of the raw DTFE density map.
Sato et al. (1998) showed that using a ratio of ≈

√
2 between discrete levels involves

a deviation of a mere 4% with respect to the ideal case of a continuum of scale-space
levels. 2 As a retrospective on this research we would argue that, in the context of cosmic
structure, the factor of

√
2 is somewhat too coarse.

The largest structure that survives this process is determined by the effective width of
the filter used in the final smoothing stage. For our purposes it is sufficient to use n = 5.

We shall denote the nth level smoothed version of the DTFE reconstructed field fDTFE

by the symbol fn.
The Scale Space itself is constructed by stacking these variously smoothed data sets,

yielding the family Φ of smoothed density maps fn:

Φ =
⋃

levels n

fn. (2.3)

A data point can be viewed at any of the scales where scaled data has been generated. The
crux of the concept is that the neighborhood of a given point will look different at each
scale. There are potentially many ways of making a comparison of the scale dependence
of local environment. We use here the Hessian Matrix of the local density distribution in
each of the smoothed replicas of the original data.

2.4.2 The Hessian

At each point of each dataset in the Scale Space view of the data we can quantify the local
“shape” of the density field in the neighborhood of that point by calculating, at each point
the eigenvalues of the Hessian Matrix of the data values.

We can express the local variations around a point x0 of the density field f(x) as a
Taylor expansion:

f(x0 + s) = f(x0) + sT∇f(x0) +
1
2
sTH(x0)s+ ... (2.4)

where

H =

⎛⎜⎝ fxx fyx fzx

fxy fyy fzy

fxz fyz fzz

⎞⎟⎠ (2.5)

2It is interesting to note also that Marr (1980) had already commented on the importance of the
√

2 factor
on psycho-visual grounds.
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Figure 2.3: Maps of the 6 independent components of the (filtered) density field Hessian, ordered
by their identity. Top row: ∇11f ; Central row: ∇21f , ∇22f ; Bottom row: ∇31f , ∇32f , ∇33f

is the Hessian matrix. Subscripts here denote partial derivatives of f with respect to the
named variable. There are many possible algorithms for evaluating these derivatives (see
figure 2.3).

In our case we compute the scale-space Hessian matrices for each level n directly
from the DTFE density field, via the convolution

∂2

∂xi∂xj
fS(x) = fDTFE ⊗ ∂2

∂xi∂xj
WG(RS)

=
∫

dy f(y)
(xi − yi)(xj − yj) − δijR

2
S

R4
S

WG(y, x) (2.6)

where x1, x2, x3 = x, y, z and δij is the Kronecker delta. In other words, the scale
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space representation of the Hessian matrix for each level n is evaluated by means of a
convolution with the second derivatives of the Gaussian filter, also known as the Marr (or,
less appropriately, “Mexican Hat”) Wavelet.

In order to properly compare the values of the Hessian arising from the differently
scaled variants of the data that make up the Scale Space we must use a renormalised
Hessian:

H̃ = R2
S H (2.7)

where RS is the filter width that has been used (
√

2
n
R0 for level n in our case). Instead

of using this ‘natural’ renormalization, it would be possible to use a scaling factor R2γ .
Using values γ > 1 will give a bias towards finding larger structures, while values γ < 1
will give a bias towards finding smaller structures.

2.4.3 Eigenvalue and Eigenvectors

The eigenvalues of the Hessian matrix evaluated at a point quantify the rate of change of
the field gradient in various directions about each point. The eigenvalues are coordinate
independent measures by the components of the second derivatives of the field at each
point x0. A small eigenvalue indicates a low rate of change of the field values in the
corresponding eigen-direction, and vice versa.

We denote these eigenvalues by λa(x) and arrange them so that λ1 ≥ λ2 ≥ λ3 (see
figure 2.4): ∣∣∣∣ ∂2fn(x)

∂xi∂xj
− λa(x) δij

∣∣∣∣ = 0, a = 1, 2, 3 (2.8)

with λ1 > λ2 > λ3

The λi(x) are coordinate independent descriptors of the behaviour of the density field
in the locality of the point x and can be combined to create a variety of morphological
indicators. The criteria we used for identifying a local bloblike, filamentary or sheetlike
morphology are listed in table 2.1. A similar philosophy was also followed by Colombi
et al. (2000) and Doré et al. (2003). The corresponding eigenvectors show the local
orientation of the morphology characteristics. Note, however, that in this study we do not
make use of the eigenvectors.

The λi(x) are coordinate independent descriptors of the behaviour of the density field
in the locality of the point x and can be combined to create a variety of morphological
indicators. The corresponding eigenvectors show the local orientation of the morphology
characteristics. Note, however, that in this study we do not make use of the eigenvectors.

2.5 Scale-Space Feature Detection and Extraction

The eigenvalues of the Hessian therefore encode the local morphology of the density field
in terms of the curvature components of the local density field in the direction of the corre-
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Figure 2.4: Maps of the eigenvalues of the Hessian matrix at 3 different scales (levels). From top
to bottom: the 3 eigenvalues λ1, λ2 and λ3 (λ1 > λ2 > λ3). From left to right: 3 different scales
R1 R3 and R5, (R1 > R2 > R5). Positive values are represented as gray shades in logarithmic
scale while negative values are indicated by contour lines also in logarithmic scale.

sponding eigenvectors. Evaluating the eigenvalues and eigenvectors for the renormalised
Hessian H̃ of each dataset in a Scale Space shows how the local morphology changes
with scale.

With the local curvature and shape encapsulated in the three eigenvalues λ1, λ2 and
λ3 of the Hessian, the MMF seeks to identify the regions in space which correspond to
a certain morphology and at the scale at which the corresponding morphology signal at-
tains its optimal value. First we set out to select these regions by means of a Morphology
Mask. Subsequently we develop a filter-based procedure for assigning at each scale a lo-
cal weight which is used to select the scale at which the morphology reaches its strongest
signal.
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Structure λ ratios λ constraints

Blob λ1  λ2  λ3 λ3 < 0 ; λ2 < 0 ; λ1 < 0

Line λ1  λ2 � λ3 λ3 < 0 ; λ2 < 0

Sheet λ1 � λ2  λ3 λ3 < 0

Table 2.1: Eigenvalue relationships defining the characteristic morphologies. The λ-conditions
describe objects with intensity higher than their local background as clusters, filaments or walls.
For voids we would have to reverse the sign of the eigenvalues.

2.5.1 Morphology Mask: E

Locally “spherical” topology is indicated by all three eigenvalues being similar in size,
and locally “filamentary” topology is indicated by having two similar eigenvalues and a
negligible third; the direction of the filamentary structure is then in the direction of the
eingenvector corresponding to the smallest (insignificant) eigenvalue. A locally “sheet-
like’ structure is characterized by one dominant eigenvalue, its corresponding eigenvector
indicating the normal to the sheet. The formal morphology conditions are listed in table
2.1.

There are many ways of using the eigenvalues of the Hessians in the Scale Space
representation of the data to identify and demarcate specific types of structure. Here we
start by defining a morphology mask. The Morphology Mask Emorph is a hard filter which
identifies all pixels obeying the morphology and shape condition:

Emorph =

⎧⎪⎪⎨⎪⎪⎩
1 morphology constraint valid

0 morphology constraint invalid

See figure 2.5 to see how this works.

2.5.2 Feature shape fidelity: S

The degree of “blobbiness”, “filamentariness” or “wallness” is reflected in the degree to
which the inequalities of table 2.1 defining those structures are satisfied. We would be
impressed by a blob in which all three eigenvalues were equal - it would look like a spher-
ical lump. We would be less impressed if there was a factor 3 between the eigenvalues
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Figure 2.5: Morphology Mask E : on the basis of the 3 eigenvalues λ1, λ2 and λ3 at each location
we determine whether the morphological criterion – here whether it corresponds to a filament
(table 1) – is valid. If so E = 1, otherwise it is E = 0. Top row: maps of the three eigenvalues;
bottom row: the Morphology Mask E .

since the blob would then look more like a flattened sausage while not manifestly being
a filament or a wall.

The following shape indices reflect the strength S of the classification in terms of the
local geometry as characterized by the λ’s.

Smorph =

⎧⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎨⎪⎪⎪⎪⎪⎪⎪⎪⎪⎪⎩

|λ3|
|λ1| Blob

(
1 − |λ3|

|λ1|

)
· |λ3|
|λ2| Filament

(
1 − |λ3|

|λ1|

)
·
(

1 − |λ3|
|λ2|

)
Wall

(2.9)

It is important to emphasize when using this equation that the values of S are only mean-
ingful if the relevant inequalities in table 2.1 are already satisfied.

As a cautionary warning it must be stressed that we cannot identify a point as being
part of a locally filamentary structure and assess the significance by using an evaluation
of S that applies to blobs or walls. Likewise the value of S cannot be used to assess the
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Figure 2.6: Morphology Filter T . The Morphology Response function M (top center) is the soft
thresholded version of the Shape Significance map S (left frame), determined from the values
of the eigenvalues λ1, λ2 and λ3. The Morphology Intensity function I (bottom centre) is also
computed from the λ’s using equation (2.11). Finally, the Morphology Filter T (right frame) is
obtained by combining M with I.

relative significance of different types of structure. This means that the identification of
structural elements using this eigenvalue classification scheme must be done cyclically:
first find blobs (three roughly equal eigenvalues), then lines (two roughly equal and dom-
inant eigenvalues) and finally walls (one dominant eigenvalue). There are other schemes
that are one-pass classifiers.

We shall use the symbols Sblob, Sfilament, Swall to denote the values of S computed for
each kind of feature.

2.5.3 Morphology Response Filter: M

We shall need a filter that preferentially selects out points where the value of the feature
shape parameter S lies above some threshold. With this we can tune the aggressiveness
of feature-selection. This can be done by defining a morphology measure M by

Mmorph = 1 − exp
(
−Smorph

2β2

)
(2.10)

where morph = (blob, filament, or wall). The adjustable parameter β tunes the dis-
crimination level of the morphology response filter. A typical value is β = 0.5. Lower
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Figure 2.7: The Feature Map F (righthand frame) is computed for each scale and is equal to the
Morphology Filter T at the locations where the Morphology Mask E is unity (and nonzero).

values will increase the feature selectivity. Higher values will decrease the selectivity
giving feature images with smooth features but contamination from other morphologies.

We shall use the symbols Mblob, Mfilament, Mwall to denote the values of M com-
puted for each kind of feature.

Methods of thresholding image data such as equation (2.10) are generally referred
to as “soft thresholding”, as opposed to “hard thresholding” in which all values below
a critical value are zeroed. Soft thresholding results in visually more appealing density
distributions. See figure (2.6).

2.5.4 Morphology Intensity Map I

Morphology Intensity is a property of structures that represents how strong the feature
is: a filament that is nice and narrow is in some sense more filament-like than one which
is rather wide and diffuse. The discriminating factor in this case is the magnitude of the
eigenvalue λ2. Note that it would be inappropriate to normalise or non-dimensionalize
this relative to some local values such as the sum of the local λ’s: it is the fact of com-
paring the λ values at different spatial locations that discriminates features. If, in our
example, the value of λ2 were roughly constant over the data set, we would not be im-
pressed by any filamentariness.

Qian et al. (2003) noted that the smallest eigenvalue (λ3) will be large only for blobs,
while λ2 will be large for blobs and filaments, and λ1 for blobs, filaments, and walls.
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Combining these relations with the λ constraints in table 2.1 we can use the following
intensity function:

Imorph =

⎧⎪⎪⎪⎪⎪⎨⎪⎪⎪⎪⎪⎩

λ3 Blob

λ2 Filament

λ1 Wall

(2.11)

The use of this morphology intensity function solves the problem of detecting low-intensity/noisy
structures but it introduces another problem: the range of values of Imorph is not well de-
fined within a given interval since it depends on the nature of the density field itself. We
therefore normalize its values in the interval [0, 1] in order to apply it in a consistent way.

There are other possible measures of feature intensity. (Frangi et al., 1998) introduced
the Frobenius matrix

√
λ2

1 + λ2
2 + λ2

3 as a measure of second-order structure. However,
this measure is biased towards blob-like structures and can produce erroneous signals in
the detection of filaments and walls.

2.5.5 Morphology Filter T

For each level of the scale space, we can generate a Morphology Filter, T , from the
Morphology Intensity Map I and Morphology Response Filter M. Formally we can
write this as

T = I ⊗M (2.12)

where the combination operator ⊗ simply means that every pixel of the Morphology
Intensity Map, I, is multiplied by the value of the corresponding pixel in the Morphology
Response Filter M. As described above, these hold information on different aspects of
the structural morphology, and by combining them we can hope to improve on the results
that would be obtained by using either of them alone. Thus the Morphology Filter has
its most significant values at those places where the morphology is close to what we are
looking for.

2.5.6 Feature Map F

This is where, for each level of scale space, we combine information contained in the
morphology mask E and filter T : we select out those regions of T where the morphology
constraint is valid.

For each level of the scale space, we can generate a Feature Map, F . The feature map
comprises the information contained in the Morphology Filter T and allocates it to the
locations contained in the Morphology Mask E . Formally we can write this as

F = E ⊗ T (2.13)
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Figure 2.8: The Scale Space Map Stack Ψ: the formalism selects at any location the scale with
the optimal signal of the feature map. Depicted are the Feature maps F for three different scales
(top row), and the resulting Map Stack Ψ (bottom row), determined over the full range of scales.

where the combination operator ⊗ simply means that every pixel of the Morphology
Filter, T , is modulated by the mask value E , 1 or 0 dependent on whether the morphology
constraint is valid at the corresponding location (see figure 2.7).

2.5.7 Scale Space Map Stack Ψ

Each level of the scale space has its Feature Map constructed according to equation (2.13).
They must now be combined in order to produce the definitive scale independent map of
features, Ψ. We can refer to Ψ as the “feature stack” and formally write it as

Ψ =
⊎

levels n

Fn (2.14)

where the combination operator
⊎

represents a new Feature Map built by combining the
individual Feature Maps, Fn, of the scale space. Each pixel of Ψ takes on the maximum
value of the corresponding pixel values in the stack of Feature Maps Fn in the Scale
Space. We can write this (for a 3-D map) as

Ψ(i, j, k) = max
Levels n

Fn(i, j, k) (2.15)

where i, j, k represent the location of the pixels in the map. In this way we assign each
point of the dataset a value quantifying the degree to which it can be said to be a part of
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some feature (blob, filament, or wall) on any of the scales investigated by the scale space
(see figure 2.8).

2.5.8 Assigning Points to Features

The Scale Space Map Stack Ψ has to be thresholded in order to identify the most sig-
nificant features. This will be discussed in detail in section (2.6). It is at this point that
we see astronomical input by requiring that the sought-after structure correspond to some
structure that we would recognize.

Given the Scale Space Map Stack Ψ for a given feature (blobs, filaments or walls),
we can assign each particle of the original dataset to the specific feature identified in the
Scale Space Map Stack.

2.6 Cosmological Feature Detection:
Threshold definition

2.6.1 Texture Noise

The final stage of each cycle of the analysis is the thresholding of the scale space map
stack in order to identify individual objects that are being sought in that cycle. Without
the thresholding the maps are noisy and over-structured: we can refer to this as as “texture
noise”. This texture noise is simplest removed by applying a simple threshold to the pro-
cessed maps. There is a potential problem in applying a simple threshold: it is necessary
to determine a threshold that removes texture noise (however that is determined) while
leaving the sought-after features intact.

2.6.2 Object Erosion Threshold

We set the thresholds for each feature to the value such that raising the threshold higher
would start eroding objects and decrease their number. In other words, the threshold
value is set so that the object count is maximized while at the same time texture noise is
eliminated.

2.6.3 Identifying blobs

We use τB to denote the value of Ψ above which a pixel is considered as part of a blob.
Figure 2.9 plots the number of objects detected above each value of the threshold, τB .

For blob finding the thresholding is quite straightforward. At very low threshold,
there will be many round objects (the eigenvalue criterion fixes their shape) of which
only a small fraction will be the blobs we are seeking. As the threshold is raised from
zero, the noise and the the less significant blobs are eliminated. There comes a point
when the threshold stops annihilating these small, less significant, blobs and simply starts
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Figure 2.9: Threshold determination for blobs. The selected value is shown as a dotted vertical
line.

eroding the large blobs. This is the point where we define out optimal threshold. The
dotted vertical line indicates the best value of τB .

If we plot a graph of the fraction of the sample volume occupied by below-threshold
blobs against the threshold we obviously find a monotonic curve that rises from zero to
one. This is shown in figure 2.9 where we see a two power-law behavior with a break
marking where the transition from texture noise annihilation to simple blob erosion takes
place.

2.6.4 Identifying Filaments and Walls

For filament and wall finding we again choose to threshold the distributions, but this time
we decide on the optimal value of the threshold on the basis of the population curve of
features defined at each threshold value.

Filaments

We use τF to denote the value of Ψ above which a pixel is considered as part of a fila-
ment. Figure 2.10 plots the normalized number of objects detected for each value of the
threshold, τF .

The explanation for the shape of this curve is as follows. The low threshold (small-
τF ) objects are largely due to texture noise: the number of these declines as the threshold
increases. When real filamentary features appear the number of detections increases with
τF to reach a maximum. This is because at lower thresholds the features tend to percolate,
so that raising the threshold breaks the structure up into a greater number of filamentary
objects. As the threshold rises further the filaments are eroded and get rarer. The point at
which filament erosion starts to act is taken as the optimal value of τF . This is indicated
by the vertical dotted line in the figure.
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Figure 2.10: Filament threshold: following the determination of the (raw) scale space map stack
for the filament morphology, a percolation threshold criterion is used to select out the significant
filaments. Top lefthand: the filament threshold diagram, showing the number of filaments with a
volume larger than 12 (dotted line) and 25 (solid line) Mpc3 as function of the threshold τf . The
solid vertical lines indicates the chosen value of τf , that corresponds to the local maxima in the
solid curve. The subsequent frames show the surfaces delineating filaments depicted at 5 values
of τ (in decreasing order of τ ).

Walls

We use τW to denote the value of Ψ above which a pixel is considered as part of a
wall. Figure 2.11 plots the normalised number of objects detected for each value of the
threshold, τW .

The threshold for defining walls is determined in the same way as for filaments. Note,
however, that the particles classified as lying in blobs and filaments have been removed in
previous cycles of the analysis so there is no longer a significant texture noise component.
As the threshold is varied there is a peak in the number of walls that are found. At
thresholds below this critical value the walls join up and percolate, eventually leaving
one vast percolating structure. At higher threshold values walls are eroded and eventually
destroyed. The dotted vertical line indicates the best value of τW
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Figure 2.11: Threshold determination for walls. The vertical axis corresponds to the number of
objects identified in the Object Mask. The selected value is shown as a dotted vertical line. The
object count to the right of the line declines due to erosion.

2.7 Areas of further development

The methodology we have presented is very simple, yet, as we shall see, it is highly
effective in differentiating the three main structural features that make up the cosmic
web. The following section will test the methodology against a sample with controlled
clustering: the Voronoi model, and present results for an N-Body simulation. Before
going on to that analysis it is worth making a few remarks about some details of our
procedure that might be enhanced. In appendix 2A we present the pseudo-code of the
MMF pipeline. This can be used as a template for other implementations.

Our use of isotropic Gaussian filters is perhaps the most important limiting f actor
in this analysis. The largest filter radius which is chosen is substantially smaller than
the lengths of the typical filaments. Only the shorter filaments will get isotropised and
they are “lost” since they make no contribution in the scalespace stack. Our algorithm
is indeed a long thin filament finder. The main side-effect of the Gaussian smoothing
is to make the profile (perpendicular to the filament) of the sharper (narrow) filaments
Gaussian. A narrow filament having high density contrast will, under linear Gaussian
smoothing, spill over into the large scales at a variety of thresholds and it will appear to
be fatter than it really is. This latter problem is a consequence of applying simple linear
filters: it is generally overcome within the scale space context by using nonlinear filters
or by using wavelets (Martı́nez et al., 2005; Saar et al., 2007).

Another area for improvement is to use the eigenvectors as well as the eigenvalues
themselves. Here we have simply relied on the relative magnitudes of the eigenvalues as
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indicators of curvature morphology. Had the eignevectors themselves been uncorrelated
we might have concluded that there was structure when in fact there was only noise: the
eigenvector correlations are good indicators of noise.

A third area for improvement would be to use anisotropic smoothing filters. This
leads us into another related approach to this problem: the use of nonlinear diffusion
equations to locate structural features. This will be the subject of another article later on.

2.8 Voronoi Clustering models

To test and calibrate the Multiscale Morphology Filter we have applied the MMF to a
set of four Voronoi Element Models. These models combine the spatial intricacies of
the cosmic web with the virtues of a model that has a priori known properties. They
are particularly suited for studying systematic properties of spatial galaxy distributions
confined to one or more structural elements of nontrivial geometric spatial patterns. The
Voronoi models offer flexible templates for cellular patterns, and they are easy to tune
towards a particular spatial cellular morphology. In the case of the Voronoi models we
have exact quantitative information on the location, geometry and identity of the spatial
components against which we compare the outcome of the MMF analysis.

2.8.1 Voronoi Models

Voronoi Clustering Models are a class of heuristic models for cellular distributions of
matter (van de Weygaert, 1991, 2002). They use the Voronoi tessellation as the skeleton
of the cosmic matter distribution, identifying the structural frame around which matter
will gradually assemble during the emergence of cosmic structure (Voronoi, 1908; Okabe
et al., 2000). The interior of Voronoi cells correspond to voids and the Voronoi planes
with sheets of galaxies. The edges delineating the rim of each wall are identified with the
filaments in the galaxy distribution. What is usually denoted as a flattened “supercluster”
will comprise an assembly of various connecting walls in the Voronoi foam, as elongated
“superclusters” of “filaments” will usually consist of a few coupled edges. The most
outstanding structural elements are the vertices, corresponding to the very dense compact
nodes within the cosmic web, rich clusters of galaxies.

A more detailed description of the model construction may be found in Appendix 2C.
We distinguish two different yet complementary approaches, Voronoi Element Models
and kinematic Voronoi models.

Simple Voronoi models confine their galaxy distributions to one of the distinct struc-
tural components of a Voronoi tessellation:

• Field
Particles located in the interior of Voronoi cells (and thus randomly distributed
across the entire model box)
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• Wall
Particles within and around the Voronoi walls.

• Filament
Particles within and around the Voronoi edges.

• Blobs
Particles within and around the Voronoi vertices.

Starting from a random initial distribution of N points, these galaxies are projected onto
the relevant wall, edge or vertex of the Voronoi cell in whose interior they are initially
located.

For our study we generated four different Voronoi clustering models, labelled as A,
B, C and D. They are all based upon a Voronoi tessellation generated by M = 53 nuclei
distributed within a box of size L = 100 h−1 Mpc. The models are composite Voronoi
Element Models and consist of the superposition of galaxies located in field, walls, edges
and vertices of a Voronoi tessellation. Our four test models contain N = 323 galaxies.
The fraction of galaxies in the various components is a key parameter of the model, and is
specified in table 2.2. In and around the walls, edges and vertices the galaxy distribution
follows a radial Gaussian density profile, with scale factors σW = 1.0 h−1 Mpc, σF = 1.0
h−1 Mpc and σB = 0.5 h−1 Mpc.

Model % blob % filament % wall % field

A 40 30 25 5
B 43 17 32 8
C 23 37 33 7
D 27 23 42 8

Table 2.2: Voronoi Clustering Models. Percentage of galaxies/points in the various morphological
elements of the model.

2.8.2 MMF Processing

A considerable virtue of the Voronoi clustering models is that it is a priori known which
galaxies reside in the various morphological components of the Voronoi test models. This
allows an evaluation of the absolute performance of the MMF and other morphology de-
tection techniques by determining the fraction of the galaxies which are correctly identi-
fied as vertex, filament and wall galaxy.
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For each Voronoi model we computed the DTFE density field from the particle distri-
bution and applied the MMF. Following our previously described scheme, we first identi-
fied the blobs from the complete particle distribution. After removal of the blob particles,
the filaments are found. Following the equivalent process for the filaments, the last step
of the MMF procedure concerns the identification of the wall particles. The remaining
particles are tagged as field particles.

Figure 2.12 shows the outcome of the MMF applied to Voronoi Model C. Visually,
the resemblance between real and MMF identified blob, filament and wall particles is
remarkably good. The second row of panels shows the real detections of MMF: MMF
clearly manages to identify all clusters, filaments and even the more tenuous walls in the
weblike galaxy distribution. The false detections do appear to have a somewhat broader
spatial distribution than those of the corresponding real detections. Most of them reside in
the boundary regions of the blobs, filaments and walls: they are mainly an artefact due to
the fact that the effective extent of the MMF morphology masks is slightly larger than the
intrinsic extent of the Voronoi components. Fine-tuning of the filter scales (see equation
2.1) is a potential solution for curing this artefact.

2.8.3 Detection rate and Contamination

The detection rate of blob, filament and walls galaxies is determined and defined as fol-
lows. The galaxies in an MMF blob, filament or wall Map Stack Ψ which are genuine
Voronoi cluster, filament or wall galaxies are tagged as real detections. A galaxy de-
tected by one of the three map stacks Ψb, Ψf or Ψw intrinsically belonging to another
morphological component is considered a false detection. For instance, a filament galaxy
detected by Ψb is a false blob galaxy.

The main tunable parameters for optimizing the number of detected galaxies are blob,
filament and wall threshold values, τb, τf and τw. By lowering the blob threshold level
τb, defined through a regular density threshold (see section 2.6), the number of MMF
detected blob galaxies increases. The same holds for adjusting the filament and wall
thresholds, in terms of the lowering of the Ψf and Ψw levels. The galaxies detected by
MMF include both real and false detections. As the threshold levels are adjusted the
number of both will tend to increase.

The detection rate at a given threshold level is the fraction of genuine blob, filament
or wall galaxies which have been detected by the MMF. Ideally one would want to trace
them all and have a 100% detection rate, in practice this is set by the the applied threshold.
Based upon the 1-1 relation between τb, τf and τw on the one hand and the corresponding
blob, filament and wall detection rate on the other we use the detection rate as threshold
parameter.

The ratio of the corresponding number of false blob galaxies to the total number of
genuine blob galaxies is the blob contamination rate rate. The filament and wall contam-
ination rate are defined in a similar way. Because a lowering of the threshold levels will
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Figure 2.12: Recovered particles in blobs, filaments and walls from a voronoi particle distribution.
Particles inside blobs are detected (left), at 90/15 percent real/false detections. From the new blob-
free distribution we detect particles in filaments (center) at 90/10 percent real/false detections.
Finally the blob-filament-free distribution is used to find the particles inside walls (right) at 80/10
percent real/false detections.”

result in a larger number of detections, both real and false, the contamination rate will
be an increasing function of the detection rate. Note that the contamination rate may
exceed 100% in the case the number of false detections exceeds that of the total number
of genuine (blob, filament or wall) galaxies.
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Figure 2.13: Real versus false detections for different voronoi models (see table 2.8.1) (A: solid,
B:dotted, C:dashed, D:dotted-dashed) for blobs (left), filaments (center) and walls (right). We ap-
plied the MMF (black) and simple density thresholding (gray) in order to compare both methods.

2.8.4 Comparison

We compare the MMF segmentation of the Voronoi models in blobs, filaments and walls
with that achieved by a more direct criterion, that of a straightforward density threshold
on the DTFE density field. We assign the label “DTC” to this näive procedure.

Each of the morphological elements are identified with a particular (disjunct) range
of density values. Blobs, ie. clusters, are identified with the highest density values.
Filaments are associated with more moderately high density values. Walls follow with
density values hovering around unity to a few, while the field/voids may include densities
down to a zero value. This approach has frequently been used to discriminate between
virialized haloes and the surrounding matter distribution, and has even been used in an
attempt to define filamentary or planar features (Dolag et al., 2006). However, it seriously
oversimplifies and distorts the perceived structure of the cosmic web. (This is presumably
because filaments and walls differ in density and have significant internal density struc-
ture. The simplistic density threshold approach does not reflect the reality of the structure:
the range of densities in filaments overlaps with densities in walls and even with those of
the outskirts of clusters. (Hahn et al., 2007b) reach similar conclusions.

2.8.5 Test results

Figure 2.13 compares the contamination rate as a function of the detection rate for the
four different Voronoi models. The A,B, C and D models are distinguished by means of
line style. The black lines relate to the MMF detections, the gray lines show the results
of the equivalent DTC procedure. We find the following:

• For all models, and for all morphologies, the MMF procedure is clearly superior to
the DTC detections in suffering significantly lower contamination rates.
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• The MMF contamination is least for the blob detections. The filament contamina-
tion is lower than the wall contamination for models with many intrinsic filament
galaxies (A and C). For models B and D, containing more wall galaxies, the situ-
ation is the reverse. The same holds true for the DTC detections, be it much more
pronounced and less favorable wrt. the MMF detections.

• The MMF and DTC blob contamination rate is more favorable for the A and B
models. Both models contain a relatively high fraction of blob galaxies.

• The DTC blob contaminations are surprisingly bad, given that clusters are compact
objects of high density with sharply defined boundaries.

• The filament contamination rate is worse for models B and D, both marked by a
relatively low amount of intrinsic filament galaxies. This is true for both DTC and
MMF.

• The DTC contamination is extremely bad for models B and D, quickly exceed-
ing 100%. This reflects the huge overlap in density range of filaments and other
morphologies resulting in a systematic inclusion of particles belonging to other
morphologies.

• For the MMF procedure there is a clear correlation between the intrinsic wall
galaxy fraction and the contamination rate: model D has the highest number of
wall galaxies and the lowest contamination. This is not true for DTC.

In summary, we find that MMF clearly performs much better in tracing blob, filament
and wall galaxies than a pure threshold criterion would allow. By comparing Voronoi
models A, B, C and D we find that MMF performs better for components which are rela-
tively more prominent. Because of the mixture in densities between blobs, filaments and
walls this is not necessarily true when using a simple density criterion. The latter involves
often excessive levels of contamination between galaxies in different morphological en-
tities. If anything, this is perhaps the strongest argument for the use of the shape and
morphology criteria enclosed in the MMF.

2.9 N-body simulations

The Large Scale Structure of the universe contains an intricate mixture of morphologies.
The boundaries separating each morphological component is rather ill-defined: clusters
of galaxies are interconnected by filaments which in turn define the edges of walls.

In order to explore the response of the MMF in this complex scenario we performed a
cosmological N-body simulation. We give here only a few preliminary results to illustrate
how the methodology works with a “real” matter distribution.
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Figure 2.14: MMF applied to N-body simulation. The top row shows a subsample (a) consisting
of 10 % of the total number of particles together with, in panels (b) and (c), the structures resulting
from simple density thresholding using two different thresholds. Panels (b) and (c) both contain
both spherical and elongated structures: there is a large amount of cross contamination between
morphologies. Simple density thresholding is not an effective morphological discriminator. The
second row shows the results of applying the MMF procedure showing clearly segregated (a)
blobs, (b) filaments and (c) walls (for clarity we display only the largest structures. The third row
shows the particles associated with the MMF defined structures.

The simulation represents a LCDM model with ΩΛ = 0.7, Ωm = 0.3, h = 0.73 in a
periodic box of side 150Mpc containing 2563 dark matter particles. We also run the same
simulation lowering the resolution to 1283 particles according to the prescription given
by Klypin et al. (2001) in order to assess the effect of mass resolution in the density field
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determination. For the scales studied here there is no significant difference between the
density fields computed from the two simulations since the mean interparticle separation
is small enough to resolve the intermedium-density structures (Schaap, 2007).

2.9.1 Results

Figure 2.14 shows the result of applying the MMF to this simulation. The multiscale
nature of the MMF is clearly seen in figure 2.14c which shows blobs of different sizes
containing similar sized clusters of points (Figure2.14g). In the case of filaments and
walls (see Figure2.14e and 2.14f) the multiscale nature of the MMF is less so obvious,
however it is nonetheless there. It is clear from figure 2.14 that even though the LSS
presents a great challenge it can successfully recover each morphological component at
its characteristic scale.

Filaments

In figure 2.15 we show the pixels that belong to the filaments defined at various scales
of the scale space. The top left panel of figure 2.15 shows a histogram of the number
of pixels contained in the filaments seen at smoothing scales from 1 − 4h−1 Mpc. As
expected the number of pixels rises rapidly with smoothing scale (the filaments are fatter
on larger scales and so encompass greater volume). The other three panels show the pixels
contained in filaments, seen in a slice of the N-body simulation at different resolutions.

When these are stacked, application of equation (2.15) determines whether a given
pixel is a part of a filament. The process yields the filamentary map of figure 2.14

2.10 Conclusions and comments

MMF, our simple embodiment of Hessian-based scale space analysis of large scale cos-
mic structure, is remarkably successful in delineating the different structures that make up
the cosmic web. Since the morphology filters give us a direct measurement of blobness,
filamentariness or wallness they can be used to characterize and quantify, in a systematic
way, the large scale matter distribution. The technique has been tested using N-Body and
Voronoi models.

2.10.1 Void finding

It should be emphasized that MMF is not a void finder except insofar as anything that
is not in a blob, filament of wall might be deemed to be in a void region. In that case
MMF would be a suitable tool for finding so-called “void galaxies” without being able
to identify the host void. Void finding per se is almost certainly best achieved via the
Watershed (WVF) method (Platen, E. & van de Weygaert, R., 2007).
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Figure 2.15: Filamentary structures in a slice of an N-body model. The grayscale images show
the MMF detection of filamentary features on various filtering scales. Top lefthand: the filament
volume occupancy (number of sample grid cells with a filament signal) as a function of smoothing
scale.

2.10.2 Enhancements

There are many areas where the MMF treatment could be enhanced and some of these
will be presented in future papers. We summarize a few issues here in order to place the
present work in a more general perspective.

• The definition of the intensity component of the morphology filter could be im-
proved by including other local propeties such as gradient, direction of eigenvec-
tors, connectivity, etc.

• The Gaussian kernel is not the only possibility for producing the scale-space repre-
sentation: alternative kernels may improve the performance of the MMF. One side
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effect of using a simple Gaussian filter is that high peaks in high density filaments
are detected always at larger scales even when their density profile is relatively
narrow (the “filter smearing” we referred to earlier).

• Our implementation of the Multiscale Morphology Filters is grid-based and that
required a resampling of the original point distribution data. It is possible to derive
a similar set of filters using particle-based measures for the local distribution of
matter (e.g.: inertia tensor analysis), defining window functions and scale normal-
izations in a multiscale context.

With respect to the above we would also like to refer to section 2.7.

2.10.3 Applications

The ability to accurately identify arbitrarily shaped structures allows the possibility of
seeking correlations within the structures that might otherwise be masked by other meth-
ods. Already, the method has been used to identify previoulsy unknown systemic proper-
ties in the alignment of haloes with the parent structures (Aragón-Calvo et al., 2007).

The technique has been illustrated in terms of spatial point data since that is relatively
unambiguous. However, the MMF technique we have described is a quite general tech-
nique for scale-free feature finding: it only needs a mathematical prescription of what
is being looked for, which in general may not be so easy! Bearing that in mind, the
following is a list of possible application areas.

The technique can readily be extended to analysis of velocity data of various kinds
such as Fingers Of God in cosmological redshift surveys, analysis of dynamical phase
spaces, feature detection in solar images, morphological characterization of structure in
spiral arms, feature detection in radio datacubes, etc. Finding clusters and their substruc-
tures using MMF would provide an important alternative to HOP. Finding small, low
surface brightness, galaxies in noisy neutral hydrogen surveys would be another useful
application.

We would like to thank Pablo Araya for providing the N-body simulations and Erwin
Platen for useful discussions.
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2A Pseudo code

The complete analysis cycle that comprises the MMF can be expressed in pseudo-code.
In this form of pseudo-code, keywords (which correspond to class methods in object
oriented programming) are in boldface.

The nature of the hierarchy is such that we have first to identify blobs, remove them
from the sample, then identify filaments, and after removing them from the sample finally
identify the walls. This arises because data points in blobs are defined by having three
significant eigenvalues, data points in filaments are defined by having two significant
eigenvalues, and data points in walls have only one significant eigenvalue. Identifying a
filament before eliminating blobs would not work since the blobs would be more strongly
detected.

get PointSet

set Feature = Blobs

: Map_Feature

resample PointSet to Mesh using DTFE

construct ScaleSpace Hierarchy

for each Level in ScaleSpace

{
build Hessian Eigenvalue Maps

build using Eigenvalue Criteria for Feature

{
Morphology Mask, E
Feature Shape Fidelity, S
Morphology Response Filter, M(S)

Feature Intensity Map, I
}

generate
{
Morphology Filter, T = I ⊗ M
Feature Map, F = E ⊗ T
}

}

stack ScaleSpace Feature Maps, Ψ =
U

F
threshold Feature Maps using Feature Threshold Method
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in thresholded regions

{
identify Points

publish Points

remove Points from PointSet

}

if Feature = Blobs

set Feature = Filaments

else if Feature = Filaments

set Feature = Walls

else
quit

goto Map_Feature

2B The DTFE general reconstruction procedure

For a detailed specification of the DTFE density field procedure we refer to Schaap
(2007). In summary, the DTFE procedure for density field reconstruction from a discrete
set of points consists of the following steps:

• Point sample
Given that the point sample is supposed to represent an unbiased reflection of the
underlying density field, it needs to be a general Poisson process of the (supposed)
underlying density field.

• Boundary Conditions
The boundary conditions will determine the Delaunay and Voronoi cells that over-
lap the boundary of the sample volume. Dependent on the sample at hand, a variety
of options exists:

+ Empty boundary conditions:
outside the sample volume there are no points.

+ Periodic boundary conditions:
the point sample is supposed to be repeated periodically in boundary boxes,
defining a toroidal topology for the sample volume.

+ Buffered boundary conditions:
the sample volume box is surrounded by a bufferzone filled with a synthetic
point sample.
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• Delaunay Tessellation
Construction of the Delaunay tessellation from the point sample. While we also
still use the Voronoi-Delaunay code of van de Weygaert (1991) and van de Wey-
gaert (1994), at present there is a number of efficient library routines available.
Particularly noteworthy is the cgal initiative, a large library of computational ge-
ometry routines3

• Field values point sample
The estimate of the density at each sample point is the normalized inverse of the
volume of its contiguous Voronoi cell Wi of each point i. The contiguous Voronoi
cell of a point i is the union of all Delaunay tetrahedra of which point i forms one
of the four vertices. We recognize two applicable situations:

− uniform sampling process:
the point sample is an unbiased sample of the underlying density field. Typi-
cal example is that of N -body simulation particles. For D-dimensional space
the density estimate is,

ρ̂(xi) = (1 +D)
wi

V (Wi)
. (2.16)

with wi the weight of sample point i, usually we assume the same “mass” for
each point.

− systematic non-uniform sampling process:
sampling density according to specified selection process. The non-uniform
sampling process is quantified by an a priori known selection function ψ(x).
This situation is typical for galaxy surveys, ψ(x) may encapsulate differences
in sampling density ψ(α, δ) as function of sky position (α, δ), as well as the
radial redshift selection function ψ(r) for magnitude- or flux-limited surveys.
For D-dimensional space the density estimate is ,

ρ̂(xi) = (1 +D)
wi

ψ(xi)V (Wi)
. (2.17)

• Field Gradient
Calculation of the field gradient estimate ∇̂f |m in each D-dimensional Delaunay
simplexm (D = 3: tetrahedron; D = 2: triangle) by solving the set of linear equa-
tions for the field values fi at the positions ri of the (D + 1) tetrahedron vertices,

3cgal is a C++ library of algorithms and data structures for Computational Geometry, see
www.cgal.org.
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∇̂f |m ⇐=

⎧⎪⎪⎨⎪⎪⎩
f0 f1 f2 f3

r0 r1 r2 r3

(2.18)

Evidently, linear interpolation for a field f is only meaningful when the field does
not fluctuate strongly.

• Interpolation.
The final basic step of the DTFE procedure is the field interpolation. The process-
ing and postprocessing steps involve numerous interpolation calculations, for each
of the involved locations x. Given a location x, the Delaunay tetrahedron m in
which it is embedded is determined. On the basis of the field gradient ∇̂f |m the
field value is computed by (linear) interpolation,

f̂(x) = f̂(xi) + ∇̂f
∣∣
m
· (x − xi) . (2.19)

In principle, higher-order interpolation procedures are also possible. Two relevant
procedures are:

− Spline Interpolation

− Natural Neighbour Interpolation

For NN-interpolation see Watson (1992); Braun & Sambridge (1995); Sukumar
(1999) and Okabe et al. (2000). Implementation of Natural neighbour interpola-
tions is presently in progress.

• Processing.
Though basically of the same character, for practical purposes we make a distinc-
tion between straightforward processing steps concerning the production of im-
ages and simple smoothing filtering operations and more complex postprocessing.
The latter are treated in the next item. Basic to the processing steps is the deter-
mination of field values following the interpolation procedure(s) outlined above.
Straightforward “first line” field operations are Image reconstruction and Smooth-
ing/Filtering.

+ Image reconstruction.
For a set of image points, usually grid points, determine the image value. for-
mally the average field value within the corresponding gridcell. In practice a
few different strategies may be followed
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- Formal geometric approach

- Monte Carlo approach

- Singular interpolation approach

The choice of strategy is mainly dictated by accuracy requirements. For WVF
we use the Monte Carlo approach in which the grid density value is the aver-
age of the DTFE field values at a number of randomly sampled points within
the grid cell.

+ Smoothing and Filtering:
A range of filtering operations is conceivable. Two of relevance to WVF are:

- Linear filtering of the field f̂
Convolution of the field f̂ with a filter
function Ws(x,y), usually user-specified,

fs(x) =
∫

f̂(x′)Ws(x′,y) dx′ (2.20)

- Natural Neighbour Rank-Ordered filtering
Platen et al., 2007.

• Post-processing.
The real potential of DTFE fields may be found in sophisticated applications, tuned
towards uncovering characteristics of the reconstructed fields. An important aspect
of this involves the analysis of structures in the density field. The MMF formalism
developed in this study is an obvious example.

2C Voronoi clustering models

Voronoi Clustering Models are a class of heuristic models for cellular distributions of
matter (van de Weygaert, R., 1991, 2007). They use the Voronoi tessellation as the
skeleton of the cosmic matter distribution, identifying the structural frame around which
matter will gradually assemble during the emergence of cosmic structure. The interior
of Voronoi cells correspond to voids and the Voronoi planes with sheets of galaxies.
The edges delineating the rim of each wall are identified with the filaments in the galaxy
distribution. What is usually denoted as a flattened “supercluster” will comprise an as-
sembly of various connecting walls in the Voronoi foam, as elongated “superclusters” of
“filaments” will usually consist of a few coupled edges. The most outstanding structural
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Figure 2.16: Three different patterns of Voronoi element galaxy distributions, shown in a 3-D
cubic setting. The depicted spatial distributions correspond to a wall-dominated Voronoi Universe
(top), a filamentary Voronoi Universe (centre) and a cluster-dominated Voronoi Universe (bottom).

elements are the vertices, corresponding to the very dense compact nodes within the
cosmic web, rich clusters of galaxies.

We distinguish two different yet complementary approaches (see van de Weygaert,
R., 2007). One is the fully heuristic approach of “Voronoi Element models”. They
are particularly apt for studying systematic properties of spatial galaxy distributions con-
fined to one or more structural elements of nontrivial geometric spatial patterns. The
second, supplementary, approach is that of the Voronoi Evolution models or Voronoi
Kinematic models, which attempt to “simulate” weblike galaxy distributions on the basis
of simplified models of the evolution of the Megaparsec scale distribution. The Voronoi
clustering models offer flexible templates for cellular patterns, and they are easy to tune
towards a particular spatial cellular morphology. To investigate the performance of MMF
we use composite Voronoi Element Models, tailor-made heuristic “galaxy” distributions
composed of a superposition of particle distributions in and around the walls, edges and
vertices of the Voronoi skeleton. A complete composite particle distribution includes
particles located in four distinct structural components:

• Field
Particles located in the interior of Voronoi cells (and thus randomly distributed
across the entire model box).

• Wall
Particles within and around the Voronoi walls.

• Filament
Particles within and around the Voronoi edges.

• Blobs
Particles within and around the Voronoi vertices.
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For each of these four distinct distributions the model galaxies are projected onto the rel-
evant Voronoi wall, Voronoi edge or Voronoi vertex or retained within the interior of the
Voronoi cell in which they are located. Characteristic examples of simple Voronoi Ele-
ment galaxy distributions are the ones shown in the boxes in Fig. 2.16. The depicted dis-
tributions concern a wall-dominated Voronoi Universe (lefthand), a filamentary Voronoi
Universe (centre) and a cluster-dominated Voronoi Universe (righthand).

In the case of composite models the fraction of field galaxies Xc, wall galaxies Xw,
filaments galaxies Xf and blob galaxies Xb, with the constraint Xc +Xw +Xf +Xb =
100, is a key input parameter of the model.

2.10.4 Initial Conditions

The initial conditions for the Voronoi galaxy distribution are:

• Distribution of M nuclei, expansion centres, within the simulation volume V . The
location of nucleus m is ym.

• Generate N model galaxies whose initial locations, xn0 (n = 1, . . . , N), are ran-
domly distributed throughout the sample volume V .

• Of each model galaxy n determine the Voronoi cell Vα in which it is located, ie.
determine the closest nucleus jα.

All different Voronoi models are based upon the displacement of a sample of N “model
galaxies”. The initial spatial distribution of theseN galaxies within the sample volume V
is purely random, their initial locations xn0 (n = 1, . . . , N) defined by a homogeneous
Poisson process. A set of M nuclei within the volume V corresponds to the cell centres,
or expansion centres driving the evolving matter distribution. The nuclei have locations
ym (m = 1, . . . ,M).

Following the specification of the initial positions of all galaxies, the second stage of
the procedure consists of the calculation of the complete Voronoi track for each galaxy
n = 1, . . . , N (sec. 2.10.5) towards its wall, filament or vertex, or its location within a
cell when it is a field galaxy. .

Simple Voronoi Element Models place all model galaxies in either walls, edges or ver-
tices. The versatility of the model also allows combinations of element models, in which
field (cell), wall, filament and vertex distributions are superimposed. The characteristics
of the patterns and spatial distribution in these Mixed Voronoi Element Models can be
varied and tuned according to the fractions of wall galaxies, filament galaxies, vertex and
field galaxies.

2.10.5 Voronoi Tracks

The first step of the formalism is the determination for each galaxy n the Voronoi cell Vα

in which it is initially located, ie. finding the nucleus jα which is closest to the galaxies’
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Figure 2.17: Schematic illustration of the galaxy projections in the Voronoi clustering model. See
text.

initial position xn0.
In the second step the galaxy n is moved from its initial position xn0, towards its final

destination in a wall, filament or vertex (see fig. 2.17). The first section of the galaxy
displacement is the radial path along the direction defined by the galaxies’ initial location
wrt. its expansion centre jα. This direction is defined by the unity vector ênα.

If the galaxy is a field galaxy it remains at its original location. If it is a wall galaxy
it is projected along direction ênα onto the Voronoi wall Σαβ with which the radial path
first intersects. Filament galaxies are moved along the wall to the location where the
path intersects Λαβγ . Finally, if it is cluster galaxy the galaxies’ path is continued along
the edge Λαβγ until it reaches its final destination, vertex Ξαβγδ. The identity of the
neighbouring nuclei jα, jβ , jγ and jδ, and therefore the identity of the cell Vα, the wall
Σαβ , the edge Λαβγ and the vertex Ξαβγδ, depends on the initial location xn0 of the
galaxy, the position yα of its closest nucleus and the definition of the galaxies’ path
within the Voronoi skeleton.

In summary, the path x
¯n is codified by

xn = yα + snα + snαβ + snαβγ

(2.21)

= yα + snαênα + snαβ ênαβ + snαβγ ênαβγ

in which the four different components follow the directions defined by:

• ênα:
unity vector of path within Voronoi cell Vα
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• ênαβ :
unity vector of path within Voronoi wall Σαβ

• ênαβγ :
unity vector of path along Voronoi edge Λαβγ

• Vertex Ξαβγδ

The cosmic matter distribution is obtained by calculating the individual displacement
factors (snα, snαβ , snαβγ) for each model galaxy, corresponding to their location within
either wall, filament or vertex. In the Voronoi Element models all galaxies are directly
projected onto wall, edge or vertex following the path depicted in fig. 2.17. The corre-
sponding displacement factors in eqn. 2.22 for a wall, filament or cluster galaxy are

Walls (snα, snαβ , snαβγ) = (υn, 0, 0)

Filaments (snα, snαβ , snαβγ) = (υn, σn, 0) (2.22)

Clusters (snα, snαβ , snαβγ) = (υn, σn, λn)

where the values of the parameters υn, σn and λn characterize the crossing of the galax-
ies’ path with the wall, edge or vertex towards which it moves.

A finite thickness is assigned to all Voronoi structural elements. The walls, filaments
and vertices are assumed to have a Gaussian radial density distribution specified by the
widthsRW of the walls,RF of the filaments andRV of the vertices. Voronoi wall galaxies
are displaced according to the specified Gaussian density profile in the direction perpen-
dicular to their wall. A similar procedure is followed for the Voronoi filament galaxies
and the Voronoi vertex galaxies. As a result the vertices stand out as three-dimensional
Gaussian peaks.





To be submitted as: M. A. Aragón-Calvo, R. van de Weygaert, Bernard J. T. Jones and J. H. van der Hulst
– “Multiscale Morphology Analysis of the Cosmic Web,” A&A 2007.

Chapter 3
Multiscale Morphology Analysis of the Cosmic Web

Nothing is yet in its true form.

C. S. Lewis

Abstract

We study several properties of the distinctive morphologies that comprise the Cos-
mic Web, namely clusters, filaments and walls. Our results are based on the output
from a cosmological N-body computer simulation. The morphological segmenta-
tion was performed with a novel technique: the Multiscale Morphology Filter. Our
results can be summarized as follows: i).- We found that while all morphologies
occupy a roughly well defined range in density, this alone is not sufficient to differ-
entiate between them given their overlap. More important, environment defined only
in terms of density fails in incorporate the intrinsic dynamics of each morphology
which may play an important role in both linear and non linear interactions between
haloes. ii).- We compute the relative volume occupied by clusters, filaments, walls
and the field as well as their respective mass content. iii).- Massive clusters have on
average more filaments connected respect to less massive ones. Clusters with a mass
of ∼ 1014 h−1 M� have on average two connecting filaments while clusters with
mass of ∼ 1015 h−1 M� have on average five connecting filaments. iv).- Density
profiles indicate that the typical width of filaments is 2 h−1 Mpc. Walls have less
well defined boundaries with widths between 5-8 h−1 Mpc. v).- We compared the
estimated linear density of filaments derived by Eisenstein et al. (1997) with the true
linear density of a sample of filaments. Our results indicate that the transverse ve-
locity dispersion in filaments is well correlated with their linear density supporting
the idea of a transverse virialization inside filaments.
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3.1 Introduction

The Megaparsec matter distribution in the Universe defines a complex dynamical sys-
tem. It is shaped by the anisotropic gravitational collapse of matter, modulated by

the overall expansion of the Universe. Gravity naturally gives rise to structures of great
complexity. Early attempts to map the large scale distribution of galaxies in the universe
(Gregory & Thompson, 1978; Geller & Huchra, 1989; de Lapparent et al., 1991; Shect-
man et al., 1996) revealed that galaxies are far from being evenly distributed across the
sky. On the contrary, the mass distribution delineated by galaxies seems to form an intri-
cate network of compact and dense associations interconnected by tenuous “bridges” or
“filaments” surrounded by surprisingly vast empty regions (Kirshner et al., 1981). These
preliminary studies suggested that the universe on the large scales could be described as
a cellular system (Joeveer & Einasto, 1978) or a Cosmic Web (Bond et al., 1996). This
has been confirmed in recent times by large galaxy surveys like the 2dF (Colless et al.,
2001), and the Sloan Digital Sky Survey (York et al., 2000). The advent of such large
maps unveiled a universe of great richness and complexity, featuring intricate filamentary
structures. These structures can be seen on scales from a few megaparsecs to immense
elongated and semi-planar patterns of tens and even hundreds of megaparsecs wide such
as the Sloan Wall, the largest known structure, spanning across more than 400 Mpc h−1

(Diaferio & Geller, 1997; Tittley & Henriksen, 2001; Stevens et al., 2004; Ebeling et al.,
2004; Pimbblet & Drinkwater, 2004; Pimbblet et al., 2004; Bharadwaj & Pandey, 2004;
Pimbblet et al., 2005; Geller & Huchra, 1989; Gott et al., 2005). Similar structures have
also been discovered in high redshift surveys (Cohen et al., 1996). Large cosmological
computer simulations have successfully reproduced such complexity of patterns (Efs-
tathiou, 1996; Jenkins et al., 1998; Evrard et al., 2002; Springel et al., 2005). They makes
us confident of our general understanding of development of structure. At the same time
feeding our curiosity by posing new challenges, in particular concerning the characteriza-
tion of the observed patterns in the large scale matter distribution, readily seen in galaxy
surveys and computer simulations but until now extremely difficult to asses in an objec-
tive way.

3.1.1 Anisotropic gravitational collapse

In the current paradigm structure formation is driven by the gravitational collapse of pri-
mordial clouds of matter in an expanding universe (Peebles, 1980; Bardeen et al., 1986).
Any small departure from sphericity will be amplified by gravity producing a runaway
process (Icke, 1973).

Hierarchical collapse

A characteristic signature of the formation of structures by gravitational instability is the
anisotropic nature of the collapse and its hierarchical character (Zel’Dovich, 1970; Icke,
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1973; Bond & Myers, 1996a; van de Weygaert, 2002). This is, the gravitational collapse is
not restricted to one single scale. It is a hierarchical process. The dominance of one scale
over the other is determined by the power spectrum of the fluctuation field. Scenarios
with a power spectrum P (k) ∝ kn where n > −3 result in a hierarchy of structures. In
the Cold Dark Matter scenario clumps of matter collapse under the action of gravity and
aggregate into larger systems which eventually also merge to form even larger structures.

The Zel’dovich approximation

As a first-order approximation we can describe the anisotropic collapse of a clump of
matter using a first-order Lagrangian prescription introduced by Zel’Dovich (1970). The
Zel’dovich approximation states that the trajectory of a particle may be described as a
ballistic displacement,

x = q −D+(t); ∇Ψ(q) (3.1)

where q and x are the Lagrangian and Eulerian coordinates respectively, Ψ(q) is the
perturbation potential and D+(t) is the linear density growth factor

D(t) ∝ H

∫ a

0

da

a3H3
. (3.2)

Applying a simple mass conservation relation ρd3q = ρ(x)d3x gives:

ρ(x) =
ρ

[1 −D+(t)λ1(q)] [1 −D+(t)λ2(q)] [1 −D+(t)λ3(q)]
(3.3)

where λ1, λ2, λ3 are the eigenvalues 1 of the deformation tensor,

ψij =
∂2Ψ
∂qi∂qj

. (3.4)

The eigenvalues of the deformation tensor determine the collapse of objects in Eulerian
space. In order for an object to collapse at least one of the eigenvalues must be positive,
so that the density ρ(x) diverges as D+ increases. We can differentiate between the final
collapse of objects in three general cases:

• Wall: λ1 > 0, λ2 < 0, λ3 < 0.

• Filament: λ1 > 0, λ2 > 0, λ3 < 0.

• Cluster: λ1 > 0, λ2 > 0, λ3 > 0.

1These eigenvalues correspond to the linear extrapolated potential field. They are different to the eigen-
values of the Hessian matrix computed from the density field used in the MMF.
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The Zeldovich approximation predicts the sequential collapse of a clump of mat-
ter first along the direction of λ1 producing a flat pancake, which subsequently col-
lapses again into an elongated filamentary shape to finally produce a spherical Cluster
(Doroshkevich, 1970; Icke, 1973; White & Silk, 1979; Arnold et al., 1982; Melott, 1983;
Shapiro et al., 1983; Bardeen et al., 1986; Shandarin & Zeldovich, 1989; Shandarin et al.,
1995; Pauls & Melott, 1995). This suggest a simple model for characterizing the cosmic
web in terms of three basic morphologies: two dimensional ”walls”, elongated ”fila-
ments” and compact spherical clusters. From the above discussion we can see that the
distinct morphologies present in the Cosmic Web can be identified with specific evolu-
tionary stages of the gravitational collapse. In other words, one can define a sequence of
morphologies each one associated to a well defined dynamical stage of the gravitational
collapse following the order:

walls → filaments → clusters.

Each of these morphologies define a unique cosmic environment that determines local
dynamical as well as gravitational interactions.

3.1.2 The Cosmic Web

The description of the Megaparsec matter distribution as an interconnected network or
a cosmic web is not a coincidence. While the Zel’dovich approximation describes the
collapse of a clump of matter it does not provide an explicit explanation for the observed
connectivity between morphologies. Early computer simulations already indicated the
close connection between each morphological component, namely that clusters sit at the
intersection of filaments and filaments are formed at the intersection of walls (Doroshke-
vich et al., 1980; Melott, 1983; Pauls & Melott, 1995; Shapiro et al., 1983; Sathyaprakash
et al., 1996). In order to understand the formation of structures of cosmological scales
and their close interrelation we must also take into account the influence from the global
distribution of matter.

Bond et al. (1996) introduced the “Cosmic Web” theory which describes the close re-
lation between the peaks in the density field and the overall weblike network: knowledge
of the tidal field at a few relevant locations in a region provides all the information needed
to predict the resulting large scale matter configuration. In the primordial density field
this can be traced back to a simple configuration consisting of a ”global ”quadrupolar
term and the resulting local tidal shear. Such quadrupolar term will yield invariably the
cluster-filament-cluster configuration which forms the structural base of the Cosmic Web.
In this construction the clusters sit at the nodes of the network and matter flows through
the filamentary bridges. This may be directly appreciated by assessing the density field
configuration implied by a certain tidal shear pattern (van de Weygaert & Bertschinger,
1996),
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Tij(r, t) =
3ΩH2

8π

∫
dr′ δ(r′, t)

{
3(r′i − ri)(r′j − rj) − |r′ − r|2 δij

|r′ − r|5

}
−

− 1
2
ΩH2 δ(r, t) δij . (3.5)

We can see that any local value of Tij has global repercussions for the generating density
field. This establish the close link between global and local properties such as the value
of the density field and the Megaparsec matter configuration. The Cosmic Web theory
provides a natural explanation for the emergence of the filamentary network as well as
the relation between the morphological components of the Cosmic Web.

3.1.3 Motivation and work plan

While great effort has been given in the past to describe the structural components of
the cosmic web, many questions still remain. To date there is no self-consistent frame-
work presenting a general view of the cosmic web, its structural components and their
intrinsic dynamics. Quantities as basic and general as the amount of mass and volume
content in clusters, filaments, walls and voids are still largely unclear. Some properties of
the filamentary network such as their internal structure and dynamics, evolution in time,
and connectivity properties, remain unclear or are difficult to compare between different
authors since there is a lack of a common framework to objectively define filaments and
walls.

The present study addresses the Cosmic Web in terms of its basic morphologies –
clusters, filaments and walls – identified on the basis of the Multiscale Morphology Fil-
ter (MMF). The MMF assigns a morphology of the local density field in terms of its
multiscale local second order variations. It allows us to identify and isolate specific mor-
phologies in an objective way providing us with a self-consistent framework. We will
focus mainly on filaments given the fact that they are the most prominent components
of the cosmic web and largely delineates its outline. Walls are far less prominent, more
tenuous and highly complex. We will therefore pay less attention to them. In some cases
we will also include clusters and voids in our analysis but always in the context of the
filament-wall network. This chapter does not seek to provide a comprehensive list of
properties of the morphologies in the cosmic web. This would require substantially more
time and resources. Instead, this work presents a general view of the cosmic web from
the point of view of their morphological components and introduces some of the tools
necessary for their characterization. Some of our results confirm previous findings while
many others have not been presented before.

This chapter is organized as follows: In section 2 we describe the cosmological sim-
ulation on which this work is based. Section 3 describes the resampling of the discrete
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particle set into a regular grid using the DTFE. Section 4 briefly describes the steps fol-
lowed in the morphological characterization of the Cosmic Web using the MMF. Sections
5 and 6 give an inventory of the cosmic web in terms of mass, volume and density. Sec-
tion 7 is perhaps the most general and broad in its goals. We introduce the tools necessary
for the description of filaments and walls and proceed to describe the filamentary network
and some of its global properties such as mass function, length distribution, density pro-
files, etc. Section 8 addresses the infall of matter in filaments and walls. In section 9 we
compare density estimations of filaments with actual measures in order to test the validity
of theoretical predictions. Our main results are summarized in section 10.

3.2 N-body simulations and halo catalogues

The work presented here is based on a cosmological N-body simulation containing only
dark matter particles. The simulation follows the evolution in time of a set of particles
“tracing” the underlying density field from a given set of initial conditions until present
time. We adopted the concordance ΛCDM cosmological model Ωm = 0.3, ΩΛ = 0.7,
h = 0.7 and σ8 = 1.0. Its size (150 h−1 Mpc) makes it suitable to study large structures
comparable to those seen in present galaxy surveys (Geller & Huchra, 1989; Gott et al.,
2005). The large number of particles (5123) allows us to achieve a mass resolution of
2 × 1010 h−1 M� per particle. The mass resolution and simulation box were chosen as
a compromise (given the computational resources available) between a box large enough
to contain a significant amount of large structures and at the same time the ability to
resolve haloes down to a few times 1011 h−1 M�. The simulation was performed using
the public version of the parallel Tree-PM code Gadget2 (Springel, 2005), running on
8 double processor nodes on the Linux cluster at the University of Groningen. Initial
conditions at redshift z = 50 with 5123 dark matter particles were generated using the
transfer function given by Bardeen et al. (1986):

TCDM =
ln (1 + 2.34q)

2.34q
(
1 + 3.89q + (16.1q)2 + (5.46q)3 + (6.71q)4

)−1/4
, (3.6)

where q ≡ k/Γ h Mpc−1 and Γ = Ω0h exp (−Ωb(1 +
√

2h/Ω0)) is the shape parameter
given by Sugiyama (1995).

The N-body data

We stored 20 snapshots starting at redshift 9 in logarithmic intervals of the expansion
factor until the present time. Additionally we generated 2563 and 1283 versions following
the averaging prescription described in (Klypin et al., 2001). These lower resolution
simulations were used to compute the density fields and to get a preliminary impression
of the structures present in the simulation box (See table 3.2).
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Figure 3.1: Particles in a slice of 10 h−1 Mpc along the z-axis (Top left). The middle panels show
particles from the 1283 and 2563 simulations (left and right respectively) in the zoomed region
indicated in the top left panel. The lower panels show the haloes identified with HOP (left) and
FracHOP (right). The circles are located at the center of mass of the haloes. The radius of the
circles are scaled with the mass of the halo as r ∝M1/3.

• The low resolution version (npart = 1283) was used to compute some properties of
filaments such as linear density and for visualization purposes. The resolution per
particle of this simulation allows us to resolve the main features of the large scale
distribution and at the same time is sparse enough to allow a clear visualization of
the particles (see figure 3.1). This is the simulation we use when (in the following
sections) we refer to dark matter particles, unless we state something different.

• The medium resolution (npart = 2563) was used to compute density fields taking
full advantage of the spatial information with the computing resources available.

• The high resolution version (npart = 5123) was used to produce the HOP and
FracHOP halo catalogues.
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Name Box size Ωm ΩΛ h σ8 Npart Mpart Softening
150High 150 h−1 Mpc 0.3 0.7 0.7 1 5123 2.09 × 109 18/6 h−1 kpc
150Med 150 h−1 Mpc 0.3 0.7 0.7 1 2563 1.67 × 1010 36/12 h−1 kpc
150Low 150 h−1 Mpc 0.3 0.7 0.7 1 1283 1.34 × 1011 72/24 h−1 kpc

Table 3.1: Parameters of the N-body simulation used in this work.

Figure 3.1 shows the distribution of particles in the 1283 and 2563 simulations as well as
the distribution of HOP and FracHop haloes plotted on top of the density field. Both HOP
and FracHOP haloes closely follow the patterns of the Cosmic Web. The only difference
between the two is that a given HOP halo can be formed by several FracHOP haloes.
The distribution of haloes delineates the Cosmic Web in a more sparse and smooth way
compared to the particles. Figure 3.1 indicates that haloes can be used as fair tracers of
the large scale matter distribution.

3.3 The density field

The output of the N-body simulation consist of a discrete set of particles. This must
be translated into a continuum volume-filling density field sampled in a regular three
dimensional grid. We used the Delaunay Tessellation Field Estimator (DTFE) introduced
by Schaap & van de Weygaert (2000) in order to reconstruct the underlying density field
sampled by the particles. The DTFE method has several important characteristics that
makes it suitable for its use with the MMF:

• Its self-adaptive nature makes it the perfect choice for a multi-resolution analysis
of the large scale matter distribution.

• The Delaunay tessellation follows the intrinsic anisotropies of the density field,
accurately describing the intricate patterns present in the cosmic web.

• It does not introduce artificial features.

Figure 3.2 shows a slice of 25 h−1 Mpc along the z axis of the simulation box. The top
right panel shows the particle distribution and the top left panel shows the corresponding
density field. A zoomed region is shown in the bottom panel. The density field recon-
structed from the DTFE provides with a representation of the structures in the particle
distribution. Highly dense clumps of matter are well represented as well as the tenuous
voids. Note the absence of artificial blobs in the inner regions of the voids. Also the grid
seen in the particle distribution is not present in the DTFE density field.
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Figure 3.2: Particles in a slice of 25 h−1 Mpc along the z axis (top left) and its corresponding
DTFE density field (top right) shown in logarithmic scale. The bottom panel shows the zoomed
region indicated in the top-right corner of the top-right panel.

3.4 Morphological Segmentation of the Cosmic Web

In this section we briefly summarize the steps involved in the morphological segmentation
of the cosmic web obtained from the N-body cosmological simulation. A detailed expla-
nation is given in chapter 1 where we describe the steps that define the MMF method.

The density field is the starting point of the morphological segmentation. The order of
the segmentation is determined by the decreasing degrees of freedom in the eigenvalues
of the Hessian matrix describing each morphology (see chapter 2, section 6) following
the sequence clusters → filaments → walls.
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Figure 3.3: Top: surfaces enclosing regions of space identified as clusters, filaments and walls in
the simulation box (left, middle and right panels). Bottom: the particles enclosed by the surfaces
in the top panels. Only the largest objects are shown for clarity.

3.4.1 Clusters

Figure 3.3 shows surfaces enclosing the largest clusters, filaments and walls identified
with the MMF and the enclosed particles. Each morphology is well differentiated and
occupies, by construction, mutually exclusive regions. The ability of the MMF to identify
the features of the matter distribution at different scales is suggested in the variety of sizes
of blobs in figure 3.3. A more detailed view is presented in figure 3.4 where we show:

A) The particle distribution.

B) Surfaces defining clusters identified with the MMF.

C) Particles identified inside MMF clusters.

D) HOP haloes corresponding to the MMF clusters.

The size of the objects seen in the particle distribution as well as the HOP haloes is related
to the size of the clusters identified with the MMF. The match is not perfect expected due
to the intrinsic differences between HOP and the MMF. This is illustrated in figure 3.5
where we show a comparison between the radius and mass of clusters identified with
HOP and the MMF. We computed the radius of HOP clusters as the maximum distance
from the center of mass to all particles. The radius of MMF clusters was computed as
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Figure 3.4: A).- All particles inside a sub-box of the simulation. B).- Surfaces enclosing regions
identified by the MMF as clusters. C).- Particles located inside MMF clusters (dark gray). The
rest of the particles are shown in light gray color. D).- Halos identified with HOP that have their
center of mass inside regions identified as clusters by the MMF. The MMF manages to identify
the dense clusters at their characteristic scale. This can be appreciated in panels C and D. The
match is reasonably good, be it not perfect due to the intrinsic differences between HOP and the
MMF methods. Projection effects also distort the real size of the surfaces enclosing clusters.

r =
(
Vblob

3
4π

)1/3

, (3.7)

where Vblob is the volume of all pixels defining an individual blob (cluster). The scatter in
the radius is large, showing a weak correlation between both radius. On the other hand,
the mass of HOP and MMF clusters is well correlated. This is not surprising since most of
the mass is located in the dense inner regions of the cluster. The radius however, is com-



90 3. Multiscale Morphology Analysis of the Cosmic Web

Figure 3.5: Scatter plot of the radius (left) and mass (right) of haloes identified with HOP and the
MMF. The radius of the HOP haloes corresponds to the virial radius

puted as the distance from the most distant particle from the center of mass. This measure
is sensitive to small fluctuations in the periphery of the clusters and to departures from
isotropy. This effect is larger for massive clusters since they are often highly elongated in
the direction of the filaments connected to them and the direction of large mergers which
induce anisotropy (van Haarlem & van de Weygaert, 1993). The radius of MMF clusters
is also affected by resolution effects since the grid size is large compared to the radius of
a small cluster. Clusters of galaxies identified with the MMF correspond to spherically
symmetric overdensities. Virialized clusters found in computer simulations often depart
from a spherical configuration. These effects account for most of the differences between
the two methods.

3.4.2 Filaments

Once clusters are identified we extract all the particles they contain and proceed to com-
pute a “cluster-free” density field with the use of the DTFE. This new density field con-
tains only structures associated with filaments and walls. This density field is used as
input for the identification of filaments in the MMF pipeline. Figure 3.6 shows a 3D view
of filaments inside a box of 50 h−1 Mpc of side. The isosurfaces enclosing regions of
space identified as filaments are shown in the bottom panels. The particles they contain
are shown in the top panels.

Filaments identified with the MMF are complex objects. They feature a large variety
in length and thickness. Note that the regions where clusters sit (see the large cluster at
the top left corner) are also covered by the filament mask. We explicitly exclude regions
identified as clusters from the filament mask. Filaments pervade through space “connect-
ing” all the regions in the box. Some small dots can be seen mostly isolated and with no
relation to their surrounding structures. These correspond to regions that have a spurious
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Figure 3.6: 3D stereoscopic view (cross eyed) of the isosurfaces enclosing filaments (bottom
panels) and the enclosed particle distribution (top panels). The box corresponds to the zoomed
region shown in Figure 3.1

filamentary nature. These spurious identifications are discarded from the filament mask.
Filaments identified with the MMF follow the intrinsic scale of the real filaments. Note
that the particle distribution is far from homogeneous. Filaments are delineated by small
dense clumps of matter and diffuse matter between them. The 3D visualization allows us
to appreciate the three-dimensional nature of the filaments and it highlights their connec-
tivity. It is clear that a description of such complex systems require advanced methods of
analysis in order to take full advantage of the MMF.



92 3. Multiscale Morphology Analysis of the Cosmic Web

Figure 3.7: 3D stereoscopic view (cross eyed) of the isosurfaces enclosing walls (bottom panels)
and the enclosed particle distribution (top panels). The box corresponds to the zoomed region
shown in Figure 3.1

3.4.3 Walls

After extracting the particles located inside filaments we proceed to the last step in the
morphological segmentation. This corresponds to the identification of walls from the
cluster & filament free density field. This new density field contains only features of a
planar nature along with noisy structures that can not be clearly identified to any of the
three basic morphologies.

Figure 3.7 shows a 3D view of the walls identified inside a subbox of 50 Mpc h−1

of size. We show the isosurfaces delineating regions of space identified as walls in the
bottom panels and the particles they contain in the top panels. Walls are the most ten-
uous coherent structures and their identification poses a major challenge (Melott, 1983;
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Klypin & Shandarin, 1983; Shandarin et al., 2004). Due to their tenuous nature and com-
plex topology walls are the most difficult morphologies to characterize. In general walls
identified with the MMF are far from regular planar objects. They have highly crum-
pled shapes with no obvious topology. Because they are multiply-connected objects it is
difficult to identify isolated walls from the extremely complex wall system. It is not sur-
prising that walls still remain the most challenging features to identify and characterize.
The MMF successfully does manage to identify them. Given their complexity we only
assess their basic properties.

The MMF only provides us with a segmentation of the distribution of matter ac-
cording to their intrinsic morphology and scale. The global properties of each morphol-
ogy such as mass and volume content can be computed directly from the output of the
MMF. Other properties such as length of filaments and density profiles require some post-
processing steps. The algorithms used to analyze the output of the MMF are described in
the following sections.

3.5 Mass, volume and density of the Cosmic Web

Figure 3.8 shows the morphological segmentation of the 150 h−1 Mpc simulation (150L
in table 3.2) obtained with the MMF. This figure illustrates the large scale distribution of
matter as an interconnected network of filaments (dark gray) defining the boundaries of
walls (light gray), and the blobs (black) located at the intersections of the network. For
clarity we only show the largest structures, they were selected such that the individual
components of the Cosmic Web could be easily identified. Including all the objects would
fill the line of sight with walls and filaments. This novel visualization of the cosmic web
in its three basic components allows us to reach a level of abstraction by avoiding spurious
details and concentrating only on the significant features. This is particularly useful to
visualize the intricate filament-cluster network.

3.5.1 Mass and volume content

In order to understand the role of clusters, filaments and walls in the shaping of the cosmic
web it is crucial to determine their relative abundances in terms of volume and mass. Such
quantities may provide crude estimates of the dominance of one morphology with respect
to the other in shaping the cosmic web and driving its overall dynamics.

Table 3.5.1 shows an inventory of the cosmic web in terms of volume and mass con-
tent. We measured the mass and volume content as the total mass enclosed inside pixels
of a given morphology. Clusters occupy the smallest volume fraction in the cosmic web
with only 0.38 %. Nonetheless, they also represent a major share of the mass (28 %)
making them by far the densest objects and the dominant component of the overall dy-
namics. Filaments contain most of the mass in the universe (39 %) and almost 10 % of
the total volume. Their density, as expected, is lower than that of clusters. They represent
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Figure 3.8: Cosmic web delineated by filaments (dark gray) and walls (light gray). Clusters (dark
gray) are located at the intersection of filaments. Only the largest structures are shown for clarity.

the most salient component of the Cosmic Web and play an important role in the local
dynamics. Walls contain a small fraction of the mass (5.45 %) and occupy a relatively
small volume (4.89 %), making them the most tenuous coherent structures. The different
density contrast of clusters, filaments and walls reinforces the idea of an increasing order
in the gravitational collapse as walls → filaments → clusters.

Compare these numbers with the theoretical prediction from (Doroshkevich, 1970)
where he shows that in the linear regime 92 % of the mass will collapse into walls,
filaments or clusters. The remaining 8 % corresponds to the underdense voids. It is
difficult to establish a direct comparison to our results since the MMF is a multiscale non-
linear filter while the predictions from Doroshkevich (1970) apply to linear density fields.
The MMF performs the morphological characterization in terms of the matter distribution
that is already in the semi-linear regime (walls and filaments) and well into the non-
linear regime (clusters). The infall regions of clusters, filaments and walls have a unclear
morphology and are discarded by the MMF and added to the field. This ignores regions
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Figure 3.9: Pie diagram showing an inventory of the Cosmic Web in terms of volume (left) and
mass (right).

that eventually will collapse but are not selected by the MMF given their intermediate
morphology. The net result is an overestimation of the mass and volume content of the
field at expenses of the infall regions in clusters, filaments and walls. This is related to the
problem of defining and identifying a given morphology from a highly complex system
such as the Cosmic Web. The MMF selects only those regions with a clear morphology
and contrast.

Clusters filaments walls field
Volume filling (%) 0.38 8.79 4.89 85.94
Mass content (%) 28.1 39.2 5.45 27.25
Mean overdensity 73 4.45 1.11 0.31
Median overdensity 11.5 1.65 0.88 0.30
Standard deviation 587.6 11.4 2.61 0.52
Kurtosis 58.7 44.8 160.5 142.1

Table 3.2: Inventory of the Cosmic Web in terms of volume and mass content as well as some
basic statistical measures. The overdensity is defined as Δ = (ρ− ρ)/ρ. Mean, median, standard
deviation and kurtosis are computed from the distribution of Δ.

3.6 Density segregation of the cosmic web

The differences in mass and volume content derived for each morphology define char-
acteristic density ranges. It is often assumed that these elements do mark out a unique
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Figure 3.10: Cumulative (left) and density (right) probability distribution of the density contrast
in blobs, filaments, walls and the field (dotted, dashed, dotted-dashed and solid respectively). The
thick gray lines indicates the distribution corresponding to all the volume.

density regime with no overlapping values. This assumption is the base of the use of
overdensity as one of the most widely used criteria to identify clusters (Lacey & Cole,
1994; Eke et al., 1996) and filaments (Shandarin et al., 2004; Dolag et al., 2006). Figure
3.10 shows the cumulative and probability distributions of the overdensity δ in pixels lo-
cated inside regions of space identified as clusters, filaments, walls and the field. Some
observations can be made:

• Clusters are the densest objects, with a median overdensity of ∼ 11.5 and a mean
overdensity of ∼ 73. The range of overdensities extends to more than 100 and even
1000 inside large virialized clusters.

• Filaments and walls have medium overdensities (mean 4.45 and 1.11 respectively
and median 1.65 and 0.88 respectively).

• The field should be mostly identified with the most underdense regions. We find
them on average to correspond to overdensities of ∼ 0.3.

Figure 3.10 suggest that each morphology occupy a characteristic range in density.
In general this is not an accurate description of reality. A morphological segmentation in
terms of density alone would require (at least) the low-density tail of the distributions in
figure 3.10 to be non-overlapping. However, there is some overlap between morphologies
that can not be ignored. A segmentation of the cosmic web in terms of density alone will
surely introduce contamination by the inclusion of adjacent morphologies (in density).
Figure 3.10 emphasizes the ability of the MMF method in disentangling the cosmic web
into basic morphologies independently of their density contrast.

The low values of δ we find seem to be in contradiction with the fact that both fila-
ments and walls are self bound objects detached from the overall expansion of the Uni-
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verse. Is is important to note that the overdensity distributions correspond to the values
at the position of each pixel, not to their enclosed overdensity. The local values at the
position of each pixel can be even underdense compared to the mean. The low mean and
median values reflect the fact that there are more (low overdensity) pixels in the regions
surrounding the dense inner regions of clusters, filaments and walls.

There is also a bias toward low densities in structures identified with the MMF. This
is the result of the global criteria used to separate between real and noisy structures by the
MMF (see chapter 2 section 7 for details). In a distribution where all filaments or walls
have similar properties such as contrast and physical extent this is the perfect choice. In
the real Universe, however, there is a large variation in the contrast and size of filaments
and walls. This means that we apply the same global criteria to faint and salient structures.
The result from this is a systematic inclusion of low density regions in the boundaries
of the regions defining faint structures. Since there is more mass in the high density
regions but the volume of the pixels is the same everywhere the net effect is a bias toward
lower densities. This may be alleviated by the use of a more restrictive criteria, in which
case we may also lose the very faint structures. The best approach may be to assess the
significance of structures locally. This is however more difficult to implement and will
be addressed in future studies.

Our density estimates are systematically lower than the real values. However, they
show that a density threshold alone (a global measure) is a poor discriminator of morphol-
ogy. Even when each morphology can be associate to a given density range in general
they require a more sophisticated characterization.

3.7 Filaments in the Cosmic web

The most salient features of the Cosmic Web are the large filamentary networks and the
immense walls interconnected across tens and even hundreds of megaparsecs. In this
section we focus on filaments identified with the MMF and study their general properties
such as length, density profile, connectivity, etc.

3.7.1 Filament and wall compression

Filaments and walls have a complex topology. Their general shape may be far from
idealized lines and planes. Properties such as direction, density profiles, extent and other
measures derived from these quantities are difficult to interpret or meaningless without a
proper reference point. We address this problem by defining their “heartline” in a similar
way as the center of mass in spherical clusters is used as a reference point. We define the
one and two-dimensional counterparts for filaments and walls. They will be referred to
as the “spine” of filaments and the “plane” of walls.

In order to infer the idealized lines and planes from the complex filaments and walls
we performed an iterative algorithm that compresses structures along their perpendicular
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Figure 3.11: Haloes in filaments before (left) and after the compression algorithm (right). Haloes
are indicated as white circles with sizes arbitrary scaled in terms of their mass. The gray back-
ground delineates the density field plotted in logarithmic scale.

direction (normal to the spine of the filament or the plane of the wall) by moving each
particle (or halo) to the center of mass inside a spherical window centered on the particle
until its position converges. The movement of the particles is restricted along the per-
pendicular direction to the spine of the filament or the plane of the wall (see appendix
3A for details). This procedure enhances filaments and walls compressing them closer to
idealized structures: filaments become one-dimensional lines while walls are compressed
to nearly planar two-dimensional sheets (see figure 3.11).

In the determination of spines and planes we based ourselves on dark matter haloes
instead of particles. Spines and planes derived from the raw dark matter particles tend to
cross the centers of large haloes since they contain most of the matter in the neighborhood.
This gives a similar result as with the use of haloes. However, in computing the density
profile the difference between particles and haloes can become important. The density
profile is dominated at small scales by large haloes, giving the false impression of highly
dense cuspy cores, or even worst, producing several “cores” for a single filament (Colberg
et al., 2005b).

3.7.2 The filamentary network

Figure 3.12 shows a slice of the simulation box in which filaments have been compressed
to delineate their spines. Gray circles indicate the location of clusters with masses above
1014 h−1 M� . This figure presents the cosmic web as a network of interconnected
filaments spread all over the space. The clusters sit at the intersections or “nodes” of
the network. The filamentary network permeates all regions of space, even the very un-
derdense voids. One important aspect of the filamentary network is its cellular nature
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Figure 3.12: Filamentary network in a slice of 20 h−1 Mpc. Back dots indicate dark matter
particles in filaments after the compression algorithm. Gray circles indicate the location of clusters
with M ≥ 1014h−1M�. The size is scaled proportional to their mass.

(Joeveer & Einasto, 1978; Zeldovich et al., 1982) which defines a hierarchical system
marked by structures over a range of scales (Sheth & van de Weygaert, 2004; Shen et al.,
2006). Large voids are delineated by thick large filaments. Each of these voids contain
subsystems of smaller filaments delineating smaller mini voids which in term form the
basis for even smaller systems (Dubinski et al., 1993; Schmidt et al., 2001; Sheth & van
de Weygaert, 2004; Shen et al., 2006; Platen et al., 2007). Also, large empty voids contain
extremely tenuous but rich filamentary systems only seen in high resolution simulations
(van de Weygaert & van Kampen, 1993; Gottlöber et al., 2003; Colberg et al., 2005b).
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3.7.3 Filament classification

Figures 3.13 and 3.14 show four examples of typical filaments. For visualization purposes
we plotted dark matter particles taken from the 1283 simulation in gray color and on top
of them the spine of the filament in black. Haloes delineate the same structures, be it
more diluted. In general we find that the level of complexity of filaments is related to the
surrounding large scale matter configuration. Filaments in the vicinity of massive clusters
form complex systems compared to less massive clusters.

The fractal nature of the filamentary network makes it difficult to classify individual
filaments since in principle they form a network that includes all filaments. The branching
properties of our filaments ultimately depends on the resolution limit of our simulation.
This is a natural consequence of the hierarchical development the Cosmic Web (Sheth
& van de Weygaert, 2004; Shen et al., 2006). Ultra-high resolution N-body simulations
show that even in the most underdense regions one can find systems of tenuous filaments
extending along the whole physical extent of the voids (Sahni et al., 1995; Gottlöber et al.,
2003; Platen et al., 2007).

On the basis of a rough inventory of the shape and morphology of the filaments in our
simulations distinguish four basic types:

• Line filaments do not have branches (or very few) and are mostly straight with
lengths in the order of 5-20 Mpc. They are often found as “bridges” between mas-
sive clusters. Shorter filaments are also more straight that large ones. They may
be identified with the intracluster filaments studied by Colberg et al. (2005b) and
filaments type 0,I,and II in the classification of Pimbblet et al. (2004).

• Grid filaments are often found crossing vast regions with no massive clusters
crossing them. They form the surrounding “net” enclosing large voids and are
almost invariably two dimensional, suggesting that walls are in fact delineated by
these kind of filaments. Even when they consist of several branches one can often
identify a main “path” or spine with smaller filaments running almost perpendicu-
lar to it.

• Star filaments have a well defined “center”, usually a cluster or large group from
which several “arms” stretch out. Star filaments can be considered a smaller ver-
sion of grid filaments. They are also two dimensional structures, suggesting that
grid and star filaments represent the same kind of structures.

• Complex filaments do not have a clear shape, they are often multiply connected
and it is difficult to define a main path or direction. These filaments can be found
in almost every environment.
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Line filament

Star filament

Figure 3.13: Three orthogonal projections of typical line (top) and star (bottom) filaments. Dark
matter particles are indicated by filled gray circles. The spine of the filament is also shown, by
black dots, in order to better delineate the shape of the filaments.
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Grid filament

Complex filament

Figure 3.14: Three orthogonal projections of typical grid (top) and complex (bottom) filaments.
Dark matter particles are indicated by filled gray circles. The spine of the filament is also shown,
by black dots, in order to better delineate the shape of the filaments.
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3.7.4 Isolating filaments

Describing the filamentary network is not an easy task due to its complex nature. The
MMF is a unique tool providing us with an objective measure of filamentariness at each
position of space but it still has limitations. The raw output of the MMF is a mask indi-
cating which regions of space belong to a given morphology. Filaments have a variety of
sizes and branch into smaller filaments which often are multiply connected. Such connec-
tivity information as well as the individual properties of filaments is not explicitly given
by the MMF. Post-processing procedures are necessary in order to identify and isolate the
individual structures. This ability is natural to the human brain, but its analog computa-
tional recognition poses a major challenge. A criterion must be defined which enables
the identification of individual elements forming the interconnected network. Almost
inescapably this involves the introduction of arbitrary measures.

In order to dissect the filamentary network into individual objects we exploit its per-
colating properties. We study the percolation properties of the density field contained
inside the filamentary network. This avoids the ambiguity in the segmentation of mor-
phologies based on density alone (see section 3.6). As we reach very low densities the
structures remain confined to the filaments and do not flood into walls or voids.

The percolation analysis studies the change in number, properties and/or connec-
tivity of objects defined as regions of space above a given density contrast threshold
δth ≡ ρth/ρ̄ − 1. The threshold varies across the complete range of values of the den-
sity field producing different sets of objects for each value of δth (Zeldovich et al., 1982;
Shandarin & Zeldovich, 1983; Shandarin, 1983; Klypin, 1988). The largest structure in
the percolation process (here referred to as the largest percolating filament 2) carries im-
portant information related to the topology of the density field (Shandarin et al., 2004).
The largest percolating filament has significantly different properties than the rest of the
(much smaller) filaments. It can be defined as a space-covering system which connects all
regions of space and does not change significantly after applying lower density contrast
thresholds. In the present work we study the change in mass as function of the density
contrast threshold defined in terms of a linking length:

Δ̃th =
(

4
3
π(llink)3

)−1

, (3.8)

where llink is a linking length between two dark matter particles. By iteratively asso-
ciating particles with separations equal or smaller than llink we are able to produce a
catalogue of filamentary structures. This is similar to the catalogues of clusters extracted
using the friends of friends algorithm. We rank the structures by their number of particles
(mass) to produce a list of the first, second, third, etc. most massive filaments.
Figure 3.15 shows the 10 most massive filaments identified over a range of density thresh-
olds δ > δth. This figure highlights the non-linear nature of the percolation process in

2We use the term filament since it is contained inside the filament Object Map, see chapter 2 for details.
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Figure 3.15: 10 most massive filamentary structures defined at several density contrast thresholds
δ = 0.2, 0.4, 0.9, 1.8, 2.9, 4.2 (from top to bottom and left to right). We plot each structure
with a different gray tone in order to differentiate between them.
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Figure 3.16: Mass ratio between the 1th, 2nd up to the 10th largest filaments and the total mass in
the simulation box. The horizontal dotted line indicates the total mass content in filaments (see
table 3.3).

which filaments merge with each other. Filaments defined by high densities are isolated
objects with a simple shape and topology. As one decreases the value of δth more mass
is added to the filaments from their surrounding shells. Filaments grow steadily with de-
creasing δth until at some point around δth ∼ 2 there is a significant change in the way
filaments grow. The steady inclusion of mass from adjacent regions with lower density is
no longer the main growth process. Instead filaments now merge with each other to form
super-filaments. As we reach even lower densities super-filaments continue to merge un-
til there is one single structure spanning across the entire volume, connecting opposite
faces of the periodic box, indicating the percolation of the filamentary network. This can
be clearly seen in figure 3.16 where we show the mass fraction of the 10 most massive
filaments with respect to the total mass in the simulation box and as a function δth. At
high values of δth the first and second filaments have similar masses. In fact, at this point
even the 10 largest filaments have masses in the same order of magnitude as suggested by
figure 3.15. As one reaches lower overdensities the filaments begin to merge with each
other. As a result of this the most massive filament approaches the total mass enclosed
by the filamentary network (∼ 40%, see section 3.5) and the mass of the remaining most
massive filaments decreases.

Shandarin et al. (2004) noted that individual objects identified by means of density
thresholds must be studied before percolation occurs. We use the same principle to select
the density threshold defining individual filaments. From figure 3.16 we see that the value
of δth just before filaments begin to merge with each other corresponds to δth ∼ 1. In
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practice we use a somewhat larger value of the threshold in order to eliminate possible
merging of filaments from thin bridges. The latter is a known problem of friends of friends
(Eisenstein & Hut, 1998). Visual inspection indicates that the difference is small. This is
a consequence of or restriction to regions identified as filaments by the MMF. There is no
transition of the filaments into walls and voids as we reach lower densities. After some
experimentation we use the value δth = 3 as the density threshold for the identification
of individual filaments (contained inside the filament mask).

3.7.5 Length of filaments

While describing filaments in terms of their mass is straightforward (see section 3.7.4)
their length and related physical properties present several complications given the branch-
ing nature of the filamentary network. Strictly speaking the filamentary network is a
system that connects all the filaments instead of being a set of isolated structures. Any at-
tempt to isolate individual filaments from the interconnected network will involve a level
of subjectivity.

Clusters provide a natural way of dissecting the filamentary network. They do not
only appear as the nodes of the Cosmic Web, but they also define the formation sites
of filaments (Bond et al., 1996). We proceed to isolate individual filaments by cutting
spheres of 2 h−1 Mpc of radius centered at the location of clusters with masses larger than
M ≥ 1014 h−1 M�. This has the effect of producing smaller isolated objects which can
then be easier handled. From this set of isolated filaments we produced a catalogue using
a friends of friends algorithm with a linking length corresponding to a density threshold
of δth + 1 = 4. In the construction of the filament catalogue we used haloes in order
to trace the large scale filamentary network and ignore small details. It also provides a
faster alternative to dark matter particles when computing the length of the filaments (see
below).

Filaments identified in this way often consist of complex systems composed by sev-
eral interconnected branches. The length of such systems is difficult to define or even
meaningless in the case of filaments with strong branching such as grid and star filaments
in which often it is not possible to define a main path. The length of a filament can be
defined as:

• The total length of all the branches in the filament, related to the fractal nature of the
filamentary network (Martinez et al., 1990). Its definition presents several practical
complications such as the identification of the branching points in the main path.

• The length of the main path of the filament (if such path can be identified) (Colberg
et al., 2005b; Pimbblet et al., 2004). The definition of a main path introduces an
arbitrary choice of the criteria used to define it.

Given the high level of complexity of the algorithms used to identify the total length of
filamentary systems we postpone their study for future work. instead, we concentrate on
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Figure 3.17: Polynomial fit (solid line) of two of the largest filaments in the simulation. Dark
matter haloes are represented by gray circles.

the length of the main path of the filament which to a first order can be identified as the
thickest or the longest branch.

The length of filaments was computed using a polynomial fitting of 3rd order which
is sufficient to describe the shape of our filaments (see appendix 3B for details). Figure
3.17 depicts two filaments extracted from the main catalogue. The best polynomial fit
is shown superimposed to the halo distribution. The fit manages to closely follow even
the most intricate filaments and also ignores small branches like in the case of the grid
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Figure 3.18: Probability density distribution of length (left panel) and mass (right panel) of fila-
ments (see text for details). Only filaments with more than 10 haloes were considered.

filament shown in the top panel of figure 3.17 crossed by several smaller filaments.
Figure 3.18 shows the length and mass distributions of our filament sample. We find

that small filaments are largely predominant over large ones, as expected in a hierarchical
distribution. Small filaments connect with each other to form massive filamentary struc-
tures. The largest (and more massive) filaments are the most prominent structures in the
Cosmic Web and the less numerous. Filaments with lengths of a few tens of Megaparsecs
are extremely rare. The same is true for filaments with masses larger than ∼ 1014 h−1

M� . In fact, we do not find filaments longer than ∼ 25 h−1Mpc or more massive than
1014 h−1 M� . Visual inspection of the Cosmic Web suggest that there are indeed fila-
ments spanning across several tens of Megaparsecs. Examples of those are the “spine”
of the Pisces-Perseus supercluster (Gregory et al., 1981; Giovanelli, 1983) and the pla-
nar filamentary system known as the Sloan Great Wall (Gott et al., 2005). However, such
massive systems are invariably “crossed” by clusters at several points. The method we use
to isolate filaments breaks all systems at their nodes, thus avoiding the largest structures.

3.7.6 Density profiles in filaments

Filaments are far from being smooth uniform structures. In most cases it is possible to
identify a highly dense spine surrounded by more diffuse matter. Filaments are also pop-
ulated by highly dense haloes resembling a “pearl neckles” in which haloes form bridges
between massive clusters. In spite of the prominence of the inner structure of filaments
there are just a handful of studies (Colberg et al., 2005a; Dolag et al., 2006) and studies of
density profiles in walls are known except for the theoretical work of Zel’Dovich (1970).

We computed density profiles in filaments by counting the enclosed number of haloes
(weighted by their mass) in bins of increasing radial distance from the spine of the fila-
ment. We use haloes instead of dark matter particles in order to avoid contamination at
small scales: large haloes dominate the density profile giving the impression of a cuspy
profile in the center or even producing several peaks near the center. The radial distance
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Figure 3.19: Mean enclosed density profile of haloes inside filaments (left) and 15 individual
examples (right). The profiles are scaled to 1 at the center of the filament. The thick gray line on
the right panel indicates the mean enclosed density profile of all filaments (shown for comparison).
The dotted line corresponds to a power-law fit of slope -2 indicating that no mass is added after
this radius.

of a halo with respect to the spine of its host filament is defined as the displacement of a
halo before and after we apply the compression algorithm described in section 3.7.1 (see
appendix 3A for details).

Figure 3.19 shows the enclosed density profile averaged over all the filaments (left
panel) as well as 15 individual filaments (right panel). The averaged curve shows a clear
change in the slope around ∼ 2 h−1 Mpc. The slope of the profile (∝ r−2) beyond that
point indicates that there is no more mass added at larger radii. This marks the aver-
age maximum extent of a filament. The enclosed density profile of individual filaments
presents variations. The extent of the filaments is of the same, however, their amplitude
differs significantly (Colberg et al., 2005a; Dolag et al., 2006).

The turn in the enclosed density profile at ∼ 2 h−1 Mpc. provides a simple criteria to
define the extent of filaments. The fact that there is a small variation between individual
profiles gives confidence on the use of this single value.

3.7.7 Filaments connected to clusters

Filaments are closely related to clusters. The presence of a coherent tidal shear field in
regions between pairs of clusters results in the emergence of filaments (Bond et al., 1996).
The strength of the filamentary bridge depends on the distance between the two clusters,
their mutual orientation and the correlation between the tidal shear and the density field
(Bond et al., 1996; Bond & Myers, 1996a; van de Weygaert & Bertschinger, 1996; van de
Weygaert, 2005; Colberg et al., 2005a). Visual inspection suggests that prominent clus-
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Figure 3.20: Three examples of clusters and their connected filaments.

ters are also associated with complex filamentary systems (Pimbblet et al., 2004; Colberg
et al., 1999, 2005a). Massive clusters are formed at the location of rare high density
peaks in the primordial matter distribution (Bardeen et al., 1986). They determine the lo-
cation of filaments by the tidal shear they induce in their neighborhood (Bond & Myers,
1996a,b,c). In the Cosmic Web picture described by Bond et al. (1996) filaments are the
transport channels along which clusters accrete mass (van Haarlem & van de Weygaert,
1993; Diaferio & Geller, 1997; Colberg et al., 1999).

Figure 3.20 shows three characteristic examples of clusters with masses in the range
1013 − 1014 h−1 M�. This figure suggest a relation between the mass of a cluster and
the number of filaments it has connected. Massive clusters seem to have more complex
filamentary structures connected to them while low mass clusters have a relatively simple
connection. Some remarks on figure 3.20 can be made:

• The left panel shows a cluster with two straight filaments connected to it. Its mass
(M ∼ 1013 h−1 M�) is characteristic of a group of a few tens of galaxies. It can be
considered to be the result of the fragmentation of a long filament via gravitational
instability. The infall pattern of matter into these clusters can be expected to be
highly anisotropic, mainly restricted to the direction of the connecting filaments.

• The cluster in the middle panel has a mass of a few times 1013 h−1 M�. It has
several filaments connected to it and we can also appreciate other clusters in the
vicinity.

• The cluster on the right panel is embedded in a highly complex environment. Sev-
eral filaments can be seen “branching” in all directions. It is not possible to identify
a main filament to which the cluster is connected.

In order to quantify the relation between the mass of a cluster and the number of con-
nected filaments we used the filament catalogue is described in section 3.7.5. We applied
the following criteria:
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Figure 3.21: Mean number of filaments as a function of the mass of the cluster to which they are
connected (solid line). Filaments are considered to be connected to the cluster is they contain at
least one halo inside a sphere of 2 h−1 Mpc centered in the cluster. The dotted line indicates the
1σ dispersion of the data around the mean.

a) A filament is connected to a cluster if it has at least one halo within a sphere of
radius 3 h−1 Mpc from the center of the cluster.

b) Only clusters with M ≥ 1014 h−1 M� were considered in our analysis.

Figure 3.21 shows the mean number of filaments connected to a cluster as a function of
the mass of the cluster. There is a clear trend for massive clusters to have more connected
filaments, although the dispersion is large. Clusters with mass ∼ 1014 h−1 M� have
on average two filaments connected while clusters with mass ∼ 1015 h−1 M� have five
filaments connected. Other studies have found a similar relation based on intracluster
filaments found in N-body simulations (Colberg et al., 2005a) and visually identified
filament-cluster connections from the 2dF galaxy survey (Pimbblet et al., 2004).

Figure 3.21 indicates that there are some clusters with only one filament connected.
This is not observed in the Cosmic Web and it is difficult to justify from a physical point
of view. It is the result of the method used to assign filaments to clusters. In some few
cases faint filaments connected to low-mass clusters are missed by our method.

The large dispersion in figure 3.21 reflects the complexity of the Cosmic Web. The
final matter configuration in the neighborhood of a cluster depends not only on its mass
but on the geometrical configuration of the surrounding clusters (Bond et al., 1996).
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3.8 Infall of matter in filaments and walls

Figure 3.22 shows the time evolution of a typical line filament (see section 3.7.3 ). This
figure clearly illustrates the anisotropic and hierarchical nature of the gravitational col-
lapse. The initial overdensity from which the filament emerges is already visible at z = 9.
The proto-filament starts its evolution as a system of branching sub-filaments that collapse
and seem to have no preferential orientation (z = 5.9). These subfilaments delineate a
rich system of small voids that pervade even the regions inside the collapsing filament
(z = 3.2 and z = 1.6). At this point the filament has not well defined boundaries and its
internal structure is highly complex. However, its main shape and direction are already
visible, as they are being shaped by tidal shear induced by the surrounding matter con-
figuration (Bond et al., 1996). Eventually the sub-filaments collapse hierarchically along
with the voids they delineate giving rise to the prominent filament seen at the present
time (z = 0) as well as the two large voids surrounding it (Sheth & van de Weygaert,
2004). Note that the direction of the main filament from the initial conditions remains
practically unaffected. However, the smaller sub-filaments are not completely aligned at
early epochs. They eventually collapse and get aligned due to the high coherence of their
surrounding tidal shear (Bond et al., 1996; van de Weygaert, 2002, 2005).

Figure 3.23 shows the velocity field (at the present time) of the region depicted in
figure 3.22. The coherence of the velocity field is remarkable. It is largely dominated
by the two clusters located at the top-left and bottom-right corners. Matter streams out
of the voids into the filament and the clusters. The velocity field in the interior of the
filament is polluted by small-scale interactions but one can still appreciate the flow of
matter towards the cluster on the top-left corner. The velocity field follows the “lines” of
the quadrupolar tidal shear. We can appreciate the compression component perpendicular
to the filament, being more prominent at large distances from the spine of the filament.
Also, the “stretching” of the filament along its longitudinal direction as matter flows into
the clusters. This stretching component is more prominent at the spine of the filament
where the tidal shear extends along the line between the two clusters.

Figure 3.24 shows the mean angle between the peculiar velocity of haloes and the
direction of their parent filament (left) or wall (right) as function of the distance form
their spine or plane. The angle between the peculiar velocity of the halo and its host
structure is given by:

cos θ = v · eF,W (3.9)

where v is the velocity vector of the halo at present time and eF,W represents the local
direction of the filament or wall. (see figure 3.24). Haloes closer than ∼ 5 h−1 Mpc to the
spine of filaments move along the direction of the filament into their closest cluster while
at larger radii their direction is mainly perpendicular. This is a signature of the shear
velocity pattern induced by the surrounding matter distribution (van de Weygaert, 2002,
2005). A similar behavior is observed in walls. Haloes far from the plane of the wall
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Figure 3.22: Evolution in time of a filament shown at z = 9, 5.9, 3.2, 1.6, 0.6 and 0. The filament
is already present in the early linear regime, subsequently it collapses into several small filaments
aligned with the main filament. These mini-filaments collapse hierarchically to form the large
filament seen at present time.
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Figure 3.23: Velocity field of the region depicted in figure 3.22 at the present time. The arrows
correspond to the peculiar velocities of dark matter particles taken from the 1283 simulation. The
size of the arrows is scaled with the magnitude of the velocity.

“fall” into it while close haloes (< 5 h−1 Mpc) move parallel to the plane of the wall.
The inflow of matter at larger radii includes a significant contribution from the voids.
These push matter out toward the walls and filaments (Sheth & van de Weygaert, 2004;
Tully, 2006).

The inflow of matter in walls is a clear example of the “pancake” collapse predicted
by (Zel’Dovich, 1970). It reflects the linear relation between the velocity field and gravi-
tational potential in the linear regime:

v ∝ g ∝ −∇Ψ. (3.10)

In the case of walls this is true for the linear and well into the semi-linear regime. The
reason for this is that the collapse of a pancake occurs in a one-dimensional fashion. The
effect we found is significantly stronger compared to similar studies based on simple wall
finders (Noh & Lee, 2006).
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Filaments Walls

Figure 3.24: Infall angle of haloes as a function of their distance from the spine of filaments
(left) and the plane of walls (right). The shaded area indicates the dispersion of 1000 montecarlo
realizations with random orientations.

3.9 Density estimates of filaments

The transverse crossing time in the perpendicular direction of filaments is much shorter
than the Hubble time. This observation led Eisenstein et al. (1997) to derive a measure of
the linear surface density of filaments assuming that they are virialized along the radial
(transverse) direction. In their derivation the density of an isothermal filament can be
determined solely in terms of the transverse velocity dispersion as:

μest =
2σ2

⊥
G

= 7.4 × 1013 M� Mpc−1
( σ⊥

400Km s−1

)2
, (3.11)

where μest is the estimated linear surface density, σ⊥ is the velocity dispersion in the
direction perpendicular to the spine of the filament and G is the gravitational constant.
Several assumptions are made in order to derive such a simple relation:

a) Axial symmetry.

b) No bulk velocities along the transverse direction.

c) Filaments are virialized along their transverse direction.
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Figure 3.25: Comparison between the real linear surface density and the estimated from Equation
3.12. Diamonds indicate the mass of dark matter particles measured inside a radius of 2 h−1 Mpc
from the polynomial delineating the spine of the filament.

d) Isothermal filaments.

The first two assumptions can be achieved to a certain point. The last two, however, are
more difficult to justify. If the relation between transverse velocity dispersion and the
linear surface density of filaments holds it will indicate that the assumptions c and d are
at least partially valid. In order to test the validity of equation 3.11 we measured the linear
surface density of the filaments as

μreal =
Mfila

lfila
[M� h Mpc−1], (3.12)

where μreal is the real linear surface, Mfila is the total mass of dark matter particles in
the filament and lfila is its length.

Figure 3.25 shows the comparison between the measured linear surface density and
the estimate given by equation 3.12. Diamonds indicate the linear surface density com-
puted from all particles inside a curve cylinder or radius 2 h−1 Mpc following the poly-
nomial fit described in section 3.7.5. We found that in general equation 3.12 gives a good
estimate of the linear surface density. However some differences arise: the linear surface
density is systematically overestimated in the case of dense filaments and underestimated
for underdense ones. The inclusion of large groups and small clusters that cross the fil-
aments will have the effect of adding large velocities given their truly virialized nature
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and therefore boosting the density estimates. The underdense filaments do not contain
large substructures and therefore are clean examples in which one can test the validity of
equation 3.12. The fact that low density filaments have higher densities than estimated
from equation 3.12 suggest that the conditions of virialization and isothermality assumed
by Eisenstein et al. (1997) are at best partially valid. In particular the assumption of
virialization along the transverse direction, since matter streams along the longitudinal
direction of filaments into clusters.

3.10 Conclusions

We provide a qualitative and quantitative description of the Cosmic Web in terms of its
morphological constituents. We focused on filaments, to a lesser degree on walls. The
basis for this work is a large N-body simulation of a ΛCDM cosmology with dark matter
particles. The morphological segmentation was done with the Multiscale Morphology
Filter. Our main findings can be summarized as follows:

• The mass content, volume content and mean density of the Cosmic Web correspond
to:

% Clusters % filaments % walls % field
Volume filling 0.38 8.79 4.89 85.94
Mass content 28.1 39.2 5.45 27.25
Relative density 73 4.45 1.11 0.31

Table 3.3: Inventory of the Cosmic Web in terms of volume and mass content.

• Each morphology of the cosmic web has a characteristic density. The distribution
of densities however, has a large overlap. Density alone can give an indication of
the morphology but it can not be used to unambiguously segment the Cosmic Web
into its morphological constituents.

• We offer a qualitative classification of filaments based on their visual properties in
four types: line, star, grid and complex.

• The density profile of filaments indicates that their typical radial extent is of the
order of 2 h−1 Mpc , although there are significant variations between individual
filaments.

• We found a relation between the mass of a cluster and the number of filaments it
has connected. More massive clusters have more filaments in average. Clusters
with a mass of ∼ 1014 h−1 M� have on average two connecting filaments while
clusters with mass of ∼ 1015 h−1 M� have on average five connecting filaments.
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• Haloes in filaments change their velocity vector from parallel to perpendicular as
a function of increasing distance from the spine of the filament. The same effect
is found in walls where haloes close to the wall move along the plane of the wall
while haloes far from the plane more perpendicular to it. Our results provide a good
demonstration of the collapse of “pancakes” predicted by Zel’Dovich (1970).

• We compared the linear density measured in filaments with the estimates described
in the work of Eisenstein et al. (1997) in which the density of filaments is related to
their transverse velocity dispersion. We found a good agreement between the esti-
mated and real density. The match, however, is not perfect: the density is underesti-
mated for low density filaments and overestimated for highly dense filaments. The
disagreement can be explained by the inclusion of virialized groups that bias the
density estimation by adding high velocity dispersions. This suggest that filaments
are at best partially virialized along their transverse direction.

3A Filament and wall compression

In order to enhance filaments and walls bringing them closer to idealized lines and planes
we devised a compression algorithm that displaces particles in the direction of increasing
density, namely towards the spine of filament and the plane defining the wall. This is
possible since the MMF provides us with both structures and their local direction given
by the eigenvectors of the Hessian matrix (see chapter 2). The smallest eigenvector of the
Hessian matrix traces the local direction of a filament while the largest eigenvector locally
defines the normal to the wall. This information can be exploited in order to iteratively
displace particles to the local center of mass defined inside a given radius. This method
is widely used to compute the center of mass in spherical or semi-spherical haloes (Van
den Bosch et al., 2002).

We start by defining the “heartline” of filaments and walls in a similar way as the cen-
ter of mass in spherical haloes is used as reference point. The one and two-dimensional
counterparts for filaments and walls are referred as the “spine” of filaments and the
“plane” of walls.

Our method however imposes a crucial constraint: the displacement of the particle
to the center of mass is performed in the direction perpendicular to the filament or wall.
This process transforms thick structures into thin lines or planes without affecting their
length. The algorithm can be applied to particles as well as haloes (after weighting by
their mass). In what follows we will refer to particles for simplicity. The algorithm can
be outlined as follows:

a) For each particle we find all the neighbors inside a top-hat window of a given radius
rtop centered at the particle’s position xi. The tophat radius should be large enough
to enclose the filament or wall in order to minimize the number of iterations needed.
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Figure 3.26: A galaxy is compressed in the direction perpendicular to the filament in which it is
embedded.

b) We compute the center of mass of the particles inside the tophat window as well as
the vector from the particle’s position to the center of mass mi.

c) The particle is then displaced to the center of mass along the perpendicular direc-
tion of the filament/wall:

p = (e ∗ m) ∗ e sin(θ) (3.13)

where e is the vector indicating the direction of the spine of the filament or the
normal to the plane of the wall. m is the vector from the particle’s position to the
center of mass inside the radius r and θ is the angle between e and m (see figure
3.26). The eigenvectors are computed from the Hessian matrix smoothed at a the
characteristic scale of filaments (∼ 2 − 3 h−1 Mpc) (see section 3.7.6).

d) After we performed the process for all the particles we compute the dispersion
between the original and compressed positions. We repeat the complete process
until the dispersion between consecutive iterations changes by a given factor or the
total dispersion is less than a given value. This indicates the convergence of the
method.

The compression algorithm is rather insensitive to the size of the tophat window in the
range of values 1-5 h−1 Mpc for filaments and 2-8 h−1 Mpc for walls. The lower limit
depends on the mean interparticle separation. There must be at least two particles inside
the search window in order to displace the particle. The largest value of rth depends on
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how close are filaments and walls from each other. Larger radius will include particles
from adjacent structures and the compression will fail. The compression algorithm is
performed recursively until the dispersion between consecutive compressed positions is
less than 0.25 h−1 Mpc, indicating convergence. It is important to note that in the com-
pression algorithm we only account for particles in the morphology we are compressing.

3B Length of filaments

We determine the length of filaments after they have been compressed by fitting a poly-
nomial to the particles (or haloes) in the filament. By fitting a polynomial we smooth the
small-scale variations that may remain after the filament compression procedure. This is
crucial for the correct determination of the filament’s length. If one attempts to compute
the length of a filament by, for instance, adding all the segments joining contiguous points
using a minimum spanning tree we will end up with a larger filament due to small-scale
deviations.

We choose polynomials of 3rd order as a compromise between simplicity and the
ability to follow intricate filament shapes. Visual inspection of several filaments indicate
that 3rd order polynomials are sufficient to describe even the most intricate filaments,
following their change in direction accurately. Particles/haloes in filaments were fitted to
a polynomial of the form:

x = a1 + b1t+ c1t
2 + d1t

3 (3.14)

y = a2 + b2t+ c2t
2 + d2t

3 (3.15)

z = a3 + b3t+ c3t
2 + d3t

3 (3.16)

where the parameter t is defined as the distance from an arbitrary location (x0, y0, z0):

t =
√

(x− x0)2 + (y − y0)2 + (z − z0)2 (3.17)

In practice we choose a set of values for (x0, y0, z0) (usually the corners of the sim-
ulation box) and select the one that gives the best fit defined as the one with the smaller
mean square difference:

ε =
1
N
χ2. (3.18)

Also, if ε is larger than a given value (determined by experimentation) we reject the
fit. The fitted polynomial is used to compute the length of the filament. One technical
difficulty is the determination of the extreme points of the filament once we have the
fitting curve. This is a non trivial task and if not considered properly may lead to wrong
length determinations. We follow a simple but effective method to identify the extremes:
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Figure 3.27: Identification of extreme of a filament: The fitting curve (gray line) is closely sam-
pled at points a, b, c, d, e. Haloes are represented as large black dots. The closest halo to points
a, b, c and d is halo 1. At point e the closest halo changes to halo 2 indicating that the fitting curve
is “inside” the filament.

• The polynomial curve is closely sampled and distances to all the particles in the
filament are computed starting from one extreme of the fitted curve.

• For each point in the fitting curve we identify the closest halo.

• We identify the point in the fitting curve at which the identity of the closest halo
changes. This indicates that the fitting curve is no longer “outside” the filament but
“inside” it.

• We repeat the procedure for the remaining extreme of the fitting curve.
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Chapter 4
Properties of Dark Matter Haloes in the Cosmic Web

The same thrill, the same awe and mystery, come again
and again when we look at any problem deeply enough.
With more knowledge comes deeper, more wonderful
mystery.

Richard P. Feynman

Abstract

We present a study of the general properties of dark matter haloes extracted from a
cosmological N-body simulation of a ΛCDM Universe. Haloes are divided accord-
ing to their morphological affiliation (clusters, filaments, walls and the field) using
the Multiscale Morphology Filter. Subhaloes embedded in larger virialized haloes
as well as isolated haloes were identified with a novel subhalo finder: FracHOP,
which exploits the topological properties of the smoothed density field. We find that:

i).- The mass functions of haloes in voids, walls, filaments and clusters are very well
differentiated. Haloes in clusters with masses corresponding to galaxies and small
groups are underrepresented. The mass function of massive haloes closely resembles
the overall population. The mass function of haloes in filaments is almost comple-
mentary to the mass function in clusters. The mass distribution of haloes in walls
is an intermediate case and is steeper than the global population. This explains the
difficulty in detecting walls in galaxy surveys since walls are delineated mainly by
low-mass haloes. Haloes in voids show a very steep mass function, strongly avoid-
ing high masses.

ii).- The formation time of haloes is weakly dependent on morphological environ-
ment: Haloes tend to form earlier in the order walls - filaments - clusters. This is in
disagreement with previous findings of other authors. We argue that the discrepancy
is the result of the ill-defined concept of ”formation time” and its strong dependence
on the (stochastic) mass accretion history.

ii).- The sphericity and triaxiality of haloes varies as a function of their mass and
morphological environment. The effect is stronger for isolated haloes.

iii).- We find a small but clear dependence of the spin parameter with the morpho-
logical environment. From clusters to filaments, to walls and voids haloes spin more
rapidly.

iv).- The major axis of inertia of haloes is strongly oriented along the spine of the
filament or the plane of the wall in which the halo is located. Haloes with low
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masses at the present time were more strongly oriented than massive haloes at the
present time.

v).- The spin vector of haloes is oriented perpendicular to the spine of the filament
and parallel to the plane of the wall. Low mass haloes at the present time seem to
be more strongly oriented than high mass haloes.

vi).- The infall of matter of haloes in filaments is restricted to the direction of the
filament. The infall of matter of haloes in walls occurs mainly along the plane of the
wall.

4.1 Introduction

The Cosmic Web plays a key role in the determination of galaxy properties. It forms
the “stage” in which galaxy evolution takes place. The different morphological

components of the Cosmic Web (clusters, filaments, walls and voids) define unique en-
vironments. These environments correspond to different density ranges and dynamical
circumstances which in turn influence the interactions between galaxies and their sur-
roundings (see chapter 2). A well known example of the relevance of environment in
shaping the properties of galaxies is the morphology-density relation. The relation de-
scribes the gradual change in galaxy populations of different Hubble type as function
of their local density: Ellipticals populate predominately highly dense compact clusters
while lenticulars and spirals are distributed more uniformly across the entire Cosmic Web
(Dressler, 1980; Dressler et al., 1997). This morphology-density relation has been found
to be valid from the richest clusters down to the lowest densities. Several other studies
have also addressed the importance of the initial density environment from which the
galaxy emerged. (Bardeen et al., 1986; Kauffmann et al., 2004; Blanton et al., 1999,
2005a; Avila-Reese et al., 2005; Macciò et al., 2007, among others). However, the vast
majority of these studies focus on the comparison between the dense clusters and the
more diffuse “field”.

Local environment has been traditionally defined in terms of density, either computed
using a ”window” defining a smoothing length (Dressler, 1980; Melott et al., 1988; Blan-
ton et al., 1999; Vogeley et al., 1994), or self-adaptive scale methods such as the SPH
(Lucy, 1977), DTFE (Schaap & van de Weygaert, 2000) and wavelets (Martı́nez et al.,
2005) . Even when local density is found to offer a fair characterization of the local en-
vironment it fails in describing one crucial aspect: it does not take into account the local
dynamics, which determines the way a halo interacts with its local neighborhood. Effects
include tidal interactions, mass accretion, merging and fast encounters, cannibalism, mass
stripping, etc. Haloes in different morphological (and hence dynamical) environments
will experience different accretion and interaction histories which depend on more fac-
tors than only local density. For instance, it is well known that haloes get stripped of part
of their mass as they enter the dense environment of clusters where their interactions are
limited to fast encounters that do not result in merging given the high peculiar velocities
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inside the cluster (Gunn & Gott, 1972; Ghigna et al., 1998; Gill et al., 2005; Gao et al.,
2005; Hester, 2006). Filaments are highly coherent streams defining a predisposition in
the direction of mass accretion (West et al., 1991; van Haarlem & van de Weygaert, 1993;
Natarajan et al., 1998; Dubinski, 1998; Knebe et al., 2004; Aubert et al., 2004; Libeskind
et al., 2005; Benson, 2005; Altay et al., 2006; Lee & Evrard, 2007). This will not only
increase the probability of encounters, but also set their relative influence: it will severely
affect the shape, angular momentum and orientation of the emerging haloes. Haloes in
walls participate in a large-scale coherent motion representative of more quiet environ-
ments. The low density of such environment limits the effect of non-linear interactions
providing a clean test-bed to study the influence of the large-scale tidal field.

Two key factors will determine galaxy properties: the initial conditions from which
the proto-galaxy emerged and the subsequent interactions with its environment. Primor-
dial circumstances are set by the initial density fluctuation field from which galaxies will
condense and correspond to linear processes. Environmental circumstances are the result
of the history of the galaxy in terms of the dynamics of its local environment. They can
be linear or non-linear. Many traditional analysis of halo properties, such as mass func-
tions and formation times, are based solely on the basis of primordial conditions (Press
& Schechter, 1974; Cole & Lacey, 1996) or include basic environmental effects such as
merging. The mass function of haloes in dense clusters and underdense voids has been
studied by only considering the primordial overdensity from which the haloes collapsed
and including some simple environmental effects such as tidal force (Sheth & Tormen,
2004). Recently Lee (2006) proposed a formalism based on a broken hierarchy that ac-
counts for both the primordial and environmental processes that determine the final mass
of a halo. A complete theory of galaxy formation must include both primordial and envi-
ronmental effects in order to describe and predict the complex relation between galaxies
and their environment.

The most important example of the effect of environment on dark matter haloes is the
accretion of mass, determined to a first order by:

• The local density in the vicinity of the halo which determines the amount of matter
a halo can accrete given the available mass surrounding it. The expansion of the
Universe plays an important role by limiting the “horizon” inside which a halo can
accrete mass

• The kinematics of the environment surrounding the halo which determine whether
or not a halo is able to accrete mass. The accretion of mass in the “hot” environment
characteristic of clusters is limited by the high velocity dispersion of the particles.

• The particular anisotropy defined by the surrounding Megaparsec matter distribu-
tion of a halo may affect the direction and characteristics of the infall of matter (van
Haarlem & van de Weygaert, 1993).
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The result of these accreting processes is a nested system of haloes. This is a natural
consequence of the hierarchical scenario in which objects are formed in a bottom-up
fashion: small clumps of matter associate to produce even larger objects which may form
part of a larger system and so on. A clear example of this is our galaxy, the Milky Way
and its neighbor Andromeda. They are expected to merge in the future. Both galaxies
are located inside the Local Group consisting of several other galaxies. The Local Group
itself forms part of an even larger structure, the Local Supercluster.

The mass accretion is commonly described in terms of a characteristic “formation
time” which depends on the rate of mass accretion or the amount of matter accreted at a
given epoch (Gottlöber et al., 1999; Wechsler et al., 2002; Tasitsiomi et al., 2004; Sheth &
Tormen, 2004). The fact that there is no consensus on the proper definition of formation
time makes it difficult to compare studies between authors. Most of them, however, rely
on the properties of the mass accretion history to define formation time. Although this
choice may seem physically well motivated it is plagued by several inconsistencies given
the fact that in a hierarchical scenario the mass accretion is an often violent process that
greatly varies from halo to halo. Any assumption based on the properties of the mass
accretion histories will be affected by the stochastic nature of the mass growth.

4.1.1 Galaxy properties and the Cosmic Web

Angular momentum, shape and the Cosmic Web

One of the most remarkable effects of the Megaparsec matter distribution on galaxies is
that of angular momentum generation. The structural and dynamical properties of galax-
ies and their formation are closely related to the acquisition of angular momentum. It is
a key ingredient in models of galaxy formation (Mo et al., 1998; Van den Bosch, 1998;
Fall & Efstathiou, 1980; Cole et al., 2000). According to the Tidal Torque Theory (TTT)
galaxies acquire their angular momentum as a consequence of the tidal shear produced
by the neighboring primordial matter distribution (Hoyle, 1951; Peebles, 1969; Doroshke-
vich, 1970; Jones & Efstathiou, 1979; Fall & Efstathiou, 1980; White, 1984; Barnes &
Efstathiou, 1987):

Ji ∝ εi,j,kIj,lTl,k (4.1)

where Ij,l is the inertia momentum tensor of the proto-galaxy and Tl,k is the tidal shear
tensor generated by the surrounding matter configuration. A natural consequence of the
TTT is a correlation between the angular momentum of haloes and their surrounding
matter distribution (Efstathiou & Jones, 1979; Barnes & Efstathiou, 1987; Heavens &
Peacock, 1988; Lee & Pen, 2002; Porciani et al., 2002; Mackey et al., 2002). Also a close
relation between the angular momentum and halo’s shape, at least in the early phases
before the turnaround time. The same tidal field that gives origin to the morphological
features in the Cosmic Web is also responsible for the winding-up of proto-haloes. This
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unique relation between haloes and the Cosmic Web is the basis of theoretical predictions
on the orientation of the spin vector of haloes located in filaments and walls Lee & Pen
(2002); Lee (2004).

The acquisition of angular momentum is a complex process that depends on both
linear and non-linear effects. It can be divided in three basic processes:

• Tidal torquing (linear) produced by the primordial matter distribution, and the pos-
sible subsequent (non-linear) torque from large scale structures (filaments and clus-
ters) (Hoyle, 1951; Peebles, 1969; Doroshkevich, 1970; Fall & Efstathiou, 1980;
White, 1984).

• Merging with other haloes, which can be further divided in

– Contribution from the individual spin of the merging haloes

– Total orbital angular momentum of the merging system

(Jones & Efstathiou, 1979; Vitvitska et al., 2002; Maller & Dekel, 2002; Fal-
tenbacher et al., 2005; Shaw et al., 2006; Hetznecker & Burkert, 2006; Warnick
& Knebe, 2006).

• Anisotropic infall of haloes, in which the final angular momentum is mainly de-
termined by the angular momentum of the most massive progenitor (Peirani et al.,
2004; Faltenbacher et al., 2005; Warnick & Knebe, 2006).

The same processes that determine the spin acquisition of haloes also affect their shape,
mass and related properties. As a result of the often violent events in the history of
haloes and their possibly anisotropic infall one can expect them to be in general non-
spherical, as numerical experiments have confirmed (Bailin & Steinmetz, 2005; Allgood
et al., 2006; Altay et al., 2006; Bett et al., 2007). Along the same line (Plionis et al., 2003)
used the orientation of haloes as a probe of the relaxation state of clusters. The spin and
shape of haloes, and in particular, their alignment with respect to their surrounding matter
distribution contain imprints of both linear and non-linear effects and may serve as a probe
to the interactions between haloes and their environment.

Orientation studies have often shown contradictory results as a result of their strategy
in finding correlations between haloes and the large scale structure and with other haloes.
For instance, while Kashikawa & Okamura (1992); Navarro et al. (2004) and Brunino
et al. (2007) found that the spin of galaxies is aligned with the plane of the wall in which
they are embedded other authors seem not to detect any systematic alignment (Dekel,
1985). This is even true when using similar methods (Heymans et al., 2006; Patiri et al.,
2006b), although Heymans et al. (2006) artificially suppressed any possible correlation.
On the other hand similar studies of alignments in filaments seem to find that haloes are
perpendicular (Lee & Pen, 2002; Bailin & Steinmetz, 2005; Faltenbacher et al., 2002;
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Altay et al., 2006; Hahn et al., 2007b). Others find that they would be oriented parallel
(Hatton & Ninin, 2001).

Very recent findings by Trujillo et al. (2006); Aragón-Calvo et al. (2007); Brunino
et al. (2007) and Hahn et al. (2007b) seem to reach a general consensus that:

• Both the spin vector and the major axis of inertia of haloes located in walls lie in
the plane of the wall.

• The spin vector of haloes points in the direction perpendicular to the filament in
which they are located. (at least until masses of a few times 1011 h−1 M� (Aragón-
Calvo et al. (2007) and later confirmed by Hahn et al. (2007a)).

• The major axis of inertia of haloes is strongly aligned with the direction of the
filament in which they are located.

4.1.2 Work plan

In the present study we address the effect of the large scale matter distribution in the
determination of the properties of haloes. The matter distribution is characterized in terms
of its morphology in clusters, filaments and walls by means of the Multiscale Morphology
Filter introduced in chapter 2. The ability to identify the different morphological and
dynamical environments (see chapter 3) is crucial in order to differentiate between the
primordial and environmental effects that determine the properties of haloes. Here we
elaborate on the results presented in Aragón-Calvo et al. (2007). It concerns a study of
the spin and shape alignment of dark matter haloes located in filaments and walls at the
present time. Here we extend those results to include the evolution in time as well as a
more complete description of haloes in terms of their general properties such as mass,
shape, spin parameter, etc. We study the properties of dark matter haloes in terms of
environment focusing on

• halo mass function,

• halo formation times,

• halo shapes,

• halo rotation and spin,

• halo alignments.

In section 2 we describe the computer simulations that form the basis of our study. We in-
troduce the halo/subhalo finders and present a list of the properties we computed for each
halo in order to produce the halo catalogue. Section 3 presents a few cases describing the
infall of matter in haloes located in filaments and walls and the effect it has on their shape
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and spin orientation. In sections 4 to 7 we study the general properties of haloes such as
mass function, formation times, shapes and spin parameter in terms of the morphology
in which they are located. Section 8 presents a study on the orientation of shape and spin
vectors of haloes with respect to their host filament or wall as function of the mass of
the halo and as a function of time. A summary of our main findings and conclusions are
presented in section 9.

4.2 N-body simulations and halo catalogues

The results presented in this chapter are based on a large cosmological N-body simulation
containing 5123 dark matter particles inside a cubic box of 200 h−1 Mpc. The number
of particles and boxsize was chosen as a compromise between a sufficiently high mass
resolution needed to resolve galaxy-sized dark matter haloes and at the same time to pro-
vide with a significant number of cosmological structures, in particular the tenuous walls.
The enormous dynamical range needed makes it very difficult to completely achieve both
goals unless one uses zooming techniques (Klypin et al., 2001) focused on specific re-
gions. In our case this is unfeasible given the fact that our study is not restricted to a
specific region but to the complete simulation box.

The simulation has been done using the public version of the parallel Tree-PM code
Gadget2 (Springel et al., 2005). We adopted the concordance ΛCDM cosmological model
Ωm = 0.3, ΩΛ = 0.7, h = 0.7 and σ8 = 0.7. The mass per particle is 4×109 h−1 M�, the
softening length was set to 25 h−1 kpc (comoving) until z = 2 and 8 h−1 kpc (physical)
after that time. We stored 20 snapshots spaced in logarithmic intervals of the expansion
factor a starting at a = 0.02 until the present time a = 1.

On the basis of the same initial conditions file we generated a lower resolution version
of 2563 particles, following the averaging procedure described in Klypin et al. (2001).
The low-res version was used to compute density fields.

4.2.1 Morphological environment

The matter distribution was classified as cluster, filament or wall using the MMF. Figure
4.1 shows two views at different angles of the particles in a sub-box of the N-body simu-
lation (left panels), a subsample of particles in filaments (center panels) and walls (right
panels). In order to help the reader in visualizing the filaments and walls we plot on top
of each particle the eigenvector of the Hessian matrix (see chapter 2 section 5.2)

H =
∂2f

∂ri∂rj
(4.2)

computed at the grid cell where the particle is located. The eigenvectors indicate the
direction of filaments and the perpendicular to the plane of the walls respectively. The two
walls depicted in figure 4.1 have a two dimensional nature: the vectors normal to the plane
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Figure 4.1: Particles inside a sub-box of 37.5 × 75 × 100 Mpc h−1. Only a small fraction of
the total number of particles is shown for clarity (top-left panel), and the same sub-box rotated
110 degrees (bottom-left). Filaments are delineated by a subsample of the particle distribution
and a vector indicating the direction of the filament. (middle-top and middle-bottom). Two walls
are detected in the sub-box (regions delimited by a solid line and a dashed line in top-right and
top-bottom panels). On top of each particle we plot a vector perpendicular to the plane of the wall.
These vectors point perpendicular to us when the wall is seen edge-on (dashed region top-right
and solid region bottom-right) and point towards us then the wall is face on (solid region top-right
and dashed region bottom-right).

of the wall are pointing to the observer when the wall is seen face-on and perpendicular
when the wall is see edge-on. The orientation of the halo’s shape, spin vector, infall of
matter, etc. will be determined with respect to the local direction of filaments and walls.

4.2.2 Halo catalogues

Luminous galaxies are the most widely used tracers of the Cosmic Web. They are as-
sumed to be “biased” tracers of the underlying matter distribution (Kaiser, 1984; Peacock
& Heavens, 1985; Dekel & Rees, 1987). In the current paradigm of galaxy formation lu-
minous galaxies are associated with massive dark matter haloes. Their properties are sup-
posedly strongly related to their host dark matter halo. This may provide a link between
numerical models and the real universe (Mo & Fukugita, 1996; Wechsler et al., 1998;
Scoccimarro et al., 2001; Cooray & Sheth, 2002). Current state-of-the-art computer sim-
ulations are able to reproduce several properties of the observed galaxies by advocating
to a number of physical processed encoded in semi-analytical models (White & Frenk,
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1991; Cole, 1991; Cole et al., 1994; Evrard et al., 1994; Kauffman, 1999; Somerville
& Primack, 1999; Cole et al., 2000; Mathis et al., 2002). Such models involve simpli-
fications of complex (and poorly understood) physical processes and do not take into
account both non-linear and environmental effects. In our study we focus on pure dark
matter haloes. We do wish to avoid any assumption of unknown physical processes that
may affect or determine the way galaxies interact with their environment, and with other
galaxies, as they evolve in the Cosmic Web.

A dark matter halo is defined as a concentration of matter which is gravitationally
self-bound and virialized:

U + T < 0
U + 2T = 0.

(4.3)

The spherical collapse model defines a simple criteria to define virialized haloes in terms
of their relative overdensity. A concentration of matter is considered to be virialized if its
density contrast is equal or larger than �virial ∼ 300 1.

4.2.3 Hierarchy of haloes

In the hierarchical picture of structure formation the notion of a virialized halo goes be-
yond that of a dense clump of matter. The mass accretion of hierarchically formed haloes
can be divided in three basic processes defined by the ratios between the halo’s mass and
the accreted clumps:

• Steady accretion of surrounding matter in the form of both isotropic and anisotropic
infall.

• Cannibalism of smaller groups or clumps which often suffer violent disruption by
the strong tidal field of the larger group.

• Merging with other haloes of similar size, after which the identity of both haloes
may be impossible to unambiguously identify.

It is common to find in the literature the terms groups, subgroup, halo, subhalo, galactic
halo, group of galaxies, etc. used indistinctly. In order to avoid confusion among the
various concepts and for clarity we specify and define these terms along the lines listed
in table 4.1.

1For a LCDM cosmology and at the present time
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Galactic halo The term galactic halo is used in the literature to refer to haloes (in
our convention) with masses lower than a few times 1012 h−1 M� .
“galactic” stresses the fact that such haloes are assumed to host lumi-
nous galaxies .

Groups of galaxies This refers to virialized haloes with masses between a few times 1012

h−1 M� and 1014 h−1 M� . Groups of galaxies contain typically up to
a few tens of galaxies and their associated galactic subhaloes.

Cluster Refers to virialized haloes or groups of galaxies with masses larger than
1014 h−1 M� . Clusters can contain hundreds and even thousands of
galaxies and their associated galactic haloes.

Group An association of particles usually defined in terms of a density thresh-
old. Groups refer to general associations of particles with no particular
physical meaning.

Subgroup A subset of particles that form part of a larger group. Subgroups are as-
sociated to substructures present in groups. Subgroups as well as groups
(in our definition) do not need to represent physical objects.

Halo Halo refers in the most general sense to a self-bound group of particles
that may be:
Isolated and containing no substructure, or
embedded inside a larger virialized halo (therefore a subhalo).
We use the term halo to refer to self-bound objects regardless of whether
or not they are isolated or form part of a larger virialized halo. Haloes
are self-bound objects and do not contain substructure (defined by the
smoothing window used in the the FracHop finder).
A subhalo that is its own host virialized halo is in our definition also a
virialized halo, i.e. a virialized halo with no substructure. There is an
ambiguity between the terms virialized halo and halo in this case. When
necessary we will explicitly indicate the difference in the text.

Virialized halo A group with density equal or higher than the virial density predicted by
the spherical collapse model. (Note that density alone does not warranty
virialization). Virialized haloes may contain substructure up to several
nesting levels or may be isolated objects with no substructure (deter-
mined by the mass resolution and the smoothing length of the subhalo
finder). We use the term “virialized” to stress that virialization is the
only relevant property defining these objects.

Subhalo A bound group embedded inside a larger virialized halo. Subhaloes are
clearly defined against the diffuse background particles that form the
halo in which they are embedded. They are associated with luminous
galaxies. By construction subhaloes identified with FracHop do not
contain substructure since each FracHop subhalo is defined by the lo-
cal maximum in the smoothed density field convolved with a Gaussian
window of fixed width.

Table 4.1: Definitions of the different terms used in this work.
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Halo and subhalo finders

The problem of identifying dark matter haloes from a discrete particle distribution is
closely related to the computational group finding problem. One of the most widely used
group finders is the friends of friends (FoF) algorithm (Davis et al., 1985) which identifies
groups by associating particles with separations smaller than a given linking length. This
is usually defined in terms of the mean interparticle separation, effectively linking parti-
cles above some density threshold. Since the FoF algorithm is based only on the interpar-
ticle distance it has the tendency of linking adjacent groups by thin bridges of particles,
often producing unnatural looking structures (Bett et al., 2007). One improvement of FoF
is the HOP group finder (Eisenstein & Hut, 1998). It links particles by associating each
particle to the densest of its N-closest neighbors, until it finally reaches the particle that
is its own densest neighbor and finally it applies a series of validations. Groups identified
with HOP are almost identical to those found with FoF but present fewer artificial bridges
between close groups.

Subhaloes identified in computer simulations as part of a larger hierarchical system
can be related to galactic haloes embedded in groups of galaxies and clusters of galaxies.
Various algorithms have been devised in order to deal with the identification of subhaloes.
Some of them do not account for the hierarchical nature of virialized haloes. Instead they
are based upon the dynamics of the halos and/or consider self-bound systems. DENMAX
was the first of those methods (Gelb & Bertschinger, 1994), followed by its improved
implementation SKID (Weinberg et al., 1997) and Bound Density Maxima BDM (Klypin
et al., 1999). Other methods attempt to identify subhaloes associated to highly dense sub-
clumps of matter. These methods simply identify overdensities above an arbitrary value,
usually in the range 500-1000 of the mean density (Sugerman et al., 2000; Chen & Jing,
2002; Peirani et al., 2004; Brunino et al., 2007). The more advanced methods take into
account the hierarchical nature of virialized haloes. Examples are the hierarchical friends-
of-friends (Gottlöber et al., 1999), ADAPTAHOP (Aubert et al., 2004), the MLAPN halo
finder (Gill et al., 2004), SubFind (Springel et al., 2001) and the substructure finder de-
veloped by Weller et al. (2005) among others. Some of these methods are able to identify
haloes and their embedded subhaloes even to several nesting levels.

4.2.4 HOP and FracHOP halo catalogues

In this study we produced virialized halo and halo catalogues using two different halo
finders:

• HOP halo finder, used here for the identification of self-bound virialized haloes
regardless of their inner structure.

• FracHOP subhalo finder, based on a modification of the original HOP algorithm.
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Figure 4.2: A sample of 6 large haloes identified with HOP and their subhaloes identified with
FracHop (see text for details). The gray scale indicates density in logarithmic scale, dark-gray
particles have higher density than light-gray ones. The circles enclose all subhaloes except the
largest one, and are scaled as M1/3

halo with arbitrary size chosen to give a clear impression of the
substructures.

FracHOP identifies subhalos embedded in virialized haloes previously identified
using HOP by exploiting the topological properties of the smoothed density field.

Figure 4.2 shows several examples of subhaloes identified with FracHOP at present time.
This figure illustrates the difference between haloes and the substructure they contain as
a result of their hierarchical formation. Instead of being simple homogeneous objects,
virialized haloes are complex systems with nested subhaloes. FracHop successfully iden-
tifies substructures embedded in larger objects. However, the fact that the topology of the
haloes is analyzed at a fixed smoothing length introduces some limitations on the range
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of objects FracHop can identify. FracHop can not deal with several nesting levels and is
not able to identify the substructure present in the subhaloes themselves. Another perhaps
more important limitation is the systematic underestimation of massive haloes, since they
are broken into smaller systems. One can alleviate this problem by “reassigning” unbound
particles in a subhalo to the largest subhalo in the parent halo (Springel et al., 2001). In
the present implementation of FracHop we did not attempt to correct this effect since
we are interested in Milky Way size subhaloes identified with an appropriately specified
smoothing length.

4.2.5 Halo properties

For each halo we compute the following properties:

• Mass: Defined as the number of particles in the halo multiplied by the mass per
particle.

MHalo = Npartmpart (4.4)

• Radius, defined as the maximum extent of the halo. This radius is not necessarily
the same as the virial radius Rvir. Strictly speaking the virial radius of a subhalo
is the radius of its parent virialized halo. This virial radius corresponds to the
maximum extent of the parent halo.

• Center of mass: Computed as the mean position of all particles in the halo.

xcom =
1

Npart

Npart∑
i

xi (4.5)

• Shape, determined on the basis of the ratios between the principal axis of inertia
of the halo, defined as:

Ii,j =
∑N

i xixj∑N
i mi

, (4.6)

where the positions xi and xj are with respect to the center of mass xcom and the
summation is over all particles in the halo. The axes of inertia are defined in terms
of the eigenvalues of the inertia tensor as,

a =
√
λ1, b =

√
λ2 and c =

√
λ3, (4.7)

where a > b > c. The degree of sphericity, oblateness p (pancake shaped) and
prolateness q (egg shaped) are usually parametrized by,
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s =
c

a
; p =

b

a
; q =

c

b
. (4.8)

Another measure of shape is the triaxiality parameter:

T =
a2 − b2

a2 − c2
. (4.9)

High values of triaxiality indicate prolateness while low values correspond to an
oblate configuration.

• Angular momentum, defined as:

J =
N∑
i

mi ri × (vi − v̄) (4.10)

where mi is the mass per particle, ri is the distance to each particle from the center
of mass of the halo, vi is the peculiar velocity of the particle and v̄ the mean (bulk)
velocity of the halo. It is often preferable to express the angular momentum in terms
of the dimensionless spin parameter λ (Peebles, 1969). We used a modified version
that is computationally less intensive than the original (Bullock et al., 2001):

λ =
|j|√

2RvirVvir

(4.11)

where j is the specific angular momentum:

j =
1

NHalo

NHalo∑
i=0

ri × vi, (4.12)

and

Vvir =
GMvir

Rvir)1/2
(4.13)

is the circular velocity at the virial radius Rvir.

4.3 Halo evolution and large scale environmental influence:
case studies

One crucial aspect of halo formation and evolution is the mass accretion. This may have
an important effect in the shape of the halo as well as its orientation (shape and spin) once
the interactions with the environment become nonlinear. The mass accretion in haloes is
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largely determined by the geometry of the Megaparsec matter distribution which defines
the local dynamics (Bond et al., 1996; van de Weygaert & Bertschinger, 1996; van de
Weygaert, 2005). The tidal field responsible for the shaping of the filaments and walls
also influences the shape and orientation of primordial clumps of matter and sets the
specific directions along which matter is accreted.

The infall of matter can be described by a multipole expansion in which each compo-
nent of the expansion corresponds to a specific geometry pattern. The first three compo-
nents of the expansion are:

• The monopole component (divergence) corresponds to the isotropic accretion of
mass. It does not depend on external forces, it is the result of the overdense or
underdense character of the regions under study. Due to its isotropic nature, the
monopole does not affect the shape and spin orientation of a halo.

• The dipole component is the result of the bulk motion of the halo or the flow of
matter in which the halo also participates.

• The quadrupole term (shear) of the infall is associated to the anisotropic infall of
matter. It determines the main directions from which matter is accreted. It also
determines if the infall occurs mainly along a line or a plane.

In this section we present a several study cases of the mass accretion in haloes located in
filaments and walls. We study the distribution of infalling matter at the present time inside
radial shells centered in the halo. For a few haloes we also show the infall of matter at
different times. Subsequently we present a study of a larger sample in which the strength
of the effect, although present, is less prominent.

Our assessment of matter infall on to haloes is restricted to isolated haloes because
they represent a cleaner large scale environment. The dynamics of the local environment
of haloes embedded in larger virialized haloes is dominated by non-linear interactions.
This may erase any signature of the possibly anisotropic infall of matter induced by its
large scale morphological environment.

We will first study the infall along filaments, subsequently that involved with walls.

4.3.1 The infall ellipsoid

In order to study the infall of matter we ignore the monopole and dipole components of
the multipole expansion and concentrate only on the quadrupole term. The quadrupole
term reflects the anisotropies of the infall of matter in a simple way. We characterize the
quadrupole by defining an infall ellipsoid in a similar way as the distribution of matter in
haloes is described by an ellipsoid (see section 4.6). This infall ellipsoid is restricted to
infalling particles. The main axes of the infall ellipsoid correspond to the eigenvalues li
of the tensor
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Figure 4.3: Infall of matter in a halo. The gray ellipsoid represents the halo, where a is corre-
sponds to the major axis of inertia of the halo. ΦI is the angle between the direction of the host
filament and the main axis of inertia of the halo a (see section 4.6). The infall of matter is shown
as curved arrows flowing into the infall ellipsoid represented by the large ellipsoid.

Mkl =
N∑
i

xik, xilwi, (4.14)

where xik and xil are the k − th and l− th coordinate of the particle i. The eigenvectors
are ordered as l1 > l2 > l3. wi is a weight given by:

wi =
vi

|vi|
· xi

|xi|
(4.15)

where vi is the peculiar velocity of the particle i and the summation is performed over all
infalling particles inside the shell, defined as particles that satisfy:

vi · xi < 0. (4.16)

Particles with a peculiar velocity perpendicular to the radial direction are given low
weights while particles with a peculiar velocity directed outside the halo are discarded.

Infall ellipsoid of haloes in filaments

The matter accretion along a line or filament can be characterized by one large eigenvalue
and two smaller ones. This corresponds to an infall ellipsoid with prolate shape with
eigenvalues l1 > l2  l3 (see equation 4.14). In this geometry the main infall direction is
indicated by the largest eigenvalue l1. Figure 4.3 shows an idealized model of the infall
of matter in a halo with mass accretion along a line. The halo is represented by a gray
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Figure 4.4: Infall of matter in a halo. The gray ellipsoid represents the halo, where a is corre-
sponds to the major axis of inertia of the halo. ΦI is the angle between the plane of the wall and
a. The infall of matter is shown as curved arrows flowing into the infall ellipsoid represented by
the large ellipsoid.

ellipsoid with axis ratios determined from its inertia tensor (equation 4.6). We show the
angle between the main axis of inertia and the direction of the filament in which the halo
is located. The infall pattern is indicated as a flow by curved arrows and represented by
the infall ellipsoid.

Infall ellipsoid of haloes in walls

Infall of matter restricted to a plane, as in the case of walls, can be described by one small
eigenvector (perpendicular to the plane) and two large ones (lying on the plane). This
corresponds to an infall ellipsoid with oblate shape (l1  l2 > l3). The direction normal
to the plane is indicated by the smallest eigenvector l3. Figure 4.4 shows an idealized
model of the infall of matter along a plane. For clarity we only show the infall of matter
as curved arrows and the infall ellipsoid.

4.3.2 Haloes in filaments

In order to visualize the infall from the immediate external matter distribution we pro-
duced AITOF projections of the surrounding infalling particle distribution. The AITOF
projection is a useful representation to show a sky projection of the matter as seen from the
center of the halo. Figure 4.5 shows several examples of the projection on the sky of dark
matter particles (taken from the 2563 simulation) inside a shell of radius rHalo < rshell <

5 h−1 Mpc centered at the center of mass of isolated haloes located in filaments. We dis-
card particles inside the halo since they have been already accreted and if plotted they
would obscure the view. The external radius of the shell was chosen in order to avoid



140 4. Properties of Dark Matter Haloes in the Cosmic Web

small-scale anisotropies in the infall pattern that may result from nonlinear interactions.
With such radius we also include the local large scale structure up to ∼ 2 times the radius
of a typical filament (see chapter 3). The directions shown in figure 4.5 and the following
figures are described in table 4.2.

Symbol Description Applies to
Big circles Projected direction of the filament in which the halo

is located (eF). The direction of the filament is fixed
at all times.

Filament

Thick arrows Indicate the main direction of infall of matter cor-
responding to the largest eigenvector l1 computed
from equation 4.14

Filament

Sun symbol Represents the direction of the spin vector of the
halo computed from equation 4.27.

Halo

Ellipsoid Indicates the direction of the main axis of inertia of
the halo computed from equation 4.6.

Halo

Light-gray
great circle

Indicates the plane of the wall in which the halo in
embedded at present time.

Wall

Dark-gray
great circle

Indicates the plane of infall. For walls we use
the eigenvector corresponding to the smallest eigen-
value computed from equation 4.14 in order to de-
fine the normal perpendicular to the plane of infall.

Wall

Table 4.2: Symbols used to describe infall, shape and morphology for haloes in filaments and
walls.

From figure 4.5 we can see that the filament in which the halo is embedded defines the
direction of infall which moulds the halo’s shape. The close coupling between the di-
rection of the filament, the main direction of infall and the shape of the halo is evident
and sets strong constraints on the expected orientation of haloes in relation to their parent
filament. The main axis of inertia of haloes is aligned with the direction of their host
filament. There is no clear relation between the spin vector and the direction of infall or
the direction of the filament. This is expected given the small magnitude of the alignment
effect (see section 4.8).
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Sample of haloes

a

b c

d e

Figure 4.5: Top-left: Definition of the various directions shown in the figure. Other panels:
the projection on the sky (as seen from the center of 5 different haloes a,b,c,d,e identified at
the present time) of dark matter particles inside a shell of rHalo < rshell < 5 h−1 Mpc. The
position on the sky where the filament enters the shell surrounding the halo is indicated by the
large light-gray circles. The direction of the major axis of inertia of the halo is indicated by the
filled ellipsoid. The main direction of infall of matter computed from equation 4.14 is indicated
by the thick arrows pointing to the top of the page. The direction of the spin vector of the halo is
indicated by the large sun symbol �.
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Time evolution

Figures 4.6 and 4.7 show the direction of infall, filament, shape and spin vector of haloes
a and b in figure 4.5 at six different times. The direction of the filament in kept fixed to
its direction at the present time. Our main findings can be summarized as follows:

• The infall of matter at present the time is strongly correlated with the direction of
the filament in which the halo is located. As one goes to earlier times the direction
of infall gradually changes.

• In general, there are no large jumps in the direction of infall (also seen in many
other haloes not shown here). A jump in the direction would be expected during a
large merging event.

• The orientation of the halo’s shape suffers several jumps induced by accretion of
large clumps of matter which momentarily affect their direction (van Haarlem &
van de Weygaert, 1993). However, the shape orientation is relatively robust to those
changes.

• The infall of matter is in most cases related to large associations of particles delin-
eating the direction of the filament at that particular time.

• The direction of neighboring haloes is largely defined by the direction of infall
which is defined by the direction of the filament. This sets a predisposition in the
direction of interactions between haloes. According to figure 4.5 mergers are to be
expected along the direction of the infall/filament.

Figure 4.8 shows the main angle between the direction of infall of a sample of haloes,
the direction of their parent filament (left panels) and the direction of infall and the shape
of the haloes (right panels). Both plots are shown as a function of time (top panels) and
mass accretion (bottom panels). The direction of infall is weakly oriented with the fil-
ament at early times. This indicates that although the general large scale orientation of
filaments remains unaffected at different epochs, at small scales it may change consider-
ably. At very early stages the local direction of the proto-filaments may not necessarily
be aligned to the direction of the filament at present time (see figure 3.22). At later times
the direction of infall becomes more correlated with the direction of the filament. This is
to be expected as a consequence of the Megaparsec scale tidal field which ultimately de-
termines the direction of the filament (Bond et al., 1996). The same effect is observed as
function of the mass accretion of the haloes. The shape of the haloes tends to be aligned
with the direction of infall in shells up to 3 h−1 Mpc from early times until the present
time. There is no significant change in the strength of the shape-infall orientation. This
reflects the role of the infall in moulding the shape of the haloes via their local filament.
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Time evolution, halo a

z = 2.03 z = 1.59

z = 1.04 z = 0.61

z = 0.26 z = 0

Figure 4.6: Evolution in time of the infall of matter around a shell of size rHalo < rshell < 5
h−1 Mpc centered in the halo a shown in figure 4.5. The position on the sky where the filament
enters the shell surrounding the halo is indicated by the large light-gray circles. The direction of
the major axis of inertia of the halo is indicated by the filled ellipsoid. The main direction of infall
of matter computed from equation 4.14 is indicated by the thick arrows pointing to the top of the
page. The direction in which the arrows point has no particular meaning. The direction of the spin
vector of the halo is indicated by the large sun symbols �.
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Time evolution, halo b

z = 3.83 z = 2.03

z = 1.04 z = 0.61

z = 0.26 z = 0

Figure 4.7: Evolution in time of the infall of matter around a shell of rHalo < rshell < 5 h−1

Mpc centered in the halo b shown in figure 4.5. The position on the sky where the filament enters
the shell surrounding the halo is indicated by the large light-gray circles. The direction of the
major axis of inertia of the halo is indicated by the filled ellipsoid. The main direction of infall
of matter computed from equation 4.14 is indicated by the thick arrows pointing to the top of the
page. The direction in which the arrows point has no particular meaning. The direction of the spin
vector of the halo is indicated by the large sun symbols �.
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Infall-LSS Infall-Shape

Figure 4.8: Top panels: mean angle between the main direction of infall and direction of the
major axis of inertia of a sample of 100 haloes and the direction of the parent filament as function
of the expansion factor. Bottom panels: same as top panels but as function of the mass growth.
Shaded areas indicate error bars computed from 1000 Monte Carlo realizations of random points
in the interval 0-1 with the same number of points as the real sample.

4.3.3 Haloes in walls

Figure 4.9 shows several examples of the distribution of dark matter particles (taken from
the 2563 simulation) projected on the sky inside a shell of radius rHalo < r < 5 h−1 Mpc
viewed from the center of mass of isolated haloes. The description of the symbols used
is presented in table 4.2.

The projected distribution of matter shown in figure 4.9 clearly delineates the plane
of the wall a well as the plane of infall. Several haloes can be seen in the vicinity, always
contained in the plane of the wall. This is especially clear in frames a, c and e. In frame
e we can identify two large associations of particles at opposite directions in the sky
suggesting a filament instead of a wall. However, the overall matter distribution has a
planar nature. This is demonstrated by its close match to the great circle of both the wall
and in plane of infall.
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Sample of haloes in walls

a

b c

d e

Figure 4.9: Top-left: Definition of the various directions shown in the figure. The halo is repre-
sented by a filled ellipsoid with major axis of inertia

−→
S . The vectors pointing to the center of

the halo illustrate the infall of matter represented by the vector normal to in infall plane
−→
I . Other

panels: Projection on the sky of particles inside a shell with inner radius equal to the radius of the
halo and external radius of 5 h−1 Mpc. The direction of the major axis of inertia of the halo is
indicated by the ellipse symbol, the spin vector is indicated with the sun symbols, the plane of the
wall corresponds to the light gray line and in plane of infall is represented with the dark gray line.
See text for details.



4.3. Halo evolution and large scale environmental influence: case studies 147

This apparent inconsistency is the result of the close relation between filaments and
walls, the former often being found crossing large walls. In fact, in a hierarchical scenario
one expects that even walls are characterized by considerably filamentary substructure.
Frame b is a special case in which the planar nature of the wall is not obvious. Two (or
maybe three) small filaments cross the sky and merge at the plane of the wall.

There is a clear correlation between the plane of the wall and the plane of infall as
expected if the accretion of matter occurs via the walls. This suggest that the plane of
infall could potentially be used as a “cheap” wall finder, or at least as a good indicator
of the character of the matter configuration surrounding a halo. Walls could then be
identified as neighborhoods with a planar infall pattern characterized by the ratio between
the eigenvalues computed from equation 4.14. This particular infall pattern is the result
of the shear flows induced by the Megaparsec-scale matter distribution. This prescription
could be extended to a multiscale analysis without great effort. Such study is beyond the
scope of the present work.

There is a strong alignment between the orientation of both the major axis of inertia
of the halo and the direction of its spin vector with the plane of the wall in figure 4.9.
Even more striking is the excellent coupling between the direction of the spin vector and
the plane of the wall. From the five examples only one deviates from the plane of the
wall. Haloes in walls seem to have their spin vector more strongly oriented with the plane
of their parent wall than their more erratic counterpart in filaments.

Time evolution

Figures 4.10 and 4.11 show the evolution in time of the plane of infall, the orientation
of the major axis of inertia and the spin vector of haloes c and e. This figure illustrates
the unique dynamical environment defined by walls. While at present time the infall of
matter occurs predominantly via the plane of the wall, at early times it is perpendicular to
it, reflecting its collapse. The distribution of matter in the vicinity of the halo delineates
the plane of the wall from very early times indicating that the final orientation of the wall
retains “memory” of its primordial orientation. This may provide a unique prove of the
linear phases of the Universe.

Note the frame at redshift z = 2.85 in Figure 4.10: we can appreciate the collapse
of two (projected) filamentary structures into the plane of the wall. The direction of the
major axis of inertia of the halo varies at different times but it is in general close to the
plane of the wall. The spin vector seems to maintain its orientation at different times. This
stands in contrast to the more erratically oriented haloes in filaments. The fact that the spin
vector of haloes in walls is more strongly oriented than their counterpart in filaments was
already shown in Aragón-Calvo et al. (2007). This reflects the more quiet and coherent
environment which characterizes walls. In this respect walls of galaxies may offer a
unique prove to test theories of large scale structure and galaxy formation. It will allow a
detailed study of the environment defined in terms of linear and non-linear influences.
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Time evolution, halo c

z = 5.15 z = 2.85

z = 1.59 z = 1.04

z = 0.61 z = 0

Figure 4.10: Projection on the sky of particles inside a shell with inner radius equal to the radius
of the halo and external radius of 5 h−1 Mpc. The direction of the major axis of inertia of the halo
is indicated by the ellipses, the spin is indicated by the circle with the dot. The light gray thick
line indicates the plane of the wall and the dark gray thick line the plane of infall. The plane of
the wall is fixed to its orientation at the present time. Each figure corresponds to a different time.
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Time evolution, halo e

z = 2.85 z = 1.59

z = 1.04 z = 0.61

z = 0.26 z = 0

Figure 4.11: Projection on the sky of particles inside a shell with inner radius equal to the radius
of the halo and external radius of 5 h−1 Mpc. The direction of the major axis of inertia of the halo
is indicated by the ellipses, the spin is indicated by the circle with the dot. The light gray thick
line indicates the plane of the wall and the dark gray thick line the plane of infall. The plane of
the wall is fixed to its orientation at the present time. Each figure corresponds to a different time.
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Infall-LSS Infall-Shape

Figure 4.12: Top panels: mean angle between the main direction of infall and direction of the
major axis of inertia of the halo and the direction of the parent wall as a function of the expansion
factor. Bottom panels: same as top panels but as function of the mass growth. Shaded areas
indicate error bars computed from 1000 montecarlo realizations of random points in the interval
0-1 with the same number of points as th real sample.

Figure 4.12 shows the angles between the plane of infall and the plane of the wall
in which the halo is embedded (left panels) and the plane of infall and the major axis
of inertia of the halo (right panels) as function of time (top panels) and mass accretion
(bottom panels). At early times the direction of infall is perpendicular to the plane of the
wall reflecting the collapse predicted by Zel’Dovich (1970). The effect can be seen only
at large scales rshell = 3 h−1 Mpc. At smaller scales rshell < 3 h−1 Mpc the direction of
infall is oriented with the plane of the wall at all times. This suggests that haloes in walls
may accrete mass from small filaments produced by the fragmentation of their parent
wall. The different infall patterns as function of scale reflects the influence of both linear
(large scale) and non-linear (small scale) effects. Linear effects are highly coherent and
stretch along large distances (van de Weygaert, 2002). Non-linear effects have a more
local influence and are erratic in nature.
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An example of this may indeed be seen in figure 4.10 where we can see the emergence
of two filaments at redshift z = 2.85 and their subsequent merging. At all times the two
filaments are located close to the plane of the wall suggesting that they in fact form part
of it. The two associations of particles at the points where the two filaments intersect cor-
respond to haloes which are fed by them and are therefore oriented in the same direction.
Even when the plane of infall at early times is perpendicular to the plane of the wall it
seems that at scales corresponding to galactic haloes the infall of matter is restricted to the
plane of the wall at all times. The same may not be true for larger haloes that collapsed
from larger volumes. Those haloes will experience the two dynamical regimes of walls:
the primordial collapse and the subsequent fragmentation into small filaments that set the
new direction of infall. This can be seen from figure 4.12 where at large scales the shape
of the halo tends to be less aligned with the main direction of infall. At smaller scales,
however, the shape and direction of infall are well correlated and in fact the correlation is
stronger at earlier times.

4.4 Halo mass function

The Cosmic Web consist of a mixture of compact collapsed haloes embedded in a more
diffuse medium. The haloes follow the cosmic web patterns closely. Clusters, filaments
and walls define regions where most haloes have formed given their relative higher den-
sity contrast. Most of our knowledge on the spatial distribution of matter in the universe
comes from galaxies observed in large surveys. This makes it necessary to assess how
far haloes delineate the Cosmic Web 2 and what the properties of these haloes are. In
this section we present a study of the general properties of dark matter haloes located in
clusters, filaments, walls and the field.

Figure 4.13 shows the location of virialized haloes in a slice of the simulation box.
The distribution of haloes differs only in that large virialized haloes are broken into sev-
eral smaller haloes (see figure 4.2). The four boxes show virialized haloes in clusters,
filaments, walls and the field as white filled circles. The size of the circles scales with
mass. They are superimposed on the underlying density field, grayscale background.
Virialized haloes delineate the morphological components of the cosmic web in meticu-
lous detail. Note that they not only follow the Large Scale Structure but their mass seems
to be closely related to the morphology in which they reside. The mass of haloes de-
creases in the order clusters-filaments-walls-field reflecting the characteristic densities of
each morphology.

2This was partially studied in chapter 3.
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Figure 4.13: Virialized haloes in clusters, filaments, walls and voids starting at the top left panel
clockwise. The size of the virialized haloes is scaled with their mass. The underlying density field
(in logarithmic scale) is depicted by the gray shades in the background.

4.4.1 Mass, density and morphology

Figure 4.14 shows the distribution in mass and density for haloes located in clusters,
filaments, walls and voids. Haloes in each morphological environment cover a particular
range in density. This is also reflected in their mass, haloes in clusters are the most
massive and are associated to the densest environments compared to other morphologies.
This is expected since massive haloes are the result of the collapse of the high peaks
in the primordial matter distribution (Bardeen et al., 1986; Peacock & Heavens, 1985).
Since the mass of a halo depends on the overdensity of its primordial peak and clusters,
filaments, walls and voids cover a distinctive range of densities one can assume their
characteristic masses to be also different.
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Figure 4.14: Distribution in mass and density contrast. We show the results for haloes located in
clusters, filaments walls and voids (clockwise starting at the top-left panel). Haloes were identified
with HOP from the 5123 simulation. The density contrast corresponds to the value of the DTFE
pixel in which the halo is located. The grayscale distribution was produced by assigning each
halo to a grid equally spaced in the logarithm of the density contrast Log10(δ+1) and Log10 h

−1

M�. We superimpose 5 contour lines equally spaced in logarithmic intervals to help visualize the
shape of the distributions.
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4.4.2 Mass function

Figure 4.15 shows the mass function of virialized haloes (left panel) and haloes (right
panel) in clusters, filaments, walls and voids (thin solid, dashed, dotted and dot-dashed
lines respectively). Voids were defined as regions which were not labeled as cluster,
filament or wall by the MMF and have a relative density of δ < −0.2. We identified
haloes by using the SubFind halo finder described in Springel et al. (2001). The reason
for this is the limitation in the maximum mass of haloes identified with FracHop (See
Section 4.2.3). FracHop tends to break haloes into their substructure producing a mass
cut-off of a few times 1013 h−1 M� given the smoothing length used to trace the topology
of the density field. The mass function of both virialized haloes and haloes do not differ
significantly. In what follows we will describe only to the mass function of virialized
haloes and will refer to them simply as haloes.

Figure 4.15 shows the mass function of the overall halo population (dark gray line),
haloes in clusters (solid line), filaments (dashed line), walls (dotted line) and voids (dotted-
dashed line). As a comparison we also plot the theoretical mass function computed from
the Press-Schechter function (Press & Schechter, 1974):

dn

dM
=

2√
2π

ρ0

M2

δc
σ

∣∣∣∣ dlnσ
dlnM

∣∣∣∣ exp
(
− δ2c

2σ2

)
(4.17)

where ρ0 is the present time mean density of the Universe, and σ(M) is the present,
linear theory rms density fluctuation inside spheres containing a mean mass M . The
evolution with redshift is controlled by the overdensity threshold δc. This threshold cor-
responds to the overdensity, extrapolated to the present time using linear theory, of a
uniform spherical clump that fully collapsed according to the spherical collapse model.
The Press-Schechter formalism gives a mass function in good agreement with N-body
simulations (Davis et al., 1985; Efstathiou & Rees, 1988; Efstathiou et al., 1988; Lacey
& Cole, 1994). We computed the mass function using the Press-Schechter formalism for
a standard ΛCDM model with the same parameters as the N-body simulation used in our
study.

The mass function of the overall halo population closely follows the Press-Schechter
prediction (Efstathiou & Rees, 1988; Efstathiou et al., 1988). However, all halo popula-
tions distinguished by morphological environment significantly deviate from the generic
prediction of Press-Schechter. This reflects their different environment (see figure 4.15).
We heuristically fitted a two-power law to the mass functions in order to quantify their
differences. The fit was done logarithmically:

Log10N(< M) =

{
a+m1Log10M if M < M∗
a+m2Log10M if M > M∗

(4.18)

where M is the mass of the halo, a is a constant, m1 and m2 are the slopes at the low
and high mass ends respectively and M∗ corresponds to a characteristic mass at which
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SubhaloesHaloes

Figure 4.15: Halo and subhalo mass functions for the different morphological environments.
Left: cumulative mass function of HOP virialized haloes in clusters, filaments, walls and the field
(dotted, dashed, dotted-dashed and solid respectively). The mass function for the full halo sample
is indicated by the thick dark-gray line. The thick light-gray line indicates the prediction from
Press-Schechter formalism. Right: the same as left panel but for haloes identified with SubFind.
Note that the overall population is the result of the sum of all morphological environments.

the slope of the curve changes from m1 to m2. We fit all mass functions to equation 4.18
and compute also the value of N(< M∗) at the characteristic mass M∗ as a measure of
the amplitude of the mass function.

Some observations can be made on the basis of our results summarized in figure 4.15
and table 4.3.

Morphology M∗ [M� h−1] N(< M∗) m1 m2

All 13.13 -3.46 -0.92 -1.03
Clusters 13.11 -3.45 -0.22 -1.11
Filaments 12.59 -2.90 -0.66 -2.55
Walls 12.84 -5.16 -1.64 -1.90
Voids 11.41 -4.24 -2.32 -4.41

Table 4.3: Parameters fitted to the mass function of haloes in different morphologies. We show
the best fit for the characteristic mass M∗, the value of the function at the characteristic mass N
and the slope of the curve at the low and high mass end m1,m2. The fit was performed for all
the haloes in our sample as well as for haloes in clusters, filaments, walls and voids (identified as
field regions below a given density threshold). See text for details.
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Figure 4.16: Virialized haloes in the vicinity of massive clusters. Left: virialized haloes with
masses > 5× 1012 h−1 M� identified in blobs are shown inside a slice of 12 h−1 Mpc thickness.
The zoomed area on the right shows virialized haloes with masses larger than > 5 × 1012 h−1

M� (white circles), while lower mass virialized haloes are indicated by black circles.

4.4.3 Clusters

The mass function of haloes in clusters follows the overall population in the range 1013 <

M < 1015 h−1 M� . The parameters obtained from the fit to equation 4.18 are almost
identical to the overall population. The only exception is the slope m2 in the low-mass
end (M < 1013 h−1 M� ) which is nearly flat. Around M < 1012 h−1 M� there is an
artificial increase in the number of haloes. This tail is the result of spurious detections
in the periphery of large virialized haloes as illustrated in figure 4.16 and can be easily
corrected.

Clusters themselves represent a morphological component of the cosmic web in con-
trast to filaments, walls and voids. The later are defined in terms of the haloes they
contain (or lack in the case of voids). This is the origin of the “knee” in the mass function
of haloes in clusters: haloes that are sufficiently massive (∼ 1014 h−1 M� ) are no longer
part of a filament, wall or void. They become a cluster according to our definition.

4.4.4 Filaments

The mass function of haloes in filaments has a complementary behavior with respect to
clusters. The slope in the low-mass end of the mass function (m1) is slightly smaller than
the overall population. The “knee” atM∗ ∼ 1013 h−1 M� in the mass function marks the
point where large groups become well differentiated clusters sitting at the intersections
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of the filamentary network. Haloes larger than 1015 h−1 M� can not be located inside
filaments since those masses are characteristic of clusters. The limited size of objects in
our simulation box does not allow us to reach the high mass end of the curve. We can
anticipate that it will run almost vertical as we approach 1015 h−1 M� .

4.4.5 Walls

The slope of the mass function of haloes in walls is steeper than that for the overall
population. Haloes with masses larger than 1012 h−1 M� are approximately one order
of magnitude less numerous than the overall population. The sparsity of massive haloes
immediately translates into the difficulty of tracing walls in galaxy surveys. Indeed, one
may argue that walls observed in galaxy surveys may be better defined in terms of their
surrounding matter distribution (Trujillo et al., 2006).

4.4.6 Voids

The mass function of haloes in voids is very steep. Haloes of masses larger than 1012 h−1

M� are almost four orders of magnitude less numerous compared to overall population
(Colberg et al., 2005b; Gottlöber et al., 2003; Patiri et al., 2006a). Milky-way sized haloes
are therefore extremely rare in voids. This is clearly in accordance with observations.

4.5 Halo formation times

4.5.1 Definition

The change of mass experienced by a halo via accretion of surrounding matter or merging
with other haloes is encoded in the mass accretion history which can be used to define
the “formation time” of haloes. We computed the mass accretion history of our haloes by
following their most massive progenitor line (see appendix 4C).

Among the various definitions of formation time (see for instance Gottlöber et al.
(1999); Wechsler et al. (2002); Tasitsiomi et al. (2004); Sheth & Tormen (2004)) we
decided to follow the approach of Wechsler et al. (2002). Their definition of formation
time does not depend on the “observation time” of the halo but on its mass accretion rate.
The mass accretion history is then assumed to follow a curve of the form:

M(a) = M0e
−αz, (4.19)

where M0 is the mass of the halo at present time, z is the redshift and α is a parameter
related to the characteristic expansion factor ac defining the formation time of the halo.
The expansion factor ac is related to the slope of the curve S as

ac =
a0α

S
, (4.20)
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where a0 is the observation time of the halo, defined in our case to be the present time
a0 = 1. Using this formulation, the mass accretion history can be fitted by the function:

M(a) = M0 exp
[
−acS

(a0

a
− 1

)]
. (4.21)

The formation time of the halo corresponds to the expansion factor ac at which the mass
accretion curve reaches the slope S. In order to improve the fit we also allowed M0 to
vary in the fitting procedure (Allgood et al., 2006).

4.5.2 Accretion history validation

We must stress that equation 4.21 is only valid for haloes with a steady mass accretion
history. Mergers deviate significantly from this curve and give unrealistic values of ac

and systematically lower values of M0. The stripping suffered by haloes as they are
absorbed by large clusters also produces large deviations in the mass accretion history.
We fitted equation 4.21 to all our mass accretion histories and reject haloes whose fitted
M0 was less than half of the mass at present time. Also haloes which are not formed at
present time according to this criteria (ac > 1) or have earlier formation times than their
first identification were excluded from the sample. Figure 4.17 shows several typical
examples of haloes with:

• Steady accretion (top panels).

• Large merging events or mass stripping (center panels).

• Haloes that have an earlier formation time than their first identification time in
which case ac is extrapolated from the fit (bottom panels).

In the determination of the formation times we only consider the steady mass accreting
haloes. In the other cases the definition of formation time is meaningless (center panels of
figure 4.17) or can not be reliably computed given the resolution limit of our simulation
(bottom panels of figure 4.17). The above restrictions severely limits the halo sample
to steady mass accreting haloes . We can appreciate from figure 4.17 that those are the
only haloes for which the definition of formation time can be unambiguously applied (see
appendix 4C).

4.5.3 Formation times in the Cosmic Web

Figure 4.18 shows the mean formation time of haloes in clusters, filaments, walls and
voids as function of their mass. We find that in general the formation time is correlated
with the mass of the halo. More massive haloes tend to form earlier than less massive
ones (Wechsler et al., 2002; Sheth & Tormen, 2004; Gao et al., 2005; Harker et al., 2006;
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Figure 4.17: Mass accretion histories from nine different haloes: steady accretion of mass (top
panels), violent mergers and mass stripping (central panels) and haloes with extrapolated forma-
tion times (bottom panels). The star symbol indicates the formation time derived from the fit to
equation 4.21, also indicated in the caption.

Croton et al., 2007). We found a weak trend for haloes in walls and filaments to form
earlier than haloes in clusters in an apparent disagreement with the commonly accepted
dependence between formation time and density, i.e. that low mass haloes form earlier
in high density regions (Gao et al., 2005; Harker et al., 2006; Hahn et al., 2007b; Cro-
ton et al., 2007). The reason for this discrepancy lies in the intrinsic differences in the
definition of formation time. More specifically, it will depend on the sample of haloes to
which one can apply the definition of “formation time”. For instance, low mass haloes in
the vicinity of clusters have “early” formation times as result of the combined effect of
mass stripping as the halo enters the high density regions and the suppression in the mass
accretion (Moore et al., 1996; Wang et al., 2007). Often it is necessary to ”correct” the
mass accretion history of such haloes by neglecting their mass stripping. The result of
this is that mass stripping haloes tend to look “old”.
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Figure 4.18: Formation time as a function of mass of haloes in clusters, filaments and walls. The
formation time was derived by fitting the mass accretion history to equation 4.21. The dashed
filled areas represent the Poisson error computed from 100 Monte Carlo realizations with random
formation times uniformly distributed in the range 0-1 and with the same number of points as the
real halo sample. Note that the real distribution of formation times does not has to be uniform in
which case the error bars will be smaller.

The steady mass accreting haloes represent a highly biased sample that may not be
representative of the general population. This bias is stronger for subhaloes than for
virialized haloes. Virialized haloes grow in a bottom-up fashion, always increasing their
mass. Subhaloes on the other hand may loose part of their mass as they are accreted into
larger systems. This results in large variations in their mass accretion history. The mass
accretion history of virialized haloes only deviates from equation 4.21 in the case of large
mergers.

As a comparison with the traditional definition of formation time we followed a com-
mon approach and “corrected” the mass accretion histories by ignoring any decrease in
the mass of the halo caused by mass stripping (Croton et al., 2007). If the mass of the halo
suddenly decreases we keep the value of the mass at the previous time. This gives a more
acceptable mass accretion history that produces a cleaner fit to equation 4.21. Figure 4.19
shows the formation time as function of the mass of haloes in:

• Clusters with more than 50 subhaloes (solid line).

• Haloes in small groups (less than 5 members) or isolated and with local density of
less than 10 times the mean density of the universe.
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Figure 4.19: Formation time as a function of mass of haloes as a in clusters with more than 50
subhaloes (solid line) and haloes that are isolated or in groups of less than 5 haloes and with a local
density smaller than 10 times the mean density. The formation time was computed by “correcting”
mass stripping (see text for details) and subsequently fitting equation 4.21. The dotted lines in the
right panel indicate the 1σ dispersion of the formation times. The dashed filled areas represent
the Poisson error computed from 100 Monte Carlo realizations with random formation times
uniformly distributed in the range 0-1 and with the same number of points as the real halo sample.
Note that the real distribution of formation times does not has to be uniform in which case the
error bars will be smaller.

The formation time computed with this approach is in agreement with the accepted be-
havior (Sheth & Tormen, 2004; Gao et al., 2005; Harker et al., 2006; Croton et al., 2007).
Haloes that enter highly dense regions such as clusters get part of their mass stripped
while their mass accretion halts. This has the effect of producing mass accretion histories
characteristic of “old” haloes.

The relation we found between formation time and morphological environment is
small and in the same order as the error bars. A more detailed analysis is needed with
a larger sample. Perhaps even more important is that we need a better definition of for-
mation time which is not affected by the stochastic nature of the mass accretion in a
hierarchical scenario.
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4.6 Halo shapes

The shape of haloes is determined by both linear and nonlinear processes. Theoretical
predictions are in general restricted to the effect of linear processes in the halo. The
highly complex nature of nonlinear processes renders it extremely difficult to predict
their effects. The shape of the halo is the result of three basic processes:

• The shape of the primordial peak from which the halo originated (Bardeen et al.,
1986; Bond & Myers, 1996a; van de Weygaert & Bertschinger, 1996; Sheth et al.,
2001)

• The external tidal shear that “moulds” the halo (Bond et al., 1996; van de Weygaert,
2005).

• Non-linear interactions that distorts the original shape. This includes close encoun-
ters and large merging events which are related to the infall of matter (van Haarlem
& van de Weygaert, 1993).

Figure 4.20: An ellipsoidal model of a triaxial halo with main axes a > b > c.

4.6.1 Shape definition

We evaluate the shape of haloes by approximating their mass distribution by a triaxial
ellipsoid. The axes of inertia are to be evaluated from the tensor of inertia (see figure
4.20):

Ii,j =
N∑
i

xixj , (4.22)

where the positions xi and xj are with respect to the center of mass and the summation
is over all particles in the halo. The axes of the ellipsoid can be determined from the
eigenvalues λi of the inertia tensor as a =

√
λ1, b =

√
λ2 and c =

√
λ3, where a > b > c.

Haloes can be classified in terms of their axis ratios by defining their degree of sphericity
s, prolateness q (egg shaped) and oblateness p (pancake shaped) as:

s =
c

a
; p =

b

a
; q =

c

b
. (4.23)
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Figure 4.21: Top panels: four examples of isolated haloes. Bottom panels: four examples of
group haloes. For clarity only particles that belong to haloes are shown. The box is centered at
the position of the halo and is 3 h−1 Mpc of side for isolated haloes and 2 h−1 Mpc of side for
groups haloes. The gray shade corresponds to the density of the particle smoothed with a Gaussian
window of 75 h−1 Kpc.

An additional measure for the ellipsoid’s shape is triaxiality,

T =
a2 − b2

a2 − c2
. (4.24)

High values of triaxiality indicate prolateness, low values indicate oblateness.

4.6.2 Isolated vs. group haloes

The influence of the Megaparsec-scale tidal force field on the shape of the halo will be-
come a secondary effect as soon as the halo enters highly dense regions. In these envi-
ronments the dynamics of the halo are dominated by small-scale interactions which may
erase any primordial signature. In an attempt to discriminate between the influence of the
linear (initial conditions and Cosmic Web) and the non-linear interactions we divided our
halo sample in two (see figure 4.21):

• Isolated haloes, i.e. haloes that are their own parent halo. They do not contain
substructure or have subhaloes with masses below our limit of 50 particles.

• Group haloes refer to haloes that form part of a group with 3 or more haloes. Pairs
of haloes are discarded in order to exclude systems undergoing merging in which
case the system is not relaxed and the shapes may be strongly distorted.
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Figure 4.22: Sphericity of haloes in clusters, filaments, and walls as function of their mass. Left:
haloes embedded in groups of 3 or more subhaloes. Right: isolated haloes. The shaded area
indicates the Poisson error computed from 1000 montecarlo realizations with random orientations
uniformly distributed in the range 0-1 and with the same number of points as the real sample.

4.6.3 Sphericity

Figure 4.22 shows the sphericity of isolated and group haloes located in clusters, filaments
and walls. The sphericity of haloes in different morphological environments is roughly
similar. We found a small difference between the isolated and groups haloes, although
the differences are within the error bars. Low-mass isolated haloes are more spherical
than their counterparts in groups. This may be the result of a more quiet interaction
history given their relative isolation. Isolated haloes have a weak trend to increase their
ellipticity with decreasing mass. The effect is opposite for group haloes. This “reverse”
trend with mass found in group haloes has been reported previously solely as a resolution
effect (Bett et al., 2007; Hahn et al., 2007b). Our results seem to suggest that non-linear
interactions play a role in the shape of the haloes in groups (or subhaloes) in addition to
any resolution effect. If mass resolution was the origin of the effect one would expect
to see it in all haloes regardless of their environment. The non-linear character of the
interactions in the interior of groups is reflected in the lower degree of sphericity which
seems to affect more strongly low-mass haloes.

Isolated haloes located in clusters correspond to haloes that are themselves identified
as clusters by the MMF (see figure 4.16). They have a slightly different behavior than
isolated haloes in filaments and walls as their sphericity decreases with mass. This may
not be surprising since massive haloes correspond to large groups and clusters which
feed from their surrounding filaments. This induces an anisotropic infall of matter which
together with the Megaparsec-scale tidal field determines the halo’s shape (van Haarlem
& van de Weygaert, 1993; Colberg et al., 1999).
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ALL CLUSTERS

FILAMENTS WALLS

Figure 4.23: Normalized distribution of shapes of haloes in all environments, clusters, filaments
and walls respectively. The shaded grid was computed by binning individual haloes to a two
dimensional grid. We plotted 10 contour lines equally spaced in logarithmic scale in order to
appreciate the shape of the two dimensional distribution. The dashed lines marks the division
between oblate (pancake shaped) and prolate (sausage shaped) haloes.

4.6.4 Shape

Figure 4.23 shows the normalized distribution of the shape of haloes parametrized by their
axis ratios p = b/a and q = c/b. We can see that haloes are mostly triaxial objects with
a large variation in shapes. Spherical configurations are in fact uncommon in accordance
with theoretical expectations.

The shape of haloes depends on the initial condition from which the halo emerged
in which spherical peaks are rare and the high peaks are expected to be more spherical
(Bardeen et al., 1986). We found haloes to be slightly prolate (Allgood et al., 2006;
Macciò et al., 2007; Bett et al., 2007). Haloes located in walls lack the tail towards
low sphericity which we see in clusters and filaments. This is probably a result of the
limited resolution of our simulation. Figure 4.23 emphasizes the triaxial nature of haloes,
but it does not allow us to appreciate any significant differences between the different
morphological environments.
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Figure 4.24: Triaxiality of haloes in clusters (dotted line), filaments (dashed line) and walls (dot-
dashed line) as function of the mass of the halo. The sample was divided into groups haloes
(left) and isolated haloes (right). The shaded area indicates the Poisson error computed from 1000
montecarlo realizations with random values of triaxiality uniformly distributed in the range 0-1
and the same number of points as the real sample.

A more illuminating comparison is given in Figure 4.24 where we show the mean
triaxiality parameter T (see equation 4.24) of haloes in clusters, filaments and walls as
function of their mass. The differences are small if one considers all haloes. We find
a tendency of haloes to decrease their degree of prolateness with increasing mass until
∼ 4× 1012 h−1 M� . Beyond this point the trend is reversed. Haloes in clusters have the
highest degree of prolateness.

Other factors also affect the final shape of a halo such as the subsequent anisotropic
gravitational collapse which amplifies small asphericities (Icke, 1973) and the anisotropic
mass accretion from the surrounding LSS (van Haarlem & van de Weygaert, 1993). All
these factors are encoded in the initial conditions setting correlations between the shape
of peaks/dips and the tidal field produced by the Megaparsec matter distribution (van de
Weygaert & Bertschinger, 1996).

The effect of the morphological environment stands out when we split the sample
into isolated and group haloes. Isolated haloes in clusters are clearly prolate suggesting
the infall of matter along the direction of their filaments. We found haloes in filaments
to be less prolate. This effect is only seen in the isolated haloes located in filaments.
The mechanism responsible for this behavior is not clear and it seems to contradict the
general trend. It suggest a more isotropic infall for high mass haloes possibly located
at the nodes of star or grid filaments (see chapter 3) in which case the infall has a more
two-dimensional nature. Haloes in walls and clusters have increasing prolateness with
increasing mass following the general trend.
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4.7 Halo rotation and halo spin

The acquisition of angular momentum in the Tidal Torque Theory is the result of the
gravitational interaction between the proto-galaxy and the surrounding matter distribu-
tion (Hoyle, 1951; Peebles, 1969; Doroshkevich, 1970; Jones & Efstathiou, 1979; Fall &
Efstathiou, 1980; White, 1984):

Ji ∝ εi,j,kIj,lTl,k (4.25)

where Ij,l is the inertia momentum tensor of the proto-galaxy and Tl,k is the tidal shear
tensor generated by the surrounding matter configuration. This tidal shear is also re-
sponsible for the emergence of the characteristic patterns of the Cosmic Web, which is
highly suggestive of a significant link between the angular momentum of a proto-galaxy
and the Megaparsec-scale matter distribution. If this would be the only relevant pro-
cess one would expect to see the imprint of the Cosmic Web in the orientations of the
galaxy spins. However, later nonlinear and gasdynamical effects may severely influence
and weaken such a correlation. Certainly within the prevailing hierarchical buildup of
haloes nonlinear effects will quickly become dominant. Among these the most important
include matter stripping, close encounters, large merging events, etc. Here we hope to
obtain some understanding of the effect and the various processes that affect it.

4.7.1 Spin parameter

The angular momentum of haloes is commonly parametrized by the dimensionless spin
parameter (Peebles, 1969):

λ =
|J | |E|1/2

GM5/2
(4.26)

where E is the total energy of the halo, M is its mass, G is the gravitational constant and
J is the total angular momentum defined as:

J =
N∑
i

mi ri × (vi − v̄). (4.27)

In this, mi is the mass per particle, ri is the distance of each particle from the center
of the halo, vi is the peculiar velocity of the particle and v̄ the mean (bulk) velocity of
the halo. We computed dimensionless spin parameter using a modified version that is
computationally less intensive than equation 4.26 (Bullock et al., 2001):

λ =
|j|√

2RvirVvir

(4.28)

where Vvir = (G(Mvir)/Rvir)1/2 is the circular velocity at virial radius Rvir and j is the
specific angular momentum:
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Figure 4.25: Top: spin parameter distribution of the overall halo sample (dashed line). The gray
solid line indicates the best fit to equation 4.31. Bottom: ratio between the overall distribution
and the best fit. The x-axis is shown in logarithmic scale to emphasize the deviation from a pure
log-normal distribution.

j =
1

NHalo

NHalo∑
i=0

ri × vi. (4.29)

The spin parameter indicates the degree in which a halo is rotationally supported. High
values of λ correspond to fast spinning haloes while low values are characteristic of highly
bound slow rotating objects. The halo spin parameter distribution in simulations is found
to be well approximated by the log-normal function:
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p(λ)dλ =
1

σλ

√
2π

exp

[
− lnλ/λ2

2σ2
λ

]
dλ

λ
(4.30)

with the peak around 0.04 < λ < 0.05 (Warren et al., 1992; Cole & Lacey, 1996; Mo
et al., 1998; Steinmetz & Bartelmann, 1995; Catelan & Theuns, 1996). Figure 4.25 shows
the distribution of the modified spin parameter λ′ of all haloes in the simulation (in what
follows we drop the “prime” in λ for simplicity). Traditionally the distribution of spin
parameters is plotted in linear scale. This produces the well known log-normal distri-
bution which seems to provide a good fit. However, if one plots the same distribution
in logarithmic scale a strong difference arises: the low-spinning tail is underrepresented
in equation 4.30. The distribution resembles a log-normal distribution with a moderate
skewness. This is in clear disagreement with the commonly assumed distribution (Bul-
lock et al., 2001; Van den Bosch et al., 2002). Recently Bett et al. (2007) found the same
effect. They argue that a log-normal function is a poor descriptor since it strongly avoids
low-spin values while the real distribution, based as it is on the three-dimensional vector
J, does not. They propose a function that provides a better description of the distribution:

P (log λ) = A

(
λ

λ0

)3

exp

[
−α

(
λ

λ0

)3/α
]

(4.31)

whereA is a constant factor, λ0 corresponds to the peak of the distribution and α is related
to the width of the peak.

Figures 4.26 and 4.27 show the distribution of spin parameters of haloes in clusters,
filaments, walls and the field. Distinguished by large scale morphology there appears to
be a significant difference between morphologies. Haloes in clusters have the highest
values of λ. Haloes in filaments and walls have values similar to the values of λ with-
out morphological distinction and haloes in the field have the smallest values of λ (see
table 4.4). The width of the distribution also decreases in the order clusters-filaments-
walls-field. The effect is consistent in both the values computed from the fit to equation
4.31 and the mean, median and standard deviation of the distributions. Using a marked
correlation analysis Faltenbacher et al. (2002) found a similar result, namely that neigh-
boring cluster pairs tend to have higher spins than the average, although the comparison
is difficult given the differences in the mass range and their definition of environment.
The closest comparison for our work in the literature is the study by Hahn et al. (2007b).
Our results are in qualitative agreement with theirs although they found a much stronger
environmental effect. In particular, their low mass haloes have a prominent tail towards
high spinning haloes.

In order to get a better understanding of the influence of environment in the spin pa-
rameter we computed the spin parameter of haloes in which no removal of unbound par-
ticles was performed. Spurious detections were removed from the sample. Only haloes
with statistical significance of σhalo = 3 were considered according to:
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Figure 4.26: Spin parameter distribution of haloes residing in clusters, filaments, walls and the
field (dotted, dashed, dot-dashed and thin solid lines respectively). The thick gray line indi-
cates the distribution of all haloes regardless of their morphological affiliation. Left panels show
low mass haloes defined as M < 1012M�h−1 while high mass haloes (1012M�h−1 < M <

1013M�h−1) are shown on the right panels. Top panels: Spin parameter distribution of haloes
which have their unbound particles removed. Central panels show the ratio between the distri-
bution of all haloes and the specific distribution per morphology. Bottom panels show haloes
identified as 3σ significance with no removal of unbound particles and using the densest half
particles in the determination of λ (see text for details).

〈ρhalo〉 = ρmin

(
1 +

σhalo√
Nhalo

)
(4.32)

where 〈ρhalo〉 is the density averaged over all particles in the halo, ρmin is the minimum
density in the halo, σhalo defines the significance level for a halo to be considered a real
detection (Aubert et al., 2004). The choice of σHalo = 3 restricts the sample to haloes
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Figure 4.27: Spin parameter distribution of low-mass haloes residing in clusters, filaments, walls
and the field (dotted, dashed, dot-dashed and thin solid lines respectively). This plot corresponds
to the top-left panel in figure 4.26 shown here in linear scale in order to appreciate the high-spin
end. The thick gray line indicates the distribution of all haloes regardless of their morphological
affiliation.

that represent a significant overdensity compared to their surroundings. Additionally we
used only the half densest particles inside each halo.

The lower panels of figure 4.26 show the spin parameter of haloes in each morpholog-
ical environment. The difference between morphological environments stands out, with
larger values of λ in the order clusters, filaments, walls and the field. Note that the peak of
the distribution is also different compared to the haloes with unbound particles removed.
Low mass haloes in clusters have a higher spin parameter than haloes in filaments, walls
and the field. This strong segregation as a function of morphology is not found in the
haloes with unbound particles removed. The differences between the two distributions
arise from the unbound particles. These are “hot” particles from the local environment
of the haloes. Figures 4.26 and 4.27 suggest that the spin parameter-morphology found
by Hahn et al. (2007b) is the result of the influence of the potential well in which the
haloes are located and non-linear interactions. The dependence of the spin parameter on
morphology seems to merely reflect their characteristic density range.
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Low mass
λ0 α mean λ median λ σλ

All 0.048 2.730 0.049 0.043 0.260
Clusters 0.054 2.871 0.057 0.049 0.265

Filaments 0.049 2.674 0.050 0.044 0.259
Walls 0.047 2.687 0.048 0.042 0.252
Field 0.044 2.645 0.045 0.040 0.255

High mass
λ0 α mean median σλ

All 0.039 2.574 0.039 0.035 0.250
Clusters 0.040 2.695 0.040 0.035 0.256

Filaments 0.039 2.519 0.039 0.035 0.247
Walls 0.038 2.469 0.038 0.034 0.245
Field 0.037 2.568 0.037 0.033 0.249

Table 4.4: Parameters derived from the fit to Equation 4.31 and some statistics computed from
the distribution of spin parameters of haloes in different morphological environments. The sam-
ple is divided in high mass (M < 1012h−1M� ) and low mass haloes (1012h−1M� < M <

1013h−1M� ).

4.8 Halo orientation

One aspect of the Tidal Torque Theory that has been given recently significant attention
is the orientation between the spin vector and the surrounding matter distribution.

The influence of the morphological environment on the halo is not restricted to the
amplitude of its angular momentum. One of the clearest predictions of the Tidal Torque
Theory is a correlation between the spin vector and the surrounding matter distribution.
Theoretical works indicate that the spin vector of haloes points perpendicular to the fila-
ment in which they are located. In the case of haloes in walls the spin vector lies in the
plane of the wall (Lee & Pen, 2002; Lee, 2004). The halo shape orientation has been
studied in filaments (Hatton & Ninin, 2001; Faltenbacher et al., 2002; Bailin & Stein-
metz, 2005; Altay et al., 2006; Aragón-Calvo et al., 2007; Hahn et al., 2007b) and more
recently in walls (Patiri et al., 2006b; Aragón-Calvo et al., 2007; Hahn et al., 2007b). Pre-
vious studies gave different alignments as a result of the poor methods used to identify
filaments and walls. The MMF

In this section we study the alignment between haloes and their morphological en-
vironment i.e. filament or wall. For this purpose we may analyze the alignment of the
following properties

• shape and moment of inertia tensor

• angular momentum and spin vector
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• matter inflow direction

• tidal field orientation

with respect to the filament or wall in which they are located. While here we concentrate
on the angular momentum and shape, in a more extensive forthcoming study we will also
relate these to their main source: the large scale tidal field configuration. Qualitatively
we have looked into the matter infall directions in section 4.3. A more explicit analysis
will also be a subject of a forthcoming study.

Haloes residing in filaments and walls at the present time were traced back in time
by means of their most massive progenitor line (see appendix 4C). The morphological
affiliation of haloes at the present time is kept fixed along their past history, i.e. haloes
in filaments are considered as part of a filament at all times and similarly for walls. By
using this approach we perform the morphological segmentation only at the present time
and assume that filaments and walls can be traced in time by the haloes they contain and
neglecting the morphological evolution and the subsequent migration of haloes between
morphologies. The reason for this simplification is that the morphological segmentation
at different times will give different morphological affiliation to the same halo as a con-
sequence of the sequential collapse between morphologies driven by their hierarchical
gravitational collapse. The fact that both filaments and walls seem to keep the same ori-
entation at large scales (see chapter 2) gives us confidence in the use of their direction at
the present time as a fair tracer of the Megaparsec-scale tidal field.

4.8.1 Angle definitions

In order to study the orientation between the shape θI and spin vector θ of haloes with
respect to their large-scale morphology we define the following angles (see figure 4.28):

θI =

{
φI filaments
90 − φI walls

(4.33)

and

θ =

{
φ filaments
90 − φ walls

(4.34)

where φI is the angle between the major axis of inertia and the filament/wall, and φ is the
angle between spin vector J and the filament/wall (see figure 4.28). The angles φI and φ
are defined as:

φI = cos−1

(
a · eF,W

| a || eF,W |

)
(4.35)

φ = cos−1

(
J · eF,W

| J || eF,W |

)
(4.36)
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Figure 4.28: Diagram showing the angles between the shape φI and spin vector φ of a halo and
the direction its parent filament or wall.

with a being the vector corresponding to the major axis of inertia of the halo, eF,W is
the vector delineating the spine of the filament (F ) or the normal to the plane of the wall
(W ). They are computed from the smallest and largest eigenvalues (for filaments and
walls respectively) of the Hessian matrix (see chapter 2). The eigenvalues of the Hessian
were computed at a single scale corresponding to ∼ 3 h−1 Mpc. This is roughly the
typical scale of a filament (see chapter 3, section 3.7.6). The use of this scale removes
small-scale variations in the direction of filaments and walls.

In our convention a halo is oriented or aligned with its host filament if its shape/spin
points in the same direction as the filament (φI,F = 0, φF = 0). A halo is oriented or
aligned with its host wall if its shape/spin lies in the plane of the wall(φI,F = 0, φF = 0).
Note that the plane of the wall is represented by the vector normal to it eW but the angle
between the walls and the shape/spin is measured with respect to the plane of the wall.

4.8.2 Mass definitions

The mass accretion history varies from halo to halo as a result of its initial conditions
and environment (see figure 4.17). Two haloes of a given mass at the present time did not
necessarily have the same mass at earlier times. As a result, there are two basic definitions
of mass we can apply to a halo in the past:

• The mass of the halo at the present time, regardless of its mass at previous epochs
M(z = 0).

• The mass of the halo at each redshift following its most massive progenitor M(z).

The first definition accounts for the mass of a halo regardless of its previous history. It
is used to compare the properties of a halo that eventually will end up at a given mass at
the present time. The second definition accounts each epoch independently. It serves to
compare the properties of haloes with their mass at the epoch in which they are identified.
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Figure 4.29: Angle between the axis of inertia of haloes and the direction of their host filament
(left panel) or wall (right panel) as a function of time. We divided the halo sample in low-mass and
high-mass haloes with M  1012 h−1 M� marking the point at which there is a similar number
of haloes in both mass ranges. The shaded areas (dark for filaments and light for walls) indi-
cate the Poisson error computed from 1000 montecarlo realizations of randomly oriented haloes
(uniformly distributed in cos θI ) and with the same number of points as haloes.

4.8.3 Shape alignment

Figure 4.29 shows the mean alignment between the axis of inertia of haloes and their
parent filament or wall as a function of the expansion factor of the Universe. We divided
the halo sample in mass (at the present time), with M  1012 h−1 M� marking the point
at which there is a similar number of haloes in both mass ranges. The major axis of the
halo is oriented with the large scale matter distribution, defined by its parent filament or
wall. Haloes in filaments are oriented along the direction of the filament while haloes
in walls are oriented with the plane of the wall. The orientation of haloes changes with
time, the effect being stronger for low-mass haloes. At early times both low and high-
mass haloes are strongly oriented with their parent morphology. This is to be expected
as a consequence of the tidal shear and the infall of matter (also determined by the tidal
field). At later times orientation is less prominent, indicating the influence of non-linear
processes that partially erase the primordial orientation.

Figure 4.30 shows the evolution in time of the angle between the shape of haloes
and their host filament/wall as function of mass (using the definitions described in section
4.8.2) computed at several redshifts. The difference in the orientations between both mass
definitions is notable and we proceed to describe them.
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Figure 4.30: Left: angle between the major axis of inertia of haloes and the direction of their host
filament (top panels) or wall (bottom panels) as a function of the mass of the halo computed at
the present time M(z = 0). Right: the same as the left panels but with the x-axis corresponding
to the mass of the halo at its corresponding redshift M(z). Shaded areas indicate Poisson error
computed from 1000 montecarlo realizations of randomly oriented haloes (uniformly distributed
in cos θI ) and with the same number of points as haloes in each bin. The different shades of gray
of correspond to redshift with darkest being z = 0. Note that the error bars for haloes in walls at
high redshift increase with mass as a result of the lack of massive haloes in walls at early times.

Shape alignment M(z = 0)

The relation between the mass of the halo at the present time and its shape orientation with
respect to its host filament/wall depends strongly on the mass and redshift (left panels of
figure 4.30). Low mass haloes were more oriented in the past compared to high mass
haloes. This effect is reversed at later times. Low mass haloes tend to lose their orientation
while high mass haloes remain almost unaffected. This may indicate that low mass haloes
are more affected by external forces while massive haloes are more robust against changes
in their orientation.
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Shape alignment M(z)

The relation between mass and shape alignment with respect to the host filament/wall
is a simple function of time (right panels of figure 4.30). At all times low mass haloes
are less oriented than massive ones. The slope of the mass-orientation curves remains
roughly constant. This is an indication that haloes change their orientation at the same
rate independently of their mass. The mass-time-orientation dependence is practically the
same for haloes in filaments and walls. The fact that at early times there are less massive
haloes than at present time is reflected in the large error bars and noisy curves in the high
mass end.

From figure 4.30 we can see that the shape alignment of low mass haloes is less robust
than massive haloes. This is to be expected as a direct result of interactions between the
halo and its surroundings. Non-linear interactions such as mass stripping, direct encoun-
ters and cannibalism will change the shape orientation of haloes. This effect can also be
appreciated at scales characteristic of clusters (van Haarlem & van de Weygaert, 1993).
At such scales the highly coherent infall of matter via filaments may prevent the clusters
from losing its shape orientation.

The mass limit of our haloes corresponds to 50 particles. This limited number may
introduce resolution artifacts in the shape and spin determination (Bett et al., 2007). How-
ever, the consistency of the change in the shape orientation with time for both low and
high mass haloes suggest that even if there are resolutions artifacts they do not seem to
strongly affect the alignment signal. In the worst case they will erase part of the signal
and therefore any real alignment should be higher. In Aragón-Calvo et al. (2007) we pre-
sented a study of the alignment of haloes (at z = 0) using a smaller simulation box with
twice the mass resolution with almost identical results.

4.8.4 Spin alignment

In this section we study the evolution in time of the alignment between the spin vector
J of haloes and the direction of their host filament or wall as a function of the mass of
the halo and time. We compute the angle between the halo’s spin vector and its parent
filament, θF = φF , or wall θW = 90 − φW , according to equation 4.34. Figure 4.31
shows the orientation between the spin vector of haloes and their parent filament or wall
as a function of time. The sample was divided into low and high-mass haloes (see section
4.8.3). Some observations can be made:

• The spin vector of low-mass haloes in filaments points in the direction perpendic-
ular to the filament in the past. At the present time it changes its orientation to
become parallel.

• High-mass haloes in filaments remain oriented perpendicular to the filament at all
times.



178 4. Properties of Dark Matter Haloes in the Cosmic Web

Figure 4.31: Angle between the spin vector of haloes and the direction of their host filament (left
panel) or wall (right panel) as a function of time. We divided the halo sample in low-mass and
high-mass haloes withM  1012 h−1 M� marking the point at which there is a similar number of
haloes in both mass ranges. The shaded area and dotted line indicate the Poisson error for low and
high-mass haloes respectively. It was computed from 1000 montecarlo realizations of randomly
oriented haloes (uniformly distributed in cos θI ) and with the same number of points as haloes.

• Both low and high-mass haloes in walls have their spin vector lying in the plane of
the wall at all times. The strength of the orientation seems to decrease for low-mass
haloes and decrease for high-mass haloes at later times.

The spin orientation of haloes in filaments and walls indicate a clear influence of the Cos-
mic Web in the angular momentum acquisition. The strength of the alignment signal is
maximum at early epochs when the non-linear interactions do not dominate the dynamics
of haloes. The behavior of low-mass haloes is puzzling. There seems to be another mech-
anism responsible for the reorientation of the haloes besides the primordial winding-up
of the halo via the tidal torque. Possible agents may be non-linear interactions restricted
by the characteristic dynamics of filaments. A secondary tidal torque produced by the
Cosmic Web in the non-linear regime may be another option. However, its influence is
limited given the fact that the angular momentum acquisition is more efficient before the
turnaround of the proto-halo. The nature of this contrived effect will be the subject of a
future study.

Figure 4.32 shows the alignment of the spin vector of haloes and the direction of their
host filament or wall as a function of the mass of the halo. The alignments were computed
at several redshifts. Our results can be summarized as follows:
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Figure 4.32: Left: angle between the spin vector of the haloes and the direction of their host
filament (top panels) or wall (bottom panels) as a function of the mass of the halo computed at
the present time M(z = 0). Right: the same as the left panels but with the x-axis corresponding
to the mass of the halo at its corresponding redshift M(z). Shaded areas indicate Poisson error
computed from 1000 montecarlo realizations of randomly oriented haloes (uniformly distributed
in cos θI ) and with the same number of points as haloes in each bin. The different shades of gray
of correspond to redshift with darkest being z = 0. Note that the error bars for haloes in walls at
high redshift increase with mass as a result of the lack of massive haloes in walls at early times.
For clarity we only display the lower (filaments) and upper (walls) half of the error bars. They are
symmetric respect to < cos θ >= 0.5.

4.8.5 Spin alignment M(z = 0)

The spin vector of haloes in filaments points perpendicular to the direction of the filament.
In the case of walls the spin vector lies in the plane of the wall. (left panel of figure 4.32).
Haloes in walls are more aligned at the present time compared to haloes in filaments by
almost a factor of 3 in the high-mass end. The reason for this may be the more quiet
environment of haloes in walls compared to filaments. A halo located inside a filament
may suffer several encounters as it flows along the filament.

The orientation of haloes in both filaments and walls as a function of the mass of the
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halo at present time indicates that low mass haloes were more strongly oriented with their
host structure at early times. At the present time the effect is reversed and high mass
haloes are more oriented.

Low mass haloes lose their orientation with time. This may be due to the fact that their
low mass makes them more sensible to interactions with their environment. High mass
haloes do not lose their orientation. Instead their degree of orientation remains roughly
constant and there seems to be a small increase. This may be the result of the anisotropic
and asymmetric infall of matter along the filaments (van Haarlem & van de Weygaert,
1993). In such case the effect will be stronger for massive haloes.

Low mass haloes identified at the present time that were traced back to high redshifts
present a quiescent slow steady mass accretion. The limiting mass we impose in the halo
identification when constructing the most massive progenitor line restricts the minimum
mass a halo can have in order to be included in our sample. Low mass haloes at the
present time whose most massive progenitor can be traced back to early times could not
have a significant increase in their mass. These haloes can be considered early forming or
old haloes. These old haloes acquired most of their mass at early times and slowed their
mass accretion very soon. In the tidal torque theory a halo acquires its angular momentum
from the surrounding matter until the turnaround time, at which point it detaches itself
from the general expansion of the universe and the influence of the large scale mass
distribution damps. Old haloes accreted most of their mass in the early epochs when one
expects to have a coherent tidal field. On the other hand, late-forming haloes acquired
their mass more recently, when their host structures were already entering the non-linear
regime. At this point small scale interactions become stronger and more prominent than
the large-scale tidal force.

4.8.6 Spin alignment M(z)

The orientation of the spin vector of haloes in filaments and walls as function of the mass
of the halo at the time of identification behaves as a simple function of time (right panel
of figure 4.32). The similar slopes in the mass-orientation curve suggest that their degree
of orientation decreases at a similar rate for all haloes regardless of their mass. The effect
can be best appreciated in the case of filaments where the halo sample is larger.

High mass haloes are strongly oriented at early times. These haloes have evolved into
even larger masses at the present time. Apparently the mechanism responsible for the
spin acquisition induces a much stronger spin alignment on massive haloes at early times.
At all times the high mass haloes are more strongly oriented. This may be a consequence
of the dependence between the mass of a halo and its degree of orientation with the
surrounding tidal field (Bardeen et al., 1986; Bond & Myers, 1996a; van de Weygaert
& Bertschinger, 1996). This intrinsic alignment determines the effectiveness of the tidal
force exerted on the proto-halo.
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4.9 Conclusions

In this work we studied the properties of haloes in clusters filaments and walls. Haloes
were identified from a large cosmological N-body simulation containing only dark matter
particles. The morphological segmentation of the cosmic web was performed with the
Multiscale Morphology Filter, a novel technique that segments regions of space according
to their local geometry taking into account the multiscale nature of the matter distribution.

We present a novel subhalo finder (FracHOP) used to identify substructures inside
virialized haloes by exploiting the topological properties of the density field smoothed on
a fixed scale. The FracHOP halo finder allows us to identify self-bound haloes regardless
of whether or not they are isolated or embedded in a larger halo.

Our main finding can be summarizes as follows:

• Haloes in clusters filament, walls and voids have well differentiated mass functions.
The mass function of haloes in clusters and filaments presents a complementary
behavior. The slope of the mass function of haloes in voids and walls is more steep
than that of haloes in clusters.

• Haloes in walls are more spherical than haloes in filaments and clusters. We con-
firm the general trend of haloes to become less spherical with increasing mass until
a mass of a few times 1012 h−1 M� where the trend is reversed. This was pre-
viously reported as a resolution effect. We divided the sample in isolated haloes
and haloes inside groups containing 3 or more subhaloes. Haloes in virialized
groups have increasing sphericity with increasing mass until approximately 1013

h−1 M�. Isolated haloes have decreasing sphericity with increasing mass. The
trend is stronger for haloes in filaments indicating that the infall of matter in fila-
ments is highly anisotropic given their particular geometry.

• We found a small dependence of the spin parameter of haloes and their morpho-
logical environment. Haloes in clusters have larger spin parameter than haloes in
filaments, walls and the field. We reproduced the strong effect found by Hahn et al.
(2007b) and argue that it is produced by “hot” particles that are not bound to the
haloes and merely reflect the hotness of their environment.

• The major axis of inertia of haloes in filaments and walls lies along the filaments
and in the plane of the wall respectively.The effect is stronger at higher masses and
earlier times.

• The spin vector of haloes in filaments and walls lies perpendicular to the filament
and parallel to the plane of the wall respectively. The effect is stronger at higher
masses and earlier times.
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• The infall of matter in haloes located in filaments is strongly correlated with the
direction of the filament. Also their shape is correlated with both the direction of
infall and the direction of the host filament. This indicates that the filament moulds
the shape of the halo by setting a particular direction of matter infall.

• The infall of matter in haloes located inside walls at the present time is confined
to the plane of the wall. The shape of haloes is also oriented with the plane of
the wall at the present time. We found that at large radius the direction of infall
changes with time. This is a clear signature of the pancake collapse predicted by
Zel’Dovich (1970).

4A HOP Halo Finder

We used the publicly available HOP halo finder (Eisenstein & Hut, 1998) in order to
identify virialized haloes regardless of the substructure they may contain. The HOP halo
finder consist of two main steps:

• hop: The first step is the determination of densities of all particles using an adap-
tive kernel. The number of particles used for the density determination is given by
Ndens. Subsequently particles are linked by associating each particle to the densest
particle from the list of its N-closest neighbors Nhop. The process is repeated until
it reaches the particle that is its own densest neighbor. The hop algorithm asso-
ciates all particles to their local maxima. Due to the adaptive nature of the density
estimator hop groups are often artificially broken due to spurious local maxima.

• regroup: In order to regroup artificially broken groups and to discriminate be-
tween virialized and loose groups it is necessary to perform an additional step.
Three density thresholds are defined as follows:

– δout defines the minimum density a group can have in order to be considered
a real object.

– δsaddle defines the density above which groups are merged.

– δpeak defines the density below which a group is assigned to its parent group.

In practice the only parameter that affects the result of the group finding is δout.
Changing the other two density thresholds produces marginal differences.

HOP groups selected at present time with the parameters shown in table 4.5 are equivalent
to those found using FoF with a linking length of b = 0.2 times the mean interparticle
separation (Scannapieco & Thacker, 2003; Cohn et al., 2001). They represent structures
with roughly 300 times the mean density of matter in the universe assumed to be “virial-
ized haloes”.
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Ndens Nhop Nmerge δout δsaddle δpeak

64 16 4 80 120 160

Table 4.5: Parameters used as input for HOP.

4B The FracHop Subhalo Finder

In order to identify bound isolated haloes and subhaloes embedded in larger virialized
haloes we devised a somewhat different implementation of the HOP halo finder (Eisen-
stein & Hut, 1998). This adaptation (called FracHop), described for the first time in
Aragón-Calvo et al. (2007), exploits the topological properties of nested local maxima
smoothed on a fixed scale. It involves five steps:

1.- Halo Finder. The first step is the identification of virialized haloes by running the
standard HOP halo finder: We run hopwith the standard parameters and regroup
with δout=80, δsaddle=120 and δpeak=160. Each of these haloes is considered a
parent halo candidate which may contain more than one single subhalo.

2.- Gaussian densities. Next for all particles we compute densities using a Gaussian
window with dispersion of 70 h−1 kpc, in order to produce a smoothed density
field without substructure smaller than this kernel.

3).- Assigning particles to local maximum. We run hop again but only for particles
inside the parent halo candidates. We provide the Gaussian densities computed in
the last step as an input for hop. The subhalo identification is performed without
running regroup. In this way hop assigns all particles to their smoothed local
maximum. By construction every HOP halo contains at least one FracHop subhalo.

4.- Removal of spurious subhaloes. Inside large haloes particles might randomly
group to form spurious associations which are not real physically bound objects.
Also, a subhalo may contain particles with abnormally high peculiar velocity which
in reality belong to its parent halo. Removing unbound particles discards “hot”
particles that do not belong to the subhalo. The removal of unbound particles is
performed iteratively by computing the potential energy from all the particles inside
the subhalo and eliminating particles that do not satisfy:

1
2
mpart(vpec − vbulk)2 < Epot (4.37)

where mpart is the particle’s mass, vpec is the peculiar velocity and vbulk the bulk
velocity
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5).- Discard spurious detections. Subhaloes that evaporate or have removed most of
their particles until they fall below the detection limit of 50 particles are considered
spurious detections.

A computationally less demanding option for the identification of spurious de-
tections is given by Aubert et al. (2004) using a very similar adaptation of HOP
(ADAPTAHOP) to the one presented here. They define statistically significant
subhaloes compared to Poisson noise as:

〈ρsubhalo〉 = ρmin

(
1 +

σsubhalo√
Nsubhalo

)
(4.38)

where 〈ρsubhalo〉 is the density averaged over all particles in the subhalo, ρmin is the
minimum density in the subhalo, σsubhalo defines the significance level for a halo
to be considered a real detection (Aubert et al. (2004) used a value of σSubhalo = 3)
and NSubhalo is the number of particles in the subhalo. This method allows us to
perform a fast identification of bound subhaloes by assigning a level of significance
but it does not eliminates unbound particles.

Figure 4.33: Flow diagram of the FracHOP subhalo finder.
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4C Most Massive Progenitor Line

Haloes evolve in a hierarchical way increasing their mass not only via steady accretion
of surrounding matter but also by infall of smaller haloes and merging with other haloes
of similar mass (Klypin et al., 1999; De Lucia, 2006). This complex growth process
makes it difficult and sometimes impossible to uniquely identify a given halo. Its identity
may change or even disappear due to merging and cannibalism. A common approach
for tracing the history of a halo is to identify the particles forming a halo at a given time
(here referred to as child halo) and “trace them back” in the previous snapshot. The same
particles contained by the child halo can be found distributed in several smaller haloes (or
progenitor haloes) and in the diffuse matter in between them (see figure 4.34). The same
process can be iteratively performed for each of the progenitor haloes until no more haloes
can be found. This set of links between progenitor-child haloes in different snapshots is
known as “merging tree” and is the base to obtain the “most massive progenitor line”
(MMPL).

Figure 4.34: Two child haloes and their progenitors identified in the previous snapshot. In this
cartoon, a valid progenitor must have at least 1/2 of the radius of the child halo in order to be
considered a valid most massive progenitor. Following this criteria, the child halo on the left has
no valid progenitors, while the halo on the right has two valid progenitors (B and C) from which
B is the most massive.

There are several procedures for constructing the MMPL from the merging tree of
a halo (Gottlöber et al., 1999; Wechsler et al., 2002; Tasitsiomi et al., 2004; Sheth &
Tormen, 2004). Even when they differ in some details from each other they all share the
same general principle: identifying the most massive progenitor at previous snapshots
and applying a series of constraints for validation in order to identify the most massive
progenitor line (See Figure ] 4.34). The specific steps we followed in the construction of
the MMPL (including sub-halo identification) are the following:



186 4. Properties of Dark Matter Haloes in the Cosmic Web

i First we run the HOP halo finder using standard set of parameters for hop (i.e.
Ndens = 64, Nhop = 16, Nmerge = 4) for all snapshots. Regrouping required
more attention since the overdensities defining collapsed virialized haloes changes
with redshift for cosmologies with Ωm 	= 1. The parameters used for regroup
were rescaled with the overdensities predicted by the spherical collapse model for
each redshift as follows:

δouter(z) = δouter(z = 0)
�crit(z = 0)
�crit(z)

(4.39)

where δouter(z = 0) = 80 is the adaptive overdensity used by Eisenstein & Hut
(1998) to identify virialized haloes at present time, �crit(z = 0) is the overden-
sity of a spherical collapsed object evaluated at present time and �crit(z) is the
overdensity evaluated at the redshift of the snapshot. �crit(z) is defined as:

�crit = 18π2 + 82x− 39x2 (4.40)

where x = Ω(z) − 1 (Bryan & Norman, 1998). The other two parameters used
in regrouping were scaled with δouter as suggested in Eisenstein & Hut (1998):
δsaddle = 1.5δouter and δpeak = 2δouter.

ii For all snapshots we generated new files containing only particles inside haloes
identified with HOP. This reduces significantly the number of particles to process
from almost half at z = 0 to less than one percent at the first snapshot (z = 9).

iii For each particle we compute densities inside a Gaussian window with dispersion
75 h−1 kpc.

iv We run hop again, this time providing the Gaussian densities computed in the
previous step. A small complication arises at this point from the optimization in
step ii, since hop links particles to the densest from a list of N-nearest neighbors
(Nhop). Particles in HOP groups with NHalo < Nhop will search for the densest
neighbor inside its own halo and its closest Nhop − NHalo particles in the next
closest HOP group. This results into an artificial merging of low mass haloes which
may not be even close to each other. This artifact can be easily fixed by changing
the number of neighbors Nhop to a small number like Nhop = 2, in which case the
search is restricted only to the closest particle.

v We produce FracHop halo catalogues for all snapshots and compute quantities such
as mass, radius, bulk velocity, angular momentum, inertia tensor, etc. for each halo.

vi In the construction of the merging tree we only consider haloes with more than
50 particles and less than 2500 corresponding to range of 1012 − 1013 h−1 M�
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in mass. For each halo we identify the particles shared with haloes from in the
previous snapshot. All haloes that share particles are considered progenitor haloes.
There is no restriction in the number of particles a progenitor halo can have.

vii Relevant properties such as child Id, progenitor Id, child mass, progenitors mass
and common mass between child and progenitor haloes are stored.

viii From the list of progenitors the one that contributes with most particles to its child
halo is identified. This contributed mass must be at least 0.4 times the mass of the
child halo in order to be considered a valid most massive progenitor. The process is
repeated iteratively for all haloes in the simulation starting with the haloes identified
at z = 0, producing the most massive progenitor line of each halo in our simulation.

Figure 4.35 shows the mass accretion history of five haloes (top panels) and the particle
distribution around a sphere of 2 h−1 Mpc centered at the position of the halo. In order
to better appreciate the merging evens we only show particles that belong to haloes. The
diffuse particles in between are discarded in the plot. The mass accretion history reflects
the events seen in the particle distribution. Large mergers can be identified as abrupt
jumps in the mass accretion history as well as in the particle distribution. From this figure
we can appreciate the stochastic nature of the mass accretion. Erratic mass accretion
histories have correspondingly complex interaction histories. The mass accretion history
of a halo largely depends on the local non-linear environment.
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Figure 4.35: Top panels: mass accretion history of 5 typical haloes. The solid line indicates their
mass accretion history and the dashed line the fit to equation 4.21. Lower panels: the surrounding
particle distribution corresponding to the haloes shown in the top panels traced back at different
redshifts. We only plotted particles that belong to haloes located inside a radius of 2 h−1 Mpc
centered in the halo under study.
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Chapter 5
Alignment of Galaxies in SDSS Filaments.

Science may set limits to knowledge, but should not set
limits to imagination.

Bertrand Russell

Abstract

We study the spin orientation of edge-on spiral galaxies with respect to the filament
in which they are embedded in a SDSS DR5 sample. The filament identification was
performed with the Multiscale Morphology Filter introduced in chapter 2. We dis-
cuss the various steps needed to compute the density field used as a base for the
morphological segmentation. We introduce a novel method for filling gaps in galaxy
surveys: the Delaunay Tessellation Field Interpolator (DTFI). The method exploits
the geometrical information present in the Delaunay Tessellation of the galaxy dis-
tribution. In order to understand the effect of the radial selection on the morpho-
logical segmentation we produced a mock catalogue and tested the MMF at various
levels of decimation.

Our results indicate that the MMF is able to successfully segment the Cosmic Web
even with strong decimation:

i) We study the galaxy and volume content in clusters, filaments and the field. Our
findings are in rough agreement with the results based on N-body simulations pre-
sented in chapter 3.

ii) The spin vector of spiral galaxies is oriented in the same direction as their parent
filament. This effect disagrees with our findings from N-body simulations. A trend
can be appreciated for a dependence on both color and luminosity. Blue galaxies
are more oriented than red ones and more luminous galaxies (Mr ≥ 19) are more
strongly oriented. Unfortunately, the limited size of our sample prevents us from
drawing firm conclusions.

5.1 Introduction

The matter distribution on cosmological scales displays a pervasive web-like texture.
This Cosmic Web (Bond et al., 1996) was already imprinted in the form of seeds

present in the initial conditions of the universe, assumed to have originated from ran-
dom fluctuations in an inflationary scenario. The Megaparsec-scale matter distribution
displays a wealth of structures forming an intricate network (Joeveer & Einasto, 1978;
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de Lapparent et al., 1986; Colless et al., 2001). Computer simulations have successfully
replicated these features in the galaxy distribution (Efstathiou, 1996; Jenkins et al., 1998;
Evrard et al., 2002; Springel et al., 2005) indicating that the observed cellular patterns are
a natural aspect of structure formation driven by gravitational instability. The complex
patterns seen in the matter distribution can be described as an interconnected network of
basic components:

• Massive clusters containing from tens up to thousands of galaxies. Clusters of
galaxies represent evolved systems with semi-spherical shape and high density.

• Elongated filaments spanning across the space often found in the intra-cluster re-
gions.

• Planar walls mostly found at the edges of large voids.

• Large empty regions known as voids.

Each of these morphological components of the Cosmic Web define a unique environment
in terms of its dynamics and gravitational interactions (see chapter 2). The morphological
components of the Cosmic Web are closely related with each other. Bond et al. (1996)
emphasized the role of density perturbations in the primordial density field in defining
the gravitational field responsible for the formation of the cosmic web. In their peak
patch picture the seeds from which massive clusters originate define the gravitational
shear that moulds the filaments, giving a simple explanation for the emergence of the
cellular patterns characteristic of the Large Scale Structure (see Bond et al. (1996); van
de Weygaert & Bertschinger (1996); van de Weygaert (2002)).

The effect of the primordial configuration that give rise to the Cosmic Web can also
be seen on scales corresponding to galaxies. According to the Tidal Torque Theory (TTT)
galaxies acquire their angular momentum as a consequence of the tidal shear defined by
the surrounding matter configuration (Hoyle, 1951; Peebles, 1969; Doroshkevich, 1970;
Fall & Efstathiou, 1980; White, 1984). The TTT provides a natural connection between
angular momentum of galactic haloes and the distribution of matter on large scales (Jones
& Efstathiou, 1979; Barnes & Efstathiou, 1987; Heavens & Peacock, 1988; Lee & Pen,
2002; Porciani et al., 2002; Mackey et al., 2002; Lee, 2004). Based on these arguments
several authors have searched for correlations between the orientation of galaxies (or their
associated dark matter haloes) and the local geometry in which they are embedded. Often
in the literature the term halo orientation refers to two different measures:

• The angle between the shape of the halo usually parametrized by its principal axis
of inertia and the LSS.

• The angle between the vector defined by the angular momentum of the, halo also
referred to as spin vector, and the LSS.
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Early works searching for alignments of haloes often showed contradictory results (Hat-
ton & Ninin, 2001; Faltenbacher et al., 2002; Bailin & Steinmetz, 2005) due to the am-
biguous characterization of the large scale structure. Recently there has been a renewed
interest in the problem motivated by the development of better descriptors of the local
geometry. From the theoretical point of view recent findings seem to have reached a con-
sensus that (Trujillo et al., 2006; Aragón-Calvo et al., 2007; Brunino et al., 2007; Hahn
et al., 2007b):

• Both the spin vector and the major axis of inertia of haloes located in walls lie in
the plane of the wall.

• The spin vector of haloes points in the direction perpendicular to the filament in
which they are located (at least until masses of a few times 1011 M� h−1 (Aragón-
Calvo et al., 2007), later confirmed by Hahn et al. (2007a).

• The major axis of inertia of haloes is strongly aligned with the direction of the
filament in which they are located.

On the other hand, the vast amount and variety of results found in the literature demon-
strates that the search for correlations in the real universe still represents a major challenge
(see table 5.1). Galaxy surveys impose severe limitations on the study of orientations due
to the following factors:

• The only available information of the shape or spin of galaxies comes from the lu-
minous baryonic matter, making it difficult to directly compare with N-body simu-
lations solely based on dark matter. The coupling between the spin and shape of the
baryonic and dark matter components is still not well understood. Van den Bosch
et al. (2002) and Chen & Jing (2002) found that the median angle between gas
and dark matter is in the order of  30◦. This misalignment between dark matter
and gas is sufficient to erase any primordial alignment signal between the galaxies
and their host filament or wall. This effect however, could be rendered trivial if the
gaseous component of galaxies retains its primordial orientation better than its dark
matter counterpart as suggested by Navarro et al. (2004).

• It is not possible to directly measure the shape of the dark matter halo in which
the galaxy is supposedly embedded. Elliptical galaxies are assumed to reflect the
shape of their host dark matter halo but this remains a mere assumption with no
solid evidence. This limits the search for correlations in the orientation of galaxies
to the more erratic spin vector.

• Large galaxy surveys only yield the galaxy’s projected shape and position angle
(PA) in the plane of the sky. These two measures result in a four-fold ambiguity
in the determination of the three-dimensional spin vector. In the case of ellipticals
there is no way to relate the shape and position angle with the spin vector.
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• Deviations in the shape of galaxies from ideal planar discs affects the estimation of
the inclination derived from their projected shape. Also the limiting resolution of
the telescope and atmospheric seeing affect this measure.

• It is not possible to derive the true position of a galaxy to within a few mega-
parsecs due to their peculiar velocities which affect the distance estimation. This
has a crucial impact in the characterization of the local geometry of the galaxy dis-
tribution. The so-called redshift distortions re-shape the observed distribution of
galaxies rendering it difficult to characterize the matter distribution.

• The intrinsic limitations of the survey such as magnitude limit and geometry set
constraints on the density of observed galaxies and the size of the structures we can
reliably identify.

Recently Trujillo et al. (2006) using a simple approach identified the walls surrounding
voids and found a significant correlation between the the spin of spiral galaxies and the
plane of the walls (assumed to be perpendicular to the void center). The same effect was
previously reported by Kashikawa & Okamura (1992) in the Local Supercluster and later
by Navarro et al. (2004). Lee (2004) noted the significance of the effect confirming their
theoretical prediction that the spin vector of galaxies in walls lies on the plane of the wall.
Paradoxically the alignments of real galaxies in filaments still remains unsolved in spite
of their relatively easier identification. Studies focused on filaments have been restricted
to specific regions in the sky. In particular considerable attention has been given to the
Pisces-Perseus Supercluster (PPS) given its prominence and clear filamentary nature. To
date however the effect is elusive, reflecting the extremely weak nature of the alignment
of galaxies in filaments found in N-body simulations (Aragón-Calvo et al., 2007; Hahn
et al., 2007b).

The alignments of galaxies with their surrounding matter distribution has important
consequences in weak lensing studies where the orientation of galaxies is assumed to
be random (Heavens et al., 2000; Croft & Metzler, 2000; Heymans et al., 2006). The
existence of a systematic alignment will set constraints on the applicability of lensing as
a probe of the underlying matter distribution (Lee & Pen, 2002).

5.1.1 Work plan

In this chapter we present a study of the spin alignment of spiral galaxies located in cos-
mological filaments identified in the SDSS. The filament identification was performed
using the Multiscale Morphology Filter. In section 2 we define the galaxy sample used in
this work and describe the systematics present in the data. section 3 describes the various
steps needed to derive the underlying density field from the discrete galaxy distribution.
Section 4 details the morphological segmentation performed with the MMF. Some gen-
eral properties of the Cosmic Web will be specified. Section 5 provides a short description
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Author Sample Ngals Results
Strom & Strom (1978) PPS 72 -Preference for the major axes of ellipticals to

align with PPS ridge.
Gregory et al. (1981) PPS 73 -Bimodal distribution, both ‖ and ⊥ to the PPS

ridge.
Dekel (1985) PPS -Search in pancakes, no evidence of anisotropy.
Flin (1988) PPS 118 -Tendency to align ⊥ to the supercluster plane.
Lambas et al. (1988) PPS -Morphology-orientation effect: ellipticals ‖ to

local supercluster features, spirals and S0 no
significant alignment

Cabanela & Aldering (1998) PPS 1400 -Reddest galaxies ⊥ to local large scale struc-
ture, bluest near supercluster plane isotropic PA
distribution.

Cabanela & Dickey (1999) PPS 54 -No significant evidence of alignment in the
sample.

Wu et al. (1997) Coma 128 -SO ‖ to cluster plane, spirals and irregulars ‖
or ⊥ to the cluster plane.

Flin (2001) Coma -Spiral aligned with the plane of the superclus-
ter.

Helou & Salpeter (1982) Virgo 20 -No evidence of anisotropy
Hu et al. (1995) Virgo 310 -Morphological dependence: spirals both ‖ and

⊥ to local supercluster plane, SO no significant
anisotropy.

Flin & Godlowski (1986) LSC 1275 -Spin vector tends to be ‖ to local supercluster
plane, projection of rotation axes in local super-
cluster tends to point towards Virgo cluster.

Kashikawa & Okamura (1992) LSC 618 -Near galaxies ‖ to LSC plane and far galaxies
⊥ to it. Galaxies in core and near Virgo point
towards its center.

Yuan et al. (1997) LSC 302 -Spin vector ‖ to LSC plane.
Hu et al. (1998) LSC 220 -Morphological dependence: S0 concentrated

towards LSC and ‖ to LSC plane, spirals
weakly aligned to LSC plane.

Hu et al. (2006) Review of galaxy alignments in the LSS.

Han, Gould & Sackett (1995) Ursa Major 60 -No significant alignment.

Trujillo et al. (2006) SDSS, 2dF 100 Galaxies aligned with the plane of the wall in
which they are located. Analysis restricted to
edge-on and face-on spiral galaxies.

Table 5.1: Previous studies of alignment in galaxies.

of the filaments identified with the MMF. Section 6 presents the main results on the orien-
tation of galaxies located in filaments and finally in section 7 we give concluding remarks
and some guidelines for future work.
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5.2 Galaxy Sample: The Sloan Digital Sky Survey

The results presented in this chapter are based on a galaxy sample selected from the
largest galaxy survey to date, the Sloan Digital Sky Survey (SDSS). The SDSS is a
wide-field photometric and spectroscopic survey carried out with a dedicated 2.5 me-
ter telescope at Apache Point, New Mexico (York et al., 2000). The telescope scans
continuously the sky on five photometric bandpasses namely u, g, r, i and z, down to
a limiting r-band magnitude of 22.5 (Fukugita et al., 1996; Smith et al., 2002). All the
data is processed by dedicated software for astrometry (Pier et al., 2003), identification
of sources and candidates (Lupton et al., 2001), candidate selection for the spectroscopy
sample (Eisenstein et al., 2001; Strauss et al., 2002), adaptive tiling (Blanton et al. 2003)
and photometric calibration (Hogg et al., 2001; Smith et al., 2002). An extensive analysis
of possible systematics uncertainties is described in Scranton et al. (2002). When finished
the SDSS will cover approximately 104 degree2. The main part of the survey is located
in the Northern Galactic sky, with an additional small area in the Southern Galactic sky.
In total it will provide ∼ 108 optical images in five bands and ∼ 106 spectra of galaxies
with mr < 17.77 (Gunn et al., 1998; York et al., 2000).

The spectroscopic targets are divided into three categories:

• The main galaxy sample (Strauss et al., 2002).

• The luminous red sample (Eisenstein et al., 2001).

• The quasar sample (Richards et al., 2002).

The main galaxy sample is complete down to an apparent r-band Petrosian magnitude
limit of mR < 17.77. The galaxy sample used in this work was obtained from the sky
server 1 using the SDSS CasJobs site 2. The website is based on SQL queries which can
perform a large number of pre-processing tasks (see appendix 5B). All galaxies with r-
band apparent magnitude of r < 20 were extracted from the spectroscopic main sample.
For each galaxy we obtained the position in the sky (ra,dec) and redshift z as well as
many other properties such as apparent magnitudes in the five bands (u, g, r, i and z),
isophotal radius, position angle in the sky, petrosian radius enclosing 90% and 50% of
the total flux, etc. The detailed list of properties queried can be found in appendix 5B.

Figure 5.1 shows the projection on the sky of the spectroscopic sample taken from
the latest data release to date3 (DR5). There are five large patches. There are also several
smaller ones corresponding to the last observed fields as well as many “holes” inside the
large areas. The holes are the result of bright stars, telescope artefacts and failures in sky
coverage. When finished the SDSS will completely cover the area in the center of the
map in figure 5.1, covering almost a quarter of the sky.

1http://www.sdss.org/
2http://casjobs.sdss.org/CasJobs/
3by the time this thesis was submitted a new data release was made available
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Figure 5.1: Projection on the sky of the SDSS-DR5 spectroscopic sample. The center of the plot
is in the direction α = 180, δ = 0. Contour lines delineate the edges of the survey. The gray area
indicates the area in the sky from which the galaxy sample used in this work was taken.

5.2.1 Survey Geometry

Angular mask

The coverage mask of the SDSS spectroscopic sample has a complex geometry due to
the fact that it is an on-going survey and several regions are still in the process of being
mapped. The edges of the large patches are not uniform and several holes can be seen
inside the patches. The edges of the survey introduce artefacts in the determination of
quantities such as the density field. Because there is no information available the density
field cannot be accurately computed in regions close to the edges of the survey. Two
properties are desirable for a survey in order to minimize the effect of geometry in the
determination of the density field:

• Large area coverage in order to include the largest possible volume. This is cru-
cial for the detection of filaments since small surveys and in particular thin slices
systematically “cut” elongated associations of matter that are not contained in the
plane of the slice. The same is true in the case of the identification of walls.

• Minimum perimeter/area ratio in order to minimize the effect of the edges in the
determination of the density field. Large perimeter/area ratios indicate intricate
edges while small ratios correspond to smooth edges. The area/perimeter ratio is
minimum for a circle.

Figure 5.1 represents the patch in the survey that most closely matches the above criteria
in the filled gray area. The study presented here is based in this particular patch. It
roughly corresponds to the range −70◦ < λ < 70◦ and 0◦ < η < 40◦ in the survey
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coordinate system (λ, η). This coordinate range corresponds roughly to (15◦ < δ < 70◦)
in declination (see figure 5.30). For convenience we rotate the galaxy sample in the survey
coordinate system (see appendix 5A):

ηrot = ηori − 50◦ (5.1)

where ηori is the original “latitude” coordinate of the galaxy and ηrot the “rotated” one.
The new “center” of the survey lies approximately at the equator of the celestial sphere.
In what follows we use the rotated survey.

Radial Extent

The radial extent of the survey is in the redshift range 0.01 < z < 0.11. This allows us to
study the local large scale neighborhood as well as moderately remote structures. The far
end of the survey has been chosen to be close to the peak in the radial selection function
(see section 5.2.4). Figure 5.2 shows the survey mask at three different orientations. Note
the complex general shape of the survey and its “corrugated” surface containing several
holes and small “pencils” in the periphery.

5.2.2 The Magnitude Limited Sample

The first step in our analysis is the determination of the underlying density field, traced by
luminous galaxies. The selection of an adequate galaxy sample is of crucial importance
in order to trace the intricate multiscale features in the large scale matter distribution. In
the determination of the galaxy sample we are faced with two possibilities:

• Magnitude limited sample, containing all galaxies with spectroscopic redshifts
down to a limiting magnitude. This sample is mainly limited by the telescope
capabilities. It provides a non-uniform distribution of galaxies along the line of
sight. Faint nearby galaxies are included while galaxies of the same luminosity
but at larger distances from us are no longer included. Magnitude limited samples
must be weighted with a function describing the dependence on the survey galaxy
number density as a function of their distance from us (see section 5.2.4). The great
advantage of magnitude limited surveys is the ability to use all available spatial
information present in the survey. The disadvantages are the non uniform coverage
and the (small) uncertainty in the “real” mean of the sample given by the weighting
function.

• Volume limited samples are based on galaxies restricted to a carefully defined
range in absolute luminosities such that over the complete survey volume all galax-
ies brighter a given luminosity are included. Volume limited catalogues are uni-
formly sampled avoiding the use of weighting functions. Their biggest advantage
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Figure 5.2: Three different views from the three-dimensional mask of the selected area.
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Figure 5.3: Mean inter-galaxy separation as function of redshift. The value at z = 0 corresponds
approximately to the mean inter-galaxy separation measured in the SDSS DR5 (see section 5.2.4).

consist in providing a uniform sampling of the galaxy distribution. The disadvan-
tage is that they are diluted and therefore miss out on the spatial resolution of the
galaxy sample. As a result, intricate small-scale patterns will be difficult to resolve.

For our purposes the magnitude limited sample is the best choice since it allows us to
take full advantage of all the spatial information contained in the catalogue. The use
of a weighting function to correct the variations in the mean density does not represent a
problem since the morphological characterization is computed locally and at scales where
the possible deviations from the “true” mean density due to uncertainties in the weighting
function are negligible.

The dilution in the density of galaxies significantly affects the ability to reconstruct
the intricate patterns in the galaxy distribution. Al large distances small features disappear
making it difficult to perform a morphological characterization (see appendix 5D). The
dilution in the number of galaxies also means that the amount of information will decrease
with redshift. It is not possible to correct for this effect. Potentially, we could use the mean
local density of galaxies to define a natural smoothing length at which the structures can
be reliably detected. Figure 5.3 shows the mean inter-galaxy separation as function of
their redshift (following the radial selection function described in 5.2.4). At the far end of
our galaxy sample z = 0.11 the distance between galaxies increases by a factor of two.
The mean inter-galaxy separation gives an indication of the smallest structures we can
resolve in the density field. Locally the spatial resolution we can achieve may be higher
given the clustering properties of the galaxies.
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Figure 5.4: Completeness mask of the same patch in the sky used in this work but corresponding
to the DR4 completeness mask given in the NYU-VAGC catalogue (Blanton et al., 2005b).

5.2.3 Angular selection function

The mean number of galaxies per unit area is assumed to be constant across the sky.
In practice the detection rate of galaxies varies slightly as a function of the position in
the sky. This is a combination of several factors including: telescope artefacts, fiber
collisions in highly dense regions (in the case of the spectroscopic sample), number of
available fibers, bright foreground stars, etc. All contribute to a variation in the mean
surface density of galaxies, encoded in the angular selection function. Blanton et al.
(2005b) provide a completeness mask for the DR4 release based on the Mangle software
(Hamilton & Tegmark, 2004). Unfortunately, the completeness mask for the DR5 release
has not yet been made public.

The completeness mask does not change significantly across the area of the survey.
The completeness mask of the same survey patch but for the DR4 release is shown in
figure 5.4. We construct the mask with values in the range [0-1] by assigning complete-
ness values to a grid of 0.04 degree2 resolution per pixel pixel in the range (α, δ) of the
survey. The completeness values were obtained from the mangle mask provided with the
NYU-VAGC galaxy catalogue (Blanton et al., 2005b). Figure 5.4 shows that it is safe
to assume the values of the completeness mask to be equal to unity in the complete area
of the survey with the exception of the edges and holes where the coverage is still not
complete.

5.2.4 Radial selection function

The selected sample of galaxies is magnitude limited. For a given apparent magnitude the
density of objects will decrease as a function of their distance from us. This change in the
density of observed objects is the combination of (to a first approximation) two effects:
the geometrical dilution of photons (which goes as r−2 in a flat non-expanding universe)
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and the shift in the energy of the detected photons due to the expansion of the universe in
which photons emitted at a given wavelength window are shifted to a redder bandpass or
filter. The geometrical dilution can be easily corrected while the shift of photons depends
on the spectral distribution. We used a simple formula to model the change in the mean
number of galaxies as function of their redshift given by Efstathiou & Moody (2001):

dN = Aφ(z)z2dz (5.2)

where A is a constant that depends on the mean number of galaxies. The dependence of
the mean number of galaxies with redshift is encoded in the function

φ = exp (−(
z

zr
)β). (5.3)

where zr is the characteristic redshift of the distribution and β specifies the slope of the
curve. The best fit to the observed galaxy distribution in our sample is shown in figure
5.5 (A = 6.8× 106, zr = 0.04, β = 1.09 ). The far end of our galaxy sample z = 0.11 is
close to the peak in the selection function. This limits the negative impact of the selection
function in the spatial resolution.

The decrease in the mean number of galaxies as function of redshift can be corrected
by weighting each galaxy with the inverse of the selection function evaluated at its red-
shift. This will provides us with a uniform density variation along the line of sight. The
survey geometry encloses a volume of approximately 7.3 × 106 h−3 Mpc3 with a mean
(weighted) inter galaxy separation of ≈ 2.5 h−1 Mpc. The main properties of the survey
used in this work are presented in table 5.2

Ngal Area Volume zmin zmax

∼ 100,000 3,330 squared degrees 7.3 × 106h−3 Mpc3 0.01 0.11

Table 5.2: Properties of the survey used in this work.

5.3 From galaxy distribution to density field

Some steps are necessary before computing the density field from the discrete galaxy
distribution.

• The correction of the redshift distortions produced by non-linear peculiar velocities.

• The weighting function used to correct the radial selection function.

• Rotate the survey to the equator.

• Fill holes in the survey with particles following the surrounding matter distribution.
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Figure 5.5: Redshift distribution of galaxies in our sample. The continuous line represents the
best fit to the data. The relative difference between the homogeneous case and the real distribution
is shown in the lower panel. Note the prominent overdensity at z = 0.07 corresponding to the
Sloan Great Wall (Gott et al., 2005) and the underdense regions around it.

5.3.1 Redshift and Distance

The expansion of the universe and its (assumed) isotropic nature provides a convenient
way to determine the distance to galaxies by means of their recession velocity:

rgal =
vrec + vpec

H0
(5.4)

where rgal is the distance to the galaxy, vrec the recession velocity of the unperturbed
Hubble flow, vpec the peculiar velocity of the galaxy respect to the Hubble flow and H0

is the Hubble parameter, parametrized by h:

H0 = 100h [km s−1 Mpc−1]. (5.5)

The recession velocity can be inferred from the spectra of the galaxy by measuring the
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shift in frequency of emission or absorption lines compared to the rest frame. This shift
is produced by the stretching of photon wavelenghts by the expansion of the Universe:

νe = (1 + z)ν0 (5.6)

where νe is the frequency of a photon when it was emitted, ν0 is the observed frequency
and z is the so-called redshift. More in general we can compute the distance to a galaxy
given its observed redshift according to:

r(z) =
∫ z

0

1
(Ωm(1 + z3) + (1 + Ωm − Ωλ)(1 + z)2 + Ωλ)

(5.7)

where Ωm and Ωλ are the matter density and cosmological constant parameters respec-
tively.

Figure 5.6 shows the raw distribution of galaxies in an equatorial slice across the
survey in the declination direction. The complexity of the galaxy distribution is evident.
Immense associations of galaxies, superclusters and large filaments mark the tapestry of
the galaxy distribution. A notable example is the c-shaped structure in the middle of
the slice extending almost one third of the radial extent of the survey. Inside the massive
associations we may observe small features. Conspicuous are the highly elongated fingers
of God produced by the high peculiar motions in the interior of groups and clusters. Also
striking are the vast empty regions, the voids pervading space. They provide an overall
impression of a foam (van de Weygaert, 2002) or a the Cosmic Web (Bond et al., 1996).
It is a characteristic pattern of the gravitational instability collapse scenario.

5.3.2 Redshift distortions and morphology artefacts

Peculiar velocities produced by large coherent flows and non-linear motions introduce
an extra factor in the estimated distance of the galaxies. Redshift distortions can have a
dramatic effect on the estimated distances and re-shape the large scale matter distribution.
The effect of redshift distortions is most outstanding in highly dense environments like
clusters and large groups and to less degree in the intermediate-dense filaments. Pairs
of clusters located along the line of sight can be stretched until they merge into a single
elongated structure, producing false filaments along the line of sight. Voids are polluted
by galaxies in clusters with very high velocity dispersions going as far as the inner regions
of even intermediate size voids. Small groups and pairs of galaxies are disrupted, their
members being found several megaparsecs away from each other. While in principle it is
possible to model the effect of peculiar velocities on large scales where structures are still
in the linear regime, the contribution from non-linear process present a major challenge.
The high velocities characteristic of the internal non-linear dynamics of virialized objects
give rise to the so-called fingers of God (see Hamilton (1998) for an excellent review).

The redshift distortions induced by the large scale coherent cosmic flows accompany-
ing the growth of structure also evoke significant patterns in redshift space maps. Pointed
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Figure 5.6: Equatorial slice through the SDSS sample. Each points corresponds to the redshift
and RA (rotated to the equator) of each galaxy in the sample.

out by Kaiser (1987) it is usually called the Kaiser effect. The effect increases the con-
trast of filaments and walls outside their infall regions (typically 4 h−1 Mpc, see chapter
3 section 3.8). It enlarges and elongates voids, making them appear larger and emptier
than they really are (Ryden & Gramann, 1991). The Kaiser effect has a favorable result
by enhancing the Cosmic Web. It may therefore potentially facilitate the morphological
segmentation. We do not attempt to correct it.

5.3.3 Finger of God compression

In order to correct the Fingers of God we performed a non-linear “compression” algo-
rithm, in a similar fashion as done by Tegmark et al. (2004). First we identify highly
elongated groups along the line of sight and posteriorly we “compress” them until their
dispersion in the transverse direction equals the dispersion along the line of sight (see
appendix 5C for details). Figure 5.7 shows the effect of the Finger of God compression
algorithm. The original distribution is shown in the top panel. The center panels show
the isolated fingers of God before (left) and after (right) the compression algorithm. The
bottom panel shows the final galaxy distribution with no fingers of God.
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Figure 5.7: Fingers of God removal in a slice of 6 degrees of thickness in declination. From the
original galaxy distribution we extract the Fingers of God (Middle left) and compress them on the
line of sight direction (Middle right). The final distribution without FoGs is shown in the lower
slice.
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5.3.4 The Density Field

The discrete distribution of galaxies must be translated into a continuous volume-filling
density field in order to be able to perform the morphological segmentation. It is there-
fore of crucial importance to optimally represent objects, structures, features and patterns
present in the Cosmic Web. The derived density field must have two important properties:

• The accurate representation of the features present in the discrete distribution. This
includes the morphology of the structures as well as their characteristic scale. The
density estimator must be able to follow the intricate patterns sampled by the galaxy
distributions reflecting their highly anisotropic nature.

• No artificial features must be included in the density field. This point is specially
significant in the low density regions where the sampling of galaxies is very poor
and most algorithms often introduce strong artefacts. In the case of galaxy sur-
veys where the mean interparticle separation is of the same order as the features
in the galaxy distribution this becomes critical. This property is very difficult to
fulfill since the density estimation ultimately will rely on assumptions regarding
the properties of the density field such as continuity of the density field itself and
its derivatives.

The Delaunay Tessellation Field Estimator

In order to translate the discrete distribution of galaxies into a proper continuous field
with the characteristics defined above we used the Delaunay Tessellation Field Estimator
(DTFE) (Schaap & van de Weygaert, 2000). The DTFE interpolation method was intro-
duced by Schaap & van de Weygaert (2000), for rendering fully volume-covering and
volume-weighted physical fields from a discrete set of sampled field values. The method
is self-adaptive and does not make use of any artificial smoothing procedure. It followed
the pioneering work by Bernardeau & van de Weygaert (1996) for using the Delaunay
tessellation of the point set as a natural and self-adaptive interpolation frame for recov-
ering the continuous velocity field sampled by the velocities at those points. Schaap &
van de Weygaert (2000) and Schaap (2007) extended this to the recovery of the density or
intensity field when one assumes it to be fairly sampled by the spatial point distribution.
The DTFE provides an excellent representation of the anisotropic features in the galaxy
distribution at all scales. However, it has the tendency of producing density fields with
strong triangular features as a result of the linear interpolation scheme that reflects the
sparse sampling of the galaxies in a real survey as shown in figure 5.8. More sophisti-
cated interpolation schemes such as the natural-neighbor filtering produce more smooth
density fields (van de Weygaert, 2002). The details of the DTFE method are explained in
appendix 5D.

Galaxies at the boundaries of the survey geometry will be assigned lower densities
due to their reduced number of neighbors. We must therefore “fill” the space around the
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Figure 5.8: 2D density field estimation from a discrete galaxy distribution (top-left panel). The
corresponding density field is shown in the top-right panel as well as two zoomed regions in the
bottom-left and bottom-right panels.

survey with randomly placed galaxies with the same radial selection function as the real
galaxies. We used a lower mean density of particles that the total “weighted” density
of the real sample for speed and weighted the random particles (in addition to the radial
selection function) accordingly such that the weighted mean densities are the same.

Rotation to equator

In order to minimize the volume of the box containing the wedge we rotated the survey
in the survey coordinate system such that its new “center” is located at the equator of
the celestial sphere as explained in section 5.2.1. The rotated survey was placed inside a
rectangular grid of 600 × 300 × 150 Mpc with of 512 × 256 × 128 pixels respectively.
The resolution per pixel is then  1.7 Mpc/pixel.
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Filling holes in the survey

Another important source of uncertainty in the density determination are the “holes”
present inside the angular mask of the survey (see figure 5.1). This was a major prob-
lem until the earlier data release DR4 but now it has been solved to some extent. The area
of the holes in the DR5 data release is negligible compared to the covered area (at least
in the region we used in our analysis). We account for the holes since they may introduce
unwanted geometrical artefacts like the “breaking” of filaments. Several approaches have
been proposed in order to deal with this problem, each one with its own advantages and
specific issues. The simplest way is to fill the holes with randomly placed filling points
simply following the selection function and not accounting for the clustering properties
of real galaxies, therefore treating low and high density regions in the same way. This has
a large impact on the DTFE reconstruction since galaxies located in low density regions
are connected through their adjacent Voronoi cell to other galaxies that can be far away,
thus “propagating” the erroneously assigned density. Another possibility is to extrapolate
the density field within the holes and subsequently interpolate the density field along the
direction perpendicular to the smallest extent of the gap in the data .This method relies
on the grid resolution and more important: it assumes that the density field changes only
along the interpolating direction, thus introducing strong artefacts. A more adequate tech-
nique is the use of constrained random fields, but unfortunately this implies smoothing
the density field on linear scales, erasing the features we seek to identify.

5.3.5 The Delaunay Tessellation Field Interpolation

We propose a new method based on the local geometry of the galaxy distribution de-
scribed by its Delaunay tessellation. The Delaunay Tessellation Field Interpolator (DTFI)
is ideally suited for the problem at hand. It naturally adapts to the intrinsic local geome-
try and scale of the galaxy distribution around the holes by exploiting the volume-filling
properties of the Delaunay tessellation. It is based on the observation that the tetrahedron
which intersect the holes in the data carry the geometrical information imprinted by the
adjacent point distribution. The density field is interpolated inside the “gap” following
the Delaunay Tessellation. This density field defines a probability function that is used to
“populate” galaxies inside the hole (see appendix 5D for a detailed explanation). Figure
5.9 shows the Delaunay tessellation of a particle distribution before (left panels) and af-
ter (central panels) a “hole” is cut along the x-axis. The DTFI interpolated distribution
is shown in the right panels. The DTFI removes the hole following the adjacent matter
distribution delineated by its Delaunay tessellation.

After survey boundaries and holes have been properly corrected we proceed to com-
pute the density field using a slightly modified version of the original DTFE code (Schaap,
2007). Each galaxy is then assigned a weight defined as the inverse of the radial selec-
tion function evaluated at its redshift (see section 5.2.4). The linear interpolation on the



208 5. Alignment of Galaxies in SDSS Filaments.

Original Hole Reconstructed

Figure 5.9: Filling of a hole using the DTFI: The left panels show the Delaunay tessellation (top)
and density field (bottom) corresponding to the biased particle distribution in an N-body simula-
tion. Central panels show the corresponding Delaunay tessellation and density field after a “hole”
has been cut from the original particle distribution. The hole is indicated by the horizontal shaded
area crossing the top panels. The final result of applying the DTFI is shown in the right panels.
The DTFI manages to reconstruct the original density field following the adjacent geometry of the
galaxy distribution.

grid is performed at 9 different random locations inside each 3D pixel and then averaged
in order to get a more accurate sampling of the density field. We produced a grid of
512 × 256 × 128 pixels sampling a box of 600 × 300 × 150 h−1 Mpc (see Figure 5.10).
The final resolution is 1.17 h−1 Mpc per 3D pixel. Performing the morphological analy-
sis in a grid of this size is computationally straightforward and is within the limit of the
smallest scales we can accurately reconstruct from the redshift distortions.

5.4 Morphological segmentation

For a detailed explanation of the morphological segmentation we refer to chapter 2 where
we describe the specific steps that comprise the MMF method. The complete MMF
pipeline includes the identification of clusters, filaments and walls (in that specific order).
In this work we restrict ourselves to the identification of clusters and filaments. Walls are
extremely difficult to identify directly mainly because of two effects:
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Figure 5.10: Top: galaxy distribution after correction of redshift distortions and the holes in the
survey angular mask. Bottom: the corresponding density field computed with the DTFE. The gray
shades correspond to the value of the density field in logarithmic scale.

• The faint galaxies delineating them, as suggested by their steep mass function (see
chapter 4, section 4.4).

• Their low surface density and contrast.
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Moreover, the morphological segmentation is affected by redshift distortions and the di-
lution of the density of galaxies as function of their distance from us. Our main goal is
to study the orientation of spiral/disk galaxies embedded in filaments and most of our
following discussion will be focused on them. Less attention will be given to clusters of
galaxies.

The biasing of luminous galaxies with respect to the more extended dark matter back-
ground has a positive effect on the morphological segmentation. It enhances the features
in the Cosmic Web by excluding galaxies from underdense regions, increasing the density
contrast of filaments and clusters. We do not attempt to correct it. In order to understand
the effect of the radial selection function in the identification of filaments we created a
mock catalogue using a simple bias prescription applied to dark matter particles in large
N-body simulation (see appendix 5E for details). We subsample the biased particles to
mimic the radial selection function of the real galaxy sample. We then compared the
galaxies that were identified in filaments with respect to the sample without decimation.
The ability of the MMF to identify galaxies in filaments is robust to strong decimation. In
the far end of the galaxy sample where the density of galaxies drops to ∼ 10% the MMF
identifies more than 60 % of galaxies in filaments with a contamination of almost 50 %.

5.4.1 Clusters

The first step in the morphological segmentation involves the identification of spherical
clusters. Figure 5.11 shows the density field used as input for the MMF (top panel) and
the surfaces enclosing regions of space associated to clusters of galaxies (bottom panel).
Large clusters identified with the MMF sit at the nodes of the Cosmic Web delineating
the large scale matter distribution. Voids can also be identified as the regions containing
no galaxies at all. Figure 5.11 shows all the clusters inside the geometry of the survey.
As a result some voids can not be fully appreciated due to projection effects. Clusters of
galaxies contain 15.32 % of the total number of galaxies inside 0.34% of the total volume
of the survey. These numbers are in rough agreement with our results computed from
N-body simulations in which the obtain 28.1% of the mass in clusters inside 0.38% of
the total volume (see chapter 3, section 3.5.1). Note that we assume that all galaxies have
the same mass. In reality galactic haloes in clusters correspond mostly to more massive
ellipticals. This may account for the difference in the mass content between clusters
identified in the SDSS and the N-body simulation.

The MMF is not ideally suited for the identification of clusters in galaxy surveys
because it assumes that clusters are spherical objects. The finger of God compression
algorithm described in section 5.3.3 systematically isotropizes line-of-sight elongated
overdensities. Groups that are disperse along the line of sight will be compressed to a
spherical configuration and identified as clusters by the MMF. This will include some
groups in filaments and even some filaments oriented in the radial direction. The con-
tamination will affect the cluster sample but not the filament sample since groups will be
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Figure 5.11: Density field (top) projected along the z-axis, and the three dimensional surfaces
enclosing regions of space identified as clusters (bottom).

only excluded from the filament sample but not included in the cluster sample. We do
not attempt to correct this effect, but we account for it in the determination of the random
samples in section 5.6.2.

The present implementation of the MMF does not yet include all criteria to make it
suitable for detecting clusters of galaxies in observational datasets. Other clusterfinder al-
gorithms explicitly developed for this purpose do specify various necessary criteria (Goto
et al. (2002); Kim et al. (2002); McKay et al. (2005); Merchán & Zandivarez (2005);
Berlind et al. (2006); Miller et al. (2005) see also Nichol (2003) for a review). Some of
the complications for identifying clusters of galaxies from redshift surveys include:
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Figure 5.12: Comparison between clusters identified with the MMF (gray blobs) and the C4
algorithm (circles). The circles are centered at the center of mass of the C4 cluster and scaled
with their radius provided in the catalogue. We also plot the galaxy distribution (black dots) after
finger of God compression.

• The geometry of the cluster is distorted due to peculiar velocities. It is often neces-
sary to perform a pre-processing of the galaxy sample in order to correct for such
distortions.

• Highly distorted clusters may intersect with other structures along the line of sight.
This introduces a level of contamination in the cluster by including galaxies from
other environments.

• Clusters of galaxies are composed of a mixture of galaxy types. Also the luminosity
between individual galaxies is different.
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Figure 5.12 shows clusters identified with the MMF and the C4 algorithm. The re-
gion shown encloses the DR2 sample from which the C4 catalogue was computed. We
extracted a region from the DR5 sample with approximately the same range in RA and
DEC as the DR2 sample. From figure 5.12 we can see that in general clusters identi-
fied with the C4 are also identified with the MMF. However, there are some differences
between the two samples

• A few clusters identified by the C4 algorithm are not identified by the MMF. These
clusters are close to the edges of the survey and therefore discarded from the MMF
sample.

• In some cases clusters are identified at a different position by the C4 and MMF
methods. This is a result of the method used to compute the center of the cluster
and line of sight contamination. The C4 catalogue provides the center of mass
and the position of the brightest cluster galaxy. In this study we used the center
of mass. Clusters identified with the MMF are first compressed along the line of
sight. The friends-of-friends method used to identify fingers of God may associate
clusters joined by thin bridges (often produced by the fingers of God) and therefore
the final cluster may contain galaxies far away from its original position. The final
result is a translation of the cluster’s position along the line of sight.

• There seems to be an excess of MMF clusters compared to the C4. This is mainly
due to the larger volume covered by the DR5 sample.

The C4 algorithm searches for clusters in a seven-dimensional space using both position
and color information. This makes it more robust to projection effects and redshift dis-
tortions than the present state of development of the MMF. The current implementation
of the MMF does not take advantage of the color information present in the galaxy cata-
logue. This could be included in the MMF method without much effort. A more robust
cluster finder based on the MMF will be the subject of a future study.

5.4.2 Filaments

Once we identified clusters of galaxies the next step is the identification of filaments.
Galaxies located inside clusters are removed from the original galaxy distribution and a
new cluster-free density field is computed. Figure 5.13 (top Panel) shows the cluster-free
density field and the surfaces enclosing regions of space with filamentary nature.

Filaments enclose 46.4% of the total number of galaxies and 7.95% of the volume
of the survey. This is in good agreement with our findings based on N-body simulations
described in section 3.5.1. The filamentary network depicted in figure 5.13 delineates the
spine of the Cosmic Web. Voids are clearly identified as regions with no filaments. A
good example is the huge void at α = 210o,z = 0.05 already seen in the density field
and clearly delineated by the filamentary network. There is an immense concentration
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Figure 5.13: Top: density field computed from the galaxy distribution after the galaxies residing
in clusters have been extracted. Bottom: the surfaces enclosing regions of space identified as
filaments. The filaments delineate the patterns in the Large Scale Structure more closely than
clusters.

of galaxies around 180◦ < α < 230◦ and z = 0.07. Such associations correspond to
superclusters and are commonly described as walls and filaments. Table 5.3 shows the
mass (defined by the number of galaxies) and volume content of clusters, filaments and
the field. In this case field refers to all galaxies that do not belong to either a cluster or to
a filament. This corresponds to galaxies in walls and voids.

Filaments identified from the galaxy distribution appear to be somewhat thicker than
filaments in N-body computer simulations. The reason for this twofold. One is the lim-
ited resolution of the density field, a second one is the smearing of small-scale features
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in the galaxy distribution due to the peculiar velocities of galaxies. Figure 5.14 shows
the enclosed density in shells of increasing radius, computed by binning the radial dis-
tances of all galaxies with respect to the spine of their host filament. This is equivalent
to measuring the linear density enclosed inside cylinders of increasing radius and fixed
length (see chapter 3 section 3.7.6). We computed the enclosed density profile from both
the “raw” galaxy distribution and the “processed” galaxy distribution after finger of God
compression. The “edge” of the filaments corresponds to the point where the curve fol-
lows a r−2 power law indicating that for larger radius the mass enclosed in the cylinder
does not change while the volume increases as r2. Filaments in the unprocessed distribu-
tion of galaxies are thicker (∼ 6 Mpc) than their counterpart in computer simulations (∼
2 h−1 Mpc). After removal of fingers of God filaments have a smaller radial extent due
to the compression of groups of galaxies embedded inside filaments. The compression
algorithm, however, does not correct the bulk velocities of the groups of galaxies them-
selves, only the redshift distortions due to their internal motions. This is the reason why
the filaments identified with the MMF look thicker even though the compressed (FoG)
filaments look thinner.

Figure 5.14: Enclosed density profiles of the raw galaxy positions (left) and after FoG compres-
sion (right).

% blobs % filaments % field
Volume filling 0.34 7.95 91.7
Mass content 15.32 46.54 38.14

Table 5.3: Inventory of the cosmic web in terms of clusters, filaments and the field delineated by
galaxies in the SDSS DR5. The field refers to galaxies that do not belong to clusters or filaments,
corresponding to galaxies in walls+voids. The mass corresponds to the number of galaxies.
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Figure 5.15: Galaxies in filaments after the filament compression procedure. The shaded area cor-
responds to a large void and the area inside the square corresponds to a large wall-like filamentary
system.

5.5 The Filament sample

An extensive quantitative description of the filamentary network is the subject of a future
study, here we provide a qualitative description. In order to fully appreciate the richness
of the filamentary network it is more convenient to use the “compressed” filaments, fol-
lowing the algorithm described in chapter 3, appendix 3.10. Note that this compression
algorithm is not the same as the finger of God compression. The compressed galaxy dis-
tribution enhances the filamentary network and produces a cleaner view of the structures.

Figure 5.15 shows the compressed filamentary network projected over the declination
axis. Filaments delineate cells of a variety of sizes. The complexity of the filamentary
network is remarkable. Large empty regions with almost no filaments are clearly visible.
Various composite systems comprised of several filaments cross the survey volume. The
size of the largest structures in this slice is of the order of a hundred Megaparsecs. Any
attempt to study the properties of the filamentary network requires the use of automated
methods given the number and complexity of the structures.

Figure 5.16 shows a cross eyed 3D stereogram of the two regions indicated in figure
5.15. The three-dimensional nature of the filamentary system and the void are better
appreciated with this kind of visualization. The size of the box containing the wall and
void is of the order of ∼ 100 Megaparsecs. Filaments in the top panels are preferentially
oriented perpendicular to the line of sight. This is in part a real effect as they are part
of a massive wall. However, the finger of God compression produces a systematic lack



5.5. The Filament sample 217

Wall

Void

Figure 5.16: Stereoscopic 3D visualization of the two zoomed regions shown in figure 5.15.

of filaments in the radial direction which adds to the impression of elongated structures
in the transverse direction. The enormous wall is in fact a complex filamentary system.
The cellular nature of the Cosmic Web is well represented by the filaments and voids in
the wall. Note that the lower part of the wall delineates the top of the void producing a
dramatic contrast in density. These wall-void or supercluster-void pairs are so pronounced
that often it is possible to identify them in the radial distribution of galaxies (see figure
5.5). Huge massive structures are often surrounded by equally vast empty regions.
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5.6 Galaxy Spin orientation in filaments

In this section we study the alignment of spiral galaxies located in filaments. In order to
unambiguously determine the spin vector of spiral galaxies one needs to know:

• The position angle (PA) in the sky measured in the counter-clockwise direction
from the North.

• The inclination of the galaxy with respect to the observer computed in terms of the
ratio between the two major axis of the projected galaxy. This assumes that the
galaxy is a perfect circle and that it is infinitely thin.

• The sense of rotation of the galaxy, usually determined by assuming that the spiral
pattern of the galaxy follows its rotation.

• The determination of the “receding” and “approaching” sides. This requires at
least two measures of the velocity field of the galaxy. This can be done with HI
observations or imaging spectroscopy.

Figure 5.17: Four-fold degeneracy only with PA and inclination.

The first three measures can be obtained from optical images, although the sense of rota-
tion from the spiral patterns requires an appropriate spatial resolution. The last measure
requires HI or optical spectroscopic observations. While a detailed analysis of the three-
dimensional spin vector of a small sample of galaxies is certainly possible, in the case of
large surveys it becomes unfeasible.

5.6.1 Edge-on and face-on sample

Optical surveys such as the SDSS provide enough information to derive the position an-
gle, inclination and, in some cases, the sense of rotation of the galaxy, but not the ap-
proaching and receding sides. This results in a four-fold degeneracy in the derived spin
vector (see figure 5.17). The study of spin alignments only requires the direction of the
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spin vector and not on its sense of rotation. This reduces the degeneracy to two-fold
which is still insufficient. There are two special cases where the spin vector can be unam-
biguously determined only from the PA and inclination:

• Edge-on galaxies having their spin vector in the plane of the sky.

• Face-on galaxies having their spin vector pointing along the line-of-sight (see figure
5.18).

Figure 5.18: Galaxies observed edge-on (left) and face-on (right).

This applies only to spiral galaxies which are assumed to be (to a first order) flat rotating
disks with their spin vectors pointing perpendicular to the disk. Given their triaxial shape
it is not possible to derive the spin vector of ellipticals. Galaxies can be identified as
edge-on or face-on galaxies in terms of their inclination according to:

Face-on:
rb
ra

> 0.98

Edge-on:
rb
ra

< 0.2

(5.8)

where ra and rb are the main axis of the ellipsoid representing the projected spiral. Using
this criteria we can identify face-on and edge-on galaxies with an uncertainty of ±12◦.
Face-on galaxies are more sensible to the ratio rb/ra. A variation of 0.02 has the same
effect than a much larger 0.2 in the case of edge-on galaxies. The disk pattern of spiral
galaxies departs from a perfect circle in most cases producing large deviations in the
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measured inclination. We restrict our analysis to edge-on galaxies since the determination
of their “real” inclination is more robust to systematic deviations.

Given the large number of galaxies in the filament sample it is unfeasible to perform
a visual classification of spirals. A common approach is to use the concentration index
of the galaxy (Doi et al., 1993; Abraham et al., 1994; Shimasaku et al., 2001; Goto et al.,
2003, 2004) defined as cin = r50/r90, where r50 and r90 are the radius enclosing 50% and
90% of the total petrosian flux of the galaxy. The concentration index is well correlated
with the Hubble type of the galaxy. A value of cin ∼ 0.33 provides a fairly good division
between late and early type galaxies with a percentage of contamination of 15% − 20%
compared to visual classification (Shimasaku et al., 2001).

Figure 5.19 shows the color-magnitude diagram of galaxies in clusters and filaments.
The concentration index provides a good division in the diagram. Galaxies of different
Hubble type occupy distinctly different regions in the Magnitude-color diagram. This
indicates that color can be used as an additional criteria to identify spiral over ellipticals
(Shimasaku et al., 2001; Strateva et al., 2001).

Unfortunately we can not apply the concentration index criteria to our edge-on sample
since the distribution of light is strongly affected by the inclination of the disk. We instead
applied a simple color cut-off including only edge-on galaxies with blue colors:

Petrog − Petror < 0.8 (5.9)

characteristic of late types. The highly elongated projected shape of the edge-on galax-
ies provides an additional constraint since early-type galaxies with such ellipticities are
extremely rare if not inexistent.

5.6.2 The random distribution

One sideback of the finger of God compression algorithm is that it systematically removes
filaments oriented along the line of sight. This is a result of filaments begin confused with
fingers of God and therefore compressed. The net effect is a lack of filaments along the
line of sight. This systematic effect must be taken into account before any attempt to
detect alignments.

The spin orientation of edge-on galaxies is restricted to the plane of the sky. The true
three-dimensional nature of the distribution of angles comes from the direction of the
filaments in which the galaxies are located ef . In the case of a genuine three-dimensional
distribution of ef the distribution of angles θ will be uniform in cos θ. The problem can
be better understood by considering two extreme cases:

2D : Edge-on galaxies inside filaments oriented with the plane of the sky. The random
distribution of the spin-filament angles is uniform in θ.

3D : Edge-on galaxies inside filaments oriented in any possible direction. The random
distribution of the spin-filament angles is uniform in cos θ.
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Figure 5.19: Color-magnitude diagram of galaxies in clusters (left) and filaments (right). We
divide the galaxies in early type and late type (top and bottom panels respectively) according to
their concentration index.

Ideally the distribution of angles between edge-on galaxies and their host filament is a
truly three-dimensional distribution. Due to the fact that there is a systematic lack of
filaments along the line-of-sight then the final random distribution is a intermediate case
between the 2D and 3D cases. It is necessary to derive the true random distribution in
order to apply our null hypothesis of a random orientation. We produced a random sample
by computing the complement of the angles between the line-of-sight and the direction
of the filament ef for each galaxy in the filament sample. This way we take into account
the systematics included from the particular geometry of the problem.

The true random distribution is shown in figure 5.20. Its departure from the three-
dimensional case is clear and if unnoticed will produce a false alignment signal even for
truly randomly aligned spin vectors.
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Figure 5.20: Random distribution computed from the sample of all galaxies in filaments.

5.6.3 Spin alignments

In order to assess whether or not the distribution of angles between the spin vector and the
filaments are consistent with a random distribution we applied a two-sided Kolmogorov-
Smirnov test. We compared the distribution of angles between the spin vector of the
galaxies and the direction of their host filament with the distribution of true random angles
described in the previous section. Additionally we computed the probability that the
mean cosine presents a value higher/lower that the measured. We weighted each value of
cos θ by a weight given by the true random distribution. The mean weighted cosines are
uniformly distributed in cos θ and have 〈cos θ〉 = 0.5 in the case of random orientations.
The probability that the angle θ of galaxies with 18 < Mr < 20 and g − r < 0.8 come
from the same distribution as the random sample is 6.0143 %. The sample contains 268
galaxies in total. The complete sample is consistent with a random distribution. From
N-body simulations we expect the alignment between the spin vector and the direction of
filaments to be very weak and correlated with the mass of the halo, more massive haloes
are more strongly oriented (see chapter 4). Also the alignment of galaxies may depend
on their Hubble type, late-type blue galaxies seem to be more oriented that early-type red
galaxies (Trujillo et al., 2006). With this in mind we divided our galaxy sample in bins
of absolute magnitude, assuming that more luminous galaxies are associated to massive
dark matter haloes. We only considered the half bluest galaxies defined as:

mp(g) −mp(r) < 0.65. (5.10)

where mp(g) and mp(r) are the petrosian magnitudes measured in the r and g filters. For
each bin we additionally generated new random distributions by randomizing the position
angle of all the galaxies inside the bin. This random sample (random sample B) is also
used in the two-sided K-S tests in addition to the random sample computed from all the
galaxies in filaments.
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Figure 5.21: Top: mean cosine (weighted) of blue galaxies (mp(g)−mp(r) < 0.65) in filaments.
The galaxy sample was divided in bins of 0.5 magnitudes in thickness and shifted in intervals of
0.2 magnitudes. Bottom: the two-sided Kolmogorov-Smirnoff probability for each bin in the top
panel (shaded area) and the probability that the weighted mean cosine is higher/lower than the
measured.

Figure 5.21 shows the mean cosine (weighted by the true random distribution) of
the angles between the spin vector of blue edge-on galaxies and their host filaments (top
panel) in bins of luminosityMr. The probability that the distribution of spins and the true
random distribution come from the same distribution is indicated in the bottom panel. The
thickness of each bin is 0.5 absolute magnitudes and we shifted the bins by 0.2 absolute
magnitudes. Contiguous bins are not independent. The values of each bin as well as their
probabilities computed from the two-sided K-S test and the cosine test are indicated in
table 5.4.

From figure 5.21 and table 5.4 we can identify two bins that have a significant align-
ment, namely the bins centered at Mr = 19.2 and Mr = 19.4. The K-S test gives a
probability of 0.5% and 2.9% respectively that the sample is consistent with a random
distribution. The cosine test gives larger probabilities but the trend is consistent with the
K-S test (lower panel of figure 5.21). It is interesting to note that the bins with the lowest
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Figure 5.22: Distribution of angles using the random distribution A (left panel) and B (right
panel) as reference. Shaded area indicates the Poisson noise.

probability of being random in both the K-S and 〈cos θ〉 tests correspond to the bins with
parallel alignment. If one considers only those bins then a trend arises: more luminous
galaxies are more strongly oriented. The two highest bins seem to contradict the trend
but they have significantly less galaxies.

Figure 5.23 shows the sample of galaxies in the luminosity range 19 < Mr < 19.5
and color g − r < 0.65 corresponding to the bins in table 5.4 with the most significant
alignment. On top of each galaxy we also plot the surrounding galaxies inside a sphere
of 15 Mpc in order to get an impression of the local large scale structure. The preferential
parallel orientation between the spin vector and the local direction of the filament can
be appreciated even by eye. The vector eF is surprisingly perpendicular to the mayor
axis of the galaxies in most cases. We show the individual galaxies in figure 5.24. The
images were taken from the sky server image retrieve tool. Galaxies 0 and 4 are a typical
examples of warped spirals. The warp in galaxy 4 is likely to have originated by the
interaction with the close companion in the North direction. Galaxy 29 also indicates
a close interaction with another spiral galaxy almost edge-on. From the sample of 39
galaxies there are 2 clearly warped and 2 interacting.

Mr -18 -18.2 -18.4 -18.6 -18.8 -19 -19.2 -19.4 -19.6 -19.8
Ngal 52 59 54 44 45 51 42 26 17 17
K-SA 0.13 0.38 0.19 0.07 0.27 0.34 0.005 0.017 0.64 0.71
K-SB 0.094 0.18 0.09 0.042 0.26 0.82 0.029 0.048 0.76 0.90
〈cos θ〉 0.51 0.50 0.52 0.54 0.49 0.482 0.565 0.642 0.45 0.460
p(〈cos θ〉) 0.32 0.41 0.26 0.13 0.49 0.33 0.07 0.006 0.24 0.28

Table 5.4: Probability of the null hypothesis (random orientation) using the Kolmogorov-Smirnof
test (K-SA and K-SB) and the mean cosine test p(〈cos θ〉). Galaxies were divided in bins of
absolute luminosity in the red band (Mr). The two columns in bold font indicate the bins where
the alignment signal is stronger.
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Figure 5.24: Optical composite images of galaxies 0-19 in Figure 5.23.
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Figure 5.25: Optical composite images of galaxies 20-38 in Figure 5.23.
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5.7 Summary and conclusions

• We studied the orientation of spiral galaxies located inside filaments in the SDSS.
This study is unique in its ability to objectively identify filaments by means of the
Multiscale Morphology Filter.

• We describe the various steps required to compute the density field from the galaxy
distribution. These steps include

– Correction of the radial selection function.

– Finger of God compression.

– Filling of gaps in the survey.

• We introduce an innovative technique for reconstructing the non-linear density field
in the gaps of the SDSS. The Delaunay Tessellation Field Interpolator (DTFI) inter-
polates the density field inside the gaps following the local geometry of the galaxy
distribution.

• We found that spiral blue galaxies tend to be aligned with their host filament. The
effect is small but significant (0.5% in the K-S test).

• The alignment seems to be present in a delimited range of luminosity. However,
we can appreciate a trend for more luminous galaxies to be more strongly oriented
than less luminous ones.

5A The survey Coordinate system

The SDSS is mapped in a spherical coordinate system with poles at α = 95◦, δ = 0◦

and α = 275◦, δ = 0◦ (J2000) (see figure 5.26). The survey equator is a great circle
perpendicular to the J2000 celestial equator. The transformations between the equatorial
system and the survey system are given by:

cos (α− 95) cos δ = − sinλ
sin (α− 95) cos δ = cosλ cos (η + 32.5)
sin δ = cosλ sin (η + 32.5)

(5.11)

as explained in Stoughton et al. 2002.

5B SQL query

SELECT p.ObjID,p.ra,p.dec,s.z,s.zErr,s.zConf,s.cx,s.cy,s.cz,

p.dered_u,p.dered_g,p.dered_r, p.dered_i, p.dered_z,

p.isoPhi_u,p.isoPhi_g,p.isoPhi_r,p.isoPhi_i,p.isoPhi_z,
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Figure 5.26: Galaxies in the survey coordinate system before rotation.

p.isoA_u, p.isoB_u, p.isoA_g, p.isoB_g, p.isoA_r,p.isoB_r,

p.isoA_i, p.isoB_i, p.isoA_z, p.isoB_z,

p.devPhi_u, p.devAB_u, p.devRad_u, p.devPhi_g, p.devAB_g,

p.devRad_g, p.devPhi_r, p.devAB_r, p.devRad_r,

p.expPhi_u, p.expAB_u, p.expRad_u, p.expPhi_g, p.expAB_g,

p.expRad_g, p.expPhi_r, p.expAB_r, p.expRad_r,

p.lnLExp_g, p.lnLExp_r, p.lnLDev_g, p.lnLDev_r,

p.petroR50_u, p.petroR90_u, p.petroR50_g, p.petroR90_g,

p.petroR50_r, p.petroR90_r, p.petroR50_i, p.petroR90_i,

s.eClass, s.eCoeff_0, s.eCoeff_1, s.eCoeff_2, s.eCoeff_3,

s.eCoeff_4

INTO myDB.galaxies_fin01

FROM SpecObj s, PhotoObj p

WHERE s.bestObjID = p.ObjID

AND p.dered_r < 22

AND s.objType = 0

5C Finger of God compression

Fingers of God are compressed as follows:

• Identify highly elongated groups along the line of sight.

• Compress the Fingers of God until their dispersion in the transverse direction
equals the dispersion along the line of sight.

The first step is performed using the well known Friends of Friends (FoF) algorithm in
which galaxies are recursively linked to other galaxies within a given linking volume
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defined by the linking length parameter b:

b ≡
(

4
3
πn̄galr

3
link

)1/3

. (5.12)

The mean number density of galaxies in the sample is given by n̄gal and rlink is the
linking length. The parameter b defines the local density threshold:

nthr =
(

4
3
π(rmeanb)3

)−1

= b−3n̄gal, (5.13)

where nthr is the density threshold defining groups of particles and rmean = n̄
−1/3
gal is the

mean interparticle separation.
In redshift space the groups present a characteristic elongated shape along the line of

sight. We used the approach of Huchra & Geller (1982) in which the distance between a
pair galaxies i, j is decomposed in line of sight and transverse distances:

D‖,i,j = (c/H0)(zi + zj) sin (θi,j/2)

(5.14)

D⊥,i,j = (c/H0) | zi + zj | .

where zi, zj are the redshifts to each galaxy and θi,j is their angular distance. Two galax-
ies are then linked if the two following conditions are satisfied:

D‖,i,j ≤ b‖n̄gal(z̄)−1/3

(5.15)

D⊥,i,j ≤ b⊥n̄gal(z̄)−1/3.

Here n̄gal(z̄) is the mean number density of galaxies as a function of the pair redshift
and b‖ and b⊥ are the line of sight and projected linking lengths in units of the mean

inter-galaxy separation rmean = n̄
−1/3
gal . A typical relation between the line of sight and

transverse size of the linking volume is b‖ = 8b⊥ (Tegmark et al., 2004; Berlind et al.,
2006).

Finally we compress the Fingers of God by making their transverse and line-of-sight
dispersions equal. The center of mass of the group before and after the finger of God
compression remains the same.
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5D The Delaunay Tessellation Field Interpolator (DTFI)

In order to correct gaps in the angular mask of the SDSS DR5 due to unsampled areas
we implemented a novel approach based on the local geometry of the galaxy distribution
traced by their Delaunay tessellation.

The Delaunay tetrahedra cover all the space with self adaptive scale: highly clustered
galaxies will define small volume tetrahedra, while disperse galaxies will define large
tetrahedra. In the case of points whose mean interparticle separation is comparable in
scale to the anisotropies in the point distribution (as the in case of galaxies in surveys) the
Delaunay tetrahedra also give an indication of the local anisotropy: isotropic distributions
contain mainly equilateral tetrahedra while anisotropic regions (like the edges of voids)
are covered by elongated tetrahedra extending over large distances connecting galaxies
that may be away from each other. The volume-filling property of the Delaunay tes-
sellation means that even unsampled areas are also covered by the tetrahedron, carrying
information on the local geometry of the galaxy distribution (see figure 5.27).

We can exploit this property of the Delaunay tessellation to perform a lineal interpo-
lation of the density field taking full advantage of the local geometry at the edges of the
holes. The general procedure is the following:

1).- We compute the density field from the galaxies in the survey inside a grid using the
DTFE field estimator described in appendix 2B, chapter 2.

2.- The density field is normalized in the range (0-1) defining the probability of finding
a particle/galaxy inside a given location inside the hole.

3.- A complication arises at this point since the density field in the interior of the hole
is not scaled one-to-one with the adjacent density field in the edges of the hole. For
instance, if the hole crosses a highly dense region the Delaunay tessellation will
reflect the local geometry of the particle distribution at the edges of the hole and
the estimated density will be lower than the original density field (with no hole).
However, if the hole crosses a void with no galaxies in its interior then the hole has
no effect in the estimated density field.

Assuming that only features above the mean density corresponds to a real structures
we discard all regions with density lower than the mean density inside the hole.

4.- Random points are generated inside the hole with the mean density of particles as
the regions with no hole.

5.- Finally the holes are filled by placing the random points following the probability
function given by the interpolated density field inside the hole.

6.- From the new particle distribution with no holes we compute the corrected density
field using the DTFE.
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Figure 5.27: Linear interpolation of a the density field inside a “hole” using the Delaunay tri-
angulation. From the original particle distribution (top) we extract particles in a hole (dashed
lines) running across the vertical axis (middle). The selected region (horizontal bars at bottom)
with particles (top) and empty (bottom) normalized in intensity show how the triangles follow the
adjacent point distribution and fill the hole.

Figure 5.27 shows the particle distribution (top panels), tessellation (middle panels)
and density field (bottom panels) of a distribution of galaxies before (left panels) and after
a hole has been cut along the x-axis (central panels). On the right panels we show the
DTFI “corrected” galaxy distribution. The original and reconstructed galaxy distributions
have great similarity. The reconstructed density field follows the local geometry of the
density field accurately.

Figure 5.28 shows the density field averaged along the y-axis of the hole in figure
5.27. We show the original density field (gray solid line), the density inside the hole (dot-
ted line) and the DTFI reconstructed density field (black solid line). The DTFI manages
to reconstruct the density field in both low and high density regions. However, some
“peaks” in the original density field are lost. They correspond to regions where there is
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limited geometric information, i.e. there are no galaxies close to the edges of the hole. In
such cases it is not possible to infer anything else

Figure 5.28: Linear interpolation of a the density field inside a “hole” using the Delaunay tri-
angulation. From the original particle distribution (top) we extract particles in a hole (dashed
lines) running across the vertical axis (middle). The selected region (horizontal bars at bottom)
with particles (top) and empty (bottom) normalized in intensity show how the triangles follow the
adjacent point distribution and fill the hole.

5E Mock Catalogues

In order to quantify the effect of the radial selection function on the morphological seg-
mentation of the galaxy distribution we produced a set of mock catalogues resembling
the observed galaxy distribution (see figure 5.29).

The catalogues were extracted from a large volume N-body simulation containing
2563 dark matter particles inside a cubic box of 500 h−1 Mpc. The simulation was per-
formed using the public version of the parallel Tree-PM code Gadget2 (Springel, 2005),
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Figure 5.29: Slice of 10 h−1 Mpc thickness across the entire simulation box. The size of the box
allows the large scale modes needed to simulate large structures such as filaments and superclus-
ters.

running on 8 double processor nodes on the linux cluster at the University of Gronin-
gen. We adopted the standard cosmological model Ωm = 0.3, ΩΛ = 0.7, h = 0.73 and
σ8 = 0.9, giving a mass per particle of 1.7 × 1011h−1M�.

5.7.1 Galaxy bias

The discrepancy in the amplitude of the fluctuations of the observed galaxy distribution
with respect to the expected matter fluctuations indicates the existence of a bias (Kaiser,
1984). We account for this bias by following the approach of Cole et al. (1998). We used
the sharp cut-off model (number 4 in their paper). In this approach the density field is
smoothed with a Gaussian window of width RG:
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Figure 5.30: Spatial distribution on a 10 h−1 Mpc slice of randomly sampled unbiased (left) and
biased (right) particles using model 4 in Cole et al. (1998). The threshold was chosen to give a
bias parameter of b = 1.3. The density of galaxies is the same in both slices.

GR = exp
(
−r2
2R2

G

)
, (5.16)

and we assign probabilities to galaxies according to:

Pν =

{
1 if ρ(r) ≥ ρT

0 if ρ(r) < ρT
(5.17)

where ρT is a density threshold below which galaxies are prohibited. This probability
function produces a bias larger than unity. The density field was smoothed with a Gaus-
sian filter of 0.7 h−1 Mpc dispersion. The threshold was chosen to produce a bias of
b = 1.3.

5.7.2 Radial selection function

In order to account for the dilution in the density of galaxies as function of their distance
from us we decimated the main mock catalogue at 10, 30 and 60% of the total number
of particles, corresponding to z = 0, 0.025, 0.06 and 0.1 in the galaxy survey. This set
of values covers the complete range of redshifts in our catalogue (see figure 5.31). The
radial selection plays a crucial role in the morphological segmentation by limiting the
spacial information, other quantities such as mean density or even correlation functions
are not so strongly affected.

Figure 5.32 shows the detection rate of galaxies in filaments as a function of the
subsampling of galaxies. The different subsamplings cover the range in redshift of the
galaxy sample used in this work. The identification of filaments is affected. However,
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Figure 5.31: Slice of 25 h−1 Mpc across the Z axis of the simulation box. On the left panel
we show the original biased galaxy distribution and on the right panel the same distribution after
applying the radial selection function described in section 5.2.4.

the effect of decimation is surprisingly weak. At the maximum redshift of the survey
(corresponding to roughly a galaxy fraction of 0.1 in figure 5.32) we can successfully
identify ∼ 65% of all the galaxies in filaments with a contamination of ∼ 50%.

Figure 5.32: Detection rate of mock galaxies in filaments as function of the selection function.
Solid line indicates the fraction of galaxies identified in filaments that were originally identified
in filaments (no decimation). Dashed line indicates galaxies that belong to other morphologies
but were identified as residing in filaments. The dotted line indicates a perfect match between
recovered and original identifications.



Chapter 6
Outlook and future prospects

In this thesis we have introduced a new tool for segmenting the Cosmic Web into its
three basic morphological constituents: clusters, filaments and walls. The morpholog-

ical characterization is performed in scale space. This eliminates the usual restriction of
one smoothing scale by taking the maximum morphological response across all scales.
This tool, the Multiscale Morphology Filter (MMF) is based on methods developed in
the areas of computer visualization and medical imaging. Its multiscale nature makes it
suitable for the study of the hierarchical structure of the Universe.

6.1 New methods presented in this thesis

• The Multiscale Morphology Filter. The main contribution of this thesis is the
Multiscale Morphology Filter. We present a novel method for the segmentation of
the Cosmic Web into its morphological components. The MMF is used for the first
time in an astronomical context and we explore some of its applications.

• The Delaunay Tessellation Field Interpolator (DTFI) was developed in order to
deal with gaps present in galaxy surveys such as the SDSS. It exploits the geometry
of the galaxy distribution in the edges of the gap in order to reconstruct the density
field inside the gap. It follows the anisotropies in the galaxy distribution in a self-
adaptive way.

• Filament and wall compression algorithm, used to enhance filaments and walls
by compressing them along their spine or plane. The compression algorithm is
used to compute the length of filaments, density profiles and to produce a clearer
visualization of the Cosmic Web.

• The FracHOP subhalo finder. We present a new method for identifying subhaloes
located inside larger systems. The FracHOP subhalo finder is based on the well
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known HOP halo finder. It exploits the topological properties of the smoothed
density field in order to identify local maxima embedded inside a larger peak.

6.2 Outlook and future prospects

6.2.1 The Multiscale Morphology Filter

The Multiscale Morphology Filter, introduced in Chapter 2 is one particular implementa-
tion (one we find to be very efficient) of a more general set of multiscale methods taken
from the fields of scale-space analysis and feature detection. Many other implementations
are possible and perhaps better physically motivated than the one presented here. We per-
formed the feature detection by studying the local properties of the second derivative of
the density field. Other measures can be used, such as the gradient of the density field, the
gravitational potential, the tidal field, the inertia tensor and even non-physical measures
as in the case of the Candy model (Stoica et al., 2005). Some of these measures have
already been applied to the identification of features in the matter distribution with some
degree of success. The missing link in most cases is the multiscale analysis. It would be
very interesting to test the performance of the MMF with other implementations based on
the physical measures presented above.

The use of a global “optimal” threshold τ to separate between “real” and “noisy”
structures introduces several complications (see chapter 2, section 2.7). The use of a
global threshold assumes that the measures we use to identify morphologies can be com-
pared between all regions of space simultaneously. A locally defined threshold may pro-
vide a better segmentation by treating each region of space independently.

The use of the eigenvalues of the Hessian matrix to quantify the significance of a
structure is not the only option. Other measures such as the density field and its deriva-
tives, the direction of the eigenvectors of the Hessian matrix or a combination of them
may provide a better discrimination. From these, we think that the use of the direction
of the eigenvectors is the most promising, especially in the case of filaments and walls
where one often finds broken structures or “holes”. The local direction of the structures
has been successfully applied to the reconstruction of thin bones in Computer Tomogra-
phy data (Westin, 1997) and may result in a cleaner morphological segmentation. On the
other hand, by including more sophisticated algorithms, we risk introducing non-physical
artifacts that may limit the applicability (at least in physics) of the morphological segmen-
tation.

The implementation of the MMF we present here is based on the density field com-
puted on a rectangular grid. The intrinsic anisotropic features and multiscale nature of
the matter distribution sampled by the particles of galaxies is reconstructed with the use
of the DTFE. Other alternatives exist to the use of a rectangular grid,

• The particle distribution can be directly used, avoiding the extra step of computing
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the density field. By using particles we are not limited by the grid size so we
can apply multiscale analysis more efficiently. This may involve the use of more
advanced techniques such as working directly with the Delaunay triangulation.

• The use of non-rectangular grids is also possible. In that case it may be necessary to
redefine the morphology filters to the new geometry of the pixels. The hexagonal
grid has been used in two dimensional images with great success, unfortunately
there is no similar pixel geometry for the 3D case. The particular geometry of
galaxy surveys may require the use of better sampling geometries such as the radial
sampling. In this case the local geometry of the pixels can be approximated as being
orthogonal in the case of a closely sampled volume.

6.2.2 The MMF and the Cosmic Web

In Chapter 3 we study the Cosmic Web in terms of its morphological components. The
MMF opens a new door to the study of the Cosmic Web, every result we included can
be improved and extended. In particular the study of the properties of filaments and
walls. The MMF provides a measure of structureness for each region of space. The
raw output of the MMF consists of a single morphology classification per each pixel in
the density field. For instance, a filament may consist of a “string” of contiguous pixels
classified as filaments by the MMF. We do not have information on the extent of the
structure, its density profile, topology, branching properties, etc. One must introduce
many post-processing tools that allows us to compute relevant physical quantities from
the raw output of the MMF. The post-processing tools we present here can be easily
improved, in particular the definition of the length of filaments and eventually the two-
dimensional area of walls. The branching properties of filaments is also interesting in the
context of fractal measures of the matter distribution.

The MMF can be used to compute the fractal properties of the compressed filamentary
network, giving emphasis to filaments as a network of interconnected elements. With the
MMF we can also study the evolution of each morphological component and trace them
back to their initial conditions. This may provide an excellent test to the Cosmic Web
Theory (Bond et al., 1996) by studying the proto-structures and the tidal field from which
they emerge.

6.2.3 Properties of dark matter haloes in the Cosmic Web

In Chapter 4 we present a study of the properties of haloes in relation to their morpho-
logical environment. The most logical extension is a follow-up study including a better
mass resolution, dissipative gas and semi-analytical galaxy formation. Higher mass reso-
lution will solve some of our present limitations in computing the properties of low mass
haloes. The gas component will make it easier to compare our results with observations,
especially the contrived spin alignment.
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We presented a preliminary study of the infall of matter in haloes located inside fila-
ments and walls. This study requires a more detailed treatment, taking into account not
only the infall of matter, but the tidal shear induced by the surrounding matter distribu-
tion. This will help clarify the different contributions to the shape and spin of dark matter
haloes from the anisotropic infall defined by the large scale structure and the (closely
related) external tidal shear.

With the use of semi-analytical models it will be possible to study properties of galax-
ies such as Hubble type, color, star formation rate, etc. as function of their morphological
environment. These results can be directly compared to similar analysis performed from
redshift galaxy catalogues such as the SDSS.

6.2.4 The Cosmic Web in the SDSS

In Chapter 5 we present a study of the spin alignment of spiral galaxies located inside
filaments. The galaxies were obtained from the Sloan Digital Sky Survey, data release 5.
We found a significant dependence of alignment with color and luminosity. More blue
luminous galaxies tend to be more strongly aligned. We identified a sample of ∼ 30
spiral galaxies that present a significant alignment with their host filament. This sample
reflects a general (weak) trend of the spin vector of spiral galaxies to be parallel with their
host filament. This result is the opposite we found in computer simulations for high mass
haloes although the number of galaxies we use is too small to draw firm conclusions.

The study presented here is restricted to the spin alignment of spiral galaxies. Many
other properties are also interesting and physically relevant in the context of galaxy for-
mation and evolution. Some well known properties and relations can be studied by in-
cluding the morphological environment in which the galaxy is located. Just to name a
few we have the morphology-density relation, the color-magnitude diagram, the ratio of
interacting and warped galaxies in different environments, etc.

The effect of redshift distortions, specially the fingers of God must be studied in more
detail. The finger of God compression algorithm affects the identification of filaments
located along the line of sight. In order to identify and correct them we only rely on
the spatial information. A perhaps better approach will involve the use of properties of
galaxies such as color and even morphology in addition to their position.

We did not attempt to identify walls. Their detection poses a major challenge, walls
are delineated by low-mass haloes which may host dwarf galaxies. Also, walls have a
very low surface density. Perhaps a better approach is to identify walls by the structures
that delineate them such as the filament-void network.
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6.3 Final conclusions

We have presented a novel method that allows us to define environment in terms of its
morphology. The Multiscale Morphology Filter provides a complete framework to iden-
tify clusters, filaments and walls in a self-consistent way. It deals in a natural way with
the three key aspects of the Cosmic Web:

• Hierarchical clustering. The scale-space analysis in which the MMF is based is
perfectly suited to describe the multiscale nature of the Cosmic Web.

• Anisotropic features are identified with the use of three separate morphology fil-
ters used in a strict sequential order.

• The cellular nature of the Cosmic web is implicitly assumed in the identifica-
tion of filaments and walls. This marks a difference between the MMF and other
feature detections techniques; the MMF is specially designed to exploit the unique
connectivity properties of the Cosmic Web.

By segmenting the Cosmic Web into its basic morphological components we are able to
study the properties of each morphology independently. Properties of filaments, walls
as well as their content can be studied and compared to theoretical predictions. This is
a crucial advantage of the MMF since many theoretical studies are based on idealized
cases. This often makes it very difficult to test theory against observations without a
proper morphological characterization.

We hope that the MMF presented here (or other perhaps better implementations) will
open the path towards a better understanding of the complex relation between the ele-
ments of the Cosmic Web and their close relation to the formation of galaxies and their
evolution.
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Geen ander onderwerp heeft zo’n verscheidenheid aan ideën opgeroepen als de vraag
van de mens naar de verklaring voor het ontstaan van het heelal, die weer direct

gerelateerd is aan ons eigen bestaan. Dezelfde fundamentele vragen die onze voorvaderen
bezighielden zijn tot op de dag van vandaag niet beantwoord: Wat is de oorsprong van
het universum? Wanneer is het ontstaan? Wat is zijn uiteindelijke lot? Wat is onze plaats
in het universum? Hoewel de laatste vraag buiten het bereik van de fysica ligt kunnen de
eerste vragen tot op zekere hoogte benaderd worden met wetenschappelijke methoden.
Tijdens de laatste decennia zijn we getuige geweest van een ongeëvenaarde vooruitgang
van zowel de theoretische als wel de observationele kennis van het Heelal. Voor het eerst
hebben we instrumenten om een aantal van de meest fundamentele vragen van de men-
sheid te beantwoorden. Paradoxaal genoeg ontstaan er ondanks deze groeiende kennis
steeds weer nieuwe vragen en worden we ons bewust van onze nog altijd beperkte kennis.

De Hot Big Bang

In het huidige kosmologische model wordt de leeftijd van het Universum op ongeveer
13.7 miljard jaar geschat en is het ontstaan tijdens een extreem energetische gebeurtenis.
Hierbij is alle materie, energie en ook de ruimtetijd ontstaan. Dit staat bekend als de
Big Bang/Oerknal. De term werd populair na Fred Hoyle’s kritiek op de theorie tijdens
een radio-interview in 1950. Alles wat we nu zien, van atomen die onze lichamen vor-
men tot de sterren en de afgelegen sterrenstelsels, was allemaal op een moment in het
verleden samengepakt tot een ongelooflijke dichte en hete vuurbal. De gebeurtenissen
die volgden na de creatie van het Universum tot de Plancktijd (5.3 × 10−44 seconden
1) blijven onbekend, omdat onze huidige natuurkundige theorieën falen in het beschri-
jven van de extreme energetische gebeurtenissen die dit tijdperk karakteriseren. Super-
symmetrische theorieën speculeren dat tijdens deze gebeurtenis de elektromagnetische
kracht, de zwakke en sterke kernkracht en de zwaartekracht allemaal waren verenigd in
één enkele fundamentele kracht.

15.3 × 10−44 = 0.0000000000000000000000000000000000000000000053
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Figure 6.1: De eerste ogenblikken van het Universum startten met de Big Bang, inflatie en het
quarktijdperk. Boven het figuur is de tijd en temperatuur weergegeven die corresponderen met de
posities van de sneden. De 6 verschillende soorten quarks (up, down, color, strange, top, bottom)
en ook de elektronen (e), protonen (p) en neutronen (n) worden voorgesteld door de bolletjes. Zie
de tekst voor de details.

Inflatie en de uitzaaiing van het Kosmische Web

Op een zeker moment rond 10−34 seconde trad er een fase in van snelle exponentiele ex-
pansie. Die bekend staat als inflatie. Zowel het mechanisme dat deze expansie veroorza-
akte, als wel de beindiging ervan, is niet goed begrepen. Tijdens de inflatie nam in een
kleine fracie van een seconde het volume van het Universum toe met tenminste een factor
1078. Een van de meest belangrijke effecten van inflatie is het ontstaan van een inho-
mogene verdeling van materie. Zeer kleine schommelingen in het kwantumveld werden
plotseling met een enorme factor opgeblazen. Deze eerste subatomische verstoringen zijn
daarom de kiemen van waaruit sterrenstelsels en structuren van sterrenstelsels uiteindelijk
zijn ontstaan.

Materie and Straling

Aan het einde van de inflatie zwierven de quarks, de bouwstenen van de protonen en neu-
tronen, vrij rond in een zindernd hete zee van quarks. Toen het Universum was afgekoeld
tot 1013 K, konden de quarks met elkaar binden om protonen, neutronen en andere bary-
onen te vormen.

Vanaf de verschijning van de eerste baryonen tot aan de eerste drie minuten gedroeg
het Universum zich als een Kosmische Nucleaire Reactor. Protonen en neutronen vorm-
den samen heliumkernen en sporen van deuterium totdat er geen neutronen meer beschik-
baar waren. Dit proces wordt de Big Bang nucleosynthese genoemd en geeft een accurate
voorspelling van de oorspronkelijke verhoudingen van watersof en helium. Deze ver-
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Figure 6.2: Van de Big Bang nucleosynthese tot de eerste stabiele atomen in het recombinatie
tijdperk. De zwarte achtergrond vertegenwoordigd het compacte Universum, de witte achtergrond
vertegenwoordigt het latere transparante universum.

houdingen zijn door observaties bevestigd, wat mag worden beschouwd als één van de
grootste successen van de Big Bang theorie.

Donkere materie: het skelet van het Kosmische Web

Toen het Universum 0.01% van zijn huidige omvang bereikte, begon materie de dynam-
ica van het Universum te domineren en konden fluctuaties in de dichtheid van donkere
materie beginnen te groeien. Ongehinderd in de groei, bakende de donkere materie de
gebieden af, waar later de baryonische materie naartoe werd getrokken. Uiteindelijk lei-
dde dit tot de vorming van sterren en sterrenstelsels. Zonder donkere materie zou het
onmogelijk zijn geweest om de rijke structuur te vormen die we vandaag de dag aantre-
ffen in het heelal. Een van de grootste vragen in de astronomie is de identiteit van deze
donkere materie. Terwijl de aanwezigheid ervan wel degelijk wordt waargenomen door
zijn gravitationele invloed, is het nog niet direct waargenomen of gedetecteerd in het lab-
oratorium. Het algemeen geaccepteerde standpunt is dat het een deeltje moet zijn dat niet
of nauwelijks interactie heeft met normal materie. Waarschijnlijk een deeltje dat wordt
voorspeld door supersymmetrische theorieën.

De Kosmische Achtergrondstraling

Materie en straling waren vanaf het begin altijd sterk gekoppeld. Het Universum was
daardoor niet transparant en fotonen hadden veel interacties met baryonen. Dit zette
zich de komende 379.000 jaren voort en eindigde toen de temperatuur van het Univer-
sum de vorming van de eerste stabiele atomen mogelijk maakte. Op dat tijdstip was het
Universum 1/1090 van zijn huidige grootte en had het een temperatuur van ongeveer
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Figure 6.3: Van het einde van de donkere tijdperken met de geboorte van de eerste sterren in het
re-ionisatie tijdperk, tot de eerste sterrenstelsels in het quasar tijdperk. De achtergrond laat de
evolutie zien van de donkere materie schommelingen in meebewegende coördinaten. Hun evolu-
tionaire staat correspondeert met de tijd weergegeven in het figuur maar niet met hun eigenlijke
omvang die wordt gezien door een waarnemer op het huidige tijdstip. De invoeging correspon-
deert met een quasar die zich in het midden van een sterrenstelsel bevind. Aan de twee uiteinden
van het figuur geven we de lengte weer van de periode die het figuur omvat.

3000 K. Waterstof- en heliumkernen vingen elektronen, waardoor fotonen voor het laatst
werden verstrooid. Het Universum dat was gevuld met een intense rode gloed, werd
plotseling transparant en licht kon ongehinderd lange afstanden afleggen. Dit licht is nu
nog steeds waarneembaar als microgolf straling en wordt de Kosmische Achtergrond-
straling genoemd. Het spectrum van de straling evenaart die van een perfecte zwarte
lichaamsstraler met een temperatuur van slechts T0 = 2.725 K (ca. -270C). Deze straling
is het sterkste bewijs voor het bestaan van een gloeiend hete en dichte fase in het vroegere
Heelal, vandaar de naam Hot Big Bang.

Donkere tijden, eerste sterren en quasars

Wat er de 500 miljoen jaar na het recombinatie tijdperk gebeurde is nog grotendeels
een onduidelijk. Deze periode wordt de donkere tijden genoemd, omdat we er geen
observaties van hebben en er ook nog helemaal geen sterren bestonden die licht kon-
den produceren. Wolken van neutraal gas stortten langzaam ineen en de eerste generatie
van sterren ontstonden. Deze sterren begonnen met de productie van allerlei elementen
zwaarder dan helium. De straling die werd uitgezonden door deze gigantisch zware ster-
ren was energierijk genoeg om het Universum te re-ionizeren. Samen met het gas zaten
de eerste generatie sterren met miljoenen bijeen gepakt in zogenaamde proto-stelsels. Zo
werden de eerste heldere sterrenstelsels gevormd en vele, zoniet allemaal, herbergden
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Figure 6.4: Van de ontwikkeling van de grootschalige structuren in het quasar tijdperk tot de ver-
snellingsfase waarin de donkere energie de dynamica van het Universum domineert. Nu verkrijgt
het universum zijn karakteristieke cellulaire patroon gedomineerd door de lege regios.

een krachtige stralingsbron in hun centrum aangedreven door enorme zwarte gaten. Deze
extreem heldere objecten worden quasars genoemd en zijn de verste objecten die we van-
daag de dag aan de hemel kunnen zien.

Donkere energie en het versnellende Universum

Een andere component van het Universum, de Donkere Energie, was tot dan toe redelijk
onbelangrijk gebleven, maar begon al snel de dynamica van het Heelal te domineren. Dit
gebeurde toen het Heelal ongeveer half zo klein was als nu. Alles wat gezegd kan worden
over donkere energie is dat het een negatieve druk heeft, met als resultaat een afstotende
zwaartekracht. De meeste waarnemingen die zijn gedaan wijzen erop dat het equivalent
is aan de kosmologische constante van Einstein’s Relativiteits Theorie, hoewel er nog
steeds andere opties open zijn. Zijn grootste invloed betreft de dynamica van het Heelal.
Door de afstotende werking is er geen fluctuaties in donkere energie mogelijk. Het effect
dat het heeft op de vorming van structuren is voornamelijk gerelateerd aan de invloed
op de expansiesnelheid en de leeftijd van het heelal. Zodra deze snelheid te hoog wordt
stopt de verdere groei van structuur. Aan de andere kant is er door de versnelling relatief
meer tijd beschikbaar in het vroege Heelal om structuren te vormen en te laten evolueren.
Tegenwoordig zorgt de donkere energie voor bijna 3/4 van het totale energiebudget. In
tegenstelling tot materie of straling wordt het niet ijler als het heelal expandeert. Dit zorgt
ervoor dat het heelal voor eeuwig zal blijven uitzetten.
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Figure 6.5: De ontwikkeling van de grootschalige structuren ”bevriest” als een consequentie van
de versnelling van de uitbreiding van het heelal. De gehele verdeling van materie blijft onveran-
derd, we zien alleen een verscherping van de kenmerken die al aanwezig waren.

Het hier en nu

Op grote schalen is de groei van structuu inmiddels gestopt. Hoewel op kleine schaal
zwaartekracht nog steeds het Kosmische Web verandert. We zien dit als een algehele
verscherping van de contouren die al aanwezig waren voor de versnelde expansie. Dit
verscherpte contrast is het resultaat van structuren die nog steeds ineenstorten en van de
daarop vallende materie. Op schalen van enkele miljoenen lichtjaren vinden nog vele ve-
randeringen plaats. Door de zwaartekracht die ze op elkaar uitoefenen zijn er onderling
interacties als melkwegstelsels door zeer dichtbevolkte gebieden razen. Het gevolg hier-
van is dat stelsels drastisch van kleur en vorm kunnen veranderen. Dit proces zorgt voor
de enorme diversiteit aan sterrenstelsels die we vandaag de dag waarnemen.

Het Standaard Hot Big Bang model

De kosmologische blauwdruk van de Hot Big Bang in een homogeen en isotropisch Hee-
lal is zo algemeen geaccepteerd dat het het Standaard Hot Big Bang Model wordt ge-
noemd. Het wordt ondersteund door een groot en nog altijd toenemend aantal waarne-
mingen, een paar van de meest belangrijkste zijn:

• De relatie tussen de afstand en de recessiesnelheid (wet van Hubble): objecten ver-
wijderen zich van elkaar met een snelheid die even evenredig is met hun onderlinge
afstand. Dit is een consequentie van de uniforme Robertson-Walker ruimtetijd me-
triek. Het onmiddellijke gevolg hiervan is dat het Universum een eindige leeftijd
heeft.

• Het bijna perfecte zwarte lichaam spectrum van de Kosmische Achtergrondstral-
ing, dat het ultieme bewijs is voor een extreem hete en dichte begin fase van het
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Figure 6.6: De drie dominante soorten en hun bijdrage aan de totale energie inhoud van het
Universum. Donkere energie is verantwoordelijk voor 73.2% van de totale energie inhoud van het
Universum, Donkere materie voor 26.6% en baryonen voor 4.4%.

Universum.

• De uitstekende overeenkomst tussen de geobserveerde hoeveelheid lichte elementen
en de voorspellingen van primordiale nucleosynthese. 2.

• Het feit dat de hemel donker is in de nacht, ook wel Olberts paradox genoemd.

• De overduidelijke evolutie van het uiterlijk van objecten als functie van hun afstand.

Ons huidige begrip van het Universum is gecodeerd in het zogenoemde Lambda Cold
Dark Matter (ΛCDM) model. Dit model tracht een verklaring te vinden voor de ver-
snelling van het heelal m.b.v de observaties van supernova’s, het Kosmische Web en
de Kosmische Achtergrondstraling. Lambda (Λ) refereert naar de kosmologische con-
stante, mogelijk gerelateerd aan de donkere energie, die vermoedelijk de afstotende kracht
veroorzaakt van huidige versnellingsfase in het Heelal. Koude Donkere materie is de
naam die wordt gebruikt voor een soort donkere materie die niet relativistisch is, niet bary-
onisch is, nauwelijks wisselwerking heeft en de structuren in het heelal domineert. De
voornaamste componenten van het ΛCDM Universum, bepaalt volgens de laatste waarne-
mingen, zijn weergegeven in Figuur 6.34.

2Onafhankelijk bevestigd m.b.v. CMB fluctuaties door WMAP
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Grote Schaal Structuren in het Universum

De Big Bang Theorie geeft antwoord op de vragen die betrekking hebben op de oorsprong
van het Universum en zijn globale eigenschappen. Maar het kan niet de rijke patronen
verklaren die te zien zijn in de verdeling van de materie op vele schalen. Deze verdeling
heeft een opmerkelijke hiërarchische aard. Planeten die om sterren wentelen, associaties
van sterren, wolken van gas en stof klonteren allemaal samen om een zeer georganiseerd
systeem te vormen, bekend als sterrenstelsel. Sterrenstelsels zelf vormen paren, groepen
en clusters van wel honderden en zelfs duizenden stelsels. Deze massieve clusters vormen
de verbindende knooppunten van de grootste structuren in het heelal: de superclusters.

Anisotropische ineenstorting

De vorming van structuren in het Universum is het resultaat van de gravitationele groei
van de primordiale dichtheidsverstoringen. Zwaartekracht heeft een versterkend effect op
de aanvankelijke kleine fluctuaties. Elke regio met een dichtheid hoger dan zijn omgev-
ing zal ineenstorten en zijn contrast vergroten. De toename van de dichtheid zal wor-
den gereflecteerd in een toename in het zwaartekracht die hierdoor nog meer materie zal
aantrekken naar de oorspronkelijke verstoring. Het tegengestelde effect gebeurt in de
minder dichte gebieden. Als materie hieruit wegvloeit worden ze nog minder dicht. De
gravitationele aantrekking zal nog zwakker, waardoor nog meer massa zal ontsnappen uit
de ijle regio’s. Al met al resulteert dit in een proces waarin elke verstoring wordt ver-
sterkt. Zeer dichte gebieden zullen ineenstorten totdat ze gebonden objecten zijn en ijle
regio’s zullen expanderen totdat ze geen materie meer bevatten.

De gravitationele ineenstorting van een wolk van materie kan worden beschreven (met
een eerste benadering) door het te idealiseren als een triaxiale ellipsoı̈de en vervolgens
aan te nemen dat elk van zijn drie assen onafhankelijk van elkaar ineenstort. In zo’n geval
kan je laten zien dat de kleinste as als eerste in elkaar stort, om zo een platte pannenkoek
te vormen. De middelste as zal hierna ineenstorten, en de wolk zal de vorm van een sigaar
gaan aannemen. Ten slotte zal de grootste as ineenstoren en een bolvormige configuratie
produceren.

In de werkelijkheid is de ineenstorting van een wolk veel gecompliceerder. Het hangt
niet alleen af van zijn eigen zwaartekracht maar ook van het externe zwaartekrachtveld.
Dit externe veld speelt een grote rol in de evolutie van de ineenstortende wolk, misschien
nog belangrijker, het bepaalt de globale verspreiding van materie in zijn omgeving. Dit
is de basis van de Kosmische Web Theorie uitgedacht door Dick Bond en medewerkers.
Het verklaart het karakteristieke cellulaire patroon van de materie op grote schalen, die
een netwerk vormt van met elkaar verbonden elementen: het Kosmische Web.



Nederlandse samenvatting 251

Figure 6.7: Projectie van de noordelijke hemel op een schaal van 1000 km s−1 gecentreerd op
6500 km s−1 met recessie snelheid (na Fairall (1997)). De horizon (dikke cirkel) correspondeert
met het vlak van de evenaar op declinatie δ = 0. De tekens in de horizon wijzen de rechter
helling aan. Sterrenstelsels worden weergegeven als zwarte stippen geschaald met hun redshift.
Verscheidene clusters worden weergegeven met hun naam en gemarkeerd met een donkergrijze
cirkel. Het verlengde grijze stuk ontbloot van sterrenstelsels die de hemel kruizen correspondeert
met het vlak van de Sterrenstelsel. Merk op de prominente leegte in de gehele distributie van de
sterrenstelsels.

Morfologie van het Kosmische Web: de Kosmische dierentuin

Het Kosmische Web vormt een ruimtevullend netwerk waarin wij drie basiscomponenten
met verschillende morfologie kunnen identificeren: clusters, filamenten en wanden (zie
figuur 6.35).
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Clusters

De opmerkelijkste concentraties van sterrenstelsels zijn de clusters. Dit zijn de meest
massieve, en meest recente, volledig ingestorte en gevirialiseerde objecten in het Heelal.
De rijkste clusters bevatten vele duizenden sterrenstelsels binnen een vrij klein volume
van enkele miljoenen licht jaar groot. De sterrenstelsels en hun sterren vormen slechts een
kleine fractie van de totale massa, zij zijn opgesloten en ingebed in diepe gravitatieputten
van donkere materie. Clusters zijn krachtige bronnen van Röntgenstraling. Die wordt uit-
gezonden door het diffuse extreem hete gas wat opgesloten zit in de gravitatiepotentiaal
van de clusters. Dit intraclustergas vertegenwoordigt de meest prominente baryonische
component van de cluster. In zekere zin kunnen clusters worden gezien als bollen van
heet, Röntgenstralende gas. De clusters worden bovendien gekenmerkt door een uiterst
hectisch milieu, waarin sterrenstelsels door getijdenkrachten van de cluster en andere ster-
renstelsels sterk worden beı̈nvloed. Een goed voorbeeld van een rijke cluster is de Coma
cluster (A1656) die meer dan duizend sterrenstelsels bevat en een massa heeft in de orde
van ∼ 1015 M� h−1 .

Filamenten

Tussen de clusters kunnen zich bruggen van materie vormen die als filamenten bekend
staan. Zij vormen zeer coherente stromen van materie, die in de richting van clusters aan
het invallen is. De clusters en de filamenten vormen de basis van onderling verbonden
structuren, ofwel een ”Cosmic Web”, waarmee de ruimte is gevuld. Eén van de meest
bekende voorbeelden is de Pisces-Perseus Supercluster. Het is een systeem van clusters
en filamenten dat een afstand van meer dan 300 miljoen lichtjaren overspant. Het wordt
overheerst door de Perseus cluster, één van de meest massieve clusters in het nabijgelegen
heelal.

Wanden en Voids

De gebieden tussen de filamenten worden opgevuld door dunne vlakke associaties die
bekend staan als wanden. Door hun lage oppervlaktedichtheid, zijn zij uiterst moeilijk te
identificeren. De wanden markeren de randen van enorme lege gebieden van ruimte die
als voids bekend staan. Zij zijn bijna helemaal verstoken van sterrenstelsels en vormen
de opvallendste ruimtelijke component in het Heelal.
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Figure 6.8: De clusters, de filamenten en de wanden geı̈dentificeerd met de MMF. Wij tonen
de oppervlakten van de gebieden die elke morfologie omhullen. Voor de duidelijkheid tonen wij
slechts de grootste structuren.

Dit proefschrift

Het Kosmische Web is van groot belang om te begrijpen hoe structuren vormen in het
Heelal. Ook zijn deze diverse kosmische milieus belangrijk voor de sterrenstelsels die
zich hierin vormen en evolueren. Desondanks is het opvallend dat er nog geen duidelijk
gedefinieerde techniek bestaat voor de objectieve identificatie van morfologische ele-
menten in het Kosmische Web.

Een juiste beschrijving van het Kosmische Web is essentieel om de verschillende
morfologische en dynamische omgevingen te identificeren, te selecteren en te isoleren.
Het beschikken over een dergelijk instrument biedt de mogelijkheid om tot een meer
systematisch gedefinieerde beschrijving van het Kosmische Web en zijn componenten.
Het zal een fysisch veel nauwkeuriger definitie van kosmische omgeving opleveren dan
tot nu toe beschikbaar en zal een beter begrip opleveren van zijn invloed op de vorming
van sterrenstelsels.

In deze studie presenteren wij een nieuwe methode voor het ontleden van het Kos-
mische Web: de Multischaal Morfologie Filter (MMF). De methode is gebaseerd op tech-
nieken die worden gebruikt in beeldverwerking, computervisualisatie en in het bijzonder
medische beeldvorming. MMF stelt ons in staat om clusters, filamenten en wanden te
identificeren in de grote schaal structuur in het Heelal (zie figuur 6.36). Met het ge-
bruik van dit instrument bestuderen wij verscheidene eigenschappen van de individuele
componenten van Kosmische Web. Dit proefschrift richt zich ook op de invloed die het
Kosmische Web heeft op de eigenschappen van sterrenstelsels zoals massa, leeftijd, im-
pulsmoment (spin parameter), vorm, accretie, en oriëntatie van zowel het stelsel als wel
van zijn rotatie-as (spin) ten opzichte van de omringende grote schaal structuur.

Het grootste deel van dit proefschrift is gewijd aan de studie van de door com-
puter gegenereerde heelalmodellen. Deze bevatten alleen donkere materie. In het laatste
hoofdstuk presenteren wij een studie naar de spinrichtingen van sterrenstelsels, die zijn
waargenomen door de Sloan Digital Sky Survey.
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Figure 6.9: Inventarisatie van het Kosmische Web in termen van volume (links) en massa (rechts)
van clusters, filamenten, wanden en de velden (leegtes plus structuren die geen morfologie zijn
toegekend).

De beschrijving van het Kosmische Web

Met behulp van de MMF methode zijn clusters, filamenten en wanden geidentificeerd
uit een kosmologische N-deeltjes simulatie. Deze simulaties kunnen voorspellen hoe de
huidige structuren in het Heelal eruit moet zien. Het resultaat van deze morfologische
analyse wordt getoond in Figuur 6.36. Hierin laten we het oppervlak zien van struc-
turen die behoren tot een van de drie verschillende morfologiën. Clusters (linker paneel)
worden weergegeven als bollen van verschillende omvang. Dit laat de kracht van de
MMF-techniek zien om structuren op verschillende schalen van elkaar te onderscheiden.
Filamenten (midden paneel) worden als uitgestrekte vormen afgebeeld die tussen de clus-
ters lopen. Als laatste worden de wanden (rechter paneel) afgebeeld, die een complexe
vorm en topologie bezitten.

Inventarisatie van Kosmische Web

Vervolgens zijn de globale eigenschappen van de verschillende elementen van het Kos-
mische Web onderzocht. De totale massa en volume zijn hier van bijzonder belang,
aangezien dit bepaalt welk morfologische element het meest voorkomt. De clusters, de
knopen in het Kosmische Web, zijn de meeste dichte en compacte objecten (zie de in-
ventarisatie van het Kosmische Web in (Figuur 6.37). Filamenten zijn minder dicht, maar
bevatten het grootste deel van de massa van het heelal. De wanden zijn nog minder promi-
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nent en dicht dan de filamenten, zij bevatten een relatief vrij kleine fractie van de massa
en het volume in het Heelal. Tot slotte het veld, vertegenwoordigt door de voids en alles
wat niet door MMF wordt geclassificeerd. Dit betreft de meest ijle gebieden, welke het
grootste gedeelte van de ruimte beslaan.

Het Kosmische Netwerk

Speciale aandacht is besteed aan de intrinsieke eigenschappen van de filamenten en de
cluster-filament-cluster verbindingen, daar zij het skelet van het Kosmische Web vor-
men. We vinden een rijke verzameling aan structuren. Op basis hiervan stellen wij een-
voudige doch enigszins subjectieve classificatie van filamenten voor. We herkennen vier
basistypes: ”lijn” filamenten, ”ster” filamenten, ”rooster” filamenten en ”complexe” fil-
amenten. Voorbeelden van elk type worden getoond in de figuren 6.38 en 6.39. Deze
selectie stelt ons in staat de lengte en massaverdeling, alsmede dichtheidsprofiel, van de
filamenten te bestuderen . Zoals valt te verwachten in een hiërarchisch scenario van struc-
tuurvorming zijn de kleine filamenten in aanzienlijk grotere getale aanwezig dan de grote
massieve equivalenten.

Behalve hun structuur hebben we ook de snelheidsstromen in en rondom filamenten
en wanden geanalyseerd. De stroomsnelheid is direct gerelateerd aan de sterkte van het
gravitatieveld. Materie verzamelt zich zo in webachtige patronen van filamenten en wan-
den. De contouren van deze structuren zijn reeds vroeg bepaald door de globale getijden-
krachten, een manifestatie van de inhomogene verdeling van materie op grote schaal.
Binnen de filamenten en wanden stroomt de materie verder naar de dichtstbijzijnde clus-
ter. Op basis hiervan vinden wij een een verband tussen de massa van het filament en
zijn snelheidsdispersie, een bevestiging van een vorige studie. Dit stelt ons in staat om de
massa van waargenomen filamenten af te leiden. Dit opent wellicht de mogelijkheid om
waarden van kosmologische parameters te bepalen op basis van de massa en afmetingen
van filamenten.

Sterrenstelsels in het Kosmische Web

Hoge resolutie N-deeltjes simulaties hebben ons in staat gesteld de relatie tussen de eigen-
schappen van sterrenstelsels en hun grootschalige omgeving te bekijken. Bijna zonder
uitzondering wordt de omgeving slechts gedefinieerd in termen van lokale dichtheid. De
in dit proefschrift ontwikkelde methode leidt tot een betere en een meer algemene defini-
tie van “omgeving”. Het resultaat laat zien dat lokale morfologie essentieel is om de
invloed van omgeving op sterrenstelsels te begrijpen.
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Line filament

Star filament

Figure 6.10: Drie orthogonale projecties van typische lijn- (boven) en ster- (onder) filamenten.
Donkere materie deeltjes worden aangeduid met gevulde grijze cirkels. De ruggengraat van het
filament is ook weergegeven met de zwarte stippen, om de vorm van de filamenten beter te kunnen
weergeven.
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Grid filament

Complex filament

Figure 6.11: Drie orthogonale projecties van typische net- (boven) en complexe- (onder) fila-
menten. Donkere materie deeltjes worden aangeduid met gevulde grijze cirkels. De ruggengraat
van het filament is ook weergegeven met de zwarte stippen, om de vorm van de filamenten beter
te kunnen weergeven.
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Figure 6.12: Een halo geı́dentificeerd met HOP
en zijn subhalos geı́dentificeerd met FracHop.
De grijze schaal wijst op dichtheid in logaritmis-
che schaal, donkergrijze deeltjes hebben hogere
dichtheid dan lichtgrijze deeltjes. De cirkels om-
sluiten alle subhalo’s behalve de grootste, en
zijn als M1/3

halo halo geschaald met willekeurige
groottes om een duidelijke indruk te geven van
de substructuren.

Halo en subhalo catalogussen

Hier beperken we ons tot halo’s van
donkere materie. De zichtbare sterrens-
telsels bevinden zich in deze halo’s. Om
een catalogus van donkere materie halo’s
te verkrijgen, is een nieuwe eenvoudige
en efficiënte zoekmethode bedacht om
substructuren die zich binnen de grotere
halo’s bevinden te identificeren: de Fra-
cHOP subhalo finder (zie figuur 6.40).
Het is gebaseerd op de bestaande halo
zoekmethode HOP. Bolvormige configu-
raties zijn zeldzaam en komen nauwelijks
voor. Een typische donkere materie halo
is een dichte concentratie van donkere ma-
terie met een drie-assige vorm, die zowel
sigaar- of een pannenkoekvormig kan zijn.
De oriëntatie van een halo is per definitie
de richting waarin de langste as wijst. Galactische halo’s zijn geı̈dentificeerd in de huidige
kosmische epoche, waarna ze worden teruggevoerd in tijd om hun evolutie te bestuderen.

De eigenschappen van halo’s in het Kosmische Web

Een van de resultaten van dit proefschrift betreft het verband tussen de eigenschappen
van de halo’s en structuur waarin ze zich bevinden. Eigenschappen die zijn bestudeerd;

• leeftijd

• massa verdeling

• lokale dichtheid

• vorm

• impulsmoment.

Inval van materie

De inval van massa in halo’s is sterk afhankelijk van hun omgeving. In hun directe omgev-
ing stroomt materie eerst naar de filamenten, alvorens via het filament zelf naar de dichts-
bijzijnde cluster te stromen. Het gevolg is een voorkeurs richting voor de inval van de
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materie en de interacties met andere halo’s. We zien hetzelfde bij halo’s in de wanden.
Voor een aantal situaties is de tijds-evolutie van de inval voorkeursrichting onderzocht.
De richting blijkt sterk afhankelijk te zijn van de grote schaal structuur. Bij wanden zien
we een verandering van de invalsrichting, die samenhangt met de ineenstorting ervan.

Vorm- en spinoriëntatie

Een ander punt van aandacht is de oriëntatie van de vorm en de rotatie-as van de halo
ten opzichte van het filament of wand waarin ze zich bevinden. Halo’s in filamenten
richten hun langste as langs het filament. Dit geldt ook voor de halo’s in het vlak
van de wanden. Het bevestigt de invloed van het sterk coherente getijde-veld en de
daarmee samenhangende invalsrichting van de materie. Ook de rotatie-as van halo’s
is gecorreleerd met de grote schaal structuur. Het blijkt dat de aard van de correlatie
afhangt van de massa en van het tijdstip. De afhankelijkheid in tijd uit zich in een
sterkere oriëntatie in het verleden. Wat betreft van hun massa afhankelijkheid zien wij
dat massieve halo’s loodrecht op hun filament staan, terwijl minder massieve halo’s meer
parallel zijn georiënteerd. Deze tendens wordt ook waargenomen in vroegere tijden. De
situatie voor wanden is enigszins anders. De spin vector ligt op elk moment in het vlak
van de wand. Het signaal dat wij vonden is zeer klein maar statistisch significant.

Spinoriëntatie van spiraalstelsels in SDSS filamenten

In het laatste hoofdstuk bestuderen wij de spinoriëntatie van spiraalstelsels, geselecteerd
uit de Sloan Digital Sky Survey, en de richting van hun filament. De Sloan Digital Sky
Survey is op dit moment de grootste survey van sterrenstelsels, en bevat onder andere de
3D posities van bijna een miljoen stelsels.

Wij beschrijven de diverse stappen die nodig zijn om de morfologische segmen-
tatie van het SDSS dichtheidsveld mogelijk te maken. We hebben de volgende effecten
meegenomen; de geometrie van survey, de verandering van het gemiddelde aantal stelsels
als functie van afstand, de fouten in afstandsbepalingen veroorzaakt door de intrinsieke
snelheden van melkwegstelsels en het effect van lege gaten die zijn ontstaan doordat er
gebieden aan de hemel zijn zonder observaties.

Om het effect van gaten in het survey te minimaliseren hebbeb we een nieuwe in-
terpolatie methode ontwikkeld. Deze is gebaseerd op de Delaunay triangulatie van de
ruimtelijke verdeling van stelsels (zie Figuur 6.41). Wij veronderstellen dat de geometrie
rond het gat informatie bevat over de geometrie binnen het gat en gebruiken de Delau-
nay tessellatie om het dichtheidsveld te interpoleren. Onze resultaten wijzen erop dat
onze methode een efficiënte manier is om deze kloven te dichten, waarbij we slechts een
minimum aan veronderstellingen en vrije parameters behoeven te gebruiken.
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Original Hole Reconstructed

Figure 6.13: Het vullen van een gat dat DTFI gebruikt: De linkerpanelen tonen tessellation Delau-
nay (bovenkant) en dichtheidsgebied dat (bodem) aan de beı̈nvloede deeltjesdistributie beantwo-
ordt in een simulatie N-body. De centrale panelen tonen het corresponderen Delaunay Tessellation
en dichtheidsgebied nadat een ”gat” van de originele deeltjesdistributie is gesneden. Het gat wordt
door het horizontale in de schaduw gestelde gebied vermeld dat de hoogste panelen kruist. Het
definitieve resultaat van het toepassen van DTFI wordt getoond in de rechts panelen. DTFI slaagt
erin om het originele dichtheidsgebied na de aangrenzende meetkunde van de melkwegdistributie
opnieuw op te bouwen.

Omdat filamenten beter te identificeren zijn dan wanden concentreren wij ons op
sterrenstelsels in filamenten. Figuur 6.42 toont het dichtheidsveld (bovenste paneel) dat
geconstructueerd is aan de hand van de ruimtelijke verdeling van de sterrenstelsels. In
het onderste paneel zijn de grootste geı̈dentificeerde filamenten afgebeeld. Vervolgens
is de spinvector van edge-on spiraalstelsels gerelateerd aan de lokal as van het filament.
Zowel kleur als helderheid van de stelsels zijn ogenschouw genomen. Er blijkt sprake te
zijn van een klein doch significant effect: de oriëntatie van de spin van van blauwere spi-
raalstelsels langs het filament lijkt iets sterker te zijn. Deze vondst is een sterke motivatie
motivatie om de analyse te herhalen voor een meer uitgebreide selectie van sterrenstelsels.

Eindconclusie

In dit proefschrift hebben we een nieuwe morfologische methode ontwikkeld om clusters,
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Figure 6.14: Boven: het dichtheidsveld die berekend is met behulp van de DTFE methode. Onder:
Hier wordt de buitenkant van filamenten getoond. De filamenten bevatten bijna het hele grote
schaal structuur.

filamenten en wanden in grote schaal verdeling van materie en sterrenstelsels te identi-
ficeren. Dit stelt ons in staat de eigenschappen van de componenten van het Kosmische
Web te bestuderen en te vergelijken met theoretische voorspellingen. Het cruciale vo-
ordeel van onze MMF methode is dat deze structuren op een volledig constistente manier
kunnen worden bekeken in theorie en in waarnemingen.

Wij durven te beweren dat de MMF techniek het eindelijk mogelijk maakt om de
complexe relatie tussen clusters, filamenten en wanden onderling en enerzijds en sterren-
stelsels anderzijds op een systematische, theoretische goed gefundeerde wijze te onder-
zoeken.





Resumen en español

Ningún otro tema ha evocado tal cantidad y riqueza de ideas como la búsqueda del
hombre por una explicación del origen del Universo y por ende de nuestra propia

existencia. Las mismas preguntas fundamentales que inquietaron a nuestros antepasados
siguen siendo válidas hasta el dı́a de hoy: Cómo fue el origen del Universo? Cuándo se
originó? cuál es su destino final? Cuál es nuestro lugar en el Universo? Mientras que
esta última está fuera del alcance de la fı́sica las preguntas anteriores pueden ser tratadas
hasta cierto punto con metodos cientı́ficos. En las ultimas décadas hemos sido testigos de
un avance sin precedentes en teorı́as y observaciones del Universo. Por primera vez en
nuestra historia tenemos las herramientas necesarias para responder algunas de las pre-
guntas más fundamentales. Paradójicamente, nuevos retos surgen al reconocer nuestro
aún limitado conocimiento.

La gran explosión

El paradigma actual en cosmologı́a indica que el Universo se originó hace aproximada-
mente 13.7 billones de años en un evento extremadamente energético a partir del cual
materia, energı́a y espacio-tiempo surgieron. Esta es la Teorı́a de la Gran Explosión. Este
término se hizo popular después de una serie de crı́ticas por parte de Fred Hoyle en una
entrevista de radio en 1950. Todo lo que podemos ver, desde los átomos que forman nue-
stro cuerpo hasta las estrellas y distantes galaxias estuvo en algún momento compactado
en una increı́blemente densa y caliente bola de fuego. Los eventos a partir de la creación
del Universo hasta la era de Plank (5.3 × 10−44 segundos 3) son un misterio ya que las
teorı́as fı́sicas con que contamos hoy en dı́a fallan al describir los eventos extremadamente
energéticos caracterı́sticos de esa época. Teorı́as de supersimetrı́a especulan que en este
momento electromagnetismo, la fuerza nuclear débil, la fuerza nuclear fuerte y gravedad
estaban unificadas en una sola fuerza fundamental.

35.3 × 10−44 = 0.0000000000000000000000000000000000000000000053
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Figure 6.15: Los primeros instantes del Universo a partir de la Gran Explosión, inflación y la era
de los quarks. La parte superior de la figura muestra el tiempo y la temperatura que corresponden
a cada posición en la imagen. Las 6 especies de quarks (up down, charm, strange, top, bottom)
ası́ como los electrones (e), los protones (p) y los neutrones (n) son representados por esferas. Ver
texto para más detalles.

Inflación y las semillas de la Red Cósmica

En algún momento alrededor de 10−34 segundos en Universo entró en una fase de ex-
pansión exponencial conocida como inflación. El mecanismo que disparó esta expansión
ası́ como su final aún no son entendidos del todo. Durante la inflación el Universo incre-
mentó su volumen por un factor de al menos 1078 en solo una fracción de segundo. Uno
de los efectos más importantes de la inflación fue la impresión de inhomogeneidades en
la distribución de materia: pequeñas fluctuaciones cuánticas fueron expandidas casi in-
stantáneamente por un factor inmenso. Estas inhomogeneidades (inicialmente de escalas
subatómicas) fueron las semillas de las que eventualmente estrellas, galaxias y cúmulos
de galaxias de millones de años luz de tamaño colapsaron.

Materia y radiación

Al final de la inflación los quarks (los ladrillos que componen protones y neutrones) se
encontraban flotando en un “mar de quarks”. Cuando el Universo se enfrió a 1013 K
los quarks pudieron unirse y formar protones, neutrones y otros bariones. Desde el mo-
mento en que los bariones emergieron hasta el fin de los primeros minutos el universo
de comportó como un reactor nuclear cósmico. Protones y neutrones se unieron para
formar nucleos de helio y pequeñas cantidades de deuterio hasta agotar los neutrones
disponibles. Este proceso ese denomina nucleosı́ntesis de la Gran Explosión y propor-
ciona predicciones precisas acerca de las abundancias de hidrógeno y helio primordiales.
Estas predicciones han sido corroboradas por observaciones dando por resultado uno de
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Figure 6.16: Desde la nucleosı́ntesis de la Gran Explosión a los primeros átomos estables en la
era de la recombinación. El fondo negro representa el universo siendo opaco y más adelante al
volverse transparente se indica con el fondo blanco.

los mayores triunfos de la teorı́a de la Gran Explosión.

Materia oscura: el espinazo de la Red Cósmica

Cuando el Universo alcanzó 1/1090 de su tamaño actual la materia comenzó a dominar
la dinámica del Universo y fluctuaciones de materia oscura pudieron comenzar a crecer.
La materia oscura collapsó gravitacionalmente definiendo los pozos de potencial grav-
itacional en los que posteriormente materia bariónica comenzarı́a a caer. Eventualmente
estas concentraciones de materia dieron origen a estrellas y galaxias. Sin la presencia de
materia oscura no hubiese sido posible formar las ricas estructuras que podemos observar
en el Universo. Uno de los problemas más apremiantes en astrofı́sica hoy en dı́a es la
detección e identificación de la materia oscura. Mientras que su presencia se hace clara-
mente patente a través de su atracción gravitacional, aún no contamos con observaciones
directas o detección en el laboratorio. La opinión mas aceptada es que se trata de alguna
partı́cula débilmente interactuante desconocida, presumiblemente un especimen de las
partı́culas predecidas en teorı́as de supersimetrı́a.

El fondo cósmico de microondas

Hasta este punto materia y radiación estaban acopladas. El Universo era opaco como
consecuencia de la fuerte interacción entre fotones y bariones. Este estado se mantuvo
durante los siguientes 379,000 años y terminó cuando la temperatura del Universo fue
lo suficientemente baja como para permitir la formación de átomos estables. En este
momento el Universo era 1/1090 de su tamaño actual y tenı́a una temperatura de 3000 K.
Núcleos de hidrógeno y helio atraparon electrones formando átomos. El Universo, hasta



266 Resumen en español

Figure 6.17: Del final de la edad oscuras con el nacimiento de las primeras estrellas en la
época del reionización hasta las primeras galaxias en la era de los quasares. El fondo muestra
la evolución de las fluctuaciones de materia oscura en coordenadas comóviles 5. Su etapa evo-
lutiva corresponde al tiempo exhibido en la figura pero no a su tamaño real considerado por un
”observador” en el tiempo actual. La recuadro corresponde a un quasar situado en el centro de
una galaxia. En los dos extremos de la figura indicamos el tamaño fı́sico de la caja en el perı́odo
del tiempo cubierto por la figura.

ahora permeado por un plasma brillante pero opaco de repente se volvió transparente y
los fotones pudieron viajar lı́bremente atravésando el Universo.

Los vestigios de este evento pueden observase hoy en dı́a como una radiación que
llena todo el Universo, localizada en el rango de frecuencias de microondas: el Fondo
Cósmico de Microondas. Su espectro de radiación corresponde a un cuerpo negro casi
perfecto con una temperatura de T0 = 2.725 K. El fondo cósmico de microondas es una
de las evidencias más importantes de la existencia de una era cuando el Universo era ex-
tremadamente denso y caliente: la Gran Explosión.

Edad oscura, las primeras estrellas y quasares

Lo que ocurrió desde el fı́n de la epoca de recombinación y durante los siguientes 500
millones de años es un misterio. Esto es debido a que aún no contamos con observa-
ciones de esta época ya que de hecho no habı́a estrellas que emitieran luz. Nubes de
gas neutro que venı́an colapsando lenta pero inexorablemente desde la era de dominación
de materia dieron origen a la primer generación de estrellas y con ellas la producción
de elementos quı́micos más pesados que el helio comenzó. La radiación emitida por
las primeras estrellas masivas fue lo suficientemente energética como para reionizar el
Universo. Esta primer generación de estrellas estaba ya agrupada en protogalaxias conte-
niendo millones de estrellas y gas. Las primeras galaxias se formaron y muchas de ellas,
si no es que todas, hospedaron en sus centros poderosas fuentes de energı́a alimentadas
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Figure 6.18: La evolución de las estructuras de gran escala a partir de la era de los quasares hasta
la fase de la aceleración en que la energı́a oscura dominó la dinámica del universo. El universo
ahora adquiere su caracterı́stica textura celular dominada por vastas regiones vacı́as.

por agujeros negros inmensamente masivos. Estos objetos extremadamente luminosos se
conocen como quasares6 y son los objetos luminosos más lejanos que podemos observar.

Energı́a oscura y el Universo en aceleración

Hasta este momento otro componente del Universo conocido como energı́a oscura habı́a
permanecido relativamente oculto, pero pronto se convierte en el principal actor de la
dinámica del Universo. Esto ocurrió cuando el Universo tenı́a aproximadamente la mitad
de tu tamaño actual. Todo lo que podemos decir acerca de la energı́a oscura es que tiene
una presión negativa o fuerza gravitacional repulsiva. Las observaciones parecen indicar
que la energı́a oscura es equivalente a una constante cosmológica en la teorı́a de relativi-
dad de Einstein, aunque hay otras opciones viables. A pesar de su influencia dominante en
la expansión del Universo las fluctuaciones de energı́a oscura no pueden desarrollarse. Su
efecto en la formación de estructuras a gran escala esta más relacionado con su impacto
en el ritmo de la expansión del Universo y las escalas de tiempo del Universo. Tan pronto
como la expansión del Universo de vuelve demasiado rápida la formación de estructuras
se “congela”. Por otro lado, la energı́a oscura es responsable de un dilatamiento en el
tiempo disponible en el pasado para formar estructuras. El dı́a de hoy la energı́a oscura
compone casi 3/4 del balance total de energı́a del Universo. A diferencia de la materia o
radiación, la energia oscura no de “diluye” el expandirse el espacio que la contiene, esto
llevará al Universo a un proceso de expansión acelerada eterna.

6Su nombre deriva por razones históricas del término: “objectos quasi estelares”
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Figure 6.19: La evolución de las estructura de gran escala se “congela” como consecuencia de la
expansión acelerada del Universo. La distribución total de la materia permanece básicamente sin
cambios, ahora sólo apreciamos un acentuamiento de las caracterı́sticas que estaban ya presentes.

El tiempo presente

Actualmente no hay formación de estructuras de gran escala (decenas de millones de
años luz). Sin embargo a escalas mas pequeñas la Red Cósmica aún es moldeada por la
gravedad. Las estructuras que ya estaban presentes antes que el universo entrara en ex-
pansión acelerada no presentan cambios significativos y son solamente acentuadas. Este
proceso es el resultado del colapso gravitacional de materia en las inmediaciones de ob-
jectos masivos. A escalas de unos cuantos millones de años luz aún ocurren muchos
cambios: Galaxias interactúan entre si por medio de su mutua atracción gravitacional
mientras que son arrastradas al interior de cúmulos de galaxias. Esto provoca que las
propiedades de las galaxias (color, forma, población estelar, contenido de gas, etc.) sean
afectadas, dando como resultado la gran variedad de galaxias que vemos hoy en dı́a.

El modelo estandar de la Gran Explosión

El marco de la teorı́a de la Gran Explosión en un Universo homogéneo e isotrópico ha
sido aceptado tan ámpliamente que se conoce como el modelo estándar de la Gran Ex-
plosión. Un creciente número de observaciones respaldan esta teorı́a, algunas de las más
importantes son:

• La relación entre la distancia y la velocidad de la recesión (ley de Hubble): Los
objetos se separan a una velocidad proporcional a su distancia de nosotros. Esta es
una consecuencia directa de la métrica de espacio-tiempo uniforme de Robertson-
Walker. Su implicación inmediata es que el Universo tiene una edad finita.

• El espectro casi perfecto de cuerpo negro del fondo cósmico de microondas, que es
evidencia de una fase inicial extremadamente caliente del Universo.
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Figure 6.20: Las tres especies dominantes en términos de su contribución al contenido total de
energı́a del universo. La energı́a oscura comprende 73.2 % del contenido total de energı́a del
universo, la materia oscura el 26.6 % y la materia normal, también denominada barionica apenas
un 4.4 %.

• La comparación excelente entre las abundancias observadas de elementos ligeros y
las predicciones de nucleosı́ntesis primordial 7.

• El hecho de que el cielo de la noche es oscuro, también conocido como la paradoja
del Olbert.

• La evolución evidente del aspecto de objetos astronómicos como función de su
distancia a nosotros.

Nuestra comprensión actual del Universo esta resumida en el llamado modelo Lambda
de materia oscura, o ΛCDM por sus siglas en inglés. 8 Este modelo intenta explicar la
aceleración del Universo según lo deducido de las observaciones de supernovas distantes,
de la Red Cósmica del Universo y el fondo cósmico de radiación. Lambda (Λ) se refiere
a la constante cosmológica, relacionada posiblemente con la energı́a oscura, que se cree
es la responsable de inducir la fuerza gravitacional repulsiva detrás de la fase actual de
aceleración del Universo. La materia oscura frı́a es el nombre usado para una especie de
materia oscura que es no-relativista, no-bariónica, no disipativa y no colisional y es el

7Independientemente confirmados por análisis de las fluctuaciones del fondo cósmico de radiación por el
telescopio en órbita WMAP

8Lambda Cold Dark Matter
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componente determinante para la formación de estructuras a gran escala en el Universo.
Los componentes principales del Universo ΛCDM según las observaciones más recientes
se muestran en figura 6.20.

Estructura a gran escala del Universo

La teorı́a de la Gran Explosión proporciona una respuesta al origen del Universo y sus
propiedades globales. Sin embargo, no puede explicar la rica tapicerı́a de estructuras ob-
servada en la distribución de la materia en todas las escalas. La distribución de la materia
tiene una naturaleza jerárquica notable. Planetas se mueven en órbita alrededor de estrel-
las, asociaciones de las estrellas y nubes de gas y polvo se reunen para formar sistemas
altamente organizados conocidos como galaxias. Las galaxias mismas también forman
pares, grupos y cúmulos con centenares e incluso millares de miembros. Finalmente es-
tos sistemas masivos de galaxias forman los “nodos” que conectan las estructuras más
grandes del Universo extendiéndose a través de cientos y miles de millones de años luz
de tamaño: los supercúmulos de galaxias.

Colapso no isotrópico

La formación de estructuras en el Universo es el resultado del crecimiento gravitacional
de las fluctuaciones primordiales del campo de densidad. La gravedad tiene el efecto de
amplificar las fluctuaciones inicialmente suaves. Cualquier región dada con una densidad
más alta que sus alrededores colapsará y será acentuada. Esto será reflejado en el campo
gravitacional que atraerá aún más materia hacia la perturbación inicial. El efecto opuesto
ocurre en regiones de baja densidad. Mientras que la materia fluye hacia afuera de ellas
estas se vuelven menos densas. La fuerza gravitacional será más débil y aún más materia
escapará de la región de baja densidad. A final de cuentas esto dará lugar a un proceso
de desboque en el cual cualquier perturbación sea amplificada. Las regiones de alta den-
sidad colapsarán y las regiones de baja densidad se expandirán hasta hasta perder toda su
materia.

El colapso gravitacional de una nube de la materia se puede describir (como una
primera aproximación) idealizándola como un elipsoide triaxial y asumiendo que cada
uno de sus ejes principales colapsa independientemente. En tal caso puede demostrarse
que el eje más pequeño es el primero en colapsar, tomando una forma aplanada. Después
el eje medio colapsará dando como resultado una forma elongada y finalmente el eje
major colapsará para producir una configuración esférica.

En realidad el colapso gravitacional de una nube de materia es bastante más compli-
cado. Este depende no solamente de su propia gravedad sino también del campo grav-
itacional externo. El campo de marea producido por este campo desempeña un papel
importante en la evolución de la nube al colapsarse, y quizás más importante, define la
distribución total de la materia alrededor de la región. Esta es la base de la teorı́a de la
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Figure 6.21: Proyección en el cielo del hemisferio norte de una cáscara de 1000 km s−1 centrados
en 6500 km s−1 en velocidad de recesión (basado en Fairall (1997)). El horizonte (cı́rculo grueso)
corresponde al plano ecuatorial en la declinación δ = 0. Las marcas en el horizonte indican la
ascensión recta α. Las galaxias se representan como puntos negros escalados con su velocidad de
recesión. Varios cúmulos se indican por nombre y un cı́rculo gris oscuro. El parche gris despro-
visto las galaxias que cruza el cielo corresponde al plano de la vı́a láctea. Note la prominencia de
regiones vacı́as en la distribución de galaxias.

Red Cósmica desarrolada por Bond y colaboradores. Esta teorı́a explica la naturaleza
celular caracterı́stica de la distribución de la materia a gran escala formando una red de
elementos interconectados.
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Morfologı́a de la Red Cósmica

La Red Cósmica es un sistema que llena todo el Universo. En ella podemos identificar
tres componentes o morfologı́as básicas: cúmulos, filamentos y paredes (ver figura 6.21).

Cúmulos

Las concentraciones más sobresalientes de galaxias son los cúmulos de galaxias. Estos
se caracterizan por ser los sistemas más masivos y de formacion más reciente (colapso y
virialización) del Universo. Los cúmulos más masivos contienen varios miles de galax-
ias dentro de un volumen relativamente pequeño, de solamente algunos millones de años
luz de tamaño. Las galaxias y sus estrellas forman solamente un componente de menor
importancia en los cúmulos, estas son atrapadas por los pozos gravitacionales produci-
dos por la materia oscura. Los cúmulos se pueden identificar como fuentes importantes
de rayos-X emitido por el gas extremadamente caliente en su interior. Este gas repre-
senta el componente bariónico más prominente del cúmulo. Los cúmulos se caracterizan
por tener ambientes extremadamente violentos en los cuales las galaxias son fuertemente
afectadas por los campos de marea e interacciones gravitacionales galaxia-galaxia. Un
ejemplo tı́pico de un cúmulo rico es coma (A1656) que contiene más que mil galaxias y
una masa del orden de ∼ 1015 h−1 M�.

Filamentos

Las regiones entre los cúmulos de galaxias definen el lugar de formación de “puentes” de
materia conocidos como filamentos. Estos forman flujos altamente coherentes a través de
los cuales los cúmulos acretan materia. Los cúmulos y los filamentos forman un marco
de estructuras interconectadas o una “Red cósmica” que se extiende a través de espacio.
Uno de los ejemplos más conocidos es el supercúmulo de Pisces-Perseus. Este es un sis-
tema de cúmulos y filamentos con un tamaño de más de 300 millones de años luz. Este
esta dominado por el cúmulo de Perseus, uno de los más masivos del Universo cercano.

Paredes y vacı́os

Llenando las regiones entre los filamentos uno puede encontrar asociaciones planares
muy tenues conocidas como paredes. Estas son extremadamente difı́ciles de identificar
dada su baja densidad superficial. Las paredes definen los bordes de regiones vacı́as ex-
tensas conocidas como vacı́os. Estos estan casi totalmente desprovistos de galaxias y
dominan la distribución de materia a gran escala.



Resumen en español 273

Figure 6.22: Cúmulos, filamentos y paredes identificados con el MMF. La figura muestra las
superficies que contienen regiones correspondientes a cada morfologı́a. Para mayor la claridad se
muestran solamente las estructuras más grandes.

Esta tesis

A pesar de la importancia de la Red Cósmica para nuestra comprensión de la formación
de estructuras en el universo, y aún más dada su importancia para definir los diversos
ambientes cósmicos en los cuales las galaxias se forman y evolucionan, es interesante
notar que hasta el dı́a de hoy no hay un método bien definido y objetivo para identificar
los elementos morfológicos presentes en la distribución de materia. Una caracterización
apropiada de la Red Cósmica es crucial para identificar, distinguir, seleccionar y aislar los
diversos ambientes morfológicos y dinámicos. La disponibilidad de tal método abrirı́a
posibilidades sin precedentes para un estudio detallado y bien definido de las estructuras
del Universo. Dicho método proporcionarı́a una mejor definición fı́sica del ambiente
cósmico en comparación con los métodos tradicionales disponibles hasta el momento.

En esta tesis introduje un nuevo un descriptor de la Red Cósmica: el Filtro Mor-
fológico Multiescalar (MMF9). Este método esta basado en técnicas de procesamiento de
imagen, visión por computadora y especialmente análysis de imágenes médicas. El MMF
nos permite identificar cúmulos, filamentos y las paredes en la distribución de materia de
gran escala en el Universo (ver figura 6.22). Con la ayuda de esta herramienta estudi-
amos varias propiedades de los componentes individuales de la Red Cósmica. Esta tesis
también trata el efecto que la Red Cósmica tiene en las propiedades fı́sicas de las galaxias
tales como masa, tiempo de la formación, momento angular (parémetro de spin), forma,
acreción de materia, orientación entre la forma del halo galáctico y la estructura a gran
escala y el spin y la estructura a gran escala. La mayor parte de esta tesis esta enfocada al
estudio de universos generados por computadora que contienen solamente materia oscura
frı́a. El ultimo capı́tulo se basa en un estudio de la orientación del spin de galaxias reales
observadas por el Sloan Digital Sky Survey (SDSS).

9Multiscale Morphology Filter
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Figure 6.23: Inventario de la Red Cósmica en términos de volumen (izquierda) y masa (derecha)
de cúmulos, filamentos, paredes y el campo (formado por vacı́os más las estructuras no asignadas
a otra morfologı́a).

Caracterización de la Red Cósmica

Aplicamos el MMF a una simulación cosmológica del N-cuerpos (siguiendo su evolución
hasta el tiempo presente) para identificar y extraer cúmulos, filamentos y paredes. El re-
sultado del filtro morfológico se muestra en la figura 6.22. La figura muestra las superfi-
cies que contienen las regiones correspondientes a cada una de las tres morfologı́as. Los
cúmulos (panel izquierdo) se representan como esferas con los varios tamaños que refle-
jan la naturaleza multiescalar del MMF. Los filamentos son mostrados en el panel central
como puentes alargados conectando cúmulos. Finalmente las paredes (panel derecho) se
muestran como objetos aplanados de forma y topologı́a muy complejas.

Inventario de la Red Cósmica

Estudiamos las caracterı́sticas generales de cada morfologı́a de la Red Cósmica. La masa
y el volumen totales son particularmente interesantes puesto que determinan el predo-
minio de una morfologı́a sobre las otras. Los cúmulos son los nodos de la red y el com-
ponente más denso y compacto (véase el inventario de la Red Cósmica en la figura 6.23).
Los filamentos son menos densos pero contienen la mayor parte de la masa del Universo.
Las paredes son menos prominentes y menos densas que los filamentos. Estas contienen
una fracción relativamente pequeña de la masa y volumen del universo. Finalmente ten-
emos el campo, aquı́ representando vacı́os más las estructuras que no fueron clasificadas
por el MMF. Este tiene una densidad más baja que el resto del Universo y cubre la mayor
parte del espacio.
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La Red Cósmica

Realizamos un estudio exploratorio de las caracterı́sticas de los componentes individ-
uales de de la Red Cósmica. Prestamos especial atención a los filamentos y a la conexión
cúmulo-filamento-cúmulo puesto que ésta forma la base estructural de la Red Cósmica.
La inspección visual de la Red Cósmica revela un conjunto rico en formas, tamaños y
contraste. Los filamentos son los componentes morfológicos más visibles pero al mismo
tiempo son muy difı́ciles de clasificar. Basándonos en su aspecto visual propusimos una
clasificación de filamentos. Los filamentos se pueden dividir en cuatro tipos básicos: fil-
amentos de lı́nea, estrella, malla y filamentos complejos. Los ejemplos de cada uno se
muestran en las figuras 6.24 y 6.25. Tomando como base el catálogo de filamentos pudi-
mos estudiar su longitud y distribución de masas ası́ como su perfil de densidad. Según
lo esperado en un modelo jerárquico los filamentos menos masivos son más abundantes
que los más masivos.

La Red Cósmica es un sistema en constante evolución y aún cuando esta se ha conge-
lado en escalas de decenas de millones de años luz, varios procesos continuan ocurriendo
mientras materia es atraida y “cae” en los pozos gravitacionales definidos por cúmulos
y filamentos. Estudiamos el flujo de la materia dentro de filamentos y paredes y en su
vecindad. El campo de velocidad delinea fielmente el campo gravitacional responsable
de formar las estructuras. La materia se acumula siguiendo el patrón determinado por
filamentos y paredes. La forma de estos es a su vez determinada por la distribución no
homogénea de materia alrededor. Una vez que la materia ha entrado en los filamentos y
paredes fluje a través de estos canales hacia el cúmulo más cercano.

Confirmamos un estudio anterior que indicaba que, con algunas suposiciones sobre
el estado dinámico de los filamentos, es posible derivar una expresión para su masa en
términos de su velocidad de dispersión. Este resultado se puede utilizar para medir la
masa de los filamentos observados en catálogos de la galaxias de una manera similar a la
estimación de la masa de cúmulos. Un estudio más extenso de la distribución de la masa
y del tamaño del filamentos para diferentes cosmologı́as podrı́a resultar en una nueva
manera de restringir los parámetros cosmológicos.

Galaxias en la Red Cósmica

Corrimos una simulación cosmológica de N-cuerpos de alta resolución para estudiar la
relación entre las caracterı́sticas de las galaxias y su medio ambiente a gran escala. El
medio ambiente se ha definido tradicionalmente solamente en términos de la densidad
local. En esta tesis utilizamos una definición más general que incluye la morfologı́a local
de la distribución cósmica de la materia. La morfologı́a local es un elemento esencial
para la caracterización del ambiente de las galaxias.
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Line filament

Star filament

Figure 6.24: Tres proyecciones ortogonales de un filamento tı́pico de lı́nea (panel superior) y
un filamento estrella. Las partı́culas de materia oscura son indicadas por los cı́rculos grises. El
espinazo del filamento también es mostrado usando puntos negros elpara delinear mejor su forma
y orientación general.
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Grid filament

Complex filament

Figure 6.25: Tres proyecciones ortogonales de un filamento tı́pico de malla (panel superior) y un
filamento complejo (panel inferior). Las partı́culas de materia oscura son indicadas por los cı́rculos
grises. El espinazo del filamento también es mostrado usando puntos negros para delinear mejor
su forma y orientación general.
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Figure 6.26: Un halo identificado con el método
HOP y sus subhalos identificados con FracHOP.
La escala de gris indica la densidad en escala
logarı́tmica, las partı́culas en gris oscuro tienen
una densidad más alta que las partı́culas en gris
claro. Los cı́rculos incluyen todos los subhalos
menos el mayor y estan escalados como M1/3

halo.

Catálogos de halos y subhalos

Nuestro estudio esta limitado a los halos
de materia oscura que se asume hospedan
galaxias luminosas. Para obtener un
catálogo de halos ideamos un nuevo
método simple pero eficiente para iden-
tificar halos localizados dentro de halos
más grandes: el identificador de sube-
structura FracHOP (véase la figura 6.26).
El método se basa en el buscador HOP y
junto con el MMF forman la base de nue-
stro estudio.

Identificamos los halos galácticos al
tiempo actual y en varios tiempos anteri-
ores para estudiar su evolución. Un halo
de materia oscura tı́pico es una concen-
tración densa de materia con forma triax-
ial. Esta configuración puede ser con forma de salchica o torta aplanada. Las configu-
raciones esféricas son raras, o apenas existentes. La orientación del halo se define en la
dirección del eje más grande del objeto.

Propiedades de los halos en la Red Cósmica

Una contribución importante de esta tesis es el estudio objetivo de las propiedades de
los halos con respecto a la estructura a gran escala en la que se encuentran estos. El
uso de la técnica del MMF nos proporcionó la capacidad única de realizar un estudio
objetivo y bien definido. Esto resultó en una serie de resultados importantes acerca de las
propiedades de los halos respecto a su medio ambiente, tales como:

• tiempo de formación

• función de masa

• densidad local

• forma

• momento angular.
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Acreción de materia

La manera en que los halos acretan masa es fuertemente influenciada por su medio am-
biente. Materia en la vecindad de filamentos es atraida hacia el filamento en cuestión,
mientras que materia que ya se encuentra en el filamento fluye a través de este hacia el
cúmulo más cercano. Este proceso define direcciones preferenciales de acreción ası́ como
interacciones con otros halos. Lo mismo ocurre con haloes localizados dentro de pare-
des. Estudiamos la evolución temporal de la dirección principal de acreción para algunos
casos particulares. Nuestros resultados indican una fuerte dependencia entre la dirección
de acreción y la estructura a gran escala. En el caso de paredes identificamos un cambio
caracterı́stico en la acreción que refleja el colapso en la fase linear.

Forma y orientación de giro

Estudiamos la forma de los halos y su alineación de giro con respecto a su filamento o
pared anfitrión. Estos estan orientados en direcciones especı́ficas dictadas por la estruc-
tura local de gran escala. Los halos en filamentos tienen su eje mayor orientado en la
misma dirección que su filamento anfitrión. Esto es de esperarse dada la coherencia del
campo de marea dentro de filamentos y la acreción de materia (también afectada por el
campo de marea). Los halos en paredes también tienen su forma orientada en el plano de
la pared.

Encontramos que la dirección de giro de los halos está relacionada con la estructura
de gran escala. El efecto depende de la masa y el tiempo. La orientación de los halos
es mayor en el pasado y en el presente los halos masivos están orientados perpendicu-
larmente con su filamento anfitrión mientras que los menos masivos son paralelos. Esta
tendencia también se observa en tiempos anteriores al presente. El vector de giro de los
halos en paredes se localiza en el plano de la pared. La señal de alineamiento que detec-
tamos es muy pequeña pero estadı́sticamente significativa.

Orientación del giro de galaxias espirales en filamentos del SDSS

En el último capı́tulo estudiamos la orientación de giro de galaxias espirales con respecto
a la dirección de su filamento anfitrión. Las galaxias usadas en este estudio fueron se-
leccionadas del mapa de galaxias Sloan Digital Sky Survey. Este es el mapa de galaxias
más extenso producido hasta la fecha. Contiene más de un cuarto de millón de posiciones
tridimensionales de galaxias.

Describimos los varios pasos que se requieren para realizar la segmentación mor-
fológica a partir de la muestra discreta de galaxias. En nuestro análisis consideramos la
geometrı́a particular del problema, el cambio en el número promedio de galaxias como
función de su distancia de nosotros, la distorsión de la distancia estimada como resutado
de las velocidades peculiares de las galaxias (distorsiones de corrimiento al rojo) y el
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Original Hole Reconstructed

Figure 6.27: Interpolación geómetrica del campo de densidad en un agujero usando el DTFI: Los
paneles izquierdos muestran la teselación de Delaunay (panel superior) y el campo de densidad
(panel inferior) que corresponde a la distribución de partı́culas con “biasing” en una simulación
de N-cuerpos. Los paneles centrales muestran la teselación Delaunay correspondiente y el campo
de densidad después de que un “agujero” ha sido cortado de la distribución original de partı́culas.
El agujero es indicado por el área horizontal sombreada que cruza los paneles superiores. El
resultado final después de aplicar el DTFI se muestra en los paneles derechos. El DTFI logra
reconstruir el campo de densidad original al seguir la geometrı́a de la distribución de galaxias
adyacente.

efecto de agujeros en el mapa producidos por una cobertura no uniforme.
Con el objeto de reducir al mı́nimo el efecto de los agujeros en el mapa de galaxias

desarrollamos un nuevo esquema de interpolación basado en la triangulación de Delaunay
de la distribución de galaxias (véase la figura 6.27). Asumimos que la geometrı́a alrede-
dor del agujero contiene información relevante sobre la geometrı́a dentro del agujero y
utilizamos la teselación de Delaunay para interpolar el campo de densidad. Nuestros
primeros resultados indican que este método ofrece una manera eficaz de llenar agujeros
en mapas con un mı́nimo de suposiciones o parámetros libres.

Nuestro estudio se enfocó en la orientación de giro de galaxias espirales localizadas
en filamentos. Esto es debido a su relativamente facil identificación en comparacion con
las paredes. La figura 6.28 muestra el campo de densidad reconstruido a partir de la dis-
tribución de galaxias (panel superior) y los filamentos más grandes identificados con el
MMF (panel inferior). Posteriormente comparamos la dirección local del filamento con
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Figure 6.28: Panel superior: campo de la densidad reconstruido a partir de distribución de galax-
ias usando el método DTFE. Panel inferior: superficies que contienen regiones de espacio iden-
tificadas como filamentos. Los filamentos delinean fielmente los patrones en la estructura a gran
escala.

el vector de giro de las galaxias espirales en nuestra muestra. Dividimos la muestra en
rangos de color y luminosidad y encontramos una relación entre estas propiedades de las
galaxias y su alineamiento de la dirección de giro. El efecto es más significativo para
galaxias más azules. La señal es sin embargo pequeña y dado el reducido número de
galaxias en la muestra no es posible obtener conclusiones firmes. El comportamiento ob-
servado es intrigante y es una motivación para repetir el análisis usando una muestra de
galaxias más grande.
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Conclusiones finales

En esta tesis hemos presentado un método novedoso que permite definir el medio ambi-
ente cósmico en términos de su morfologı́a. El MMF proporciona un marco completo
para identificar cúmulos, filamentos y paredes de una manera consistente y objetiva.

Al disectar la Red Cósmica en sus componentes morfológicos básicos podemos estu-
diar las caracterı́sticas de cada morfologı́a independientemente. Las caracterı́sticas de los
filamentos y paredes ası́ como su contenido se pueden estudiar y comparar con predic-
ciones teóricas. Esta es una ventaja crucial del MMF puesto que muchos estudios teóricos
se basan en casos idealizados. Esto a menudo hace muy difı́cil comprobar una teorı́a con
observaciones si no contamos con una caracterización morfológica apropiada.

Esperamos que el método presentado aquı́ (o quizás otra implementación aún mejor
de este) abra la trayectoria hacia una mejor comprensión de la compleja relación entre los
elementos de la Red Cósmica y de su estrecha relación con la formación y evolución de
las galaxias.
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No other subject has evoked such richness of ideas than the quest of the human mind
for an explanation to the existence of the Universe and therefore to our own exis-

tence. The same fundamental questions that puzzled our ancestors remain valid today:
What is the origin of the Universe? When did it originate? What is its final fate? What is
our place in the Universe? While the latter remains outside the scope of physics, the for-
mer questions can be approached to some extent with scientific methods. During the last
decades we have witnessed an unprecedented advance in both theory and observations of
the Universe. For the first time we have the tools to answer some of the most fundamental
questions of men. Paradoxically, new challenges arise as we also become aware of our
still limited knowledge.

The Hot Big Bang

The current paradigm of cosmology states that the the Universe originated some 13.7 bil-
lion years ago as an extremely energetic event out of which all matter, energy and indeed
space-time themselves arose into existence. This is known as the Big Bang Theory. The
term became popular after Fred Hoyle’s criticism on the theory during a radio interview
in 1950. Everything we see now, from the atoms that form our bodies to the stars and the
distant galaxies was compacted at some point in the past in an incredible dense and hot
primordial fireball. The events that followed since the creation of the Universe until the
Plank time (5.3×10−44 seconds 10) remain unknown as our current physical theories fail
in describing the extremely energetic events that characterize that epoch. Supersymmetry
theories speculate that at this point electromagnetism, weak nuclear force, strong nuclear
force and gravity are all unified in a single fundamental force.

105.3 × 10−44 = 0.0000000000000000000000000000000000000000000053
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Figure 6.29: The first instants of the Universe starting with the Big Bang, inflation and the quark
era. On top of the figure we show the time and temperature corresponding to each position in the
slice. The 6 species of quarks (up,down,color,strange,top,bottom) as well as electrons (e), protons
(p) and neutrons (n) are represented by spheres. See text for details.

Inflation and the seeds of the Cosmic Web

At some point around 10−34 seconds the Universe entered a phase of rapid exponential
expansion known as inflation. The mechanism that triggered this expansion as well as
its end are not well understood yet. During inflation the Universe increased its volume
by a factor of at least 1078 in just a small fraction of a second. One of the most impor-
tant effects of inflation was the imprint of inhomogeneities in the distribution of matter:
Tiny quantum fluctuations were suddenly expanded by an enormous factor. These ini-
tially subatomic inhomogeneities were the seeds from which galaxies and associations of
galaxies as large as hundreds of million light years collapsed.

Matter and Radiation

At the end of inflation quarks, the bricks that form protons and neutrons, were freely
roaming in a ”sizzling sea of quarks”. As the Universe cooled down to 1013 K quarks
could bind together to form protons, neutrons and other baryons.

From the emergence of baryons until the first three minutes the Universe behaved
like a ”Cosmic nuclear reactor”. Protons and neutrons formed helium nuclei and traces
of deuterium until there were no more neutrons available. This process is called the Big
Bang nucleosysnthesis and gives accurate predictions on the primordial hydrogen and
helium abundances. These have been confirmed by observations resulting in one of the
greatest successes of the theory.
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Figure 6.30: From the Big Bang nucleosynthesis to the first stable atoms in the recombination era.
The black background represents the Universe being opaque and later on becoming transparent,
indicated by white background.

Dark matter: the skeleton of the Cosmic Web

When the Universe was 0.01% of its present size matter started dominating the dynamics
of the Universe and dark matter fluctuations could start growing. Unimpeded in its grav-
itational growth, dark matter defined the gravitational potential wells into which later on
baryonic matter would start to fall, eventually leading to the formation of galaxies and
stars. Without dark matter it would have been impossible to form the rich structure we
observe in today’s Universe. One of the most pressing problems in astrophysics is the
identity of this dark matter. While its presence is unmistakably felt through its gravita-
tional attraction, it has as yet escaped direct observation or detection in the laboratory.
The commonly accepted view is that it is some unknown weakly interacting particle, pre-
sumably a specimen of the particles predicted by supersymmetric theories.

The Cosmic Microwave Background

Until this point matter and radiation were coupled. The Universe was opaque as photons
interacted strongly with baryons. This state lasted for the following 379,000 years and
ended when the temperature of the Universe allowed the first stable atoms to be formed.
At this point the Universe was 1/1090 of its present time size and had a temperature of
around 3000 K. Hydrogen and helium nuclei trapped electrons with the resulting emis-
sion of photons. The Universe which until now was permeated by a bright but opaque red
plasma suddendly became transparent and light could freely travel across long distances.
The relics of this event can be seen as a pervading radiation that today peaks at microwave
wavelengths and is observed as the Cosmic Microwave Background. Its almost perfect
blackbody spectrum corresponds to a temperature of T0 = 2.725 K at the present time
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Figure 6.31: From the end of the dark ages with the birth of the first stars in the reionization
epoch to the first galaxies in the quasar era. The background shows the evolution of dark mat-
ter fluctuations in ”comoving” 12 coordinates. Their evolutionary stage corresponds to the time
displayed in the figure but not to their actual size seen by an ”observer” at the present time. The
insert corresponds to a quasar located in the center of a galaxy. At the two extremes of the slice
we indicate the physical size of the box in the period of time covered by the figure.

and defines the strongest evidence for the existence of a very hot and dense phase in the
early Universe, i.e. the Hot Big Bang.

Dark ages, first stars and the quasar era

What happened after the recombination epoch until the next 500 million years is not well
known yet. This period of time is called the dark ages since we do not have observations
of it and indeed there were no stars to produce light. Clouds of neutral gas slowly col-
lapsing since the matter domination era eventually gave rise to the first generation of stars
which started the production of elements beyond helium. The radiation emitted by these
massive first stars was energetic enough to reionize the Universe. These first-generation
stars where already assembled in protogalaxies conformed by millions of them and gas.
The first luminous galaxies formed and many, if not all of them, hosted powerful sources
of energy in their center driven by massive black holes. These extremely luminous ob-
jects are known as quasars and are the farthest luminous objects we can see today.

Dark Energy and the Accelerating Universe

Another component of the Universe known as Dark Energy has remained relatively hid-
den until now, but soon it becomes the dominant actor in the overall dynamics of the
Universe. This occurred when the Universe had approximately half its size. All that can
be said about dark energy is that it has a negative pressure or repulsive force. Most ob-
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Figure 6.32: The development of the large scale structure from the quasar era until the acceler-
ation phase when the dark energy dominates the dynamics of the Universe. The Universe now
acquires its characteristic cellular patterns dominated by empty regions.

servational studies agree with it being equivalent to a cosmological constant in Einstein’s
Theory of Relativity although other options are still viable. While its influence on the
expansion of the Universe is dominant, fluctuations in dark energy cannot grow. Its effect
on the structure formation process is mainly related to its impact on the expansion rate
and timescales in the Universe. As soon as the expansion rate of the Universe becomes
too high structure formation comes to a halt. On the other hand, the effect of dark energy
on the dynamics has stretched the time available in the past to form and evolve structure.
Today dark energy accounts for almost 3/4 of the total energy budget. Contrary to matter
or radiation it does not become diluted as the Universe expands, setting the Universe on
a runaway eternal expansion.

The present time

At the present time there is no more structure development on the large scales. However,
on small scales gravity stills shapes the Cosmic Web. We see a sharpening of the fea-
tures already present before the accelerated expansion. This sharpening is the result of
structures still collapsing and matter being accreted by massive objects. On scales of a
few million light years there is still a lot happening. Galaxies interact gravitationally with
each as they rush into highly dense environments. By doing so their properties such as
color and shape are dramatically changed producing the large variety of galaxies we see
today.

The standard Hot Big bang model

The cosmological framework of the Hot Big Bang in a spatially homogeneous and isotropic
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Figure 6.33: The development of the large scale structure ”freezes” as consequence of the accel-
erated expansion of the Universe. The overall distribution of matter remains basically unchanged,
we only see a ”sharpening” of the features that were already present.

Universe is so widely accepted that it is called the Standard Hot Big Bang Model. It is
supported by a large and ever increasing number of observations, some of the most im-
portant are:

• The relation between the distance and recession velocity (Hubble law): Objects
move away at a speed proportional to their distance from us. This is a consequence
of the uniform Robertson-Walker space-time metric. Its immediate implication is
that the Universe has a finite age.

• The almost perfect black-body spectrum of the Cosmic Microwave Background,
which is evidence for an extremely hot initial phase of the Universe.

• The excellent match in the observed abundances of light elements and predictions
from primordial nucleosynthesis 13.

• The fact that the night sky is dark, also known as the Olbert’s paradox.

• The evident evolution of the appearance of objects as function of their distance
from us.

Our current understanding of the Universe is encoded in the socalled Lambda Cold Dark
Matter (ΛCDM) model. This model seeks to explain the acceleration of the Universe
as inferred from supernova observations, the observed Cosmic Web and the Cosmic Mi-
crowave Background. Lambda (Λ) refers to the cosmological constant, possibly related
to a dark energy, which would is believed to induce the repulsive gravitational force be-
hind the current acceleration phase of the Universe. Cold Dark Matter is the name used
for a species of dark matter which is non-relativistic, non-baryonic, dissipationless and

13Independently confirmed from CMB fluctuations by WMAP
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Figure 6.34: The three dominant species in terms of their contribution to the total energy content
of the Universe. Dark Energy accounts for 73.2 % of the total energy content of the Universe,
Dark matter 26.6 % and normal matter or baryons merely 4.4 %.

collisionless and is the dominant medium for the formation of structure in the Universe.
The ΛCDM main components of the Universe according to the latest observations are
shown in Figure 6.34.

Large Scale Structure in the Universe

The Big Bang Theory provides an answer to the origin of the Universe and its global
properties. However, it can not explain the rich tapestry observed in the distribution of
matter at all scales. The distribution of matter has a remarkable hierarchical nature. Plan-
ets orbiting stars, associations of stars, clouds of gas and dust all aggregate to form highly
organized systems known as galaxies. Galaxies themselves form pairs, groups and clus-
ters with hundreds and even thousands of members. Finally these massive systems of
galaxies are the connecting nodes of the biggest structures in the Universe: the superclus-
ters.

Anisotropic collapse

The formation of structures in the Universe is the result of the gravitational growth of the
primordial density fluctuations. Gravity has an amplifying effect on the initially smooth
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fluctuations. Any region with a density higher than its surroundings will collapse and
increase its contrast. The increase in contrast will be reflected in the gravitational field
which will attract even more matter into the initial perturbation. The opposite effect
occurs in underdense regions. As matter flows out of them they become less dense. The
gravitational force will be weaker and more mass will escape from the underdense region.
All in all this will result in a runaway process in which any perturbation will be amplified.
Overdense regions will collapse until they become bound objects and underdense regions
will expand until they are devoid of matter.

The gravitational collapse of a cloud of matter can be described (to a first approxi-
mation) by idealizing it as a triaxial ellipsoid and assuming that each of its three main
axis collapse independently. In such case it can be shown that the smallest axis will be
the first to collapse, forming a flattened pancake. The middle axis will then collapse,
this time bringing the cloud to a sausage shape. Finally the largest axis will collapse to
produce a spherical configuration.

In reality the collapse of a cloud is far more complicated. It depends not only on its
own gravity but on the external gravitational field. The tidal field produced by this field
plays a major role in the evolution of the collapsing cloud, and perhaps more important,
it defines the overall distribution of matter around the region. This is the basis of the Cos-
mic Web theory devised by Bond and collaborators. It explains the characteristic cellular
nature of the distribution of matter on large scales, forming a network of interconnected
elements: the Cosmic Web.

Morphology of the Cosmic Web: the cosmic zoo

The Cosmic Web forms an all pervading network in which we can identify three basic
components or morphologies: clusters, filaments and walls (see figure 6.35).

Clusters

The most outstanding concentrations of galaxies are the clusters of galaxies. They stand
out as the most massive, and most recently, fully collapsed and virialized objects in the
Universe. The richest clusters contain many thousands of galaxies within a relatively
small volume of only a few million light years in size. The galaxies and their stars only
form a minor constituent of of clusters, they are trapped and embedded in deep gravi-
tational wells of dark matter. The clusters can be identified as a major source of X-ray
emission, emerging form diffuse extremely hot gas trapped in the cluster’s gravitational
potential. This intracluster gas represents a more prominent baryonic component of the
cluster, and in a sense clusters may be seen as hot balls of X-ray emitting intracluster
gas. Clusters are characterized by extremely violent environments in which galaxies are
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Figure 6.35: Projection on the northern sky of a shell of 1000 Km s−1 centered at 6500 km
s−1 in recession velocity (after Fairall (1997)). The horizon (thick circle) corresponds to the
equatorial plane at declination δ = 0. The marks in the horizon indicate the right ascension α.
Galaxies are represented as black dots scaled with their redshift. Several clusters are indicated
by name as marked by a dark gray circle. The elongated gray patch devoid of galaxies crossing
the sky corresponds to the plane of the Milky Way. Note the prominence of voids in the overall
distribution of galaxies.

strongly affected by tidal fields and galaxy-galaxy gravitational interactions. A typical
example of a rich cluster is the Coma cluster (A1656) containing more than a thousand
galaxies and a mass of the order of ∼ 1015 M� h−1 .

Filaments

The regions between clusters define the place of formation of elongated bridges of matter
known as filaments. They form highly coherent streams from which clusters accrete mat-
ter. Clusters and filaments form a frame of interconnected structures or a ”Cosmic Web”
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Figure 6.36: Clusters, filaments and walls identiffied with the MMF. We show the surfaces en-
closing regions identiffied to each morphology. For clarity we only display the largest structures.

that pervades through space. One of the best know examples is the Pisces-Perseus Su-
percluster. It is a system of clusters and filaments spanning across more than 300 million
light years. It is dominated by the Perseus cluster, one of the most massive in the nearby
Universe.

Walls and voids

Filling the regions between filaments one can find tenuous planar associations known as
walls. They are extremely difficult to identify given their low surface density. Walls de-
fine the edges of vast empty regions of space known as voids. They are almost completely
devoid of galaxies and dominate the overall constellation of the large scale matter distri-
bution.

This thesis

In spite of the relevance of the Cosmic Web for our understanding of the formation of
structure in the Universe, even more so given its importance for defining the diverse
cosmic environments in which galaxies form and evolve, it is interesting that as yet there
is not a well-defined and objective technique for identifying the morphological elements
in the Cosmic Web.

A proper characterization of the Cosmic Web is crucial in order to identify, differ-
entiate, select and isolate the different morphological and dynamical environments. The
availability of such a method would open up unprecendented possibilities for a much bet-
ter and more focussed and well-defined study of the cosmic web and its denizens. It will
provide a physically much better definition of cosmic environment than hitherto available
and pave the way for an incisive and considerably improved assessment and understand-
ing of the influence on the formation of galaxies.
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Figure 6.37: Inventory of the Cosmic Web in terms of volume (left) and mass (right) of clusters,
filaments, walls and the field (voids plus structures not assigned to any morphology).

In this thesis I introduced a novel descriptor of the Cosmic Web: the Multiscale Mor-
phology Filter (MMF). The method is based on techniques borrowed from image pro-
cessing, computer vision and in particular medical imaging. The MMF allows us to
identify clusters, filaments and walls in the large scale matter distribution of the Universe
(see figure 6.36). With the use of this tool we study several properties of the individual
components of Cosmic Web. This thesis also addresses the effect that the Cosmic Web
has on the properties of galaxies such as mass, formation time, angular momentum (spin
parameter), shape, matter infall, shape-LSS orientation and spin-LSS orientation.

Most of this thesis is devoted to the study of computer generated Universes containing
only dark matter. The last chapter presents a study of the spin orientation of real galaxies
taken from the Sloan Digital Sky Survey.

Characterizing the Cosmic Web

We applied the MMF to a cosmological N-body simulation, run until the present time, in
order to identify and extract clusters, filaments and walls. The output of the morphologi-
cal filtering is shown in Figure 6.36. We plot the surfaces enclosing regions correspond-
ing to each of the three morphologies. Clusters (left panel) are depicted as spheres with
various sizes reflecting the multiscale nature of the MMF. Filaments (center panel) are
presented as elongated shapes running between clusters and finally walls (right panel) are
shown presenting complex shapes and topology.

Inventory of the Cosmic Web

We studied the general properties of each morphology of the Cosmic Web. The total
mass and volume are particularly interesting since they determine the dominance of one
morphology over the others. Clusters, are the nodes, and the densest and most compact
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component in the Cosmic Web (see the inventory of the Cosmic Web in Figure 6.37).
Filaments are less dense but contain most of the mass of the Universe. Walls are less
prominent and less dense than filaments. They contain a relatively small fraction of the
mass and volume of the Universe. Finally the field, here representing voids plus every-
thing that is not classified by the MMF is the most underdense and covers most of the
space.

The Cosmic Network

We performed an exploratory study of the properties of the Cosmic Web. We paid spe-
cial attention to filaments and to the cluster-filament-cluster connection since they form
the structural basis of the Cosmic Web. Visual inspection of the Cosmic Web reveals a
rich zoo of structures. Among them, filaments are the most conspicuous but also very
difficult to classify. We propose a simple classification of filaments based on their visual
appearance, which introduces a level of subjectivity. Filaments can be divided in four
basic types: ”line” filaments, ”star” filaments, ”grid” filaments and ”complex” filaments.
Examples of each are shown in figures 6.38 and 6.39. From the catalog of filaments
we were able to study their length and mass distribution as well as their density profile.
As expected in a hierarchical scenario of structure formation small filaments are more
abundant than large massive ones.

The Cosmic Web is an evolving system and even though the development of large
scale structure has frozen matter still falls and flows into clusters, filaments and walls.
We studied the flow of matter inside filaments and walls and in their vicinity. The ve-
locity flow closely delineates the gravitational field responsible for the shaping of the
structures themselves. Matter assembles into the weblike patterns of filaments and walls,
whose outline is traced out by the large scale tidal gravitational forces induced by the in-
homogeneous cosmic matter distribution. Matter that has entered into filaments and walls
flows along these transport channels into the closest cluster.

We confirmed a previous study indicating that, with a few assumptions about the dy-
namical state of filaments, it is possible to derive an expression for their mass in terms
of their velocity dispersion. This result can be used to measure the mass of filaments ob-
served in galaxy catalogs in a similar fashion as the mass of clusters. With more extended
studies on the distribution of filament mass and size for different cosmologies this may
even provide a new way to derive the cosmological parameters.
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Line filament

Star filament

Figure 6.38: Three orthogonal projections of typical line (top) and star (bottom) filaments. Dark
matter particles are indicated by filled gray circles. The spine of the filament is also shown, by
black dots, in order to better delineate the shape of the filaments.
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Grid filament

Complex filament

Figure 6.39: Three orthogonal projections of typical grid (top) and complex (bottom) filaments.
Dark matter particles are indicated by filled gray circles. The spine of the filament is also shown,
by black dots, in order to better delineate the shape of the filaments.
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Galaxies in the Cosmic Web

We run a large high resolution cosmological N-body simulation in order to study the re-
lation between the properties of galaxies and their large scale environment. Traditionally
environment has been defined only in terms of local density. In this thesis we use a more
generic definition which includes the local morphology of the cosmic matter distribution.
We demonstrate it to constitute an essential element for the characterization of a galaxies’
environment.

Figure 6.40: A halo identified with HOP and
its subhaloes identified with FracHop. The gray
scale indicates density in logarithmic scale, dark-
gray particles have higher density than light-gray
ones. The circles enclose all subhaloes except
the largest one, and are scaled as M1/3

halo with ar-
bitrary size chosen to give a clear impression of
the substructures.

Halo and subhalo catalogues

We limited our study to dark matter
haloes which are assumed to host lumi-
nous galaxies. In order to obtain a cat-
alog of dark matter haloes we devised a
new simple but efficient method for identi-
fying substructure embedded inside larger
haloes: the FracHOP subhalo finder (see
Figure 6.40). It is based on the well known
HOP halo finder and together with the
MMF forms the basis of our study.

Galactic haloes were identified at the
present time and traced back in time in
order to study their evolution. A typical
dark matter halo is a dense concentration
of dark matter with an triaxial shape. This
can an elongated cigar shaped or flattened
pancake shaped. Spherical configurations
are rare, or hardly existent. The orientation of the halo is defined to be the direction of
the largest axis of the object.

Properties of haloes in the Cosmic Web

A major contribution of this thesis was the objective study of properties of haloes with
respect to their host large scale structure. The use of the developed MMF technique pro-
vided us for the first time with the unique ability to study objectively the properties of
haloes with respect to their host large scale structure. It forms one of the major contri-
butions of this thesis and allowed us to study several physical characteristics of haloes in
terms of morphological environment, such as :

• formation time
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• mass function

• local density

• shape

• angular momentum.

Matter infall

The way haloes accrete mass is strongly affected by their environment. Matter in the
vicinity of filaments in pulled towards the filament while matter that is already inside the
filament flows along it into the nearest cluster. This sets preferred directions of infall as
well as interactions with other haloes. The same occurs for haloes located inside walls.
We studied the time evolution of the main direction of infall for a few case studies. Our
results indicate a strong dependence of the infall with the large scale structure and, in
the case of walls, a characteristic change in the infall reflecting the collapse in the linear
phase.

Shape and spin orientation

We studied both shape and spin alignment of haloes with respect to their host filament
or wall. The shape and spin of haloes is oriented in specific directions dictated by their
local large scale structure. Haloes in filaments have their major axis oriented in the same
direction as their host filament. This is to be expected given the coherence of the tidal
field inside filaments and the infall of matter (also affected by the tidal field). Haloes in
walls also have their shape oriented in the plane of the wall.

We found that the spin of haloes is correlated with the large scale structure. The ef-
fect depends on mass and time. Haloes were more strongly oriented in the past and in the
present time massive haloes are oriented perpendicular to their host filaments while less
massive ones are parallel. This trend is also observed at earlier times. The spin vector of
haloes in walls lies in the plane of the wall at all times. The signal we found is very small
but statistically significant.

Spin orientation of spiral Galaxies in SDSS filaments

In the last chapter we studied the spin orientation of spiral galaxies with respect to the
direction of their host filament. The galaxies used in this study were selected from the
Sloan Digital Sky Survey, the largest galaxy survey containing almost a quarter of a mil-
lion galaxies and their 3D positions.

We describe the various steps needed in order to perform the morphological seg-
mentation from the discrete galaxy sample. In our analysis we considered the particular
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Original Hole Reconstructed

Figure 6.41: Filling of a hole using the DTFI: The left panels show the Delaunay tessellation
(top) and density field (bottom) corresponding to the biased particle distribution in an N-body
simulation. Central panels show the corresponding Delaunay Tessellation and density field after
a ”hole” has been cut from the original particle distribution. The hole is indicated by the hori-
zontal shaded area crossing the top panels. The final result of applying the DTFI is shown in the
right panels. The DTFI manages to reconstruct the original density field following the adjacent
geometry of the galaxy distribution.

geometry of the survey, the change in the mean number of galaxies as function of their
distance from us, the distortion in the distance estimation produced by peculiar velocities
(redshift distortions) and the effect of holes in the sky mask produced by non uniform
coverage.

In order to minimize the effect of holes in the survey we developed a new interpolation
scheme based on the Delaunay triangulation of the galaxy distribution (see Figure 6.41).
We assume that the geometry around the hole contains information about the geometry
inside the hole and use the Delaunay tessellation to interpolate the density field. Our
first results indicate that our method offers an effective way to fill gaps in surveys with a
minimum of assumptions and free parameters.

We focus our study of spin orientation on galaxies located inside filaments given their
easier identification compared to walls. Figure 6.42 shows the density field reconstructed
from the galaxy distribution (top panel) and the largest filaments identified with the MMF
(bottom panel). We then compared the local direction of the filament with the spin vector
of spiral edge-on galaxies. We divided the sample in bins in color and luminosity and
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Figure 6.42: Top: density field computed from the galaxy distribution using the DTFE method.
Bottom: The surfaces enclosing regions of space identified as filaments. The filaments closely
delineate the patterns in the Large Scale Structure.

found a relation between them and spin alignment (although weak). Spiral galaxies lo-
cated in filaments have their spin vector pointing parallel to the filament. The effect is
stronger for bluer galaxies. The signal is nevertheless small and its statistical significance
does not allows us to draw firm conclusions. The observed behavior is intriguing and is a
motivation to repeat the analysis using a larger galaxy sample.
Final conclusions

We have presented a novel method that allows us to define environment in terms of its
morphology. The MMF provides a complete framework to identify clusters, filaments
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and walls in a self-consistent way.
By segmenting the Cosmic Web into its basic components we are able to study the

properties of each morphology independently. Properties of filaments, walls as well as
their content can be studied and compared to theoretical predictions. This is a crucial
advantage of the MMF since many theoretical studies are based on idealized cases. This
often makes it very difficult to test theory against observations without a proper morpho-
logical characterization.

We hope that the MMF presented here (or other perhaps better implementations) will
open the path towards a better understanding of the complex relation between the ele-
ments of the Cosmic Web and their close relation to the formation of galaxies and their
evolution.
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Böhringer, H., Schuecker, P., Guzzo, L., et al. 2001, A&A, 369, 826

Bond, J. R., Cole, S., Efstathiou, G., & Kaiser, N. 1991, ApJ, 379, 440

Bond, J. R., Kofman, L., & Pogosyan, D. 1996, Nature, 380, 603

Bond, J. R. & Myers, S. T. 1996a, ApJS, 103, 1

Bond, J. R. & Myers, S. T. 1996b, ApJS, 103, 41

Bond, J. R. & Myers, S. T. 1996c, ApJS, 103, 63

Braun, J. & Sambridge, M. 1995, Nature, 376, 655

Brunino, R., Trujillo, I., Pearce, F. R., & Thomas, P. A. 2007, MNRAS, 375, 184

Bryan, G. L. & Norman, M. L. 1998, ApJ, 495, 80

Bullock, J. S., Dekel, A., Kolatt, T. S., et al. 2001, ApJ, 555, 240

Cabanela, J. E. & Aldering, G. 1998, Astron. J., 116, 1094

Cabanela, J. E. & Dickey, J. M. 1999, Astron. J., 118, 46

Catelan, P. & Theuns, T. 1996, MNRAS, 282, 455

Chamaraux, P. & Masnou, J.-L. 2004, MNRAS, 347, 541

Chen, D. N. & Jing, Y. P. 2002, MNRAS, 336, 55

Chiang, L.-Y. & Coles, P. 2000, MNRAS, 311, 809

Chincarini, G., Thompson, L. A., & Rood, H. J. 1981, ApJL, 249, L47

Chincarini, G. L., Giovanelli, R., & Haynes, M. P. 1983, A&A, 121, 5

Cohen, J. G., Cowie, L. L., Hogg, D. W., et al. 1996, ApJL, 471, L5



Cohn, J. D., Bagla, J. S., & White, M. 2001, MNRAS, 325, 1053

Colberg, J. M. 2007, MNRAS, 375, 337

Colberg, J. M., Krughoff, K. S., & Connolly, A. J. 2005a, MNRAS, 359, 272

Colberg, J. M., Sheth, R. K., Diaferio, A., Gao, L., & Yoshida, N. 2005b, MNRAS, 360, 216

Colberg, J. M., White, S. D. M., Jenkins, A., & Pearce, F. R. 1999, MNRAS, 308, 593

Cole, S. 1991, ApJ, 367, 45

Cole, S., Aragon-Salamanca, A., Frenk, C. S., Navarro, J. F., & Z., S. E. 1994, MNRAS, 271, 781

Cole, S., Hatton, S., Weinberg, D. H., & Frenk, C. S. 1998, MNRAS, 300, 945

Cole, S. & Lacey, C. 1996, MNRAS, 281, 716

Cole, S., Lacey, C. G., Baugh, C. M., & Frenk, C. S. 2000, MNRAS, 319, 168

Coles, P. & Chiang, L.-Y. 2000, Nature, 406, 376

Colless, M., Dalton, G., Maddox, S., et al. 2001, MNRAS, 328, 1039

Colless, M., Peterson, B. A., Jackson, C., et al. 2003, ArXiv Astrophysics e-prints

Colombi, S., Pogosyan, D., & Souradeep, T. 2000, Physical Review Letters, 85, 5515

Cooray, A. & Sheth, R. 2002, Physics Reports, 372, 1

Croft, R. A. C. & Metzler, C. A. 2000, ApJ, 545, 561

Croton, D. J., Gao, L., & White, S. D. M. 2007, MNRAS, 374, 1303

Davis, M., Efstathiou, G., Frenk, C. S., & White, S. D. M. 1985, ApJ, 292, 371

de Lapparent, V., Geller, M. J., & Huchra, J. P. 1986, ApJL, 302, L1

de Lapparent, V., Geller, M. J., & Huchra, J. P. 1991, ApJ, 369, 273

De Lucia, G. 2006, ArXiv Astrophysics e-prints

de Vaucouleurs, G. 1976, ApJ, 203, 33

Dekel, A. 1985, ApJ, 298, 461

Dekel, A. & Rees, M. J. 1987, Nature, 326, 455

Delone, B. N. 1934, Bull. Acad. Sci. USSR: Classe Sci. Mat, 7, 793

di Nella, H., Couch, W. J., Paturel, G., & Parker, Q. A. 1996, MNRAS, 283, 367

Diaferio, A. & Geller, M. J. 1997, ApJ, 481, 633

Dietrich, J. P., Schneider, P., Clowe, D., Romano-Dı́az, E., & Kerp, J. 2005, A&A, 440, 453



308

Doi, M., Fukugita, M., & Okamura, S. 1993, MNRAS, 264, 832

Dolag, K., Meneghetti, M., Moscardini, L., Rasia, E., & Bonaldi, A. 2006, MNRAS, 370, 656
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